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Abstract

Cosmological hydrodynamic simulations have shown thabdes$ are fed by dense, cold gas streams
at high redshift. However, the presence of such gas has beesr observationally confirmed. Using
the HOR1IZON-MARENOSTRUM simulation, | examined whether cold flows are detectabldn \atv-
ionisation metal absorption lines, such ad @1334. It is concluded that due to their low metallicity and
density, it is extremely difficult to prove/disprove the geace of cold flows using the metal absorption
lines. Revisiting the acquisition of angular momentum sctdjalaxies using high resolution simulations,
| found that at the time of accretion, gas and dark matter gy @similar amount of specific angular
momentum which is systematically and significantly highermiinimum by a factor of 2) than that of
the dark matter halo as a whole. Whereas cold streams girgetosit this large amount of angular
momentum within a sphere of radius~ 0.1R,;,, dark matter particles easily pass through the central
region, depositing their angular momentum over a much mpatiadly extended region. As a result,
in our simulations neither the total specific angular momenof the baryons nor its radial profile ever
follows that of the virialised dark matter halo, contraryvithat is typically assumed in the standard
theory of disc galaxy formation. In order to better undardtthe formation of disc galaxies and the
missing baryon problem in ACDM universe, continuous, collective galactic winds arplemented. It
is demonstrated that stellar feedback processes are atlppoess star formation by 30% atz = 3,
compared to that from the run without feedback sources,ttilliproduces an unrealistic central peak
in the rotation curve. Although inclusion of hypernovaetlier suppresses star formation, it is unable to
guench the formation of low-angular momentum stars enoagkrhove the peaked rotation curves at
high redshift. Finally, feedback from active galactic reidurns out to be effective at suppressing star
formation in massive galaxies at< z < 2, reproducing their observed number densities in the rédshi
range. However, further suppression of residual star foaaomas required to form quiescent galaxies at

z = 2.
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Chapter 1

Introduction

Understanding the formation of galaxies is a long-standésgie. Three decades ago, galaxies were
thought to form in a simple monolithic collapse of a selfyt@ing spherical cloud. Based on the
observation that low metallicity stars have high ecceitiee and low angular momenta, Eggen et al.
(1962); Larson (1974) suggested that old, metal-poor hals $orm from initially free-falling gas in-

100 Myr, whilst gas enriched by the halo star formation latgtles into the disc and form a metal-rich
population. However, Searle & Zinn (1978) noted a large theitst spread in the halo globular clusters,
and proposed a different picture in which the outer halo efMilky Way is formed by the accretion
of protogalactic, individual gas fragments. A more complpicture of galaxy formation theory was
presented by White & Rees (1978), who considered the grofrghlaxies in a hierarchical, dark matter-
dominated universe. Based on the analytic theory of stredtrmation developed by Press & Schechter
(1974), the authors came up with a picture in which gas firsapses into dark matter haloes, settles
into the centre through atomic radiative cooling, and fostass. Since then, many attempts have been
made to further refine the hierarchical paradigm by compaphedictions from the theory and a large set
of observations (e.g. Kauffmann et al., 1993; Katz et al9gt ®evriendt et al., 1999; Somerville et al.,
2008; Joung et al., 2009; Kimm et al., 2009; Oser et al., 2012)

An important prediction from the hierarchical picture isitlthe most massive structure forms last
(Press & Schechter, 1974). This appears to be in stark cbntith the observations suggesting that the
most massive galaxy forms first (e.g. Cowie et al., 1996; durmt al., 2005; Thomas et al., 2005). Using
a galaxy sample dt.8 < z < 2 from the Gemini Deep Deep Survey, Juneau et al. (2005) fauwetdess
massive galaxies are more actively star forming, and tresthr formation rate density declines with

decreasing redshift for a given stellar mass. Higle] abundances observed in massive galaxies also



require a short, strong burst of star formation in the higlshéft universe, whereas less massive galaxies
seem to have more extended star formation histories (Theitrels 1999).

In order to reconcile the anti-hierarchical features, yyfarmation theory necessitates some process
that can effectively regulate star formation in massivaxgials. Inclusion of supernova explosions is not
satisfactory, because gas blown away in a massive halong poae-collapse and accumulate at its centre
as the ejection of gas scales §s? (Dekel & Silk, 1986). As a result, early theoretical modelishw
supernova feedback predict too many massive galaxies fiidaoh et al., 1999; Benson et al., 2003).
This over-cooling problem has also been a puzzling issualisxg clusters, where observed X-ray flux
is significantly weaker than theoretical predictions, irieghhhot halo gas suffers from radiative losses in
the absence of an energy source and forms massive cooling ificilve cluster core (Fabian, 1994). A
solution to the cooling catastrophe was found by Binney &orgth995); Ciotti & Ostriker (1997), who
argued that energy from a central massive black hole cotetahe cooling flow. Silk & Rees (1998);
King (2003) also put forward the idea that liberation of ardidton-limited energy from the central
engine self-regulates the growth of black hole and starsérspheroid, resulting in the tight correlation
between galaxy internal properties and the black hole neagsilagorrian et al., 1998; Gebhardt et al.,
2000; Ferrarese & Merritt, 2000). X-ray cavities detectedaol-core clusters (Boehringer et al., 1993;
McNamara et al., 2005; Fabian et al., 2006) are likely to cetlee feedback from active galactic nuclei
in action. Motivated by these results, several studiegdetste connection between supermassive black
holes and star formation using semi-analytic models or mig@esimulations, and reached a conclusion
that feedback from active galactic nuclei can provide aglde explanation for the anti-hierarchical
features by quenching star formation at low redshift (emuver et al., 2006; Croton et al., 2006; Sijacki
et al., 2007).

Meanwhile, Persic & Salucci (1992) claimed that a sizeafaetion of the baryons is missing in the
local Universe. By convolving the luminosity function andss-to-light ratios derived in the literature,
they found that the total stellar mass can only account f&s than 10% of the total baryons predicted
by the ACDM cosmology. The contribution from hot gas to all baryamslusters turned out to be even
smaller than that from stars. Given that massive haloesaaee the missing baryon problem indicates
that it is the less massive haloes that are baryon-deficiedeed, on cluster scaledfy, > 104 A1)
hot gas alone appears to account for 90% of the total baryongg, the radius within which the average
density is 500 times the critical density of the Universg.(&in et al., 2003). The baryon deficiency in

less massive haloes is not unexpected in the sense thatateenaitioned supernova feedback can in



1.1. Cosmology

principle blow gas away more easily in smaller haloes (Dé&kslilk, 1986). For example, some semi-

analytic models were successful at matching the low-endnlosity function by assuming that 20% —

60% of energy from supernova explosions is directly useddw lgas out/away (Benson et al., 2003;

Khochfar et al., 2007). However, the question is how effecthe explosion could be in reality, given

that a large fraction of supernova energy is bound to be tedliaway in the dense shell accumulated
behind a shock (Thornton et al., 1998).

On smaller scales, there has also been some discrepancydpetineory and observation. Whereas
dark matter-only simulations predict that a halo with10'? M/, should possess: 300 small haloes
with V. 2, 20km s~! (Moore et al., 1999; Klypin et al., 1999), only about 60 déts are observed in
the local group (e.g. Simon & Geha, 2007). Using several saralytic models, Maccio et al. (2010)
demonstrated that the interplay between reionisation lsynéo UV background radiation and super-
nova feedback may solve the missing satellite problem, mragcthe luminosity function in the range
—2 < My < —17. Although recent high-resolution cosmological simulaicould not confirm these
results (Wadepuhl & Springel, 2011; Geen et al., 2012), thetl success in reproducing the observed
luminosity function of the satellites again appears torieffective feedback processes.

Feedback is now central to understanding the formation Exges in the hierarchical paradigm.
However, it should be emphasised that the basic framewoskrofture formation remains very similar
to what it was three decades ago. The growth of the dark nfeteror acquisition of angular momentum
can still be understood in the context of density pertudsetigrowing in an expanding universe, as laid
out by ACDM cosmology. This linear perturbation theory gives muasight into how the bottom-up
picture arises, allowing us to predict gross features ofet@ution of the universe. In this chapter,
we present the important basic framework of galaxy fornmabiefore discussing numerical techniques
and results from cosmological hydrodynamic simulationgedback processes will be described and

discussed in detail in Chapter 2 and 5.

1.1 Cosmology

In 1929, Edwin Hubble found a linear correlation betweendistances to galaxies and their receding
velocities (Hubble, 1929), which is evidence of an expagdiniverse (Lemaitre, 1927). This suggested
that the Universe was once smaller and hotter. The observatithe nearly perfect blackbody spectrum
by the Cosmic Background Explorer (COBE) supported therthdwat the early Universe was hot and

opaque. The abundances of deuterium, helium, and lithisogssed in the hot universe lend further
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support to the hot Big Bang model.

According to the standard hot Big Bang model, the inflatignexpansion of the Universe occurs
at1073¢ < t < 1073? s, making the Universe homogeneous and flat. When the tenuperaf the
Universe decreases 10~ 3 x 1012 K (t ~ 107° s), hadrons, such as protons and neutrons, are created.
At this point, neutrons and protons are in equilibrium tlgleunteractions with electrons, positrons,
and neutrinos. As the particles decouple arotnd 1 s when the temperature drops 16'° K, light
elements (deuterium, helium, beryllium, and lithium) ayatBesised until about 20 minutes after the
Big Bang. From then on, the Universe expands adiabaticaity 880 000 years when the temperature
of the Universe becomes so loW (~ 3000 K') that photons can no longer photo-dissociate hydrogen
atoms and begin moving around freely. This important epscialied the recombination era{ 1100).

The dynamics of the Universe can be described with the Frag@tnequation, which is a solution of
the Einstein’s field equation of general relativity for théeemann-Lemaitre-Robertson-Walker metric,

-\ 2

H2(t) = (g) = %p— % + % (1.1)
where H(t) is the Hubble parameter, and the scale factQmrépresents the expansion of the Universe
by mapping the comoving coordinatg)(to the physical coordinater asr(t) = a(t)x. The first
term in Equation 1.1 includes the contribution from the mrattensity f,,) and the radiation density
(p,), which scales as—2 anda*, respectively. The exponent -3 comes from mass consenvatitng
the expansion, while an additional factor is required fa tadiation, because waves propagating in
an expanding universe are stretched. The second term isiaesbwith the geometry of the universe,
with £ > 0 meaning a closed space. Observations of the cosmic miceoheskground radiation (e.g.
Dunkley et al., 2009) suggest that the Universe is geonadlirifiat (¢ = 0). The last term was originally
introduced to prevent stars from falling into Earth, butsitniow widely accepted as a term accounting
for the existence of “dark energy”, which acts as a repeliorge, contrary to the gravitational attraction
exerted by conventional energy sources. As the universanelgy waves emitted at,,, are redshifted

and observed aX,;,s. This defines the redshift)




1.1. Cosmology

Equation 1.1 gives another interesting scale, called titieadrdensity {.), by settingk = 0 andA = 0

2
pc(t) = 351((;) :

Equation 1.1 can then be written as

. 2
QO QO QO
H2t _ g :H2 m,0 r,0 k 0
Q () 0 L%t)*a‘l(t) 20 TN

whereQum, 0 = pm,0/Pc,0, Q.0 = Pr,0/Pe0, ANAQ, = Hg/k:. A subscript0 denotes quantities at present.
This means that radiation is the most important form of enémgthe early Universe, whereas matter
governs the dynamics of the later Universe. Finally, dadegy plays a major role, as the contributions
from radiation and matter become less significant.

Since the decay rates of matter and radiation are diffetbate exists a special moment at which

radiation and matter density become equal. This is calleéffoch of matter-radiation equality

Qm,O
Qr,O

1+ zeq = = 2.4 x 10* Q,, 0h*%.

After this epoch, matter begins to dominate over radiatiorg thus density fluctuations (at sub-horizon
scales) begin to grow.
It is also interesting to evaluate how the Universe evolvesegtain epochs. In the radiation-

dominated era, the Universe expands as

1/4
a = <%> /2

On the other hand, in the matter-dominated era, the expabgicomes

. (%)”3. 12)

The last equation is also called the solution for an Einstigirsitter universe.
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1.2 Structure formation

1.2.1 Linear perturbation theory

As a result of inflation, the Universe is thought to have besarearly homogenous, apart from the
existence of small density perturbations, which are froaenhafter the mass-radiation equality. The

fluctuations are usually expressed in terms of density aeti(x, ¢)
p(x.t) = pm(t) [1 +0(x,1)], (1.3)

wherepy, is the background matter density of the universe.

The perturbed motion of the density field can be describel thi linearised Euler equations as

V2¢ = 4nGpa’s. (1.4)
wherep = ®—2wGpa’z? /3. By taking the divergence of the second equation and reygabie potential
term from the third equation, one can get the perturbatiaraton

9% _ads 3 5 0

A general solution of the equation in an Einstein-de Sittéverse includes one decayin® () and one
growing mode D)

§ = A(x)D4(t) + B(x)D_(2).

HereD(t) is called the growth factor, and the growing mode solution is
Dy t*? x a.

Thus, perturbations grow in proportion to the scale faatcain Einstein-de Sitter universe. In a similar

manner, it can be shown that the growth factor is proportitma? in the radiation-dominated era. For
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Q.. # 1, the growth factor is

Qo H ) 142
-T2 ). =)

z

D(z) dz'.
Note that the growth of perturbations is slower than in theskgin-de Sitter universe, because the uni-

verse expands more rapidly in this case.

1.2.2 Power spectrum and transfer function

The existence of the cosmic web and the solar system meanth#dra must have been some initial
density perturbations originating from quantum fluctuagialuring inflation. These perturbations are, to
a large extent Gaussian distributed, allowing us to harmi& evolution using Fourier modes.

The Fourier transform of the over-density is written as

i(x,t) = %/5(&0 exp(ik - x)dk

o(k,t) = %/5(&1‘,) exp(—tk - x)dx.

For Gaussian random fields, an ensemble average of thepaed-®ver-density i§x) = 0, and each
Fourier mode is independent. The beauty of Gaussian fielttgtstheir statistical properties can be
characterised without loss of information by a power spaotwhich, in the case of the inflation induced

fluctuations, can be expressed in power-law form
P(k) = (|6(k)|*) = Ak™. (1.6)

A spectrum with index:s = 1 is called Harrison-Zeldovich, and yields scale-invariflattuations in
the gravitational potentiab@® oc k[*~1/2). The primordial spectrum¥;(k), can change over time due
to several reasons. First, during the radiation-dominatagdmatter fluctuations are tied to radiation, and
hence the sub-horizon perturbations do not grow while shpgron fluctuations can grow @sox a?.
This means that fluctuations on small scales k., = 2m/).q) Will enter the horizon first, and be
frozen thereafter until matter governs the dynamics of thigeuse. Here\., is the comoving scale of
the horizon at the epoch of matter-radiation equality. 8dcduring the recombination era, free photons
diffused from hot, dense regions are able to damp densityteangerature fluctuations on small scales

(Silk damping). These kinds of change in the spectrum arswsubd in a function, called the transfer
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functionT'(k), defined as

P(k) = P;(k) T2(F).

Note that since perturbations on the super-horizon scale grith the expansion of the universe, the
shape of the primordial spectrum should be preserved oe keglesT ~ 1 for k < keq). On the
other hand, smaller perturbations cross the horizon editigoroportion toa? o \?) during radiation-
dominated era, hence the growth of high frequency pertiorsis preferentially modulated (o< k~2).
Thus, onceP;(0) is known, the evolution of density perturbations can berdeteed by specifying the
transfer function. The exact form of the transfer functi@pends on whether initial fluctuations are

adiabatic §,, = ¢,, e.g. Eisenstein & Hu 1998) or isocurvatubg,(= —d.).

1.2.3 Spherical collapse model

The collapse of an object can be determined by solving thedféann equation. Let us assume the
existence of an over-dense sphere of radius a flat universe. According to the Birkhoff's theorem,
the over-dense region is subject to the gravity of the totassninside the sphere, and therefore it is
mathematically the same as a closed universe. A solutidmsrcase is given by a parametric form of

62 o
T—A(1—0059)~A<5—ﬂ>

3 5
tzB(H—sinH)%B(g— o ),

6 120
where
A3 g 1 3a,\*/*
T 1006, - 12\ 55, )
i 2HoQ ) i

There are two special moments= 7 andf = 27. The former indicates the moment at which the radius
of the sphere is maximal and begins to shrink. This turncadius isr.,.,. = 2A. In the latter case, the

radius goes to zero, and hence it represents the collapse sphere. The evolution of the sphere is then

3\*? [ 3q, . 2/3
a= (1) (5_62> (0 —sin0)

At the collapsing point{ = 27), the above equation becomes

a;

Qeoll == 1.686 5
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This means that a sphere would collapse to a point whgn= 1.686.

In reality, particles do not accumulate at the centre, bsiieimd reach virial equilibrium. Using the
virial theoremE = W/2, wherelW and K are the potential and kinetic energy, we can firillat satisfies
W (rmax) = W(ryir)/2. This occurs wherryi, = ryax, and thereforéd = 37/2. At this point, the

density of the sphere with respect to the background deasitshich the collapse occurs £ 2t,,.y) iS

p(e - 37T/2) . p(tmax) ﬁ(tmax) (Tmax

3
— — 1872 ~ 178.
ﬁ(@ = 27'(') ﬁ(tmax) ﬁ(thaX) )

Tvir

Thus, for{2,, o = 1, the virial density contrast id;, = 1 — pyi;/p =~ 177. For a non-zero cosmological
constant, the virial theorem should take the energy fromdtr& energy into accounts( = —W/2 +

Wa). A useful approximation for a flat universe with a non-zeosrmological constant is
Ayir ~ (1872 + 822 — 392?)
wherez = Q(2) — 1 andQ(z) = Qo(1 + 2)3/[Qo(1 + 2)? + Q4] (Bryan & Norman, 1998).

1.2.4 Press-Schechter Theory

Press & Schechter (1974) investigated how Gaussian ranedsts volve in the linear regime and form

structures by considering an over-dense cloud of Mméssmoothed on a scale
M) = [ o0 W+ 1 R,

whereW (r; R) is a window function that sharply decreases at R. The smoothed Gaussian random

fields are generally described by

1 52
p(6)dd = Toron exp [—@} dé,

where the variance in mass,) is

o3 = {|ow(x)*) = 53 /P(k)WQ(kR)dek.

Rigorously speaking, only a Gaussian random field smoottigdarsharpk-space filter is truly Gaussian (Bond et al.,
1991; Lacey & Cole, 1993), because the phases of two différerodes remain uncorrelated . This is not the case for Gaussian
or spatial top-hat filters which have wings that extend taitely largek modes.
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Here W is the Fourier transform of the window functidf. Note that the variance is associated with
the mass of dark matter haloes through the filtering sBalé is also worth noting that the variance at
R = 8h~! Mpc, oy, can be used to find the normalisation factoin Equation 1.6.

Integrating the fluctuations frody);(¢) to infinity, we have the total fraction in haloes willf

1 © 52 1 v
f= / exp <——> do = —erfc <—>
QWU]VI 6C011(t) 20—]2\4 2 \/5

whered.on(t) = deon/D(t) andv = d.on(t)/onr. However, a critical limitation of this linear evolution

is that initially underdense regions remain underdensenawdr collapse. As a resulf, — 0.5 even
whenoj,; — oo, or equivalentlyM — 0. In reality, underdense regions can collapse, becauseatieey
generally gravitationally bound to overdense ones. PreSgigechter (1974) realised the problem, and
arbitrarily introduced a factor 2. The differential numlgensity of haloes can then be written as

dn _2,5m af g,ﬁ_mdlma_1

- — — 2
dinM ‘M omM O dmar P /2).

Sinced.on(t) increases with time andy, decreases witii/ in a ACDM universe, this equation implies

that more massive haloes form at later epochs.

1.2.5 Acquisition of angular momentum

In the early universe when density fluctuations are suffibiesmall, their growth can be written as
d(x,a) = D(a)d(q), whereq = x(t() is the position in comoving coordinates at some initial time
(to). It then follows from Equation 1.4 that(x,a) = D¢(q)/a. Thus, to first order, once the initial
density field is specified, it is possible to predict the dispiment of particles from their initial positions

(Zel'dovich, 1970), as

v = —WVMQ) = abVqﬁ(q)
X=q-— Wv¢(q) =q—-bVe(q). (.7)

Hereb(t)(= D(t)/4nGpa®) can be thought as a perturbation parameter that depentston
The evolution of cosmic angular momentum can then be desthilased on the Zel'dovich approxi-
mation (Peebles, 1969; Doroshkevich, 1970; White, 1984 fWow the derivation presented in White

(1984), and consider a lump of matter with mags (= pn,a’d®x(t = t()) in a Lagrangian volumei{,)

10
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at some initial time. By definition, angular momentum is assrproduct of a peculiar velocity) and a

vector @x — aX), wherex is the barycentre of the lump. The angular momentum is then

J :/ d3q pma® (ax — aX) x v (1.8)
Vi

Ji ~ —a%aijk le Ilk7 (19)

whereg; ;. is the Levi-Civita symbol, and the tidal tens@k;, and the inertia tensof;;,, are defined as

82¢
T,=-2%
= 0q;0q

;o I = / g’ pma® (@ — @) (ar — Tk)-

a VL

Note that no angular momentum would be generated if the tifeor has the same form as the inertia
tensor. Note also that the angular momentum stops growing tre matter is detached from the ex-
pansion of the universe. In an Einstein-de Sitter univeise growth factor is proportional to the scale
factor, and hencd x 2D  t. However, since the growth of angular momentum is basedefirtbar
perturbation theory, this approximation may not be valigraghell crossings occur. As pointed out by
Vitvitska et al. (2002); Maller et al. (2002), galaxy mergj@nay play an important role in the acquisition

of angular momentum in the non-linear regime.

1.3 The structure of this thesis

This thesis presents new advances on the impact of cold floddeedback on galaxy formation and
evolution. For this purpose, | use an Eulerian hydrodynatoide, called RMSES. Chapter 2 briefly
describes numerical methods to solve the Euler-Poissoatieqs, and gives details of the baryonic
physics included in the code, such as star formation andofesdfrom active galactic nuclei. Using
a large-volume cosmological simulation, Chapter 3 disesidbe detectability of cold flows based on
low-ionisation metal absorption lines. The chapter alsegistatistical results of the covering fraction
of dense gas, which stimulated the discussion on why colehéitdas are not observed. The existence of
such cold flows was not expected in the classical galaxy foomaheory, and thus Chapter 4 revisits
the growth of cosmic angular momentum of baryons, and explaow cold flows change our view on
the acquisition of cosmic angular momentum. In Chapter ®skdbe a new implementation of more
realistic stellar feedback, based om&BURSTI9, and study its impact using isolated galaxy simulations

that mimic a high-redshift clumpy galaxy disc. Using sintidas of unprecedented resolution, | also

11
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investigate the formation of disc galaxies ih&DM cosmology. Chapter 6 presents the impact of AGN
feedback on the stellar assembly of galaxies by comparidgolaynamic simulations to rest-franbd/ -
optical colours from the Wide Field Camera 3 (WFC3) Earlygase Science. Finally, | summarise the

main results and conclusions of this thesis in Chapter ngaldgth a future outlook on this research field.

12



Chapter 2

Numerical Method: RAMSES

In the standard\CDM cosmology, massive galaxies emerge at the interseofiifamentary structures
as gas radiatively cools and form stars. These galaxiesrgmdéolent, non-linear processes, such as
mergers and feedback from stars or super-massive black.hdleese processes are difficult to depict
analytically, hence numerical simulations are the toolhafice to study the formation of galaxies.
These numerical tools are generally divided into two caiegadepending on which technique is

used to solve the Fluid equations.

Lagrangian : Hydrodynamical information is tagged on gas particles impwvith the flow.
The gas particle is represented as a massive particle spresgéce, using a spline kernel (e.g.
Monaghan, 1992). This is called Smoothed-Particle Hydnadyics (SPH). An advantage of this

method is that some important physical quantities, suchasspare conserved by construction.

Eulerian: The Euler equations are solved on a fixed grid. In this schegamis represented as fluid
cells, and the fluid quantities are updated by computing fustethe cell interfaces. Specifically
designed hydro solvers allow for better capturing of comjptstabilities and discontinuities than

the standard SPH method (Agertz et al., 2007; Mitchell e2809).

The work in this thesis is based on an Eulerian codeyiBes (Teyssier, 2002), that uses Cartesian
adaptive mesh refinement (AMR). It is massively paralleliggth MPI to compute the gravity, hydro-
dynamics, and magnetic fields on supercomputers. The caaeriposed of two parts: one for gravity,

and the other for hydrodynamics. We describe the key elesyadrihe code in this chapter.

13



2.1. Gravitational force calculations

2.1 Gravitational force calculations

Despite the fact that billions of stars are in orbit in a gglatkey are hardly collisional because of
their small cross-sections. This is also true for dark mad#eticles which are assumed to interact only
through gravity. Thus, N-body simulations describe theiomoof individual particles under the effect
of the gravitational force only. Essentially, their comnasjective is to solve the following equation of

motion for each particle

a5,
da °
dv, -
— =-Vo
dt ’

wherex, v, and® are the position, velocity, and gravitational potentiakpectively. The most straight-
forward approach is to calculate the force on each partiglelitect summation. This is called the

Particle-Particle (PP) method, in which the inter-pagtifdrce is calculated as

=y o X
i (1% = %il? + elop)

Here a softening lengthe,s, is introduced to avoid the singularity which arises wheo particles
encounter. This pairwise operation is proportionalMé, and thus computationally very costly. Barnes
& Hut (1986) realised this problem, and developed a moreagiegay of computing the force based on
the multipole expansion. Specifically, particles are gealfirst, and the force exerted by each group
is approximated by a point mass plus an additional term duketalistribution of particles inside each
group. The use of the tree code allows to significantly redobesnumber of operations{ NV log N).

While the aforementioned methods rely on a direct forceutation for the interactions, Particle-
Mesh (PM) algorithms make use of the fact that the gradieth@fgravitational field is the force field
(i.e. F = —V®). The crucial part of this algorithm is therefore to evaduthite gravitational potentiad(),
which can be done quickly using a Fast Fourier Transform JFH®wever, this method cannot capture
short-range forces accurately due to the finite size of tlteipgemploys to compute the potential. Thus,
it is sometimes preferred to calculate the short-rangeefeaparately while evaluating the long-range
force with the particle-mesh method. This particular tyjpdooce computation is called the Particle-

Particle-Particle-Mesh (i) algorithm.

14
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* p

NGP

CiCc

TSC

Figure 2.1: lllustration of three different ways of denségsignment: the nearest grid point (NGP),
cloud-in-cell (CIC), and triangular shape cloud (TSC). aArsepresents a particle at= x,,.

2.1.1 Particle-Mesh method

RAMSES uses an adaptive PM method in which the grids are non-unjfocrnlocally refined in space.

In practice, the gravitational force is computed as follows
1. compute the density field by assigning particles to gril$ce
2. evaluate the gravitational potential from the densitidfi®y solving the Poisson equation
3. evaluate the force acting on each particle by interpugettie force defined on the grid
4. update the velocity and position of the particles

More specifically, the first step is to convert a distributadrparticles into a dicreet density field, as

HereW is the assignment function that depends on a cloud shapgdaor{§), as

zi+Ax/2
W(x) :/ e S(zp — x)dz.

The simplest way to assign particles to grid cells is theewagrid point (NGP) method (Fig. 2.1), where

the cloud shape is the Dirac delta function. However, in thise, the gravitational potential may have

15



2.1. Gravitational force calculations

significant discontinuities if the number of particles inegion is small. A better approximation for the
inter-particle force is thus to spread the particles oveeis# nearby grid cells. For example, the Cloud-
in-Cell (CIC) scheme, which is whatAMSES uses, spreads the mass of particles uniformly across the
nearest cells (Fig. 2.1), and the corresponding assignfuection is

1— |z —2a,|/Ax Tz —x, <Ax
ooy L1l Bl <o

0 otherwise

Further improvement (at the expense of CPU time) can be mpdesibg the higher-order triangular

shape cloud (TSC), defined as

S o — 2,/ (Ax)? v — 2| < 500
W =) =5 (3 lo—apl/Ae)?)  3Aw<|o—z) <340
0 otherwise.

Once the density distribution is computed, the gravitatigpotential can be readily obtained by

solving the Poisson equation
V20 = 47 Gp.

This partial differential equation can be solved by at lahste different methods: mesh-relaxation,
matrix inversion, and rapid elliptic solvers (Hockney & Basod, 1988). The FFT method is a repre-
sentative example of rapid elliptic solvers, but its regmient of a uniform grid is not suitable for the
codes like RMSES where the size of grid cells varies in space. A popular atira to FFT is mesh-
relaxation methods, which are based on finite differencimg mesh. The basic idea of these approaches

is to solve the following diffusion equation iteratively,

oe _ V2 — 4nGp,
or

until a stable solution is found, i.€® /0T = 0 (e.g. Bodenheimer et al., 2007), wheris a pseudo-time.
Expressing the above equation in a two dimensional diftexkform gives
q)%“ — o7 _ Oy + Oy — 207 N Oy + @y — 207

i+1,5 i—1,5 1,7—1 1,J
— AxGp; . 2.1
Ar (Bx)? By mGpiy. - 21)
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[ ] [ ] [ ]
B jr
[ 2 o L ]
Pij
[ ] [ ] [ ]
Diyjy D4 D2

Figure 2.2: Example of the structure of a mesh. Note that arpiel and density are defined at cell
centres. Orange lines show the stencil of the 5-points folifference method. Arrows indicate the
ordering used in the illustration of the Conjugate Gradiigbrithm.

Note thatm indicatesm-th iteration, not the time step. By arranging the terms,dfign 2.1 reads

4AT AT
+1 __ ..
q)??] - (I);nd <1 - (ACE)2> + (AZC)Q [(I)?:LFLJ + q)?il,j + (I):?:‘Lj+1 + q)zlj,l] — 47TGpZ’jAT.

TheJacobi methodhen adoptsAT = (Az)?/4, in which case the previous equation can be reduced to

1
ot = T (@71 + O+ By + B — 4nGpi j(Ax)?] . (2.2)
While the Jacobi method only uses the potential evaluatéideat:-th iteration, theGauss-Seidel (GS)
methodtakes advantage of the most recent-¢ 1-th) values of® at each grid point.

The use of theSsuccessive Over RelaxatigBOR) in RAMSES further increases the speed of con-
vergence by adopting a linear combinationd@f and ®"*! computed from the GS method. Here

®™ 1 is an intermediate potential, and an updated potentialdsieded by imposing an over-relaxation

inter

parameterw, with a suitable choice of value between 1 and 2, as

O = el 4 (1 — w) @7

%,7,inter
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The optimal choice ofv for adaptive grids is rather complicated, but numericalegixpents suggest

(Teyssier, 2002; Press et al., 1992)
2

Y= 1+ 7ma/ (L)

wherea = 1 for Dirichlet boundary conditions and = 2 for periodic boundary conditiong.L) is the
AMR patch size, which is found to be 20 cells for cosmological simulations (Teyssier, 2002).

In practice, meshes are not equally spaced AMBES, and information may propagate slowly due
to the local structure of a stencil in the case of GS or SOR austhTheMultigrid method overcomes
these difficulties by solving the discrete Poisson equati@equence, starting from the finest all the way
to the coarsest grid.

Let ®; ; be the approximate solution adg**** the exact solution, and define two variablespor

(&) andresidual (R) as

E=d — (I)exact

R = V20 — 4nGp. (2.3)
Note that applying the Laplacian to the error yields the stomma as the Poisson equation.
VZE =R — (V2™ — 4nGp) = R. (2.4)

The multigrid algorithm then takes advantage of the GS or &@kods which can reduce errors in high
frequency modes (i.e. short wavelength errors) because difrtite resolution of the grid. Low frequency
errors are minimised by correcting the high resolution ptigé based on its coarse grid evaluation. The

actual steps oV -cycle algorithm are

1. Pre-relaxation: perform a few(3) iterations using the GS or SOR method

2. Restriction: compute the residual by solving Equatid) and restrict the residual to the coarser

grid, R; — Ri—1
3. Recursive call: perform 1 — 2 recursively until you reatab#ity on the coarsest grid
4. Poisson equation: solve Equation 2.4 on the coarsest grid
5. Prolongation: prolong the correction to the finer leggtact — Elm“
6. Correction: correct the potential on the finer level bawethe error®;"*! = o 4 £+

18
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7. Post-relaxation: perform a few GS or SOR iterations.

If the exact Poisson equation is solved twice per iteratibiis called al¥/-cycle. RAMSES adopts
the latter method to obtain the gravitational force on tharse grids, whereas the Conjugate-Gradient
Algorithm (CGA, Hockney & Eastwood 1988) is employed to cartgothe force on fine level grids.

CGA is an example of the matrix inversion method to solve aééinear equations, such as 2.2.
Given a linear system

Ad=p

or in matrix form for a3 x 3 two-dimensional mesh using Equation 2.2 (Fig. 2.2)

4 1 -1 Dy P11
1 4 1 1 P21 p2,1
1 4 1 -1 P31 P3,1
-1 1 4 1 -1 D19 P1,2
-1 1 4 1 -1 Q| Poo | = | p2e
-1 1 4 1 -1 ®39 03,2
-1 1 4 1 Dy 3 P1,3
-1 1 4 1 Dy 3 P23
I -1 L4 | | ®33 | P33

one can define a quadratic functian, such that

0%V

whereR is a residual. The last equality indicates that finding theimiim of ) corresponds to finding
the best approximate of the potential. Amongst the methodmd this minimum is the method of
steepest descent, but the Conjugate gradient method givesem faster convergence by combining
prior knowledge . — 1) of the descent with the descent from theth iteration.

Once the potential has been obtained, the acceleratioidgi@nts can be calculated using a 5-point

finite difference scheme (e.g. Equation 2.2). Finally, theual force acting on each particle can be
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computed by interpolating the mesh-defined force at thegbagiosition, as
F(%,) =m, » W&, —%)F,.

2.2 Hydrodynamics

2.2.1 Euler equations

Unlike collision-less dark matter particles, fluid elenmseare compressible and subject to a pressure

force. The motion of such fluid elements can be described éWHvier-Stokes equatiors:

LAV (pid) = 2.
LT (o) =0 26)

a(ap:) +V.-(pi®id)=-VP+V-&— pﬁfbg (2.7)
E - B

%—t Y V(Z[E+P]) =5 Vu, (2.8)

wherep, u, P, 0 and®, represent the density, stream velocity, pressure, vissiness and gravitational
potential, respectively. The total energy)(per unit volume can be split into internal and kinetic eyerg
such that

P 1
E = B + Bxin = —— + =pu?,
y—1 2

where~ is the adiabatic index that depends on the composition ate ef gas. For example, an ideal
atomic gas is characterised hy= 5/3. Note that Equations 2.6 — 2.8 are the natural corollary ef th
mass, momentum, and energy conservation.

In general, astrophysical fluids are turbulent, in whichecaiscosity becomes negligible (— 0),
and the Navier-Stokes equations are reduced to the Eulatieqs. Moreover, stars and active galactic
nuclei generate energy, while gas can radiatively cool &igous atomic processes. The Euler equations

then becomes

op 0
L N = 2.
d(pu;) 0 opP 0P,
) = 2.1

8t + 8 5 (pulu]) 8%- paxl ( 0)
OFE 0 ou;
4~ (Bu;)=-—-P—14 — 2.11
ar + oz, W) oz, THTC (2.11)

IWhen viscosity is ignored, the equations are called therEgeations
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where? andC represent a heating and cooling term, which are generathpated separately from the
Euler equations. We follow the Einstein summation conwemntiin the absence of gravity, heating, and
cooling, the previous equations can be written as genechfislvection equations of the form

09 OF

= t5- =0, (2.12)

whereQ = (p, pu, E) and F = (pu, puu + P,u [E + P]) represent conservative variables and fluxes,
respectively.

We can rewrite Equation 2.12 to highlight the physical megrif the Euler equations, as

q1 q2
0 0 B 2
gl e | T | -Dat <3T) 21 =0 (2.13)
_ 3
s e ()
where(q1, g2, g3) = (p, pu, E). By using the chain ruléZ = %5 92, Equation 2.13 can be written as
0Q 0Q
95 L 4% ¢
ot * Ox ’
where A is the Jacobian matrix
0 1 0
A= 22 B-yu y-1
C1V.,2
VTR L G5

The eigenvalues of this Jacobian matrix characterise tloeitye of three signals that transmit hydrody-

namical information, which we can write

aP
)\1 u P
)\2 - u
)\3 u + alit

p

The middle term represents the motion of the fluijl @nd the first and third terms indicate sound waves
propagating in a medium moving with Thus, the Euler equations can essentially be understotickas

propagation of hydrodynamical waves.
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2.2.2 Finite difference method for the advection of fluids

The simplest way to evaluate the basic advection equatidr2, 2s to utilise finite differencing. For

illustrative purpose, let be constant. Equation 2.12 then becomes

prtt = pf P Sl
tntl —¢n Az
n n
+1 _ Pit1 — Pi
P =pi — UAtﬁ7

wheren andi represent a different time-step and spatial region, rdésedc It is worth noting that

Equation 2.1 is also an example of a finite difference methalthough such a numerical scheme is
straightforward to apply in many circumstances, there eversl critical caveats: 1) mass, velocity, and
energy are not accurately conserved, 2) it is diffusive acdpable of sharply capturing discontinuities.
The latter point can be problematic especially when dealiitly astrophysical phenomena, which often

involve shocks and other discontinuities.

2.2.3 Finite volume method for the advection of fluids

An entirely different idea based on the Riemann proBlevas put forward by Godunov (1959), who
used cell interfaces to compute the advection of fluids. Biserce of this approach is to use the integral

form of Equation 2.12 as

//(VtQ+V-]-“) dodt = 0.

Using the divergence theorem, the above equation becoweh¢ one-dimensional case)

Tiy1/2 Tiy1/2
/ Q(z, t" ) dx :/ Q(w,t”)dm—i—/

i—1/2 Ti—1/2 tn

tn+1 tn+1

F (wi1/2:1) dt—/n F (@i1/2:t) dt.

t (2.14)
Since the flux leaving a cell corresponds to the incoming fluxtiie neighbouring cell, the integral
formulation of the advection equation conserves the fluxdmstruction. Note that computing the ad-
vection of the flux through cell interfaces is equivalent tdving a set of local Riemann problems.

Equation 2.14 itself is not a numerical method, but when liel tand fourth term are evaluated using

piecewise constant states, it is called a Godunov schentg/flvodynamics.

2A Riemann problem is an example of hyperbolic partial défeial equations, defined by two adjacent cells having
different density and pressure. A shock tube is a practicaigle of the Riemann problem.
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For a uniform grid simulation, the time and space integraticEquation 2.14 can be replaced with
At andAz, and hence

At
Q! = QF = = (Fiija = Ficape) - (219)

Obtaining the last term, the flux difference, is the key toaotihg the solution for the Euler equations.
Godunov (1959) suggests to use half-step flués, /», which are computed using inter-cell Riemann
squtions,Qiim. The inter-cell Riemann problem is defined on the intemjak = < x;,1 Orz;_1 <

x < x; and the simplest upwind scheme can be written as

Q" ifu>0
Qit12 =
Qr, ifu<O.

In this case, the Godunov flux is

uwQ@  ifu>0
—7:i+1/2: . )
u@p ifu <0,

and Equation 2.15 becomes

Qrtl — Qr — Z_A; (Qi— Qi1) ifu>0. (2.16)

There exists a variety of ways of determining the Godunov, fjX ; ,. Among the popular choice
is the HLL solver (Harten, Lax, & van Leer, 1983), which asggrthat the two fastest waves propagate

in opposite directions with velocities

Sp, =min(ur,ur) — max(cs 1, Cs R)

Sr = max(ur,ur) + max(cs,r, cs,Rr),

whereu andc; are the stream velocity and sound speed, respectively.dSaphat one solves a Riemann

problem as defined in Fig. 2.3. Then, Equation 2.14 can beli§iegpas

TR TR T T
/ Oz, T)dx = / Q(x,0)dx +/ Flxp,t)dt — / Flxr,t)dt (2.17)
L L 0 0

=ar Qr — 21 Qr + T(Fr, — Fr).
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v=S§, v=S,

/ t=T

: HLL :
s Q™| ;
. I
Q / - Qg

X, TS, 0 TS, %R X

Figure 2.3: Structure of two waves (= Sy, or Sg) in the Harten, Lax, and van Leer (HLL) solver.
Computational domains can be divided into three regionsrdang to state?;, Qr, andQuyy,. The
maximum distances at which the two waves can propagatenaiibitime stefd” areT'S;, andT Si. Also
included as a dashed line is the third wave, whose eigenddlile Jacobiand.F/09)|., corresponds to
the stream velocity:.. This contact wave or entropy wave is included in the HLLC [HLontact wave)
Riemann solver.

SinceQ;, and Qp are constant i, < x < T'S;, andT S < x < xp, respectively, the term in the

left-hand side of Equation 2.17 can be split as

TR TSR
[ owmyde= [ " 0wty dn (18~ 1)1~ (ar - TSw O (218)
T, T L

Equating Equation 2.17 and 2.18 yields the average stateebefl’S; andT'Sg:

1 TSk SrROr— S QL+ FrL—Fr
- Oz, T)dx = QMM = . 2.19
T(Sg — S1) /TSL (2,7) Sk — Sr (2.19)

Applying the same arguments betwekandT'Sy,, one obtains:

0
Oz, T)dr = =TS Qr + T (Fo — FL) and
TS

_ TSL QHLL7

and finally injecting the result (2.19), one obtains the fltx a 0, F, or FHLL:

Fr if Sp >0

FHLL _ i if Sp<0 (2.20)

SrRFL—SLFRrR+SLS — .
nFLSnFatSL5e(Qn=Qu) i §; < 0 and Sg > 0.
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2.2. Hydrodynamics

Note that the HLL solver only accounts for the propagatiotheftwo waves out of total three eigenvalues
of the Jacobian matrix o0 F/0Q|,, i.e. u £+ ¢, andu. Due to this limitation, the method tends to
smear contact discontinuities, although it is still bettem finite difference methods. Toro et al. (1994)
realised this problem, and made a modification to the HLLeydby considering the third, i.e. contact or
entropy wave. This particular scheme is called HLLC Riemsaimer, and is the recommended choice

in RAMSES (Teyssier, 2002).

2.2.4 Reconstruction of states

The original Godunov scheme discussed above assumesdtes st any cell can be approximated by
piecewise constants (Fig. 2.4-a). Due to this approximatibe Godunov scheme is first-order accu-
rate in space, and hence diffusf/eTo improve its accuracy, van Leer (1979) devised the Mor®ton
Upstream-centred Schemes for Conservation Law (MUSCLyhich the states are represented by
piecewise linear approximations. This method computesGibeéunov flux,F; /2, using two recon-

ando”n where

structed states at the intercell boundari@$ 120

+1/2

Qz'L+1/2 = Q(z = z; + Ax/2)

Of )y = Qw = i1 — Az/2).
To illustrate this idea in more detail, suppose that two nleggiring cells are used to reconstruct states as
Q(x) = Q(a;) + oi(x — my), (2.21)

whereo represents the slope of the piecewise approximation. lerdadreflect this change, the states at
each intercell boundaries are evolved by a half-time step, a

n = At - _
Qiill//; = Qix12 + AL [F(Qi1y2) = F(Qit1y2)] -

From then on, the final procedure is identical to solving tlamdard Riemann problem, as outlined in
the previous subsection, but wigy, = Qﬁ”ﬁ;/ 2andQp = QZ.L_”;E/ 2,
Fig. 2.4 (b) shows an example of a piecewise linear recoctsiry called the Lax-Wendroff method,

where the-th andi + 1-th cells are used to approximate the true statesu$ts employs such a linear

reconstruction. Further improvement can be made if thrbg iostead of two are used to reconstruct the

3In a different context, the truncation error for the firstter Godunov scheme corresponds to numerical diffusion.
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v
v

X X X

Figure 2.4: Three different schemes for solving partialedéntial equations: piecewise constant (left),
piecewise linear (middle), and piecewise parabolic ()igBtack lines indicate the true solution, whereas
blue solid lines correspond to reconstructed states. Matedifferent number of cells are used to recon-
struct the states.
state, as shown in Fig. 2.4-(c). This third-order accurateme is called Piecewise Parabolic Method
(Colella & Woodward, 1984), and widely used in hydrodynaahgimulations.

It should be emphasised that high-order schemes are prayenarate undesirable oscillatory fea-
tures, especially in regions with steep gradients. Thigahse the slope near a “jump” is either over-
estimated or underestimated with respect to its true valograck these oscillatory feature, one defines

the Total Variation V) as
TV (Q) = Z (Qi — Qit1) -

i
When spurious oscillations develdDV(Q"“) > TV (Q™). In order to prevent such behaviour, slopes
are limited. A popular choice of slope limiter is the MinMdehlter, which selects a reduced gradient

near a jump according to:

o; = MinMod <Qz’ — Qifl’ Qit1 — Qz’) ,

Ax Ax
where the MinMod function satisfies

a if |a| < |b] and ab > 0
MinMod(a,b) = b if |a| > |b] and ab > 0
0 if ab < 0.

There are other limiters, such as MonCen, Superbee, anabldht that can better trace the advection of

contact discontinuities, but require more calculations.
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2.3. Adaptive Mesh Refinement

2.3 Adaptive Mesh Refinement

RAMSES is based on a Fully Threaded Tree (FTT) structure (Khokhl®@8), which enables to refine
grids on a cell-by-cell basis, as opposed to patch-based Adties, such as Enzo (O’'Shea et al., 2004)
or FLASH (Fryxell et al., 2000). To do so, each cell carriegesal bits of information pointing to its
parent cell, 6 neighbouring parent cells (in 3D), 8 childggbrevious and next grid cell. The last two
pointers allow for fast searching of neighbour cells. Eaglhalso has an identifier indicating whether it
is further refined (‘split’ cell) or not (‘leaf’ cell). In adton, particles are always linked to the grid cell
to which they belong.

RAMSES mainly uses three criteria to trigger the refinement of a deiist, cells are refined if the
mass enclosed within a cell is greater than a certain vatu®/sbe user. This is controlled by a parameter
calledMeesine aSs,

Mtot = Mgas + Mdm + Mstar 2 Mrefine Msph - (222)

In case of cosmological simulations, the total mass insidellas normally chosen as 8 times the mass
of a dark matter particleny) to obtain a quasi-Lagrangian refinement of the grid.

However, depending on the purpose of the study, it is sonestiequired to resolve the region where
physical properties change abruptly. For example, lacgdesfilamentary structures are better traced
when cells are refined on the basis of a pressure gradientResglahl & Blaizot, 2012). The second
refinement condition is hence based on the gradient of arsigadyariable §), such as density, velocity,
or pressure. If the gradient exceeds a fractify) ¢f the value that a cell has, i.e.

qi
Awi ’

A(Iz' > fq

the cell is refined.

The last condition involves the Jeans instability. Trueleval. (1997) demonstrated that if the Jeans
length is not properly resolved, spurious fragmentatiom @ecur, possibly leading to the formation of
binary systems (e.g. Burkert & Bodenheimer, 1996). Acaagdo this study, the Jeans length should be
resolved with at least 4 cells so as to prevent artificialffragtation. Thus, the last criterion is

2
e
Ay = 5> N;A
J Gp_Jx7

whereN; > 4.
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2.4 Time integration and control

Once the acceleration has been evaluated by the multigradmjugate gradient method, the position
and velocity of particles are updated using a symplédiioe integrator. The advantage of symplectic
integrators is that they conserve volume in phase spaceyiegshat the solution of the differential
equation remains numerically stable. As a counter exar§piengel (2005) showed that non-symplectic
methods, such as the classical Runge-Kutta method, cacturizdiely describe a highly eccentric orbital
motion (see his Figs 5 — 6). InAMSES, a second-order midpoint (sympletic) scheme, which is also
known as the Kick-Drift-Kick (KDK) leapfrog algorithm, isnplemented, as

ut/2 = u" — 0.5A¢ <3_¢>>”

0x

Xn+1 — x" + Atun+1/2

n+1
u"tl = w2 _ 0. 5A¢ (g_@) .

X

Note that the last equation requires evaluating the peatieaiti” !, i.e. calculated at the next time step.
The time step used in AMMSES is controlled by four different conditions. First, a paltids not
permitted to pass through a cell without interacting with tias and other particles present. Second,
hydrodynamic information cannot propagate across mone ohe cell in a single time step. Since this

information propagates at the speed of sound, the time stegp loe limited by the time it takes sound
waves to cross a cell. This constraint is called the Couraierichs-Lewy (CFL) condition. Third, in
order to model the gravitational collapse of gas propehly,dimulation time step should not exceed the
free-fall timescale of a gas cell. Last, the time step istlahiby the expansion rate of the universe, so that
the scale factor does not grow more than 10% in a time steparticplar, this ensures that gravitational

clustering is well captured in the high redshift universéectual time step for each level is set to the

A linear mapping A) in two dimensional domains is called symplecticAf JA = 1, whereJ = ( —OI é ) The

symplecticness implies the preservation of the area inipalydomains.
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2.5. Coordinate System

minimum of the following four conditions:

Ath = Oy x Awl/max(vé)

Ath = Cory x Aat (maxlfu, sy, Fusl) + ) 229)
Ath = C3 x min(7})

Ath = 0.1 X Gexp/Gexp

At = min(Ath, Ath, Ath, At)) (2.24)

wherery is the free-fall time of each cell,.;, is the cosmological expansion factol, < 1 andCs < 1

are free parameters, alrr, < 1 is the Courant factor.

2.5 Coordinate System

To account for the cosmological expansiomNRSES uses the super-comoving coordinate (Martel &
Shapiro, 1998) system. Unlike the well-known comoving damate, this uses the following set of

variables for a non-zero cosmological constant universe:

et
I

<
Il

IS8
Skl
I

™
Il

S
I
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-10

conformal time

-15

0 10 20 30
redshift

Figure 2.5: Relationship between the conformal time andhiéd

with
. 1
* _HO
3HZQ
v« =P = o-m
Px =Pcsim (e
T
Uy =—
1
b EUE
P EP*UE
€ Evf.

Here, a, r, and ¢ are the scale factor, position, and peculiar gravitatioteqtial, respectively, and
v = u— Hris the peculiar velocityr, is a free parameter that depends on a problem, and ggt,a
cosmological simulations. The main difference betweerstiger-comoving coordinate system and the
comoving system lies in the use of a different time variabdled conformal time(f). The conformal
time can be obtained by solving the Friedman equation (Fk). 2

Note that the super-comoving coordinate has the advartagéhe cosmological drag term vanishes

in the momentum equation. For example, with the comovingdioate & = r/a), the momentum
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2.6. Physical Processes

equation reads

ov a1 V¢ VP
E—FEV—FE(VV)V—— — 5

where the middle term on the left-hand side represents thmalogical drag. In super-comoving coor-

dinates, the time and spatial derivatives of a functfos f(dt = dt/a’t.,t = r/aLy.y) read:

(50), =@ (&), ~ 5 (99

(Vi) = —— (97),.

aLbox

Under these transformations, the fluid equations have thetlgxthe same form as the standard ones in

a non-expanding universe

X (5%) =0 (2.25)
X nw=-T g (2.26)
> (G-@)é+7—[(3v—5)~:—§@-6 (227)
with
p=(y—1)pe (2.28)
V3¢ = 6a (g — 1) . (2.29)

For an ideal gas with = 5/3, the energy equation above becomes even simpler, leavengdfirations
identical to the standard fluid ones except for the Poissoatemn. A full derivation of these equations

is presented in the Appendix of this thesis.

2.6 Physical Processes

2.6.1 Gas cooling

Plasma interacts with photons, altering the energy of mlasteither bound to an atom or free. Specif-
ically, incident light can excite an electron belonging toaom, and the additional energy that makes
the atom unstable can be radiated away isotropically thr@pgntaneous reactions (bound-bound). The

same process can free an electron, and the recombinatidre @fléctron with a proton is able to re-
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Figure 2.6: Cooling functions as a function of temperatarepfimordial ¢Z = 0) and solar ¥ = Z)
metallicity in the absence of UV background radiation. Dignaf the gas in collisional ionisation equi-
librium (CIE) is chosen asy = 1073 Hem 3. Cooling rates for primordial composition gas are com-
puted following Katz et al. (1996), while cooling rates fotar abundance gas are taken from Sutherland
& Dopita (1993). Note that collisional excitations are inmfamt cooling mechanisms in the intermediate
temperature range, whereas Bremsstrahlung is dominaigratdmperature.

duce the energy of the system (bound-free). When a freer@eencounters a proton, its motion is
deflected by the electric field of the proton, releasing sofmt@ electron kinetic energy (free-free or
Bremsstrahlung) in the process. A free electron can alswsfiea its energy to a photon by collision,
which is known as inverse Compton scattering. The generaamuence of these processes is the reduc-
tion of the internal energy of the plasma.

These processes are temperature-dependent, except fpt@osoattering. Bound-bound transitions
are effective only in low temperature environments, beeaisctrons need to remain bound to the nu-
cleus. Bound-free transitions, also known as ionisatem@mbination, are dominant fo6* < 7" < 106.

For hotter plasmal(® < T < 10%), Bremsstrahlung is the most important process, while Gomgcat-
tering becomes the dominant process for extremely hotHas (0'Y). As excitations, recombinations
and Bremsstrahlung are the key processes for astrophykitd, gas cooling depends on the electron

number densityr{.) and proton number density.(), as

€ X NeNp. (2.30)

Given that almost all hydrogen atoms are ionised’at 10° K, the electron number density can be

approximated by the proton number density. It is convemliém express the loss of energy) (n terms
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2.6. Physical Processes

of the number density of hydrogeny) as

é = n3A, (2.31)

where A, a cooling function, encapsulates the efficiency of theed#ifit cooling processes. Fig. 2.6
displays the cooling functions for a gas density = 102 Hcem ™3, with primordial abundanceZ =

0) and solar abundanceZ(= Z;). The cooling function for a pristine gas in collisional isation
equilibrium is computed following Katz et al. (1996), assngithat there is no UV background radiation
(thick solid line). For gas of solar composition, coolingesare taken from Sutherland & Dopita (1993)
(thin solid line). It can be seen that for primordial gas,lismnal excitations are the main cooling
process in the intermediate temperature rangé € 7' < 10°°), whereas Bremsstrahlung dominates
the cooling at high temperatur@ (> 107). For solar abundance gas, the cooling rates are domingted b
collisional excitations of carbon, oxygen, neon, iron, ethiepresent the local peakslaf &, 10> K,
10>7 K, and10%2 K, respectively.

Since the relative contribution from each cooling procéfierd according to physical conditions, the
cooling functions can vary quite a lot with the environmdfar example, several authors showed that the
presence of a UV background from quasars and galaxies caificagtly remove important coolants,
such as neutral hydrogen or carbon, in low-density gas (Wéegnet al., 1997; Benson et al., 2002;
Wiersma et al., 2009). Cantalupo (2010) also pointed outghato-ionisation by local soft X-ray and
extreme UV can easily reduce the cooling function @it < 7 < 10°° K by an order of magnitude by
suppressing collisional excitation of heavy metals, siebxygen and iron. An accurate determination
of the cooling function requires on-the-fly radiative triamscalculations to infer the electron number

density.

2.6.2 UV background heating

The presence of the Gunn-Peterson trough (Gunn & Peter8&5) In the spectra of distant quasars
indicates that hydrogen atoms are already highly ionised~at6 (Becker et al., 2001; Fan et al., 2006).
Given that a very small neutral fraction of hydrogeni{ ~ 10~%) can easily form this trough, UV
radiation is likely to be abundant even at higher redshiftsleed, polarisation data from th&ilkinson
Microwave Anisotropy Probe (WMARuUggestz.ion ~ 11 (Dunkley et al., 2009). This UV light is
thought to be produced by quasars and/or hot massive stahsawigher contribution from stars as

redshift increases (e.g. Haehnelt et al., 2001).
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2.6. Physical Processes

In RAMSES, the UV radiation is implemented following Theuns et al.48R To briefly recapitulate,
these authors first compute the integrated ionisation (@igsand photo-heating rates.( based on

integrated spectra of quasarg ¢, z)) computed by Haardt & Madau (1996) as

4 v (HI
= [,
vo (HI)

hv
T et = / A J (v, Z)UV(Hel)dy
vo (Hel) hv
I ot = 4rJ (v, z)o, (Hell) d
" h
vo (Hell) v
/Oo 4rJ (v, z)o, (HI)(hv — hyy(HI))
€y, HI = dv
vo (HI) hv
/Oo A J (v, z)o, (Hel)(hv — hvg(Hel))
€y, Hel = dv
vo (Hel) hv
*° AdrJ (v, z)oy, (Hell)(hv — hivy(Hell))
€~,Hell = dv
vo (Hell) hv

wherehuv, is the ionisation energy, and, is the photoionisation cross-section. Then, they numigica
integrate the above equations using the photoionisatiossesections from Cen (1992), and determine

the fits to the rates as functions .6f; anda, as

J(v) = Jop x 1072 ( ) erg” temZsr 1 Hz L (2.32)

vo(HI)

Under the assumption of equilibrium between collisionalisation, photoionisation, and recombi-

nation, the ionic balance can be written as

e i1 nur ne + 'y g1 nu1r = o nHI Ne
I Hel nHel e + L'y Hel NHel = (QtHell + OHell,d) THell Me
Ie Hell nHet1 e + Iy Hell NHeIT + (OHeIT + OtHell,d) HeIT Te

= QHelll MHelll Me + L' Hel MHel e + 'y Hel NHel

with the constraints

NH = NHI + NHIT
NHe = NHel T NHell T NHelll

Ne = NHII + NHell + 27 Helll-
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Herel'.; ando; represent the collisional ionisation and recombinatidesarespectively. Finally, the

heating rate per unit volume can be written as

H = €y HINHI + €y, Hel"Hel + €+, Hell W Hell -

This heating rate is included in the energy equation (thel tbguation of Equation 2.11), and it effec-
tively assumes that gas is optically thin everywhere. ltusthdoe noted, however, that this is a poor
approximation in the high-density regionsy 2 0.01 cm—3) where self-shielding of gas against UV

radiation becomes important (Faucher-Giguére et al.02Rbsdahl & Blaizot, 2012).

2.6.3 Star formation

It is known that stars form in giant molecular clouds or evenser infrared dark clouds. This suggests

a relationship between gas (surface) density and star fammieate (Schmidt, 1959)
P*OCPQE

or

Yoo X0

gas*

(2.33)

Based on K, atomic hydrogen (HI), and CO data from 61 normal spiralxje& and far infrared (FIR),
HI, and CO observations of 36 starburst galaxies, Kenn{@9®8) found a surprisingly tight correlation

between the gas surface density and the star formation eatetyl (see also Kennicutt 1989)

1.4+0.15
Y, = (25+0.7) x 107* g M yr—t kpe™2
« = (2. ) x 1M o2 oyr  kpce?,

whereX,.s = Yu1 + Xn, Is the total gas surface density, which is thought to havglder correlation
than atomic hydrogen or molecular hydrogen (Kenney & Yout#8; Kennicutt, 1989; Buat, 1992;
Kennicutt, 1998; Schuster et al., 2007). It is worth notingwever, that spatially resolved observations
of 7 CO-bright galaxies revealed that the amount of moleduidrogen seems primarily responsible for
the relation (Wong & Blitz, 2002; Bigiel et al., 2008, seewmawver, Schuster et al. 2007 for an exception).
This is probably because the atomic hydrogen surface gedsiy) saturates arount) M, pc~2, as gas
become self-shielded from the incident UV light. Indeediesel authors have found that the transition

from atomic to molecular hydrogen gas occurs sharplyVat + 2Ny, ~ (3 — 10) x 10?° cm~2 (e.g.
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Savage et al., 1977; Gillmon et al., 2006; Lee et al., 2012).
The exponent close to 1.5 allows to rewrite the equation Egu&.33 as
Pgas 1.5

Px = €x ta X Pgas-

This simple but very useful formula means that some fracfigh of gas is converted into stars per
local free-fall timescaletf;). Therefore, the only free parameter that needs to be digtednis the star
formation rate per free-fall times(). Although no consensus has been reached yet, observatoes
shown that only a minute fraction(1 — 4%) of dense gas, ranging fromy ~ 100 to ~ 105 cm ™3, is
converted into stars within free-fall time (e.g. ZuckerngaBvans, 1974; Wong & Blitz, 2002; Krumholz
& McKee, 2005; Krumholz & Tan, 2007; Evans et al., 2009). Thmportant issue which arises is to
understand why the rate is so low. Theoretical studies sidgey. McKee et al., 1993; Nakamura &
Li, 2008) that when magnetic energy is greater than grawmitat energy (magnetically subcritical ISM),
magnetic poloidal fields may prevent gas from collapsings Would result in a slow collapse controlled
by the ambipolar diffusion timescale. However, direct nneasients of magnetic field strength by means
of the Zeeman effect favour a magnetically supercriticl i8S the Galaxy (Crutcher et al., 2010). As an
alternative, turbulence has been widely discussed as aamisoh by which star formation is suppressed
(Krumholz & McKee, 2005; Padoan & Nordlund, 2011). The badiea is that the collapse of the
interstellar medium is limited by supersonic turbulencesgure, possibly driven by mechanical stellar
feedback (e.g. Ostriker & Shetty, 2011).

Another interesting observational finding is that starsrstform only if the gas density exceeds a
threshold densityCgas tn ~ 10 Mg pe=2 or Ny, ~ 102! em™2 (e.g. Kennicutt, 1998; Wong & Blitz,
2002). This corresponds to the transition density from &dmdrogen to molecular hydrogen, which
is, in units of hydrogen number density; ~ 100 cm 2. This is also comparable to the typical density
of giant molecular cloudsyi cyc ~ 100em =3 (McKee, 1999). Encouragingly, recent cosmological
simulations are beginning to see such giant clumps at higéhit (e.g. Powell et al., 2011; Ceverino
et al., 2012; Dubois et al., 2012b). However, one still lattiesspatial resolution to resolve the infrared
dark clouds and reach densitieg ~ 10° cm—> (see Powell et al. 2011; Geen et al. 2012 for an excep-
tion). Unless one resolves such high density gas, one isthtmnnderestimate the true star formation
efficiency, because the free-fall time in such dense regiothbe overestimated. In other words, poorly
resolved simulations tend to smooth out high-density gasps, making the free-fall time longer than

it should be on average.
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In order to circumvent this high density threshold issususations generally adopt a lower threshold
density based on the Jeans density they achieve at maxinaatution. The Jeans length is the critical

radius at which a protocloud can collapse by gravity, dbscrias

AJ ~ CaTaqun ~ YakpT
sidyn )
\/ pmuGp

wherecs, T4y, kB, mp are the speed of sound, dynamical timescale, the Boltzmanstant, mean
molecular weight, and the mass of a hydrogen atow.is the adiabatic index, which is 5/3 for a
monatomic gas. The density threshold is obtained by equdkia Jeans length and the size of the
finest grid (\y = Azy,i,). This yields

'YakB Tmin

umpGAx?

min

Pth ™~

whereTy,, is the minimum temperature that a gas cell can reach viatiaglieooling. As an example,
the threshold density foF,,;, = 100 K and Az, ~ 0.4 pcis ~ 6 x 10* Hcem™3. It should be
noted, however, that the real situation is more complex thaiparticular configuration used in the Jeans
condition (i.e. uniform collapsing sphere and no extermaspure), and hence this threshold is, at best, a
rough estimate.

In practice, for a gas cell whose density is greater thanhheshold, a small fraction is converted

into a star particle at a rate defined as

_ —ep/tg if p > pen,
p =
0 otherwise

wherese, is a free parameter that determines the efficiency for standtion per free-fall timet)

3w
C32Gp

e

Oncee, andp;y, are chosen, the mass of a stellar partiete forming in a cell per simulation time step
(At) is determined as

3
my = Npm*,min = thhAﬂUmin-
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Here the multiple of the minimum stellar masg, is drawn from a Poisson process, as

)\N
P(N) = ﬁe*%,

where

3
= e (,OA:U ) At

M4 min E
2.6.4 Supernova Type It

As massive stars\( > 8 M) run out of fuel for nuclear reaction by producing an ironegahey begin
to contract and soon undergo an implosion caused by sevedathtermic processes. The inner core
of the star stiffens as the collapse progresses, and findlgnvit gets dense enough to violate Pauli’s
exclusion principle applied to neutrons, pressure becoregshigh owing to the repulsive strong force
and a shock wave forms and drives an explosion, releasin@’! erg of energy per supernova event.

Such an explosion can be divided into four distinctive phdseg. Shu, 1992).

1 Free expansion
In the early stage of the explosion, a spherical shock expfedly. The mass of swept-up material
is smaller than the ejected mass, and the energy of the shamnserved. The free expansion

means that the radius of the shock is proportional to itsoigl@sry, = vent

2 Adiabatic expansion
When the swept-up gas becomes comparable to the ejecteditias® longer free expansion,
and the expansion rate declines as the remnant expandsisAtdige, however, radiative energy

losses are not significant, and the expansion is adiabatic.

3 Snowplow phase
Once radiative energy losses become significant, the réxgibimd the shock front cools and forms
an expanding dense shell that sweeps up the ambient medaismas/plough mounted on a winter

vehicle does. This phase conserves momentum.

4 Merging phase
Finally, when the pressure of the interior region drops aedomes comparable to that of the

ambient medium, the shell is dispersed and mixed with thaemimedium.

IWe discuss other stellar feedback processes (supernoeadystellar winds, and hypernova) in Chapter 5.
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2.6. Physical Processes

The evolution of shock waves during the adiabatic expangi@ase can be accurately determined. This

is called the Sedov-Taylor blast wave solution, and desdrds

E t2 1/5
et

£0
1/5
g — 24 (o) 2 (2.34)
) ,00753 ot

where A is obtained numerically by imposing boundary conditionsr ¥, = 5/3, A = 1.15. When

expressed in astronomical scales,

e B 1/5 P -1/5 . 2/5
sh = 1051 erg 1024 gem—3 100 yr

Fy 1/5 o0 ~1/5 ; ~3/5
~ 9000 km s~ S | — .
tsh e (1051 erg> 102 g cm—3 100 yr

On the contrary, momentum is conserved during the snowplpbgse, and the corresponding evolution

of the radius of the shock and its expansion rate have a dliffeime dependence as (e.g. Mo et al., 2010)

wherep is the momentum of the expanding shell.

The initial size of the expanding shell must be the size of agiwa star, but current galaxy-scale
simulations cannot resolve such tiny scales. A plausikierrative is to make use of the fact that the
initial expansion is adiabatic (Equation 2.34). For exanphe can estimate the radius at which a fourth
of the explosion energy has been radiated away (Mo et alQ)201

nyg O\ —19/45 E O\ B3/
ron(fraa) 2 3.3 pe (100 cm*3) (1051 erg> '

assuming gas is of solar metallicity. Note that for a simpédlar population (SSP) of0* M., with

a single supernova event, the estimated radius for whicladiebatic assumption is valid is 12 parsec
(if the explosion occurs in a typical giant molecular cloudhis is already a challenging resolution to
achieve from a galaxy formation simulation point of view.

To circumvent this issue, a larger initial expanding shatlius is adopted with slower expanding
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2.6. Physical Processes

velocities. This requires to specify two free parametdrs,ftaction of energy lost during the expansion
of the shell {.s) and the amount of mass entrained with the shgll)( Specifically, once the initial
radius for a superbubblef,;,11c) IS specified by users, energy and momentum are injectedjagaells.

The total energy released{x) by supernovae from a SSP bf, is
S
ESN = (1 - nloss)n a €SN,
mgN

wheremgy andegy are the typical progenitor mass)(\,) and energy released(('erg) by a single
Type Il supernova, angsy represents the mass fraction of massive stars in a SSP. Rdpets initial
mass function (IMFgg,;) with a low-mass cutoff at 0.1/, and a high-mass cutoff at 10d,, the mass
fraction of stars above 81 (nsn) is 0.139, and the number of massive stars per solar masarsf st

formed yields
3% g (m)dm

~ 0.053 ML,
f8100 maoga1(m)dm

The resulting specific frequency of Type Il supernova.is9 x 0.053 = 0.0074 M, 1.
The expansion velocityugy) of the superbubble can be computed by using this energyhanthass

loading factor ), as

Esn = 5 ;
2(1 - moss)eSN:| 1/2
ugN = | ———mmMmM . 2.35
. [ L= s (2.35)

Given the complex structure of the interstellar medium nttass loading factor may not be well-defined,
but observations suggest that to first orger = 10 (e.g. Martin, 1999. Adopting 7, = 10 gives
usn ~ 956 km s~! for 1. = 0 andmgy = 10 M. In practice, the actual velocity of a gas cell can be
smaller or larger than this depending on its density. Ifélismo gas to be entrained (i, ~ 0), usn
would reach~ 3200kms~! and the velocity of the cells inside the bubble would be deieed by the
supernova explosion only. On the other hand, if the dens$itygas cell is sufficiently high that there is
still plenty of gas in it even after subtracting the massangd, the resulting velocity of the cell will be

lowered as
Mgaslgas 1 (1 + UW)USNm*USN
Mgas + (1 + nw)nSNm*

u =

(2.36)

®It should be noticed that the symbgl, = 1hout /7710ss IS different from the mass-loading facton & rhout /772.)
commonly used in the literature (e.g. Martin, 1999).
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2.6. Physical Processes

Finally, determining the fraction of energy logt, is not trivial. Using an one-dimensional Eule-
rian code, Thornton et al. (1998) simulated the supernoivea expansion of a shell, and concluded
90% of the input energy is radiated away in 3 Myr. Howeversstarm in a clustered fashion, and the
collective action of the supernova-driven winds is likadyoie much more efficient simply on the grounds
that the duration of adiabatic phase is longer. The sitnadeven more complicated in galactic-scale
simulations, as they are subject to artificial radiativeliogp(Katz et al., 1996; Slyz et al., 2005). When
supernova explosions are modelled as a thermal input inlafions where the integration time step
and cell size are large, the energy from the supernovae éklguiadiated away before gas can actually
propagate outwards. Kinetic feedback, as described almgeaggested to improve the propagation of
supernova explosions (Aguirre et al., 2001; Springel & Heist, 2003; Dubois & Teyssier, 2008; Dalla
Vecchia & Schaye, 2008), but it is not entirely immune tofeitil cooling either, as fast winds equipar-
tition their energy through shocks (Durier & Dalla VeccH2@,12). For this reason, current galactic-scale
simulations necessitate a loy to efficiently blow gas away from its host haloes (Peiranilet2®12,
see also Chapter 5).

Another fundamental role of the supernova explosion is teeenrichment. As discussed in the
previous section (Section 2.6.1), cooling rates can edml\yenhanced by an order of magnitude by
metal cooling, and as such, it is essential to include thalhpebduction by SNe to understand the star
formation histories of galaxies. InASES, this is encapsulated by a paramegteeld, which indicates
the amount of metalsewly processed inside a simple stellar population. The meitgllaf the ejecta
can then be written as

Zejecta = yield + (1 — yield) Zgar,

whereZ.,, is the metallicity of the star. Arnett (1996) computed thé&hyield for a Salpeter IMF with
a slopex = 4/3, and foundyield = 0.0501.

2.6.5 Accretion and feedback from active galactic nuclei

It is generally believed that energy from active galacticlau(AGN) is crucial to understand the for-
mation of massive galaxies (e.g. Binney & Tabor, 1995; C&tOstriker, 1997). Despite the fact that
the scale of a super-massive black hole (SMBH) is vastherhffit from that of its host galaxy, the ex-
istence of a tight correlation between the mass of the SMBHi@rhost galaxy properties (Kormendy
& Richstone, 1995; Magorrian et al., 1998; Ferrarese & MigrZi000; Gebhardt et al., 2000; McLure
& Dunlop, 2002; Marconi & Hunt, 2003; Haring & Rix, 2004; @Gékin et al., 2009; Graham, 2012)
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2.6. Physical Processes

suggests that SMBHs and host galaxies have co-evolvediegrifating their growth. The basic idea of
self-regulation is that AGN feedback controls the growtlsdMBHs and spheroids by heating and blow-
ing out gas if the central SMBHs accrete at near Eddingtan(itk & Rees, 1998; King, 2003). Indeed,
there is mounting evidence that AGNSs interact with the sttdlar/intracluster medium (ISM/ICM), and
suppress cooling and star formation in galaxies (e.g. Mchtar& Nulsen, 2007). These includes high-
velocity galactic outflows commonly observed in quasarg. (Burnshek et al., 1988; Hamann et al.,
1997; Pounds et al., 2003; Ganguly & Brotherton, 2008) on¥Xgavities inflated by radio jets in cluster
centres (Boehringer et al., 1993; Birzan et al., 2004; Mol et al., 2005; Forman et al., 2005; Fabian
et al., 2006).

Theoretically, the aforementioned outflows and X-ray ¢asiappear to have a different physical
origin depending on the accretion rate onto the central SKIBHh the case of high accretion rates,
geometrically thin and dense discs form, and efficient l@calling allows gravitational energy to be
radiated away (Shakura & Sunyaev, 1973). This radiation beagible to heat up the surrounding gas
by inverse Compton heating (Ciotti & Ostriker, 1997, 200Q0?2) or exert pressure on spectral lines
(e.g. Murray et al., 1995; Proga, 2007), or dust (Konigl & @r1994; Roth et al., 2012). This idea
is more closely associated with outflows in bright quasand, f'ence sometimes referred to as quasar-
mode feedback. On the other hand, if the accretion rate igh@rgas radiates inefficiently due to the low
density of the disc, and the energy is mainly advected by twe fThis increases the pressure of the gas,
leading to the formation of a geometrically thick but opliig¢hin disc (Narayan & Yi, 1994, 1995). The
important characteristic of the advection-dominated etamn flow is that the accreting gas is loosely
bound and likely to escape, producing a sub-relativistiplair jet or wind (Blandford & Begelman,
1999). This wind may be able to blow gas away and inflate hanpéain clusters (Omma et al., 2004;
Dubois et al., 2010). More relativistic jets are thoughtaoni through the extraction of energy from
spinning black holes (Blandford & Znajek, 1977), domingtthe radio emission.

Motivated by the latter idea, several authors have simdlateyantly rising hot bubbles driven by
relativistic AGN jets (Churazov et al., 2001; Quilis et &001; Briiggen & Kaiser, 2002; Dalla Vecchia
etal., 2004; Kawata & Gibson, 2005; Sijacki & Springel, 2P@6d concluded that the bubble can reduce
radiative gas cooling by heating the surrounding mediunbréseis through the intracluster medium. In a
similar spirit, Omma et al. (2004) modelled momentum-cagy sub-relativistic jets launched from the
central accretion torus (Blandford & Begelman, 1999), anahfl that the bipolar outflows, which mainly

consist of H/He gas, could successfully create stable Xcaajties, and offset cooling by pushing cold
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gas outwards and mixing it with high-entropy gas in a Hydka-tluster. While these studies indicate
that AGN feedback can prevent strong cooling flows onto masdliiptical galaxies, Di Matteo et al.
(2005) also showed that AGN activity during mergers of $giaaxies could induce strong outflows
and guench residual star formation after a merger-indutatigst (see also Springel et al., 2005). This
might naturally establish the tight correlation betweesthgalaxy properties and black hole mass (e.g.
Kauffmann & Haehnelt, 2000; Di Matteo et al., 2008).

In RAMSES, both quasar-mode and jet-mode feedback are implementagttwint for the liberation
of energy by gas accretion onto a black hole (Dubois et alL.022012a). In order to follow the growth
of black holes, initial seeds ab? —10° M, are created in the finest cell if the Jeans criterion is véalat
Truelove et al. (1997) demonstrated that the Jeans lengtiidsibe resolved with at least four cells to
ensure the numerical stability, and thus we assume thatl & aglavitationally unstable and collapses

into a black hole if
AZmin T2
A\ = 5.
4 =N Gp

We also assume that black holes can form only if stars areprés a cell. Determining the mass of
the initial black hole seed is not trivial, but fortunatehetseed tends to grow rapidly by accreting the
surrounding cold, dense interstellar medium during itdyeainase of evolution until it begins to self-
regulate its growth. Hence, the choice of the seed mass duesigmificantly impact the simulation
results, provided that it is sufficiently small compared ie tnass the SMBH has reached when one
analyses these results.

Once a BH forms, it is split into smaller pieces, called clpadticles, in the beginning of each coarse
time step so as not to be affected by the stochasticity of [@ugsical properties. For this purpose, 2109
cloud particles are spread regularly inside a sphere-of4 Ax.,;, with an interval 0f0.5 Az ;.. These
cloud particles are used to compute the average densitpeiture, and spin axis of the gas around the

hole, based on the kernel functiar(r) as,

exXp [_TQ/ (Awmin/4)2] TBondi < Axmin/ét
w(r) o 4 exp [—TQ/ (TBondi)z] if AZpin/4 < "Bondi < 2AZmin (2.37)
€xp [_TQ/ (2 AI'min)Q] TBondi > QAwmin

wherer is the separation between black hole and cloud particle.Bimali radius {gong;) iS given by

GM
TBondi = 5
s,sink

43



2.6. Physical Processes

wherec; gink IS the speed of sound of the cell where the black hole is placed
Gas accretion is modelled with a modified Bondi-Hoyle-lgtihh accretion rate (Bondi & Hoyle,
1944; Booth & Schaye, 2009), which is a particular solutionthe accretion onto a point source moving

in a uniform medium. It can be described as

4o G M3y p

MB ndi —
° (@ + u2)?/?

whereu is the average gas velocity relative to the velocity of a BHs the speed of sound of the nearby
gas, andv is a free parameter, called the boost factor, that is requdecompensate the accretion in
poorly resolved simulations (Springel et al., 2005; Di Mattt al., 2005; Booth & Schaye, 2009; Choi
et al., 2012). The Bondi-Hoyle-Lyttleton rate is often cargd with the Eddington accretion rate at
which the radiation pressure due to electron scatteringogarcome the gravitational force exerted by

the central black hole

4w G My my,

€-0TC

Mgqq =

wheree, is the radiative efficiency of the accretion asd is the Thomson cross-section. The resulting

Eddington ratio {.qq) is then

Mponai _aGMgupeorc
Mgaa @ + a2)*? my

N L ) Mgu
= 0350 <cm*3 <IO6M@>

= (i) ()|

As discussed in Booth & Schaye (2009), the boost facigrig necessary when a simulation cannot

Xedd =

for ¢, = 0.1, where
—3/2

resolve dense gas with low temperature. On the other harydjqath properties are properly captured
for a hot, low-density gas, and thus it is not required. Ruitgy Booth & Schaye (2009), we adopt the
density-dependent boost factor:
(0/p0)* = po
0 P < po

wherepy is the threshold density for star formation.
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Motivated by the analogy between X-ray binaries and AGN. (Kiyding et al., 2006), we assume
that the state of the accretion disc changeg.ai = 0.01. Specifically, when the gas accretion rate is
high (xeaa > 0.01, quasar-mode), we inject an amouii\Gn,qs0) Of thermal energy into the AMR cell
in which the black hole is located:

: 2
EAGN,qso = EqsoMBHC .

Otherwise f.qq < 0.01), we implement an AGN jet with kinetic energifac jet, Which we assume is

a bipolar wind blown off the accretion disc (Blandford & Bégan, 1999).

’ 2
EAGN jet = €jet MBHC".

Moreover, the fraction of the black hole accretion enekgy Xwhich is returned in the form of a bipolar

wind has a momentum profile (Omma et al., 2004)

2
1 7acyl
Wlren) = g7 P (‘Qrz ) 7

Jet Jet

wherer., is a cylindrical radius measured from the black hole seetigi@amwhich sits atr.,; = 0,
andrj; is the characteristic size that determines the degree binedion of the jet. The jet axisj) is
aligned with the angular momentum of neighbouring gas egtisind the black hole seed particle within

4 Azxnin, and hence fluctuates over time. Mass is deposited base@ sarhe exponential profile, as

1/} (rcyl )
¢tot

Mjet(rcyl) = )BH MBH>

where
jet

wtot = Z w(rcyl,i)'

The entrainment of gas due to the outburst is taken into deration by introducing a mass loading
factor (). Finally, the jet velocity is determined by equating theegyy available from the active

galactic nuclei and their kinetic energy as

) 1 )
M, 2 M 2
6jet BHC = 577BH BH ujet

o 2€jet
Ujet = &
TIBH

We adopt a jet efficiency ofj; = 0.1 and mass loadinggg = 100, which yields sub-relativistic
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outflows (ujer ~ 9487km/s). Finally, the momentum and kinetic energy correspondmthé velocity

and mass of the jet are added to each cell ingjdeas

pi = Metujet ij-Jj

3
Eyin = (Zi)?) /2Mjet.
=1

2.7 ldentification of structures and substructures

Dark matter halos are identified using HaloMaker (Tweed.e2@D9), which is based on the AdaptaHOP
algorithm by Aubert et al. (2004). We briefly describe theoailitpm here, and further details can be
found in Aubert et al. (2004); Tweed et al. (2009). The metficd computes the density) at each
particle position by integrating the contribution from thgpy nearest neighbours using the standard
SPH kernel (e.g. Monaghan, 1992). Then, by ‘hopping’ frore particle to its neighbour having the
highest density, it finds the local maxima, and can define pe&déhes by grouping particles which are
located in sufficiently high density regions/@ > pn, Eisenstein & Hut 1998) and share the same local
maximum. These procedures are the same as the HOP algoftisensétein & Hut, 1998), and will
identify halos. Among the saddle points of two interfacirepk patches belonging to a halo, the dark
matter particle with the highest density is used to repreenunique saddle point connecting two peak
patches. These unique saddle points are then used to findlswbses. As an example, if three peak
patches are connected and they belong to a halo, the dehsityg saddle points will determine the level
of each (sub)structure.

Once the structures are found, it is necessary to computsqathyproperties. The centre of a halo is
defined to be the position of the particle having the highessidy. For each halo, the principal axes and
shapes (a,b,and c) are computed from the eigenvectors gevalues of the inertial tensor. These are
then used to compute the mass within concentric ellipseid}. (The virial mass of a halo is determined
by assessing whether the virial theorem holds better thé® 20 particles inside a concentric ellipsoid

with (ai, bz‘, CZ'), i.e.
2E, + E
BB,
1Bk + Epll

The corresponding virial radius is chosen as

Ryir = (a; b; Cz’)l/g.
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2.7. ldentification of structures and substructures

However, for small halos or satellites, the virial conditimay not be satisfied or the mass within the virial
radius may be smaller than that predicted by the spheripah& model. In these cases, HaloMaker uses
the concentric ellipsoid that contains the mass computad fhe spherical top-hat model and updates

the virial radius, accordingly.
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Chapter 3

Are cold flows detectable with metal

absorption lines?

3.1 Introduction

How galaxies get their gas is a long-standing issue. Ford#e;ahe standard theoretical picture of
galaxy formation has stipulated that all gas accreted iaik dhatter haloes is shock heated before it
radiatively cools and settles into a galactic disk (Silk719Rees & Ostriker, 1977, although Binney
1977 first suggested this need not be the case). This picasgrecleently been revisited both by analytic
studies (Birnboim & Dekel, 2003; Dekel & Birnboim, 2006) ahgidrodynamical simulations (both
in 1D: Birnboim & Dekel 2003 and in 3D within an explicit costogical context, Keres et al. 2005,
2009; Ocvirk et al. 2008; hereafter OPT08). These studie® lestablished that in haloes below a
critical mass shocks are unstable and cannot propagateualsgwso that cold diffuse gas and/or cold
filaments can penetrate deep into the halo without expenigrahock-heating. In contrast, at the other
end of the mass spectrum, very massive haloes easily s@staiial shock that is stable against gas
cooling so that diffuse/filamentary gas is shock heateddovttial temperature of the halo as it enters.
Finally, at intermediate halo masses, either gravitatiprehock-heated hot gas and/or a hot galactic
wind coexists with cold inflowing filaments (OPT08): some sewold filaments are stable against the
pressure force exerted by the hot gaseous material. In wibrels, the vast majority of galaxy-size host
haloes, especially at high redshift ¢~ 2), are predicted to be threaded by cold gas filaments in the

ACDM model of structure formation. Therefore, the questiatiéch naturally arise are whether or not

Kimm, T, Slyz, A., Devriendt, J., Pichon, C., MNRAS, 201134, 51
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the existence of these cold gas filaments can be obserditiocnafirmed, and by which technique.

Since the advent of high-resolution spectroscopy has edastronomers to study the kinematics
of the intergalactic medium at high redshifts in a wealth effail (e.g. Pettini et al., 2002; Adelberger
et al., 2003; Shapley et al., 2003), and given the fact thiat gas is thought to flow into massive haloes
(10'2M) at = = 2.5 along filaments with velocities of, 200kms~! (Dekel et al., 2009), it is sen-
sible to think that the spectra of Lyman-break galaxies (sBf2eidel et al., 1996) might reveal these
filaments as redshifted absorption features. Interestirgtecent study reported that few Lyman-break
galaxies (LBGs) show redshifted metal absorption lineggssting that inflowing gas in haloes with
4 x 101" < My;, < 10'2M,, is rare (Steidel et al., 2010). Taken at face value, this aqsp® contradict
the theoretical prediction that cold filaments are promimeithe vast majority of high-z haloes.

However, there exist a variety of reasons as to why theseditésrshould be very difficult to detect.
The first of these is the covering fraction of the filamentsisT# estimated in Dekel et al. (2009) to
be around~ 25% for four massive haloes with/,;, ~ 10'2M in the HORIZON-MARENOSTRUM
simulation, counting only relatively densd > 102°cm~2) and cold " < 10°K) gas within a radial
distance20 < r < 100 kpc from the central galaxy hosted by these haloes. Wheféass indeed a non-
negligible covering fraction, its exact dependence onhifidand halo mass remains to be determined.
For instance, Faucher-Giguére & KereS (2011) also medsthe covering fraction for a Milky Way-type
progenitor LBG in a smoothed particle hydrodynamic simatabut found a significantly smaller value
(~ 2%). Secondly, low-ionisation lines can be produced not onlycbld filamentary gas but also by
a galaxy'’s interstellar medium, so that when using a singlexy to probe the circumgalactic medium,
distinguishing absorption produced by filaments from thatpced by the ISM is key to prove/disprove
the presence of cold filaments. Thirdly, there is the geomefrthe accretion: in order to produce
a strong absorption signal, a filament needs to be well aigmi¢h the line of sight to maximise its
column density. Finally, there is the issue of metalliciymetal-poor filament will be transparent to
metal line observations.

The aim of this study is to quantify the aforementioned afféo better assess the detectability of
the absorption signal produced by cold filaments. We showtligaactual probability of detecting such
flows with metal lines is much smaller than the high covernagtion derived in Dekel et al. (2009) would
suggest due to i) the low density and ii) low metallicity o tlamentscompared with the densities and

metallicites of the interstellar medium of the host galaxy.
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3.2 HOoRIZON-MARENOSTRUM SIimulation

We use the I®RIZON-MARENOSTRUM simulation to investigate the statistical properties of gecre-
tion at high redshift. The HRIzoON-MARENOSTRUM simulation was carried out in a periodic box of
comoving sizel. = 50 Mpc h~! using an Eulerian adaptive mesh refinement codev&s (Teyssier,
2002). The simulation contains 102dark matter particles withg,, = 1.17 x 107 M, and the mini-
mum size of a grid cell is kept fixed around0.7 kpc h~!. The combination of the large volume of the
simulation and relatively fine grid is optimised for studyitme statistical properties of gas accretion onto
dark matter haloes. The initial conditions of the simulatiwere generated using the paralleled version
of Graf i ¢ (Bertschinger, 2001)yPgr af i ¢ (Prunet et al., 2008) with WMAP1 cosmologf2.{, = 0.3,

Qr = 0.7, h = Hyg/(100kms~—! Mpc~!) = 0.7) (Spergel et al., 2003).

RAMSESuses a second-order Godunov scheme to solve the Euler@mgiaind an adaptive particle-
mesh method is adopted as gravity solver. UV backgroundrtge& included as a source term in
the energy equation following Haardt & Madau (1996), andratogas cooling allows gas to dissipate
its energy down td’ ~ 10* K (Sutherland & Dopita, 1993). Star particles are produceskthaon a
Poisson process with a star formation efficiency of 5% pes-fadl time (Dubois & Teyssier, 2008;
Kennicutt, 1998). We assume that only dense grid cells mith> 0.1cm 3 can form stars. Massive stars
evolve and undergo a supernova phase after 10 Myrs, refptherg of energy into the surrounding
interstellar medium (Dubois & Teyssier, 2008). During thiiese, heavy elements processed inside stars
are dispersed also into their vicinity. AGN feedback is nodelled in this simulation. Due to a limited
CPU time availability, the simulation was stopped:at 1.5.

Dark matter haloes are identified using thes®eTaAHoOP halo finder (Aubert et al., 2004; Tweed
et al., 2009). Of several hundred thousands of dark mattees&ound, we only used massive haloes to
measure the physical properties of gas (gas accretiongedenetry) at the virial radius. More specif-
ically, we excluded haloes whose virial radii were smallert five times the typical size of the grid
cell where cold, dense gas filaments live. Correspondingiplradii arel4, 18, 25, and34 kpc at
z = 5.0, 3.8, 2.5, and1.5, respectively, and the minimum dark halo mass/g, ~ 2.2 x 10'°M, over
the redshift range. This results 4655, 11357, 15419, and15999 host haloes at = 5.0, 3.8, 2.5, and
1.5, respectively. Note that our sample is biased towards baiofeld/group environment, although the
virial mass of the most massive halo in the samplgois' M, at z = 1.5 . In Figs 3.1-3.2, we show
five randomly selected regions centred on massive (top tws)rand less massive haloes (bottom two

rows).
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3.2.HORIZON-MARENOSTRUM simulation

Figure 3.1: Five randomly chosen projected densities oigdeeand dark matter at = 3.8 from the
HoRIzoN-MARENOSTRUM simulation. The mass of each halo is indicated at the bottbeach panel
in units of 10! M. White circles denote the virial radii. The reddest and &leelours indicate the gas
density ofng = 1ecm ™3 and10~° ecm 3. Gas accretion is largely filamentary.

Figure 3.2: Same as Fig. 3.1, but for= 1.5. Gas accretion is now less filamentary and more diffuse,
compared to that from high redshift.
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3.3 Results

3.3.1 Covering Fraction of Dense Gas

OPTO08 showed that the transition mads (... ) S€parating cold from hot dominated accretion increases
with increasing redshift. According to these authors,zby 2.5, the cold streams feeding massive
haloes {/,;; 2 3 x 10' M) begin to disappear, but based on measurements of a harfidfalogs in
the HORIZON-MARENOSTRUM simulation at: ~ 2.5, Dekel et al. (2009) find that some massive haloes
with M,;, ~ 10'2M,, still show high covering fractions € 25%) of dense Vg > 10*°cm~2) and
cold (T < 10°K) inflowing gas within20 < r < 100 kpc. In order to obtain statistically significant
results on the covering fraction in thed#i1zoN-M ARENOSTRUM simulation, we analysall the haloes

in the simulation and show the results in Fig. 3.3. Using thmplete sample, we find that the average
covering fraction of haloes with/,;, ~ 10'?M, atz = 2.5 is ~ 5%, about a factor 5 less than the
covering fraction reported in Dekel et al. (2009) for thaibssample ofM,;, ~ 10'2M, haloes at

z ~ 2.5. We note that this lower value is more consistent with themeéindings of Faucher-Giguere &
Kere$ (2011). However, whilst low covering fractiors $%) are computed for most haloes at redshifts
z < 3, those of higher redshiftz(~ 3.8) haloes are much larger(25%), as can be seen in Fig. 3.3.
This strong redshift evolution in the covering fraction eld filaments between ~ 3.8 andz ~ 2.5
reflects the aforementioned rapid transition from cold to daminated accretion. We note that these
results are consistent with the OPTO08 value-of0'3 M, for M eam at z = 4.

An interesting feature present in Fig. 3.3 is that the comgefraction is higher in more massive
haloes at a given redshift. This seems to contradict previidlings (OPTO08) that it is the small haloes
which are mainly fed by cold mode accretion. It should be doteowever, that the covering fraction
shown in Fig. 3.3 does not account for the accretion of cdiffiisegas (cold gas with lower column
densities) which is only present in haloes with masses miaapof sustaining a virial shock at all. In-
deed, these small haloes are usually located within (omalofilaments whose density is low, whereas
the filaments around more massive haloes tend to be denseheffoore, in massive haloes, satellite
galaxies contribute more importantly to the covering fi@att as do extended, warped, galactic disks
and dense gas bridges which result from tidal interactiaia/éen galaxies. These latter effects partly
explain the trend, but the primary driver of the coveringfian increase with halo mass is the density of
the accreted gas, which is higher in more massive haloes.3Rddotted lines) substantiates this claim
by showing how the covering fractions drop when the very deayes Ny > 10%!cm™2) which belongs

to the ISM of satellite galaxies is excluded from the measare.
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Figure 3.3: The covering fraction of cold’(< 10°K) and dense Ny > 10%°) gas within20 <

r < 100 kpc physical as a function of the virial mass of haloé$,{). Different colours indicate the
covering fractions at different redshifts. Solid lineslirde the contribution from the interstellar medium
of satellite galaxies to the covering fraction. To exclukdis tatter contribution, we also plot the covering
fraction with upper density cutl(?® < Ny < 10%! cm—2, dotted lines). Error bars correspond to
the interquartile range2f < f < 75%). For a given halo mass, haloes at higher redshift showrarge
covering fractions. This can be understood in terms of thrdevelopment of a virialized hot medium
between: = 3.8 andz = 2.5.

3.3.2 CIl Absorption

In order to more carefully investigate the possibility ofetging cold filaments using metal absorption
lines, we compute the strength of th&I \1334 absorption. Our choice of line is dictated not only by
the temperature of the filamentary gas which is not high endagsignificantly produce more highly
ionized metallic elements such as CIV, but also becauseeitigirically known to yield the strongest
absorption feature (Steidel et al., 2010). We do not attemptodel absorption by Cll accurately which
would require detailed radiative transfer, but insteadveean upper limit by making several extreme
assumptions. Firstly, we assume that all the carbon prasdithments is eligible for theCIT \1334
transition. Secondly, we use the solar abundance rgfig4]. ~ 0.178, Asplund et al. 2009) to obtain
the carbon column density for a given metallicity in the diation. The optical depth of a grid cell is
computed as = ocncinAl, wherencyr is the carbon number densit/ is the size of the grid cell,

andoqyy is the cross-section for the line transition, which is cklted as

ocn = (3w /8)Y2 fAg ~ 1.5 x 10~ ¥em?.
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Hereor is the Thomson cross-sectioly is the rest-frame wavelength of the transition, ghis the
corresponding oscillator strength. We then correct thécaptepth by assuming that each grid cell
has a Gaussian velocity distribution with a dispersier(/2), which is obtained from the line-of-sight
velocity dispersiond,s) computed using the closest 27 neighbouring cells. We hested the validity
of the correction by using a high resolution in theNseries (12 pc resolution, Devriendt et & prep),
and found that this procedure yields an accurate approximaf the maximum absorption strength and
FWHM of the absorption profile that one would derive by usingach higher number of resolution
elements. Finally stars are assumed to dominate the UV mmissid we use the Maraston (2005)
spectral energy distributions to derive the continuum flrouad A ~ 13344, which depends on their
mass, age, and metallicity. The emission from each staiclgaih the galaxy is then used to estimate
an observed flux, as attenuated by intervening gas presam #he line of sight. Note that only the
flux emitted by the central 10 kpof a galaxy is used to compute the absorption line so as toartimei
observational resolution of FWHM 0.40” for galaxies at ~ 2 (Steidel et al., 2010).

Fig. 3.4 shows the HI column density map, projected metsllaistribution, and the corresponding
absorption profile for a galaxy residing inM,;, ~ 102M, halo atz ~ 3.8. A dense filament is
clearly seen not only in the H column density map, but alscha metallicity map, with metallicity
(~ 107* — 1073Z,). The filamentary gas is receding from the observer; hendetéctable it should
produce a redshifted absorption line. However, it turnstioait the absorption signal is dominated by the
ISM of the galaxy lighting up the filament. When the absonmptilue to the ISM is arbitrarily removed
by neglecting the opacity from the gas inside the centraldigs (- < 0.17290), the absorption feature
vanishes (green line). Even when the gas outside 0.1y is assumed to have solar metallicity, the
absorption strength is still much smaller (red dotted lit@n the absorption produced by the galaxy’s
ISM (grey and blue dashed lines). This strongly suggestghiegorimary reason why it is so difficult to
detect the cold filament is that the density of the filamengay is much lower than that of the galaxy’s
own ISM. As a result, and since the two absorption lines atevetl enough separated in velocity space,
the filament absorption signal is completely swamped by thh kevel of ISM absorption in the red
wing of the line.

In order to see if we can bring out the filamentary signal bgldtay absorption profiles, we analyse
the absorption spectra of 132 and 386 massive galaXibgo(> 10'2My) atz = 3.8 andz = 2.5
respectively along 6 projections-¢, —x, +y, —y, +2z, —z) and find that the optical depth for the CII

A1334 transition by the filaments is fundamentally small regassllef redshift. Fig. 3.5 shows that
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Figure 3.4: An example of the contribution from filamentagsdo the ClIA1334 absorption. Upper
panels show the hydrogen column density and mass-weighétallitity distributions for al0'2M,
halo atz ~ 3.8. A cold filament is indicated on the left panel, which is raéogdfrom the observer
and therefore should produce a redshifted absorption Aneghite square denotes the central0 kpé&
region over which the absorption spectrum is obtained.ddofhanel shows an absorption profile of this
galaxy (thick grey solid line). We also compute the absorptvithout the central disc by neglecting the
opacity of central cells(< 0.1r99g) (green solid line) and absorption without the outer gas 0.1r299)
(blue dashed line). Also included is the absorption prodweleen the outer gas (> 0.1750) is assumed
to have solar metallicity in the absence of the central died @lotted line). It can be seen that the
contribution from the filament to the low-ionisation metal is negligible compared to that of the ISM
of the galaxy in every case. An uncorrected spectrum is deduto show the effect of the correction
applied to the velocity distribution of gas (thin solid giee).
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Figure 3.5: Stacked absorption profiles of massive galaiés, > 10'2M.) at z = 3.8 (left) and

z = 2.5 (right). We take 6 projectionsH{z, —x, +y, —y, +2z, —z) for 132 galaxies at = 3.8 and 386
galaxies at = 2.5. The stacked spectra are obtained by taking the mean of theafised intensity. We
also show the absorption spectra expected when only adratPs) of the ISM carbon is assumed to
produce the absorption (blue lines, see the text). Theibotitn from the outer regions (i.e. filament if
any) is negligible in the absorption profile.

the stacked (mean) absorption strength is unaffected bprimence of filaments. To check whether
the signal from filaments could potentially become notidedbthe ISM was less metal-enriched, we
also examined the case where only a tiny fraction (1%) of #rean in the ISM is eligible for the ClI
transition (blue lines in Fig. 3.5), but the difference beém absorption profiles resulting from all the
gas along the line of sight versus the case where we excledgathin the central region & 0.1r5q) is
still minute. Therefore, we conclude that the presence lof filaments is very difficult to confirm with
low-ionisation metal absorption lines.

The optical depth of filaments may be under-estimated dueetdinite resolution of the HR1ZON-
MARENOSTRUM simulation. For example, the density of the filamentaryditne atz = 7 in the
HORI1ZON-MARENOSTRUM simulation (0.005 < ng < 0.1) is more than an order of magnitude lower
than that of the NT simulation (.1 < ny < 1) where the filaments are fully resolved (Powell et al.,
2011). However, this increase does not suffice to produceagstbsorption signal. Moreover, we find
that the effect of increasing resolution affects the ISMsitgrmore considerably (it becomes more than
four orders of magnitude higher in theuN than in the FORIZON-MARENOSTRUM simulation). As a

consequence the ISM causes a stronger absorption signah wiore than compensates the increased
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contribution from the cold filament.

It should also be noted that finite resolution affects theatfieity of the filamentary gas, so that in
the real Universe its metallicity may be higher than the ealg- 10~* — 1073 Z.) we report for the
HoRI1zON-MARENOSTRUM simulation. Indeed, our simulation cannot resolve all tival galaxies
that might pollute the pristine filamentary gas. Besides,tell known that the energy from supernovae
will artificially be dissipated when simulations are run lwén insufficient level of resolution. Indeed,
in such a case, supernovae only explode in dense grid aediglting in substantial radiative losses and
negligible momentum transfer to the surrounding gas. Utltese circumstances, metals cannot disperse
properly. For comparison, the ultra-high resolutionNsimulation indicates that the metallicity of the
filamentary gas around-a 10° M, galaxy can reach values upt0—2Z already at ~ 7. Yet, such an
increase in metallicity would still be inconsequential floe absorption spectra. Furthermore, we believe
that the metallicity in the filaments is not likely to rise appiably beyond these values, because most of
the supernova ejecta escapes in a direction perpendicutiaatt of the elongated filament, which makes
it difficult to efficiently enrich the filamentary gas with naés (Geen et al., 2012). However, for the
sake of completeness, we present in Fig. 3.4 the case of ddralhich the gas outside > 0.1r9g
is arbitrarily assumed to have solar metallicity. We find ti@ absorption strength of the filament (red

dotted line) is still much smaller than the absorption peiliby the galaxy’s ISM.

3.4 Conclusions and Discussion

Cosmological simulations predict that high-z galaxiesagby acquiring gas from cold streams (Dekel
et al., 2009), but no observational confirmation has beesirmdxd yet. Based on a statistical sample from
the HORIZON-MARENOSTRUM simulation, we argue that low-ionisation metal absorpteatures, such
as Cll \1334, arising from intervening cold filaments are extremely hardistinguish from absorption
by the ISM of high-z star-forming galaxies. This is primgarbecause the optical depth for the low-
ionisation transition from cold filamentary gas is minugsulompared with that of the ISM of the host
galaxy. Moreover, the filamentary absorption is not redstlienough with respect to the ISM absorption,
so that the residual ISM absorption in the red wing of the in&till prominent. This small optical depth
of filaments mainly finds its source in the intrinsically lowrgities and metallicities of the cold gas
when compared to those of the galaxy’s ISM. Another factdhésgeometry of the flow which lowers
the probability of detecting filaments as their column dignsill rarely be maximised by being aligned

with the line of sight.
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As an alternative to using a single galaxy, one could prolmigigalactic regions by using a paired
background galaxy. This method alleviates the importarid§M absorption since when probing cir-
cumgalactic regions in this way, the absorption by the ISMhef foreground galaxy will occur at a
different spatial position from that produced by filamehisfortunately, the rare occurrence of suitable
foreground-background galaxy pairs makes it difficult tolgg more than one line of sight per foreground
galaxy. As a result, high resolution individual spectratzaed to obtain and one has to resort to stacking
the spectra of multiple galaxies (Steidel et al., 2010). t€oy to what might be expected, stacking will
wash out the cold filament absorption signal since absarpitioinflowing gas does not neatly separate
from that caused by outflows as was the case when probingrthem@alactic region using single galax-
ies. Indeed, cold filament absorption against the backgtgataxy light will not only be redshifted, but
also blueshifted as one expects that on average as manytmsads will be detected moving towards
as away from the observer. Absorption by outflows will alsffesithe same fate. This will make it all
the more difficult to argue whether the observed absorptatufes are driven by infalling gas or by
outflows from high-z star-forming galaxies. Moreoever, thetal column density of cold filaments is
minuscule, as already mentioned. The hydrogen column tikshsif the cold filaments are distributed
around10?°cm~? at these redshifts, yielding corresponding carbon colusmsities around0!6cm—2
if an averageZ = 0.001Z is used. Even if all carbon atoms are assumed to be eligibkaécCll tran-
sition, the optical depth is only arouri®—? in the line. On the other hand, outflows are expected to be
very metal rich, so that even though higher transitions GKe are expected to dominate the absorption
signal, the amount of Cll absorption from these outflows mgihl swamp that produced by the cold
filaments.

Finally, we have assessed possible numerical resolutiaresson column density and metallicity of
the filaments using the very high resolution numerical satioh NUT suite and found that our conclu-
sions remain by and large unchanged.

Based on these considerations, we conclude that the peesdrtbe cold filament is difficult to
disprove/prove with low-ionisation metal line absorptidnstead, we note that, in the absence of metal
cooling, thermal energy can be effectively converted inta photons ai0*~10° K, which is the typical
temperature of cold filaments. Thus, the Lymaemission route seems more promising to detect cold
filaments. Indeed, Rosdahl & Blaizot (2012) predicted udirigblown radiative transfer calculations
that the large-scale cold filaments would clearly be visiil& ., = 10719 ergs™! em ™2 arcsec ™2 (see

their Fig. 14). Future instruments, such as Multi Unit Spesstopic Explorer (MUSE, Bacon et al.,
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2006), are expected to detect a flux of the same order, angbhaillan important role in probing cold

filaments.
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Chapter 4

Cosmic Angular Momentum of Baryons

and Dark Matter

4.1 Introduction

Along with mass, angular momentum growth shapes the fundeaingroperties of galaxies. Using linear
theory, one can show that density perturbations acquirelangnomentum through their asymmetric
interactions with the larger scale tidal field (Peebles,9198oroshkevich, 1970; White, 1984). Thus
one expects the angular momentum of the Lagrangian regiconguassing a future virialized structure
to scale likea?(t)D(t) until it decouples from the Hubble expansion, wherand D are the scale
factor of the universe and the linear growth rate of densdstysbations, respectively (White, 1984).
Further assuming that the gas experiences the same tidhbfahe dark matter, they should initially
share their specific angular momentum. Provided this spemifgular momentum is conserved as the
gas radiatively cools, early studies were able to reasgnaldltch crucial observed relations, such as
the Tully-Fisher relation or the size-rotation velocityateon (Fall & Efstathiou, 1980; Dalcanton et al.,
1997; Mo et al., 1998). In spite of several severe shortcgmin the theory pointed out by authors like
Hoffman (1986) (including no account of secondary infall anergers between virialized objects), this
success encouraged all (semi-analytic) galaxy formatiodets published to date (e.g. Cole et al., 2000;
Firmani & Avila-Reese, 2000; Hatton et al., 2003; Crotonlet2006; Monaco et al., 2007; Stringer &
Benson, 2007; Somerville et al., 2008; Dutton & van den Bp&€i99; Firmani & Avila-Reese, 2009;
Khochfar & Silk, 2011) to rely on the core assumption thatayad dark matter contained within the same

virialized structure split specific angular momentum elyudatowever, the recent findings that the vast
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majority of galaxies are mainly fed gas by cold, thin and @dilaments which penetrate deep inside the
virial radius of their host dark matter halo (e.g. Kereslgtz®05; Ocvirk et al., 2008; Dekel et al., 2009;
Powell et al., 2011) begs for a reassessment of the valiflityeoclassical angular momentum scenario.

According to the standard picture of galaxy formation, gafirst shock-heated to the virial temper-
ature of its dark matter halo host as the latter collapsassabsequent accreted material encounters the
resulting virial shock as it penetrates the halo (Rees &ik¥str1977; Silk, 1977; White & Rees, 1978).
Since the shock-heated gas is more or less spatially nebditstd as the dark matter before it can cool,
one is led to logically postulate that its specific angulammatum closely tracks that of the dark matter
halo. Non-radiative hydrodynamical cosmological simiolaé have confirmed that this is the case (e.g.
van den Bosch et al., 2002).

However, as soon as the gas is permitted to radiatively codlfarm stars, this tight correlation
between gas and dark matter spin should break down. Fonaesta fraction of gas accreted at earlier
times with lower angular momentum will be converted intastalevating the specific angular momen-
tum of the remaining gas (Dutton & van den Bosch, 2009). Mdalevwthe specific angular momentum
of the dark matter halo is expected to either be frozen im &fite around or decline due to the presence
of external torques (c.f. Peebles, 1969; Book et al., 20HEnce it is not very surprising that radiative
hydrodynamics cosmological simulations show a differéndbe spin parameters between gas and dark
matter. Indeed, Stewart et al. (2011b) have recently regdhat for a pair of resimulated halos, cold gas
had 3 to 5 times more specific angular momentum than dark n{ate also Sales et al., 2010). In this
context, the questions which naturally arise are: (i) whatthe mechanisms that segregate dark matter
and gas angular momenta? (i) is this segregation universabes it depend on halo properties? and
(i) does it evolve with redshift? Since the gas is the majera for transferring angular momentum
from (super) halo scales down to central galaxies, it is keintestigate the evolution of its angular
momentum in the region extending between the galaxy anditia radius of the dark matter halo (i.e.
0.1rvir <7 < Tyir).

Within galaxy size virialised halos, the picture of gas ation has recently been significantly re-
vised, with the rediscovery of an idea first put forward by riggp (1977) that infalling gas is never
shock-heated to the virial temperature but instead flowsutjin an ‘isothermal’ shock, reaching the
galactic disc cold (Fardal et al., 2001; Katz et al., 2003nBoim & Dekel, 2003; Keres et al., 2005;
Ocvirk et al., 2008; Brooks et al., 2009). Moreover, this dsrought along anisotropic narrow streams

which persist deep within the halo, contrary to their braoatierk matter counterparts which rapidly fade
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Figure 4.1: Projected densities of the dark matter (top)gasd(bottom) centred on a halosf10' M,

at z = 3 from the NUT simulation with supernova feedback (NutFB).6A region is projected and a
figure with aspect ratio 1:2 is displayed, where the longegtle corresponds t6r,;, (= 224 kpc). At

z = 3 the scale-height of the disc as well as the large scale fileanestructure is well resolved in the
simulation. It can be seen that dark matter filaments arederoéhan gas filaments. The gas filaments
are not destroyed by supernova explosions.

away at the virial radius (Powell et al., 2011). Therefoneg vonders how differently this filamentary
gas advects angular momentum throughout the halo.

With such questions in mind, we use a set of high-resolut@snmmlogical simulations to revisit two
key assumptions of disc formation theory, namely that gasesathe same amount of specific angular
momentum as its host dark matter halo and that this specifjalanmomentum is conserved as this
material gets accreted onto the central disc. The detailseo§imulations are described in Section 4.2.
In Section 4.3, we review the standard theory of disc galaxynétion and compare angular momentum
of gas and dark matter from non-radiative hydrodynamic ftians. In Section 4.4, we investigate the
time evolution of angular momentum of baryons and non-b@icyaatter along with a comparison to
observational data at = 0 and discuss how our results compare with the standard pickinally, we

discuss the implications and the relevance of feedback anclude in Section 4.5.

4.2 Simulations

We use the Eulerian AMR code,ARISES (Teyssier, 2002), to investigate the angular momentum evo-

lution of baryons and dark matter. ARISES uses a second-order Godunov scheme to solve the Euler
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Table 4.1: Summary of simulation parameters and physicgkdients. From left to right, columns are
as follows: simulation name, comoving box size, number ok daatter particles, minimum grid size,
dark matter particle mass, star particle mass, threshaisityefor star formation, redshift down to which
the simulation is carried out, indication of whether supgmfeedback is included, and redshift at which
UV background heating is initiated.

Simulations L NpMm  AZmin mpM Mestar Nth Zend SN uv
(Mpc/h) (pc) Me) (M)  (H/cm®)

NutAD 9 10243 48 5 x 10* - — 0 - z=85
NutCO 9 10243 48 5x10* 3x10% 10 0 - z=85
NutFB 9 10243 12 5x10* 2x10* 400 3 Y z=85
MareNostrum 50 10243 1090 1 x 107 2 x 109 0.1 15 Y z=85
Cosmo25 25  256° 1090 8 x 107 4 x 109 0.1 0 Y z=105
Cosmo50 50 2563 2180 6 x 10® 3 x 107 0.1 0 Y z=105

equations, and an adaptive particle-mesh method to sotv@disson equation. Since the outcome of
hydrodynamics simulations is subject to resolution andsflay ingredients, we make use of five simu-
lations to draw robust conclusions. These simulationaugelthe NUT series (Powell et al. 2011), the
HoRi1zoN-MARENOSTRUM simulation (Ocvirk et al., 2008; Devriendt et al., 2010)dawo other cos-
mological simulations (Cosmo25, Cosmo50; Dubois et al22Df fairly large volumes but with lower
resolution than the HR1zON-M ARENOSTRUM simulation. Whereas simulations in theyi series fo-
cus on the evolution of an individual, Milky Way-like galaxiie HORIZON-MARENOSTRUM, Cosmo25
and Cosmo50 simulations give the statistical propertiggatdxies spanning a wide range of halo mass.
Physical ingredients common to most of our simulationsudelreionisation, cooling, star formation
and supernova feedback. These are summarised in Tabldahd veith simulation parameters.

To model the reionisation of the Universe, a uniform UV baockmd radiation field (modelled as
a heating term in the energy equation) is turned on at higbhiétd'see Table 4.1) following Haardt
& Madau (1996). Gas dissipates energy through atomic ogalown to10* K (Sutherland & Dopita,
1993). For the NIT simulations metal line cooling can lower the gas tempeeaturther (below~ 10
K). When the gas density in a grid cell exceeds a given thidghg,, see Table 4.1), star particles are
spawned by a Poisson process according to a Schmidt law wli#h afficiency of the star formation
per free-fall time (Kennicutt, 1998; Dubois & Teyssier, 8D0This threshold density is chosen so that
it is inferior or equal to the maximal Jeans density reachedhe finest level. In the simulations with
supernova feedback, after 10 Myrs, massive stars undergo Type Il supernova explosieteasing half
of their 10°! ergs into their surroundings as kinetic energy and the dthras thermal energy (Dubois
& Teyssier, 2008). During this phase, processed heavy elenage dispersed, enriching the interstellar

and intergalactic medium. In what follows, we elaboratetmndetails of each simulation.
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The NUT series make use of the resimulation (also called ‘zoomhr@pie to follow the evolution
of a Milky Way-type galaxy in aACDM cosmology. Powell et al. (2011) reported on high redshif
results (z> 9) from the ultra-high resolution resimulations in the'Nseries. These reached a maximum
physical spatial resolution of 0.5 pc at all times. To track the evolution of the galaxy dowotver
redshifts, the NT suite also includes three resimulations with lowpatial resolution (but identical DM
particle mass resolution) and the following physics: (ilahdtic with a uniform UV background turned
on instantaneously at = 8.5 (NutAD) (ii) cooling, star formation, and UV background (?{@0O) and
(iif) same as (ii) but with supernova feedback and metalabmient (NutFB). NutAD and NutCO have
maximum 48 pc (physical) resolution at all times and reaeh 0, whereas NutFB has maximum 12 pc
(physical) resolution and only reaches= 3. Figure 4.1 shows a snapshot of the DM (upper panel) and
gas (lower panel) of a region centred on a halo hosting a Miiy-type galaxy at = 3 in NutFB.

We recall the important details of theut resimulations here. The simulation volume isia9 Mpc
comoving periodic box evolving according to a WMAP5 cosnggigDunkley et al., 2009)ds = 0.8,
Q= 0.258, Qp = 0.742, h = Ho/(100kms~!Mpc~1) = 0.72). Initial conditions are generated using
MPgr af i ¢ (Prunet et al., 2008), a parallel version of tBafic package (Bertschinger, 2001). Within
this volume we identify the region where a Milky Way-like gay (halo virial mass ofv 5 x10''M,
at z = 0) will form. This region encompasses a volume of side lengtR.7 ~' Mpc. While the
root grid for the entire simulation volume is 128within the (~2.7 ™! Mpc)® region, we place an
additional three nested grids, giving an equivalent reé&niuof 1024 dark matter particles, each with
mass Myy ~ 5 x 10°M,. To fix the maximum physical resolution to a constant valu2 & for
NutFB and 48 pc for NutCO and NutAD) as the universe expandstasimulation evolves, we further
refine on the finest fixed grid within the 2.7 hMpc? region according to a quasi-Lagrangian strategy,
i.e. when the number of dark matter particles in a cell reaéher equivalently when the baryon plus
dark matter density in a cell increases by a factor of 8. Tdlldists the maximum level triggered for
each simulation. Because of the higher spatial resolutia¥iuitFB it uses a higher density threshold for
star formation 1 ¢, = 400 cm™?) than the NutCO runr(i ¢, = 10 cm™3). The star particle mass
(~ 2 — 3 x 10* M) is determined by the combination of minimum grid size andsity threshold for
star formation (Dubois & Teyssier, 2008). In NutFB, we assuimt every supernova bubble with an
initial radius of 32 pc sweeps up the same amount of gas asittially locked in the star particles. This
is usually expressed as a mass loading factor of unity ().

The other three simulations are large volume cosmologioallations, and as such are performed
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with lower spatial (1-2 kpc) and mass resolution. More dedly, the mass of each dark matter particle
is mpw ~ 107 M, for the HORIZON-MARENOSTRUM simulation,8 x 107 M, for the intermediate size
run (Cosmo25) angd x 10®M, for the Cosmo50 run. As in the NutFB run, supernova feedback a
UV background heating are included in the simulations, batradius of the initial supernova bubble
is set to twice the minimum size of the grid (see Table 4.1)teNdso that the adopted cosmology for
the HORIZON-MARENOSTRUM simulation (WMAP1) is different from the others, but as wél whow
this has very little impact on our results, if at all. We reifgierested readers to Ocvirk et al. (2008) and
Devriendt et al. (2010) for a detailed description of thertizoON-M ARENOSTRUM simulation set-up.

In all the simulations, we identify (sub) haloes using A pPTAHOP algorithm (Aubert et al., 2004),
which is based on the detection of peaks and saddle poirtig idetrk matter density field, supplemented
by the most-massive subhalo algorithm developed by Tweedl ¢2009). The virial radius of halos
is defined as the maximal radius within which the virial theoris satisfied to better than 20%. We
further define gas belonging to a satellite galaxy as gadingsivithin the half-mass radius of its host
DM satellite halo. The centre of a halo, which we use to comppugular momentum, is defined as the
centre of mass of dark matter and baryons. The mean motidredidlos is determined by computing

the centre of mass velocity of dark matter particles, gad,stars within their virial radii.

4.2.1 Measurement of angular momentum

To understand how galaxies acquire their angular momenugnstudy the angular momentum evolution
of the different components (gas, dark matter, stars) éintlieir host halos. We compute the specific

angular momentum vectors as:
Zi mif'} X ‘_’:2

J= Zz e )

wherer; is the radial distance from the centre of mass of the haldu@es dark matter and baryons),
v, is the peculiar velocity andh; is the mass of the i-th dark matter (star) particle or gas ¢elivhat
follows, we use different subscripts to denote the spedifguiar momentum of different components in
different regions of the halo. These are summarised in Table

Note that specific angular momenta measured in differeribmegof the halo, such ag;,, and
Jeas,out, are often compared in this study. Rigorously speaking ihincorrect and we should only
compare quantities measured in the same spatial regiore dfalo. However, as we show below and as
one can easily convince oneself, including/excluding evaml part of the dark matter halo has little im-

pact on our conclusions, because the central patt (.17;,) only accounts for a small fractiory, 10%
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4.3. Standard Theory of Disc Galaxy Formation and Adiab&iimulations

Table 4.2: Notations (first column) for specific angular mataeused in this study. The first subscript

indicates the component used for the calculation (DM, dass sharyons). The second column specifies
the region (normalised to the halo virial radius) over whinoh specific angular momentum is calculated.
The default region over which we measure specific angular embum is a sphere extending from the

centre of mass of the halo to the virial radius. A second sifiisadicates whether we excludg,{s out)

or include @gas cen) the gas in the central region (i < 0.1) of the halo for the specific angular mo-

mentum calculation. The third column lists the componemttuded in the specific angular momentum
calculation.

Notation Spatial extent Component

Jdm r/rvir < 1 dark matter

Jdm,out 0.1 <r/ryiy <1 dark matter

jgas T/rvir < 1 gas

jgas,out 01< T/Tvir <1 gas

jgas,cen 7n/rvir <0.1 gas

Jstar r/ryir < 1 all stars except those in satellite galaxies
Jbar r/rvir < 1 all stars (satellite galaxies included) + gas

of the total halo mass and angular momentum. Hence, in codecilitate the comparison with previous
work in the literature where it is commonly assumed that thl® lgas shares either the average or the

specific angular momentum profile of its dark matter halo hestusejy,, andjqm out interchangeably.

4.3 Standard Theory of Disc Galaxy Formation and Adiabatic $mula-

tions

We begin our investigation by describing the standard thebdisc galaxy formation. In this picture,
gas gains angular momentum through large-scale tidal itmgcauring the expansion phase of the La-
grangian region which ends up as the virialised halo (Peehi69; Doroshkevich, 1970; White, 1984).
As this gas enters the virialised dark matter halo, it getxktheated to the virial temperature (e.g.
White & Rees, 1978). It then radiatively cools while congagvits angular momentum, forming a ro-
tationally supported gaseous disc at the centre of the hatknpal (Efstathiou & Jones, 1979; Fall &
Efstathiou, 1980). The two fundamental assumptions whidetpin the standard theory can therefore

be summarised as follows:

1) the gas that enters the virialised halo having experitioe same tidal torques as the dark matter,

it carries the same amount of specific angular momentum dattbe

2) this gas is shock heated and radiates away its energyngidkwn to the central region of the

virialised halo while conserving its specific angular motoem
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4.3. Standard Theory of Disc Galaxy Formation and Adiab&iimulations

Under these assumptions, a disc galaxy in the standtatic model (Fall & Efstathiou, 1980; Mo et al.,
1998) can simply be described by two parameters, the angudanentum fraction g1 = Jga1/Jvir)
and the mass fractiom{y. = M,.1/M,i,) of baryons which end up in the galaxy, whefes the total
angular momentum ant is the mass. Such a simplification is only possible becawessgim parameter
(Peebles, 1971; Bullock et al., 2001) of dark matter halgsedds very weakly on redshift and mass
(e.g. Bett et al., 2007; Mufoz-Cuartas et al., 2011). Tmel&mental limitations of this standard static
approach are twofold: (i) there is no compelling physicglanent to decide which valugs,; andmy,
should have, and (ii) even if there was, the theory would lséilunable to predict the evolution of the
angular momentum of the galaxy as it grows.

Various solutions to these issues have been presented) aihido follow the detailed growth of disc
galaxies using mass accretion histories measured frorarattsmological N-body simulations (Wech-
sler et al., 2002) or the Extended Press-Schechter formgiian den Bosch, 2002) (e.g. Avila-Reese
et al., 1998; Firmani & Avila-Reese, 2000; Stringer & Bensd®07; Dutton & van den Bosch, 2009).
These semi-analytic models assign rotating gas to concestiells and compute how much they radia-
tively cool so as to track their collapse onto the centratgyl Unfortunately, the angular momentum of
such gas shells can be determined in several ways. For ggsteimmani & Avila-Reese (2009) inject an
amount of angular momentum at the time of virialisation s the spin parameter of the halo remains
constant and the gas profile matches the universal angularemtam profile of dark matter halos as
determined by Bullock et al. (2001). On the other hand, §&ir& Benson (2007) and Dutton & van den
Bosch (2009) assume that freshly accreted gas carriesaanmgoimentum that is consistent with the an-
gular momentum distribution (AMD) measured in non-rag&ttosmological SPH simulations (Sharma
& Steinmetz, 2005). The main advantage of thégeamicmodels lies in their predictive power for the
self-consistent redshift evolution of observables sudtissgalaxy sizes, as a function of mass (see e.g.
Dutton & van den Bosch, 2009).

Even though different dynamic models adopt different egigs to study the build-up of galactic
discs, their common underlying assumption is that theaithjtihot gas possesses an angular momentum
which follows a similar distribution as that of dark matt&uch an assumption is supported by several
non-radiative hydrodynamics simulations which demonsteasimilar AMD between hot gas and dark
matter (van den Bosch et al., 2002; Sharma & Steinmetz, 200kjs, we refer to a model as ‘standard’
in this study if it is based on the two fundamental assumptiameviously listed at the beginning of this

section andf its gas angular momentum matches the angular momentumibdigon (AMD) or profile
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Figure 4.2: Evolution of the specific angular momentuih ¢f a dark matter halo hosting a Milky
Way-type galaxy in the adiabatic run (NutAD). Different cots denote different components: dark
matter (qm, solid grey), dark matter @1 < 7/rvi; < 1 (jam,out, dashed grey), gages, thick blue),

and gas a0.1 < 7/rvi; < 1 (Jgas,out, dashed blue). We also display the specific angular momentum
corresponding to a reduced spin valle= 0.04 (red dashed line) for the dark matter halo. The specific
angular momentum of the halo gag.( .ut) closely follows that of the dark matter halgy(,) in this
non-radiative simulation.

(AMP) of dark matter haloes (Bullock et al., 2001) or ‘adigibagas (Sharma & Steinmetz, 2005)
profiles.

In principle, the two assumptions, i.e. the same tidal timgjand angular momentum conservation,
cannot be violated in the Lagrangian point of view. Howewsettark matter halo is an open system, and
therefore one must consider the misalignment betweerreliffeaccretion events. In the standard theory
of disc galaxy formation, the misalignment is neglectedsiarplicity by assuming that the spin vectors
of concentric shells are well aligned. For this reason, g fmcuses on theetangular momentum, which
conveys incomplete information about how gas angular mouners advected inside a dark matter halo.
Moreover, since gas accretion process onto a galactic disde markedly different depending on the
presence of radiative cooling, careful examination isechfior to better understand the advection of
angular momentum onto the central disc. If we relax the aptiomto allow the misalignment between

different concentric shells and radiative cooling, the ges/ not share the same angular momentum

profile or distribution as dark matter, as we will show in tagections.
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4.3. Standard Theory of Disc Galaxy Formation and Adiab&iimulations

4.3.1 Adiabaticity and the cosmic origin of angular momentun

In this study, we use a different computational techniquelRA to solve hydrodynamic equations, as
opposed to the previous works based on SPH technique. Dherafe first reproduce the results of
Sharma & Steinmetz (2005) and discuss the gross feature @frthular momentum evolution of a halo
by analysing our non-radiative NutAD run.

Since gas cannot cool radiatively in this simulations, yeadcreted material is shock-heated by the
pressure supported intra-halo medium. As a result, italigdoriented initial velocity is isotropised,
and drives the gas density field towards spherical symmetocreted dark matter particles are also
more or less isotropically redistributed within the hodbHay the collisionless phase mixing and violent
relaxation process. Given that (i) gas and dark matter withé halo experience the same larger-scale
torques (e.g. Peebles, 1969; Book et al., 2011), and (iipgdslark matter are driven by the gravitational
collapse to a very similar equilibrium distribution (i.eo & good approximation that of an isothermal
sphere since the total amount of angular momentum provigeididl torques is very limited), we expect
them to have similay. Indeed, Figure 4.2 shows that.s Or jgas out ClOSely tracksjq, regardless of
whether or not mergers, easily identified by large jumpg {(e.g. Vitvitska et al., 2002; Maller et al.,
2002; Peirani et al., 2004), occur, reproducing the redti® the earlier works (e.g. van den Bosch
et al.,, 2002). When the dark matter angular momentum is egptkin terms of the spin parameter
(N = jam/V2r Ve, Bullock et al. 2001), we recover the typical value)Xdf~ 0.04 at all times with
fluctuations of up to a factor of 2 around this value. We have also found that exaxis AMDS, p(j.),
of the gas can be well fitted with the gamma function of Sharn@&t&nmetz (2005) (Figure 4.6), where
j. is defined as the component of specific angular momentumealigrith the total angular momentum
vector of either dark matter or the gas. Although we have mciuded in this study, when a thermal
broadening is applied to gas velocities using the temperatieach cell, we reproduce the results of van
den Bosch et al. (2002) that theaxis AMDs of the gas and dark matter are indistinguishable.

An interesting feature in Figure 4.2 is that, increases with time (albeit at a reduced rate below
z = 3), implying that late infall carries a larger amount of arayuhomentum. This is not a completely
unexpected result given that dark matter haloes are knoexyterience little evolution of spin parameter
with time (e.g. Peirani et al., 2004; Mufioz-Cuartas et2111). As their mass and radius grow, so must
their angular momentum. However, it is not trivial to undanslwhythe late accretion has larggr A
naive answer is that material with larger angular momentkad more time to reach the potential well,

but this does not explaihowit acquired such a large angular momentum in the first place didtuss
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in detail the cosmic evolution of the angular momentum obldlvhich necessarily goes beyond tidal
torque theory) in a companion paper (Pichon et al., 2011){doiccompleteness’ sake, we briefly outline
the main idea in the paragraph below.

The dynamics of the gas and dark matter flowing along what kas blubbed the ‘cosmic web’
can be understood as the anisotropic time evolution of thialiGaussian random gravitational field.
Cosmological structures originate as peaks in the assaociattial density field (Bond et al., 1996),
which are connected to other peaks through peak patchesulthmotion of a peak patch is determined
by the gradient of the large-scale potential. The lattep di$ves the motions of filaments which exist
at the intersection of at least three void patches and copeadks. As a consequence of the asymmetry
between voids, the gas and dark matter flowing out of thesdsva¢quire a transverse velocity when
they intersect at a filament. This transverse velocity issimed of a halo’s angular momentum which
is then advected along the filaments all the way into the hittiag on the peak. Since the transverse
velocity along a filament is constant to zeroth order appnation, the material initially located further
away from the peak will naturally contribute more angularmmemtum. Note that the infall of matter
along such filaments wiltoherentlycontribute an increasing amount of angular momentum asgee
on (shown in Figure 4.2), since the filament preserves ientation over long stretches of time.

In summary, we have confirmed the earlier results that theradiative gas and dark matter share
the similar AMD and hence the total specific angular momeninside a halo (van den Bosch et al.,

2002; Sharma & Steinmetz, 2005), supporting the standatdrgi of disc formation theory.

4.4 Simulations with Radiative Cooling

In the real Universe, gas can radiatively cool and form caéhse filamentary structures at high redshift
(Keres et al., 2005; Ocvirk et al., 2008; Dekel et al., 20B8yoks et al., 2009). The cold flows are
efficiently brought in to a dark matter halo without being ckibeated at the virial radius. Even at
lower redshift, gas accretion onto a dark matter halo idylike have a preferential direction in that
matter accretion is mainly driven by the dynamics of thedasgale cosmic web (e.g. Codis et al., 2012).
Given the dissimilarity in the accretion process from thialatic case, it is necessary to reassess several
assumptions made in the disc formation models.

For this purpose, we make use of the cooling run (NutCO) aeddack run (NutFB) The mass of

the dark matter halo at= 0 is M,;, ~ 4 x 10'' M, (see Appendix A.3 for a time evolution of the halo

*Run with identical initial conditions and mass resolutibat with higher (12 pc) spatial resolution and supernovaltieek
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Figure 4.3: Accretion-weighted specific angular momentomdiark matter (black solid line) and gas
(blue solid line) at the virial radius in the feedback (leéingl; NutFB) and the cooling (right panel;
NutCO) runs. The net specific angular momenta of the darkemiatlo (4,,,) and the halo gasjfas out)
are included as grey dashed and blue dashed lines. Notentilarsévolution of the specific angular
momentum of the halo gas and of both accreted gas and dar&rmatt

mass), which is thought to be close to the mass at which gastewttransitions from the cold mode to
the hot mode (Birnboim & Dekel, 2003; Ocvirk et al., 2008).€eTimost significanhalo merger occurs

atz ~ 2.6 (satellite to host halo mass ratidy,;/M.st ~ 0.25), while the second most significant
merger Mgt/ Mnost ~ 0.12) happens at ~ 3.5. The majority (75%) of the other 20 minor mergers
(0.01 < Mgat/Myost < 0.1) take place betweeé < z < 10. In addition to these mergers, material
accreted along filaments also contributes to the rapid ti@miaf j since the density in the gas filaments

varies (see also Figure 2 of Brooks et al. 2009).

4.4.1 Reassessment of the assumptions used in the standarscdormation theory

In order to test whether the gas carries the same amountafis@mgular momentum as the dark matter
when it is accreted by the halo, we compute the accretiogivied specific angular momentum modulus
of both components at the virial radius as

_ Zz mivr@(—vr)f'i X \71

> mivyO(—vy) ’

(o,

where0 is the Heaviside step function. This is done by calculativgdontribution of infalling ¢, < 0)

gas or DM particles located within the thin shell definedt®p < r/r.i; < 1.05. Since the collisionless
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Figure 4.4: Evolution of the specific angular momentum moslf) from the high-resolution (12pc)
feedback (NutFB; left) run and low-resolution (48pc) cagliNutCO; right) run. Different colours de-
note different components: dark mattég,{, thick grey), gas ab.1 < 7/rvi; < 1 (jgas,out, thick blue),
stars (s, thin orange), all baryons in the halg.{;, red). Note that the specific angular momentum
calculations for dark mattef{y,), 9as {gas,out) and baryonss,,,) includes the contribution from satel-
lite galaxies, while it is excluded for the measuremenjsf.. The specific angular momentum of gas
(Jeas,out) is larger than that of its host dark matter hajg,(), suggesting that the angular momentum of
the gas is not acquired during the collapse of the latterciBp@angular momentum of the total baryons
(jbar) is comparable to that of the dark matter hajg,{) in both runs.

dark matter particles can potentially get accreted sevienals as they come in and out of the halo, we
track each particle individually and flag them the first tirheyt cross the virial sphere so as not to re-
accrete them later. For the collisional gas, this problemsdwt arise as it remains in the center of the
halo unless blown out/evaporated by feedback or shockrgeato a simple radial velocity cut suffices.

Figure 4.3 demonstrates that the specific angular momertke @fccreted gas and dark matter agree
reasonably well both in the feedback (NutFB) and coolingt@\D) run, at all times. Although we
have not included it in this study, this turns out to be the samthe non-radiative (NutAD) run. It is
noteworthy that both freshly accreted gas and dark matteglim a larger amount of specific angular
momentum than that of the dark matter halg, (grey dashed lines). The fact thats ..« (blue dashed
lines) carries nearly the same large amount of specific angnbmentum agj), - supports the view
that the angular momentum of the gas accreted by the cemiealygis acquiredbeforeit enters the dark
matter halo (e.g. Peebles, 1969; White, 1984; Pichon e2@L]). These confirm that gas acquires the
same specific angular momentum as dark matter through tictpling (e.g. Book et al., 2011).

We then measure the specific angular momentum ofataébaryonic component, i.e. gas and stars,
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(jpar: thin red line in the left panel of Figure 4.4), as a functidrime. We find that its amplitude most
closely tracks that of the specific angular momentum of the @M., thick grey solid line) which we
know reflects the mass assembly history of the halo. We aremplying that ]fdm\ of individual dark
matter particles is conserved during the collapse, butlgitihat, as the baryon angular momentum is
advected deep within the halo, we can only probe the acarhtstory of the gas by including all baryons
within the inner region. When this effect is accounted fbere is no indication in our simulation that
baryons lose more (or less) specific angular momentum ardplthan DM during gravitational collapse
of the halo, as postulated in the standard theory.

It is also worth noting that stellar components contain $napecific angular momentum than
Jeas,out OF jam- Since the global star formation timescale is much longan the dynamical timescale of
the central region (e.g., Kennicutt, 1998), most of thesstall form from older gas, with a lower angular
momentum amplitude. Even though newly formed stars carmerangular momentum, they represent
a smaller fraction of the total stellar mass than the ceigfaal mass compared to that of the total halo
gas. Therefore, a supplementary time delay to reach a givehdf; and a smoother growth in specific
angular momentum amplitude of the stellar component istaiele (Dutton & van den Bosch, 2009).

Finally, we test a commonly adopted premise in evolutiorfaeyni-) analytic models that gas follows
the angular momentum profile of dark matter (Bullock et &lQP) or adiabatic gas (Sharma & Steinmetz,
2005). Figure 4.5 shows the radial profiles of jhdistributions of gas and dark matter within the virial
radius of the dark matter halo, normalised to the averagefgpangular momentum of the DM halo at
each redshiftjq, (2). These profiles are split in a low and a high redshift hin{ 1 andz > 3) and
stacked. Two striking features emerge from the analysisgfre 4.5. First, the dependence of the shape
of all the specific angular momentum profiles on redshift is minecddd, while theg of the dark matter
component drops almost proportionally with radius, thpgofile of the gas is flat in the outer parts of the

halo (- £ 0.1 r,;;) as indicated by the solid light blue line on the figure whiepnesents the fit:

) 3 Jdm if 7> 0.08 ryir
Joas(1) (4.2)
43.6 (1 /ryir) ¥ Gqm  if r < 0.08 7yir
to these simulation data. This is in stark contrast with tekaviour of the gas specific momentum in
the NutAD run (grey solid line) which more closely followseth profile of the dark matter halo (see

also Sharma & Steinmetz, 2005). This implies that as londhagyas can radiatively cool, its specific

angular momentum is conserved whilst it is being advectatiganner region# < 0.17y,), regardless
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Figure 4.5: Stacked distributions of specific angular mamm@nas a function of radius from the NutCO
run. Profiles are normalised with respect to the averagedfgpangular momentum of the dark matter
halo at a given redshiftipyi (). The specific angular momentum of gas, baryon (gas+stad)dark
matter is shown as solid, dotted, and dashed lines, resplctDark blue lines display at high redshift

(z > 3), while orange lines shoyvat low redshift ¢ < 1). The solid grey line shows the gas specific an-
gular momentum profile in the NutAD (adiabatic) run at< 10) and the thick light blue line represents
the analytic fit to the gas in the NutCO run as specified in thig(Eeg. 4.1). Each point corresponds to the
median and error bars indicate interquartile ranges. Weiatdude the relative mass fraction (median)
of the inner ¢ < 0.1ry;,) and outer £ > 0.17y;,) baryons (or dark matter) at the bottom of the panel.
Note that these mass fractions are only weakly dependerdadstift. The normalised of gas is flat at
0.1 = r/rvir < 1, and gently diminishes in the region where the galactic disocated, demonstrating
that, contrarily to the DM, the angular momentum of the gamissignificantly redistributed outside of
a sphere of radius ~ 0.1ry;;.
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of whether shock heated gas is present or not. Thereforesealistribution of angular momentum (i.e.
mixing with the gas having different) must happen within the central region of the halo, closénéo t
galactic disc. The detailed analysis of this complex pre¢edeyond the scope of the current study and
will be presented elsewhere (Tillson et &d.prep).

The trend thafi,.s(r) is greater tharig, (r) is not unexpected in the sense that it is the lpgas that
is preferentially converted into stars. Thysof the remaining gas in the halo will naturally be higher
than that of the dark matter halo which includes dark matién small j as well as largg. However,
it should be noted that the specific angular momentum of géiseirouter regionjg.s(r < 0.17y;), is
remarkably larger than the net specific angular momenturneofiark matter halo or the specific angular
momentum of dark matter at the virial radius. Even if the gaguéar momentum were increased by
the consumption of low-gas, a factor of three difference could not be explained s/iflgas were
assumed to share the specific angular momentum of the dat&rrhato. As shown in Figure 4.4, the
total specific angular momentum of gas in the outer regjen (.. blue lines) is systematically larger
than that of dark matterj{,,: gray lines) by a factor of a few (see also Sales et al., 20tdy&t et al.,
2011b).

As a complement to the radial distribution gpfpresented in Figure 4.5, we also present angular
momentum probability distributiong?(j.), of baryons and dark matter in Figure 4.6. Thdirection
of specific angular momenturj,, is defined as in Sharma & Steinmetz (2005), i.e. it corredpdn
the direction of the net specific angular momentum of eachpoorent considered (DM, gas or baryons,
i.e. gas plus stars). Note that we have not added thermabmamdotions to gas velocities, but have
simply taken streaming motions defined in each cell. As dised by Sharma & Steinmetz (2005), such
a broadening hinders a fair comparison of angular momentistriliitions between dark matter and gas
in the sense that any underlyingdistribution is likely to be wiped out by the broadening. Mover,
since the thermal motions will be suppressed in a realiimtion where radiative cooling drops the
temperature of the gas, we neglect the thermal motions anthastreaming motions for the comparison
of angular momentum.

Several interesting conclusions can be gleaned from Figge Firstly, even though we follow
hydrodynamics with an entirely different technique fromaB8ha & Steinmetz (2005) (grid based instead
of SPH), we obtain very similar probability distributionfgas and dark matter angular momentum in
our adiabatic run (compare our Figure 4.6 with their Figure MWe therefore confirm their result that

these two components do not share exactly the s&fye) distribution. This suggests that the different

75



4.4. Simulations with Radiative Cooling

virialisation processes acting on the gas (shock-heating)the dark matter (violent relaxation/phase
mixing) do not redistribute angular momentum in the samemagralthough the average specific angular
momenta of these components are similar. In particulagksheating strongly suppresses the negative
angular momentum tail of the distribution for the gas, whichiresponds to dark matter particles on
counter-rotating orbits. Secondly, the angular momentigtmilbution of baryons (stars plus gas) and/or
gas in the presence of cooling are markedly different frorh Itioat of adiabatic gas and dark matter, at
all redshifts. These former show a broader double peakgueskhich is incompatible with the gamma
based analytic function fit proposed by Sharma & Steinmd@®%2 (their equation 27) in the adiabatic
case. The ability of gas and/or stars to counter rotate tenexb in the run with cooling, and an excess
probability of higherj, material, especially at > 0.1r;, appears. This lends further support to our
claim that gas/baryons carry more specific angular mometritam the dark matter halo at any given
radius (Figure 4.5), contrarily to what happens in the aatialcase. These results corroborate that one
cannot simply assume that gas follows the angular momentofilgoor distribution of dark matter or
adiabatic gas (Bullock et al., 2001; Sharma & Steinmetz5208s was done in several (semi-) analytic
models.

To summarise, we find that the general assumptions made stahdard theory of disc formation,
i.e. the same tidal torquing and angular momentum conservaire reasonable, and previous results
based on the ‘static’ approach are likely to be robust. Yetttivection of gas angular momentum in the
presence of radiative cooling turns out to be distincti@frthat of the adiabatic case, suggesting that
the angular momentum profile (or even distribution) of adtabgas should be used with caution in any

‘evolutionary’ models.

4.4.2 Radiative cooling as the origin of the discrepancy inrggular momentum profiles

Why is the gas specific angular momentum profile markedlheifit compared to that of dark matter?
Cold, dense filamentary gas rapidly flows onto the centraé@as disc. As Brooks et al. (2009) dis-
cussed, this can take place faster than the free-fall tirmeghe gas is accreted with roughly the circular
velocity of the halo. Accordingly, the outer regiod.{ < r/ri; < 1) is occupied by gas recently ac-
creted, which has a large amount of specific angular momen@umnthe other hand, dark matter particles
pass through the central region of the halo and dependinbeinexact orbital properties, and can end
up populating the outer regions despite having enteredalmedt earlier times with smaller angular mo-

mentum. Thus, despite the fact that dark matter first fatts he halo with a similar amount of specific
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Figure 4.6: Comparison of angular momentum distributidigj()) of baryons and dark matter between
the adiabatic run (NutAD) and the cooling run (NutCO). Thdirection specific angular momentum
(j.) for gas and dark matter is obtained by calculating the dodyct betweer of each mass element
and the net spin orientatiorj'ggS Or J4m) a@s in Sharma & Steinmetz (2005). Left and right panels show
the comparisons at high redshift £ 3) and at low redshift{ = 0), respectively. Angular momentum
distributions are shown for the whole hale, £ r.;,; top panels) and its external regions onlyl( <
r/rvir < 1; bottom panels). Different lines correspond to differeatponents, as indicated in each
panel. It can be seen that angular momentum distributioranfdms (stars plus gas) and/or gas in the
NutCO run is markedly different (broader double peaked ehpm that of dark matter or that of gas in
the NutAD run which are well fitted by the analytic formula J2& Sharma & Steinmetz (2005) based

on the gamma function.
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Figure 4.7: Fraction of total angular momentum of ga6.at< r/r;; < 1 from various components.
Left and right panels correspond to the fraction from thelfieek run (NutFB) and cooling run (NutCO),
respectively. We divide the gas into four different phasesold (I < 10°K), dense filamentaryn; g <

nn < n ), i) cold diffuse (i < np ), iii) hot (I > 10°K) dense, and iv) hot diffuse component (see
Equation (4.2) for the definition ofy ;). Note that these quantities do not include the gas belgrigin
satellite galaxies. Grey solid line corresponds to thd frdation of angular momentum of gas belonging
to the host halo. Cold, dense filamentary accretion accdonimost of the angular momentum in the
halo. The hot gas phase (orange lines) begins to develop-a8 in the cooling run (right panel), and
accounts for almost all of the angular momentur.in< r/ry;; < 1byz = 0.

angular momentum as the gas, mixing with ‘older’ particleakes;jy,, become systematically smaller
than jg.s,out- NOte that this also explains the similar evolution of thedfic angular momentum of the
halo gas fzas,0ut) @and the newly accreted gas at high redshift (Figure 4.3).

Apparently, the cold filaments are nearly radial, and onénimigonder how much angular momentum
is transported through the filaments at high redshift. Tostautiate the idea that the larggks out
relative tojq4,, is associated with the dense filamentary component, weedlthiel gas into four different

phases according to temperature and density as
e cold dense T < 10°K andnya < ny < nm)
e cold diffuse " < 10°K andny < ny a1)
e hotdense 7T > 105K andny g < ng < 1)
e hotdiffuse (" > 10°K andny < n a1).

where we define the cold dense filamentary structure usingithe < ng < npn 9as density cut. The
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lower density boundr{y 1) is chosen as

Nl = Ot P foar X1 /mHu, 4.2)

where f.r, X1, andmyy are the universal baryon fractiof2(/<2,,), the primordial hydrogen mass
fraction and the mass of the hydrogen atom, respectively ddpendence of the lower bound of the
filament density on the background densjty~)) is motivated by the fact that the filamentary structure
acquires its properties on large scales which are not gitaviially decoupled from the expansion of the
Universe. The parametér determines the overdensity of the filamentary gas. We finddha 100
reasonably identifies the filamentary structure in therNimulations, which corresponds to hydrogen
number densities higher than; ~ 0.02 and~ 0.001 cm~2 at z=9 and z=3, respectively. Note that,
although this is not a worry in the Ir simulations because we spatially resolve the filamentsiill
generally be resolution-dependent in cosmological sitiaria. In a rather obvious fashion, a lack of
spatial resolution will artificially broaden the filamentastructure and thus reduce its density as mass
needs to be conserved.

Figure 4.7 shows the contributions from the four differenages to théotal angular momentum of
the gas located &1 < r/ry;; < 1. We emphasise that gas belonging to satellite galaxiescisided
from the measurements. Itis clear from this figure that céddnfentary accretion is primarily responsible
for the largerjq.s.out- The cold filamentary gas alone accounts for more than hati@fgas angular
momentum in the region. Thus, it can safely be concludedttietold, dense filamentary accretion
carries material with larger than the dark matter halo from outside the virial radius ®itimer region
of haloes without the gas having much time at all to interaith whe dark matter. Gas belonging to
satellite galaxies occasionally contributes a signifideenttion of J (difference between the solid grey
line and a horizontal line drawn fa¥ - jgasput/Jgas,out = 1in Figure 4.7). However, its impact on the
specific angular momentum is less significant than that otth@, dense filamentary accretionzat 3
for two reasons. First, whilst cold, dense filamentary gasdlmto the central gaseous disc rapidly, gas
gravitationally bound to a satellite galaxy orbits arounii the time it takes dynamical friction to drag
the satellite galaxy down. As a consequence of this prosasalite gas angular momentum in Figure 4.7
cannot be directly converted into the actual angular moomerdf gas accreted onto the central galaxy.
Second, satellites are accreted along the gas filamenthemoe part of the gas which we conservatively
assigned to these satellite galaxies could be regardedaasefitary gas. In this sense, the estimate of

J for the satellites in Figure 4.7 should be considered as aerupound, and thus the actual fraction
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of the total angular momentum contributed by cold filamgntcretion may be slightly higher than
reported in this work. Since the NutCO run does not inclugeeswva feedback, satellite galaxies can
retain more gas than in the NutFB run, and thus the resulétagive contribution from the cold, dense
filamentary gas to the total angular momentum gets slightigilker at high redshift than the feedback
run (right panel of Figure 4.7). However, there is littlefdfence injgas out OF jam between these two
runs forz > 3. Finally, the contribution to the total angular momentunirother phases (hot diffuse,
hot dense, and cold diffuse) tbturns out to be minor for a DM halo of this mass at high redshifhilst

the lack of angular momentum of the cold diffuse phase caigi® from its almost isotropic accretion
which cancels its angular momentum to a high degree, th&iedfiot gas phase is mainly caused by the
small mass fraction of hot gas. This result is not very ssipg because our DM halo, a0 M, is
not massive enough to sustain a stable virial shock (Bimb&iDekel, 2003; Keres et al., 2005), and
supernova explosions in simulations are notoriously icieffit at ejecting large amounts of hot gas in the
halo (Mac Low & Ferrara, 1999; Dubois & Teyssier, 2008; Pdwehl., 2011; Faucher-Giguere et al.,
2011).

Obviously, the cold, dense filamentary gas accretion desaygpat low redshift (e.g. Kimm et al.,
2011; Faucher-Giguére & Keres, 2011; Stewart et al., alj1dnd therefore one expects that the high
redshift segregation of specific angular momentum betwesnagd dark matter previously advocated
becomes weaker as time elapses. Indeed, in the extreme t@se gas is prevented from cooling
(NutAD run: Figure 4.2 and 4.5) the evolution of its specifigalar momentum radial profile closely
follows that of the dark matter, indicative of a similar distition of low and high specific angular
momentum material for both components. Considering theaptst-shock temperature for an isothermal
sphere of mass a few timd$®!!' M, (our halo reaches 210'' M, atz ~ 2, c.f. Appendix A.3) is
Tihocked = 3T4ir/8 ~ 10°K (Dekel & Birnboim, 2006), wher@i,(~ 35.9 x (V./[km -s~'])?) is the
virial temperature, and that the run does not feature anyeghifack, we can safely identify the halo hot
gas at < 2 with material which has been shock-heated. Nonethelegsgaee 4.5 clearly demonstrates,
this hot halo gas withih.1 < r/ry;, < 1 still has a specific angular momentum higher than that of the
dark matter, indicating that shock-heating of the accretidd gas, even when it takes place as early as
z = 2, does not erase the difference in specific angular momenfuwtark matter and gas. Note that
the shock-heated material at the centre of the halo, whistaHawer specific angular momentum than
that in the outer regions, is cooled and accreted onto thieadelisc on timescales shorter than the sound

crossing time of the halo{ 1 Gyr atz = 0 for our halo). Therefore, it cannot significantly mix with
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higher specific angular momentum gas accreted at later tifrtés creates a ‘cooling flow’ towards the
central galaxy and as a result preserves the distributiga®pecific angular momentum that was set in

at high redshift (Figure 4.5) or through recent mergers.

4.4.3 Generalisation of the results

Now that we have established that gas in a Milky Way-like trele a larger specific angular momentum
than dark matter, and with a different radial profile, it isaVto know whether this property is generic or
not. To build a statistically representative sample of éajave make use of three large cosmological hy-
drodynamics simulations calledd#i1zoN-MARENOSTRUM, Cosmo25, and Cosmo50. TheHRIzoON-
MARENOSTRUM simulation contains 326, 1921, 3307, and 4015 haloes With. > 10'' M, at

z = 6.1,3.8,2.5, and1.5. Since the simulation has only been carried out dowa te 1.5, we use
the Cosmo25 and Cosmo50 run to supplement the sample at tedshifts. The number of haloes
with M., > 10 M, in the Cosmo25 run is 378 and 459:zat= 1.5 andz = 0 respectively. For the
Cosmo50 run, we restrict our analysis to 481 more massiaebdl/,;, > 10'2M,) atz = 0 because

of the poorer resolution of the simulation.

The middle panel of Figure 4.8 shows the median and the imetite range of the spin parameter
distribution of the dark matter haloes. As is well known ie therature, it shows that the typical value
for the spin is\ ~ 0.04 with very little dependence on halo mass and redshift. Orother hand, the
spin parameter of gas in thed®izoN-MARENOSTRUM simulation (filled circles) is 2—4 times higher in
general than that of the dark matter halo and clearly dependmslo mass. As the halos become larger,
cooling timescales increase (because of higher gas tetnpesand smaller central densities) allowing
more and more mixing between low and high specific angular emiom gas to occur. As a result,
the gap between,.s out @andjan, is reduced for the most massive objects. The ratio turnsoog teven
more significant at = 0 in the Cosmo25 (asterisks) and Cosmo50 run (diamond), detnadimg that our
finding that gas has larger specific angular momentum exteralshalos over thentire redshift range.
As discussed in Sec. 4.4.2, since the cooling permits théayfiew into the centrejg,s oue tends to
reflectj of newly accreted gas. This means that, for any dark matterdia given mass, its gas content
at lower redshift will be composed of material carrying Ergpecific angular momentum. In other
words, the redshift dependence of gas spin shown in Fig@res4inderstood as a large scale structure
driven increase in the specific angular momentum of fresbtyeded gas. For practical purposes, we
compute a redshift-dependent fit to the specific angular mtume gas to dark matter ratio for halos
with M;, < 103 M,

\

i,i“t ~ max[3.5 4+ 24.3(1 4 2)7%® —1.97(1 + 2)~°"log My, 2]. (4.3)
DM
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Figure 4.8: Spin parameter distributions of the gas withih < r/ry;, < 1 (top), the dark mat-

ter halo (middle), and the ratio of the two (bottom). Filledcles correspond to the results from the
HoRrizoN-MARENOSTRUM simulation, and asterisks and diamonds show the resultstfie Cosmo25

and Cosmo50 run, respectively. Different colours dendiferdint redshifts as indicated on the figure.
The results from the NutCO run are also included as starsthdtlsame colour-coding. Solid lines show
linear fits to the simulated data at different redshifts a&emgby Equation. (4.3). Statistically, the specific
angular momentum of the gas withinl < r/r;, < 1is at least twice that of the dark matter halo host,

at all redshifts.
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Note that since the BIRIzON-MARENOSTRUM and Cosmo25 simulations are run using different cos-
mologies (WMAP1 and WMAPS5 respectively) and different messolutions, we included data at a
common redshift{ = 1.5) to ensure that the differences between the z=RIEHON-MARENOSTRUM
and thez = 0 Cosmo25 halos does not arise from a different choice of ctypsimulation parameters.

We emphasise that all the extra specific angular momentuaghtan by the gas will not be devoted
to spinning up the central galactic disc, given that itsegpmisalignment with the central gaseous disc is
measured to be 40° for intermediate mass halodf;, ~ 10'' M) in the HORIZON-MARENOSTRUM
simulation. In the vicinity of the central disc, hydrodyniaal interactions with the circum-galactic
gas will become important and may substantially redistetangular momentum. A careful numerical
investigation of angular momentum advection in the centgion is therefore needed to determine
whether or not a simple semi-analytic approach is capalteroéctly describing the evolution of angular
momentum of disc galaxies using the new initial conditioresprovide with this fit.

We also note that limited spatial resolution of our largauwmoé cosmological simulations will lead to
an artificial increase of the gas angular momentum, espeaidow mass halos. Indeed, the softening of
the gravitational force produces very extended discs aténére of these halos, which would probably
be contained within 0.%.;, at higher resolution. However, comparing the spin of theigdlse NutCO
halo (large empty stars in Figure 4.8) at various redshifth that measured for a sample of halos of
comparable mass available in these cosmological simaka(solid circles and asterisks in Figure 4.8),
we conclude that resolution effects most likely accountafoninor fraction of the gas spin(20%).

A caveat to bear in mind is that the physical processes thapmavent the cooling catastrophe in
cluster environments are likely to change the ratiQ, ..t/ Aam. FOr example, as extensively discussed
in the literature, feedback from active galactic nucleihsught to stir/heat a large amount of cooling
gas, redistributing it in the outer parts of the halo. As esly argued, such a mixing mechanism
will contribute to narrow the gap between gas and dark magigr. Such a potent feedback mechanism
is not included in the cosmological simulations presenterkhand thus a larger fraction of baryons
than observed are converted into stars in massive halodso{®et al., 2010). This should be taken
into account before concluding that the ratlg£ out /Adm) for massive haloes has convergedd@ as

Figure 4.8 (bottom panel) advocates.
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Figure 4.9: True colour composite image of the NutCO galaxthe U, B and V at = 0. The image
measures 15 kpc on a side. Note that internal extinction byidunot accounted for in this image. Notice
the presence of a large bulge (I-band B/D ratio 0.78) typifa galaxy with morphological type Sa/b
(see text for detail).

4.4.4 Comparison with observations

Ultimately, to decide whether or not our simulations yieddlistic galaxies, we have to compare their
properties with observations. Unfortunately, with thethigsolution we need to properly address the
issues related to angular momentum, cooling and feedbaelcaw only perform such a comparison at
z = 0 with one of our runs (NutCO) for the time being. As this sintida does not model any feedback
mechanism, by = 0 the simulated galaxy has formed too many starg{, = 6.8 x 10'°M.). At
z = 0, the I-band bulge-to-disc ratioX/D) of the central galaxy in the NutCO run is 0.78 (see
Figure 4.9). Such a value is close to the typiBalD of Sa/Sb type spirals, but the disc scale length (2.0
kpc) turns out to be smaller than those observed (Graham &Wadz008).

Nevertheless, bearing this caveat in mind, we present inr€ig.10 measurements of theversus
V relation for the NutCO galaxy at various redshifts, comgarethe observational bright disc galaxy
sample gathered by Kassin et al. (2006)Aat 0). Kassin et al. derived the specific angular momenta
for these galaxies from Halpha + HI rotation curves and tad@lar mass distributions given in Kassin
et al. (2006). The average errorsjiimeasured from the data axe 60 kpckms~!. As is done in the
observations, both the amount of specific angular momentuitfze velocity of the simulated galaxy

(Vmax, maximum of the rotation curve) are estimated using thdéastebmponent, except for the filled
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Figure 4.10: Comparison between the NutCO galaxy and theradigonal bright disc galaxy sample
described in Kassin et al. (2006). Observational data isr@y ¢glower and upper estimates pfare
given by empty and solid circles respectively, see Kassial.e2012 for details). For the simulation
data, different symbols (circles and right arrows) standdifferent estimates of the velocity of the
galaxy (circular velocity and maximum rotation velocityye also include estimates ©% », the velocity
measured at 2.2 times the exponential scale lengfhbiand, forz < 1. Note that the simulated galaxy
displays a dense large bulge which overgrows, at leastfigribecause of the lack of modelling of any
kind of internal feedback (radiation, stellar winds, suyp¥ae, cosmic rays, etc.) in the NutCO run.

circle symbols where the velocity is measured as the cirowgdéocity at the virial radius of the dark
matter halo. For a fair comparison with observations, we aislude velocities measured at 2.2 times
the disc scale length, the radius at which the rotation coiva self-gravitating exponential disk is
expected to show a peak (Freeman, 1970), infthend {5,) atz < 1.

Looking at Figure 4.10, one clearly sees that the velocityrege plays a crucial role in our ability
to assess whether simulated galaxy stars have the correcirduef angular momentum. This is because
the observed slope of the relatios @) is quite large so any error on the velocity will translat¢oi
a much larger error on the specific angular momentum. Moreifsgaly, our simulation suffers from
forming too many stars and as a result any velocity estimiatéige central region of the halo is bound
to be too large. If, on the other hand, we use the circularcitgiat the virial radius of the halo to
bypass the problem (note that this is current practice, gpeDatton & van den Bosch 2009), we find
that the level of angular momentum of the simulated stars ii&ir agreement with the observations
(Figure 4.10). We point out that this is a consequence of dksléss transport of a large amount of

specific angular momentum by gas from super halo scalesirigghthe inner regions, followed by its
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redistribution in the vicinity of the disc, as discussedhe previous section. As a result of this effect
and the low efficiency of the star formation process on disdes; stars end up with a factor 2 to 3
less angular momentum than their dark matter halo countengach is very close to the discrepancy
between dark matter only simulations and observationspedqul out by Navarro & Steinmetz (2000)
and Kassin et al. (2012).

Finally, it is interesting to note that when we use g, estimates for the velocity of the galaxy,
although we do not match the zero point of the relation, sitieal data points at different redshifts move
along the observed sequence, suggesting that we would:pvedy little time evolution of the sequence.
On the contrary)/,. estimates suggest there exists a strong evolution of théaelwith redshift as the

flat velocity profile of the dark matter halo is already in @aery early on.

4.5 Conclusions and Discussion

In this study, using high-resolution cosmological hydnoeamyic re-simulations of individual galaxies and
large scale cosmological hydrodynamic simulations, weshavisited the standard theory for angular
momentum evolution of gas and dark matter within virialisg@ictures.

According to this standard picture, gas acquires angulanembum through nearby tidal fields in
the same way as dark matter and is shock-heated to the \@rgddrature during the collapse of the
halo. This gas then radiatively cools and settles into aiostally supported disc, conserving its specific
angular momentum in the process (Fall & Efstathiou, 1980c&#on et al., 1997; Mo et al., 1998).
Such assumptions naturally lead to predict that dark mattdrhalo gas share the same specific angular

momentum. Investigating the issue, our main conclusiondbessummarised as follows:

e Indeed, gas and dark matter bring in a similar specific angatzmentum (j),, ) when they are

accreted regardless of the radiative cooling.

e When radiative cooling is turned on, provided one compdresiark matter with the total baryon
(gas and stars) specific angular momentum, their amplitagessimilar at all times. In other
words, we find no evidence of baryons losing more (or lessyilangnomentum than dark matter

within the virialised halo at any epoch, consistent withstendard picture of disc formation.

e The time evolution of the halo gas specific angular momengiquite comparable to that of the
dark matter, but only when gas is not permitted to radiatiwelol, i.e. it is artificially forced to

shock- heat during the collapse (NutAD run).
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e When radiative cooling is turned on, the radial profile of gagular momentum becomes distinc-
tively different from that of dark matter (NutCO and NutFBnju The accreted specific angular
momentum (j>vr) is well preserved for the gas between < r/ryi; < 1, and systematically
larger than the specific angular momentum of the dark matitiirnnthe entire virialised halat
all times(e.g. Figure 4.5). As a result, the modulus of the averageadilan momentum of the
08S (sas,out) iS higher than that of the DM halg{,,, or jam out) by @ factor 2 to 6, depending on

redshift and halo mass (see also Stewart et al. 2011b).

e Regardless of whether cooling is turned on or not,tteelulusof the net specific angular momen-
tum inside the virial sphere is not conserved for dark mattayas. We attribute this continuous
loss of angular momentum amplitude to a ‘vector cancehatidfect (the angular momentum of
newly accreted material is never perfectly aligned withahgular momentum of the whole halo)
augmented by an accretion history effect (material acdreselier carries less angular momentum

so it weighs the average modulus of the specific angular maumredown at any epoch).

More specifically, our analysis reveals that at high redsttie discrepancy between gas and dark
matter specific angular momentum withinl < 7/rvi; < 1.0 (Jgas,out @Nd jam, respectively) arises
because the angular momentum-rich freshly accreted gasifhbathe central region through cold, dense
filamentary accretion without being redistributed throogththe halo by shock-heating or supernovae
feedback (NutFB run). As the dark matter halo grows at loweshifts, a progressively larger amount
of gas undergoes shock-heating, but since the central dgasean still cool and collapse onto the
disc on timescales shorter than a halo sound crossing theglifference betweep).s out and janm IS,
by and large, preserved. This competition between cent@ling and redistribution of gas through
shock heating and/or feedback induces a mass dependenke distrepancy between gas and dark
matter specific angular momentum: itis reduced for more ivesilos where shock heating dominates.
However, for a halo of fixed virial mass, this discrepancyls®darger at low redshifts than it is at high
redshifts because the amount of specific momentum carrigldeogewly accreted material grows faster
than the halo average with time (c.f. Pichon et al. (2011)tler origin of this effect). This generic
behaviour is encapsulated in Equation. (4.3), which pewia fit to our simulated data.

We remark that the systematic discrepancy betwagnand (j), measured in the NutCO run at

v,
all times means that the dark matter component of the halo (arfshityons as a whole) loses some-
where between half and two thirds of its specific angular muoma amplitude depending on redshift

(Figure 4.3). We note that even though this result seemsrigeagent with the measures of Book et al.
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(2011) for a handful of well resolved dark matter halos ingphirFbody simulations, we do not find, like
these authors, that it can be attributed to external torcfoiewing the original argument of Peebles
(1969). The reason for this disagreement lies incrgtinuousnature of the specific angular momentum
loss of the dark matter component. As Figure 4.3 demonsirdte accretion weighted specific angular
momentum of dark matter is higher than the specific angulanemdum of the dark matter halo all
redshifts regardless of whether we are in a phase where tidal toreqagytipredicts the angular momen-
tum of the halo should grow or not. We are therefore pushedmalade that the angular momentum
‘loss’ suffered by the halo has to be attributed primarilyattvector cancellation’ effect: particles with
similar amounts of angular momentum (modulus) but pointiagy in opposite directions contribute
only a small amount to the ‘net’ angular momentum of the lig@l halo (e.g. Vitvitska et al., 2002).
Note that the accretion history effect will also play a rateréducing the modulus (iﬁm but cannot
account for all the decrease.

Our efforts to probe the spatial distribution of angular nemtum within the virialised halo also led
us to define an inner regiom ;. < 0.1). Gas in the outer regiong.s out, generally has more specific
angular momentum (by a factor 3 or so) than the dark matter &sla whole, and only stars have less
(by about a factor 2). We attribute this dichotomy within theryon component to the long global star
formation timescale of the disc compared to the gas acoréitioe scale, driving stars to preferentially
form from gas accreted at a much earlier stage with lower langmomentum (see also Dutton & van
den Bosch (2009) who reach similar conclusions with a SAM) a&esult, a comparison with the data
at z = 0 reveals that the level of specific angular momentum of ouh négolution simulated stellar
disc matches quite well that of the observations. Howeverdifficulty of obtaining realistic galaxy
rotation curves still prevents us from satisfactorily kghrcing the observed versusV relation (see
Figure 4.10). Part of this failure is to blame on the fact tiwat only re-simulation we have been able
to run down toz = 0 so far (NutCO run) does not include any modelling of feedb@t&llar winds,
supernovae, cosmic ray, etc.) (as pointed out by e.g. Gateeet al., 2007; Agertz et al., 2011; Brook
et al., 2011; Piontek & Steinmetz, 2011). For this reason, @any baryons (the universal fraction
Qp/Q,;,) remain in the host halo and concentrate in the galaxy, piatBnaffecting the morphology
of our galaxy which features a large bulge (morphologicaketysa/Sbh) but in any case leading us to
overestimate disc rotational velocities.

Using a couple of cosmological hydrodynamics resimulajame of a bulge-dominated galaxy and

another of a disk-dominated galaxy at redshift 0, Zavalal.e2@08) show that the specific angular
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momentum of the disc galaxy closely follows that of its darktter halo. They argue that this is because
the stellar feedback in the simulation which produces tek-dominated galaxy is strong enough to heat
the gas within the halo thereby preventing it from cooling touch at early times, fragmenting into sub-
galactic clumps, and transferring its angular momentuniéodark matter halo by dynamical friction.
Instead this hot gas accumulates in the halo where it agthieespecific angular momentum of the dark
matter before it eventually cools and re-collapses ontaémtral galactic disc, all the while conserving
its angular momentum. However, in the first cosmologicalnmaation where individual supernovae
remnants are resolved, very little gas is heated by stadkatfack at high redshift (Powell et al., 2011).
Moreover, these authors show that the cold filaments whipplgumost of the gas to the galaxy (Kere$
et al., 2005, 2009; Dekel & Birnboim, 2006; Ocvirk et al., 30®Brooks et al., 2009) are not disrupted
by supernova feedback. This result has been independaentfirroed by Faucher-Giguere et al. (2011)
who used the constant velocity wind model of Springel & Helieg(2003) to model feedback and found
that at high redshift{ > 3) their supernova-driven galactic winds with low mass logdy; = 1) were
not able to suppress the accretion of cold, dense gas imiatiate-mass haloes8/;.~ 10''~'2 M.).
Only when they assumed extreme parameters for their wied (paded them with double the mass
that is turned into stars, and drove them with double the anofuenergy than that available from their
supernova explosions) were they able to shut down cold edacretion. However this took place at the
expense of the baryonic mass function which ended up dreatigtundershooting the observations of
e.g. Bell et al. (2003) at = 0. Purely based on energetic grounds, feedback from actieetganuclei
may be able to blast the filamentary structure (Dubois eR@ll2b; van de Voort et al., 2011), but it is
unclear how geometrical effects will affect their capaddydo so. A collimated jet for instance will not,
in general, deposit enough of this energy in the vicinityhaf filaments because of their small covering
factor (a few percent, Kimm et al. 2011). In any case, in timeusition presented here, and contrary
to the conclusions of Zavala et al. (2008), the specific argmomentum of the gas the galaxy(thin
blue line in the left panel of Figure 4.4) is similar (slightlarger) to that in its DM halo host, even
though supernova feedback is moderate. This raises théiauesd the importance of the numerical
technique employed to assess the fragmentation and trafsdagular momentum in disks. Although
this is beyond the scope of this study, as we are chiefly isteddan the outer parts of the halo, we believe
that our simulation provides a more correct answer simpbabse we have better resolution. We refer
the interested reader to the recent paper by Commercon @088) for a thorough comparative study

between SPH and AMR as to how a high artificial viscosity anmerical noise undermine the capacity
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of the SPH technique to conserve angular momentum of disks wte number of particles (total and in
the kernel) is not high enough.

Overall, our results demonstrate the need for the standerar of galaxy disc formation and evo-
lution to be revisited. Even though the general principlesruwhich it is based are sound (gas acquires
its angular momentum along with DM through tidal torquingl @onserves it when cooling), the funda-
mental assumption that it makes (specific angular momentsimbaition of the gas and dark matter are
the same until virialisation) does not hold because gastisi@cessarily shock-heated during the grav-
itational collapse of the halo. A more comprehensive petue advocate should take into account the
fact that gaseous cold flows effectively carry larger thavimusly thought amounts of angular momen-
tum originating from the large-scale motion of the cosmidbwdewn to the central region of virialised
structures at high redshift. Since the rotation axis of thetr@l disc can change rapidly due to violent
accretion at this redshift, the gas flows encounter a misatiggomponent in the vicinity of the disc, and
only a fraction of the angular momentum will contribute tangpng up the disc. Gas cooling at low red-
shift tends to preserve this transport of angular momenhuinthe presence of a pervasive shock-heated
corona which entirely fills the virialised halo will make thpecific angular momentum of the gas in the
outer region more aligned to the central gaseous disc. @amamerical investigation of how angular
momentum is transported and/or cancelled in the centr&megf the halo will further help shed light

into this fundamental aspect of disc formation theory.
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Chapter 5

Simulating galaxies with more realistic

stellar feedback processes

It has been known for some time that stars are not quiescesen though most stars appear dormant,
they have actually been emitting streams of charged pesticbm their upper atmosphere, as illustrated
by the explosive flares undergone by our very own Sun. Moread&n massive stars end their life, their
undergo a tremendous explosion, releasing a huge amouneafye sometimes leaving a black hole at
the centre. These magnificent eruptions of energy and naattesf vital importance to the evolution of
galaxies, not only because they affect the fate of the sodiog gas by heating or blowing it out, but
also because atoms heavier than Helium, which constiteteuiman body, are processed and dispersed

via these phenomena.

5.1 Introduction

The modelling of stellar feedback processes has been autliffisk. This is mainly because with current
computational capability we cannot resolve the complexabigiur of the interstellar medium (ISM)
along with the evolution of individual stars. The direct sequence of this limited resolution is the
formation of single warm gas phase rather than the multph@®s (McKee & Ostriker, 1977), causing
stars to explode in a denser medium than they should. In #sis,che feedback energy per unit mass
decreases precipitously as it is injected in the bulk of the g@nd ends up being radiated away before it
actually impacts dynamical properties of the gas.

This artificial cooling problem has been recognised andudised in many different contexts (Katz,

1992; Thacker & Couchman, 2000; Kay et al., 2003; Slyz et28l05; Dalla Vecchia & Schaye, 2008;
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Creasey et al., 2011, Dalla Vecchia & Schaye, 2012). Thakk&ouchman (2000) studied the impact
of different prescriptions of supernova explosions in aklylWay-like isolated galaxy and a smaller one
using a SPH code, ¥bRrA (Thacker et al., 2000), and found that the heating temperatimarily deter-
mines the effectiveness of the feedback. Based on a mod#isibwn of the FFDRA code (Theuns et al.,
1998), Kay et al. (2003) also argued that they could matchXtnay properties of galaxy groups (e.qg.
Ponman et al., 1999; Xue & Wu, 2000) when a sufficiently highatimg temperature~{ 2 x 107 K) is
adopted to model supernova explosions. Recently, Dallahfa& Schaye (2012) investigated the emer-
gence of galactic outflows using theaGGET code (Springel, 2005), and concluded again that stochastic
supernova explosions, which ensure the minimum heatingeeature ofl 07> K, are able to drive highly
mass-loaded outflows in dark matter haloes@f and10'2 M, h~!. These studies demonstrate that the
cooling time of each wind particle into which energy is ingat from a supernova explosion should be
long enough compared to the sound crossing time-scale é&teavhere the explosion occurs (Creasey
et al., 2011; Dalla Vecchia & Schaye, 2012).

An alternative way of ameliorating the overcooling problemas devised by Navarro & White (1993),
who modelled the explosions by imparting momentum diretdlyhe surrounding gas particles. An
advantage of the scheme is that the injected energy is noediately radiated away until the wind
particles get shock-heated and convert their kinetic gniettg internal energy. Dalla Vecchia & Schaye
(2008) showed that kinetic feedback can effectively sugpithe star formation by a factor of 4 in a
dwarf-sized galaxy or by a factor e 1.5 for a Milky-way prototype. They also measured that the
mass loading of the wind is 5 times larger than the star faonatte for the dwarf-sized galaxy, while
the factor drops tex 0.2 for the Milky way prototype. Given that their input mass |loagl factor
(n= Mload/M*) is 2, the mass loading in the former case corroborates therant that wind particles
drag nearby gas particles along as they flow out of the galseg &lso Hopkins et al., 2012b). Note,
however, that the exact amount of mass loading likely depe@mdthe details of feedback scheme. For
example, Dubois & Teyssier (2008) studied the mass loadidgded by kinetic supernova feedback
using an AMR code, RMSES, and came to the conclusion that the mass loaded along tHevous
only ~ 10% of the star formation rate. It is also worth noting that theekic feedback can transport
metals into the intergalactic medium easily, as low-dgrgts can be launched with speeds on the order
of ~ 1000kms~! (e.g. Dalla Vecchia & Schaye, 2008; Powell et al., 2011; Gateal., 2012). Owing
to these benefits, the method has been used in many galeatices cosmological simulations (Mihos

& Hernquist, 1994; Springel & Hernquist, 2003; Oppenheifebave, 2006; Cen & Ostriker, 2006;
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Dubois & Teyssier, 2008; Powell et al., 2011; Kimm et al., 20Hopkins et al., 2012c).

Instead of trying to offset artificial cooling, several amth adopt a practical approach in which ra-
diative cooling is simply switched off or reduced for a bnmfriod of time (Mori et al., 1997; Thacker
& Couchman, 2000; Brook et al., 2004; Stinson et al., 2006yeBuato et al., 2007; Piontek & Stein-
metz, 2011). This is based on the idea that the early phase aupernova explosion is adiabatic (e.g.
Chevalier, 1974). With the method adopted, Governato ¢2@07, 2009, 2010) have performed cosmo-
logical simulations using a SPH codeA&OLINE (Wadsley et al., 2004). They showed that simulated
galaxies became more realistic, matching observed ratatioves of disc galaxies or forming bulgeless
dwarf galaxies. Using theN&zo code (Bryan & Norman, 1997; O’Shea et al., 2004), Hummels $aBr
(2012) have also shown that suppressing the cooling for 50ihiged significantly reduces the peak in
the rotation curve, although it is still higher than obséorzs.

Finally, in an effort to avoid the dilution of explosion eggrby sharing it with a large amount of
gas, Marri & White (2003, see also Springel & Hernquist 2088annapieco et al. 2006) decoupled the
hydrodynamic interactions of wind particles for a briefipdrof time (~ 50 Myr). An advantage of
the method is that metals are dispersed into the intergalaedium quite easily, but, as pointed out
by Dalla Vecchia & Schaye (2008), such a decoupling tendsddyze dwarf galaxies with a smoothly
distributed ISM rather than the dwarfs with irregular masjgigies which are observed, because wind
particles cannot intervene in the evolution of the ISM.

Physically, the two approaches, kinetic and thermal feekllpaodels, should converge to the same
numerical solution, given that the equipartition of enarglikely to lead to the same blast wave solution
(Durier & Dalla Vecchia, 2012). However, since the ISM is pobperly resolved, different methods
yield dissimilar results in current cosmological simuwas. Although the thermal model coupled with
disabled cooling seems to be most effective in blowing gasveel use the kinetic feedback in this work
on the ground that the type of energy estimated for superegpbosions as well as stellar winds is
mechanical energy, not thermal energy (Leitherer et aB21Woosley & Weaver, 1995; Nomoto et al.,
2006).

It should also be emphasised that predictions of the impatiteofeedback processes are model-
dependent. For example, Ceverino & Klypin (2009) argued élawing for delayed explosions (10—
100 Myr) can solve the over-cooling problem producing thdtipliase ISM despite the fact that they
inject the energy in a thermal fofn(see also Slyz et al., 2005). On the other hand, Hopkins et al.

(2012c,b,a) argued that all mechanisms involved shoulechtdeded so as to correctly capture the mul-

*Note, however, that we do not see such a dramatic impact ifsolated simulations (See Section 5.3)
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tiphase ISM. They demonstrated that radiation pressurefogred photons is crucial in the driving of
galactic outflows in starburst galaxies, whereas mechhinjgat from supernova and stellar wind is the
most important process in normal spiral and dwarf galaxies.

Many previous works are based on a single supernova explgsiostar particle to lessen the com-
putational cost (e.g. Dubois & Teyssier, 2008). Howevgreerlly from a chemical enrichment point of
view, this is certainly an oversimplification. A significainéction of stellar mass is in fact lost through
various phases of stellar evolution, such as Wolf-Rayet siathe asymptotic giant branch (Leitherer
et al., 1992). Thus, stellar feedback should be modellecemealistically by taking into account stellar
winds, supernova type Il, and type la (see also Kobayashi &allato, 2011; Hopkins et al., 2012a).
To this end, we implement continuous kinetic feedback meses in RMSES, considering the chemical
enrichment along the lines offBRBURSTI9 (Leitherer et al., 1999, 2010). Sec. 5.2 describes palysic
ingredients and our implementation of the feedback presestn Sec. 5.3 we examine the impact of
feedback models in an isolated gaseous disc embedded in atiffédark matter halo (Navarro, Frenk,
& White, 1997). In Sec. 5.4 we investigate the formation alistic disc galaxies in thd CDM cos-
mology by carrying out several cosmological zoom simutaio/NMe conclude and discuss our results in

Sec. 5.5.

5.2 Physical Ingredients

5.2.1 Stellar winds and supernova type Il

The observation of Wolf-Rayet stars, which resemble thetsplefeatures of P Cygni stars, initiated the
idea that stars lose mass (Adams & Burwell, 1920; Beals, 19¥®re observational hints supporting
mass loss were reported by Adams & MacCormack (1935), whoethdhat M-type supergiants ex-
hibit blueshifted metal absorption lines with 5km s~!. Deutsch (1956) found that a M supergiant,

Herculis, has a prominent envelope being ejected witkm s~!. A similar conclusion was reached by
Weymann (1962), who studied the circumstellar linesvi@rionis. Studying about a hundred giants,

Reimers (1975) later found a correlation between stelleapaters and mass-loss rate as

M=4x10"5y (%) (%) (%) (M /yr] (5.1)

wheren is an empirical correction factor that ranges from 1/3 to 3rd&/levolved stars, such as super-

giants or AGB, showed a higher mass-loss rate-of0~% M, yr=! (Morton, 1967). Luminous blue
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variables (LBV) even reveal mass-loss rates-of0—° — 104 M, yr~! (e.g. Humphreys & Davidson,
1994). These indicate that the mass-loss rate depends emdh#ionary phase of a star.

To model stellar winds, the “evolutionary model” of theAaRBURSTI9 (Leitherer et al., 1999, 2010)
is adopted. For the sake of completeness, we recapitulatéetiails of the model here. Leitherer et al.
(1992) divided stars into four classes, and applied obgeteeninal velocities for each class to derive

the mechanical luminosity of the wind. These include
o Wolf-Rayet starlog Tog > 4.4, Xy surf < 0.4, aNd Mipitia1 > MwRr),
e LBV (3.75 < log Tog < 4.4 andlog M > —3.5),
e normal OB starslog Teg > 3.9),
e red super giant (RSGog Tog < 3.9).

Here Mwr ~ 20 — 600, is the initial stellar mass of a star that can undergo a WReresiX i g.f
is the hydrogen mass fraction on the stellar surface.

Specifically, RSG stars with solar metallicity are assuntetlease mass at a velocity 3ffkm s—!
(Drake, 1986), while a larger velocitg@ km s™1) is used for LBV stars (e.g. Humphreys & Davidson,
1994). On the other hand, the terminal velocity of OB stadeiermined according to stellar properties
(vo = f(L,M,T,Z)), and is on the order of 1000km s! (Howarth & Prinja, 1989). Based on
radiation hydrodynamic calculations, Leitherer et al.92Passumed that more metal-rich stars have a
larger terminal velocity«,, oc Z%13). This is expected because the line-driven force becomasggir at
higher metallicity (e.g. Castor et al., 1975). Finally, tleocity of the WR stars~ 1500 — 3500 km s™1)
is calculated depending on the surface abundance (Priajg €990). The resulting wind power is then
easily calculated a® = 0.5Mv2,, whereM is the mass-loss rate given by stellar evolutionary tracks
(e.g. Girardi et al., 2000) and/or empirical estimates.(¥agsiliadis & Wood, 1993). Using Maeder
(1990) stellar tracks, Leitherer et al. (1992) demonstr#tbat OB and WR stars account for most of the
power due to their energetic outflows, whereas LBVs are hegoitant because such massive stars are
rare. RSG stars are more numerous, but their terminal ¥iglsare not large enough to dominate the
total mechanical power.

A significant mass loss occurs around the AGB tip in the HRmdiag(i.e., Mira variables). For a
sample of 43 Galactic Mira variables, Vassiliadis & Wood93Pderived a fit between the pulsating

period and the mass loss rate. This empirical loss is theadattdthe mass loss occurred during the late
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stages of stellar evolution of the Padova tracks (Girardil €t2000). We use the Salpeter initial mass
function (Salpeter, 1955) with a low-mass cutoff at 07k and a high-mass cutoff at 100, .

The left panels of Fig. 5.1 show the properties of the steliads as a function of time. The stellar
mass-loss rate peaks early (0° — 107 yr) as a substantial fraction of mass of massive stars isegjec
On the other hand, intermediate stars (145) that undergo the thermally pulsing AGB phase dominate
the mass loss rate at later epochs>( 10® yr). Stars with a higher metallicity exhibit stronger mass
loss and mechanical power due to effective radiation presdiving. The total power released over the
lifetime of individual stars ranges from6 x 1047 erg to 2 x 10%® erg, depending on metallicity. Notice
that the metallicity shown in the second row of panels istéemetallicity of mass loss from supernova
Type Il and stellar winds.

We also present the ejecta and mechanical energy from Tyggodrnovae in the right panels. In
contrast to the simple supernova feedback modelling desttiin Section 2.6.4, supernovae now occur
as early asz 4 Myr and continue to be produced until40 Myr. Itis also interesting to note that the total
mass loss fraction is smaller for a more metal-rich popaitativhich can be attributed to the fact that
metal-rich stars lose more mass before they enter the saygephase. The total mechanical luminosity
of the supernovae (fifth panel, right column)is6.3 x 1048 erg, which is about an order of magnitude
larger than that of stellar winds.

We note that the total stellar mass loss obtained when adtimgwo sources (stellar wind and
supernovae) is only 20%. This is smaller than Leitner & Kravtsov (2011), who estigththe mass loss
fraction (= 30%) from the empirical initial-final mass relation of Kalirai al. (2008%. The difference
arises because the total mass loss fraction of intermestatefrom Vassiliadis & Wood (1993) is smaller
than that of Kalirai et al. (2008). But the scatter in theiatifinal mass relation and/or mass loss rate is

too large to rule out one or the other.

5.2.2 Supernova Type la

While Type Il supernovae contribute to the enrichment ohalplementsnd the iron-peak elements,
Type la supernovae preferentially synthesise iron-peakehts. Due to this behaviour, the alpha en-
hancementa/Fe] = log (o/Fe) — log (a/Fe), carries critical information about the duration of star

formation and is of great importance in constraining théastassembly history of massive galaxies.

2Kalirai et al. (2008) obtained the mass of white dwarfs aradrtbooling time by fitting the Balmer lines of the observed
spectra to a model atmosphere (see also Weidemann, 2006 t8é cluster age can be computed by fitting the main sequenc
subtracting the dwarf cooling time from the cluster age gjitree lifetime of the progenitor main sequence. Then, onegean
the mass of the star on the main sequence by using the retsttareen its mass and lifetime
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Figure 5.1: Stellar mass lossif.), metallicity of the ejecta4), and mechanical luminosityL(,c.)
generated by A\RBURSTI9 (Leitherer et al., 2010) using a Salpeter IMF with a lowsmeutoff at 0.1
M, and a high-mass cutoff at 10d,. Also included are the integrated fraction of mass lossr{fotow

of panels) and the mechanical energy (fifth row of panels)fasction of time. The left panels represent
the contribution from stellar winds, which are computechggshe Padova stellar tracks (Girardi et al.,
2000) including the empirical mass loss rate from AGB st¥ess$iliadis & Wood, 1993). The mass and
energy released by supernova Type |l are shown in the rigiglpaWe assume that stars above\3g
implode and form a black hole and thus do not produce a suparidifferent colours denote different
metallicities, as indicated in the legend. Notice that thetaticity shown in the second row of panels
is thenet metallicity of mass loss from supernova Type Il and stellards, and thus the left and right
panels are identical.
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Several scenarios have been suggested to explain the eccerof Type la supernovae (SN la). The
most popular idea is that a carbon-oxygen white dwarf urak@ thermonuclear explosion when ad-
ditional mass is accreted from a companion and triggersosik@ carbon burning in a degenerate core
(Hoyle & Fowler, 1960). The carbon ignition thin shell theropagates outward subsonically (defla-
gration) or supersonically (detonation), disrupting thére white dwarf (see Hillebrandt & Niemeyer,
2000, for a review). Merging carbon-oxygen white dwarfs ratsp give rise to SN la when the Chan-
drasekhar mass is reached (Iben & Tutukov, 1984), althotigippears that an off-centre carbon or
oxygen deflagration tends to induce a collapse rather thalogirn (Nomoto & Kondo, 1991). Another
possible origin is a carbon-oxygen white dwarf with sub-@trasekhar mass for which the detonation of
helium accreted from a He-rich companion triggers a seagrcirbon detonation in the core (Woosley
& Weaver, 1994).

In this study, we use the carbon-deflagration model (W7) ahiim, Thielemann, & Yokoi (1984),
which gives good agreement with the observed spectra of &IRAANd SN 1994D (Nugent et al.,
1997). In this scenario, the binary system consists of aotadxygen carbon dwarf and a post main
sequence star, and thus the emergence of SN la is largelymile¢el by the lifetime of the secondary
star. Since stars more massive thai/g would not form a carbon-oxygen white dwarf, this sets the
maximum progenitor mass\{,,.x) for the primary star. To model the frequency of SN la exmlosi
(Rr.), we follow the standard method of Greggio & Renzini (198% also Matteucci & Greggio 1986)

as

d

RIa(t) == E

My, upp
A / s [MQ“)] o(0) Lo

My, 10w My

where

Mb,low = max [2M2 (t), Mmin]

Mb,upp = Mmax + MQ(t)-

Here M, is the total mass of the binary systei(¢) is the mass of the secondary star that transfers its
mass to the carbon-oxygen white dwarf at some eppahdq is the Salpeter initial mass function. The
minimum mass for SN la/.,,i,) is set to 3M, to ensure that the total mass of the white dwarf and its

companion reaches the Chandrasekhar limit. The main seguiétime of a star is computed following
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Figure 5.2: Frequency of Type la and Il supernovae per urdisnilaft) and their integrated rates (right).
SN la explosions commence fram30 Myr onwards due to the presence of massive binaries composed
of two 8 M, stars. The total number of SN la explosions is smaller tr8MN Il counterpart.

Padovani & Matteucci (1993),

log 7 [y1] = [1.338 — /1.79 — 0.2232 (7.764 — logm)| /0.1116.
We adopt the following functional form for the distributiafi secondary stargu(= Mz (t)/M,) as

flp) =271+ )" (0 < p<0.5),

with a parametery = 2 (e.g. Greggio & Renzini, 1983), which favours equal-masgaty systems
(Tutukov & lungelson, 1980). Finally, a free paramethy, represents the fraction of binary systems
entering the SN la phase relative to the total number of gtaifse mass range. It is model-dependent,
and should be calibrated on the observed SN la rate (e.g. Manet al., 2006).

Fig. 5.2 shows the rate of SN la explosions with, = 0.035 (solid lines), which is the value
required to match the abundance ratios of the Milky Way {chbmas et al., 1998; Matteucci & Recchi,
2001). Also included is the rate for Type Il computed with thain sequence lifetime from the Padova
track (Girardi et al., 2000), as is done ITARBURST99. The SN la explosions commence fram
30 Myr onwards due to the presence of massive binaries composew 8/, progenitor stars. SN |l
explosions outnumber SN la, meaning that the contributiomfSN la is negligible to the total energy

budget. Indeed, Fig. 5.3 shows that although the energy 8Nrta is comparable to that of stellar winds,
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Figure 5.3: Mass loss and energy release from stellar wiid), and la. The rate of SN Il explosions
is computed with a lower mass bound of\8., and higher mass bound of 5d;. We assume that 7%
of binaries composed of a CO-WD and post-main sequence stduge SNla. The mass loss rate for
stellar winds is the same as Fig. 5.1. It can be seen thatilootitins from stellar winds and SN 1l to the
total mass loss are comparable, whereas SN la accounts$ahini 0 % of the total loss. The dominant
energy source is SN Il, which is an order of magnitude largantthe energy from stellar winds or SN
la.
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it is an order of magnitude smaller than the energy from Tygapernovae. The same figure also shows
that the mass loss from the SNla is negligible, while stellards and SN Il equally contribute to the

total mass loss.

5.2.3 Hypernovae

It is observationally known that some supernova explosiefease an order of magnitude more energy
than core-collapse supernovae such as SN 1987A. Thesellac legpernovae (HNe), and reported in
several cases: SN 1997ef (lwamoto et al., 2000; Mazzali.e2@00), SN 1998bw (Patat et al., 2001,
Nakamura et al., 2001), SN 2002ap (Mazzali et al. 2002), SI8a@H (Stanek et al., 2003; Hjorth et al.,
2003), and SN 2003lw (Malesani et al., 2004; Thomsen et @04 These authors have compared
the time evolution of observed synthetic spectra and badleenkeiminosity with the light processed by
stratified expanding shells (e.g. Mazzali & Lucy, 1993), aatne to a conclusion that the isotropic
kinetic energy liberated from the explosions of a massiae(@0-50M,) amounts td 0-50 x 10! erg.

Because of the energetic explosion, HNe are thought to eetefé at synthesising some iron-peak
elements, such as Zn or Co (Tominaga, Umeda, & Nomoto, 200#ieda & Nomoto (2002) first argued
that highly energetic explosions are required to matchF€pand [Zn/Fe] ratios observed in very metal-
poor halo stars. With updated hydrodynamic and nucleosgigimodels of HNe, Tominaga, Umeda,
& Nomoto (2007) were indeed able to reproduce the anomalbusdance ratios of extremely metal-
poor (Fe/H] = —3.7) stars in the Galaxy (Cayrel et al., 2004). These HN explcsiare known to
be rare in the local universe, and thus inconsistent wittsti®mario in which all the massive stars with
20 < M < 50 My end as HNe (Podsiadlowski et al., 2004). The frequency of lNeound 1% of
the total supernova type Il rate (Podsiadlowski et al., 200kerefore, an appealing and observationally
viable scenario for all these studies is that HN explosiaesfieequent in the early universe where the
metallicity of stars is very low, whereas such explosioresiahibited in metal-rich systems.

Motivated by these considerations, we tested the poggiltiilat a fraction of massive stard0( <
M < 50 M) can explode as HN, releasidgyy = 10°2 erg of energy. Following Kobayashi et al.
(2011), stars above W, are assumed to implode without producing metals. When nerdppit is set,
massive stars increase thélfe] ratio and thed/Fe] plateau observed in low metallicity stars cannot be
reproduced (Kobayashi et al., 2006). We also use a metandigmt fraction of HN explosions for stars in
the mass range( < M < 50 M), as in Kobayashi & Nakasato (2011) (see the left panel of %4).

For metal-rich stars, a fraction consistent with local obatons (1%) is adopted. However, since heavy
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Figure 5.4:Left: Metal-dependent fraction of hypernovae (HNe) in the masge£0-50V/,. The HN
fraction used in the chemodynamic simulation by Kobayashakasato (2011) is presented as a dotted
line. Right: Comparison between the energy released by “normal” st&Ndli$a+SW) and the energy
from HNe. For metal-poor stars, the explosion energy fronehdNapproximately two times larger than
the total energy released by standard stellar feedbaclegses.

elements such as titanium are still underproduced in Kadlday& Nakasato (2011), who assumed that
half of the massive stars with primordial abundance willengdd HN explosions, we increase the fraction
to unity for zero metallicity stars. In principle, the latie equivalent to assuming twice the energy from
the HNe, i.e. Egn = 2 x 10°? erg, while keeping the maximum HN fraction to half, as we do nat us
different metal yields for the HNe for the sake of simplicity

The resulting energy distribution for a simple stellar pagion is shown in the right panel of Fig. 5.4.
We note that, in effect, the inclusion of HNe with the Salpété- has the same consequence as boosting
the specific supernova energy by a facto~& at high redshift. At low redshift, the contribution from
HNe must be negligible as newly formed stars would be méthl-Since Type Il SN explosions per unit
mass are already taken into account by employing threrRBURST99 model, only additional energy is

added through the parametHN, as

max(epn) Ean — 10°! erg = e_HN 10°! erg.

5.2.4 Implementation of multiple explosions

An ultimate goal of any theoretical model on stellar feedbacto simulate individual supernovae in a

turbulent medium, but this is not feasible with the curramhputing power. Thus, almost all cosmolog-

102



5.2. Physical Ingredients

ical or non-cosmological simulations have used massivepsidicles weighing more thari0*—10° M,
(e.g. Springel & Hernquist, 2003; Slyz et al., 2005; Scam@pet al., 2006; Dalla Vecchia & Schaye,
2008; Dubois & Teyssier, 2008), and assumed that a starclgahosts a single supernova explosion.
For example, Dubois & Teyssier (2008) assumed that eaclpatéicle releasesig..nsy 10°! erg 10
Myr after the star particle has been created, whetg, is the mass of the star particlesy is the mass
fraction that can enter the Type Il SN phase. A similar apgnoa employed by Ceverino & Klypin
(2009), who used 40 Myr instead for the delay time. Given #vain a simple stellar population has a
wide spectrum in mass, the single explosion is an oversiivgion. The next step towards a realistic
modelling of stellar feedback should include multiple sujosa explosions.

To this end, we implement multiple discrete explosions Wwlticcur every coarse time step, based on
the same technique used in Dubois & Teyssier (2008). To simgghup, kinetic energy is injected into
gas cells within a bubble radius in such a way to explicitipsgrve mass and linear momentum. The

ejecta from the explosions is uniformly distributed insile bubble as

P = pI' + pejecta + Pload = P + (1 + 0w) Mejecta/ Viub

wheren represents the-th time step,Mcjccta IS the mass loss duringt, and A4, is the total vol-
ume of the cells inside the bubble radius. The amount of gaaiead with the stellar ejecta(.q =
NwPejecta) 1S accounted for by introducing a mass-loading faetgr and subtracted from the leaf cell
where the star particle sits. Note that the size of the buishierced to be larger thad Az, whereAx

is the size of the finest cell, so that the expanding shell oam fin approximately spherical bubble in
a low-density, uniform medium (Fig. 5.5). Since AMR cellg aliscretised and their distribution with
respect to a star particle is bound to be asymmetric, vgl@ait energy need be corrected to ensure

conservation of linear momentum. The correction factorfeelocity (Aq) can be calculated as

bub
(1 + 77w) Z Pejecta‘/% (ﬁexp : f') = Aq |ﬁexp| (1 + nw) pejectavbub
i

where the expansion velocity is

2F
Uexp = . (5.2)
(1 + nw) Mejecta

The actual momentum added to each cAlp| is then

Aﬁ = (1 + nw) Pejecta (I - A(_i) : 1jl‘exp + pejectaﬁejecta + nwpejectaﬁload-
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Figure 5.5: lllustration of the condition for launching @bl wave. A blast wave is allowed to propagate
only if a shock advances enough to reach the bubble radiusydbe user. If the condition is not met,
the energy is stored until the next time step.

The second term represents the original momentum of a stéclpagjecting mass, and the last term
indicates the linear momentum of the gas entrained from ¢fiércwhich SNe or stellar winds occur.
Finally, the amount of kinetic energy corresponding to tieeéase in velocity in each cell is added to
the energy hydrodynamic variable to ensure energy consamva

The improvement made over Dubois & Teyssier (2008) is thatnjext the energy only if a blast
wave propagates far enough to reach the bubble radius de¢ lygér. Thus, we pile up the energy, mass,
and metals during\t = ¢ — 1, for each star, whereis the current time step ang,; is the time at
which the last blast wave is allowed to propagate into thergtéllar medium. If the energy stored is large
enough to make the shock radius () bigger than the bubble radius,(yni), then a blast wave will
be launched. The size of the shock front is determined asguablast wave propagating self-similarly

in a uniform medium, and can be described as

0.2 0.4
Eyina ) (0.1 H/cm? At
"Bow = 44 pe [(1047 erg) ( N 107 yr (®-3)

for a typical set of parameters around star forming regidihg problem of this condition is that although

the wind velocity is fixed, the estimate of the radius can lifi@ally large if the density of a cell is too
small. This is evidently unphysical and should be avoidelde aximum radius is thus limited by the
free expansion velocity as,

TB,min = min [TB,CW7 UwindAt] .
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Unlike thermal feedback models, kinetic feedback requinas we compute the average density for
every star particle, which is computationally expensiverténately, almost all of the energy available
from a simple stellar population is released during the $eseral tens of Myrs, so we adopt the kinetic
feedback for stars younger than a certain age (..,°). A reasonable choice isy, = 50 Myr, given
that ~ 90 % of the total energy is released during this time. This rougldrresponds to the time at
which Type la supernovae come into play. Aftgg,, the energy is input thermally.

Since stars form in a clustered fashion, young stars arby ltkebe located in small regions of the
simulation volume. Moreover, given that the simulationraatrresolve better than the size of the finest
cell, it is more sensible to evaluate Equation 5.3 on a geltddl basis. This also has the benefit of
reducing the computation time. Thus, our stellar feedbapkasents collective winds from stellar winds,

SNe ll, la, and sometimes HNe.

3The subscript ‘ctw’ means the onset of Continuous Thermalda/iwhich are injected at each fine time step.
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5.3 Stellar feedback in isolated disc simulations

5.3.1 Simulation set-up

With the physical ingredients specified in the previousieactwve are now in a position to investigate
the impact of stellar feedback processes by simulating ¥b&utton of an isolated disc galaxy. Since
star formation is more vigorous and stellar feedback idylike be more important at high redshift (e.qg.
Daddi et al., 2007; Elbaz et al., 2007; Stark et al., 2009;28ket al., 2010), we choose initial conditions
that mimic clumpy discy galaxies that are often observedchéndarly Universe (e.g. Elmegreen et al.,

2007; Genzel et al., 2011). We assume that gas follows a d@xplonential gas density profile as

(r,2) = ' "V e (=2}
P 2) = Pmax XD\ =\ 9730 10kpe) | > 200 pe ) T Pmin

where the minimum densitypf,,) is 3.3 x 10~7 myg/cm?® and the maximum densitypf,ax) iS ~

13 my/cm?. The initial velocity field of the gas is given assuming Kepietation:

/2

_[eM@? +y?) y
"1 R
GM (2% + y?) 12 4
L R
v, =0, (5.4)

whereM = Mgy,s + Myalo ~ 6.4 x 101° M. We set the initial temperature of the gasiéd K.

The simulation is run 0fi4® coarse grid, and three further levels of adaptive refinesmet triggered
when the mass of a cell exceeds5.5 x 10° M. The length of the simulation box measures36
kpc, and the maximum resolution of the AMR gridAse = 70 pc. Gravitational forces due to a NFW
dark matter halo with/. = 50kms~! andexrw = 10 (corresponding taVl,;, ~ 6 x 10'° M) are
taken into consideration analytically. The Euler equatiare solved using the HLLC solver (Toro et al.,
1994) with radiative cooling turned on. The initial meteailly of the gas is assumed to be—3~., and
a typical Courant number @f.q = 0.8 is used. Gas can cool down to 1 K owing to metal cooling, and
stars can form out of dense gagi(inres > 25 cm~3) with 1% efficiency per free-fall time in the case of
intermediate resolution runs. Since the simulation cargsilve the multiphase interstellar medium, we

adopt a polytropic equation of state with an index= 4/3 for gas denser thany n,.s. TO account for

metal enrichment by SN la, we adagt, = 0.07. Parameters associated with stellar feedback processes
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Table 5.1: Summary of simulation parameters. From leftgbtricolumns are as follows: the name of
the simulation, the number of explosions from a simple atgdopulation, the minimum grid size, the
threshold density for star formation, the minimum mass af garticles, the mass-loading factor, the
delay time for the single explosion model, the time from whticermal energy is injected, and remarks.
The first (second) letter of simulation nhames representdkelution, i.e. High, Medium, or Low (the
number of explosions, i.e. Single or Multiple).

Model No. of  AZuyin N €x My nl  Delay t., Remarks
Explosions  [pc] §m~?] [Ms] [Myr]  [Myr]

MS- w10 single 70 25 0.03 2.7 x10° 10 10 -

MV wWLO  multiple 70 25 0.03 2.7 x10° 10 — 50

MW+ wl multiple 70 25 0.03 2.7x10° 1 - 50

MV W5 multiple 70 25 0.03 2.7x10° 5 - 50

MV wW20  multiple 70 25 0.03 27x10° 20 - 50

MV W50  multiple 70 25 0.03 2.7 x 10° 50 — 50

MVt 00  multiple 70 25 0.03 2.7 x10° 10 - 0  thermal

MVt HN multiple 70 25 0.03 2.7 x10° 10 - 50  hypernovae

MVt e5 multiple 70 25 0.03 2.7 x10° 10 - 50  strong

HS- w10 single 17.5 400 0.016.8x10* 10 10 -

HVE wo multiple 17.5 400 0.01 6.8 x10* 5 - 50

HVwl0  multiple 17.5 400 0.01 6.8 x 10* 10 — 50

HV w20  multiple 17.5 400 0.01 6.8x10* 20 - 50

LM wl0  multiple 140 6 0.07 5.3 x10° 10 - 50

are altered to determine their impacts on gas dynamics. ¥éemksent simulations with higher and
lower resolution Az = 18 pc or 140 pc) to quantify the importance of numerical resolution. Inertb
resolve the Jeans length self-consistently, we vary thestimid density for star formation based on the

Jeans instability condition by setting = Ax, as

1 T
Ny = 15k T = Az
dmpumpGp

Xu Pthres _ 15kp XuTo . To
mp Arpm2G(Azmin)? — Aa?

min

NH, thres =~

We note that resolution can play an important role in préaticthe star formation rate in galaxies that
are gravitationally unstable, such as merging galaxiegs@ier, Chapon, & Bournaud, 2010). In order
to ensure a similar star formation history, different effiaies for star formation are used for the runs
with different resolution (see the left panel of Fig. 5.6)heTparameters used in each simulation are

summarised in Table 5.1.

"Notice that the symbahy, = 7710us/T10ss IS different from the mass-loading factoy & riout /72.) commonly used in
the literature (e.g. Martin, 1999).
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Figure 5.6: Left: Evolution of SFRs in models with differeesolution and ingredients, as indicated in
the legend. Right: SFR density as a function of the gas saidaasity of simulated galaxies at 50 Myr
(blue), 100 Myr (green), and 250 Myr (red). Solid line showi & the normal spirals and BzK galaxies
(Eg. 5.5), whereas the dotted line represents starburakxigal which is 0.9 dex larger than the normal
star forming sequence (Daddi et al., 2010).

5.3.2 Results

Our initial galactic disc is purely gaseous, and thus it idtapses and form stars vigorously. The peak
SFRreaches 20 M, yr~! around30 Myr, but it declines quickly and settles2e-4 M, yr—! (Fig. 5.6,

left panel). Note that this is at least a factor of a few laff@n the SFRs observed in the local normal
spiral galaxies (Salim et al., 2007). To compare the leveéhefSF activity with the empirical relations
by Daddi et al. (2010, see also Genzel et al. 2010 for molesuldace density relations), we compute
the SFR surface density and gas surface density within tfi¢dtellar) mass radii (Fig. 5.6, right panel).
We find that the simulated galaxies are indeed placed abeveaitmal star forming sequence composed
of normal spirals and BzK galaxies (Daddi et al., 2004), \Whécrepresented as a fit (Daddi et al., 2010)

B B B » 1.42
ESFR =1.48 x 10 4M@ yr 1kpC 2 <$> . (55)

However, the SF activities of the simulated galaxies areastive enough to be classified as starburst
galaxies, such as ultra luminous infrared galaxies (ULIREzsders & Mirabel, 1996) or sub-millimetre
galaxies (SMGs, Barger et al., 1998). Although a high-regmh run, HS- w10, exhibits a very high
gas surface density and high SFR at 250 Myr, the large valuasout to occur because gas fragments

into clumps and SF is confined exclusively to the very cemtzglon. As can be seen in the left panel
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in Fig. 5.6, the actual SFR does not rise~t01000 M, yr—!, as observed in SMGs (e.g. Barger et al.,

1998), and therefore it should be considered to be an agtitat forming galaxy rather than a starburst.

5.3.2.1 Single versus multiple explosions

We first compare the impact of the number of explosions on thpasties of the interstellar medium.
Fig. 5.7 shows projected densities of gas, and slices of gasity, temperature, and metallicity from
different models at = 200 Myr. Stellar feedback is able to blow gas away not only in thelging
explosion run /5- wl0, the first row) but also in the multiple explosion ruviM w10, the second row),
increasing the temperature up 10° K. However, gas clumps turn out to be robust against feedback
processes, and no clumps with depressed central densitigsecfound, which would be a clear sign of
effective feedback processes. The metallicity of the ajecsuper-solar and thus effective at enriching
the intergalactic medium in both models. The morphologyas,gemperature, and metallicity is found
to be largely indistinguishable between the two runs. Thiwit unexpected, given that the star formation
occurs in a clustered fashion in both runs (see Fig. 5.7) tlamgithe multiple explosions do not appear
to make a significant difference compared to the single eipioin terms of the morphology.

Fig. 5.8 shows the phase diagrams for the two high-resalutins,HS- w10 andHM w10, att =
200 Myr. Red (blue) colours indicate high (low) gas metallicity. tBouns show prominent warm-hot
diffuse gas component characterisedoy < 7' < 10°K andny < 1cm~2 and cold dense gas with
T < 103K andny 2 1ecm™3. It can be seen that the hot gas is very metal-rich, implyhag tt is
the gas parcel into which the energy and mass are injectedtlgir Note that the star forming gas
(ng > 400cm™3) is highly enriched as well{ ~ 0.5Z.). A notable difference of the two runs is
that even though its mass fraction is negligible, oHIM w10 exhibits hot and very diffuse gas with
T 2 105K andny < 104 cm™3. This arises because the energy release is much more edtientie
HM w10 run and stars can directly deposit their energy into verfusié gas, whereas the SN explosions
always occur in relatively dense medium in tH8- w10 run. As a result, the maximum temperature
of the gas is higher in thelM w10 run, and the simulation took longer to run due to a more strihg
Courant condition. For example, when run on an SGI Altix IQ&ster featuring Intel Xeon E5650
processors (2.67 GHzZ){{M w10 required 312 hours of CPU wall clock time, i.e. twice londear that
of HS- w10 (168 hours).

We also quantify the impact of stellar feedback by measutimgoutflow rate #uo,:), Which is

defined as the addition of fluxes through two planes paralltié disc of the galaxy and located kpc
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Figure 5.7: Distribution of gas density, temperature, ardatticity at¢ = 200 Myr. The first columns
show projected densities of gas along the z-axis, while therahree columns present a slice of gas
density (second), temperature (third), and metallicibu(th). The solar metallicity is assumed to be
Zs = 0.02. The first two rows correspond to models with a single explogVs- w10) and multiple
explosions /M w10). The panels in the third ronMwt f 00) show the gas properties in the model with
thermal feedback. Models with lowel ¥4+ w10) and higher KM w10) resolution are also included in
the fourth and fifth rows. The image measut8&kpc on a side.
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Figure 5.8: Phase diagram of thi§- w10 (left) andHM w10 run (right) att = 200 Myr. Colour-coding
indicates the mass-averaged gas metallicity. It can betba¢imot diffuse gas is metal-rich, sometimes
reaching more than twice the solar metallicity( = 0.02). The extremely metal-rich gas corresponds
to the gas parcel into which the energy and mass loss from atardirectly injected.
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Figure 5.9:Left: Effect of different feedback models on the outflow rate measthrough planes parallel
to the disc of the galaxy and locateeh kpc away from it. Models with a single burst per star particle
(Ms- w10 andHS- w1 0) are denoted with orange crosses and red lines, while rfreuttiyplosion models
(Mt w10 andHM w10) are shown with blue and green lines, respectively. Duedastiort time delay
in SN explosions .1,y = 10 Myr), the outflow emerges earlier in the single burst model thatiné
multiple explosion models. However, the total amount oflout from the four different runs are found
to be similar (see text)Right: The mass-averaged metallicity of stars (solid lines) aerdstar-forming
gas (dotted lines). The runs with the multiple explosionsgpar particle show a higher metallicity than
the runs adopting a single SN explosion owing to metal-rtelias winds.
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away from it. Fig. 5.9 (left panel) shows that the outflow il gingle explosion models, i.&5- w10
andHS- w10, emerges earlier than in the models with multiple explosiowing to its short time delay
adopted (At = 10 Myr). A strong outburstri, ~ 5 M yr~') occurs first due to the high level of
star formation activity in the early period, and a mild oukflof 71, ~ 1 Mg yr~! ensues. On the
other handMwvt w10 andHM w10 reach their peak outflowr 70 Myr after the peak SFR. Note that the
difference in the peak SFR and outflow between the two modeigotentially result in different mass
loading factors. Nevertheless, we find that the total outflates are in good agreement between the
single burst and multiple burst models. The integrated arhofioutflow during the firs250 Myr are

4.3 x 108 M), 5.0 x 10® My, 4.2 x 108 M, and3.9 x 10% M, for M5- w10, HS- w10, M w10, and
HM w10, respectively.

We find that the runs with multiple explosions predict higbilar and ISM metallicities than those
adopting a single explosion (right panel in Fig. 5.9). Giteat we used the metal yielg=0.1, twice
larger than the bulk yield suggested by Arnett (1996) to antdor enrichment by stellar winds in
MS- w10 andHS- w10, the smaller metallicity in these runs thus indicates thatrhetals processed by
stars directly escape from the galaxy without being mixetth wie interstellar medium. This is different
from the MM w10 and HVt w10 run, in which roughly half of the metals are dispersed viastedlar

wind channel first and SNe blow some metals out at a later stage

5.3.2.2 Effect of mass loading

The observational finding that at least half of the baryon®cdl spiral galaxies are missing from their
host dark matter halo (McGaugh et al., 2010) suggests thabstantial fraction of gas is blown out by
stellar feedback processes. Given that the ejecta from Blg&rns and stellar winds can account for at
most~ 20% of the mass of newly formed stars, the baryon deficiency sghat the outbursts entrain a
large amount of gas before they leave the dark matter halol4-dwarf galaxies and a starburst galaxy,
M82, Martin (1999) obtained a rough estimate of the massehtit wind in super shells based oaH
fluxes, and found indeed that the amount is comparable tdahésmation raté (see also Strickland &
Heckman, 2009). By performing two dimensional Eulerianroggnamical simulations with the ZEUS
code (Stone & Norman, 1992), Fujita et al. (2009) argued Ihaad Na | D features often observed

in starburst galaxies (e.g. Martin, 2005) arise from migtighell fragments seen at sub-parsec scales,

indicating the importance of resolving the shell fragmentswever, simulating galaxies with sub-parsec

“Rupke et al. (2005) also studied the mass loading in 78 strhalaxies (35 infrared galaxies, 30 low-z ULIRGs, and 13
high-z ULIRGS) by fittingNa | D features, but found a smaller median mass loading factdrgf; /M. ~ 0.1, although it
ranges from 0.01 to 10.
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Figure 5.10: Dependence of the outflow rate measured thrplagies parallel to the disc of the galaxy
and locatedt9 kpc away from it on the mass loading factor. Different coloudiogs denote different
mass-loading factors, as indicated in the legend. Hightyaéred ejectarf, > 2) hardly escape the
galaxy, while the outflow is found to be relatively strongethie runs with low mass loading.

scales at = 0 is practically not tractable, and thus the mass loading isrpby hand, as described in
Section 5.2.4, motivated by observational studies availmthe literature.

However, given the lack of spatially resolved observatiohshe mass loading, it is important to
test how the mass-loading factor adopted in the simulatigracts the properties of outflows during the
evolution of the clumpy disc galaxies. Fig. 5.10 shows tiselteng outflow rates from runs with different
mass-loading factors spanning< n,, < 50. As in Fig. 5.9, the outflow rate is measured through two
planes parallel to the disc of the galaxy and locatédkpc. Several trends can be identified in the left
panel of the figure. First, the runs with a low mass-loadirgdia(l < 7, < 10) show relatively strong
outflows, whereas less significant outflow is observed in toelais with a high mass-loading factor
(nw > 20). This trend is also found in high-resolution runs (see tghtrpanel of the same plot). In
both resolution runs, the maximum outflow is observed in #eeavithn,, = 5. Although it is difficult
to single out the main cause of the trend because of the neatli clumpy structures of the simulated
galaxy, this can be partially ascribed to the fact that tinekiatical impact from the stellar ejecta is more
mitigated when the limited energy is shared with a larger@amof entrained gas. Second, the three runs
with low entrainment show a more or less similar outflow rategite of an order of magnitude difference
in the loading factor (1-10). Interestingly, the mass logdiuring the burst phasé( < ¢t < 100 Myr)
turns out to be larger than the input valii&,; /M, ~ 0.1. The ratio of the peak SFR{23 M, yr~—*

113



5.3. Stellar feedback in isolated disc simulations

1000 T T T T 0.030[ T T T T
mom MM-wOl =ooomMMwol
800( B----- 0 MM-w05 0‘025:_ o N ! mm:ﬁg ]
I MMV S MM-w20
. W ] 0.020F % R © MM-w50 ]
% 600k o O < MM-w50 _ i N 1
E L QOQO ] i i\o-_‘
= L e {1 N 0015}
4 &\ ) 1 .
T 400F [\, s @ . !
PN g oe | i
P Y SR 0.010}
R N e 1 I
F R E‘E Q . I
L) ! & 5 _00g G006~ L
200- j {>\¢ B Opl00g ZC_ 0.005[
t E XY %
; e 5
Obmdh o o0 v v v v v v 00000 mck v v v v v vy Ll ]
0 50 100 150 200 250 0 50 100 150 200 250
Myr Myr

Figure 5.11: Properties of outflows in the models with défgrmass-loading factors. The left panel
shows a mass-averageehxis outflow velocity measured at= +9 kpc. The mass-averaged metallicity
is also shown in the right panel. It can be seen that outflond te be faster and more metal-rich in the
run with lowern,,.

att = 30 Myr) and the peak outflow ratex( 5 M yr~' at 100 Myr) is found to be0.2, indicating
that the stellar ejecta indeed entrain some gas. Lastlyexpgriments suggest that the loading factor is
likely to vary over time, because there is a time delay betwibe peak SFR and the peak outflow. For
example, in case dfivt w10, Mout/M* att = 50 Myr is ~ 0.1, whereas the ratio increases~+00.5

att = 100 Myr. However, we find that it never exceeds unity at any time. @ltfh the mass loading
can increase in principle when the outflow is measured atri@itudes, e.g.z = +5 kpc, it seems
necessary for the stellar feedback to actually blow gas bilteohost dark matter halo in order to stand
a reasonable chance of matching the abundance of baryossiredan local spiral galaxies. Hence, the
low mass loading at high altitudes is an issue which needs eddressed in the future.

Inspection of the velocity and metallicity of the outflow g#/further insight into how the mass-
loading factor affects the gas dynamics in the galaxy. Igeals best to track individual gas parcels into
which the momentum is directly injected, but this is veryfidiflt in Eulerian simulations. Instead, we
present a mass-weighted average of velocity and metglbEithe outflow measured at= +9 kpc in
Fig. 5.11, bearing in mind that the gas cells in which we meathe physical properties of the outflow
may not represent the same dynamical component betweerniffei@at runs. As can be inferred from
Eqg. 5.2, a higher mass loading generally leads to a loweisutfelocity (left panel). Although it appears
no longer true at 2, 150 Myr for the runs withn,, > 5, it should be noted that the average density of

the outflowing gas{p) & Moy / (V.), in MM w50 is lower than that in thé/M w10 run. This means
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Figure 5.12: Projected gas density maps in the runs witlerdifft feedback strength at= 100 Myr:
from left to right, the normal feedback, the run with the HMad the run with a five times the energy
from the normal feedback run. Giant gas loops are visibldlitheee cases, but their density tends to
get higher with increasing energy input. Small density blob densityny 2 10 cm™3, moving with

v < 100km s71, are only seen in the the extreme feedback v €5). The image measures 36 kpc
on a side.

that the gas elements accelerated to high speeds are ptiflyecrossing the plane at = +9 kpc in
the MMt ws0 case. Thus, it is sensible to argue that, for a given derbigyputflow velocity is larger in
the run with a lower,, .

Fig. 5.11 also shows that the metallicity of outflow peakuuad ~ 30 Myr, which precedes the
peak outflow rate. This can be attributed to the fact that density gas, which is highly enriched and
accelerated by stellar winds, first crosses the planesddea® kpc from the disc of the galaxy. More
importantly, we find that the mean metallicity of the outflagenerally higher in the low mass-loading
runs att < 150 Myr, mainly because the stellar ejecta is less diluted thanigterhass-loading runs by
construction. The clear trendf@ats 150 Myr also suggests that the mixing of the outflowing gas with the
ambient gas is not substantial in the early phase of the sutAs metals from stellar ejecta are recycled,
the metallicity of star-forming gas and stars rises (gar > 0.006, see the right panel in Fig. 5.9), and

as a consequence, the net metallicity of the outflow incease

5.3.2.3 Effect of extreme feedback sources

As we discussed in Section 5.2.3, hypernovae can providegippately two times more energy than
normal supernovae if all the massive stars in the raltge< M., < 50 undergo HNe explosions.
An interesting question to answer is then whether the fegddfvam hypernovae can increase the mass
loading. In Fig. 5.12, we present the projected gas dessitleen the outflow is the most significant (at

t = 100 Myr). The run with the hypernova clearly exhibits more pronashoutflows tharivivt w10,
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Figure 5.13: Properties of outflows in the models with stretedlar feedback. The left panel shows the
outflow rate measured for the normal feedback run (blueegicHNe run (orange squares), and extreme
feedback model (red crosses). Corresponding star formai&iories are presented in the right panel.
Although the HNe run reveals a higher mass loading than thmaldeedback run, it is still smaller than
what several observational studies suggest. We find thataiigh level of mass loading is attainable
only when we adopt extremely strong feedbalek{ e5).

creating several loops of gas with a number density.af.1 cm—3. When we calculate all the energy
available from stars, i.e. stellar winds+SN Il+la+HNe, bBkihg into account the metallicity-dependent
HN fraction forMvt HN, we find that it releases 2.2 times larger energy than that freeMvi w10 run.

As an extreme model, we have also investigated a case in Wheoknergy from stars (without HN)
is artificially increased by a factor of five. Visual inspectiof Fig. 5.12 suggests that the disc structure
is considerably disrupted by the strong feedback. Someedalobs of gas witly > 10 cm ™2 are now
pushed out of the galactic disc and visible in the density.map

In order to quantify the impact of the feedback, we measwetltflow rate in Fig. 5.13. Although
the outflow rate iVt HNis augmented by a factor of two, it turns out to be still insudfint to account
for a large mass-loading factor, as suggested by severahati®ns (e.g. Martin, 1999). We find that
mass loading factor values comparable to these obsersat&m only be achieved when an artificially
large amount of energy is fed to the ISM, as in M& HNrun. As a result of the strong feedback, the
star formation is notably suppressed as well.

It is interesting to note that the dense blobs seen iMWee5 run, which are plausible candidates for
molecular clouds, are leaving the galaxy~afl00 kms~'. This is much slower than the fast molecular

winds moving at speeds of orded00 km s~!, observed through CO emission lines in the local ULIRG
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Figure 5.14: Effect of resolution on metal enrichment. Meagtallicities of the star (solid lines) and
star-forming gas (dotted lines) are shown in the left pafiet applying a correction factor to offset small
differences in SFHs between the various runs. Differens ane denoted with different colour-codings
and symbols. In the right panel, we plot gas metallicity asrecfion of gas density at= 100 Myr. The
higher resolution run is slightly more efficient at recyglithe metals synthesised from stars.

population (Chung et al., 2011). Although the star fornmatiate in our simulated galaxy is much
smaller than that of ULIRGs, which form stars at ratesl00 M, yr—!, the high-velocity molecular
winds appear to be difficult to reconcile with starburst-pogd winds, considering that even the extreme
model fails to generate fast and dense winds. An AGN-powetad may be able to explain this, given
that for such winds, even a larger amount of energy can bealibé in a very short period of time (e.g.

Choi et al., 2012).

5.3.2.4 Effect of numerical resolution

Finally, it is important to assess the effect of numericabtetion on our results. Itis worth remembering
that although the lower resolution run has a factor of foualsen grid size, we choose a larger initial
radius for the expanding bubble to compensate for the difiee in resolution. Fig. 5.9 indeed argues
that the prediction for the outflow rate is not significantfieated by the different resolution. The runs
with 17.5 pc or 70 pc resolution result in a more or less sinalaflow rate.

Yet we find that higher resolution runs vyield slighltly highmean metallicities for stars and star-
forming gas (Fig. 5.14, left panel). Since the number ofssproducing metals is slightly different in the

three runs, we apply a simple correction to the metalligif@ a fair comparison in the left panel, such
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that
M. (t)
MM(t)

Zeore(t) = Z (1)

where MM(t) is the integrated stellar mass of thi&+ w10 run at timet. The systematic trend shown
in Fig. 5.14 originates from the fact that the metal-richlateejecta is more diluted than it should be
in the low-resolution run. If an AMR cell were infinitesimgalbmall, then the metallicity of the dense
regions surrounding a star would be highly enriched firsd, gart of the metals would be subsequently
dispersed as the supernova remnants carry them furtheriaway ISM. A prediction from this thought
experiment is that dense gas will be preferentially endcathigher resolution. This is substantiated
by Fig. 5.14 (right panel), which presents the mass-wethhterage of gas metallicity as a function of
density att = 100 Myr. The metallicity of the dense cells in th#4 w10 run is indeed found to be at
least twice as large as thatlof# w10, supporting the idea that higher resolution causes thiaisggécta
to be recycled more efficiently.

Nevertheless, the resulting mean stellar metallicityedffby a small amount{ ~ 0.05Z or Z =
10~3). Such a minute difference may easily be washed out by mpingesses, such as a galaxy merger

or turbulence.
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5.4 Forming a disc galaxy in aACDM universe

Observational studies suggest that a significant amourargbbs is missing in the local Universe (Persic
& Salucci, 1992; McGaugh et al., 2010). Several authorsrasisat heating by gravitational collapse
and galactic superwinds are responsible for hiding a siedadiction (f;,.. =50-60%) in the warm-hot
intergalactic phase characterised Ity < 7' < 107 K (Cen & Ostriker, 1999; Davé et al., 2001; Cen
& Ostriker, 2006) which is very difficult to detect. An imparit prediction from these simulations is
that the warm-hot intergalactic medium (WHIM) is a diffuseage, which extends far from galaxies.
Anderson & Bregman (2010) tried to pin down the amount of gaté WHIM or an even hotter phase
using the dispersion measure of pulsars in the Large Magell@loud, X-ray detections, and non-
detections of Oviil absorption, and came to the conclusion that hot gas insilaldnk matter halo
hosting the Milk Way can only account for a small amount, 8@23 f,,,;, requiring the existence of
outflows which expel baryons way beyond its virial radius.

Indeed, such far-reaching outflows are often detected imedgtstar-forming galaxies, such as Ly-
man break galaxies (LBGs) at high redshift (Steidel et 896} Adelberger et al., 2003; Shapley et al.,
2003; Steidel et al., 2010). Steidel et al. (2010) reported the interstellar absorption lines (e.g.\C
or Sill) in 87 LBGs are generally blueshifted with respect to thdesysredshift, which is a signature
of metal-rich outflows. Ultra luminous infrared galaxiedhieh are known to show a high level of star
formation activity (2, 100 M, yr—1), also often reveal outflows of 1000 km s! (e.g. Sanders &
Mirabel, 1996; Martin, 2005; Chung et al., 2011). These ola®ns provide tantalising evidence for
a close link between star formation and outflow, supportheydlaim that small to intermediate halos
suffer from a shortfall in baryons.

Outflows are thought to play a pivotal role in the formatiordisfic galaxies. Ever since Navarro &
Benz (1991) raised the concern that simulated gas disce@mitnpact, many attempts have been made
to understand how spiral galaxies with extended disc formnirexplicit cosmological context (Abadi
et al., 2003; Sommer-Larsen et al., 2003; Governato et@)4;2Robertson et al., 2004; Okamoto et al.,
2005; Governato et al., 2007; Croft et al., 2009; Scannapi@l., 2009; Joung et al., 2009; Piontek &
Steinmetz, 2011; Agertz et al., 2011; Guedes et al., 201f¢ cbnsensus of these works is that when
feedback is neglected, gas cooling and star formation bet¢omefficient and the simulated galaxy ends
up being bulge-dominated. The most appealing remedy isaw kw angular momentum gas out of
the dark matter potential well through stellar feedbaclkcpsses at high redshift, but the conclusion on

how this should happen depends on the details of the simnlatising unprecedented high resolution
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simulations and the more realistic feedback processe®ldith Section 5.1, we investigate the impact

of feedback and resolution in forming a realistic disc gglexthis section.

5.4.1 NuT simulations

As we briefly described in Chapter 4, theuN simulations are a series of hydrodynamical, cosmolog-
ical zoom simulations of a volume of side lendifa~! Mpc, which is run with RAMSES (Teyssier,
2002). It is designated to study the formation and evolutiba Milky Way-like galaxy with very high
resolution. The initial conditions are generated udiRgr af i ¢ (Prunet et al., 2008), a parallel ver-
sion of thegr af i ¢ code (Bertschinger, 2001), with the WMAP5 cosmologicalapagters s = 0.8,
Qm = 0.258, Qp = 0.742, h = Hy/100km st = 0.72) (Dunkley et al., 2009). A sphere of diameter
2.88 h~! Mpc encompassing the galaxy is refined to achieve higher résoluthen the mass of each
cell (gas+star+dark matter) exceeds the eight times the wiaa dark matter particle. A root grid of
128 elements is used to cover the entire simulation volume, ®itxtra nested levels present in the
high resolution sphere from the start. Further refinemerdiseare added during run time to keep the
minimum cell size fixed to 12 or 48 pc. In order to resolve smadlss halos of 108M@, dark matter
particles of5.5 x 10* M, are employed in the refined region, equivalentMg, = 10243. The Euler
equations are solved using the HLLC scheme (Toro et al.,)1®84 a typical Courant number of 0.8,
and the conjugate gradient solver (see Sec. 2.1, Hockneyséwibad 1988) is adopted to solve the
Poisson equation.

The NuT simulations also include many other important physicaledients. Gas can radiatively
cool down to~ 10* K due to the atomic transitions and thermal Bremsstrahlang, the temperature
can decrease further down to 1 K when metals are presentgf$auil & Dopita, 1993). Note that the
expansion of the universe can also lower the temperatumwtiensity gas by adiabatic expansion. The
initial gas metallicity is set ta0~3 Z,. If the cooled gas collapses into a small region exceedirggtaia
threshold densityr(j (nres), @ Star particle is created based on the Schmidt law (Se¢h&889) with 1%
efficiency per local free-fall time, as suggested by Krural®ITan (2007). Each star particle represents
a simple stellar population and is assumed to rel@ask erg per supernova explosion or 10* erg
per unit solar mass after several tens of Myrs from the biftihe® star particle. We use one third of the
energy to increase the internal energy of the gas cell winerestar particle sits in, and the other two
thirds to increase the momentum inside a bubble of radiusc32ap described in Section 5.2.4. It is

assumed that each explosion entrains 10 times as much mémessisllar ejectarg, = 10). A uniform
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Table 5.2: Summary of simulation parameters and physicgkdtients. From left to right, columns are
as follows: simulation name, minimum grid size, mass of & daatter particle, mass of a star particle,
threshold density for star formation, redshift at which Uatkground heating is turned on, redshift of
the last snapshot, and feedback processes included.

Simulation Az Mdm o N thres Zreion  Zend Feedback
[pc]  [10°Mo] [10*Ms] [em 2]
NutAD 48 5.5 - - 8.5 0 -
NutCOLR 48 5.5 3.5 10 8.5 0o -
NutCO 12 5.5 2.3 400 8.5 3 -
NutSFB 12 5.5 2.3 400 8.5 3 SNl +la+SW
NutHFB 12 55 2.3 400 8.5 1.5 SNII +la+SW + HNe

UV background is instantaneously turned orxat 8.5 following Haardt & Madau (1996). Feedback
from an active galactic nuclei is not yet included in the\simulations.

In order to assess the impact of various feedback processeasse three existing simulations from
the NUT suite. The NutAD run is the most basic model in which star fation and feedback processes
are inhibited. As gas cannot cool, its collapse does notrogsccordingly, no refinement is triggered
abovel evel =18 (Ax = 48 pc), even though the refinement is permitted updoel =20. The NutCO
run includes cooling and star formation, but feedback istakén into consideration. NutCOLR is
identical to NutCO, but we limit the refinement to 48 pc to rba simulation to: = 0.

We carry out two extra NT simulations in which the new implementation of the multipiglosion
of stellar feedback is used, NutSFB and NutHFB. These noludiecstellar winds and SN la as well as
SN II. In particular, the energy from hypernovae is also abered in the NutHFB run, and as such it
can be regarded as an extreme feedback model. As the feeglhaicky increases the temperature of the
interstellar medium, the courant time step becomes veryl sana the simulations take much longer than
the cooling run. Thus, we run these two simulations te 3 for NutSFB andz = 1.5 for NutHFB. In
order to assess how serious the missing baryon problem i§éugh et al., 2010), we use approximately
1.5 times the energy available fronT&RBURSTI9 (Leitherer et al., 1999, 2010) per stellar mass unit,
which is1.3 ~ 10% erg M ~!. The binary fraction for SN la is chosen to Heny., = 0.07. Dark matter
halos are identified using HaloMaker (Tweed et al., 2009)¢ckvis based on the AdaptaHOP algorithm

by Aubert et al. (2004). We summarise the parameters adapted simulations in Table 5.2.
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5.4.2 Results
5.4.2.1 General features of the Nut halo in the absence of fdeack

We begin our investigation by describing the general pitigeof the Milky Way-like galaxy we simulate
with the zoom-in technique, which we call the Nut galaxy. lig.F5.15 we show the growth of the
host dark matter halo and stars in the Nut galaxy from the Isitions without feedback processes (i.e.
NutAD, NutCOLR, and NutCO). Since the dark matter drivesdghavitational collapse on large scales,
the mass of the dark matter halo shows an excellent agreeémideat three runs. Note that the final mass
of the Nut halo is~ 4 x 10! M, which roughly corresponds to the transition mass that deaes the
halos fed by cold streams from the halos filled with grawitadilly shock-heated gas (Birnboim & Dekel,
2003; Keres et al., 2005; Ocvirk et al., 2008; Brooks et20Q9). As we have shown in Chapter 4, the
virial shock develops at < 2, when the virial mass of the halo becomes larger thad x 10! M.
The stellar mass of the NutCO galaxy6i$ x 10'° M, atz = 0, which is comparable to the stellar mass
of the Milky Way (6.61 x 10'° M) obtained from a Bayesian fitting method to photometricalhyd
kinematically derived constraints, such as disc scalgtleor terminal velocities (McMillan, 2011). Yet
McMillan argues that the best estimate of the dark mattey hasting the Milky Way isl.4 x 10'? M),
which is about 3 times more massive than the Nut halo. Givanttie NutCO and NutCOLR runs do
not take feedback processes into account, it is highlyylikeht the cooling runs over-predict the amount
of stars, and therefore the Nut halo probably representsafiesnialo than the dark matter halo hosting
the Milky Way.

The star formation rate of the most massive progenitor ictiading runs ranges from a fed,, yr—!
to several tens af/, yr~! (Fig. 5.15, right panel). In particular, we find that the sfieSFR measured
atz = 6is ~ 2 Gyr—! for both runs, which appears to be in excellent agreemerht thi¢ empirical
estimate of the star formation rater (1.8 Gyr~!) of the Lyman Break galaxies witty 2 x 10° M,
at similar redshifts (McLure et al., 2011). Even though ipssible that the agreement is obtained
because of the large stellar mass of the NutCO galaxy, wecexpat both the SFR and stellar mass
will decrease when feedback processes are included, asdhhuthe predictedpecificSFR would not
change dramatically, as we show in the next section. Fid &ldo shows that the halo has a relatively
rich merging history, as marked with filled squares. In otdeidentify a halo merger, we compare the
members of each dark matter halo in two subsequent snapahdtéind a halo which has lost more than
50% of its member DM particles. Of 22 relatively significanengers (/cen /Msax < 100) identified in

the NutCOLR run, we find that &1:8 merger occurs at~ 3.5, and that a 1:4 major merger follows at
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Figure 5.15: Left: Evolution of dark matter halo (black lines) and stellar camgnt (blue lines) in
the adiabatic (NutAD), high resolution cooling (NutCO) dader resolution cooling runs (NutCOLR).
Different line styles correspond to different runs, as @adiéd in the legend. Since the gas cannot cool
and collapse to form stars in the adiabatic simulation|astgrowth is omitted for NutAD. The mass of
the dark matter halo hosting the Nut galaxy agree well inliheet runs. The orange (red) squares shown
in the upper region of the panel indicate halo mergers Witk. Mep, /Mot < 100 (Meen/Msar < 10).
Right: Star formation rates of the most massive progenitor gadaixighe cooling runs. Blue squares
(green triangles) represent the SFH of the Nut galaxy in thteCOLR (NutCO) run. The Nut galaxy
grows slightly faster in the NutCO than the NutCOLR, but tiiféecence in total stellar mass becomes
smaller with decreasing redshift.
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Figure 5.16: Evolution of the fraction of baryons within tRet halo in the adiabatic and cooling runs.
The fraction of baryons in the NutAD run (grey lines) remaimare or less equal to the universal baryon
fraction (funi, dotted line), whereas the NutCOLR (blue) and NutCO (green$ predict higher values
than fupi.

z =~ 2.6. In general, the peaks in the SFR can be associated with mgeegents. For example, satellite
galaxies accreted ét< 2z < 7 merge with the central galaxy at~ 5, enhancing its star formation.

It is also interesting to note that the NutCO run predictsememhanced star formation at high red-
shift (z £ 5) than its lower resolution counterpart (NutCOLR), indingtthat star formation may be
resolution-dependent. Indeed, when the force resolutioi good enough, dark matter particles con-
stituting small haloes become loosely bound to the halo @mhat provide a gravitational well deep
enough for gas to condense and form stars. The outcome obtivefgrce resolution is a delay in star
formation in small halos (Rasera & Teyssier, 2006), and #eewhich could not form stars will even-
tually collapse when the mass of the host dark matter halorbes large enough to compensate the
resolution effect. Nevertheless, the difference in stellass between the two cooling runs does not ap-
pear to be substantial (Fig. 5.15, left panel), and equatlistellar mass between NutCOLR and NutCO
is established at ~ 3.5. Note, however, that this equality does not imply that tmeutated galaxies
share the same kinematic properties. We will discuss thigifater in this section.

Recently, McGaugh et al. (2010, see also Persic & Saluc@)1&@ue that intermediate mass halos
fall short of the universal amount of baryons predicted by standardA\CDM cosmological models
(e.g. Dunkley et al., 2009). Based on flat rotation velosit@nd stellar masses measured from ex-

tended 21 cm emission an@-band orK’-band photometry (McGaugh, 2005), these authors showed
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that galaxies with/. ~ 100 — 200km s™! have f; = Q,,, Myar /% Ms00 ~ 0.15 — 0.3, whereMsoy =
25072 (GHp) ™' Vi and Myar = Mygar + Mygas. In order to understand how the observed value com-
pares with the prediction from the basic models without fieetf, we measure the fraction of baryons,
foar & Mpar/[Mpar + Maw]), for the adiabatic and cooling runs in Fig. 5.16. It is agparfrom the
figure that if gas gets shock-heated as it crosses the \adals (NutAD), the fraction of baryons is kept
more or less equal to the universal baryon fractin.i(= /€, = 0.174, dotted line), consistent
with an independent study by Crain et al. (2007). On the oflaed, the cooling runs reveal an even
higher fraction of baryons than the adiabatic case. Thdtrésui the fraction tends to be larger at higher
redshift ¢ > 2) can be interpreted as follows. At high redshift, cold filartseform in the region where
radiative cooling is significant, and carry a large amourtharfyons. Since halos are primarily fed by a
set of cold filaments at high redshift, the fraction of baryamthe halos becomes higher than the uni-
versal baryon fraction. On the other hand, the dark mattes dot lose energy via radiative cooling and
therefore gets redistributed over a large region by thalgation process. As the halo grows, the virial
shock finally develops and then the baryons cannot peneatestp in the halo anymore: a significant
amount stays betwedR,;, and2 R due to the virial shock, so the fraction of baryafyg, drops at low
redshift. The final baryon fraction in the halo from the Nul®Orun is f,.,, ~ 0.18, which is at least
three times larger than observational estimates (e.g. Mglsat al., 2010). This suggests that, in the

LCDM universe, roughly three fourths of the baryons showdfected from Milky Way-like galaxies.

5.4.2.2 Feedback-regulated star formation and baryon fraiion

Now that we know feedback is essential to match the obseraegbb fraction, we evaluate the effect
of different feedback processes by carrying out two zoorsinulations. The NutSFB run includes
feedback from SN I, la, and stellar winds, while the enemgyrf hypernovae is considered in addition to
the standard feedback processes in the NutHFB run. Noteth&edback scheme does not include any
artificial treatment that disables the radiative cooling(&tinson et al., 2006; Guedes et al., 2011). In an
attempt to resolve the early evolution of supernova bubtideth simulations are run at high resolution
(12 pc), but they are run only to= 3 (NutSFB) orz = 1.5 (NutHFB) because of the trade-off between
resolution and computational costs. We emphasise that thgdaxies in the cooling runs are already
almost too massive for their host haloeszat= 3 (Mgiar[z = 3]/Mam[z = 0] ~ 2 x 10'° M /4 x

101 M, = 0.05), and thus it is sensible to focus on the influence of feedimaokesses at > 3.

Given the fact that the star formation activity is more vigas and the dark matter halo is less massive
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NutSFB (z=3)

Figure 5.17: Projected densities and temperatures of thérga NutSFB. Top panels show a snapshot
of the gas density and temperature of the zoomed-in regt00 kpc on a side) at = 3. Far-reaching,
hot bubbles are clearly visible. The left bottom panels ldigprojected densities of regions centred on
the Nut halo at different redshifts. &1 R,;, region is projected with a scale bar corresponding to 300
pc. The right bottom panel shows a three-dimensional vietheprojected gas density of the Nut galaxy
atz = 3. Redder colours indicate denser gas.
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Figure 5.18: Impact of feedback processes on star formdtistory. Left: Star formation histories
from the simulations with different feedback processedndicated in the legendRight: The amount
of quenched star formation in dark matter halos of differeratss untilz = 3, compared to the star
formation measured in the NutCO run, i.8/3%C0 — MX . Here, Mz, (Mhalo form) indicates the

star star*

total amount of stars formed in halos withy,,), torm OVer the redshift rangg < z < 500. Note that
we only count stars belonging to halos that constitute thehdilo atz = 0. The contribution from
the most massive progenitor (mmp) to the quenched star fmmis displayed as filled bars, while the
contribution from non-most massive progenitor galaxieshiswn as dashed bars. We find that the stellar
mass of the Nut galaxy is reduced £y30% in NutSFB and 50% in NutHFB at= 3.

at these epochs (Fig. 5.15), we expect that any impact déisfeedback on the Nut galaxy should be

noticeable in the high redshift universe. Fig. 5.17 showsapshot of the gas density and temperature
of the zoomed-in region and complex clumpy discs at differedshifts. It can be seen that hot outflows

are far-reaching, sometimes propagating out th0 R, (~ 400 kpc).

Fig. 5.18 (left panel) examines the suppression of stardtion by stellar feedback processes. The
SFRs are measured in the most massive progenitor of the Naxygly averaging over 100 Myr. We
find that inclusion of the stellar feedback is able to supptee SFR by~ 30% compared to the NutCO
run. The level of star formation activity is further mod@dtby HNe, which providesz 66% more
energy per solar mass than the NutSFB:at 3.° The resulting galaxy stellar masseszat= 3 are
~ 1.5 x 10'° M, 1.0 x 10'° M, and0.76 x 10'° M, for the NutCO, NutSFB, and NutHFB runs,
respectively. In other words, approximatéyl x 10* erg M ! is required to reduce the stellar mass
by a factor of 2 at = 3.

In the ACDM cosmology, the accretion history of a galaxy is dictatetlonly by smooth accretion,

*The maximum integrated energy from a simple stellar pojanas 3.2 x 10° erg M, ~! when HNe are included, but
the contribution from HNe becomes negligible as star padibecome metal-rich.
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Figure 5.19: Baryon fractions in the Nut dark matter haloaadback runs. Different colour-codings
indicate different models, as indicated in the legend. Tdited line denotes the universal baryon fraction
(/2 dotted line). The dashed lines represent the contribditem stars (nstar /[Mpbar + mam]). The
feedback from stars does not seem to reduce the baryorofiatfficiently enough to accommodate the
empirical estimate at = 0 (f,ar ~ 0.04), even accounting for a decline of 0.03 in the baryon frarctio
between: = 3 andz = 0 (see Figure 5.16)

but also by satellite infall. Thus, it is of interest to quénivhere star formation quenching primarily
occurs. To do so, we make use of the dark matter particlectmatitute the Nut halo at = 0 in the
NutCOLR run, and identify halos at = 3 that will later be merged to the central halo by matching
particle identifications. Star particles in these halosthem traced back to find the mass of the dark
matter halo where each star formea (. torm). In this way, we compute the amount of stars formed in
halos of different masses for NutCO, NutSFB, and NutHFB. iexample, we find that the total amount
of stars formed in the Nut galaxy or other merging candidatetside the Nut halo i8.9 x 10'° M, at
z = 3in case of NutCOLR, which is half the stellar mass predicted-a 0. The right panel of Fig. 5.18
displays the amount of quenched star formation comparel tvé NutCO run. It is apparent that a
majority of star formation quenching happens in halos with, 2, 10? M. For comparison, 70-90%
of the stars present at = 3 are formed in such halos. In particular, we find that the mosssive
progenitors account for only 30% of the total star formation quenching, indicating that thignary
site in which the suppression occurs is satellite galaxies.

A question that naturally arises is whether the feedbackbtmas away from the dark matter potential

well (“blow-away”) or simply delays the SFR by only blowinggout of the galaxy (“blowout”), creating
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Figure 5.20: Outflow (left panel) and inflow rates (right pmaeasured at the virial radius in runs
with different input physics. Different colour-codingsdinate the runs with different input physics,
as indicated in the legend. In order to avoid contaminatioa th satellite galaxies, we remove the
contribution from the gas belonging to substructures. ttloa seen that higher energy explosions lead
to higher outflow rates, occasionally reducing the amoursnodoth accretion. However, gas accretion
remains, by and large, unaffected by feedback processenarg.

a galactic fountain. Fig. 5.19 demonstrates that both “bdevay” and “blowout” occur. The fact that
the baryon fractions in the Nut halo from the feedback russsgstematically smaller than that from the
cooling run (NutCO) indicates that gas indeed escapes fhendark matter halo, as we have shown in
Fig. 5.17. Stellar fractions in the Nut hald/;., /[Mpar + Maw|, dashed lines) are also diminished by
stellar feedback, but their differences between the cgaiim and feedback runs are found to be larger
than those in the baryon fraction. This means that some sixyie which could not blow gas away were
able to prevent forming dense gas clumps by blowing it out.

In Fig. 5.20 we quantify the outflow and inflow rates at thealiradius, measured as

. 2
m4 = 47TRvir P+ ‘/T,:I:,

wherep, andV;. ;. are the average density and velocity of outflowing gas withthin shell 0f0.95 <

r/Ryi; < 1.05. In order to avoid contamination from satellite galaxieliting around the virial sphere,
we neglect the contribution from gas belonging to any subsire for outflow and inflow. Several
interesting features can be noticed in the figure. Firdhoalgh sporadic, outflow is ubiquitous during
the entire lifetime of the galaxy, sometimes reducing theam of smooth accretion. Although the

outflow rate & 2M. yr~!) is about a factor of 2 smaller than the SFR in NutSFB, moregatie
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explosions (NutHFB) lead to rates comparable to the SFRor&kdhe smooth accretion dominated by
cold filaments is largely unaffected by stellar feedbaclcpsse?, agreeing with the conclusion that the
only way to accommodate the empirically derived baryontfoacis to blow away a substantial amount
of gas from the host halo.

Despite the fact that we use a large amount of energy to lagalectic winds, the standard feedback
processes could not lower the baryon fraction by more th@a @tz = 3. Even with the energetic
explosions (HNe), the predicted baryon fraction turns oubé still large £ 13%), compared to the
empirical estimatesf,., ~ 4%, McGaugh et al., 2010), suggesting that too many stars hagady
formed at this redshift. Although we do not include in thiegfs, we also find that the baryon fraction
in the NutHFB run remainsz 13% until = ~ 1.5. Even if we simply apply the 0.03 decrease driven by
cosmic infall fromz = 1.5 to z = 0 (see Fig. 5.16), we still predicf,., ~10%, a factor of two larger
than the empirical estimate at= 0. Although this value is still lower than the prediction frahe Eris
simulation (f,,,, =0.12—-0.16) which claims to produce realistic galaxy romtturves (Guedes et al.,
2011), our models do not yield satisfactory results wherkithematics of the galaxy are compared with

observations. We will discuss this critical issue in datathe next section.

5.4.2.3 Impact of feedback processes on the kinematics

Spiral galaxies are often characterised by a flat rotatiomecwith a steep nuclear rise (e.g. Sofue &
Rubin, 2001). Reproducing the rotation curves is a chailengask for numerical galaxy formation,
given that complicated baryonic processes are involvelddrkinematics of a galaxy.

Fig. 5.21 shows circular velocities inside a dark matteolzk = 3 (left), measured as

whereM (< r) is the total mass (DM+star+gas) inside the radiug\s reported in many other studies,
the cooling runs (NutCO and NutCOLR) produce a very prontimentral peak (up to 500 knr$) in
the velocity curve. It should be noted, however, that thekpedocity differs depending on resolution.
As mentioned, this is essentially because better forcdutimo provides a deeper potential for gas
to collapse, allowing star formation to commence earlien idaportant consequence of the early star

formation is to convert low-angular momentum gas into sti@ading to the formation of a prominent

®Recently, Dubois et al. (2012a) have shown using high résaliMR simulations that powerful outbursts from active
galaxy nuclei residing in a massive halox 10! M) can destroy dense, cold streams at 6.
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Figure 5.21: Comparison of rotation curves of the Nut gasxatz = 3 (left) andz = 6 (right).
Different colour-codings display the simulations withfdient input physics and resolution, as indicated
in the legend. Solid lines are the circular velocities degifrom the total mass inside each radiys
while the contribution from stars is represented by dotieelsl The central peaks in the rotation curve
are clearly visible in all models already at= 3.

bulge. Indeed, we find that the central peak already exigtégatredshift ¢ = 6) in the cooling run.
Using the same code but with 8 times lower dark matter masgutesn and 14 times larger grid cells
(170 pc), Agertz et al. (2011) showed that in the absenceealtfack their Milky Way-like spiral galaxy
rotates at~ 400 km s'! at 1.5 kpc radius at = 0. On the contrary, our Nut galaxy with a spatial
resolution of 48 pc (NutCOLR) shows a maximum velocity of 480s™! at 0.5 kpc at: = 0. Given
that our Nut halo is roughly three times smaller than thelio Hhe difference in the peak velocity implies
that the prediction of rotation curves is resolution-degfssn.

Agertz et al. (2011) have also argued that low star formadiftiniency ¢, = 0.01) with the standard
feedback, i.e.Esny = 10°! erg, yields a realistic galaxy rotation curve. Howevemhailtgh the peak
velocity is decreased ta 350 km s™! (NutSFB) or 290 km s!' (NutHFB) and the velocity curves in the
feedback runs are flatter within the inner radius than thd$keocooling runs, we find that the central
peak still exists in the simulation with efficient stellaettback or even extreme feedback. Note that
the Nut simulations adopt the same star formation efficieagyn Agertz et al. (2011), and therefore
adopting the low star formation efficiency is not the key tocgss in producing a realistic galaxy. On
the other hand, Guedes et al. (2011) claimed that changmgtdr formation threshold fromy =
0.1cm™3 to ng = 5cm ™3 ensures that stars are formed in a clustered fashion, makaéeedback

more efficient. Their rotation curve at= 0 is also found to be reasonably flat. Yet our simulations
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adopt an even higher star formation threshaeld,= 400 cm 3, which is close to the transition density
from atomic to molecular hydrogen. In light of our resultattthe central peak still exists in the feedback
runs, we conclude that the clustered star formation doeguentantee to form realistic galaxy rotation
curves. Rather, we note that radiative cooling is prevebigefly in Guedes et al. (2011), and as a
conseguence, star-forming gas might have been more hedfalsted by supernova explosions than its
twin run adopting a lower star formation threshold.

Even though modelling techniques and details are entiréfigrent in the two simulations (Agertz
et al., 2011; Guedes et al., 2011), realistic rotation cuawre found in both when the SFRs are signifi-
cantly reduced at high redshift € 3). This suggests that the crucial factor determining theriatics
of a galaxy is SFH. But the question is how effective a stamftion quenching is needed. Even though
our NutHFB run produces a factor of 2 less massive galaxy=at3, it is unable to remove the compact
central bulge that generates the central peak in the rotatioe. Given that both NutSFB and NutHFB
runs show signs of mass concentration already at 6, even more effective feedback is required at
such high redshifts. However, since we already used aistekbaback up to two times more energetic
than normal supernova explosions, this sort of solution n@ybe fully satisfactory, although feedback
from a larger fraction of Hypernovae or an active galacticleiucould provide the additional amount of
energy. There exists also the possibility that the high itein the interstellar medium (408 nyg <
10* em—3) may have led to excessive radiative cooling during theygalthse of stellar explosions. In-
deed, when we compare the energy injected from stars andtii amount of energy used to blow gas

out by the galactic wind at virial radius as

Ewind . O.5mv% + GMvir m/RVir

fwind = =
Estar Estar

we find that only a tiny fraction of energyf(ina ~ 0.01-0.02) is used in both NutSFB and NutHFB.

Therefore, the problem we face may be to find a way to capteredhly phase of the stellar explosions

properly.

132



5.5. Conclusions and discussion

5.5 Conclusions and discussion

In this chapter, we have tested a new implementation of pieltcollective stellar explosions based on
STARBURST99. The model now includes the energy release and mass etctaly from SN Il but
also from SN la and stellar winds. Motivated by the chemicalahment in the Milky Way (Kobayashi

et al., 2011), we have also considered very energetic dgplwarising from massive stars. As opposed
to the single blast model developed by Dubois & Teyssier 80@ultiple kinetic bubbles are launched
from each star particle self-consistently without viatgtenergy, mass, and momentum conservation. In
order to examine the impact of the choice of stellar feedipacrkmeters on the evolution of a galaxy, we
have performed 14 isolated disc simulations, which minac firming galaxies at high redshift, varying

the input parameters. Our main findings can be summarisedlas$.

e Due to the weak impact, the main role of stellar winds is tdotnthe star-forming gas slightly
more efficiently than the single explosion model. Howevatflow rates as well as the morpholo-
gies of gas density and temperature fields are largely indisshable between the single and

multiple explosion model.

e The simulations with a low mass loading,( < 10) showed relatively strong outflows. The model
in which 5 times the ejecta is entraineg,(= 5) is found to be most effective in blowing gas out
of the galaxy. On the contrary, large mass loading resuliegslawer winds and less metal-rich

outflows.

¢ Inclusion of hypernovae increased the outflow rate by a faifte 2, but the ratio of mass loading
and star formation turns out to be still smaller than unitgisagreement with several observations.
Such high mass-loading was only obtained in the simulatiowhich we inject 5 times more

energy than the normal feedback run.

e We find that the runs adopting two different resolutions dielore or less similar outflows. On
the other hand, the metallicity of stars and star forming igasightly underestimated in lower

resolution simulations because metals are artificiallytdd within AMR cells.

In order to understand how disc galaxies form ih@DM universe, we have made use of two existing
NuUT simulations without feedback (NutCOLR, NutCO), and cafget two zoom-in cosmological sim-
ulations with feedback, which are also part of themproject. The NutSFB run includes the mass loss
and energy release from normal SN I, la, and stellar windsleahypernovae explosions are included

in addition to the normal feedback processes (NutHFB). @uaclkisions are as follows:
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e In the presence of radiative cooling, the baryon fractiotthim Nut halo is systematically higher
than the universal amount predicted from cosmology. Thisesattributed to the fact that galaxies
form at the intersection of cold, dense filaments which amydyarich. However, the baryon
fraction is restored to the universal baryon fraction at lmdshift, as the hot shock mode of

baryon accretion becomes dominant.

e The impact of efficient feedback processes are investigatied) very high resolution simulations
(12 parsec). In an attempt to form a realistic disc galaxyuse 1.5 times more energy than the
prediction from SARBURSTI99, but we nevertheless find that the baryon fraction in theHdio
is kept high, close to the universal baryon fraction. Eveemthe feedback from HNe is included,
the simulation still predicts too many baryons in the Milkyayike halo atz = 3 (fpa, =~ 0.13).
The resulting stellar masses of the Nut galaxy are reducedfagtor of~ 1.5 in NutSFB and-

2 in NutHFB atz = 3, compared to the stellar mass from NutCO.

e A majority of star formation quenching occurs in halos with;, 2, 10° M, which are also the
main site of star formation. Of the global amount, we find th@% is suppressed in satellite

galaxies.

e Even though outflows are far-reaching, the mass-loadinmifat the virial radius in the feedback
runs is found to be generally lowey (£ 0.5) than the empirical estimate (e.g. Martin, 1999). We

also find that the smooth accretion is impervious to thedkustriven outflows.

e Contrarily to what several authors argued, adopting low fetamation efficiency (Agertz et al.,
2011) or high threshold density for star formation (Guedeal.¢ 2011) does not guarantee to
form a realistic galaxy rotation curve. The rotation cureésur simulated galaxies with stellar
feedback (NutSFB or NutHFB) showed a pronounced centrét péa- 300km s~ at 2z = 3.

Surprisingly, we find that the peak is already in place at 6 for NutSFB.

e Even though lower force resolution leads to a delay in stamé&ion, we find that the stellar
masses in simulations with different resolution are morkess the same at low redshift £ 4).
However, a higher-resolution simulation yielded a morekpdaotation curve as more low-angular

momentum gas is converted into stars at high redshift.

It would be certainly worrisome if simulation results arantingent on numerical resolution. How-

ever, the trend that higher resolution runs produce a marequnced peak is likely to be simply an
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artefact of numerical simulation due to incomplete modgllbf feedback processes. With efficient feed-
back, low angular momentum gas will be blown out of the cémégion of the galaxy, allowing for star
formation in a more extended disk, in which case resolutiay ot be such a critical issue.

Given that only~ 2% of the total energy is used to blow gas out of the dark mattéy imaour
feedback runs, it is necessary to understand why the prae@ssfficient. Even though our simulated
galaxies produce a multiphase ISM, we find that dense gaspslumcluding the core, are immune to
feedback processes. As long as such dense clumps/corebast egainst feedback processes, it will
be difficult to form a realistic galaxy, and therefore one trfired a way to make the feedback more
efficient so that it can disrupt such dense clumps or prevaming them in the first place. The most
straightforward solution is to inject more energy. Hopkéisal. (2012b,a) recently tested the impact
of several feedback processes for disc galaxies compos&drsf dark matter, and gas particles. They
showed that in a small magellanic cloud-like galaxy, the m@ical feedback from stars, drawn from
STARBURST99, is enough to create large-scale, heavily entrained syimdhich is inconsistent with
our findings based on the purely gaseous disc (Section 5.Bjs ifplies that mechanical feedback
is only ineffective in clumpy environments. Indeed, theywhd that the mechanical feedback alone
could not drive highly entrained outflow in a starburst ptgpe (; ~ 0.1), and they had to invoke
radiation pressure from dust by multiple absorption/seatg of infrared photons (Hopkins et al., 2011).
Another possible way involves counterbalancing the sedfsgy in individual gas clumps or clouds. An
example of this approach is to disable the radiative coalirtge system, which is equivalent to implicitly
exerting additional pressure. However, this simple arqutrigenot easy to justify, because the condition
of adiabacity depends on the local density and temperatunawch smaller scales than a simulation
can resolve. Moreover, Thornton et al. (1998) demonstratidg one-dimensional simulations of a
supernova explosion in a uniform medium that more than 90%efnput energy is radiated away in a
dense, propagating shell. In a different context, Scamcap& Briggen (2010) developed a model in
which supernovae deposit their energy as supersonic &mbel Scannapieco & Briiggen (2010) argued
that the supersonic turbulence can help drive strong himaltlows through hot, diffuse gas in dwarf-
sized galaxy without disrupting dense regions. Unfortelyatthey did not compare their results with
other previous studies, so it is difficult to assess whethisrdan be a solution to the peaked rotation
curve problem. Finally, our simulations as well as othermig the effect of magnetic fields. This may
be a bold approximation, given that the magnetic pressunétise same order as the thermal pressure

in molecular clouds (e.g. McKee & Ostriker, 2007). Moregwgiven that supernova explosions are
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a reasonable origin for galactic magnetic fields (e.g. DaildoiTeyssier, 2010), the interplay between
magnetic fields and outflows may be of crucial importance edjating how outflows entrain gas and

how energy dissipates in a turbulent medium. These issuesdshe tackled in the future.
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Chapter 6

Constraining stellar assembly and AGN
feedback at the peak epoch of star

formation !

6.1 Introduction

The present-day galaxy luminosity function shows a rapiddver at luminosityL, (Cole et al., 2001),
while ACDM cosmology predicts a power-law form for the dark mattaetohmass function (Jenkins
et al., 2001). The low mass-to-light ratio in low- and higlasa halos is interpreted as evidence for the
existence of baryonic feedback, that regulates star faom&e.g. Binney, 2004). Consensus favours a
picture in which energy from active galactic nuclei (AGNyuates the formation of massive galaxies
(e.g. Ciotti & Ostriker, 1997; Kaviraj et al., 2011a), daspihe significant difference in the scale of a
supermassive black hole (SMBH) from that of its host galaiyis picture appears to be supported by
the tight observed correlation between SMBH mass and tlgetflits host galaxy (e.g. Haring & Rix,
2004), evidence for the suppression of gas cooling and ataration due to AGN interaction with the
interstellar/intracluster medium (e.g. McNamara & Nuls2@07), high-velocity galactic outflows that
are commonly detected in quasars (Pounds et al., 2003; Gaaadrotherton, 2008) and X-ray cavities
inflated by radio jets, associated with AGN, that are obskimecluster centres (Fabian et al., 2006).
Nevertheless, it is still unclear as to how, to what extentl at what epochs, AGN feedback shapes the

star formation history (SFH) of galaxies in the Universe.

IKimm, T., Kaviraj, S., Devriendt, J., Cohen, S., Windho#t, Dubois, Y., Slyz, A., Hathi, N., Ryan, R. Jr, O'Connell,
R., Dopita, M., Silk, J., 2012, MNRAS, 425L, 96
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Several studies have used semi-analytic or fully hydrodyoanodels of galaxy formation, to un-
derstand the effect of negative feedback on the cosmic SkHKentanot et al., 2009). While detailed
physical ingredients and prescriptions differ in each nhaglech studies agree on the importance of AGN
feedback for reproducing the masses, colours, and starlfmmrates (SFRs) of local massive galax-
ies (e.g. Kimm et al., 2009). However, the comparisons armsil exclusively performed in the nearby
Universe, while the bulk of the stellar assembly in thesexgak takes place at high redshit$ 1). Un-
fortunately, 8-10 Gyrs of evolution can easily wash out mafithe detailsof stellar assembly, and thus
it is necessary to investigate the epathwhich the bulk of the star formation takes pladey z < 3)
(Madau et al., 1998). Confronting the observed galaxy aslaiith the models at these epochs represents
a more stringent test of their reliability.

In this Chapter, we study the stellar assembly in massivexgad, by comparing a fully hydrody-
namical cosmological simulation test-frameUV-optical galaxy colours from the WFC3 Early Re-
lease Science (ERS) programme (Windhorst et al., 2011). r@steframe UV (shortward of 30@°Q,
which is sensitive to even residual amounts of star formati® a powerful tracer of how quiescent a
galaxy is (e.g. Kaviraj et al., 2011b; Rutkowski et al., 2))1&nabling us to constrain the quenching
of star formation due to AGN and stellar feedback. By comjrdee rest-frame optical colours con-
strain the average epoch of stellar mass assembly. Thiifirth direct comparison to simulations
of rest-frame UV-optical colours at the epoch of peak stamftion. We describe the data and simu-
lations in§ 6.2 and 6.3 respectively. We present the comparison betaeservations and models in
§ 6.4, and discuss the implications of our results on galaxsn&tion in§ 6.5. Throughout, we adopt
(hoy Qmy Qp, Qp, 0g) = (0.7, 0.26, 0.045, 0.74, 0.8) following the WMAP-3 results (Hinshaw et al.,

2009). All fluxes are based on the AB magnitude system.

6.2 Observations

The WFC3 ERS programme (Windhorst et al., 2011) has imagea of the GOODS-South field45
arcmirt), using the WFC3 F225W, F275W, F336W, FO98M, F125W, and Rd6Qers, with exposure
times of 1-2 orbits per filter. In combination with the exigfiGOODS BViz coverage (Giavalisco et al.,
2004), this provides 10-filter panchromatic coverage (0.2xm) to point source depths of AB26.5—
27.5 mag (UV-IR, 5). Here, we study 188 and 151 galaxies with;,, > 10'° M, for comparisons
at0.8 < z < 1.2 and1.7 < z < 2.3 respectively. Note that the ERS sample is complete down to

~ 10° M, and the observed images that trace both the rest frame U\harest frame optical are deep
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enough for all massive galaxies to be detected (Windhorak €2011). For every galaxy, photometric
redshifts were calculated using EAZY, based on all 10 filtgith all possible combinations of pairs of
the EAZY v1.0 templates (Brammer et al., 2008). The absorption dietéovening intergalactic Hl
clouds is taken into consideration. No redshift prior piulig distribution specific to these fields is
used. The resulting mean reducgtiof the fit is 0.94, and the typical redshift uncertainty of daenple

IS Az = |zspec — Zphot| = 0.15. We note that no k-correction is applied to the observed &anand
that we refer the rest-frame UV and optical fluxes to the flukesugh the WFC3/ACS bandpass that
roughlytrace the GALEXN UV or JohnsonB/V. Thus our estimated rest-framdéU V' or optical fluxes
are slightly different from GALEXN UV or JohnsonB/V fluxes.

In addition, the full suite of WFC3/ACS photometry of eacHags is compared to a library of
exponentially decaying model star formation historiessegaon the Bruzual & Charlot (2003) stellar
models. A wide range of ages (0.001-13 Gyr), decay times¢alé—9 Gyr), metallicities (0.005-2)
and dust extinction8 < E(B —V') < 2 are employed, with the normalisation of the models yieldhy
stellar mass. The likelihood of individual modejg’(2) are calculated and parameters are marginalised.
The median of the marginalised probability distributiome taken to be the best estimates, with the 25
and 75 percentile values (which enclose 50% of the totalgiritity) providing an associated uncertainty
(see e.g. Kaviragj et al., 2011b). Specific SFRs (SSFRs) afldratnasses thus derived have uncertainties
of ~0.3 dex.

6.3 Simulation

In this paper, we use the octree-based Eulerian hydrodysagoide, RMSES (Teyssier, 2002). Metal-
dependent radiative cooling is modelled based on SuthliegaRopita (1993), and a uniform UV back-
ground is instantaneously turned onzat 10.5 following Haardt & Madau (1996). Star particles are
created following a Schmidt law with 2% efficiency, when tlemsity of a gas cell reaches a critical den-
sity, pop = 0.4 H/cm3. We use the polytropic equation of state for the gas abovéhtieshold density,
with the minimum temperature di* K. Massive stars are assumed to lose their mass througtr stella
winds and a supernova phase, dispersing gas and metals (kB28@by mass, respectively) into their
surroundings. Feedback is modelled as an isotropic kietitow, which carries matter amounting to
ten times the mass loss from the stars (Dubois & Teyssie®8)200

Our model assumes that seed BH4@f), form in regions of high gas density, ensuring that only

one BH is formed per galaxy (Dubois et al., 2012a). The gravfttine BH is tracked self-consistently,
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based on a modified Bondi-Holye-Lyttleton accretion ratee &opt a density-dependent boost factor
agn = (p/po)?, following Booth & Schaye (2009). When gas accretes onto,Bisassume that a cen-
tral BH can impact the ambient gas in two ways, depending erEtidington ratioX = 1 /rieqq). FOr

a high accretion ratey(> 0.01), 1.5% of the accretion energy is injected as thermal en@gssar-like
mode), whereas sub-relativistie & 10* km/s) momentum-imparting collimated winds are launched
for a low accretion rate( < 0.01) event with 10% efficiency (Dubois et al., 2012a). The partanseare
chosen to match the fraction of stars in groups and clusteyalaxies (Dubois et aln prep. In order to
avoid artificial cooling and maximise the impact of AGN feadk, we store the thermal energy and ki-
netic energy until it either reach@8®K or the energy corresponding to 10% of the BH mass. Thergfore
the efficiency of the two modes should be regarded as a rouighats, not a true efficiency.

We have performed two cosmological simulations with the esanitial conditions generated by
npgr af i ¢ (Prunet et al., 2008), a parallel version of theaf i ¢ package (Bertschinger, 2001). The
simulations contain 256dark matter particles withng,, ~ 4 x 10°M in a 50h~! Mpc comoving
periodic box. We fix the maximum spatial resolution~ta).38 kpc/h in physical units. The minimum
mass of the star particles is65 x 10°M,. The virial mass of the most massive halo in our simulated
volume is3.3 x 103 M, atz = 1. Note that the mass of dark matter halos used to compare héth t
observation in Section 6.4 is in the ranbe < log M, < 13.5, and hence our sample represents mas-
sive galaxies A/, > 10 M, atz = 1) forming in group/field environments. This allows for a fair
comparison with the ERS sample, which is known to have fewstelugalaxies (Windhorst et al., 2011).
It is also worth mentioning that 36% of the simulated masgigkaxies are bulge-dominated at= 1,
which seems compatible with the observed morphologicatifva in the GOODS fields (Bundy et al.,
2005).

Predicted colours of simulated galaxies are generated lajrfg the stellar spectra of individual star
particles with the stellar population models of Bruzual &aZlot (2003). The optical depth is calculated
following the empirical calibration of Guiderdoni & Roc&éimerange (1987), and dust attenuation is
calculated using the Cardelli et al. (1989) extinction euf®evriendt et al., 2010, Eq. 1). We emphasise
that the attenuated spectra of the simulated galaxies are rédshto eitherz = 1 or z = 2 before

convolving them with the throughput of WFC3/ACS filterdirectly compare with ERS galaxies.
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Figure 6.1: Colour comparisons of massive galaxies at 1 (top; mgi., > 101 My) andz = 2
(bottom; mg., 2 1005 M) with simulations that include AGN+supernova feedback.e Bhserved
colours on the x and y axes trace rest-frame{ V) and (NUV — V), respectively (see text for more
details). Filled circles with error bars indicate the WFG3%data, while simulated galaxies are shown
using filled grey circles. The size of the symbol scales wiglar mass. The three lines represent the
expected colours of simple stellar populations (SSPs) diiflierent ages at different redshift: in the
upper panelz =0.8 (dashed), 1.0 (solid), and 1.2 (dotted), in the lowerepan =1.7 (dashed), 2.0
(solid), and 2.3 (dotted). For clarity, the colours of SSkh different ages (0.1, 0.2, 1, and 4 Gyr) are
indicated by filled square symbols. Points with a concemiride denote galaxies with low specific star
formation rate (SSFR 0.01 Gyr~!). We indicate the median uncertainty of the observed celouthe
top right and the typical extinction vectors of the simuthtglaxies in the left of each panel.
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6.4 Results

In Fig. 6.3 we present the rest-frame UV and optical colodrERS galaxies around ~ 1. We use
the ACS F435W, F850LP, and WFC3 F098M filters to tracertist-frameNUV (~2300), B, andV
bands, respectively. In order to test the influence of AGNllieek, we restrict our sample to galaxies
more massive thamg,, > 10'! M because SN feedback is ineffective in such large potentdsy
leaving AGN feedback as the most plausible mechanism forutatidg star formation. Three reference
lines are included in the figure to help distinguish the agkradshift sequence. Each line corresponds
to a simple stellar population (SSP) with various ages (ewmext to the line). Differences between
the lines indicate the change in the colours when a specsuedshifted to different values before it is
convolved with the filter throughputs (= 0.8, 1.0, and 1.2 [left panel] or = 1.7, 2.0, and 2.3 [right
panel]). Observed galaxies show a large scatt¢eMtylV — V') and(B — V') colours, partly because no
k-correction is applied. When the redshift interval of tlaenple is constrained around~ 1, a colour
sequence is apparent (red points), with massive galaxiag bedder in both UV and optical colours.

To make a detailed comparison, we study the SSFRs derivedSeD fitting (see Section 2), mark-
ing ‘quiescent’ (SSFRE rigtar /Mstar < 0.01 Gyr~!) galaxies in our sample with a concentric circle in
Fig. 6.3. We find that almost all massive galaxies Wwith’'V' — V') 2 4 mag are quiescent. It is worth
emphasising here that this provides a stringent test foicasgnological galaxy formation model, since
such low SSFRs are comparable to those of nearby ‘red and dalacies (e.g. Kimm et al., 2009).
Thus, any process that shapes the star formation historyagbive galaxies must be powerful enough to
guench star formation at this early epoch.

We find that the simulated galaxies with AGN feedback agresaeably well with the observed
sequence at = 1. The left-hand panel of Fig. 6.3 indicates that a majorityraddel galaxies with
(NUV — V) 2 4 mag are indeed quiescent (double circles), but not due tordddening, indicating
that AGN feedback is a plausible explanation for the emeargef quiescent galaxies at~ 1. However,
in the absence of AGN feedback almost all model galaxies egdigied to be actively star forming
(Fig. 6.2), suggesting that gravitational heating by suitostire alone (e.g. Khochfar & Ostriker, 2008)
is not able to account for the build-up of quiescent galakiegroup/field environments at this epoch
(see also Johansson et al., 2012). Note that such intaradbietween infall of substructure and the
interstellar/intracluster medium is automatically aauted for in our hydrodynamic calculations. We
also see that the model with AGN feedback reproduces thenadssérend of blue galaxieS§¥UV —

V) £ 3 mag) being less massive. However, there is an indicatidmihasive galaxies with intermediate
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Figure 6.2: The fraction of passive galaxies for the obd@ma (black squares), the model with super-
nova and AGN (red stars), and the model with supernova (baraahds). Top panels show the fraction
of galaxies showing SSRR0.1 Gyr—!, while bottom panels display the fraction of galaxies whach
an order of magnitude less active SSFR.01 Gyr—!. Poisson errors are indicated by error bars.

colours (NUV — V) ~ 3.5 mag) are more frequent than observed in the data (seefthgahel in
Fig. 6.3).

In Fig. 6.3 (right panel), we show the corresponding colaamparisons at ~ 2. We only show
galaxies with masses greater théarx 10'°M,, which form more than 90% of the progenitors of our
model galaxy sample at = 1. Since the redshift of the galaxy sample has changed, we ew u
the ACS F606W and the WFC3 F125W and F160W filters to tracedbeframeNUV, B, andV
bands respectively. We find that our simulated galaxies at 2 compare better with WFC3 galaxies
at1.7 < z < 1.9 rather thanl.9 < z < 2.1. We suspect that this is due, in part, to a systematic
underestimation of the photometric redshifts at these lep(gee also Williams et al., 2009). Note that
the observed galaxies &t7 < 2z < 1.9 are comparable to the model galaxieszat= 2, given the
typical uncertainty of EAZY redshifts at these epochs:(~ 0.15). At z ~ 2 we find that there exists
a non-negligible number of massive galaxies with a very level of star formation activity, which are
absent in the run with AGN feedback. The massive galaxiés.( 2 10'' M) in the model are actively
star forming (SSFR 0.3 Gyr~1!), leading to colours((VUV — V) < 3) that are inconsistent with the
observations.

Fig. 6.2 shows the fraction of passive galaxies, which cordfithat the modelled recent star formation
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Figure 6.3: The stellar mass functions of galaxies at 2 (reddish colours) and = 1 (bluish colours).
Our estimations at each redshift intervals for simulateld>ges with and without AGN feedback are
plotted as solid and dashed lines, respectively. Error imalisate Poisson errors in the counts. For
comparison, we display the mass function®.8t < z < 1.0 (blue shading) and.6 < z < 2.0 (red
shading) from Pérez-Gonzalez et al. (2008). Also inailids stars are the simple number counts from

the WFC3 sample.

needs to be further suppressed in massive galaxies-al. While our simulation predicts that, 20 %

of massive galaxies have SSER).1 Gyr—! atz ~ 2, the observations suggest that 30-60% of the
massive galaxy population is passive (top right).zAt 1, a majority (60—-80%) of the massive galaxies
in the model have become passive (top left), but when a mareerwative definition for a passive galaxy
is used (SSFR 0.01 Gyr~1), we find that the passive fraction in the model drops to ayxiprately
0-20% (bottom left). This is inconsistent with the obsenra, which suggest that 50-100% of massive
galaxies are quiescent at this epoch.

Nevertheless, the impact of AGN feedback becomes cleaslplei in the stellar mass functions
(see Fig. 6.3). The number of massive galaxies in the AGN rug.( 2 10! M.; solid lines) are
systematically smaller than the run without AGN (dashedd)nby a factor o~ 3. Comparing twin
halos that share position and mass in the feedback/no feledbas, we find that the stellar masses
of the galaxies they host are reduced by a factor of 2-5, mgahiat the mass functions are shifted

horizontally (to the left) due to AGN feedback. The mass fioms are in reasonable agreement with
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Figure 6.4: The median star formation history of simulatathgies at: = 1 in the run with (solid) and
without (dotted) AGN feedbacklop the median star formation rates of galaxies in three difiemass
bins. For clarity, the SFRs are scaled down by 100 for gasawi¢h 10115 < my., < 1022 (red), 50
for galaxies with10'10 < mg,. < 10'1> (cyan), and 20 for galaxies wittD' < mg,, < 10! (blue).

Bottom The specific star formation rates (SSFRs) as a functionad-tmack time.

the stellar mass function estimated by Pérez-Gonzalet. ¢€2008) (red and blue shadings), and also
compatible with the simple number counts from the WFC3 dataatl.7 < z < 2.3 (orange stars) or
0.8 < z < 1.2 (blue stars).

One may wonder whether our AGN feedback recipe is too strgivgn the apparent deficit of the
most massive galaxies. However, this can be partly atathtd the absence of density fluctuations on
scales comparable to the size of the simulation (Sirko, 2@edin et al., 2011). Moreover, the fact
that we need further quenching of residual star formatiomassive galaxies does not appear to favour
moderating the impact of AGN feedback. We discuss this ifsdler in the next section.

Finally, in agreement with the downsizing picture (Cowieakt 1996), we find that in the run with
AGN feedback, the star formation histories of more massalaxges are peaked at higher redshift (solid
lines in the upper panel of Fig. 6.4). This can also be sedmeibottom panel, where we plot the median
SSFR of 1127, 117, and 29 galaxies in three mass BiS, < mg.e < 10M Mg, 101 < mgpr <
1015 My, and10' < mygar < 10122 My, as a function of look-back time. If we compare the galaxy
SFHs in the runs with (solid lines in the top panel) and withAGN feedback (dotted lines), we see

that star formation is preferentially suppressed at = < 3 at which the bulk of the star formation takes
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place (Madau et al., 1998).

Interestingly, we see that the most massive galaxies haegtanded SFH, which may, at first sight,
seem inconsistent with the high observedHe] ratios in local systems (e.g. Thomas et al., 2005). How-
ever, we note that it is the star formation timescale inghleunitsthat finally merge to form the larger
galaxy that determines its averaggHe]. In other words, it is not possible to directly infer theFe]
from a ‘composite’ SFH of the various subunits (such as the sirown in Fig. 6.4), because much of
the broadness of the SFH is driven by the fact that star foomateaks at different epochs in different
subunits. Hence, the degree of the discrepancy may not héataatial as it appears, and will be tested

with more detailed chemo-hydrodynamic simulations in gfmoming paper.

6.5 Discussion and Conclusions

We have presented the first direct comparison of the restefidV-optical colours of massive galaxies at
1 < 2 £ 2 to the predictions of hydrodynamic simulations that inel&GN feedback. We have shown
that massive galaxies in the simulations are actively sianihg at this redshift in the absence of a
strong source of energetic feedback. In an attempt to egtitha stellar assembly of massive galaxies,
we have incorporated a simple, jet/quasar-mode AGN feddfiaabois et al., 2012a), and found that
it reproduces a reasonable fractionnobderatelyquiescent galaxies in both rest-frame UV and optical
colours atz = 1. However, the model slightly overpredicts the level of rdcgtar formation activity in
massive galaxies at= 1 and 2, compared with the observations. Despite this, tiiarsteass functions
in the model with AGN feedback agree reasonably well withWieC3 ERS data (within the statistical
uncertainties), due to the efficient quenching of star faimneduring the epoch of peak star formation.

The lack of massive, quiescent galaxies in the model seenagjtirefurther suppression of residual
star formation without significantly altering the stellaass function. This suggests that the peak epoch
of the stellar assembly in massive galaxies should commeadier than we have predicted, while the
residual star formation must decline more sharply over tilghough further star formation quench-
ing is attainable by introducing more enhanced feedbackhar@rocesses that we have ignored (e.g.
photoionisation of gas coolants due to soft X-ray and exé¢r&€h photons from stars, Cantalupo 2010),
changing the peak epoch of stellar assembly, while keepiagtellar mass function fixed may require
well-balanced interplay between feedback and star foomati

Regarding the extended nature of the predicted SFHs, aatiffapproach, involving a higher level of

star formation activity in the very early universe (e.g.ré&t al., 2009) is also appealing. The advantages
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of this idea are 1) it does not violate the stellar mass fonetiatz < 2, 2) it alleviates the discrepancy
in [a/Fe] ratio in massive galaxies to some degree (e.g. Pipiab,2009), although other routes, such
as the use of a top-heavy IMF may offer more promising sahstiGArrigoni et al., 2010)), and 3) star
formation can be efficiently suppressed with the same amofuahergy released from the black holes
by consuming gas earlier on. Even though the physical og§such high specific star formation rates
is unclear, we note that proper modelling of gas fragmesrtati galaxy mergers can easily elevate star
formation by an order of magnitude (Teyssier et al., 2010, may even be able to match the observed
high SSFRs in the early universe (e.g. Khochfar & Silk, 2011)

We also note that the mass and spatial resolution of a sifonlptays a role in determining the star
formation history of the model galaxies. Adopting a betesgalution allows us to resolve smaller halos
in the early universez( <, 5), leading to earlier star formation, with an order of magdé enhancement
in the star formation activity at this epoch (Rasera & Testss2006). This will naturally increase the
mean age of the massive galaxies (e.g. Johansson et al), 23&ever, the question is how many stars
form during this epoch, compared to the total stellar massatl or 2. Inspection of the top panel of
Fig. 6.4 shows that an order of magnitude increase in the $ER>a5 will not significantly affect the
overall SFHs.

Given the simplicity of our modelling of AGN feedback, theregment between observations and
models is encouraging. An important challenge will be toghathemical abundance ratios in massive
galaxies, while producing the correct number of red and dedakies at high redshift. In a forthcoming
paper we will investigate these issues in detail, focussimgnore realistic modelling of the starburst

phases and the interplay between feedback and star fomstiigh redshift.
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Chapter 7

Conclusions

For decades, the standard paradigm of galaxy formationlatgd that gas first got shock-heated as it
crossed the virial radius of a virialised dark matter haled éhat the resulting hot gas slowly settled
as a cold rotationally supported disc by radiating awayniternhal energy whilst conserving its angular
momentum (Rees & Ostriker, 1977; Silk, 1977; White & Ree¥,8)9 However, recent hydrodynamic
simulations have shown that in the early universe suchalghiock does not always exist, but instead gas
freely flows into the halo through cold, dense filaments untéaches the vicinity of the central galaxy
(Keres et al., 2005; Ocyvirk et al., 2008; Dekel et al., 200Bjogress in high-performance computing
has allowed us to study internal galactic properties in nutail, shedding light on the importance of
feedback processes in regulating star formation. In tlgsigh we have investigated the two issues (cold
flows and feedback) using Eulerian hydrodynamic simulatidviore specifically, the main questions we

addressed were:

e Are cold flows detectable with low-ionisation metal absmnptines? What are the typical cover-

ing fractions of cold flows?

e How is angular momentum transported inside the dark matkr?h How does the presence of
cold flows change our view on the acquisition of angular manmanduring the evolution of disc

galaxies?

e Is more realistic stellar feedback able to blow out a subistaamount of gas from galaxies or
disrupt cold flows? How sensitive are these results to theifspehoice of feedback subgrid
models/parameters? Can we form a realistic disc galaxyeh@DM universe? Is resolution of

the simulation the key to success in forming a realistic deaxy?
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e Can AGN feedback account for the emergence of massive guiegalaxies at < z < 2? How
do the stellar assembly histories of simulated galaxiespeoewith those deduced from observa-

tions?

This chapter summarises the main results of this thesissaggdests possible directions along which it

could be further developed.

7.1 Summary of the thesis

Cosmological simulations have shown that dark matter Iszdoe connected to each other by large-scale
filamentary structures. Cold gas flowing within this ‘cosmieb’ is believed to be an important source
of fuel for star formation at high redshift. However, the sgrce of such filamentary gas has never
been observationally confirmed despite the fact that iteigog fraction within massive haloes at high
redshift is predicted to be significant 5%), (Dekel et al., 2009). In Chapter 3, we investigatecbimaid
whether such cold gas is detectable using low-ionisatiotainadsorption lines, such adlC\1334, as
this technique has a proven observational record for detegaseous structures. Using a large statistical
sample of galaxies from the &Ri1zoN-MARENOSTRUM N-body+AMR cosmological simulation, we
found that the typical covering fraction of the dense, cad m 102 M, haloes at 2- 2.5 is lower than
expected £ 5%). In addition, the absorption signal by the interstefteedium of the galaxy itself turns
out to be so deep and so broad in velocity space that it coetplétowns that of the filamentary gas. A
detectable signal might be obtained from a cold filament tixatigned with the line of sight, but this
configuration is so unlikely that it would require surveyeugoverwhelmingly large number of candidate
galaxies to tease it out. Finally, the predicted metajlioitthe cold gas in filaments is extremely low (
1073 Z). Should this result persist when higher resolution rumsparformed, it would significantly
increase the difficulty of detecting filamentary gas inflowigg metal lines. However, even if we assume
that filaments are enriched to-Zthe absorption signal that we compute is still weak. We laeeetfore
led to conclude that it is extremely difficult to observattip prove or disprove the presence of cold
filaments as the favourite accretion mode of galaxies usingibnisation metal absorption lines. The
Lya emission route looks more promising but due to the resonatutré of the line, radiative transfer
simulations are required to fully characterise the obsksignal.

The presence of cold gas flows, at least in hydrodynamic sitionls, suggests that angular momen-
tum transport by gas may differ from that by dark matter. Iragter 4, we revisited this issue using a

series of high resolution cosmological hydrodynamics $atans of a Milky Way-sized galaxy, called
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NuT. We found that at the time of accretion, gas and dark matterady a similar amount of specific
angular momentum, which is systematically and signifigahttjher than that of the dark matter halo
as a whole. At high redshift, freshly accreted gas rapidigashs into the central region of the halo,
directly depositing this large amount of angular momentuithivw a sphere of radiug ~ 0.1r;. In
contrast, dark matter particles pass through the ceng@mainscathed, and a fraction of them ends up
populating the outer regions of the halo/¢i; < 0.1), spatially redistributing angular momentum in the
process. As a result, the gas angular momentum profile neltews that of its virialised dark matter
halo host. This generic result holds for halos of all massedl aedshifts, as radiative cooling ensures
that a significant fraction of baryons remain trapped at trgre of the halos. In light of our results, we
argued that the standard theory of disc formation needs tevigited, such that gas efficiently carries its
large angular momentum generated by large-scale structatiens deep inside dark matter halos, re-
distributing it only in the vicinity of the disc. The redigiution process lowers the high specific angular
momentum of the fresh gas by mixing it with pre-existing, atigned central gas disc and/or circum-
galactic gas, resulting in a total specific angular momeméilvaryons (stars+gas) in broad agreement
with the prediction of standard disc formation theory (RalEfstathiou, 1980; Mo et al., 1998). As a
conseguence, despite this injection of angular momenturohexd gas, we predict an amount for stellar
discs which is in broad agreement with observations at0.

In Chapter 5, we investigated the impact of stellar feedlatkhe properties of outflows in a star
forming, clumpy disc galaxy. In an attempt to model moreisgialkinetic stellar feedback than previous
studies, we implemented continuous, collective galaciiwie/by considering a wide spectrum of stellar
lifetimes, based on B RBURSTI9. Our feedback model includes not only supernova TypeNl (%
but also supernova Type la (SN la) and stellar winds from wasgars. Although the energy from
stellar winds is less significant than that from SN I, stellands account for 50% of the total mass
loss, releasing metals mildly in the surrounding gas. Asresequence, the metallicity of the gas phase
increases faster than the single explosion case duringvtiiation of an isolated clumpy disc galaxy.
Except for the metallicity, other physical quantities ftaw rates and morphologies of gas density or
temperature fields) do not show a significant difference betwthe run with our new feedback model
and the run with the single explosion model. We also fountddab#low rates do not strongly rely on the
adopted resolution and input mass-loading factor, pravitiat sufficiently small mass-loading factors
(nw < 10) are used. High mass-loading facter,(> 20) produced slower and weaker outflows, as

the energy of explosions is shared with too much gas in tHg paase of the expansion. However, the
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measured outflow rates are significantly smaller than standtion rates, as opposed to observations
showing the two are comparable (Martin, 1999). We could awclyieve such high levels of entrainment
when we pumped five times more energy than the normal steltgfofack per unit mass in the ISM.

We also explored the formation of disc galaxies iW@DM universe by using several high-resolution
zoom simulations of a Milky way-sized galaxy. As alreadycdissed in the literature, we found that the
rotation curve is strongly peaked towards the centre of tlaxy in the absence of feedback, meaning
that too many stars formed too early as our galaxy forms éeid. Interestingly, higher resolution
runs produced a more pronounced rotation peak. We attdlthis to the fact better force resolution
allows us to capture early star formation histories by ming deeper potential when the dark matter
halo is small. As a result, low-angular momentum gas is méfextively converted into stars at high
redshift in the higher resolution, leading to the formatmicompact bulge at the centre. Inclusion
of stellar feedback (NutSFB), which assumed 1.5 times taggergy & 1.3 x 10% ergs—!) than the
normal stellar feedback, is able to suppress star formatjon 30% at z = 3, compared to that from the
cooling run, but it still produced a peaked rotation curvéthdugh inclusion of hypernovae (NutHFB)
further suppresses star formation 20%) atz = 3, it is unable to quench the formation of low-angular
momentum stars enough to remove the peaked rotation curgenkeral, cold filamentary accretion turns
out to be impervious to the stellar feedback processes. €uits are inconsistent with the recent claim
that a low star formation efficiency is essential to produceadistic disc galaxy (Agertz et al., 2011),
given that we used the same star formation efficiency and miteetive kinetic feedback. Enforcing
a clustered star formation (Guedes et al., 2011) does n&aafp be satisfactory either, because star
formation is already limited to very dense regiong; (> 400 cm—3) in our simulations. Nonetheless, the
discrepancies imply that the key to success in making ast&atjalaxy is to regulate the star formation
from very early on £ > 6), blowing a significant amount of gas out of the halo in thecpss. Indeed,
when we computed the baryon fractions inside the dark miaéerfrom the feedback runs (NutSFB and
NutHFB), they are significantly higher than the empiricdireates by McGaugh et al. (2010). Therefore,
the stellar feedback should be more effective or anotheriefii source of feedback is required to solve
the peaked rotation cunand the high baryon fractions. The question remains, howevhagtus the
possible but physically sensible way of doing so withoubkiag artificial numerical treatment.

In Chapter 6, we studied stellar assembly and feedback fativeagalactic nuclei around the epoch
of peak star formationl(< z < 2), by comparing hydrodynamic simulations to rest-frabhig-optical

galaxy colours from the Wide Field Camera 3 (WFC3) Earlyddsk Science (ERS) Programme. Our
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Adaptive Mesh Refinement simulations included metal-ddpenradiative cooling, star formation, ki-
netic outflows due to supernova explosions, and feedback figpermassive black holes. Our model
assumes that when gas accretes onto black holes, a fraétibe energy is used to form either ther-
mal winds or sub-relativistic momentum-imparting collitee jets, depending on the accretion rate. We
found that the predicted rest-frame UV-optical colours @fgies in the model that includes AGN feed-
back is in broad agreement with the observed colours of th€BVERS sample at < z < 2. The
predicted number of massive galaxies also matches wellatitiervations in this redshift range. How-
ever, the massive galaxies are predicted to show highelslefeesidual star formation activity than
the observational estimates, suggesting the need foefustippression of star formation without signifi-
cantly altering the stellar mass function. A promising solumay be to achieve a faster stellar assembly
through enhanced star formation during galaxy mergersendtdr formation at the peak epoch is still

suppressed by the AGN feedback.

7.2 Future works

There are several interesting areas which can be furthestigated to understand the formation and
evolution of galaxies.

First, the impact of active galactic nuclei on the formatafrdisc galaxies should be investigated.
There have been many studies to comprehend the connectisedresuper massive black holes and star
formation in massive galaxies. However, no attempts has bele so far whether a relatively small
black hole can impact the star formation in Milky Way-sizedaxies. This is possibly because the Milky
Way black hole is much smaller than the supermassive blalgslsitting in clusters. Yet this does not
mean that the impact of AGN feedback is negligible. In facthie case of Milky way, the total energy
available from stellar feedback processes is comparatifetdrom the intermediate mass black hole if
the mass-to-energy conversion efficiency of 0.1 is assur@en that AGN feedback is more bursty
than stellar feedback processes, it cannot be simply cdedlthat stellar feedback processes would be
more efficient than AGN feedback in Milky Way-type galaxiésn advantage of AGN feedback from
a numerical point of view is that since a large amount of enégeleased in a short period of time,
spurious numerical radiative cooling may not be as imporarissue as for stellar feedback (e.g. Dalla
Vecchia & Schaye, 2012). This will be of great importancenderstanding the missing baryon problem
as well as the formation of a realistic disc galaxy.

The next step towards simulating more realistic galaxy imttude magnetic fields. Although we
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have ignored the impact of magnetic fields in themsimulations for simplicity, magnetic fields can pro-
vide an additional support against the gas cooling througgmatic pressure. For example, the magnetic
pressure for gas having the magnetic field strengthu@ s ~ 4 x 10~4 dyn cnm 2. This is comparable

to the thermal pressure of gas witly = 0.1 and7" = 10* K. Since the magnetic pressure scales as
B?, locally enhanced magnetic fields by supernova ejecta maydxe more effective at suppressing the
cooling towards the galaxy centre. This may be a more phjjs®ensible alternative to disabling atomic
cooling for a brief period of time in the dense interstellagdium (e.g. Stinson et al., 2006).

Finally, chemo-hydrodynamic simulations will shed liglt thhe stellar assembly history of elliptical
galaxies. As discussed in Section &/fe] abundance ratios convey important information abbet t
timescale of star formation. Yet none of the models basedherhierarchical formation scenario could
explain high p/Fe] ratios observed in massive elliptical galaxies (Tragfeal., 2000; Thomas et al.,
2005) with the standard Salpeter-type initial mass fumcf{ithomas, 1999; Pipino et al., 2009; Arrigoni
et al., 2010). Arrigoni et al. (2010) argued that in order lbvain the high ratios, the slope of the initial
mass function should be reduced so that more massive stangreducea elements. Unfortunately,
observational studies favour bottom-heavy initial masefions for elliptical galaxies (van Dokkum &
Conroy, 2010; Cappellari et al., 2012), implying that thgh[a/Fe] ratios is likely to be associated
with bursty star formation histories. Therefore, confiegtchemical abundances predicted from cos-
mological hydrodynamic simulations to the observatFg] ratios will be useful to constrain the stellar
assembly histories of elliptical galaxies. In particulgiken the lack of existing numerical studies, the
experiment will also provide insight into the chemical migion small scales. The chemical enrichment
in H, He, C, N, O, Mg, and Fe is already implemented based ®RBURSTI9, and we are currently

running the simulations.
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Appendix A
Appendix

A.1 Euler equations in the super comoving coordinate system

RAMSES uses the super comoving coordinate system to account fara$mological expansion. We
derive Equations 2.25-2.29 in this section (see also Dautnknebe, 2010).

The super comoving coordinate system is based on the foltpaliange of variables.

- dt
thEI(]—2
a
. r
r=—
alL
. a
P chmp

wherep. and (2, are the critical density of the Universe and the matter demmrameter at = 0,
respectively.

The time and spatial derivatives in the super comoving doatd system can be written as

1
vrf‘:_vff
t al i
of _ 1 of| _ 1 (0f|  oF
ot|. a?Hy afr_a2H0<atf+a£ vf‘f)
1 (of .
—a2H0<§f‘—,HI"Vf‘t~>>

whereH = da/dt/a.

Rewriting the velocity ¢), pressurey), and energys) in the super comoving coordinate system, we
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A.1. Euler equations in the super comoving coordinate ayste

have
__dr a _a
v = 7 HoL (u— Hr) H—OLV
_ Amv? a®
P=75 = .z’
P a’

whereu = dr/dt andv = dx/dt.

The gravitational potential in the super comoving coortiireystem can be written as

dv a? dv a2 d [au— ar a? du .
EZEE:E@< HoL > T HIL (aﬁ_“r>
— ?L (-%W— ade-)
:}%;[_%@¢+mw< @%Q)]

i )

= -V¢,

S

- %

| —|

and

HZL?
a2

6= "0 — Sad (A1)

A.1.1 Continuity Equation

The continuity equation means mass conservation and reads

% + V- (pu) =0. (A.2)

The first and second terms can be replaced with the super @gogtime derivative and the super co-

moving density as

dp|  Ho (0p I
ot|. ~ a? (af i Vp‘i)
Hy pCQ aP ~Pch da Pch~ ~
T [( a’ 8tr—3 a* dt —H e V'O‘E
o chmH() @ . ~ v
@ (87? : 3Hp — AT vP‘z)’
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A.1. Euler equations in the super comoving coordinate ayste

and

1 -~ O, _HoL
V'|:p63mp~ 0
a a

(Vv + ’Hf)}
= 2OV - (Y + HpE)

:7(@.ﬁv+m-?ﬁ+3%ﬁ>-

Here we have used the relation= HyL(v + Ht)/a and H = HyH /a?. Putting these into Equation

A.2, we have
o = ..
5 TV (V) (A.3)
A.1.2 Momentum Equation
The second Euler equation is
d
(8;;u) + V- (pu@u+pl) =—pVao. (A.4)

As has been done in the previous section, each part is tramsfoto the variables in the super comoving

coordinate system as follows. The first term in the above tamjuaan be written as

dp ou

d(pu) Ou

or |, "ot r+u§‘r:p§r_uv'(pu)
:pcgmﬁ<%—?f—%f-@u‘t>—uV-(pu)
—pccgmﬁ{%[%(V+Hf)]f—l€}—uv-(pu)
_ pccgmﬁ <_i°2La{z+ IﬁL% + Lt — K> —uV - (pu)

whereK = Ht - Vu. The second part of the equation can be split into three tasms

V-(pu®u+pl)=Vp+uV - (pu)+pu- Vu,
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where the last term in the above equation is

HoL . 1 -
u-Vu=p [ (Vv + ’Hr)-EVu]

P _ [ Hov -Vu  HoHF - Vu
PR a? + a?

Q
)

Rewriting the left hand side of Equation A.4, we find

O (HILOV  HL_
LHS (Eq. A.4) == <a°3 S VV—i—Lar)

+ ch H() v~
CL
and thus
QO HZL?- 1
—pV@:—pc3 —V( 0~ 4 — aaL2 2>
a
Q Q
= L2V + e ~SpaLk.
Putting these into Equation A.4, we obtain
_HZLOvV  _HZL_. - . H{L-_ _HZL - -
P53 E—i—p = v-Vv+ = Vp=—-p—3-Vo,
and
_Ov -~ .
pg +pv-Vv+Vp=—pVo (A.5)
We recover the same form as Equation A.4

A.1.3 Energy equation

Let us write the thermal part of the energy equation

§+u-V€:—BV-u (A.6)
ot p
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A.1. Euler equations in the super comoving coordinate ayste

Rewriting each component in the super comoving coordingtem, we have
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Putting these into Equation A.6, we obtain

_~+v-@5+(3y—5)%:—%vv (A7)

Here we have usefl= (y — 1)p¢.

Multiplying Equation A.5 tov and arranging the terms, we have

pv-—~+ﬁ\7-(\7-@\7)2—5‘7'@&—‘7‘@5
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% (%pw?) =-V. (m + PV + %,5172\7> - q% +pV ¥
=-V. <50&+ﬁ0 + %ﬁ@%) - &% — ﬁ% — v -VE— pEH(3y - 5)
=V (v) -6 - (325) - %) [V (79) — 9 - (39)] - A3y~ 5)
- -V. (,5@3 + v + %,6172\7 + ,550) — &% - 8(;;) — pEM(3y — 5)

Manipulating these terms finally yields

- - ~0h
% (~é+ %ﬁf)Q) = %(ﬁé) =-V- [ﬁw + (pé + p) v} - ¢a—§ — pEH(3y = 5)
=~V 67 + (58 + ) V] + 6V - (59) — pEH(3y — 5),
and thus
8% (p€) + V - [(p€ + p) V] = —p¥ - V) — peH (3 — 5) (A.8)

A.1.4 Poisson equation

To obtain the Poisson equation in the super comoving coatelisystem, we consider the acceleration

given by the Friedmann equation,

The dark energy should also be considered in the Poissoni@u&as

Vi = AnG(pm — pn)-

Using Equation A.1, this can be written as
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A.2. Bulge-to-Disc decomposition

and
2 ~ ~
4wGlpm — pa) = = V2h +47G (pm — pa)
-5~  AnGa* 3
2 — — N — N —
Thus,
% = Safn (5 1) (A.9)

A.2 Bulge-to-Disc decomposition

In Section 4, we provide the bulge-to-disc rati8 /(D) of the NutCOLR galaxy, which is obtained by
fitting the I-band surface brightness profile of the galaxy. Specificallyassume that the profile can be

approximated by the combination of an exponential profilg @asérsic profile with an index,, as

pu(r) = [pa + 1.086 (r/ra)] + {1 + 1.086 3y, [(r/my) /™ — 1]},

wherer, is the disc scale lengthyg is the central surface light intensity of the digg, is the central
surface light of the bulge, ang is the scale length of the bulgé,, is the shape-dependent parameter
that can be obtained by solviiy2n;) = 2v(2ns, 8,), wherel is the gamma function and is the
incomplete gamma function, and it can be approximateg},as 1.9992n, — 0.3271 (Capaccioli, 1989).

The total luminosity of the exponential disc or the bulge is

Laisc = 2w107#4/25 1

Liyuige = 2710 He/25 rg nsl'(2ns) /62"

n

(B/D) can be computed dS,y1gc/ Laisc. We present the bulge-to-disc decomposition for the NutBOL
galaxy atz = 0in Fig. A.1.
Also included in the right panel is the bulge-to-disc decosifion on stellar surface density. In this

case, the profile is assumed to be

Y(r) = X4 exp[—(r/rq)] + X exp[—(r/rb)l/”s]
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Figure A.1:Left: /-band bulge-to-disc decomposition of the NutCOLR galaxy at 0. The profile is
computed for the face-on configuration. A vertical dottee [denotes the disc scale-length)( Other
derived quantities, the bulge scale-length) (sérsic index#s), and the bulge-to-total ratid/T’), are
shown in the panel. No dust extinction is appli®ight: Bulge-to-disc decomposition on stellar surface
density.

with

2
MdiSC = 27'('26[ Td

Myige = 275, rg nsI'(2ng).

A.3 Mass accretion histories, and misalignment of the Nut gaxy

In the main body of the text, we show the time evolution of thecific angular momentum for the various
components of a Milky Way-like DM halo (Figure 4.4). In pailar, in Section 4.2, we argue that the
difference in angular momentum between the central gashengias in the outer region of the halo arises
because the mass of the central gas, which is composed ohlgwaat momentum gas accreted at earlier
times, is not negligible compared to the mass of accretirsy gjad therefore reflects the history of gas
accretion. To substantiate this claim, we include the maserably history of the various components
in Figure A.2. As can be seen, the amount of gas in the cemggdm (Myas — Mgas(r > 0.17y4;)) IS
comparable to the gas mass in the outer regian (0.17y;.) at all times. Thus, even if the newly accreted
gas carries a larger amount of specific angular momentunmexpects that there will be a non-negligible
time-delay for the entire central region to be spun to theeskwel. Note that by multiplying Figure A.2
with Figure 4.4, one can recover the total amount of angulamentum of each component.

Finally, bearing in mind its vector nature, we include thedievolution of the misalignment angle

161



A.3. Mass accretion histories, and misalignment of the Mildxy
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Figure A.2: Mass assembly histories of the various compisniarthe NutFB run (left) and the NutCO
run (right). Stars, dark matter, and gas in satellite gakuaire included in the measurement. Note that
the amount of gas mass in the central regidf,{; — Myas(r > 0.1ryi)) is comparable (a factor 2-3
lower) to the gas mass in the outer region at all times.

between the total angular momentum of various componerfggimme A.3. It can be seen that, at least
atz > 1, baryons and dark matter are less aligned in the coolingselid(and dotted blue curves) than
in the adiabatic case (red solid line). Perhaps more imptlyfahe misalignment between the stellar
angular momentum and the freshly accreted gas-(0.1ry;;, dashed blue line) turns out to be even
larger than these, implying that most of the gas angular ntune has to be redistributed in the vicinity

of the galactic disc.
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Figure A.3: Misalignment angle between angular momentuatove of various components (DM: dark
matter, Gas: gas; Bar: baryons; ST: star) from the the atitaha (AD) and the cooling run (CO). Note
that the misalignment between stars<( 0.1r;,) and outer gasr(> 0.1ry;,) in the cooling run is more
significant than that between gas and dark matter in the atiliatun.
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