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ABSTRACT

Asteroseismology enabled measuring the rotation rate in the deep stellar interiors of stars across several evolutionary
phases, advancing the theory of angular momentum transport in single stars from the main sequence to the white dwarf
phase. However, binary stellar evolution products have not yet been studied in the context of angular momentum transport
constrained by asteroseismology. Hot subdwarf B (sdB) stars can pulsate in non-radial modes, enabling probing of their
internal rotation. Those in binary systems form through mass transfer, thus they can be used to probe theories of internal
rotation in post-mass-transfer stars. Here, we interpret observed asteroseismic core and envelope rotation rates of sdB stars
in unsynchronized binary systems that formed through the common-envelope channel, using stellar evolution models of
rotating sdB stars with internal magnetic fields. We find that when sdB stars form with the angular momentum content of
red giant cores prior to common-envelope ejection, their predicted core rotation rates are 2-10 times lower than measured
asteroseismic rotation rates, and their envelope rotation rates are lower by 2-5 orders of magnitude. This suggests that
the angular momentum content of sdB stars increases during their formation. Since sdB stars in close binary systems may
host circumstellar matter from a past common-envelope ejection, we show that if they accrete a small amount of matter,
the combination of internal magnetic fields with angular momentum transfer through accretion spins up both the core
and envelope to match their measured asteroseismic rotation rates.

Key words: asteroseismology - methods: numerical - binaries: close - stars: evolution — stars: rotation — subdwarfs.

1 INTRODUCTION

Asteroseismology is the discipline that probes the interior of stars
through their oscillations. It has enabled measurements of inter-
nal rotation across multiple evolutionary phases, from the main
sequence to the white dwarf stage. This can be done through
various methods, such as identifying rotational splittings of non-
radial gravity and pressure modes (g and p modes, respectively),
the influence of rotation on the period spacing of g modes, among
others (e.g. C. Aerts, S. Mathis & T. M. Rogers 2019; C. Aerts 2021;
C. Aerts et al. 2025). Notably, in low- and intermediate-mass stars,
the rotation rate of the stellar cores was measured in thousands
of stars such as main-sequence stars (R. M. Ouazzani et al. 2019;
G. Li et al. 2020; M. G. Pedersen 2022; C. Aerts et al. 2025), sub-
giants (S. Deheuvels et al. 2014, 2020), hydrogen-shell-burning
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red giants (B. Mosser et al. 2012; C. Gehan et al. 2018; G. Li, S.
Deheuvels & J. Ballot 2024; S. Dhanpal et al. 2025), core-helium-
burning red giants (B. Mosser et al. 2012, 2024), and white dwarfs
(e.g. A. H. Corsico et al. 2011; S. D. Kawaler 2015; J. J. Hermes
et al. 2017; A. D. Romero et al. 2022, 2025; L. M. Calcaferro et al.
2023; G. Oliveira da Rosa et al. 2024). All these measurements
consistently showed that the transport of angular momentum
(AM) in stellar interiors has to be highly efficient. This is contrary
to the results obtained with standard theories of AM transport
based on hydrodynamical processes (P. Eggenberger, J. Montal-
ban & A. Miglio 2012; J. P. Marques et al. 2013), as well as those
obtained with different theories of internal magnetism or wave-
induced transport (J. Fuller et al. 2014; M. Cantiello et al. 2014;
K. Takahashi & N. Langer 2021; F. D. Moyano et al. 2023a; B.
Bordadégua et al. 2025).

A mechanism efficient enough to partially address this issue
is the generation of internal magnetic fields driven by a dynamo
operating in radiative regions aided by the Tayler instability on
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azimuthal magnetic fields (R. J. Tayler 1973), proposed originally
by H. C. Spruit (2002) and revised by J. Fuller, A. L. Piro &
A. S. Jermyn (2019, TSF dynamo hereafter). In particular, this
process can explain relatively well the core rotation rates of low-
mass stars through their evolution on the lower red giant branch
(RGB) to their core-helium-burning phase (J. Fuller et al. 2019; P.
Eggenberger, F. D. Moyano & J. W. den Hartogh 2022). However,
low-mass stars evolving through the red giant phase can follow
a different evolutionary path if they are in binary systems tight
enough to allow for mass transfer to a companion. If they begin
transferring mass to a companion during the RGB they can lose
most of their hydrogen-rich envelope mass, and if their cores are
massive enough to ignite helium they can settle into the core-
helium-burning phase as a hot horizontal branch star. Stars in
this phase are known as hot subdwarf B (sdB) stars (U. Heber
2016, 2026); sdB stars in binary systems can form through stable
mass transfer or unstable mass transfer leading to a common
envelope ejection event (Z. Han et al. 2002, 2003).

sdB stars are hot and compact, with effective temperatures
in the range 20000K < Ter < 40000 K, surface gravities of 5 <
logg < 6.2, and radii of R >~ 0.1-0.3 R, (U. Heber 2016, 2026). A
fraction of these sdB stars can pulsate in radial and non-radial
modes through a « mechanism produced by an iron opacity bump
due to the combined action of radiative levitation and gravita-
tional settling (S. Charpinet et al. 1996, 1997, 2000, 2002a, b;
S. Charpinet, G. Fontaine & P. Brassard 2001). Both g and p
modes can be observed in pulsating sdB stars (e.g. S. Charpinet
et al. 2008; R. H. Ostensen et al. 2010; D. L. Holdsworth et al.
2017; M. Uzundag et al. 2024), which can be used to measure their
core and envelope rotation rates if they are split by rotation as
witnessed in several of them (e.g. S. Charpinet et al. 2018; M. D.
Reed et al. 2021; R. Silvotti et al. 2022; M. D. Reed et al. 2025,
and references in Table C1). sdB stars are thought to uniquely
form through binary interactions, thus they represent a useful
probe of internal rotation and AM transport theory in post mass-
transfer stars. Pulsating helium-core white dwarfs showing rota-
tional splittings (e.g. possibly TIC21187072, A. D. Romero et al.
2022, 2025) or post-common envelope white dwarfs (J. J. Hermes
et al. 2015) are also useful probes of internal rotation in post-
mass-transfer stars, but their scarcity and additional uncertain-
ties in their evolutionary histories render them less reliable for
internal AM transport studies.

Moreover, space missions such as Kepler (W. J. Borucki et al.
2010) and TESS (G. R. Ricker et al. 2015) have revolutionized the
study of pulsating sdB stars. Before these space missions, reli-
able mode identifications were rare, whereas their uninterrupted,
high-precision photometry made such identifications routine
(e.g. M. D. Reed et al. 2011; A. S. Baran et al. 2012). Reliable
mode identifications in asteroseismology are crucial to accurately
probe the internal structure of stars, including their rotation.
This enables linking observed periodicities to pulsation modes
described by quantized spherical harmonics - characterized by
the modal degree ¢, radial order n, and azimuthal order m. Mode
identification typically relies on frequency multiplets caused by
rotation (i.e. rotational splittings v, ), Or on asymptotic g-mode
period sequences, where high-order g modes of the same spher-
ical degree exhibit nearly uniform period spacings (e.g. M. D.
Reed et al. 2018; M. Uzundag et al. 2021). Furthermore, rotational
splittings enable measuring the rotation in both the sdB stars’
deep helium-rich radiative regions and in their thin hydrogen-
rich envelopes, through their g and p modes, respectively. This
is because, to first order and slow uniform rotation, the rota-
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tional splittings are related to the rotation period via the rela-
tion Svuem = (1 — Cpe)/Pot Where Py is the mean rotation pe-
riod in the regions probed by the modes and Cy; is the Ledoux
constant. For high radial-order p modes, the Ledoux constant
tends to zero, while for g modes it tends to Cp, >~ [£(£ + 1)] 72,
thus providing a simple way to measure the rotational velocities
in stellar interiors (e.g. S. Charpinet et al. 2018; C. Aerts et al.
2019). These methods, combined with the large amount of data
provided by space missions enabled detailed characterizations of
sdB stars and measurements of rotation in their interiors.

However, asteroseismic rotation rates of sdB stars were not
tested against stellar evolution models in the context of internal
AM transport. Only those in tight binary systems were studied in
the context of tidal interactions, for which it was found that sdB
stars in binary systems with orbital periods below roughly one day
are spun-up by tidal forces (L. Ma & J. Fuller 2024). Furthermore,
previous models of rotating sdB stars (A. Sills & M. H. Pinson-
neault 2000; S. D. Kawaler & S. R. Hostler 2005) did not benefit
from the recent advances in the theories of stellar rotation nor the
large amount of asteroseismic rotation rates measured to date.

In our work, we computed stellar evolution models of rotating
sdB stars that are not affected by tidal synchronization (i.e. they
are not spun-up by tides), taking into account the constraints pro-
vided by asteroseismic rotation rates in the evolutionary phases
previous to the tip of the RGB to compute accurate rotating RGB
models of the progenitors of sdB stars. Specifically, we model sdB
stars in binary systems that may have formed through a common-
envelope ejection event near the tip of the RGB (Z. Han et al. 2002,
2003), for which we computed models calibrated to surface and
asteroseismic rotation rates from the main sequence to the RGB.
We then use these models to construct sdB models with rotation
and compare them to their asteroseismic rotation rates, which we
outline in the following sections.

2 INPUT PHYSICS OF STELLAR MODELS

2.1 Main sequence to red giants

We computed stellar evolution models using the open-source
software Modules for Experiments in Stellar Astrophysics (MESA
; B. Paxton et al. 2011, 2013, 2015, 2018; A. S. Jermyn et al.
2023) version r24.08.1, for which we only mention the most
relevant input parameters in our simulations, and we refer the
reader to the input files for details.! All of our models are
computed from the zero-age main sequence (ZAMS) assum-
ing initial rigid rotation, initial masses in the range M = 0.8 —
2.2 Mg with an step of 0.1 My, and an initial metallicity of Z =
0.02. We choose initial rotation periods P, = 0.3, 1, 5, 10, and 50
d for stars in the mass range M = 0.8 —1.3My and P =
0.39, 0.58, 1.16, and 2.31 d for stars in the mass range M = 1.4 —
2.2 M. The latter rotation periods correspond to rotation rates of
Q/2m = 5,10, 20, and 30 pHz, with Q the angular velocity. The
rotation periods for the lower mass range (M = 0.8 — 1.3 M) are
chosen based on the range of values measured in low-mass stars
that develop convective envelopes during the main sequence, and
whose rotation periods can be measured by photometric modula-
tion of their light curves due to surface spots (e.g. A. R. G. Santos

LAll of the models computed and presented in this work, along with the
files necessary to recompute them are publicly available at https://zenodo.
org/records/17332652.
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et al. 2021). Meanwhile, the rotation periods for the higher mass
range (M = 1.4 — 2.2 M) are chosen based on the range of near-
core rotation rates of main-sequence g-mode pulsators (e.g. R. M.
QOuazzani et al. 2019; G. Li et al. 2020; M. G. Pedersen 2022; C.
Aerts et al. 2025), which are often found to rotate nearly rigidly
across the main sequence (T. Van Reeth et al. 2018; G. Li et al.
2020; H. Saio et al. 2021; F. D. Moyano et al. 2023b; F. D. Moyano,
P. Eggenberger & S. J. A. J. Salmon 2024), providing thus a good
estimate of their surface rotation periods at the ZAMS. The whole
range of initial rotation periods corresponds to surface rotational
velocities in the range Vi zams >~ 1 — 250 km s~!, depending on
the initial mass of the star.?

We include convective overshooting following the exponen-
tially decaying parametrisation of the diffusion coefficient (B.
Freytag, H. G. Ludwig & M. Steffen 1996; F. Herwig et al. 1997),
for which we choose an overshooting strength ( f,y, the associated
free parameter) increasing with stellar mass in the form (e.g. B.
Paxton et al. 2011)

_ fov.O _ M _Mmin
Joe(M) = 5 [1 cos (zr Mimax — Mmin):| , (1)

where we choose foy0 = 0.016, My, = 1.1 Mg, and Muyax =
2.1 Mg. This parametric form enables a gradual increase of the
overshooting parameter in the mass range of models that we
present in this work, and is favoured by previous works on de-
tailed modelling of eclipsing binary stars (A. Claret & G. Torres
2016, 2017, 2018, 2019). We limit the extent of the overshooting
regions to those where the diffusion coefficient is above Dy, =
10719 cm? 71

We include internal AM transport via the Eddington-Sweet
circulation and the secular shear instability as hydrodynamical
processes (e.g. A. Heger, N. Langer & S. E. Woosley 2000), and
we include internal magnetic fields via the TSF dynamo (J. Fuller
et al. 2019). In the framework of the TSF dynamo, the azimuthal
magnetic fields are amplified through radial differential rotation
until they become unstable to the Tayler instability, which desta-
bilizes the azimuthal fields and allows for the amplification of
radial magnetic fields (H. C. Spruit 2002; J. Fuller et al. 2019;
P. Eggenberger et al. 2022). To trigger the Tayler instability and
saturate according to the TSF dynamo, a minimum value of the
azimuthal magnetic field is needed, which is related to the local
shear (g = dlog 2/d logr), and whose minimum value is given

by
N 5/2 3/4
— o3 2t o
“ (Q) <r29> ’ @

min

dlog
dlogr

qmin = '

where « is a free parameter of order unity, € is the angular
velocity, n is the magnetic diffusivity, r is the radial coordinate,
Nesr = (n/K)Nf + N, is the effective Brunt-Viisild frequency as
enabled by thermal diffusivity (K), and N7 and N, are the ther-
mal and chemical composition components of the Brunt-Viisild
frequency, respectively. The associated viscosity which sets the
efficiency of AM transport by the TSF dynamo is given by (J.
Fuller et al. 2019)

Q\?
=o’rQ(—| . 3
Vmag = Net 3

2The initial surface rot%ltional velocities can be estimated as
Viot[kms™1] = 50.6 (%) (%).
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The magnetic viscosity (vmag) enters as an additional diffusion
coefficient into the equation of AM transport, given by (B. Paxton
et al. 2013)

aQ 1/ 9 Q
(W)m = I (87m)t |:(47Tr210)2i(Dhydro + Vmag) (371’)’1)[]
5(3),(32),
r \at /), \dlogr
where i is the specific moment of inertia of a shell at mass coor-
dinate m, and Dyyqy, is the diffusion coefficient associated to the
hydrodynamical processes included in our models, namely the
Eddington-Sweet circulation and the secular shear instability;
the rest of the variables have their usual meaning. The net effect
of introducing v, in equation (4) is to decrease the gradients of
angular velocity in radiative regions, leading to rigid rotation if
the AM transport efficiency is high enough since the first term
of this equation accounts for diffusion of AM, while the second
one accounts for contraction or expansion. Equations (2) and (3)
determine the efficiency of AM transport by internal magnetic
fields and depend sensitively on the value of o, which we calibrate
to o = 1.5 by requiring that a 1.3 My model reaches a mean core
rotation rate of Q2/27 ~ 650 nHz during the lower part of the
RGB, which correspond to the mean mass and core rotation rates
in the largest sample of RGB stars analysed to date (G. Li et al.
2024).

Although our work is not focused on reproducing any signa-
ture of chemical composition in sdB stars, chemical mixing in-
duced by rotation in main-sequence stars could affect the mass
and size of their convective cores, as well as their chemical strat-
ification which in turn could change the AM budget of the red
giants’ cores which are used to construct the sdB models. There-
fore, to account for rotational mixing we employ the Eddington-
Sweet circulation, and the secular shear instability (e.g. A. Heger
et al. 2000) as in the case of AM transport. Currently these pre-
scriptions allow for a free parameter to vary the efficiency of
transport of chemical elements with respect to AM, denoted by
f¢ = Dchem/Dgq With Depern and Dg, the diffusion coefficients for
the transport of chemical elements and AM, respectively. We set
this parameter to f, = 0.017 since it was shown to provide a good
fit to the surface boron depletion in B-type stars (H. Jin et al.
2024) and is therefore a calibrated value of the rotational mix-
ing efficiency. Another free parameter regarding the rotational
mixing is the parameter f, which is a multiplicative factor that
changes the chemical composition gradient in the computation
of the diffusion coefficients of transport of chemical elements.
We choose f,, = 0.1 for this parameter following the work of H.
Jin et al. (2024) as well.

Magnetic braking due to magnetized winds during the main se-
quence can change the AM content of the stars and thus affect the
rotation rate of our red giants’ models, which are then needed to
construct the sdB models. Therefore, we include surface magnetic
braking for stars with masses low enough to develop convective
envelopes during the main sequence (M < 1.3M, in our mod-
els); although subgiants with masses just above the Kraft break
mass (=~ 1.3M;) can potentially experience magnetic braking
(J. L. van Saders & M. H. Pinsonneault 2013) we do not explore
its effect in this work. We specifically include the torque produced
by the magnetized winds following the prescription of S. P. Matt
et al. (2015) as

ds . \' [/ @\
— =_T = 5
de O(TC.O> <QO) ’ ( )
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in the unsaturated regime where the Rossby number is subcriti-
cal, and

ds Q
— —ThyP 6
dt ox (Q@>’ ©

in the saturated regime where the Rossby number is critical (S. P.
Matt et al. 2015). In both cases J is the AM, t. is the convective
turnover time-scale, while Tj is given by

RN\ /7 M \%°
To=K <R7) (Mi) V_zm, @)
© o]

where y = /1 + (1/0.072)?> with u = Vo /Viot.crit the ratio of sur-
face rotational velocity to its critical value and the rest of the
variables have their usual meaning. This formulation has four
free parameters: K, m, p, x, which can change the efficiency of
the magnetic torques and thus the resulting rotation rates. To
calibrate these parameters we follow the work of S. Gossage et al.
(2021) and S. Gossage, V. Kalogera & M. Sun (2023), who cali-
brated them to reproduce the surface rotation period of stars in
open clusters at different ages. We chose, m = 0.22, p = 2.6, x =
14 (similarly to S. Gossage et al. 2023), and K = 3 x 10% which is
different from the value calibrated by S. Gossage et al. (2023). This
isdue to the different input physics of our models and theirs, none
the less we note that our re-calibrated value of K leads to a good
enough agreement between our models and the surface rotation
periods of open clusters as done by S. Gossage et al. (2023). With
this approach, we can give a relatively accurate estimate of the
rotation rate of the red giants by the time they reach the RGB tip
since no significant AM loss due to magnetic braking is expected
after the end of the main sequence, although AM loss due to
mass-loss can still be significant in upper RGB stars and thus
leads to an additional uncertainty. These in turn can lead to a
moderately accurate estimate of the rotation rates expected in sdB
stars.

These rotational constraints enable us calibrating the internal
distribution and global content of AM in red giants’ models,
which we then used to construct sdB models. Nevertheless, we
emphasize that currently asteroseismology cannot probe the ro-
tation rate of the core in RGB tip stars, because in upper RGB
stars gravity-dominated mixed modes have small amplitudes and
thus the core properties cannot be measured (e.g. M. Grosjean et
al. 2014). All asteroseismic measurements of both core and en-
velope rotation rates of post-main-sequence stars from the main
sequence to the RGB tip are currently only possible for stars up
until the RGB bump (e.g. B. Mosser et al. 2012; C. Gehan et al.
2018; S. Deheuvels et al. 2020; G. Li et al. 2024; S. Dhanpal et al.
2025). Therefore, in this work we assume that no significant AM
is lost and that there are no significant changes in the redistri-
bution of the internal AM after the RGB bump. Although com-
parisons of models with measurements of core rotation rates in
low-mass single core-helium-burning stars suggest that the TSF
dynamo gives a relatively accurate core rotation rate near the
RGB tip (e.g. J. Fuller et al. 2019; P. Eggenberger et al. 2022).
This is because the core rotation rates of low-mass core-helium-
burning stars (i.e. those that experience a helium flash at the RGB
tip) depend directly on the core rotation at the RGB tip since
during the helium flash, the time-scales are short enough such
that local conservation of AM dictates the evolution of the core
rotation rates and thus its initial rate during the core-helium-
burning phase.
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2.2 Input physics: hot subdwarf B models

To construct our rotating sdB models, we use our models pre-
sented in Section 2.1 at the RGB tip as a starting point, where we
define the RGB tip as the time the models begin burning helium
with an energy generation rate of ep,c = 10 erg(g s)~'. We then
use an arbitrarily high mass-loss rate (M >~ 107% — 1073 Mg yr!)
to remove most of the hydrogen-rich envelope before the central
helium abundance changes due to core-helium burning. In our
RGB tip models that start burning helium in degenerate condi-
tions (Mzams < 1.8 M), this is achieved by simply using high-
enough mass-loss rates such that most of the envelope is removed
before the helium flash occurs. Whereas for our RGB tip models
that can ignite helium in partial- or non-degenerate conditions
(Mzams > 1.8 M), we artificially stop the change in chemical
composition due to nuclear reactions to prevent any change in
the central abundance of helium by the time the RGB model
contracts towards the sdB regime. This way we are essentially
simulating a common-envelope ejection event at the tip of the
RGB, as is expected for most sdB stars in short-period binary
systems (Z. Han et al. 2002, 2003). We then switch-off the mass-
loss rate once the hydrogen-rich envelope mass reaches values of
Men/Mg =5 x 107°,1074, 5 x 1074,1073, and 5 x 1073, where
we define the hydrogen-rich envelope mass M,y as the total mass
of hydrogen in the whole interior. This definition is valid for our
sdB models since the hydrogen is uniquely present in their outer
regions (see Fig. 2), thus forming a hydrogen-rich envelope. We
do not include any mass loss by winds nor any other process
during the sdB phase, which leads to an almost constant Mepy
in sdB models with progenitor masses Mzams < 1.9 Mg. Above
this mass, sdB models can burn some hydrogen and thus decrease
their Mepy.

During the envelope removal process, our rotating models not
only lose mass but also AM. To treat the AM loss due to mass
loss, we remove the AM contained only in the mass lost in each
time-step. The AM loss (AJ) at each time-step is then given

by

M
ar= |
M—AM

where m is the mass coordinate, j(m) is the specific AM con-
tained in each layer, and AM is the mass lost in each time-
step.

Additionally, in our sdB models, we include overshooting from
the boundary of the helium-burning convective core following
the exponential scheme (B. Freytag et al. 1996; F. Herwig et al.
1997) and adopting fo,, = 0.04 for all of them. Although, this
overshoot strength is larger than that of our main-sequence
models, we choose this value because it reproduces the mean
period spacing of dipole g modes in our observational sample
of sdB stars (see Section 4.1). Nevertheless, its effect on the
mean core rotation rates of the sdB models is negligible. Rota-
tional mixing and AM transport by hydrodynamical processes
and internal magnetic fields are treated in the same way as for
our models computed from the ZAMS to the red giant phase
(Section 2.1).

The resulting sdB models have surface gravities in the
range logg >~ 4.8 — 6.1, total masses in the range Mg =~ 0.35 —
0.48 M, and surface rotation periods in the range P,o; ~ 10 — 108
d, which we present in the next section.

Jj(m)dm ®)
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Figure 1. Mean core rotation rate (or equivalently period on the right
axis) as a function of surface gravity. The data points are asteroseismic
measurements of mean core rotation rates taken from the literature (S.
Deheuvels et al. 2014, 2020; G. Li et al. 2020, 2024; C. Aerts et al. 2025, and
references in Tables C1 and C2) of stars in different phases as indicated
in the legend. The line is a stellar evolution model computed from the
ZAMS (log g ~ 4.3) to the sdB phase. We indicate the location of the RGB
tip where we remove the hydrogen-rich envelope to construct our sdB
models, then the thinner part of the line shows the evolution during
the envelope removal, and the sdB phase is shown with thicker lines as
indicated in the figure. The initial mass of this model is 1.5 Mg and hasan
initial rotation rate of Q/27 = 20 uHz, equivalent to an initial rotational
velocity of Vior zams = 135 kms™! at the ZAMS.

3 STELLAR EVOLUTION MODELS AND
ASTEROSEISMIC INDICATORS

In this section, we show only a representative model of the evo-
lution from the ZAMS to the sdB phase, to qualitatively explain
their behaviour (Fig. 1). This representative model has an initial
mass of Mzaus = 1.5Mg, an initial velocity of Viezams = 135
kms™!, and metallicity Z = 0.02. At the tip of the RGB, we re-
move the envelope as described in Section 2.2 to construct the
rotating sdB models, which we show for a few representative
models only until the central helium mass fraction decreases
to Y = 107° (Section 4). After this point our sdB models would
evolve towards the white dwarf phase producing CO white dwarfs
of M < 0.5 Mg, however we limit this work to the sdB phase only.
The whole grid of models is publicly available for the reader to
inspect at Zenodo.?

3.1 Evolution from the ZAMS to the RGB tip

In Fig. 1, we show the evolution of the mean core rotation rate
(Qcore/2m) as a function of the surface gravity of a representative
model of our grid. The data points are measurements of aster-
oseismic core rotation rates of main-sequence Gamma Doradus
stars (G. Li et al. 2020; C. Aerts et al. 2025), subgiants (S. De-
heuvels et al. 2014, 2020), RGB stars (G. Li et al. 2024), and sdB
stars (see Tables C1 and C2). We compute Q¢ in our models as
an average value of the rotation rate in the g-mode cavity over the

3https://zenodo.org/records/17332652.
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Figure 2. Propagation diagram (top) and chemical composition profile
(bottom) of an sdB model at the middle of the core-helium-burning phase
(Y = 0.5). The propagation diagram shows the Brunt-Viisild and Lamb
(for ¢ = 1) frequencies, along with the typical g- and p-mode frequencies
that we adopted in this work, vg (dashed) and v}, (dash-dotted), respec-
tively. The chemical composition profile at the bottom shows the mass
fraction of hydrogen, helium, carbon, and oxygen, as indicated in the
legend. In both panels, the grey shaded regions are convective and the
rotation profile is also shown, with its values on the right-hand-side axis.

time the g modes spend in the cavity in a local asymptotic analysis
as (M. J. Goupil et al. 2013)

= g d
Qcore _ 1 g12 QNTr

2 27 [N
81 r

: ©)

where N is the Brunt-Viisild frequency, and g; andg, are the
radial coordinates of the boundaries of the g-mode cavity. We take
the g-mode cavity as the regions where v; < N, S;, where v, is
the pulsation frequency and S, is the Lamb frequency of dipole
modes. In our models until the RGB tip we choose vy = viax,
that is, the maximum oscillation frequency as given by scaling
relations (H. Kjeldsen & T. R. Bedding 2011).

The evolution of the model in Fig. 1 begins at the ZAMS
(logg >~ 4.3) and proceeds as a single star until it reaches the RGB
tip (logg ~ 0.25). During this whole phase, the evolution of the
core rotation rate is dominated by the AM transport driven by the
internal magnetic fields generated by the TSF dynamo.

During the main-sequence phase, the star rotates rigidly. How-
ever, during the subgiant phase, the core begins to decouple from
the envelope as it contracts. Despite the rapid core contraction,
the AM transport enforced by the TSF dynamo is efficient enough
to extract AM from the core and deposit it into the expanding
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envelope, thereby slowing the core down. Therefore, Qcore/27
decreases by roughly 1 dex at the end of the main sequence,
located at log g =~ 3.75 where the loop characteristic of stars with
convective cores in Hertzsprung-Russell (HR) diagrams is usually
seen. After the core spins down, the star expands towards lower
surface gravities while its core contracts. At this stage (logg >~
3.5), the core can spin-up slightly because the barrier of chem-
ical composition around the hydrogen-burning shell decreases
the efficiency of the TSF dynamo, enabling the helium core to
partially retain its AM. This evolutionary scenario is similar for
stars at different initial velocities in the mass range that we study
in this work, namely M = 0.8 — 2.2M, (J. Fuller et al. 2019; P.
Eggenberger et al. 2022). Once the models reach the RGB tip
we stop the computation and proceed to remove the envelope as
explained in Section 2.2.

3.2 Evolution towards the sdB phase

Shortly after the envelope removal begins, the model presented
in Fig. 1 experiences a helium flash enabling the helium core
to expand as it gradually becomes non-degenerate. Henceforth,
Qcore/2m decreases by roughly 0.7 dex at logg ~ 0.25. After the
helium flash the envelope contracts making the star evolve to-
wards higher surface gravities, eventually experiencing some sub-
flashes at logg ~ 4.5 — 5.5 before the core starts burning helium
in non-degenerate conditions which in turn defines the begin-
ning of the sdB phase. These and previous different evolutionary
phases occur on different time-scales, which we illustrate in Fig.
C1 for further clarity. However, we emphasize that the evolution
towards the sdB phase that we compute with hydrostatic models
is likely not realistic and it is just a numerical way to construct
the sdB models. Other evolutionary sequences can be obtained
depending on the effective temperature and helium-core mass at
which the helium flash occurs (T. Lanz et al. 2004; M. M. Miller
Bertolami et al. 2008; E. Arancibia-Rojas et al. 2024). None the
less, the rotational evolution of the core is likely robust against
any changes in the behaviour of the envelope, such as its effective
temperature or size.

3.3 Mean core rotation rate of sdB models

We compute Qcore/27 in our sdB models in a similar way as for
the models evolving from the ZAMS to the RGB tip (i.e. using
equation 9), but we determine the extent of the g-mode cavity
by choosing a typical g-mode pulsation frequency in sdB stars of
vg = 3 x 107* Hz (e.g. S. Charpinet et al. 2018). In Fig. 2, we show
a propagation diagram of one of our sdB models in the middle
of the core-helium-burning phase (Y = 0.5) which illustrates the
location and extension of its pulsation cavities. The leftmost peak
in Brunt-Viisdld frequency is due to the gradient of chemical
composition in the transition region from the carbon-oxygen rich
core to the helium-rich radiative interior (CO-He transition here-
after), while the second peak from left to right is due to the tran-
sition from the helium-rich radiative interior to the hydrogen-
rich envelope (He-H transition hereafter). The CO-He and He-H
transitions are illustrated in the bottom panel of Fig. 2 where the
chemical composition of hydrogen, helium, carbon, and oxygen
of the same model are shown. In both figures, the chemically
homogeneous regions extend farther away from the boundary of
the convective core (shown as grey shaded regions) because the
models include convective-core overshooting and we assume that
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Figure 3. Weight functions used to compute the mean envelope and core
rotation rates by using equations (9) and (10). The thick part of the lines
show the g- and p-mode cavities of the same model shown in Fig. 2.
The locations of the CO-He and He-H transitions are indicated by the
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and outer p-mode cavities are highlighted with squared symbols, as well
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Figure 4. Rotation rate as a function of the radial coordinate of a repre-
sentative sdB model shown at different ages as given by its central helium
mass fraction (Y). The inset shows a zoomed view into the inner regions
below the hydrogen-rich envelope.

the overshoot regions remain non-adiabatic; this explains why
the peak of Brunt-Viisild frequency due to the CO-He transition
is displaced from the boundary of the convective core. Near the
surface of the model, a sharp decrease and a third peak of Brunt-
Viisild frequency appear because of a thin convective zone that
arises in the He 11/He I1I partial ionisation zone (e.g. S. Charpinet
et al. 2000).

In our framework, the g-mode cavity can also extend to the
hydrogen-rich envelope, and therefore the value of Qcoe/27 can
be affected by the angular velocity in the hydrogen-rich envelope.
However, we show in Fig. 3 that the weight function used in
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Figure 6. Period spacing of ¢ =1 gravity modes as a function of the
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luminosity. The data points are measurements taken from the literature
(see Tables C1 and C2), while the lines show four of our sdB evolutionary
tracks where their progenitor mass at the ZAMS (Mzams) and mass dur-
ing the sdB phase (Mgqp) are indicated in the figure. The evolution begins
at the leftmost point of each track, and is only shown when the period
spacing is above 150 s. The thick part of the tracks highlight the region
where the central helium mass fractionisin therange 0.9 > Y > 0.1.The
steep decrease in period spacing seen in the models towards the end of
the core-helium-burning phase (e.g. AIl; =~ 200sin the Mzams = 2.2 Mg
model) is due to a breathing pulse. The models have a hydrogen-rich
envelope mass of Mepy = 5 x 1074 Mg, and an initial rotation period of
Prot = 10 d for the Mzams = 0.8 Mg model, and an initial rotation rate of
Q /27 = 20 uHz (or equivalently P, = 0.58 d) for the rest of the models.
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Figure 7. Asteroseismic mean core- and envelope-rotation rates (or
equivalently rotation periods on the right-hand side axis) of sdB stars as
a function of their surface gravity. The rotation rates were taken from
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types show whether the stars are in binary systems and whether they
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tidal synchronization; L. Ma & J. Fuller 2024). The colours show either
the mean core rotation rates or the mean envelope rotation rates as indi-
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Figure 8. Mean core rotation rate as a function of surface gravity. The data points are measurements of mean core rotation rates as given by the splitting
of g modes, taken from the literature (see Tables C1 and C2). Both single (crosses) and binary (circles) sdB stars in unsynchronized short orbital period
systems (Porp, = 1 d) are shown. The lines are stellar evolution models of sdB stars shown only during the core-helium-burning phase, where the thick
lines highlight the parts where their central helium mass fraction is in the range 0.9 > Y > 0.1. The evolutionary sense is indicated by grey arrows.
From left to right, the three panels show the effect of the progenitor’s mass at the ZAMS (Mzawms), the effect of the envelope mass of the sdB (Meny), and
the effect of the progenitor’s initial rotational velocity at the ZAMS (Vo zams)- Unless otherwise indicated in the panels, the progenitor’s models has an
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0.4164 M.

equation (9) to compute Qe has the largest values in the CO-
He transition, which corresponds to the peak seen at r/Rg =~
0.03. Above this region, the contribution to the Qcor/27 mainly
comes from the helium-rich radiative interior with an additional
localized contribution at the He-H transition (at r/Ry =~ 0.08). In
the hydrogen-rich envelope, the weight function N/r drops below
=~ 0.05, and since in these regions the angular velocity decreases
by at least 4 orders of magnitude (see Fig. 2), its contribution
to the value of Q. is negligible. Moreover, in our models the
change in rotation rate from the helium-rich radiative regions to
the convective core is relatively small (< 1 per cent difference),
therefore the core rotation rate computed with equation (9) is a
robust estimate of the mean rotation rate in the core of a sdB as
sensed by g modes.

3.4 Mean envelope rotation rate of sdB models

Rotational splittings of p modes in sdB stars can also be used
to measure the mean rotation rate in the p-mode cavity, where
they propagate. Since in sdB stars p modes have larger amplitudes
in the hydrogen-rich envelope (S. Charpinet et al. 2000) with
little to no contamination from the helium-rich radiative regions,
they can be considered to probe the envelope rotation rate of sdB
stars. Thus, they serve as an additional source of information on
the AM evolution of post-mass-transfer stars in binary sdB stars,
which we present in Section 4.3. To compare these measurements
to our rotating sdB models, we first compute the mean envelope
rotation rates (Qpy /27) of our models as (M. J. Goupil et al. 2013)

— D d

Qeny _ 1 plst?: 10

w2 [EE 10
P1 Cs
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where p; and p, are the radial coordinates of the boundaries of
the p-mode cavity, defined as the regions where v, > N, S;. To
define the boundaries of the p-mode cavity we chose v, = 7 x
103 Hz which is a typical pulsation frequency of p modes as
observed in sdB stars (e.g. S. Charpinet et al. 2008). This approach
is similar to the one we followed to compute Q. in our models
by using equation (9).

In Fig. 2, we show the p-mode frequency that we chose com-
pared to the Lamb (for £ = 1) and Brunt-Viisild frequencies in
one of our sdB models. In our models, there can be two p-mode
cavities: one in the helium-rich radiative interior starting just
below the He-H transition (located at the peak in Brunt-Viisild
frequency), and one in the hydrogen-rich envelope just above the
He-H transition. However, since p modes have larger amplitudes
in the hydrogen-rich envelope (e.g. fig. 11 of S. Charpinet et al.
2000), we only take the cavity in the hydrogen-rich envelope to
compute Qeny in our models. Although the sharp increase of the
rotation rate near the He-H transition can potentially affect Qcpy,
we show in Fig. 3 that according to the weight function used in
equation (10), the contribution of the He-H transition is below
~ 10 per cent. Therefore, the value of Q. of our sdB models is a
weighted mean rotation rate of their hydrogen-rich envelope with
the near-surface layers contributing the most to it.

3.5 Angular momentum transport in sdB stars

During most of its lifetime, the sdB model expands towards lower
surface gravities due to the expansion of its envelope and the
inner helium-rich radiative regions, which explains why Qcore /27
decreases (see Fig. 1). Only once the central helium mass fraction
drops below Y = 0.1, the envelope and its core contract, spinning
up while the star reaches higher surface gravities. In Fig. 2, we
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are: 0.4753, 0.4737, 0.4735, 0.4728, 0.4649, and 0.4165 M.

show a rotation profile (i.e. the profile of angular velocity as a
function of a spatial coordinate) at the middle of the core-helium-
burning phase of one representative sdB model, where the core
rotates roughly five orders of magnitude faster than its surface.
This kind of rotation profile is characteristic of all sdB models
where the envelope is removed along with the AM contained in
the mass lost, and no additional processes of AM transport nor
external torques are included during the envelope ejection or the
ensuing evolution.

Moreover, in Fig. 4 we show the rotation profile of a sdB model
at different times during the core-helium-burning phase which
illustrates the evolution of the rotation rate in the interior of
our sdB models. The regions below the He-H transition rotate
roughly as a solid body, whereas the regions above it (i.e. the
hydrogen-rich envelope) can develop strong differential rotation,
with a change in angular velocities spanning 3-5 orders of mag-
nitude. This strong differential rotation can develop because the
AM transport by the TSF dynamo is inhibited by chemical com-
position gradients, since the turbulent motions of the gas trig-
gered by the Tayler instability are stabilized by buoyancy. Addi-
tionally, the efficiency of AM transport by the TSF dynamo also
decreases in the hydrogen-rich envelope due to its relatively low
angular velocity. This increases the time-scale required to amplify
azimuthal magnetic fields through radial differential rotation.
Consequently, the evolution of the rotation rate of the layers
above the He-H transition mostly depend on their contraction
and expansion.

In Fig. 5, we show the magnetic viscosity (vmag) associated
to the TSF dynamo, which sets the efficiency of AM transport.
The magnetic viscosity in the helium-rich radiative interior can
reach values in the range vy, ~ 10> — 10° cm?s™! due to its
high angular velocity, however, it decreases abruptly to negligible
values (Vmag < 107¢ cm?s™) in the He-H transition due to the

strong buoyancy forces exerted by the change in chemical com-
position around the peak of effective Brunt-Viisild frequency.
Above these regions, vy, decreases because the rotation rates are
much smaller (see equation 3).

In the bottom panel of Fig. 5, we show the amplitude of
the magnetic fields and the Alfvén frequency in our representa-
tive model. The Alfvén frequency indicates where the azimuthal
fields are most likely to become unstable and hence increase the
amplitude of the radial magnetic fields which explains why their
maxima coincide. The azimuthal magnetic fields can reach am-
plitudes of B, >~ 1 — 10KkG in the helium-rich radiative interior,
whilst in the regions close to the surface they drop below 10~*
G. This is because the angular velocities near the surface are
too small to amplify the azimuthal fields by radial differential
rotation. The radial component of the magnetic field has lower
amplitudes, reaching at most B, >~ 1 G in the helium-rich radia-
tive interior.

These magnetic field amplitudes are typical of our models, in
which the radial magnetic fields are always much smaller than
the azimuthal fields, as is characteristic of the TSF dynamo.

4 COMPARISON TO ASTEROSEISMIC
MEASUREMENTS OF SDB STARS

4.1 Period spacing of dipole gravity modes

Before proceeding with a detailed comparison of our sdB models
and their observed asteroseismic rotation rates, we first com-
pare their effective temperature and surface gravities as provided
by spectroscopic measurements, and the period spacing of their
dipole g modes (see Tables C1 and C2). The period spacing of
dipole g modes of the observational sample is that usually ob-
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Figure 10. Mean core and envelope rotation rates as a function of the
hot subdwarf’s age in two accreting sdB models (coloured lines) and two
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by measurements of both core and envelope rotation rates (darker shade),
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The models have Myzams = 1.6 M@, Meny = 1073 M@, Prot,ZAMS =0.39d
(thin lines), or Mzams = 1 Mg, Meny = 10™* Mg, Prot.zams = 1 d (thick
lines).

tained by searching for vertical ridges in the Echelle diagram,
usually referred to as AP, (e.g. M. Uzundag et al. 2021), whereas
in our models we compute it in the asymptotic limit as (S.
Charpinet et al. 2008)

m=_ (/gch1r>‘1 (11)
TVt \Jy r)

where we take ¢ = 1 to account for dipole modes, with g, and g,
the radial coordinates of the boundaries of the g-mode cavity as
in equation (9) now using a typical g-mode pulsation frequency
in sdB stars (v, = 3 x 107*Hz) to define them.

In Fig. 6, we show that the period spacing of our models can
only reproduce the data if the initial mass of the sdB’s progenitor
isbelow 1.9 M. This occurs because sdB models with progenitor
masses above this value (2Mg < Mzams < 2.2 Mg) ignite helium
in non-degenerate conditions, which leads to sdB stars with lower
masses (e.g. E. Arancibia-Rojas et al. 2024). This in turn leads to
lower period spacings because ATl, is proportional to the exten-
sion of the helium-burning core, which in turn scales with its
mass and hence the mass of the sdB. We also compare the ef-
fective temperature and the surface gravities of the observational
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sample to our models via the inverse of the flux-weighted surface
gravity, defined as £ = Tj;/g. This variable is proportional to the
luminosity-to-mass ratio (N. Langer & R. P. Kudritzki 2014) and
highlights whether both spectroscopic effective temperatures and
surface gravities can be reproduced by the models. Our models
can only reproduce L if the mass of the sdB progenitor is below
1.9 M, which occurs because our sdB models with more mas-
sive progenitors (2Mg < Mzaus < 2.2Mg) lead to sdB models
with lower masses and hence lower luminosities. We therefore
only use our sdB models with progenitor masses below 1.9 Mg
to compare against the asteroseismic rotation rates because the
current observational sample suggest most of them formed from
such progenitors.

4.2 Asteroseismic core rotation rates

Before comparing the asteroseismic rotation rates to our models,
we divide the observational sample into different categories de-
pending on whether they are single or in a binary system, and on
their orbital periods (Pyyp) if they are in a binary system. In Fig. 7,
we show the whole sample of sdB stars with measurements of
asteroseismic rotation rates used in this work (see also Tables C1
and C2). To compare against our stellar evolution models, we only
selected sdB stars from the literature whose either core or enve-
lope rotation rates were measured through rotational splittings
of either g or p modes, respectively. This is because it enables a
consistent comparison with other stars for which asteroseismic
rotation rates were measured, such as main-sequence stars, sub-
giants, and red giants (see Fig. 1), from both a theoretical and
empirical point of view (see also Section 3). Moreover, we only
select those sdB stars which have at least one clear detection
of a rotational splitting with its azimuthal components well de-
tected. That is, we do not select those sdB stars that have lower
boundaries on their asteroseismic rotation rates based on the
non-detection of rotational splittings (e.g. M. D. Reed et al. 2016),
or where only incomplete multiplets are detected (e.g. L. Ketzer
et al. 2017). Although this decreases the size of our observational
sample, we ensure that it is not affected by potential biases due
to limitations on the data available. More complete compilations
of asteroseismic data and further interpretations including the
above mentioned cases are presented by M. D. Reed et al. (2021,
2025) and R. Silvotti et al. (2022).

From the sample presented in Fig. 7 (or Tables C1 and C2), we
note that only a few sdB stars have asteroseismic measurements
of both their core- and envelope-rotation rates (e.g. J. W. Kern
et al. 2017, 2018; M. D. Reed et al. 2019, 2025; W. Su et al. 2024),
with only two of them showing significant core-to-envelope ra-
dial differential rotation, namely TIC441725813 (W. Su et al.
2024) and LTCnC (M. D. Reed et al. 2025). The fact that most of
these sdB stars only have measurable core or envelope rotation
rates partially occurs because not all sdB stars are observed to
pulsate in both g and p modes, likely because the expected num-
ber and kind of excited modes depends on their surface proper-
ties such as effective temperature and surface (e.g. S. Bloemen
et al. 2014). Moreover, if the pulsation axis is seen pole on or
the rotation period is longer than the length of the photometric
data, rotational splittings may not be detectable at all. Further
limitations on the data such as a low-frequency resolution, or
the nature of individual cases such as frequency or amplitude
modulations (e.g. EPIC211823779; M. D. Reed et al. 2018), may
affect the detectability of rotational splittings.
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Figure 11. Rotation rate as a function of the radial coordinate at different times of an sdB model spun-up by accretion. The rotation profiles correspond
to the model spun-up to Qeny/27 = 2000 nHz of Fig. 10. The left panel shows the initial evolution as the star is spun-up to Qeny/27 =~ 1000 nHz, while
the panel on the right shows the evolution once the core begins spinning up and eventually the whole sdB rotates rigidly. The inset on the left figure
shows a zoomed view on the transition from the helium-rich radiative interior to the hydrogen-rich envelope where most of the differential rotation
develops. In both panels, the colour bars show: the age of the sdB where the zero age is set at the beginning of the core-helium-burning phase (colour
bar on the right), and the mass with Keplerian specific AM that the star needs to accrete to be spun-up (colour bar at the top). The grey band shows the
mean location of the transition from the helium-rich radiative interior to the hydrogen-rich envelope.

Those sdB stars in binary systems with Py, < 1 d experience in our sdB models, which occurs because the value of Q. at
tidal Syl’lChI'Ol’liZatiOI’l which affects both their core and envelope the RGB tlp scales with the initial mass of the model. Since at
rotation rates (L Ma & J. Fuller 2024) Since we do not Study tidal the RGB tlp the envelope is removed, the AM content of the core
interactions in this work we exclude these stars from our further determines Qcore in the sdB phase. The initial mass at the ZAMS
comparisons and only focus on those sdB stars where tidal effects also determines the sdB mass, which implies then that Qcore
can be safely neglected, which corresponds to sdB stars in binary scales inversely with the sdB mass. The mass of the hydrogen-rich
systems with P,, > 1 d. Nevertheless, most of these sdB stars envelope does not have any impact on Qc., affecting only the
have orbital periods Por, < 15 d, short enough to consider that  extension of the hydrogen-rich envelope and hence the surface
they formed through the common-envelope channel (Z. Han et gravity. And the initial rotational velocity of the models at the

al. 2002, 2003; G. Nelemans 2010; D. Clausen et al. 2012; H. Ge ZAMS has only a minor effect, affecting Q2core by a factor 2 at most.
et al. 2022, 2024; N. Rodriguez-Segovia & A. J. Ruiter 2025; N. This happens because the internal magnetic fields generated by
Rodriguez-Segovia, A. J. Ruiter & I. R. Seitenzahl 2025). the TSF dynamo lead to a narrow range in Q. for models with

There are only two sdB stars in binary systems with long orbital different initial velocities by the time they reach the RGB (see
periods (Poy, > 100 d) in our sample, one of which is rotating fig. 2 of P. Eggenberger et al. 2022).

nearly rigidly (PG1315—123). These stars have detected compan- These are just some models that illustrate the effects of their
ions but their orbital periods were not yet measured, although a properties on Qcore, although our whole grid of sdB models in
lower boundary was estimated (M. D. Reed et al. 2019). We do the mass range Mzays = 0.8 — 1.9 M, contains 270 evolutionary
not include these sdB stars in our further comparisons because tracks which we do not fully show here for the sake of clarity.
they have probably formed through stable mass transfer rather However, independently of the changes in the models’ proper-
than from a common-envelope ejection, and thus do not fit in our ties, the models are always in slight disagreement with the data.
theoretical framework where we simulate a common-envelope Only the models of the least massive sdB stars (most massive
ejection at the RGB tip. Thus, in our further comparisons to our progenitors) can mildly match the Qe of those sdB stars in
models we only include sdB stars in binary systems with Py, 2 1 binary systems. But this is only possible during the late stages of
d, and single sdB stars because these could have non-detected these models, when the central helium abundance drops below
companions. Y = 0.01 in mass fraction (i.e. less than 1 per cent). In this phase,

After narrowing down the range of models and asteroseismic the models are evolving in rather short time-scales and should not
rotation rates that should be interpreted in our framework, we represent the majority of the observations. As for the single sdB
proceed to compare them and illustrate the effects of the models’ stars, they can be well explained by these same models. However,
parameters on their Qcore values in Fig. 8. In particular, we note  given that they could be really single and result from a merger of

that the mass of the sdB progenitor has the largest impact on Qo

MNRAS 548, 1-21 (2026)
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Figure 12. Mass needed to spin-up the envelope (top panel) or core (bot-
tom panel) of sdB stars to their observed range of asteroseismic rotation
rates, as a function of the envelope mass of each model. The shaded re-
gions indicate the range of values allowed by measurements of both core
and envelope rotation rates for any progenitor mass. The two branches on
each panel show the mass needed to increase the rotation rates to either
Qeore/2m = 100nHz, Qeny/27 = 200nHz for the lower branch (upward
triangles), or Qcore/27 = 1000nHz, Qeny/27 = 2000nHz for the upper
branch (downward triangles). The colour bar shows the mass of the sdB’s
progenitor at the ZAMS.

two white dwarfs (e.g. J. Schwab 2018), their interpretation in our
framework remains questionable.

4.3 Asteroseismic envelope rotation rates

The asteroseismic envelope rotation rates as provided by p modes
are in the same range as their core rotation rates in the sample of
pulsating sdB stars with asteroseismic measurements to date (see
Fig. 7). In Fig. 9, we compare the asteroseismic envelope rotation
rates of observed sdB stars to those of our models (i.e. Qeny /27,
see Section 3.4) in a few representative cases only, for the sake
of clarity. The values of Qe /27 in these models disagree by 2-5
orders of magnitude with the observational sample. The smallest
disagreement is obtained in models with higher mass progenitors
and less massive envelopes, while the largest one is obtained in
models with lower mass progenitors and more massive hydrogen-
rich envelopes. A higher initial velocity of the models at the
ZAMS can mildly increase Qcny/27 of our sdB models, but it
cannot fully account for the observations.

In our full range of models, the progenitor’s mass at the ZAMS
and the envelope mass of the sdB have the most significant impact
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on the Q. of sdB models. While the progenitor’s mass changes
Qenv/2m by >~ 2 dex, the envelope mass can change it by ~ 1
dex. The change in Q. in sdB models with different progenitor
masses (i.e. different Mzans) occurs because higher mass stars at
the RGB tip have higher specific AM in the layers just above the
hydrogen-burning shell, which later form the envelope of the sdB.
This occurs because our lower-mass models reach larger radii at
the RGB tip than the higher-mass ones (around 200 R, for our
0.8 M model and around 90 R, for our 1.9 M model), which in
combination to the internal AM transport leads to lower specific
AM in the radiative regions above the hydrogen-burning shell.
In the lower mass range of our models (Mzams < 1.3 Mg), low
specific AM in these layers is further imposed by the AM loss
due to magnetic braking on their main sequence. The decrease of
Qeny in sdB models with higher envelope mass occurs because the
extension over which the AM is redistributed is larger due to the
larger radii obtained in sdB models with more massive hydrogen-
rich envelopes; the opposite is also valid for sdB models with less
massive envelopes. Additionally, sdB models with faster-rotating
progenitors have higher Q.,, simply because they had a higher
content of total AM at the RGB tip, which follows from their
higher initial AM content at the ZAMS.

As for their evolutionary behaviour, despite the sdB expansion
during most of its life, the values of Qcpny increase. Since no ex-
ternal sources nor sinks of AM are included in these models, the
expansion of the envelope would lead to a decrease of the surface
rotation rate under local conservation of AM; this indeed is true
for the outermost layers of our models (see Fig. 4). However, since
Qeny is computed over the p-mode cavity, the combined action of
the AM transport by internal magnetic fields and the contraction
of internal layers (hence spin-up) contribute to increasing the
envelope rotation rate as sensed by p modes. This can be seen
in Fig. 4 where the rotation rate increases progressively outwards
as the central helium mass fraction decreases. This explains the
main trends seen in the change of Q.,, with the physical prop-
erties of both the sdB stars and their progenitors, as well as their
evolutionary behaviour.

4.4 Possible reasons for the disagreement between the
rotation rates of models and asteroseismic measurements

The disagreement in the envelope rotation rates could be due to
several reasons, such as the modelling of the red giants, the need
for additional processes during the ejection of the red giants’ en-
velope, or an external source of AM during the sdB phase, among
others. As for the modelling of the sdB progenitors during the
RGB, a higher content of AM in the regions above the hydrogen-
burning shell would lead to higher envelope rotation rates of the
sdB models. This would require a physical treatment of the AM
transport different to the one we take in this work. However, our
treatment of internal AM transport is supported by the asteroseis-
mic rotation rates of the evolutionary phases previous to the RGB
tip (see Fig. 1). Nevertheless, there is one possibility that we do not
address in this work, which is having differential rotation in the
convective envelope. In our grids of models we assumed that only
convection transports AM in the convective zones, with an effi-
ciency equal to that for chemical elements which essentially leads
to solid-body rotation in the convective envelope of red giants.
There are other theories of efficient AM transport that allow for
differential rotation in extended convective zones (Y. Kissin & C.
Thompson 2015; K. Takahashi & N. Langer 2021). These theories



are supported by multidimensional numerical simulations (A. S.
Brun & A. Palacios 2009), and in some specific cases by obser-
vations (J. Tayar et al. 2022), despite the lack of general observa-
tional evidence. Differential rotation in the convective envelope
of our red giants’ models would likely lead to a higher content of
AM at the base of the convective envelope (and so higher angular
velocities) which can eventually lead to higher envelope rotation
rates in the sdB models. Although this is a good opportunity to
test mechanisms of internal AM transport in upper RGB stars
where asteroseismology cannot probe their interior, we do not
explore it in detail in this work.

Other AM transport processes operating in radiative regions
of red giants could affect the values of Qe in sdB stars, but
only if the dominating process is of non-diffusive nature (i.e.
it should not erase gradients of rotation). That is, the AM in
the red giants’ radiative regions above the helium core should
increase, without significantly slowing down the core (which is
already in disagreement with the sdB core rotation rates). To
achieve this, the AM from the convective envelope should be
extracted and put into these layers, which is only possible for
non-diffusive processes. One such process that could operate ef-
ficiently in upper RGB stars is the transport by mixed-modes
themselves (K. Belkacem et al. 2015a, b; B. Bordadagua et al.
2025). However, it was shown that at least in the lower RGB
this process does not spin-up the regions above the hydrogen-
burning shell (B. Bordadagua et al. 2025), although its efficiency
could change in the upper RGB above the RGB bump. Other
non-diffusive AM transport phenomena in post-main-sequence
stars include Alfvén waves in stars with large-scale magnetic
fields (K. Takahashi & N. Langer 2021, 2025), or internal gravity
waves (T. M. Rogers et al. 2013; J. Fuller et al. 2014; C. Pincon,
K. Belkacem & M. J. Goupil 2016; C. Pincon et al. 2017; T. M.
Rogers & R. P. Ratnasingam 2025). None the less, internal gravity
waves are expected to be efficiently damped in red giants (C.
Pincon et al. 2017) and large-scale magnetic fields do not likely
represent the majority of sdB progenitors, given the low incidence
of surface magnetic fields detected in sdB stars (I. Pelisoli et al.
2022; M. Dorsch et al. 2022); although asteroseismic studies often
found red giants’ cores to be strongly magnetized (D. Stello et al.
2016b, a; G. Li et al. 2022b; S. Deheuvels et al. 2023; E. J. Hatt et al.
2024), as well as the cores of their main sequence progenitors (M.
Takata et al. 2026). Therefore, we argue that the disagreement
in envelope rotation rates is unlikely to be fully addressed by in-
voking alternative scenarios for the internal AM transport in red
giants.

Another possibility to explain the disagreement in envelope
rotation rates would be the transfer of AM during the formation
of the sdB stars. An sdB in a binary system with short orbital pe-
riod (Pop, < 10 d) most likely forms through a common envelope
ejection event when its red giant progenitor approached the tip
of the RGB (Z. Han et al. 2002, 2003). When the binary system
enters into the common envelope phase, the companion of the
red giant spirals into the regions close to the red giant’s helium
core, releasing orbital energy that contributes to the energy nec-
essary to overcome its binding energy and thus eject the envelope
to form the sdB (F. K. Répke & O. De Marco 2023). The time-
scales during this phase are short enough that any change in the
AM distribution due to internal processes operating during the
secular stellar evolution can be neglected. However, given the dy-
namical nature of the common-envelope phase, we speculate that
the spiraling-in companion can spin-up the gas that would later
form the envelope of the sdB. This could be possible through drag
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forces aided by the gas’ intrinsic viscosity and instabilities of the
Kelvin-Helmholtz type, such as witnessed in planet-engulfment
simulations of red giants (J. E. Staff et al. 2016; M. Y. M. Lau
et al. 2025). Or possibly aided by the amplification of mag-
netic fields during common envelope evolution (D. Gagnier &
O. Pejcha 2024). Currently, there is no physical prescription
that we could implement in one-dimensional stellar evolution
codes to simulate these kinds of processes, and no detailed study
thereof. It is also possible that external torques due to interactions
of the sdB with circumstellar matter may play a role; we discuss
this scenario in the next subsection.

4.5 Circumstellar matter around sdB stars as a source of
angular momentum

An intermediate plausible step in the formation of sdB stars in
close binary systems is the formation of a stable circumstellar
environment such as a circumbinary disc. This is because sdB
stars in close binary systems most likely underwent a common
envelope ejection event with a red giant companion, which leads
to the ejection of the red giants’ envelope. But it is likely that a
fraction of the matter ejected remains gravitationally bound to the
newly formed binary system (e.g. A. Kashi & N. Soker 2011), if the
ejected matter does not reach velocities above the escape velocity
of the system. That is to say, such matter would still be removed
and further ejected from the regions close to the outer boundary
of the helium core in their progenitors (i.e. RGB tip stars). But
then this matter could fall back on to the central binary system
and possibly form a stable circumbinary disc if it has enough AM
(A. Kashi & N. Soker 2011; F. K. Ropke & O. De Marco 2023).

In general, circumbinary discs can be accreted on to the stars
of the inner binary system (i.e. inner to the circumbinary disc)
either through accretion streams or via the formation of smaller
accretion disks around the individual stars (e.g. review by D. Lai
& D. J. Muiioz 2023); we speculate that such scenario is also
realizable in the formation of sdB stars that underwent a common
envelope ejection event. The hypothesis of accretion from a cir-
cumbinary disc on to its inner binary system is largely supported
by direct multidimensional numerical simulations (e.g. J.-M. Shi
et al. 2012; D. J. D’Orazio, Z. Haiman & A. MacFadyen 2013; R.
Miranda, D. J. Mufioz & D. Lai 2017; M. S. L. Moody, J.-M. Shi &
J. M. Stone 2019; D. J. Muifioz, R. Miranda & D. Lai 2019; D. J.
Murioz et al. 2020; P. C. Duffell et al. 2020), which also demon-
strated that the net effect of the interaction between a circumbi-
nary disc and its inner binary system (i.e. the combined action
of gravitational torques, mass accretion and viscous stresses) is a
transfer of positive specific AM to the binary system (R. Miranda
et al. 2017; D. J. Muiioz et al. 2019, 2020; P. C. Duffell et al. 2020).
This implies that the components of the central binary system
receive AM and thus can spin-up, or that the binary system can
gain orbital AM and thus widen. In our framework, this would
imply that the sdB could gain AM through the net interaction
with a circumbinary disc, and thus rotate faster as it interacts with
the disc.

Although this scenario is physically plausible from a theoreti-
cal point of view, there is also observational evidence that support
this hypothesis. Recent observational works have pointed out the
ubiquitous presence of circumstellar matter around sdB stars (J.
Li et al. 2025), based on the detection of circumstellar matter
that exceeds the expectations of the interstellar environment, as
inferred from the absorption of the CaiI K line; this line is not
affected by blending with H lines contrary to other Calr lines
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(see fig. 1 of J. Li et al. 2025). These authors also found that
in most cases the radial velocity of the ejected matter does not
deviate strongly from that of the host sdB star (see fig. 6 of J. Li
etal. 2025), indicating that the matter is gravitationally bound and
could thus be part of a stable structure such as a circumbinary
disc (see also J. Li et al. 2022a). There is also tentative evidence
that circumstellar disks could be present around single sdB stars,
as pointed out by J. Vos et al. (2021), who found an sdB star
whose particular spectrum and infrared excess can be well ex-
plained by the presence of a circumstellar disc; this points at a
rather general outcome of the formation of sdB stars. Since both
theoretical and observational arguments support this scenario
we then speculate that it may provide an additional source of
AM to spin-up the envelope of sdB stars once they evolve past
the common-envelope phase, which we explore in the following
section.

5 SDB STARS SPUN-UP BY ACCRETION

5.1 Method

In this section, we present a grid of models where we assume
that the sdB can accrete matter from a disc around it. Since we
assume that the matter is orbiting the sdB and thus forms a disc,
the matter should have Keplerian specific AM. We then compute
models of sdB stars with an accretion disk by assuming that they
accrete AM with Keplerian specific AM, although we do not take
into account the structural effect of the mass accreted (i.e. the
models only accrete AM). We explain in Section 5.4 why this is
a good approximation. We then assume that due to accretion a
uniform torque per unit of mass is applied to the hydrogen-rich
envelope of our sdB models, which leads to a torque of the form

4j _ Jkep dm
dt ~ Mgy dt

; 12)

where jke, = vVGMR is the Keplerian specific AM evaluated at
the surface of the sdB model, M,y is the mass of the hydrogen-
rich envelope, and dm/dt is the mass accretion rate which we
take as 10712 M yr~! and assume it is constant. We assume that
the sdB accretes matter as soon as it begins the core-helium-
burning phase and is well located in the sdB regime in terms of
surface gravity and effective temperature. That is, the sdB model
already has a hydrogen-rich envelope when it begins accreting,
and only accretes additional matter from a disc once it begins
the core-helium-burning phase (i.e. the hydrogen-rich envelope
is not provided by the disk).

To compute our models of rotating sdB stars with accretion, we
choose as initial models the sdB models that we computed with-
out assuming any external source of AM nor additional processes
during common-envelope evolution presented in Section 4. Then,
we compute sdB evolutionary models with accretion of AM using
equation (12) until their Qe /27 reaches 200 nHz or 2000 nHz,
and Qe reaches 100 nHz or 1000 nHz, that is, four different
kinds of models. These particular values of Qepny /27 and Qcore /277
are the limits that we defined based on the observed range (see
Fig. 7). Once the models reach these limiting values, we stop
the accretion of AM. Using these models, we can estimate the
minimum and maximum mass that sdB stars need to accrete to
match their asteroseismic rotation rates. We repeated this process
for all of our sdB rotating models, with different initial progenitor
masses, initial velocities and envelope masses, as presented in
Section 2.2.
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5.2 Mean core and envelope rotation rates of accreting
sdB stars

In Fig. 10, we show an example of two accreting sdB models spun-
up until they reach Qen, /27 =200 nHz and Qen, /27 = 2000
nHz, shown by thin and thick lines, respectively. In the models
spun-up to 200 nHz, its Q.,, increases monotonically with m,..,
while in the models spun-up to 2000 nHz the internal transport
of AM by magnetic fields briefly slows down the envelope as
soon as it reaches Qeny/27 2~ 1000 nHz. This occurs because at
higher rotation rates the magnetic fields can transport AM more
efficiently, and thus transport the AM from the hydrogen-rich
envelope into the helium-rich radiative regions. After this brief
phase, the sdB continues accreting until it reaches 2000 nHz, at
which point we stop the accretion.

Once the sdB accreting models reach either 200 or 2000 nHz,
they do not spin-up or down significantly, changing their spin
rates by at most a factor 2. However, the evolution of their Q.p, is
different from that in non-accreting models (black lines in Fig. 10)
because by the time they stop accreting their envelopes rotate
rigidly due to the AM transport being more efficient at higher ro-
tation rates. Then, the rotation of their envelopes simply responds
to the change in the size of the sdB model by local conservation
of AM, that is, they spin-down when they expand and vice versa.

In our accreting sdB models, the core rotation rate as sensed
by g modes can also increase due to the accretion, as is shown
in Fig. 10 by the dashed lines. This occurs primarily because in
our models, Q.. as computed using equation (9) can be affected
by the rotation rates above the core, mainly by that at the He-H
transition and secondarily by the rotation rate in the hydrogen-
rich envelope if their rotation rates are high enough to overcome
the weight functions (see Fig. 3), which can occur if the rotation
rates in these regions are above ~ 100 nHz. This is why in the
model spun-up to Qeqy /27 = 200 nHz the values of Qo increase
with respect to those of the non-accreting sdB model. In the case
where the sdB accretes a higher amount of AM, the rotation
rate in the envelope can be so high that the TSF dynamo can
overcome the buoyancy force at the He-H transition and thus
transport the AM from the hydrogen-rich envelope to the helium-
rich radiative interior, eventually leading to solid-body rotation.
This is why Qcore gradually reaches Q. in the model spun-up to
Qenv/27 = 2000 nHz in Fig. 10.

Models of accreting sdB stars without internal magnetic fields
do not reach solid-body rotation (see Appendix B) because the
AM transport efficiency by hydrodynamical processes is not high
enough. These models behave slightly different from the mag-
netic models, in particular, they can develop a much higher core-
to-envelope radial differential rotation because the AM deposited
in the envelope through accretion cannot be transported into the
helium-rich radiative regions; thus the central regions cannot be
spun-up. This is a fundamental difference with respect to stellar
models including internal magnetic fields, which further rein-
forces the idea that internal magnetic fields may develop in all
kinds of stars, including post-common envelope binaries. This is
so because of the rather small core-to-envelope radial differential
rotation observed in sdB stars, which in some cases display rigid
rotation (see Tables C1 and C2). We also note that if the rota-
tional splitting of g modes of observed sdB stars probe mainly
the deep helium-rich radiative regions (i.e. it is not affected by
the rotation in the hydrogen-rich envelope) then non-magnetic
accreting sdB models would always overestimate the amplitude
of core-to-envelope radial differential rotation (see the right panel



of Fig. B2). Nevertheless, this depends on other aspects that we do
not explore in this work, such as whether the g modes are trapped
or confined (e.g. S. Charpinet et al. 2000).

5.3 Interior and differential rotation of accreting sdB stars

The internal AM redistribution in our accreting sdB models is
illustrated in Fig. 11 where we show the evolution of the rotation
rates in the stellar interior during the whole spin-up phase of the
sdB model that reaches quasi-rigid rotation. Initially, the rotation
rate scales like © o r~2 in the hydrogen-rich envelope (whose
boundary is at r/Rg =~ 0.0845 in Fig. 11, see also Fig. C2) because
we assume the accretion leads to a uniform torque in all these
regions; this is equivalent to assuming that the AM accreted is
uniformly redistributed instantaneously in these regions. As evo-
lution proceeds and the star accretes more AM, the hydrogen-rich
envelope is progressively spun-up and the rotation profile flattens
out from the surface inwards because the AM transport efficiency
by the magnetic fields scales with both the rotation rate and the
radial coordinate (equation 3). In the regions close to the He-H
transition (see inset of Fig. 11), differential rotation can develop
first because no torque is applied below the He-H transition,
and second because the magnetic dynamo is inhibited by the
strong chemical composition gradient present in these regions.
This leads first to a sudden spin-up of the innermost hydrogen-
rich layers (atr/Rg =~ 0.0845in Fig. 11) due to accretion, and then
to a gradual spin-up of the regions just below it due to the AM
transport by internal magnetic fields.

However, the rotation rate in the helium-rich radiative regions
remains largely unchanged during this initial spin-up phase,
mainly because there is not enough AM nor time for the internal
magnetic fields to overcome the buoyancy forces at the He-H
transition. At later times (see the right panel of Fig. 11), the mag-
netic dynamo can gradually overcome these forces and thus the
AM can be transported from the hydrogen-rich envelope to the
helium-rich radiative interior, spinning it up and thus increasing
Qecore- If the sdB accretes enough mass (>~ 10~> M), the magnetic
fields become efficient enough to couple the whole star, as is
shown in the last rotation profile of Fig. 11 (right panel) where
the model reaches quasi-rigid rotation, with slight differential
rotation at r/Ry >~ 0.09 because the model is still accreting AM.
All the accreting sdB models spun-up to Qen /27 = 2000 nHz
reach solid-body rotation, and the core cannot rotate faster than
the envelope in any of them.

5.4 Mass accreted

To spin-up the sdB stars such that they can match the asteroseis-
mic rotation rates, they need to accrete at least >~ 10~° My, but no
more than ~ 107> M, (see Fig. 12). To increase Qeqy and Qeore in
our sdB models to the lower boundaries set by the observations
(either Qcore/27 = 100 nHz or Qe /27 = 200 nHz) they need
to accrete more mass if their hydrogen-rich envelope is more
massive. This leads to a difference of a factor 10-100 of mass
accreted in the range of envelope masses of our sdB models (Fig.
12). This is because in an sdB a more massive hydrogen-rich en-
velope has a larger moment of inertia mainly due to its increased
extension, so it requires a larger amount of AM to spin it up.
However, to increase both Qcny and Qcore to the upper bound-
aries (i.e. Qeny/27 = 2000 nHz or Qeore/27 = 1000 nHz), slightly
less accreted mass is needed for models with more massive en-
velopes. This is because the specific AM accreted is evaluated at
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the surface of the sdB and thus can change with its total mass
and radius. This makes the models with less massive envelopes
accrete less AM for the same amount of mass because we recall
the specific AM accreted is jkep = ~/GMR. In fact the models with
M.y = 5 x 107° Mg, accrete on average matter with a specific
AM content of jgep =~ 7 x 10'7 cm?s™!, while those with My, =
5 x 107* M, accrete on average matter with jiep, ~ 10" cm?s™.
Because of this the sdB models with more massive envelopes,
despite having a larger moment of inertia, need to accrete less
mass than the sdB models with less massive envelopes.

There is also a trend between the mass needed to increase Qcore
and the mass of the sdB’s progenitor at the ZAMS as shown by
the colour bar in Fig. 12. Those sdB stars with more massive
progenitors need to accrete less mass. This occurs because in the
base non-accreting models used to compute the accreting ones,
Qcore is higher in models with higher ZAMS progenitor masses
(see the left panel of Fig. 8). In fact, the sdB models computed
from the progenitors with Mzaus = 1.7, 1.8, and 1.9 M do not
need to accrete any AM because their Qq/27 is already around
100 nHz in the base models (see the left panel of Fig. 8); this is
why they do not appear in Fig. 12. As for the envelope rotation
rates there is not any trend with the mass of the progenitors, and
there is no trend with the initial rotational velocities either.

Regarding the fact that we do not include the effects on the
structure of the sdB due to mass accretion (i.e. the models only
accrete AM), we showed with our previous discussion that these
effects can be neglected. Because they will only be relevant for the
sdB models with the lowest envelope mass (Me,y = 5 x 107> M),
since at most the mass needed to reproduce the asteroseismic
rotation rates is 3 x 10> Mg. This would represent a 60 per cent
increase in the mass of the envelope of these models, but we show
in Fig. 12 that the relation between the maximum mass needed
to spin-up the envelope and the envelope mass of the sdB is quite
weak, leading to a difference of at most a factor 2. Thus, the
structural effect of increasing the envelope mass of the accreting
sdB models will have a minor effect on the mass needed.

5.5 Core-to-envelope radial differential rotation observed
in sdB stars

These accreting sdB models can reproduce both the range of
mean core and envelope rotation rates, as well as the relatively
low amplitude of radial differential rotation inferred in some sdB
stars (e.g. LT CnC; M. D. Reed et al. 2025). Our models that
accrete enough mass to spin-up to Qeny/27 = 2000 nHz allow
for a maximum ratio of mean envelope-to-core rotation contrast
of Qenv/SQeore = 4 during the accretion, after which the models
couple and reach rigid rotation (see also Fig. 10), while those that
are spun-up to Qeqy /27w = 200 nHz only allow for Qeny/Qcore = 2
at most. These are the maximum allowed values of envelope-to-
core radial differential rotation as probed by the mean asterosesis-
mic core and envelope rotation rates (using equations 9 and 10).
These values result from the combined action of accretion and
internal AM transport by internal magnetic fields. Our accreting
sdB models can also explain why the envelope of unsynchro-
nized post common-envelope sdB stars in binary systems rotate
faster than their core. Currently there are only two of such stars,
where their core and envelope rotation rates were measured via
the rotational splittings of g and p modes (KIC11558725 and LT
CnC; J. H. Telting et al. 2012; M. D. Reed et al. 2025). For these
two systems in particular, we estimate that they should accrete
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roughly 5 x 1077 Mg, (LT CnC) and 4 x 1078 M, (KIC11558725)
to reproduce their amplitude of radial differential rotation.

6 CONCLUSIONS

We computed grids of sdB stellar evolution models with rotation,
internal magnetic fields and mass accretion, based on models of
red giants that can reproduce the range of asteroseismic core and
envelope rotation rates of the evolutionary phases previous to the
tip of the RGB. In particular, our sdB models correspond to those
sdB stars formed through the common-envelope channel near
the tip of the RGB. If sdB stars do not gain any AM during their
formation or initial evolution their asteroseismic rotation rates
as measured by the rotation splittings of g and p modes cannot be
explained. In particular, the asteroseismic envelope rotation rates
disagree by 2-5 orders of magnitude if the sdB is not spun-up by
any external torque.

We then showed that if sdB stars can accrete matter from a
surrounding disc, the combined action of mass accretion and in-
ternal magnetic fields can spin-up both their core and envelope. If
they accrete ~ 10~° — 107> M, from a disc, then the whole range
of asteroseismic rotation rates can be reproduced. Moreover, this
kind of models also allows for an envelope rotating faster than
its core, as witnessed in some unsynchronized sdB stars in binary
systems (J. H. Telting et al. 2012; M. D. Reed et al. 2025). However,
we note that measurements of asteroseismic rotation rates of sdB
stars are still scarce, and that our work relies strongly on the cur-
rent measurements available in the literature. Future asteroseis-
mic studies on already identified sdB pulsators (A. S. Baran et al.
2023, 2024; M. Uzundag et al. 2024) should be able to confirm
the observational trends and whether the hypothesis of spun-up
sdB stars by accretion can be either further supported or rejected.
In this regard, the upcoming PLATO space mission will deliver
unprecedented photometric precision, long uninterrupted time
baselines, and wide sky coverage for bright pulsating compact
stars. Simulations demonstrate that PLATO will be capable of
detecting pulsation amplitudes down to >~ 0.1 mma, enabling the
measurement of rotational multiplets in pulsating hot subdwarfs
(M. Uzundag et al. 2025).

From the theoretical perspective, although we propose a frame-
work that can roughly reproduce the bulk asteroseismic rota-
tional measurements of sdB stars, wide ample room is left to
explore alternative scenarios such as: transfer of AM during com-
mon envelope evolution (e.g. via amplification of large-scale mag-
netic fields; D. Gagnier & O. Pejcha 2024), engulfment of substel-
lar objects (M. Y. M. Lau et al. 2025), or uncertainties related to
various physical phenomena affecting the internal AM transport
of upper RGB stars (e.g. F. D. Moyano et al. 2023a; D. G. Meduri,
L.Jouve & F. Ligniéres 2024; V. A. Skoutnev & A. M. Beloborodov
2025; B. Bordadédgua et al. 2025). Moreover, in this work we only
study sdB stars that formed through a common-envelope ejection
from low-mass progenitors in binary systems, but their higher
mass counterparts as well as those formed through stable mass
transfer remain largely unexplored, and deserve further study.
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APPENDIX A: ASTEROSEISMIC ROTATION
RATES FROM THE LITERATURE

We compiled measurements of core and envelope rotation rates
of sdB stars from different publications in the literature (see Ta-
bles C1 and C2). The mean core rotation rate (Qcore/27) is the
rotation as inferred from the splitting of g modes, while the en-
velope rotation rate (Qeny/27) is the one provided by the splitting
of p modes. These measurements are mean values of the rotation
rates in the regions where the g or p modes propagate, where
the g modes are sensitive mainly to the helium-rich radiative
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regions below the hydrogen-rich envelope and the p modes are
sensitive to the hydrogen-rich envelope (S. Charpinet et al. 2000).
The compilation provided in Tables C1 and C2 is the largest set of
reliable asteroseismic measurements of mean core and envelope
rotation rates of sdB stars available in the literature. Table C1
contains single sdB stars, while Table C2 contains sdB stars in
binary systems.

APPENDIX B: ACCRETING SDB MODELS
WITHOUT INTERNAL MAGNETIC FIELDS

Although we included internal magnetic fields driven by the
TSF dynamo in all of the models presented in the main body of
this work, in this section we explain how neglecting the internal
magnetic fields in our accreting sdB models would impact our
results. In Fig. B1, we show the evolution of the mean rotation
rates of the core and envelope in both sdB models with and
without internal magnetic fields, with the same initial parameters
(i.e. sdB mass, envelope mass, and initial velocity) as in Fig. 10.
While accreting sdB models with internal magnetic fields can
reach solid-body rotation if they accrete enough AM, models
without internal magnetic fields cannot transport the AM from
the hydrogen-rich envelope to the helium-rich radiative regions
and thus always rotate differentially. This is illustrated in Fig. B1
by the models whose envelope is spun-up to Qeqy /27 = 2000 nHz
by accretion. The model without magnetic fields remains rotating
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Figure B1. Similar to Fig. 10, but showing the effect of neglecting the
internal magnetic fields. Models shown with coloured lines are accreting
sdB models computed without internal magnetic fields, while those in
black are sdB models without accretion but including internal magnetic
fields.
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Figure B2. Similar to Fig. 11, but for accreting sdB models without internal magnetic fields. The panel on the left shows the spin-up phase due to
accretion while the one on the right shows the evolution of the rotation profiles once the accretion stops, until the sdB model reaches an age of 10% yr
since it started its core-helium-burning phase (the core-helium-burning lifetime of this sdB model is around 1.44 x 108 yr), where the total mass accreted
is indicated above the panel.

differentially, with its envelope rotating always faster than the diffused, but the sdB model is expanding as well which eventually
core. leads to lower envelope rotation rates.

This behaviour is further illustrated in Fig. B2, where we Notably, in this non-magnetic model the AM transport by hy-
show the rotation profiles of the non-magnetic model spun-up to drodynamical processes is efficient enough to diffuse all of the
Qenv/2m = 2000 nHz. The initial evolution of the rotation profiles AM in the envelope, leading to almost rigid rotation in the enve-
is similar to that of the magnetic models, where the rotation rate lope after 108 yr. However, the AM is never diffused into the core.
in the envelope initially scales as € oc 1/r?, because the specific We also note that the increasing Q. seen in Fig. Bl is purely
AM from accretion is redistributed uniformly in the envelope. due to the weight functions used to compute Q. that are also
However, the behaviour after a few thousands years is different affected by the rotation rate in the hydrogen-rich envelope. This
to that of the magnetic models (compare to the left panel of is a fundamental difference with respect to the magnetic models,
Flg 11) The rotation proﬁles in the hydrogen-rich envelope do which illustrates the importance of the AM transport efﬁCienCy.
not become flat with time, because these models do not experi- Thus, non-magnetic accreting sdB models remain rotating differ-
ence efficient AM transport, as is the case of models with internal entially during their whole lifetime.

magnetic fields.

Afterwards, once the accretion stops (right panel of Fig. B2), APPENDIX C: ADDITIONAL FIGURES
the time-scales are long enough for the hydrodynamical processes

to diffuse the AM in the envelope. In this phase, initially the Fig. C1 shows the mean core rotation rate as a function of the age
AM is diffused into a relatively small extension, Spinning up the of the model presented in Flg 1 to illustrate the different time-
surface layers, which leads to higher mean envelope rotation rates scales that the model goes through from the ZAMS until the sdB
as seen in the regions close to Qeqy/27 = 2000 nHz in the non- phase.

magnetic model in Fig. B1. This is partially due to the sensitivity Fig. C2 shows a subset of the rotation profiles shown in Fig. 11
of the weight function used to compute Qe (see Fig. 3 and equa- along with the abundance profiles of hydrogen and helium, to
tion 10), which are more sensitive to the surface layers than the better illustrate the change in chemical composition in the spun-
deep ones. After this initial increase in Qepy, the AM is still being up regions during accretion.
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evolutionary phases are indicated in the figure by arrows. The evolution

of the sdB model ends at the end of the core-helium-burning phase. Figure C2. Rotation profiles as shown in Fig. 11 for the same model,

including as well the chemical composition profiles of hydrogen and
helium in mass fraction. The chemical composition profiles are shown
for the first model only (i.e. the one with the lowestakata,m" year:2026t
surface rotation rate), although they remain largely unchanged.

Table C1. Parameters of single sdB stars. From left to right, the parameters are: name, effective temperature (T.¢), surface gravity (logg), core rotation
rate as sensed by g modes (Qcore /277 ), envelope rotation rate as sensed by p modes (Qeny/27), and period spacing of dipole modes (AIT;).

Name Test [K] log(glcm s~2]) Qcore/27 [nHz] Qenv/27 [nHz] AT, [s] Ref.
KIC3527751 27818 + 163 5.354+0.03 271.69 £ 20 - 266.4 0.2 F2015,72018
KIC10670103 21485 + 540 5.14 + 0.05 131.52 +12 - 251.6 0.2 R2014
KIC1718290 22350 %+ 200 4.75 £0.03 119.93 + 30 - 276.3+1 02012
FEIGE46 36100 + 230 5.93 +0.04 264 + 46 - - L2019
TIC033834484 24210 + 140 5.28 +0.03 181 £ 80 - 263.84 +1.4 U2023,MB2017
TIC441725813 27827 + 177 5.463 £+ 0.028 134 +2 647 + 26 267.93 +1.63 Su2024
KIC2697388 24165 £ 77 5.31 £0.012 275.96 £ 19 218.38 £+ 38 240.06 £ 0.19 K2017
UYSEX 33030 £+ 220 5.867 £+ 0.006 - 470 £+ 80 - R2020
KIC2991276 33900 £ 200 5.82 +0.04 - 1840 + 33 - 02014a
V585PEG 28000 + 1200 5.383 £+ 0.004 - 1662.94 + 68.7 - R2023
PG1219 + 534 34258 170 5.838 £0.03 - 331.54 £ 10 - VG2018
EPIC211779126 28557 £ 82 5.396 £ 0.012 - 707 4+ 230 256 =5 B2017
KIC5807616 27730 £+ 270 5.552 £0.041 - 257.77 £ 6 241.48 £ 0.26 Krz2015,VG2010
KIC10139564 31859 4126 5.673 £0.026 - 452 + 30 - B2012

Notes. The last column is a label for the source reference given as follows: VG2010; V. Van Grootel et al. (2010), B2012; A. S. Baran & A. Winans (2012),
02012; R. H. @stensen et al. (2012), 02014a; R. H. @stensen et al. (2014a), R2014; M. D. Reed et al. (2014), F2015; H. M. Foster et al. (2015), Krz2015;
J. Krzesinski (2015), B2017; A. S. Baran et al. (2017), K2017; J. W. Kern et al. (2017), MB2017; C. Moni Bidin et al. (2017), VG2018; V. Van Grootel et al.
(2018), Z2018; W. Zong et al. (2018), L2019; M. Latour, E. M. Green & G. Fontaine (2019), R2020; M. D. Reed et al. (2020), R2023; M. D. Reed et al. (2023),
U2023; M. Uzundag et al. (2023), and Su2024; W. Su et al. (2024).
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Table C2. Same as Table C1, but for sdB stars in binary systems, including an additional column for the orbital period (Pyy).
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Name Tetr [K] log(glcms™2]) Qcore/27 [nHz] Qenv/27 [nHz] Pory [d] ATl [s] Ref.
B3NGC6791 23540+£210  5.31140.035 180.2+6.2 - - 243.87 +0.87 Sil2022
KIC2991403 27300 = 200 5.43£0.03 1123.69 + 64 - 0.4431 £ 6.25 x 1077 262.1£2.2 Pa2012,B2012
KIC11179657 26000 == 800 5144013 1564.06 + 84 - 0.3944 £ 107° 259.6 + 1.4 Pa2012,B2012
B4NGC6791 25290 = 300 5.5140.043 1258.6 £9 - 0.3985 240.3£2.9 Pa2011,8i12022,B2012
KIC7664467 27440 £ 120 5.38 4 0.02 330+ 50 - 1.5591+6 x 1075 263+ 10 B2016
KIC7668647 27700 = 300 5.54+0.03 246.26 £5 - 14.1742 £ 0.0042 248 £10 T2014
PHL457 26690 =+ 60 5.312 4 0.008 2500 =+ 16.28 - 0.31 259 +2 B2019
EQPSC 28320 & 50 5.632 £ 0.015 1230 + 3.4 - 0.80088 £ 9.7 x 1073 260 £2 B2019
TIC137608661 27960 = 100 5.4240.04 2508 £ 9.26 - 0.30058 £ 1.6 x 10~* 270.12 +1.19 Sil2022
KIC10553698A 277501130 5.452709% 282.29 +20.77 - 3.387 +£0.014 263.15 £ 10 02014b
PG0902 + 124 27287 +£77 5.465 £ 0.01 1271.88 £ 118.8 - 0.57739 £ 1.5 x 107° 252.88 +0.74 R2025
PB6373 26968 125  5.404 £ 0.018 780 = 200 - 1.3£0.02 257.6 £0.47 R2025,Kup2015
PG0101 + 039 27500 = 500 5.53 4 0.07 1322.75 £ 19.65 1345.82 + 25.03 0.569899 £ 4 x 107 2492+1.5 Ma2023,G2008,R2025
KIC11558725 27910 £ 210 5.41£0.015 256.63 & 44.38 287.91 £ 23.63 10.0545 £ 0.0048 244.45£0.32 T2012,K2018
Feige48 29580£370  5.4624+0.006  30768.5+£16359  30768.5 +1635.9 0.3762 £ 0.003 - VG2008
PG1315-123 36230170 5.6140.09 716 + 28 731.15+9 > 100 - R2019
LTCnc 26032 + 83 5.275£0.011 326.03 + 68.88 643.0 £+ 96.45 6.122 & 0.004 259.77 £0.51 R2025
V14050ri 31360 £240  5.573+0.044 - 20850 £ 1160 0.398023 £ 3 x 10 - R2020
HD265435 34300 =+ 400 5.6240.1 - 168179 +13 0.068818 £ 3.2 x 1071 - Pe2021
PG1336-018 32740 £400  5.739 £ 0.002 - 114576.83 0.1010 - €2008
PG0048 + 091 32460133 5.77003 - 2640 = 310 > 100 207.45 = 0.40 R2019

230

—0.07

Notes. The last column is a label for the source reference given as follows: TC2008; S. Charpinet et al. (2008), G2008; S. Geier et al. (2008), VG2008; V. Van Grootel et al. (2008),
Pa2011; H. Pablo, S. D. Kawaler & E. M. Green (2011), B2012; A. S. Baran & A. Winans (2012), Pa2012; H. Pablo et al. (2012), T2012; J. H. Telting et al. (2012), 02014b; R. H.
Ostensen et al. (2014b), T2014; J. H. Telting et al. (2014), Kup2015; T. Kupfer et al. (2015), B2016; A. S. Baran et al. (2016), K2018; J. W. Kern et al. (2018), B2019. A. S. Baran et
al. (2019), R2019; M. D. Reed et al. (2019), R2020; M. D. Reed et al. (2020), Pe2021; 1. Pelisoli et al. (2021), Sil2022; R. Silvotti et al. (2022), Ma2023; X. Y. Ma et al. (2023), and
R2025; M. D. Reed et al. (2025).
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