


To my parents

Since he was travelling east, he was going away from the sun at a speed of 17,500 miles
an hour. But because he was riding backward he could see the sun out the window
... The edge of the sun began to touch the edge of the horizon ... The brilliant light
over the earth began to dim. It was like turning down a rheostat. It took five or
six minutes ...Then he couldn’t see the sun at all but there a tremendous band of
orange light that stretched from one side of the horizon to the other, as if the sun
were a molten liquid that had emptied into a tube along the horizon. Where there
had been a bright-blue band surface, there was now the orange band; and above it
a wider, dimmer band of oranges and red shading off into the blackness of the sky.
Then all the reds and oranges disappeared and he was on the night side of the earth.
The bright-blue band reappeared at the horizon. Above it, stretching about eight
degrees, was what looked like a band of haze created by the earth’s atmosphere. And
above that ...for the first time he could see the stars.

Tom Wolfe, The Right Stuff
(Bantam Books, 1983)
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Abstract

This thesis examines the structure and heating requirements of the outer atmospheres
(the lower transition region, upper transition region and corona) of the five dwarfs ' Ori
(GOV), € Er1 (K2V), £ Boo A (G8V), a Cen A (G2V) and a Cen B (K0V), and the sub-giant
Procyon (F5 IV-V).

Alternative fits to X-ray spectra of ten late-type dwarfs from ROSAT are made using the
latest available versions of the radiative power loss codes of Raymond and Smith, Landini
and Monsignori Fossi, and Mewe et al.. Differences between these codes are found to arise
from the choice of atomic physics and the number of transitions included. The resulting
coronal temperatures and emission measures are found to follow correlations proposed by

Montesinos & Jordan (1993).

The lower transition region is modelled using observations made with the International
Ultraviolet FEzplorer and up-to-date atomic data. Models of the upper transition region
and corona are derived assuming a balance between the radiative and conductive losses.
Wave pressure is included in these models for the first time. Recent observations with the
Extreme Ultraviolet Ezplorer aid the choice of starting parameters. The calculations are
carried out in plane parallel and spherically symmetric geometries. The models of the lower
and upper transition region are then combined; the spherically symmetric models of the
upper transition region fit more smoothly on to those of the lower transition region than do
the plane parallel models. The new model of Procyon and new measurements of N, resolve
a previous discrepancy which led to suggestions that emission in the transition region is
restricted in area.

The heating requirements are examined. In the five dwarfs, but not in Procyon, the con-
ductive fluxes at the base of the upper transition region are found to exceed the radiative
energy losses for the layers immediately below. In Procyon, it is shown that acoustic wave
heating is a viable mechanism for heating the lower transition region and corona. while the
correlation of coronal properties with the dynamo Rossby number suggest that magnetic
heating models are more likely for the five dwarfs.
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Chapter 1

Introduction

§1.1 Qverview

The overall objectives of my research have been to model the structure of the transition
regions and coronae of late type stars in order to investigate the heating requirements of
these regions. Such detailed studies of a few stars will help to understand how the coronal
parameters and heating depend on the stellar parameters, including rotation rates and

convection zone structure.

Observations of emission line spectra with the International Ultraviolet Explorer (IUE) have
shown that all main-sequence stars between spectral types F5 V to M5 V have ultraviolet
spectra similar to that of the Sun (Jordan & Linsky, 1987). I set out to examine five such
stars, (namely, x! Ori (GOV), € Eri (K2V), £ Boo A (G8V), a Cen A (G2V) and a Cen
B (K0V)), for which it is possible to obtain high quality IUE and X-ray spectra. These
stars are important in understanding a range of correlations observed from a larger sample
of stars for which only more limited observations are possible. Three of these stars (y!
Ori, € Boo A and ¢ Eri) have measured surface magnetic fields and filling factors (Saar,
1987; Marcy & Basri, 1989). Earlier models were made by Jordan etal. (1987), but since
then new observations of coronae in the X-ray and extreme ultraviolet wavebands have
been made with the ROentgen SATellit (ROSAT) and the Extreme Ultraviolet Explorer

(EUVE). My aim has been to compute improved models of the lower transition regions and

new models of the upper transition regions and coronae of these stars. A well-observed
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slightly evolved star. Procyon (o CMi, I'5 [V - V) was also examined, for comparison with

the five dwarfs.

In order to put the work of this thesis into a more general context, the remainder of this
chapter presents a brief overview of the development of studies of stellar transition regions

and coronae, starting with the Sun.

§1.2 The Sun

The Sun (G2V) is the most thoroughly studied star merely because of its proximity to the
earth, which allows observations to be made with high spectral and spatial resolution, and
hence detailed investigations of its atmosphere. Studies of the Sun provide results that can

be applied to the interpretation of the properties of other main-sequence stars.

1.2.1 The Structure of the Solar Atmosphere

The overall structure of the Sun is illustrated in Figure 1.1.

The Photosphere

This is a dense and opaque layer of plasma which is only ~ 550 km thick but is the source of
the bulk of the emitted radiation. Its spectrum consists of a continuum with superimposed
dark absorption lines. High resolution photographs show a granulation network, which is
due to the outflow of plasma from the tops of small convection cells (~ 700 km) that are

overshooting from the upper convection zone.

Owing to the presence of a magnetic field (Beckers, 1976; Howard, 1977), the photosphere

contains rapidly evolving, small magnetic elements which distribute themselves in large

scale patterns in the form of:
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Figure 1.1: The solar structure, indicating the sizes of the various regions. The temper-
atures are expressed in units of degrees K, and the densities in kg m™. The thickness of
the chromosphere and photosphere are not to scale and recent models place the base of the
convection zone at ~ 0.70 Rg rather than 0.86 Rg. The average thickness of the chromop-
shere is also an over-estimate and a more realistic value would be ~ 2.0 Mm. (From Priest,

1982).

1. Sunspots: these form from large concentrations of magnetic flux.

Do

Plage regions: These are regions of high magnetic flux surrounding sunspots.

3. Large-scale unipolar areas: These contain elements of predominantly one polarity;

they are exceptionally long-lived and can extend over several 10° km in latitude and

longitude.

4. Supergranulation fields: these are concentrations of magnetic flux found in supergran-

ule boundaries (see below). They are made up of small flux (< 700 km) tubes of field

strength 1-2 kG.

Ephemeral regions: they are small (~ 700 km) bipolar magnetic regions which corre-

Ut

late in position with coronal bright points.
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vertical jet-like structures (known as spicules) which appear above a height of ~ 2000 km
(Withbroe. 1983). The upward mass flux carried by the spicules (averaged over the solar
surface) lies in the range 4 to 8x107® g cm™? s~!. Since the mass loss due to solar wind is
2

3x107'" g cm™ s7', most of the spicular material falls back to the chromosphere (Beckers.

1972; Athay, 1976).

The Transition Region

This region is a relatively narrow layer that separates the chromosphere from the corona,
and 1s characterised by its very steep temperature gradient where the temperature increases
from ~ 2x10* K to ~ 10° K in only a few thousand kilometers. Typically, transition region
models show that the temperature jumps from 3x10* K to 3x10° K in only 30 km, while the
increase from 3x10° K to 10° K occurs over 2500 km. The average height of the transition

region at ~ 10° K in the quiet sun was found to be 1700 4 800 km (Burton et al., 1971).

Resonance lines such as those of C [V (~ 1548 A) and Si IV (1400 A), which are formed
at temperatures ~ 10° K, are typical indicators of a transition region. Observations of the
solar transition region in EUV and soft X-ray wavelengths also show evidence of spatial
structures; the supergranulation network pattern appears in lines formed up to ~ 5x10° K
(e.g. Ne VII), but disappears in the Mg X line which is formed at ~ 10°® K. This pattern
consists of bright network elements and darker cell interiors, whose contrast varies with
temperature, which implies that the relative contribution of the network to the spatially
averaged emission in each line must also change with temperature. Reeves (1976) found
that the quiet solar network contributes ~ 60% of the total intensity of lines formed at

temperatures ~ 10* K, ~ 75% for those formed at ~ 2x10°> K and ~ 50% for lines formed

above 10° K.

The Corona

Grotrian (1939) suggested that the red emission lines at 6374 A and 7892 A, which were ob-

served in coronal spectra, were due to forbidden transitions in Fe X and Fe XI respectively
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and this was later confirmed by Edlén (1942). These findings showed that a high temper-
ature existed in the corona. Since the thermal radiation of the photosphere cannot lead
to an electron temperature of ~ 10° K in the corona, this implied that some non-thermal

mechanism must heat the corona.

Early calculations of the coronal temperature were made assuming that for each stage of
tonisation the collisional ionisation rate equals the radiative recombination rate. This gave
lower values than those implied from radio observations. This discrepancy was resolved by
Burgess (1965) who showed that di-electronic recombination must be included in the total
recombination rate. This increased by a factor of 2 the temperature at which for coronal
ions the collisional ionisation rate balanced the recombination rate, leading to an average

coronal temperature of ~ 1.5 x 10° K, which was in agreement with other observations.

Above a height of ~ 3 x 10* km the corona becomes almost isothermal and a maximum
temperature (2 x 10% K) is reached by ~ 1Ry (Mariska, 1992). Because the magnetic
field diverges in the high transition region, it is difficult to relate coronal features to the
underlying structure of the transition region. At EUV and X-ray wavelengths loop-like
structures appear embedded in the diffuse coronal emission. These coronal loops show
the presence of relatively low-lying closed magnetic field lines which are rooted in active
regions. The magnetic field in the average corona may be associated with the fields in
the supergranulation boundaries and the remnants of the closed fields that have expanded
above active regions. In coronal holes, which are regions of lower than average density and
temperature, the magnetic field lines are open and diverging. The latter regions are not in
a state of hydrostatic equilibrium and there is an outward flow of plasma known as the solar
wind (Hundhausen, 1972). X-ray bright points distributed across the solar disk, also show

the presence of magnetic fields in the low corona, and are associated with small ephemeral

regions of magnetic flux in the photosphere (see earlier discussion).
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1.2.2 The Role of Magnetic Fields

Magnetic fields are observable at photospheric levels and emission in the overlying at-
mosphere tends to be enhanced where the fields are strong. Wave and energy can be
transported along the magnetic field lines which hence play an important role in heating
the stellar atmosphere (IXopp, 1972; Gabriel, 1976a). The generation of magnetic fields is
thought to occur at the base of the sub-photospheric convection zone by the interaction
ot convection and differential rotation, through dynamo action. At the photosphere of the
quiet Sun, ~ 90% of these fields clump into discrete elements within supergranule bound-
aries in the network (Stenflo, 1989). These fields can only be confined in the photosphere
where the pressure is ~ 10° dyn cm™?2 (Vernazza et al., 1981). However, the density and the
pressure decrease with increasing height and this causes an imbalance between the magnetic
and gas pressures; as a result a confined flux tube in the photosphere will expand in layers

above.

For a unipolar magnetic field, Gabriel (1976a) developed a model where the field expands
with height until the elements fill up the available volume as shown in Figure 1.3. If the
neighbouring filaments are of opposite polarity, loop-like structures are likely to develop

but expansion will still occur as they arch up into regions of lower density.

§1.8 The Outer Atmospheres of Stars

The presence of coronae in stars other than the Sun became apparent from rocket observa-
tions which detected low-luminosity X-ray sources associated with nearby stellar objects.
One of the first stars to be identified as having a corona was Capella (Catura, Acton &
Johnson, 1975), but later observations have shown that all types of main-sequence stars
with spectral type classification later than I'0, possess hot coronae whose temperatures

exceed 10 K. Figure 1.4 shows the distribution of stars on a Hertzprung-Russell (H-R)
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Figure 1.3: The magnetic field geometry (from Gabriel, 1976a).

diagram that have (7) transition regions and hence coronae, and (i) those that only have
chromospheres. Although more recent observations have changed the details of this dia-

gram, it shows that coronae in evolved stars are mostly restricted to spectral type I and

G.

An outer convection zone (i.e. a region of convective turbulence which for the sun lies
above a radius of 0.70 Rg) in stars of spectral type F, G, K and M, was found to be an
indicator of the existence of a chromosphere by Béhm-Vitense & Dettman (1980). They
also found that a dividing line exists between stars with and without an efficient hydrogen
convection zone, which corresponds to the red boundary of the Cepheid instability strip
in the H-R diagram. This is supported by the fact that the characteristic chromospheric

Ca II and Mg II k emission occurs beyond the red side of this boundary (Bohm-Vitense &

Canterna, 1974).

The spectral type of main-sequence stars is related to their convection zones properties:
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Figure 1.4: H-R diagram indicating the position of stars that show spectroscopic evidence
of chromospheres and/or transition regions (Linsky, 1980). Stars with transition regions
are found in the region which is outlined by solid lines.

the later types have deeper convection zones relative to their radii. According to dynamo
theory, magnetic fields are generated through the stellar rotation, differential rotation and
convection (Gilman, 1983). For a given rotation period, stars of a later spectral type
should have stronger dynamo action and magnetic fields, and larger magnetic surface fluxes,
reflected through higher chromospheric, transition region and coronal emission. However,

for a given spectral type, faster rotators should have the stronger emission, as observed.

The increase of the depth of the convection zone relative to the stellar radius causes an
increase in dB/dt. Rutten (1986) found that dwarfs with B — V' > 0.4 and giants with

B —V > 0.5 to 0.6 have a convection zone that is thick enough to sustain dynamo action.

§1.4 Observations of Chromospheres, Transition Regions
and Coronae

Many technological developments have been made in the context of instruments for obser-

vations of the Sun in the UV, EUV and X-ray regions. Here, I summarize the principal
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results from satellites and instruments that have been used for stellar observations, up to

those made with ROSAT, which are discussed in Chapter 2.

Although various rocket flights (e.g. Skylark) and satellites (e.g. HEAO-1, the Astro-
nomical Netherlands Satellite (ANS)) were used to detect X-ray emission from some stars.
the first extensive observations were made with the Einstein Observatory (Giacconi et al.,
1979). The Imaging Proportional Counter obtained low spectral resolution observations
(essentially broad-band), for which it was possible to estimate coronal temperatures as
well as total average coronal fluxes. Vaiana et al. (1981) carried out an extensive stellar
survey using observations made with Einstein, and found that X-ray emission appeared
to be characteristic of some main-sequence stars, pre-main sequence and late-type giants
and supergiants of type ~ G, and of stars in close binary systems. Throughout the main-
sequence (later than F0), the data showed a range of X-ray luminosities covering ~ 3
orders of magnitude. A comparison of these data with theories of coronal heating by acous-
tic waves, showed that this mechanism is inadequate. The observed correlations between
coronal properties determined from X-rays and stellar rotation rates and convection zone
properties, suggest that magnetic fields are the cause of coronal activity. Observations of

the coronae of late-type stars were also made with EXOSAT in the wavelength range of 20

- 200 A.

Observations of stars in the ultraviolet were made with some rocket flights which observed
the Mg II h & k lines, and with the Copernicus and TD-1 satellites, which observed the
H Ly-a line. The first evidence of material at transition region temperatures came from
observations of Procyon with (i) Copernicus, which detected the O VI (1032 A) line at
~ 3 x 10° K (Evans, Jordan & Wilson, 1975), and (ii) TD-1 which detected C IV (1550 A)

emission formed at 2 x 10° K (Jamar Macau-Hercot & Praderie, 1976).

The International Ultraviolet Exzplorer (IUE) satellite, which was launched in 1978 and is

still operating, has been used to observe an extensive number of stars at low resolution
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(6 A) in the wavelength range between 1200 - 3000 A. These observations have enabled
the properties of chromospheres and transition regions of late-type stars to be studied as a
function of spectral type and luminosity class. The brighter late-type stars can be observed
with the high resolution capability of IUE (~ 0.2 A), including all the stars that are
examined in this thesis (see Brown & Jordan, 1981; Ayres et al., 1983; Jordan et al., 1986;
Jordan et al., 1987). Observations at high resolution allow the profiles and/or widths to be
measured for the stronger lines, as well as the line fluxes. Properties of stellar chromospheres

and transition regions derived from early observations with [UE are discussed in the review

by Jordan and Linsky (1987).

Observations with the Goddard High Resolution Spectrograph (GHRS) on the Hubble Space
Telescope (HST) should improve measurements of line widths. In the last few years, ROSAT
and the Ezxtreme Ultraviolet Ezplorer (EUVE), have completed the first ever all-sky surveys
in the EUV waveband. Observations made of the five dwarfs and Procyon are discussed in

Chapters 3 and 4, respectively.

8§1.5 Fluz Correlations

Correlations have been made between stellar rotation rates and chromospheric emission (Ca
[T H and K lines) for stars with convection zones (Kraft, 1967), which are in turn linked
to the magnetic activity found on the surface of these stars (Parker, 1978). Pallavicini
et al. (1981), extended these relations to coronal activity. Chromospheric, transition region
line fluxes from IUE and X-ray fluxes from Finstein, have allowed further correlations to
be made between these fluxes (known as fluz - fluz correlations), that are independent
of spectral type or luminosity class (see Ayres, Marstad & Linsky, 1981; Oranje, Zwaan
& Middlekoop, 1982; Oranje, 1986; Schrijver & Rutten, 1987). Correlations between the
stellar rotation period II,,; and line fluxes (known as flur - period correlations), do show

a colour dependence for dwarf stars, as was found by Mangeney & Praderie (1984), Noyes
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et al., (1984), Vilhu (1984), Simon. Herbig & Boesgaard, (1985), Simon & Fekel, (1987),
Maggio et al., (1987), and Dobson & Radick, (1989).

Jordan & Montesinos (1991) and Montesinos & Jordan (1993) extended the correlations to
coronal parameters and the observed surface magnetic fields and filling factors. They found
that for stars of the same spectral type, the fast rotators exhibit larger surface magnetic
fluxes, filling factors and implied coronal magnetic fields; however. in the fast rotators a

smaller fraction of the surface magnetic flux extends to the corona.

While studies of correlations are valuable in showing the general trends in coronal properies,
to understand these in terms of the structure and energy balance in the atmosphere requires
detailed modelling of individual stars, as well as measurements of B-fields an‘d filling factors
for a larger sample of stars. Improving the models of a few well-studied stars (see Chapter
3) has been the main motivation of the present work. In Chapter 2, some of the correlations
found by Montesinos & Jordan (1993) are investigated in relation to the sample of stars

whose ROSAT observations are analysed in this work.

§1.6 Heating Mechanisms

The ultimate aim of modelling the outer atmospheres of cool stars, is to answer the most im-
portant question concerning the heating of chromospheres and coronae: what mechanism/s
transport the energy from the convection zone and dissipate it in the outer atmosphere?
Initially, it was thought that sound waves were responsible for coronal heating (Biermann,
1946; Schwarzchild, 1948), but it was later shown that such a mechanism was incapable of
sustaining an energy that was high enough to heat the solar corona (Athay & White, 1978,
1979). Attention then focused on Alfvén wave heating (Hollweg, 1982) and heating by the
energy released by the reconnection of magnetic fields (Parker, 1983). It is thought that

Alfvén waves originate at the supergranulation boundaries and the strong concentration
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of magnetic fields allows them to penetrate into the photosphere; they then propagate to
the corona where they arrive totally undamped and unreflected. However, Anderson &
Athay (1989) propose that the chromosphere exhibits characteristics which are compatible
with heating by sound waves while magnetic fields are more likely to be responsible for
heating the corona. Narain & Ulmschneider (1990) have recently reviewed the types of
heating mechanisms proposed. Since the chromospheric emission is concentrated to the
supergranulation network, it is possible that both acoustic and MHD waves are playing a

role.

The mechanisms that are responsible for energy loss are:

1. Radiation: is the principal overall energy loss mechanism.

2. Thermal conduction: This is most important mechanism for removing energy from
the corona. The energy is transported downwards to the photosphere where it is lost

by radiation, and a smaller fraction is transported in the solar wind.

3. Mass flow: This idea was proposed by Parker (1958) and is based on the theory of
conversion of the random thermal energy of the stellar atmosphere by a stellar wind in
isothermal equilibrium, into potential energy as well as an outwardly directed kinetic
energy of the plasma. Beyond a critical point, the plasma has enough energy to escape

from the corona. A comprehensive introduction is given in Brandt (1970).

While radiation is the main mechanism for energy loss for the chromosphere, all three
mechanisms are responsible for the energy lost from the solar corona. In the quiet Sun, the
coronal radiative losses are typically 10° erg cm™ s™! (Withbroe, 1976) while solar wind
losses are an order of magnitude lower. The energy that is conducted down from the corona
to the lower atmospheric layers is ~ 4.4 x 10 erg cm™? s™! (Gabriel, 1976b), hence 1t 1s

clear that conduction is the dominant energy loss mechanism from the average corona.

Possible energy input mechanisms are:
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L.

[N}

4.

Dissipation of magnetohydrodynamic (MHD) waves: Hollweg, Jackson & Galloway
(1982), showed that waves (which originate in the sub-photospheric convection zone),
with periods smaller than a few minutes steepen into fast (longitudinal) and slow
(acoustic, guided along the field) MHD shock waves in the chromosphere. They
proposed that the fast waves dissipate and heat the coronal plasma as they propagate
outward. [t is believed that slow MHD waves (Bierman, 1948; Ulmschneider, 1971),
are responsible for chromospheric heating. Alfvén (1947) first suggested that the
corona may be heated by Alfvén waves and Withbroe (1988) found evidence of their
presence 1n the solar wind. However, the extent to which they can heat the corona 1s
not yet certain as there are insufficient observations of non-thermal line widths above

2 x 10° K to derive the non-thermal fluxes as a function of temperatdre.

Dissipation of energy stored in magnetic fields: Coronal heating is thought to be a
consequence of this process through magnetic reconnection. Convection in the layers
below the photosphere continually twist and displace the footpoints of the magnetic
fields which results in the random twisting of magnetic field lines around each other,
and this transfers the work done at the footpoints into energy dissipated in the corona
(Parker, 1983). At the interface between two magnetic fields of opposite polarity, a
current sheet is formed whose pressure at the centre greatly exceeds that outside and
this forces an outflow of plasma from the sides of the sheet at the Alfvén speed. As
a result, the magnetic field lines of the two flux tubes connect and a large amount
of energy is released as a consequence of the energy of the system being reduced and

converted to kinetic energy of the plasma. This is known as magnetic reconnection.

Thermal conduction: heating of the low transition region and perhaps the upper
chromospheric layers can occur via thermal conduction of coronal energy which is

conducted downwards. (In solar flares conduction certainly penetrates down to the

chromosphere.)

Mass flow: It is possible to heat the chromosphere by the energy released from down-
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talling coronal material. Athay & Holzer (1982) suggested that the quasi-steady
downflow of spicular material may be a possible secondary source of heating of the
upper chromosphere, by converting the gravitational potential energy that was gained
during the upflow into thermal energy. At the base of the spicules, this energy was
calculated to be ~ 10° erg cm™ s~!. which is comparable to the amount radiated
at the base of spicules in the upper chromosphere. In order to release this energy,
the spicules must be heated to heights >15 000 km. It has also been suggested that
if sufficient heat 1s added, the spicules may be responsible for maintaining the high
temperature of the corona. The heating rate must be slow enough so as to allow
the spicular material to expand in pressure equilibrium with the corona. However,
there is no observational evidence that significant amounts of spicules are heated to

coronal temperatures. It is therefore unlikely that mass flow acts as a major heating

mechanism.

§1.7 This Thesus

The starting point in the analysis of low resolution X-ray spectra is to compare them with
the predictions of plasma emissivity codes that attempt to take into account the dominant
atomic processes in solar-like stellar coronae. Several such codes have been developed. I
carried out a detailed investigation of three in common use (those of Raymond & Smith.
1992 (private communication), Landini & Monsignori-Fossi, 1993 (private communication),
and Mewe, Gronenschild & van den Oord, 1985). Often, these codes are used as a ‘black box’
in spectral analysis packages, with little consideration of the atomic physics contained in
this thesis. This analysis has allowed me to understand the differences between the results of
spectral fitting and the limitations of the codes. Some systematic differences are noted and
discussed. The reduced X-ray data from ROSAT observations of ten stars are then fitted
to radiative power loss codes using one and two temperature fits and continuous emission

measure distribution fits. so as to obtain coronal emission measures and temperatures.
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These are then compared with the correlations proposed by Jordan & Montesinos (1991)

and Montesinos & Jordan (1993). The above work is covered in Chapter 2.

Adopting the line fluxes from previous IUE observations (Brown & Jordan, 1981; Ayres
et al., 1983; Jordan et al., 1986; Jordan et al., 1987), and using updated atomic data
and abundances, | have derived emission measure distributions for the transition regions
of five dwarf stars and written a new code to give an optimum fit to the observed fluxes.
The coronal emission measure distribution is derived using the ROSAT data, and EUVE
data where available. The coronal temperatures and emission measures provide boundary
conditions for the subsequent modelling. Immediately below the corona, I assume a balance
between the energy deposited by thermal conduction and that lost by radiation. Models are
computed for plane parallel and spherically symmetric geometries, and are then compared
to the observations. The models are made in hydrostatic equilibrium, and unlike earlier
ones, take account of wave pressure. The models of the transition regions and coronae are
then combined using an iterative procedure to give the full distribution between the corona

and base of the transition region. These models are discussed in Chapter 3.

X-ray and UV observations of the subgiant Procyon (e CMi F5 IV-V) have been used to
model its outer atmosphere following the same procedure adopted for the five dwarfs, and
this work is presented in Chapter 4. There are differences between Procyon and the five

dwarfs which probably relate to its lower surface gravity and shallower convection zone.

Chapter 5 discusses the implications of the results, draws some final conclusions and makes

suggestions for future work.



Chapter 2
X-Ray Data Analysis

§2.1 Introduction

Observations at X-ray wavelengths are required in order to determine the physical condi-
tions in the corona and upper transition region. Ten late-type dwarfs and a subgiant have
been observed with the Position Sensitive Proportional Counter (PSPC) instrument on
ROSAT (see Section 2.2.2), as part of Jordan’s guest investigator programme. The PSPC
observations of the dwarfs x! Ori (GOV), ¢ Eri (K2V) and ¢ Boo A (G8V) and the subgiant
Procyon (F5 IV-V), (which are modelled in Chapters 3 and 4), have been complemented
with the EUV all-sky survey observations (Pounds et al., 1993), made with the Wide Field
Camera (WFC) on ROSAT, and are discussed in Section 2.2.3. Since there are no PSPC
pointed observations of @ Cen A & B (G2V and KOV), the WFC observations have been

used to deduce their coronal parameters and these stars are modelled in Chapter 3.

The above observational data have been reduced and several types of fits have been made
to the spectra using radiative power loss codes. Quite often, these codes are used as ‘black
boxes’ in spectral analysis packages with little consideration of the atomic physics contained
in them. In order to understand the potential uncertainties and limitations of these fits, 1

have examined three of the most widely used codes. which are discussed further in Section

2.4,

Section 2.3 gives a brief account of how the raw data were reduced and analysed, while the

17
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spectral fitting is described in Section 2.5. The results obtained from the analyses are pre-
sented in Section 2.6. some conclusions are drawn, and comparisons are made between the
present results and the correlation functions of Jordan & Montesinos (1991) and Montesinos

& Jordan (1993).

§2.2 The ROSAT Observations

2.2.1 The Stars Observed

The stellar parameters of the stars that were observed with the PSPC and WFC are given
in Table 2.1, while a log of the PSPC observations is given in Table 2.2. The stars x* Ori, €
Eri, £ Boo A, a Cen A and B are referred to as the five dwarfs, since they were the subject
of earlier studies by Ayres et al. (1983) and Jordan et al. (1987).

2.2.2 The Position Sensitive Proportional Counter (PSPC)

The PSPC detector operates in the energy range 0.1-2.4 keV and has a moderate energy
resolution of 43% at 0.93 keV and an on-axis spatial resolution of ~ 25 arcsec (FWHM). A
Boron filter could be optionally inserted in the optical path of the PSPC instrument during
the observations. (The filter has little transmission between 0.188 keV and 0.280 keV and
so excludes the low energy channels.) For a detailed description of ROSAT and the PSPC
instrument see the document titled ‘ROSAT AO-2 Technical Description’, (1991). (A brief

description of this instrument is given in Appendix A).

Several problems have been associated with the detector which have consequently affected

the observations and these and the spectral fitting of the data are described below:

e A synchronization problem in the timing of individual PSPC events affected all data

after 25th January, 1991, which was due to a tumbling incident of the satellite.
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Table 2.1: Stellar Parameters.

HD Star Sp.Type d(pc) B-V R.(Ras) logg.(cgs) R,
22049 € Er L2V 3.30° 4+0.88¢  0.82%! 4.75° 0.52™
165341  700phA INO% 5.00° 40.86  0.857 4.50" 0.93™
201091 61 CygA K5V 3.40° +1.18*  0.744 4.62" 1.55™
39587 ! Ori Gove 9.90° +40.59%  1.20* 4.39" 0.61™
45088 OU Gem K3V9 12.00* +0.969  0.33¢ 4.53" 0.33™
20630 k Cet Gs5Ve 9.30° +0.68%  0.93¢ 4.43" 0.69™
61421 Procyon F5IV —V® 3.40* +40.76°  2.05° 4.00¢ —
131156 £ BooA G8V* 6.90° +0.42°  0.76¢ 4.58%  0.35™
115404 — K2ve 12.00* +0.94¢  0.84¢ 4.53" 0.84™
152391 — G8Ve 16.00* +0.76°  0.62° 4.46" 0.62™
155886 36 Oph Kove 5.40° +0.86*  0.85/ 4.50" 0.96™
1286207 o Cen A G2Ve 1.34* +0.71*  1.10% 4.40¢ 1.99™

1286211 aCen B KOVe® 1.34° +0.88¢  0.757 4.65¢ 1.23™

* Hoffleit (1982).

® Drake & Smith (1993).

¢ Steffen (1985).

¢ Smith, Edvardsson & Frisk (1986).

¢ Saar (1987).

/ Basri (1987).

9 Saar & Linsky (1986).

" Gray (1976): log g. = 4.17+0.38(B = V)
i Flannery & Ayres (1978), for mass.

J Kamper & Wesselink (1978), for mass.
¥ Ayres et al. (1983).

! Kelch (1978).

™ Montesinos & Jordan (1993).

+ ROSAT observations of these stars have been made only with the Wide Field Camera
and thus do not form part of the main PSPC analysis in this chapter. Their parameters
have been shown as they are modelled using the WFC data in Chapter 3.
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Table 2.2: Dates of observation and net exposure times for the PSPC observations used
in this analysis.

Star Proposal First Dateof Last Dateof Net Exposure B — Filter
ID Observation Observation Time (s) Status

¢ Ert UK200446 FP  23/01/1992 24/01/1992 3088 on

70 0ph Ay,  UK?200792 05/03/1992 05/03/1992 748 on
700ph A, UK200792 —1 17/03/1993 17/03/1993 1967 on
61Cyg A UK200793FP  02/05/1992 02/05/1992 4982 on
x! Ori UK200794FP  04/03/1992 04/03/1992 5274 on
OU Gem  UK200795FP  27/03/1992 28/03/1992 3464 on
kCet UK200796 FP  24/01/1992 24/01/1992 2166 on

£ Boo A C A150090 F 22/07/1990 23/07/1990 4388 on

£ Boo A C' A150090 22/07/1990 23/07/1990 533 of f
HD 115404 UK?201372FP  11/07/1992 11/07/1992 3649 on
HD 115404 UK201372P 11/07/1992 11/07/1992 1710 of f
HD152391 UK?201371FP  08/09/1992 09/09/1992 2968 on
HD 152391 UK201371P 08/09/1992 08/09/1992 2022 of f
HD 155886 UK?201373FP  22/09/1992 22/09/1992 1450 on
HD 155886 UK201373P 21/09/1992 22/09/1992 1824 of f
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¢ In October 1991, the PSPC developed a slightly higher background rate which ex-
tended over the whole sensitive area of the detector, but was restricted to the lower
pulse height channels. A hot spot was also observed near the edge of its field of
view. and this resulted in a count rate increase from 107> to 1072 counts/sec over the
preceding six month period. This effect was reduced (by a factor of 2) by switching
to another gas supply tank on the detector. As a result, an unwanted 30% drop in
the gain of the PSPC occured, which raised the lower cut-off energy of the detector
from 70 to ~ 100 eV. Owing to this, the X-ray spectra below Pulse Height Amplitude

(PHA) channel 18 (of a total of 256) have an increased background.

e Owing to the ‘wobble’ in the movement of the satellite which compensates for the
permanent point source occultation due to the wire mesh window support system
on the PSPC, wing-like structures appear at the edges of soft X-ray point source
images. These consequently led to a degradation in the PSPC images (Nousek &
Lesser, 1993) and are known as ‘electronic ghost images’. It is thought that they are
partially responsible for the widespread spectral fitting problems associated with the

first three channels of the PSPC data.

e Further, the spectral response of the PSPC changed non-linearly with time (see
ROSAT Status Report #6/), and this variation caused a shift of the pulse-height

distribution to lower channels (Hasinger et al., 1994).

In order to minimise the errors that have been introduced in the data, the data analysis was
restricted to the energy range 0.2-2.0 keV. These instrumental problems can in principle

affect interpretation of the results, and this should be borne in mind.

2929 QObservations with the Wide Field Camera

The University of Leicester proposed a Wide Field Camera (WFC), to fly with the X-ray

telescope on ROSAT. which would enable observations to be carried at lower energies (EUV.



82.2: The ROSAT Observations 22

Table 2.3: Properties of the S1 and S2 filters on-board the WFC. (From Pounds et al.,
1993).

Filter Composition Energy Wavelength
(eV) (A)

1 C'/Lexan/B 90 — 206 60 — 140
52 Be/Lexan 62 —110 110 — 200

10-200 eV). Although the WFC was an independent instrument, it relied on ROSAT for
power, data storage and telemetry. The optics of the instrument were made of a three-fold
nested Wolter-Schwarzchild telescope with an aperture of 58 cm and focal length 52.5 cm. In
order to define the wavebands in which the instrument was to operate more accurately, two
filters (S1 and S2) were used whose properties are described in Table 2.3. A comprehensive
description of the WFC has been published by Wells et al. (1990), which covers the in-
orbit performance of the instrument as well as calibration data. The WFC successfully
completed its survey from 30th July 1990 - 25th January 1991, and covered 96% of the
sky, while observations of the remaining 4% were made in August 1992. A reduction of the
all-sky survey data is presented in the WFC Bright Source Catalogue (Pounds et al., 1993)
and this includes detections of the five dwarfs and Procyon all of which will be modelled
in Chapters 3 and 4 respectively. The count rates for these stars and their respective
lo errors are listed in Table 2.4, and these are the values I used to analyse the WFC
observations. Pye et al. (1995), have reprocessed the results of the initial all-sky survey
and these are also listed in Table 2.4, and with the exception of € Eri and £ Boo A, are
to within + 20% of the results of Pounds et al. (1993). The data were analysed using
XSPEC and the Raymond-Smith and the Landini-Monsignori Fossi spectral emission codes
for one temperature (hereafter 1T) fits. (Two temperature (2T) fits cannot be carried out
statistically for WFC data as there are an insufficient number of free parameters; i.e. there

are two energy bins corresponding to each of the two filters).

The results are discussed in Section 2.6.
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Table 2.4: Count rates and lo errors for each of the WFC filters in counts per kilosecond as
quoted in The WFC Bright Source Catalogue (Pounds et al., 1993), as used in the analyses
in Chapters 3 and 4. The numbers in brackets are the reprocessed count rates and their
errors from Pye et al., 1995 (see text).

Star Sla error S2a error
(counts/ks) (counts/ks)

\POri A7 (47) 6 (6) 36 (36) 9 (7)

€ Er 110 (84) 18(13) 254 (83) 74(25)

£ Boo A 28 (45) 5 (7) 60 (70) 8 (9)

aCen A& BT 123(125)  10(10)  248(287)  14(15)

Procyon 101 (115) 8 (9) 210(191) 14(14)

i The a Cen binary system was not resolved by the WFC and the observed number of counts
1s the total number of counts from the system. The two stars are separated by 2 arcsec and

the observed total emission measure is a linear combination of the two components. The
ratio of the surface fluxes A : B ~ 0.22 (Golub et al. (1982); see Section 3.5.5 of Chapter
3).

§2.8 Reduction and Analysis of the PSPC Data

The raw data from ROSAT were reduced and analysed using ASTERIX, which is an in-

strument independent data analysis system and is available on STARLINK.

2.89.1 Data Reduction

The raw data from the PSPC instrument were converted from their original FITS to SASS
(Standard Analysis and Software System) format which allows the data to be used as input
into standard science analysis software. However, problems such as bugs in the processing
software or the need to incorporate new information in the system (e.g. the non-linear
time dependent change of the spectral response matrix of the PSPC) led to successive
data reprocessing which manifested themselves as multiple releases of SASS. The final
reprocessing of the PSPC data began on lst April, 1994 (Pisarsky et al., 1994) and has not

been completed at the time of writing this thesis. The results which are presented have
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taken into account the latest available SASS output (January, 1993).

Using the ASTERIX spectral analysis package, an image of the target star was created from
the SASS output by sorting each of the 256 energy channels. The net count rate from the
star under investigation was found by subtracting the background radiation from an area

of the image far removed from the source. This was achieved with the aid of the routine

XRTBCKBOX, which is installed in ASTERIX.

The real stellar counts were rebinned into a total of 34 PHA channels and were then folded
with the instrument response matrix so that the intensity of the sum of events in each
channel could be determined. Rebinning the energy channels was necessary in order to

produce a uniform distribution of counts and signal-to-noise along the energy channels.

2.3.2 Analysis

The data analysis was carried out using the instrument independent software packages
ASTERIX and XANADU/XSPEC (Version 8.4) (Shafer etal., 1990). The data were fitted
with the following two spectral codes, which will be discussed more extensively in Section

2.4:

1. The Raymond-Smith (RS) Code: The 1990 version of the code (Raymond, 1990)
which is the most up-to-date generally available version (Raymond, 1992, private
communication), is also installed in XSPEC (another instrument independent data
analysis package), while ASTERIX contains the 1986 version of the code (see Ray-
mond & Smith, 1977, and Raymond, 1988).

o

The Landini-Monsignori Fossi (LMF) code: This was installed in ASTERIX
(March 1993) by Dr. H. C. Pan. using the results I obtained from the 1992 version
of the code for the specified temperature range log 7. = 5.66 - 7.76 K, (see Landini

& Monsignori Fossi (1970, 1990) and Landini, Monsignori Fossi & Stern. 1985).
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The spectral fitting codes in their original form (i.e. before being installed in the spectral

fitting packages), will henceforth be referred to as stand-alone codes.

The method for fitting the various models in both ASTERIX and XSPEC is based on
the CURFIT code of Bevington (1969) which performs a least squares fit to a function
which does not have to be linear in its parameters. It uses the algorithm of Marquardt
which combines a gradient search with an analytical solution developed from linearising
the fitting function. In this case, the least squares fit is a Y? minimisation, carried out by a
combined gradient/quadratic fitting minimisation. Parameters are pegged on bounds and

are excluded from the fitting process until they are returned by the y? gradient.

If each of a total of V data points (wherei =1, 2,..., N), do not have equal uncertainties
o?, (i.e. o # 0;), then the individual standard deviations are included as weighting factors.
The weighting factor for each data point is the inverse of its uncertainty (or variance), and

1s normalised to the average of all the weighting factors, w;:

B 1/0?
v = N7 (21)

In the case of astronomical data obtained with satellites, the weighting factor which is
incorporated in the fitting procedure is due solely to instrumental errors (:.e. the response

of the instrument at a particular energy).

However, this factor yields biased results as it makes a greater effort to fit those points
with smaller uncertainties (i.e. those at higher energies) than those with larger ones, which
tend to be at low energies. This is clearly seen in Figures 2.17 to 2.22 where [ show one
and two-temperature fits using the RS code and XSPEC, to spectra of £ Boo A, x! Ori
and € Eri. (The spectra for the LMF code are similar and thus have not been shown). The
same behaviour occurs in the remaining sample of stars. Overall, the effect of the adopted
weighting factor on the fits is to overestimate the coronal temperature as most of the weight
is placed at the higher energies. As this is the only fitting method in the spectral fitting

packages. the above discussion must be borne in mind when interpreting the results of the
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analyvsis that follows.

§2.4 Spectral Models

In the absence of resolved line spectra. the modelling of low resolution X-ray spectra is
carried out using radiative power-loss codes to predict the radiation as a function of tem-
perature. The theoretical prediction is then compared with the observations to determine

the plasma parameters.

A substantial amount of detailed atomic physics is required for the modelling of low reso-
lution X-ray emission spectra from hot, optically thin plasmas. Nevertheleés, several such
models have been developed over a number of years, for example by Tucker & Koren (1971),
Landini & Monsignori Fossi (1972), Mewe (1972), Mewe et al. (1975), Kato (1976), Ray-
mond & Smith (1977) and Kaastra (1992). The differences between these calculations arise
from the different wavelength ranges covered, the number of emission lines included, the

collisional excitation rates adopted, and the ionisation and recombination rates used.

For the purposes of analysing X-ray data from ROSAT, the current calculations by Ray-
mond (1990) and by Landini & Monsignori Fossi (1992, private communication) are the
most comprehensive. The following sections give a discussion of these two codes and the

differences between them.

2.4.1 The Raymond-Smith Code

This code calculates the emission spectrum of a hot, optically thin plasma whose electron
temperature 7., is in the range 1.6 x 10° to 1.0 x 10® K. The calculations were originally
intended to apply to high temperature regions of the interstellar medium (Raymond &

Smith, 1977). A simplified flowchart of the code is shown in Appendix B.
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2.4.2  The Landini-Monsignori Fossi Code

The first version of this code (Landini & Monsignori Fossi. 1970) calculated the expected
emission from the solar corona in the spectral region of 1-100 A and for temperatures
ranging from 10° — 10° K. Since then. it has been developed to compute the radiative
losses of optically thin plasmas in the X-ray and EUV wavelength range (0.1-2000 A) and
for temperatures ranging from 10* — 10® K. A simplified flow diagram of this code is also
shown in Appendix B. The code has recently been updated (Monsignori Fossi & Landini,
1994) to improve the treatment of the strong lines of highly ionised iron, in preparation for

the analysis of spectra which should be observed from the SOHO mission.

2.4.8 Abundances

Both the 1990 version of the RS code, as well as the 1986 version which has been installed in
ASTERIX, make use of the elemental abundances as given in Allen (1973), while the stand-
alone LMF code makes use of those of Anders & Grevesse (1989). The most up-to-date
recommended abundances for the solar photosphere are those of Grevesse et al. (1992)
and Anders & Grevesse (1989), which are listed in Table 2.5. It is assumed that most,
main-sequence stars considered here have solar abundances, although a Cen A & B are
known to have have a higher metallicity: Flannery & Ayres (1978) and Smith, Edvardsson
& Frisk (1986) found that the metals are a factor 1.58 times greater than solar. More
recently, Furenlid and Meylan (1990) estimated the average metal abundance of the system
to exceed that of the Sun by a factor of 1.3, while according to Lydon et al. (1993) the Fe
abundance of @ Cen A & B is 1.7 times higher than the solar value. For the models of «
(‘en A & B in Chapter 3. I have adopted the value found by Flannery & Ayres (1978) and
Smith. Edvardsson & Frisk (1986), which is in good agreement with the result of Lvdon et

al. (1993).

[t is possible to replace the abundances in both stand-alone codes with the most up-to-date
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Table 2.5: Elemental abundances log ng, on scale where log ng=12.00. The values
adopted in the analysis are given in bold type. (These apply to all stars examined here,
except for a Cen A & B: see text).

Element (1) (11) (111)

i 12.00 12.00 ~
He 10.93  10.99 -
C 8.52  8.56  8.55
N 796 805 7.95
0 3.82 8.93  8.87
Ne 792 809  —
Mg 742 758 -
Si 752 755  —
S 720 721 -
Ar 6.90 6.56  —
Ca 6.30 6.36  —
Fe 760 7.67 7.51
Ni 6.30 6.25  —

i) Allen (1973),1i) Anders & Grevesse (1989), iii) Grevesse et al. (1992) .

values. Unlike ASTERIX, XSPEC does not make use of default abundance values, and
this allows the user to choose values for the abundances. Thus, I used the abundances
from Grevesse et al. (1992) and Anders & Grevesse (1989) and the XSPEC code for fitting
the RS model to the data. There have been a number of recent claims that the coronal
abundances are not the same as the photospheric abundances. These are based on EUVE
spectra (Drake et al., 1995) but for elements other than iron the analyses rely on weak,
blended lines. Similarly, anomalous abundances derived from ASCA spectra may arise from
inadequacies in the number of lines included in the codes (see Jordan, 1995a). Until this
matter is resolved by obtaining improved spectra, we adopt the photospheric abundances.
Further, the measurements of Veck & Parkinson (1981) as well as those of Meyer (1985),
showed that heavy elements with a high first ionisation potential (FIP) (> 10 eV) e.g. C,
N. O. and S appeared to be underabundant in the upper solar atmosphere by factors of up
to 10 compared with the photosphere. Alternatively, low FIP elements e.g. Ca, Mg, Fe and

Si. are enhanced with respect to their photospheric values. This is referred to as the FIP
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effect. No solar atmospheric structure has been discovered in which the abundances of low

FIP ions are lower than their photospheric values.

2.4.4  Treatment of lines in the stand-alone codes

One of the most important differences between the two codes is the number of lines included.

[ have also made a comparison of the emissivities of the strongest lines (i.e. those lines

whose peak emissivity exceeded 107%% erg cm~™% s7!), which depend on the ion fractions

and collision strengths adopted. Owing to the large number of lines that are involved in

these calculations, I do not give detailed comparisons, but some overall conclusions. I only

considered emission lines in the energy band 0.1 - 2.4 keV, since the PSPC is insensitive to

longer wavelengths.

1.

o

3.

Each of the codes contains an input file with wavelegths and atomic data for emission
lines that have been previously identified in the spectra of the quiet and active sun and
solar flares. Unlike the RS code, the LMF code is more systematic in this respect since
references to every identification are included in the code. Lines which are common
to both codes, but which were quoted from different sources, sometimes differ by a
few angstroms in wavelength. This complicates the comparison of the emissivities
from the two stand-alone codes. but is not important when the codes are applied to

low resolution spectra.

The RS code includes more individual lines (as opposed to multiplets) than the LMF
code. However, the latter includes lines from Na and Al which are ignored by RS. This
is not too important for the present application, since the majority of the strongest
lines that appear in coronal spectra are those of Si, e, and Ni. and those of the H-like

and He-like ions of elements more abundant than Na and Al.

The treatment of multiplets is inconsistent in both models (as well as within each

model), in that in some cases a multiplet is described only through the strongest line
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of a multiplet, while in others. the lines are grouped together in various ways.

L. Some transitions in Fe IX-XIV of the type 3d — 4p and 3d — 4f which are found
between 170 A and 70 A, have been excluded from both models and those included are
treated only schematically with crude approximations for the excitation rates. These
lines are formed by spontaneous radiative decay following collisional transitions from
3p" to 3p"~'dp and 3p*~'4f (see Figure 2.1). Jordan (1968), suggested that such
transitions could account for some unidentified lines in the solar spectrum, provided
that the 3p™ — 3p™"~'4p and 3p™ — 3p"~'4f transitions have cross-sections comparable
with those of 3p® — 3p™"~14s and 3p™ — 3p"~14d. Fawcett et al. (1972) subsequently
identified many of these transitions (which now appear in the tabulation of Kelly,
1987). Although the 3d — 4/ transitions do not add more than 10% to the strong
3p — 3d transition array (Jordan, 1968) they will result in a number of weak lines in
the range 70 - 170 A, contributing to the background. There are similar omissions

for higher stages of ionisation of iron. (See discussion in Jordan, 1995a,b).

5. The output of the LMF code gives the emissivities in wavelength bins and so it is
difficult to obtain the absolute emissivity of each line which was given in the input
file, since the lines do not occur at equal wavelength intervals. The RS code however,
outputs emissivities that correspond to each line of its input file, as well as providing

a binned format.

From the above points one can see that neither model considers emission lines in an ideal

way and from this point alone one cannot say a priort which of the codes is better.
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Figure 2.1: Configuration diagram for the 3d —4p and 3d —4f transitions in Fe IX — XV
(Jordan, 1968). The decay routes after excitations in the 3p — 4f and 3p — 4p transitions

are shown (not to scale).
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2.4.5 The Ionisation Balance
Consider a low-density plasma, where all the ions are in their ground state, then the rate
(2

of change of the population of ion i, is
dni
= ne(Qi—lni—-l + ni+1ai+1) — neni(qi + ai)

K)

.

dt
where, ¢; and «; are the 1onisation and recombination rates of ion i, and n. is the electron
) expresses the rate at which the ion

density. The first term on the R.H.S of equation (2
¢ is created from electron impact ionisations from ion i-1 and by recombinations from ion
i+ 1 while the second term is the rate at which ion 7 is destroyed by ionisations to i+/ and

recombinations to ¢-/. The sum of the ion number densities n;, must equal the elemental
(2.3)

number density ng, such that
Z
ng = Zni
1=0

where Z is the nuclear charge of the element. Assuming the plasma is in statistical equilib-

rium so that dn;/dt=0 and all ions can be taken to be in their ground term. equation (2.2
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) can be rewriten for each ion as:

NiGi = Nit1dit1 (2.4)
At sufficiently low densities the above expression is independent of the electron density and
the ionisation balance n;/ng is solely temperature dependent and can thus be calculated
for each ion. As n. increases, the di-electronic recombination rate is reduced (Summers

1974a), but this is not taken into account in the versions of the codes used. Examination

of Summers’ results shows that at coronal temperatures the density dependence is small.

In the 1977 version of RS code (Raymond & Smith, 1977), the ionisation rates were evalu-

ated using the Exchange Classical Impact Parameter (ECIP) of Summers (1974a,b)

I 1 0 € '
g; = 2.65 x 108(k;e)f YGE) [ Qle) TR de (2.5)

Xi
where, Iy 1s the ionisation potential of hydrogen, T, is the electron temperature, ((z) is
the number of electrons in the shell, x; is the ionisation potential of the :** shell, € is the
electron energy, and Q)(¢) is the ionisation cross-section in units of 7a? = 8.79 x 10™17 cm?.
The above expression has been normalised to experimental data (Burgess et al., 1977, and
Burgess & Chidichimo, 1983). On the basis of comparisons with a wider set of experimental

data, these rates are now considered to be about a factor of 2 too small compared with

those computed using the Lotz (1967) formula which is defined as follows:

Xi aikTe
i) U 29

where, A = 4x 107!, F is the focusing factor of order unity (Cox, 1970), for most instances
a; ~ 0.1, and y; is the ionisation potential from sub-shell :. The empirical formula of Seaton
(1964) (near the ion population peak) or the Lotz formula (which was aimed to account
for the decrease in ionisation cross sections at high energies where kT, > [y) give better
approximations for the ionisation rates than the ECIP approximation of Summers. Figure
2.2 is a comparison of the results found using the formulae of Lotz and Summers using results
from Si XII as an example (Raymond, 1988). The ionisation rates of Younger (1981) are

also shown and these have replaced the ECIP rates in the RS code. The ionisation rates of



Y20 Spectral Models 33

4

] [ ]
i o - - - i |
[=] o
& 8 2 & 8 g 8
lllTll‘rrrT"TYTYT"T’T’_"TIIITITlrl"r"’rl[’rlr’rf

Log lonicativn Rate

L
=
°

Il []
= E
4 S

3

ot a PSS WD U T S W S0 T N S0 WSS S S U W S0 S |

[V ] an 70 72 74 78 78 Q
log T

o5

Figure 2.2: Comparison of ionisation rates for Si XII as computed using formulae of Lotz
(1967). Younger (1981) and Summers (1974a.,b), from Raymond (1988).

Younger (1981, 1982 and 1983) use the Distorted Wave (DW) approximation which includes
a four parameter fit to the computed cross section of each ion. This deals with the details of
the atomic structure of each ion more effectively than most simpler formulae. In the cases
where DW results have not been published, Coulomb Born calculations and interpolations

have been emploved as required.

For non H-like ions, the LMF code adopts the ionisation rates in Shull & van Steenberg
(1982) which are based on the Lotz formula, while the classical ionisation rates of Mewe et al.
(1980) are used for H-like ions. Direct comparison of the 1on populations for iron computed
in the LMF code with those published by Shull and van Steenberg (1982) show considerable

differences which appear to be due to a number of errors in the latter programme.

The rates for excitation followed bv autolonisation are excluded from the calculations of RS

who claim that they do not have any effect on X-rav emission. On the other hand. LMF

compute such rates from

Crw = Aeal " Teap(=Tou/T) fly)

——
o
~1
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where T,, and A,, are fitting coefficients. A,, = (8.63 x 10¢ em™2s71)(QB/w) and Q is the
collision strength of the inner shell excitation of the ionising level, w is the statistical weight

of the lower level and B is the branching ratio for autoionisation following excitation. The

function f(y) is taken from Arnaud & Rothenflug (1985).

The recombination processes that balance ionisation are described below:

1. Radiative Recombination: This is the inverse process of photoionisation. LMF

compute this as in Shull & van Steenberg (1982), adopting
Qr = Arad(Te/104)Xrad (28)

where A,.,q and X,,4 are radiative fitting coefficients. The RS code takes a different
approach to this calculation; hydrogenic recombination is assumed for shells above
the valence shell, while for sub-shells of the valence shell other than the lowest, the
hydrogenic recombination is modified so that it corresponds to the energy of the
state. For recombinations to the ground level, photoionisation cross-sections are used

to calculate the recombination rate from detailed balance.

2. Di-electronic Recombination: RS use the General Formula (GF) of Burgess (1965)

qlt’i'

s =0.03AB fT 2 e (2.9)

where f is the absorption oscillator strength for the optical electron transition, A and
B are functions of ionic charge, and the energy of the electron transition and E is the
average energy of the doubly excited levels into which an electron is captured. This
formula was intended for electron transitions that involve no change in their principal
quantum number (An = 0). The correction factor of Burgess & Tworkowski (1976) is
included in the GF for He-like ions where there is accidental degeneracy of the orbital
angular momentum states of the ion before it recombines. The addition of this factor

to the GF gives better agreement with more detailed calculations. LMF compute ay;
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according to Shull and van Steenberg (1982) as shown below,
Qg; = AdiT_%e.’Ep(——TO/Te)[l -+ Bdieﬂfp(-—Ti/Te)] + Qs (210)

where, Ay, By, To and T; are fitting coefficients. In addition, the LMF calculation
has incorporated the correction of Nussbaumer & Storey (1983, 1986, 1987), ays, to
include dielectronic recombination at low temperatures (3.0 < log 7, < 4.8K) where
kT, < Egr, Er being the excitation energy of the first resonance transition of the
recombining ion. However, this effect is only important at temperatures much lower
than those of stellar coronae and can be ignored here; it becomes relevant in the
analysis of IUE spectra. The calculations of Shull & van Steenberg (1982) also make
use of the Burgess & Tworkowski (1976) correction factor for He-like ions. However,
they are unsystematic in the rates that they adopt. In some cases they have used
the GI' while in others they have used the rates of Jacobs etal. (1977, 1980) and
extrapolated along isoelectronic sequences as required. The latter authors found
that radiative transitions are the most important stabilization processes for ions that
recombine mainly via di-electronic recombination (DER) and calculated total DER
rates for Ca and Ni ions by taking into account the autoionisation to excited states of
the recombining ion as well as the stabilizing radiative transitions of the recombining
electron. This causes a shift in the coronal ionisation equilibrium abundance curves
to higher temperatures and as a result 1t substantially alters the relative intensities
of spectral lines as well as the total radiative emission rates at a given temperature.
Jacobs et al. (1980) point out that the Burgess formula overestimates ay; for certain

ions because it neglects autoionisation for transitions where An # 0.

In Figures 2.3 and 2.4, [ show a comparison of the resulting ion balance for Fe calculated by
Jordan (1969, 1970) and those computed in the RS and LMF codes. Since emission from
Fe ions dominates in the temperature range 10¢ — 107 K which is representative of coronal
temperatures, [ have chosen a set of Fe ions which are predominantly formed in this range.

The ion balance has been cut off where n;,,/ng < 1072 owing to the larger uncertainties
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Figure 2.3: Comparison of the ion balance (log “an) for Fe IX-XIV computed in the RS
(—) and LMF (- - -) codes as well as from the calculations of Jordan (1969, 1970) (. . .)
and Arnaud & Rothenflug (1985) (- —).
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that are involved outside this range and also because of their minimal contribution to the
emissivities. The ion balance calculations of Arnaud & Rothenflug (1985) are also shown
since these values are used in the spectral emission code of Mewe et al. (1985) (see Section
2.4.3). and they appear to be in excellent agreement with those computed by RS especially

for the higher stages of ionisation.

For Fe IX to Fe XI, the temperatures of maximum formation of the ions computed by RS
tend to be in better agreement with those of LMF than with those of Jordan (1969,1970),
where the latter exceed those of RS on average by ~ 0.1 dex. The differences can be traced
the different recombination rates used in the calculations and a detailed discussion can be

found in Jordan (1995b).

A recent version of the LMF code (Monsignori Fossi & Landini, 1994) has adopted the ion

balance of Arnaud & Raymond (1992) for Fe ions. In Fe XVII and above, these new ion

populations are very similar to those of Jordan (1970).

The treatment of di-electronic recombination remains the main uncertainty in all the cal-
culations, and is the main factor in the different results for Fe IX. In Fe XV and XVI,
jonisation by excitation followed by autoionisation should be included, and the treatment
of this i1s the main cause of the differences between the different calculations. For most
ions there are no substantial differences between the peak ion abundances calculated by the
different authors. For Fe XVIII - XXI, the calculations in the RS code are to be preferred,

owing to the reduction in the di-electronic rates made by Arnaud & Rothenflug (1985),

which is probably overestimated.

2.4.6 Continuum Radiation

In both models, the continuum emission calculations include contributions from brehmsstrahlung

(free-free), recombination (free-bound) and two-photon decay.
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1. Brehmsstrahlung Radiation: This emission is caused when an electron approaches
an ion close enough for it to be decelerated by the electric field of the ion, and this is

expressed as

1 dA
neng dA

53

=2.04 x 10720\ T 71075 < g > VA

n.,

] (2.11)

nH

~1, where the emitted power is given by A. A is the photon

in units of erg cm?® s
wavelength, Z is the nuclear charge and < ¢ > is the mean Gaunt factor which in

both models is evaluated following the method of Karzas & Latter (1961).

o

Two-photon Decay: This process is due to the decay of the 2s%S and 1s2s'S
states of H and He-like ions, whereby photon pairs are emitted whose total energy
equals the excitation energy of the level. This emission accounts for 10-20% of the
total emission in H and He-like ions provided collisional excitation to higher levels
is negligible, this process is the most important one for depopulating the 2s level.
The LMF calculations consider emission from H-like ions only according to Tucker &
Koren (1971), while RS include emission from both H and He-like ions making use
of the more widely used Gaunt factors of Mewe (1972). The two-photon spectrum is
given by

1 dA Ao Ao

o Ay 47(—)3(1 - ) (2.12)

in units of erg cm® s™! A1, where A, is the power emitted by the Ly-a transition of

the emitting ion, and ), is the wavelength associated with the Ly-« transition.

2.4.7 Line Emaission:

Both models assume that for a low density plasma. the X-ray spectrum 1s dominated by
lines excited by ion-electron collisions. LMF considers only direct collisional excitation from

the ground term. For a transition ¢ — j, the power in the line emission A;j, Is given by

Ay = 2B (nyno)Cy By By (2.13)
ngny
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where, n;/ng is the ionisation balance, ng/ng is the element abundance, E;; is the energy
of the transition and Bj; is the branching ratio when other decays from level j are possible.

The collisional excitation rate C}; is given by

ST

Qi
Cy; = 8.63 x 107°—LT,

( .

Wj

6l'p(_Eij/kTe) (214)

where w; is the statistical weight of the lower level and ;; is the average collision strength
(Seaton, 1964). Ideally, the calculation of §2;; using modern techniques should be used and
the effective value of 2;; averaged over the Maxwellian velocity distribution should be found
as a function of temperature. However, where these are not available it has been traditional

to use the van Regemorter (1962) approximation,

87T U.Jj

\/§(Eij(Ry

where f;; is the absorption oscillator strength and < ¢ > is the mean Gaunt factor, which

Qi]‘ =

))fij <g> (2.15)

has been computed according to Mewe (1972), and Mewe et al. (1985), in both RS and
LMF codes. Van Regemorter’s approximation (VRA) was intended to provide values of
);; which could not be computed in 1962. This approximation is still used today in many
calculations, sometimes unnecessarily. However, advances in computer technology have
enabled rigorous atomic calculations to be done much faster and with much greater accuracy
than was possible in 1962. These more recent calculations have shown, as was pointed out

by Sampson & Zhang (1992), that the accuracy of the VRA is limited because:

1. For transitions where An > 1, the formula omits the dominant forbidden transitions,

while it does not treat the allowed transitions with sufficient accuracy, and

2. Van Regemorter chose a value < g > at low energies which was merely in agreement
with the theoretical and experimental results for the cross sections, that were available
at the time; for higher energies (i.e. the scattered electron energy z? = E;/AE <
2 in threshold units) he used < ¢ >= 0.2. However, in cases where the allowed

transitions dominate (i.e. An = 0), one can achieve 30-40% greater accuracy by
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using a larger value for < ¢ > than van Regemorter’s choice, since at these high
energies < ¢ > is accurately represented by the expression < g >= 5‘/;5111 z*, where
2* is the scattered electron energy in threshold units. Hence, choosing < ¢ >~ 0.8
at or near threshold, and larger values at higher energies that agree with the above
expression for < g >, increases the accuracy of the VRA. Higher values of < ¢ > are

also derived from the impact approximation of Burgess (1965), as found by Jordan

(private communication).

For all inner shell transitions, RS use effective oscillator strengths such that < ¢ >= 0.2
yields collision strengths that are in agreement with those used by Tucker & Koren (1971).
Di-electronic satellite lines (¢.e. found near the He I-like ion resonance linés) are included

in the RS code but not in the LMF code.

Figures 2.5 - 2.16 show the spectra that are predicted by the stand alone RS and LMF codes
at temperatures that are typical of stellar coronae (the energy is in units of keV). It is evident
that both codes yield very similar results for the continuum. The main differences lie in
the line spectra. The number of lines included is greater in the RS code and the intensity
of the lines is systematically higher, but the LMF code gives spectra at higher resolution
at low energies. There is clearly room for improvement in both codes, to take account of

the more recent and more accurate atomic data, and the major groups are still working to

achieve this.

2.4.8 The Mewe Code

Another spectral emission code is that of Mewe & Gronenschild (1981) who calculated line
and continuum X-ray fluxes for an optically thin plasma in the wavelength region 1 - 250 A.
Mewe et al. (1985) reinvestigated the X-ray spectrum in the region 1-300 A and computed

emissivities for 2131 spectral lines in the temperature range 3x10* - 1x10° K.
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[ have used their emission code to fit the ROSAT observations for the five dwarfs and
Procyon although I have not examined the code in as much detail as RS and LMF. A briet

explanation of the treatment of the atomic data and spectral lines is presented below.

Treatment of Lines:

They have included H- and He-like lines together with their satellites for C to Ni 1ons
which dominate the short wavelength region of the X-ray spectrum (below 40 A), while for
the 170-300 A region they focused on a large number of highly stripped Fe ions. For the
lighter elements they adopted the intensities from a detailed line list published by Doschek
& Cowan (1984) for the wavelength region 10 - 200 A. For lines with wavelengths > 200
A the line list of Fawcett (1974) has been used in conjunction with the tables of Wiese et
al. (1966, 1969) for oscillator strengths and wavelengths, and Kelly and Palumbo (1973)

for wavelengths only.

Continuum Radiation:

This has been computed by taking emission from brehmsstrahlung and two-photon decay
into account. The calculations for the former process have used the method of Karzas &
Latter (1961) for computing Gaunt factors, as did LMF and RS. The approach of Mewe

et al. (1985) for the latter process, is similar to that of RS where emission from H- and

He-like ions is considered.

In the stand-alone code they have used the ionisation balance of Arnaud & Rothenflug
(1985) the abundances of Allen (1973) which in XSPEC were substituted with those of

Anders & Grevesse (1989) and Grevesse et al. (1992).

In order to compare the results of the Mewe code w.r.t. those of RS and LMF (1T and 2T
fits) the respective differences in logs of the coronal temperatures and emission measures
for these models are given in Table 2.6. There is very good agreement between Mewe and
RS (generally within £ 0.1 dex which is within error margins). One reason for this is the

agreement in the ion balance populations used by the two codes, as was discussed earlier
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Table 2.6: Logs of coronal temperature and emission measures as derived from the Mewe
spectral emission code for 1T and 2T fits. The superscripts correspond to either log TMewe
log THS or log Em™eve — log Em™ asindicated, while the subscripts similarly correspond
to the differences between the Mewe and LMF results. (The RS and LMF 1T and 2T results

are given in Tables 2.9 - 2.12).
Star T'T Em!? T1*?  Em1*7 T2*7  Em2¥
\POr 675100 28.402032 6.06509% 28.54100s 6.76700; 28.3970%:
eEri  6.32700; 28347557 621500, 28.3150%% 6.80505r 27.78%05;
£ BooAt 6.791353 28.487048 6.131033 28.69701; 6.801001 28.467037
Procyon 6.11755% 27.57F097 6.07700; 27.56707 6.5570% 26.0270:60

T B-filter status on.

in Section 2.4.5. However, when comparing Mewe with LMF, it is evident that although
the temperatures derived by the two models agree well for 1T and 2T fits to within =+ 0.1
dex (although the Mewe results are systematically higher), there is less good agreement
between the emission measures. The LMF values tend to be roughly 0.50 dex higher than

the Mewe values, indicating that overall lower emissivities have been made by LMF.

§2.5 Spectral Fitting:

The observed X-ray data were modelled with the RS and LMF codes, using several types
of fits for the temperatures. The resulting coronal temperatures and emission measures.
together with their respective reduced y?, are listed in Tables 2.6, 2.7 and 2.9 - 2.12. The

emission measures which form the output from both the RS and LMF stand-alone codes

are defined as

Em(r) = /neny dr. (2.16)

However, XSPEC operates in terms of

o
—
-1

Em(V) = /n‘j dv (2.
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Figure 2.19: The upper graphs are the 1T fits to the PSPC spectrum of y! Ori using the
RS code and XSPEC while the lower graph shows the difference between the spectrum and
the predicted model. The LHS fit is shown as a function of channel number. while the RHS
fit is shown as function of energy. The crosses are the data points. and the histograms are
the model results.
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where Em(V)A .y = {rd*Fx, and A,.s is the radiative power loss (see Section 3.5.3 of
(‘hapter 3) and F is the flux at the earth corrected for the interstellar absorption and the

instrument sensitivity,

The emission measures in [ables 2.6. 2.7 and 2.9 - 2.12 are defined as

[n2dV

Em(r) = / g = 2.
m(r) n:dr o5 (2.13)
whereas in the analyses in Chapters 3 and 4, the forms
fn,_,nH dV
Em(r) = /neny dr = mé— (219)

have been used (see Section 3.2 of Chapter 3).

1. One-Temperature Model: This is the simplest model considered as it defines
a dominant single coronal temperature T, together with its corresponding emission
measure, Em. However, the values of x? are unacceptably high and these fits do not

adequately fit the observed spectra as is illustrated in Figures 2.17, 2.19, and 2.21.

o

Two-Temperature Model: This model assigns two coronal temperature compo-
nents (7’1 and T2), together with their corresponding emission measures (Eml and
Em?2 respectively). Even though this model generally yields better fits to the ob-
served data than does the one-temperature fit (which is evident from Tables 2.9 -
2.12), this is because there are more free parameters, and the agreement may not
be any more physically significant. The temperatures should be interpreted as effec-
tive temperatures which reflect the instrumental response to a complex distribution of
fAluxes. Jordan etal. (1996, in preparation) have shown that observations of £ Boo A
with EUVE do not confirm the presence of the low temperature component found
from the PSPC data (see also Jordan 1995a). This is apparent in the XSPEC fits (see
Figures 2.18. 2.20 and 2.22). where unlike the higher temperature component. the

lower temperature component does not fit the observed counts of the unfolded spec-



§2.5: Spectral Fitting 54

trum. A further illustration is given in Chapter 3, where these results are compared

with the emission measure distribution that is obtained from energy balance models.

3. Continuous Emission Measure Model (CEM): The flux F obtained from the
spectrum was fitted using the RS code to the following expression which is the general

definition of a CEM model:

aBEm(V)9EM /TCEM

2 mCEM oy _
F(T ’E) _ d7rd? TCEM®

. T Ye(T., E)dT, ergem™2s™ keV

| (2.20)
where o is the gradient of the emission measure with temperature, 7™ corresponds
to the coronal temperature T, d is the earth-star distance in cm, and ¢(7,, F) is the
plasma emissivity as given by the RS code at a temperature T, (in units of K) and
energy E (in units of keV). The CEM fit yields a coronal temperature (7°¥M) and
its respective emission measure (Em®EM). These values correspond to an emission
measure distribution in the temperature range Tpi, < T < TCEM with gradient c.
In this instance the choice of a was determined by the constraints imposed by energy
balance (see Section 3.5 of Chapter 3) which require that a ~ 3/2. A comparison
between the (Em®EM) and (T°FM) found with respect to the 1T fits is given in Table
2.7. It can be seen that both FmCEM and TY*M are roughly a factor of 0.1 dex higher
than those found by the corresponding 1T fits, the exception being € Eri, for which

the temperatures are also significantly different.
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Table 2.7: Logs of coronal temperature and emission measures derived for the CEM model
using the RS code, with o = 3/2 (see text). The numbers in brackets correspond to either
log TCEM — log TT(RS) or log EmEEM — log Em!T(RS) as indicated. The results for the
IT (RS) fits are given in Table 2.9.

Star log T*M  log Em“*Y
\'Ort 6.75(40.14) 28.72(+40.07)
e Ert 6.62(+0.22) 28.36(—0.01)
£ BooA' 6.75(+0.09) 28.76(+0.10)
Procyon 6.26(+0.14) 27.64(+0.14)

I B-filter status on.

Absorption by the Interstellar Medium

The interstellar medium (ISM) primarily consists of clouds of ionised and neutral hydrogen,
together with a smaller proportion of molecular clouds as well as dust grains composed of
carbon, silicates and iron. Although the dust grains make up ~ 1% of the ISM mass, they
can cause considerable absorption of starlight. In particular, UV spectra of distant sources
show a strong broad absorption feature at 22004 known as the UV extinction bump, which
can be observed in IUE spectra. The reddening of the stars studied here is very small
and interstellar absorption has no significant effect on IUE spectra. Below the H Lyman
limit (911A), absorption by H is important even for stars as close as a Cen A & B. For
completeness, the interstellar absorption by both H and He has been taken into account in

all calculations. For each star, the interstellar absorption was computed as follows:

N:=niM xd (2.21)

T

where nf?M is the hydrogen column density of the interstellar medium which 1s taken as
an average value of 0.07 cm™ in the local bubble (Paresce, 1984), while d is the stellar
distance from the earth in centimeters. The values of NV, (which are frozen during spectral
fitting) are given in Table 2.8, and the resulting transmission of the ISM as used in this

analysis is shown in Figure 2.23. for N, = 7.0 x 10'7, 1.0 x 10'® and 3.5 x 10'® em™.
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Table 2.8: The interstellar absorption [V} that is adopted for each star, as computed using
equation (2.21).

Star No(em™?)

¢ Eri 7.1 x 10Y7
T00phA 1.1 x10'8
61CygA 7.3 x 107
! Or 2.1 x 108
OU Gem 2.6 x 108
r Cet 2.0 x 1018
Procyon 7.3 x 10'7
£ BooA 1.5 x 108
HD 115404 2.6 x 10'®
HD 152391 3.5 x 10'8
HD 155886 1.2 x 10'®
aCen A&B 2.9 x 107
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Figure 2.23: The transmission of the ISM for NV, = 7.0 x 10'7, 1.0 x 10*® and 3.5 x 10!®
cm™2, using the description of ISM absorption of Rumph, Bowyer & Vennes (1994). This
model accounts for H. He as well as metals, which are treated as in Morrison & MacCammon

(1983).
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§2.6 Results and Conclusions

The resulting coronal emission measures and temperatures from the PSPC observations are
given in Tables 2.6, 2.7 and 2.9 - 2.12. A comparison between the parameters that were
obtained from the two codes 1s shown in Figures 2.24 and 2.25 from which the following

general trends emerge (bearing in mind that deviations from such trends are possible owing

to the varving quality of the spectra):

1. Both T1(LMF) and T2(LMF), are systematically lower than the corresponding T'1(RS)
and T2(RS)values (see Figure 2.25). The lower component of the 2T fit for 61 Cyg
A shows a striking deviation to this pattern. This is because the RS code could
not fit a lower temperature component to the spectrum within the bounds permitted
by XSPEC; thus, the value given (log T1 < 5.97; see Table 2.11) is an upper limit
which is unrealistically low for a coronal temperature. This result is an extreme case;
however, the 2T LMF fit yields identical values for both the upper and lower com-
ponents of the emission measure and temperature (log Eml &2 = 27.03, logT'1 & 2
= 6.76 (see Table 2.12). A similar behaviour is shown in the results for 70 Oph A,
(log T1(RS) < 5.97 and log T2(RS) = 6.79, log T1(LMF) = 6.72 and log T2(LMF)

= 6.74) (For an explanation of the two spectra for 70 Oph A, see note to Table 2.9).

2. The emission measures computed from the LMF code for both 1T (Figure 2.24) and
2T fits (see Figure 2.25), are systematically higher than the corresponding values
found using the RS code. Pan & Jordan (1994) analysed PSPC spectra of CC Eri
and also found a systematic decrease in the ratio Em2(LM F)/ Em2(RS) as T2(LMF)
or T2(RS) increase. These differences are consistent with the higher emissivities found
from the RS code (a higher emissivity leads to a lower emission measure, and vice-

versa).
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Figure 2.24: Plots of the of T(RS) vs T(LMF) and Em(RS) vs Em(LMF) for 1T fits.
The solid lines indicate where log Em(RS) = log Em(LMF) and log T(RS) = log T(LMF).
Owing to the varying quality of the spectra, some stars exhibit deviations from the general
trends (see text).

A fit is considered to be good if x? < 1.0; however, the fits from the RS and LMF codes

for most cases, tend to have uncomfortably high 2.

Four stars have been observed with the B-filter both (i) on, and (i7) off. As expected,
the temperatures deduced with the B-filter on, are systematically higher, since the filter
excludes the low energy channels. However, the general behaviour of the fits with acceptable
\?, is that the emission measures and temperatures for each stellar observation in cases (i)
and (it) tend to agree to within 0.1 dex with the tendency for the former to give slightly

higher results than the latter.

From the discussion above, it is difficult to decide which code is best, as each has some
shortcomings. In Chapter 3, comparisons are made between the 1T, 2T and CEM fits (for
the RS, LMF and Mewe codes) and some results from the EUVE obserations; the question

of which code and which type of fit is best will be discussed there.
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Figure 2.25: Plots of the low and high temperature components of T(RS) vs T(LMF)
and Em(RS) vs Em(LMF) for 2T fits. The solid lines indicate where log Em(RS) =
log Em(LMF) and log T(RS) = log T(LMF). Owing to the varying quality of the spectra,
some stars exhibit deviations from the general trends (see text).
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Table 2.9: One-Temperature Fits from the RS code (1990), using XSPEC.
Star log Em(RS) log T(RS) 2 B —filter

(em™®) (K) status

e Ert 28.37 6.40 8.21 on

70 OphA,{ 28.42 6.40 1.94 on
70 OphAst 28.24 6.39 7.86 on
61 CygA 27.51 6.32 3.77 on
x! Ori 28.65 6.61 9.58 on
OU Gem 29.13 6.97 5.77 on
k Cet 28.70 6.58 2.79 on
Procyon 27.50 6.12 3.93 on
£ Boo A 28.62 6.66 15.08 on
£ Boo A 28.71 6.45 4.81 of f
HD 115404 28.39 6.43 1.65 on
HD 115404 28.49 6.40 1.09 of f
HD 152391 28.75 6.58 1.22 on
HD 152391 28.69 6.39 2.25 of f
HD 155886 28.36 6.74 2.81 on
HD 155886 28.68 6.39 7.99 of f

t The data for 70 Oph A; are from a 747 sec exposure made in March 1992, while the

data for 70 Oph A, are from a 1798 sec exposure made in March 1993, so as to complete
the requested observation time for the target. The two sets could not be combined as the
response matrix of the PSPC changed non-linearly with time as was mentioned in Section
2.2.2. Owing to the high x? for 1T and 2T RS and LMF fits of 70 Oph A;(also see Tables

o i s o e

2.9 - 2.12), only the results of 70 Oph A; have been considered.
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Table 2.10: One-Temperature Fits from the LMF code (1991), using XSPEC.

Star log Em(LMF) log T(LMF) 2 B —filter

(em™%) (K) status

e Er 28.58 6.40 9.93 on

70 Oph Ay 28.62 6.37 2.25 on
70 Oph A, 28.23 6.73 7.36 on
61 CygA 27.70 6.31 4.05 on
X! Ori 28.85 6.73 8.68 on
OU Gem 29.58 6.83 2.61 on
k Cet 28.86 6.74 2.52 on
Procyon 27.70 6.10 5.38 on
£ Boo A 28.91 6.76 12.30 on

£ Boo A 28.89 6.39 5.30 of f
HD 115404 28.61 6.39 1.79 on
HD 115404 28.68 6.37 1.13 of f
HD 152391 28.93 6.74 1.10 on
HD 152391 28.78 6.26 5.84 of f
HD 155886 28.27 6.52 2.95 on

H D 155836 28.78 6.26 8.12 of f
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Table 2.11: Two-Temperature Fits from the RS code (1990), using XSPEC.
B — filter

status

Star

e Era
70 Oph A4
70 Oph A,
61 CygA
\!Ori
OU Gem
k Cet
Procyon
£ Boo A
£ Boo A
HD 115404
HD 115404
HD 152391
HD 152391
HD 155886
HD 155886

log Em1(RS) T1(RS) log Em2(RS) T2gs) 12

(cm~?)

DO D e N e N GO Y o
AN 3 1 DO S >

N2 SR (I AR NI (U (I NI SRR I N
o
©

[\
e R Bl - IS S

[\
QO
(@R )
N

28.27
28.32
28.08

(K)

6.23
6.15
< 5.97
< 3.97
6.08
6.35
6.27
6.08
6.16
6.16
6.23
6.23
6.32
6.05
6.18
6.16

(em™)

-1
oo OO =1
-3

-1

I SR NI N N
S 3 =3
P_‘

[Nl )
O 00 ¢
—
o o

28.38
26.14
28.44
28.38
27.92
28.03
28.41
28.42
27.88
27.92

(K)

6.88
6.79
6.79
6.77
6.30
7.03
6.87
6.63
6.87
6.77
6.71
6.72
6.91
6.66
6.87
6.80

0.71
0.66
1.80
0.85
1.46
0.80
1.17
0.39
1.34
0.85
1.36

0.51

0.65
0.42
0.61
0.86

on
on
on
on
on
on
on
on
on

of f

on

of f

on

of f

on

of f

Table 2.12: Two-Temperature Fits for the LMF code (1991), using XSPEC.

Star

e Ert
61 CygA
x! Ori
OU Gem
k Cet
Procyon
£ Boo A
£ Boo A
HD 115404
HD 115404
HD 152391
HD 152391
HD 155886
HD 155886

log Em1(LM) log T1(LM) log Em2(LM) log T2(LM)

(em™?)

28.55
28.53
27.93
27.03
28.45
29.26
28.67
27.68
28.69
28.43
28.55
28.34
28.80
28.53
28.47
28.19

(K)

6.12
6.05
6.72
6.76
5.88
6.26
6.08
6.04
6.03
6.08
6.11
6.18
6.14
6.26
6.06
6.08

(em™?)

28.23
28.28
27.93
27.03
28.83
29.54
28.85
26.68
23.88
28.75
28.28
28.39
28.90
28.43
28.32
28.34

(K)

6.73
6.70
6.74
6.76
6.72
6.86
6.74
6.41
6.76
6.72
6.66
6.69
6.75
6.29
6.74
6.75

XZ

1.14
0.67
4.07
4.07
2.24
0.78
1.27
0.56
3.16
1.02
1.30
0.49
0.67
.84
0.82
0.77

B — filter

status

on
on
on
on
on
on
on
on
on

of f

on

on

of f

on

of f
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Table 2.13: The coronal emission measures and temperatures for the WFC observations

of the five dwarfs as computed by the RS and LMF codes using XSPEC.

Star  log Em(RS) log T(RS) log Em(LM) log T(LM)

(em™) () (ecm™?) ()

\!Ori 29.01 6.71 29.10 6.61
€ Ere 28.62 6.30 23.35 6.40
£ Boo A 28.46 6.30 28.71 6.40
aCen A 27.04 6.37 27.13 6.48
aCen B 27.71 6.37 27.80 6.48

Results from the WFC:

The WFC results for the five dwarfs are listed in Table 2.13. These results are 1T fits (see
Section 2.2.3) from filter ratios which correspond to relatively long wavelengths (see Table
2.3), and 1t is not surprising that they give intermediate temperatures. The WFC yields an
average emission measure at an average coronal temperature, based on all the lines present
in 1ts wavelength range of detection i.e. it places all the material at one temperature. Since
a distribution of emission measures with temperatures is in reality present, one would expect
the emission measures to be too large, as 1s found by comparing the WFC results with those

found from the corresponding PSPC observations; see also Section 3.5.5 of Chapter 3.

In view of the above discussion, I do not place particular weight on the WFC results, which

have been presented for completeness.

2.6.1 Comparisons with Correlations

Power law correlations have been found to exist between X-ray fluxes and observable stellar
parameters (see discussion and references in Section 1.5 of Chapter 1). Jordan & Montesinos
(1991) used a sample of stars to derive correlations between the parameters £Em(T.), T, g..
the implied coronal magnetic field, B,, and the Rossby number, R,; (the Rossby number is

an indicator of dynamo efficiency and is defined as R, = I1,.;/7. (Noyes et al.. 1984), where
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T. 1s the turnover time at the base of the convection zone). They used a sample of stars for
which Schmitt et al. (1990) were able to obtain satisfactory 1T fits to their X-ray spectra.
from observations made with the Einstein Observatory. Montesinos & Jordan (1993) revised
the form of the correlations for this sample of late-type dwarf stars (henceforth referred to
as Sample A), and extended the correlations to include the Ca II H & K emission and

surface magnetic fields and filling factors.

In this section, I use the sample of ten dwarf stars (henceforth referred to as Sample B),
observed with the PSPC, and analysed earlier in this chapter, to investigate to what extent
the derived values of Em(T,.) and T, fit the correlations found by Montesinos & Jordan
(1993). Since Schmitt et al. (1990) used the 1977 version of the RS code (see Raymond &
Smith, 1977) some differences are to be expected. However, allowing for the difference of a
factor of 2 in the definition of Em(T,) (Montesinos & Jordan (1993) used a plane parallel
approximation; see Section 3.2 of Chapter 3), the coronal emission measures of Sample B
are in good agreement with those derived by Schmitt et al. (1990), the differences between
them being in the range of +0.01 to +0.25 dex. On the other hand, the temperatures
derived show a greater difference, because the temperature is more sensitive to which code

is used, as well as the instrument.

The correlations derived by Montesinos & Jordan (1993) have a small gravity dependence.
Although some gravities could be updated, for the purposes of this comparison I have

adopted the gravities used by Montesinos & Jordan (1993) for the common sample of stars.

For the purposes of comparing with the correlations derived by Montesinos & Jordan (1993),
I have adopted the same form of the radiative power loss function as they did (i.e. Ayqq =

o, where a = 1.3 x 107*° erg cm® s~! K2, and 6§ = 0.5).

Jordan & Montesinos (1991) showed that for F and G/K dwarves, correlations exist between

the coronal temperatures (T.), emission measures (Em(7T:)) and the R,.



§2.0: Results and Conclusions 65

T T T A R LA | T
-+
32.0 1 32.0 1T LMF ]
N 37. - 37.5.— + ey
& o
~
& g: a +0
g 37. g 37.0
=2 =0
g g
30.5 ¢ 1 30.5}
o]
30.0r1 1 30.0 ¢t
SR G VD WG U U S WS W0 S S

0.0 0.5 7.0 7.5
R

o

Figure 2.26: log(Em(Tc)giﬂ) plotted against R, for 1T RS (L.H.S. plot) and LMF
(R.H.S. plot) fits for Sample B (see Tables 2.9 and 2.10). The squares represent the set of
stars that are common to both Samples A & B (see text). The solid line represents the
correlation given by equation (2.22).

Montesinos & Jordan (1993) found that the observed values of Em(T,) and T, fitted the

forms
log (Em(T.)g}/?) = 32.03(+0.10) — 1.26(%0.07)R, (2.22)
and
log (T-g}/*) = 9.09(£0.07) — 0.38(+0.07) R, (2.23)

Figure 2.26 shows log(Em(TC)gim) plotted against R, for the 1T RS and LMF fits to
Sample B, and also equation (2.22). It can be seen that the stars in Sample B (which
includes five stars in common with Sample A, and five more G/K dwarfs), fit well to the
previous correlation. The fit using the RS code is marginally better than that using the
LMF code. (The emission measures in Sample A were derived using the early version of

the RS code).

Jordan et al. (1987) found that Em(T,) and T. scaled according to Em(T.) x TZ2g., the

gravity dependence being important when evolved stars are included. For the dwarf stars,
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Figure 2.27: log (Em(T.)/g.) plotted against log T for 1T RS (L.H.S plot) and LMF
(R.H.S. plot) fits for Sample B (see Tables 2.9 and 2.10). The squares represent the set
of stars that are common to both Samples A & B (see text). The correlation given by
equation(2.24) is shown as a solid line.

Montesinos & Jordan (1993) found a best fit with the form
log (Em(T.)/g«) = 1.41(£3.33) + 3.50(%0.51) log T. (2.24)

Figure 2.27 shows log (Em(T.)/g.) derived from Sample B and equation (2.24), for the
results using the RS and LMF codes. Although the five stars in common to Samples A and
B fit quite well to the previous results, HD 45088 and HD 155886 show some deviation using
the RS code. However, the form of (2.22) is that expected if the ratio of the conductive flux
(F.(T.)) to the radiative flux (Fr(T.)) is constant. If F.(T.)/Fgr(T.) is larger than average,
then stars will lie to the right of the average trend, and vice-versa. The LMF fits give a

marginally better fit to the previous trend.

The 2T fits (RS and LMF codes) do not fit the absolute values found for the 1T fits,

although a similar trend with T, can be seen (see Figure 2.28).

Montesinos & Jordan (1993) also found that the coronal energy losses F,,(T:) = Fr(T.) +
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Figure 2.28: log (Em(T,)/g.) plotted against log 7. for the 2T RS (L.H.S. plot) and
LMF (R.H.S. plot) fits for Sample B (see Tables 2.11 and 2.12). The lower temperature
components are indicated by crosses and squares, while the higher temperatures components
are shown as triangles and diamonds. The squares and diamonds represent the set of stars
that are common to both Samples A & B (see text).The correlation given by equation (2.24)
1s shown as a solid line.
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F.(T.). scale simply with R~!, using

o) )

Fr(T.) = 1.04 x 10" Em(T.)T1/? (2.25)

and estimating F.(T.) through the energy required to balance the radiation losses below T,
l.€.

F(T.) = 5.68 x 107" (Em(T.)g,)"/*T.. (2.26)

Then the tform found for F,(7.) was
log (Fm(TC)gi/“) = 8.99(40.09) — 0.99(£0.10) R, (2.27)

(see Montesinos & Jordan (1993) for detailed derivation). Figure 2.29 shows the derived
values of log (Fm(TC)gi/‘l) plotted against R,, and equation (2.27) (shown as a full line).
The minimum energy loss (m.e.l.) solution of Hearn (1975, 1977), is virtually identical, and

1s shown as a dashed line
log (Fn(T.)gM*) = 8.97(£0.17) — 0.98(£0.10) R, (2.28)

As Montesinos & Jordan point out, the reason for the close agreement with the m.e.l.
solution is that the fotal coronal energy losses (Fr(T.) + F.(T.)) tend to be insensitive to

the ratio of the fluxes (F.(T.)/Fr(T:)).

In conclusion, the values of Em(T.) and T. derived from the ROSAT observations, which
give new results for five stars in Sample A, and results from five additional stars, support

the previous relations found by Montesinos & Jordan (1993).
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Figure 2.29: log (F,.(T:)g+'*) plotted against R, for 1T RS (L.H.S plot) and LMF (R.H.S.
plot) fits for Sample B (see Tables 2.9 and 2.10). The squares represent the set of stars that
are common to both Samples A & B (see text).The correlations given by equations (2.27)
and (2.28), are shown as the solid and dashed lines, respectively.



Chapter 3

Emission Measure Modelling of the Five Dwarfs

33.1 Introduction

This chapter presents models of the transition regions and coronae of y' Ori (GOV), ¢
Eri (K2V), £ Boo A (G8V), a Cen A (G2V) and a Cen B (K0V). The chromospheres and
transition regions of these stars have been previously modelled by Jordan et al. (1987), using
observations made with IUE, with the Einstein Observatory and other early instruments,
but the new X-ray data discussed in Chapter 2 give improved information on the coronal

regions.

The first step in modelling the structure of stellar transition regions and coronae is to
determine the emission measure distribution (henceforth referred to as EMD). This quantity
(f n?dr, more generally [ n.ng dr) is related to the amount of material in the atmosphere
at a particular temperature. The parameters derived from the X-ray observations are
coronal emission measures and temperatures. The types of fits, one temperature (1T, two
temperature (2T) and continuous emission measure (CEM), have been discussed in Section
2.5 of Chapter 2. For each star, an emission measure and temperature has been chosen to
best describe the coronal conditions. These are used as boundary conditions in computing
the emission measure distribution in the upper transition region (i.e. above ~ 2x 10° K),
since apart from ¢ Boo A, the EMD is not known from direct observations. In this region.
which is below that where energy is deposited by non-thermal processes, the models are

derived by assuming a balance between the energy deposited by thermal conduction and

70
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Table 3.1: Observed stellar surface fluxes (in erg cm™ s™') from Jordan etal. (1987).

Ion Star
\! Ori ¢ E'rt £ Boo A aCen A aCen B

MgIl  39x10° 1.9x10° 3.1x 105 6.9x 105 7.6x 10°
Sill 1.2 x 105  7.1x 10 1.3x 10> 1.8x 10* 2.3 x 10*
CII 39 x 104 1.4x 100 4.7x 10* 48x 10> 6.6 x 10°
SiIII 1.1x 100 56x 10° 7.1 x 103 28x 10° 2.2x 10°
Si IV 57 % 100 T.2x 10 3.2x 10*  25x 10®° 2.1 x 10°
C1V 6.6 x 10*  28x 10* 51x 10* 54x 10° 55 x 10°
NV <14x 10* <4.1x 10° <9.7x 10> <9.5 x 10?2 < 7.5 x 10?

lost by radiation. Plane parallel and spherically symmetric geometries are explored.

The EMDs of the transition regions were derived using line fluxes from IUE observations
made by Ayres et al. (1983) and Jordan et al. (1987) (see Table 3.1). An iterative
code (discussed in Section 3.3.2) has been written to produce a mean emission measure
distribution that reproduces the line fluxes to within an accuracy of 0.1 dex which is better

than the uncertainties associated with the atomic data and the extracted line fluxes which

are typically 0.2 dex and 0.15 dex respectively).

In Section 3.6 the transition region and coronal emission measure distributions (for both
plane parallel and spherically symmetric models) have been joined together to produce

models of the outer atmosphere of these stars above the transition region (~ 10* K).

Finally, a discussion and summary of the results follow in Sections 3.7 and 3.8.

§3.2 The Geometry of Transition Regions and Coronae

Although the volume emission measure ([ n? dV') indicates the amount of material present
in the line of sight over a limited temperature range, the spatial distribution of the material

remains unknown. Since it is not possible to observe the supergranulation structure or
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effects of active regions. the volume emission measure is used to find the apparent emission

measure over height by dividing by the stellar surface area. Two simple geometries are

considered:

L.

1.

A spherically symmetric geometry allowing for the radial extent of the atmosphere.
In this case, the fraction of the photons emitted that are not intercepted by the star

1s given by

G(r):7<1+ - ) (3.1)

sy =(7) | (3.2

In high gravity stars such as the five dwarfs where the stellar radius exceeds the coronal
1sothermal scale-height, plane parallel geometry should be a good approximation, and

in this case f(r) = 1.0 and G(r) = 0.5.

Thus, in general

Em(V)
47 R?

- / neng f(r)G(r) dr (3.3)

Em(r)app =

In view of the known structure of the solar atmosphere, both the above geometries are

approximations and this will be discussed in Section 3.6.

83.3 The Transition Region Emaission Measure Distribution

The methods of analysing UV emission lines are well established and derive from the early

work of Pottasch (1963). More recent accounts can be found in Jordan & Wilson (1971)

and Jordan & Brown (1981).

The flux that is observed at the Earth (Fy) is converted to its corresponding value at the
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stellar surface (F.) by the following relation:

[
F. = &(é—)z (3.4)

»

where d 1s the Earth-star distance and R. is the stellar radius. both in units of centimetres.
The stellar surface flux F.;;, in an effectively optically thin, collisionally excited line for a

two-level atom (transition ¢ — ), and adopting plane parallel geometry, is given by

P _lhc

where the factor  allows for the downward emitted photons which are not observed, and
Aj; 1s the spontaneous radiative decay coefficient. (In practice, more than two levels are
treated, as appropriate to the ion). Statistical equilibrium is described by the following
equation

nj(Cjine + Aji) = ni(Cz-]-ne) (36)

where n; and n; are the level populations of the upper and lower levels (7 and z, respectively),
C; and C;; are the collisional excitation rate coeflicients for the transitions ) — zand: — )
respectively, and n. is the electron density. The coronal approzimation Cjn. < Aj; can
be used for permitted electric dipole transitions in ions which have no low lying metastable

levels and hence equation (3.6) is writen as
njAji = niCijne. (37)

Using the coronal approzimation. equation (3.5) can be rewritten as:

B 1 he

F,.,']' = 57 niCijnedT'. (38)

In order to compute the flux, equation (3.8) must be expressed in terms of other parameters

which are known or can be calculated, t.e.:

1 he n;

. Nion NE .
F...= - on IlHCi'nedT (39)
7] 9 7]
2 A Nion NE NH

where n./ny is the elemental abundance relative to hydrogen assumed here to be constant.

n;/ni.n is the relative population of the lower level and Nion/Me 1s the relative ion abundance
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which was discussed in detail in Section 2.4.5 of Chapter 2. The elemental abundances have
been taken from the solar photospheric values of Anders & Grevesse (1989) and Grevesse

et al. (1992), which are the most up-to-date values available (see Section 2.14.3 of Chapter

2).

The collisional excitation rate coefficient (’;; can be written in terms of the mean collision

strength Q;; (Seaton, 1964)

0,
Ci; = 8.6 x 10_0——_]—Te'1/2e:cp(—LVij/kTe) emis™! (3.10)

?

where w; is the statistical weight of level 7, and W;; is the excitation energy of the transition.

The main temperature dependent term can be written as

9(T.) = 27120 0p(—W;; /T, (3.11)

nEe

where W;; is the line excitation energy.

From equations (3.9) to (3.11) one can write:

F*z'j =86 x 107" =

1 hc§);; ng n;
6 14 " n. T.)dr. )
35 s [ amenng(T) dr (3.12)

Nion

For the lines considered here, the collision strength does not vary significantly over the
region of line formation. Table 3.2 gives the atomic data adopted from a variety of sources
in the literature. In the transition region each line is formed over a restricted temperature
range. In the simplest approximation, Pottasch (1963) assumed that g(T%) could be replaced
by 0.70¢(T.)mar and removed from the integral. The emission measure over height is then
defined as

Em(0.3) = /AR nong dr (3.13)

but the temperature range corresponding to AR is not well defined. Since the contribution
functions of the various emission lines have different shapes, it is better to replace g(7.) by a
mean value g(7T.) over a fixed temperature range Alog 1. = 0.3 dex centered at T,,.+0.15

dex, where T, is the temperature of the peak of the contribution function. The mean
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value is found by replacing the actual function by a step function. The percentage of the
emission found within Nlog T, = + 0.15 dex, compared with the total, integrated over
a wider range of temperature leads to a combined normalisation constant G (Jordan &
Wilson. 1971). Then

g(T)dlog T = G.g(T.) mas- (3.14)
AR

A mean value for the emission measure distribution can then be found by replacing ¢(T%)
by G.¢(T.)maer and removing it from the integral in equation (3.12). Other more formal

inversion techniques were considered, as discussed in Section 3.3.1.

neny can be expressed as

neng = xn’ (3.15)

where * = ng/n.. Above log T, ~ 4.3, z varies slowly, because hydrogen is predominantly
ionised (the exact values adopted in this work will be discussed in Section 3.4). Although
the emission measure is often defined in terms of n?, since below ~ 2 x 10* K z increases
significantly, it is defined here in terms of n.ny. In ions without low lying metastable levels,
n;/nion =~ 1, where n; is now the population density of the ground term where the J states

are assumed to have a Boltzmann distribution.

As seen from equation (3.12), the flux emitted in a particular line depends on both ¢(T')

and n.ny, and to find the emission measure involves an 1nversion.

3.8.1 Integral Inversion Techniques:

Integral inversion techniques have widely been used to compute differential emission mea-

sure (DEM) distributions. The flux emitted by a line as given by equation (3.12), can be

re-expressed as

F = constant /g(Te)q')(Te)dTe (3.16)
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Table 3.2: Atomic parameters for the observed lines.

n O

Ion  A(A) Qmutiplet n—ﬁ‘f log T2 .., (K) n—“;;
Mg It 2800 16.2¢ 3.8 x107° 3.8 1.0
SuIlf 1817 15.4>¢ 3.6 x 107° 4.3 1.0

CIIt 1335 6.3° 3.6 x 107 4.6 1.0
StIl1I] 1892 2.8¢ 3.6 x 107° 4.7 *
S:IVi 1400 18.2¢/ 3.6 x 107° 4.8 1.0
CIVi 1500 9.89 3.6 x 10~ 5.0 1.0

NV 1240 7.49 8.9 x 10™° 5.3 1.0

Solar photospheric abundances from Anders & Grevesse (1989) and Grevesse et al.

-
(1992).
I - Parameters refer to the whole multiplet.

* - The level populations of Dufton et al. (1983) have been adopted (see Section 3.3.3).
& - Temperature where the contribution function ¢g(7.) has its maximum value.

O - ni/nion applies to the ground term.

a - Mendoza (1981).

b - Lennon et al. (1985).

¢ - Dufton & Kingston (1991).

d - Dufton etal (1983).

e - Keenan et al. (1988).

f - Dufton & Kingston (1987).

g - Cochrane & McWhirter (1983).
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where o(1.) = n.ny dr/dT. is the differential emission measure, and ¢(T,) is the contri-
bution function as given by equation (3.11) and dT./dr is the temperature gradient (see

equation (3.37)). Since n, = P./kT. and ny = Pg/kT. we can write

PPPH (l?‘
"T.) = —=— A7
P = T T (3.17)
For each of s emission lines. we define kernels
K,; = constant/ g(T.)dT, (3.18)
T,

where 1 1s the number of temperature intervals in the range of formation of the line; hence.

the flux for line s is given by
I, =Y K:fi (3.19)

where f; = ¢'(T.).

The Mazimum Entropy Method:

This method was initially developed for restoring noisy, degraded images of randomly pulsed
objects (Frieden, 1972), and its use has since been extended to deal with a wide range of
estimation problems. There are plans to use it for computing differential emission mea-
sure distributions from data to be obtained from the Solar and Heliospheric Observatory
(SOHO). The basic assumption is that for any positive, discrete distribution f; (such as
the one defined above), consisting of M measurements (i.e. : = 1,..., M), and which is

normalised to unity, one can assign an entropy parameter E, defined as

M

E=-Y filnf. (3.20)

j=1

This is directly proportional to the amount of information present in the distribution. The
aim of this technique is to find the most probable solution which according to Frieden

(1972), is achieved by maximising the above equation so that dE/df; = 0.

Assuming that the data I, have Gaussian errors with standard deviations o, the y* distri-

bution is given by

ﬁ:ﬁiﬁﬁzM—N (3.21)

2
Ts
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where 1.5, is the observed flux, and N is the number of degrees of freedom associated with

the distribution. Lagrange's method of undetermined multipliers is used to constrain y* to

equal M — V. Thus.
Al

N (L= 5, ;)
S:Zfilnf,-%-f)—z( L, ) (3.22)
1 -

a;

1=

where for measurement j (j < !), w; = ef; and A is the Lagrange multiplier whose value
is always positive and is increased at each iteration so that \? equals the number of obser-

vations. Maximising the above expression yields

— [obs ) [\’s,i

2
T

Inf,=lnw;, —1- ‘2/\2 Us (3.23)

In order to test this method, I wrote an ME code and used a first hand-drawn approximation
to the EMD )(see Section 3.3.2)in the temperature range 3.8 < log T. < 5.3. The fluxes
computed at each temperature interval over the range of formation of each line were summed
to yield the total computed flux I, which was then used in equation (3.12) in order to

recompute the EMD.

There is a disadvantage associated with this approach, which is that in order to achieve
ME the differences between the computed and observed fluxes (I — I,4,) for each line s,
are summed to give a total lux difference. It is evident from equation (3.22) that in order
to obtain a new EMD which approaches ME, this same flux difference is subtracted from
every temperature interval of the distribution that was computed in the previous iteration.
Hence, the distribution is treated as a whole and is shifted up or down by this factor until
convergence is achieved. This usually occurs after ~ 110 iterations. As a result, the shape

of the distribution remains identical to the initial best fit.

The summation of the flux differences has the effect of masking the real uncertainties
associated with the emission line atomic data. Therefore. I have concluded that a ME
solution is not a useful one as it solves the problem in a rigid mathematical way and adds
little to the empirical initial best fit. The approach adopted in order to recompute the line

fluxes 1s described in the section below.
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3.3.2  Recomputing the Line Fluzes:

The contribution function ¢(7.) was computed for each line over its temperature of for-
mation trom equation (3.11), using the ion balance calculations of Arnaud and Rothenflug
(1985). The 1ons formed at the lowest temperatures are Mg II and Si II. The calculations
of Arnaud and Rothenflug (1985) do not give ion fractions for these ions below log T. =
+.0. Detailed calculations by Judge (1986a,b) have shown that down to 7. ~ 6300 K these
elements are predominantly in their first stage of ionisation because photoionisation plays
an important role in determining n;/n.. Since I do not model the chromosphere below 10*

K, I simply assume that below this temperature n;/n. = 1, for Mg II and Si II.

Assuming that all the flux is formed at each temperature in turn, an emission measure locus
can be computed for each line so as to set upper limits to the emission measure distribution

over the temperature range considered.

An initial best fit to the mean EMD was approximated by drawing a smooth curve (by
hand) touching the locus of each spectral line once. The calculations were carried out for
the temperature range log T, = 3.8 - 5.3, in intervals of 0.1 dex. However, this curve does
not necessarily reproduce the observed fluxes and an iterative recomputation of the EMD
has to be done in order to reproduce all the fluxes to within reasonable accuracy. This

recomputation is important especially at temperatures below 2 x 10* K because of the

rapid increase of [n.ny dr.

The flux from each temperature interval over the range of line formation was then computed
from equation (3.12) and the individual contributions at each interval were summed to give
the total flux emitted by the line, Fl.,,. Since from equation (3.12) it is evident that the
observed flux F.;, is proportional to the emission measure, it follows that by calculating the
difference between F,;, and Fl.,n,, at each temperature interval, a factor Fips - [omp can

be added to its corresponding emission measure value at each temperature interval until
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the observed flux for each line is reproduced to within +£0.1 dex. The process is started at
10° K. where C' [V defines the emission measure. In the case where more than one line 1s
formed in the same temperature interval (this usually occurs for a maximum of two lines).
the values of the emission measures at the temperatures where the overlap occurs are varied
such that the observed flux for each of the lines is reproduced to within the above accuracy.
Although strictly speaking there is not a unique solution, the EMD is well defined above

~ 2% 10* K.

The resulting EMDs for the five stars calculated using the assumption of plane parallel

geometry are shown in relation to their emission line loci in Figures 3.1 - 3.5.

3.3.3 The Electron Pressure in the Transition Region

The electron pressure P, can be determined by comparing the emission measure from the
density sensitive Si III] intersystem line at 1892.0 A, with that determined from the per-
mitted C II and Si IV transitions. The emission measure loci shown in Figures 3.1 - 3.5,
were calculated individually at pressures log P. = 14.0, 15.0, 16.00 and 16.5 (P, in cm™2

K), using the following flux-emission measure relation,

neny dr (324)

F..:lilf.ne/ n; Ajinion
‘ ‘2)\nH

Nion Me Ne

where the radiative decay rate A;; = 1.46 x 10* s™', as calculated by Dufton et al. (1983).

Having determined the emission measure distribution that reproduces the observed fluxes
for all the other lines to 40.1 dex, equation (3.24) was iterated for Si III] using the level
populations of Dufton et al. (1983) at constant pressure until the Si III] flux was reproduced
to the same accuracy. The electron pressures in this way are given in Table 3.3. For v! Ori.
¢ Eri and € Boo A, the uncertainties associated with the derived electron pressures are to
within 0.3 dex, and these are directly related to the uncertainties of the Si III] fluxes given

in Ayres et al. (1983). However, the uncertainties for & Cen A and o Cen B are to within
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Table 3.3: Electron pressures derived from Si III].
Star a b

\1Or 15.7 15.7 — 16.3
e Ere 15.2 15.7 — 16.2
EBooA 16.0 16.2 — 16.7
aCenA 14.1 <147 — 15.7
aCenB 14.9 14.7 — 15.7

a - log (P./k) (in units cm™ K) computed as described in this section.
b - Range of log (P./k) (in units cm™ K) from Si III] flux and local emission measure as
found by Jordan et al. (1987).

0.9 dex which is due to the fact that they are in the low density limit.

Jordan et al. (1987) deduced a more approximate range of acceptable electron pressures
from the flux and the local emission measure by determining the point where the C II and
Si III loci match. Their results are also listed in Table 3.3. The iterative method with the

updated abundances and atomic data should give improved results.

The compatibility of the electron pressures derived from the Si III] lines with those found

from X-ray data, will be discussed in Section 3.7.

83.4 The Variation of the Pressure with Temperature

The models of the upper transition region and corona, and modelling from the emission
measure distribution in the lower transition region, require expressions for the total pressure
(including waves), the gas pressure and the electron pressure. The formulation is given in

spherical geometry, since the plane parallel version is easy to recover.
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Figure 3.1: The recomputed EMD for y! Ori in relation to the loci (dashed lines) of the
observed line fluxes; the dotted lines represent the Si [II] loci at the stated pressures, while
the N V locus (dot-dash line) indicates an upper limit. Plane parallel geometry has been
assumed.

3.4.1 The Gas Pressure and Electron Pressure

The gas pressure P, is the sum of the following pressures
Py = P. + Py + Pge + Pretals (3.25)
Taking ¢ = Py /P,, the above expression can be written as
P,=P.(1+z(l+y+2)) (3.26)

where y and z are the abundances of He and the metals respectively; substituting the values
given by Anders & Grevesse (1989) and Grevesse et al. (1993), where ng./ng = 0.1 and

Nmetats/Nr <€ 0.1, P, can be expressed in terms of P,, as follows (Harper, 1992)

P, = P.(1+1.1z). (3.27)

A further useful expression is

T 9 .
PPy = T LM)QPQ (3.28)
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Figure 3.2: The recomputed EMD for € Eri in relation to the loci (dashed lines) of the
observed line fluxes; the dotted lines represent the Si III] loci at the stated pressures, while
the N V locus (dot-dash line) indicates an upper limit. Plane parallel geometry has been
assumed.

where the values for r are presented in Table 3.4, as computed by A. D. McMurry (private

communication), using radiative transfer calculations from the MULTI code. The mean

molecular weight p is defined as

MeNe + MHNH + MHyeNHe + ... (3 29)

£= Ne+nyg +nge+ ...

and can then be expressed as

l4x
= 3.30
A= 0T L1 (330)
Assuming hydrostatic equilibrium, and allowing for the radial extent
dP, R. .
— = —pg.(—)? (3.31)
r r

where g. is the stellar surface gravity and p = umgP,/kT.. This can be expressed as

dP, P, dr 1
ar, M AT )

(3.32)

The temperature gradient can be found from the emission measure, as follows:
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Figure 3.3: The recomputed EMD for £ Boo A in relation to the loci (dashed lines) of the
observed line fluxes; the dotted lines represent the Si I1I] loci at the stated pressures, while
the N V locus (dot-dash line) indicates an upper limit. Plane parallel geometry has been
assumed.

Table 3.4: Values for = ny/n. as computed by A. D. McMurry (private communication)
for £ Boo A using the radiative transfer code MULTI. These values were used for all the
calculations presented in this chapter, since the stellar gravities are similar.

log Te x log T, T

(K) (K)

3.80 39.700 4,50 0.836
3.90 5.929 4.60 0.834
4.00 1.826 4.70 0.834
4.10 1.211 4.80 0.834
420 1.044 490 0.834
4.30  0.956 5.00 0.834

4.40  0.905 >5.10 0.833
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Figure 3.4: The recomputed EMD for o Cen A in relation to the loci (dashed lines) of
the observed line fluxes; the dotted lines represent the Si III] loci at the stated pressures,
while the N V locus (dot-dash line) indicates an upper limit. Plane parallel geometry has
been assumed.

X-ray volume emission measures are usually defined through

f nenHAmd(Te) dV
F@ =
A d?

(3.33)

where Fg is the flux at the Earth, corrected for any interstellar absorption.

The volume emission measure [ n.ng dV is thus found assuming that all the photons escape
from the emitting plasma. Following the method used by Pan & Jordan (1995) the apparent
emission measure over the radial extent is defined by equation (3.3), since this is the quantity
derived without knowing the geometry. The actual (real) emission measure is then

Em(r)app

F(r)G(r) 534

Em(r)real =

The apparent emission measure over the region where AT, is defined by Alog T. = 0.3 dex

1S
P.Py dr .
J) = e 3.3
Em(0.3) /ATe o g/ (G0 T (3.35)
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Figure 3.5: The recomputed EMD for o Cen B in relation to the loci (dashed lines) of
the observed line fluxes; the dotted lines represent the Si III] loci at the stated pressures,
while the N V locus (dot-dash line) indicates an upper limit. Plane parallel geometry has

been assumed.

Assuming initially that dT./dr, P.Py, f(r) and G(r) are constant over the region of line

formation, this can be written as

1PPHd7'

o e (3.36)

Em(0.3) =

The local temperature gradient above T, = 2.0 x 10* K is then given by:

dT. 1 P.Py f(r)G(r) (3.37)
- = AR Em03) a

This can be substituted into equation (3.32) with P, and Py expressed in terms of P, and

the latter can then be integrated to give

Te Em(0.3)(1 + 1.1z
P? = “w+-vrl4mggk/ fp() b, (3.38)
where P,,, refers to the pressure which is at the base of the isothermal corona while T, is

the corresponding temperature. The electron pressure can then be found using equation
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Table 3.5: The radial extent (r — R.) of the atmosphere of ! Ori with and without the
inclusion of the turbulent pressure P, in the calculations. The results presented here, are
from a model that assumes spherical symmetry and r is defined by equation (3.64).

log Te r.—R.i r.—R.} log Te r — R.t r — R,

(L) (10%Am) (108 km) (K)  (10%km) (10% km)
3.30 1.69 1.18 5.40 1.96 1.33
4.00 1.92 1.31 5.60 1.98 1.33
4.20 1.94 1.32 5.80 2.04 1.35
4.40 1.94 1.32 6.00 2.23 1.44
4.60 1.94 1.32 6.20 2.96 1.91
4.80 1.95 1.32 6.40 6.02 4.36
5.00 1.95 1.32 6.60 21.10 18.10
5.20 1.95 1.32 6.74 66.80 63.20

T Piurs included in the calculation.
I P excluded from the calculation.

(3.27). For much of the temperature range one could assume a constant pressure, but it is

simple to use the more accurate approximation of hydrostatic equilibrium as above.

3.4.2 The Turbulent Pressure

In a similar manner that the motion of electrons exerts pressure in the atmosphere, so do
large scale turbulent motions. Following early work on the solar chromopshere (McCrea,
1929), it has been recognised that turbulence provides an additional support term which
subsequently reduces the effective gravity. Inclusion of a turbulent pressure in the equation
of hydrostatic equilibrium has the effect of increasing the extent of the atmosphere, but

reducing the total gas pressure. The effect on the former can be seen in Table 3.5.

Boland et al. (1975) and Jordan & Brown (1981) argue that turbulence is due to the

passage of Alfvén or fast MHD waves. The wave pressure P, is defined as

1
Pturb = ?)'/)62 (339)

where £% is the most probable turbulent velocity squared and is related to the observed
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FWHM (AM) of the line as given in McWhirter et al. (1975), as follows

AN R 5

Mmp
@)] (3.40)

where M; = M., /my. The mean-square turbulent velocity < v, > 1s defined as

. 3
s > = 56 (3.41)

P

<1

Table 3.6 gives values for vy, for the five dwarfs which were derived from equation (3.42)
using the FWHM of Ayres et al. (1983). The turbulent velocities at a chosen temperature

T., can computed from the relation:

2 2
< vtu?‘b >e Tﬁ =< vturb >obs Téa (342)

obs

where it is known from solar observations that on average # = 0.5 (Jordan et al., 1987).
This approximation is used up to log T, = 2 x 10° K. Above this temperature, v;,,; is taken
to be constant, again as indicated by solar observations. Table 3.6 lists the observed values
of < v}, >1£S2 as computed from the FWHM of the C IV lines given in Ayres et al., (1983)

at T. = 10° K. The values adopted at 7. > 2 x 10° K using equation (3.42), are also listed.

The turbulent velocities are not well determined (£ 7 km s™!) for the five dwarfs because of
the limited resolution of [UE even in the high dispersion mode and the noisy nature of the
spectra. Observations with the GHRS on the HST should be able to significantly improve

the measurement of the line widths. However in these stars the wave pressure is not a very

important factor.

The total pressure Pr is taken as the sum of P, and the turbulent pressure P;,., which is

due to non-thermal wave motions of the plasma; thus, Pr is

PT = Pg+Pturb (343)

The equation of hydrostatic equilibrium then becomes

dPr  dP,(1 +Y(T.)) _ HMHY. P,

= 3.44
dr dr KT, f(r) ( )
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Table 3.6: Observed turbulent velocities < v}, >;£3 (units of km s™'), computed from

the FWHM of the C IV lines given in Ayres et al., (1983) at T. = 10° K; the turbulent
velocities < vZ _, >1/2 at T, = 2 x 10° K are computed from equation (3.42).

Star
Te(K) \'Ori ¢Eri £ BooA aCenA aCenB

1 x 10> 628 373 49.8 38.9 32.5
2 x 10> 746 44.3 59.2 46.2 38.6

where Y(T.) = umpy < vi,_, > /2kT.. Following the same procedure as before (see equation

(3.38)), the expression for the total pressure is

(0.3)(1 + Y(T.))(1 + 1.1z)

TG0 dT.. (3.45)

T. F
P;(Te):PTfop+2\/2‘1.4mHg*k/T il

3.4.8 The Coronal Pressure

The initial coronal pressure can be found from the coronal emission measure and tempera-

ture. The true coronal emission measure can be expressed as

PPy H
k272 2

Em(T,) = / neng dr = (3.46)

where H is the isothermal scale height. Allowing for a turbulent pressure, using equation

(3.31) applied to an isothermal region leads to

[ kTe(1 + Y(Te))f

KT H %

(re) (3.47)

where we assume that f(r) at r. + H > f(r) ar r..

Then, from (3.46)

(1+ 1.1z)(1 + Y(T,))
flre)

Pr} =28mpyg. Em(T.)kT.. (3.48)
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83.5 Empirical Models using Energy Balance

Although a non-thermal source of heating is required in the corona and below T. ~ 2x 10°
Ix. in the upper transition region the heating required is small and could be provided either
by a small amount of non-thermal energy or simply by thermal conduction from above. In
this case. the variation of the conductive flux dF., over a height interval dr. is balanced by

the change in the radiative flux dFr in the same height interval, such that

dF. dF
4 4r

3.5.1 The Conductive Fluz

The conductive flux through a focal area is defined as

s dTe
F, = —x T o

(3.50)

where for an ionised plasma, k ~ 1.1 x 107° erg cm™ K~-7/% 57! (Spitzer, 1978). Thus,

considering the variation of F. over dr in spherically symmetric geometry,

(3.51)

r2 dr r2dr

1d(r2F.)  1d [ édTe}

—kr? T2
dr

Multiplying the above expression by dr/dT. and substituting for dT./dr in F%, leads to

_1_d(r2Fc(Te)) = §+ 2dlog P, dlog Em(03) A dlog r N dlog G(r) (3.52)
r? dT. 2 dlog T, dlog T. dlog T, dlog T.
where
: PT}?
it f(r)G(r) (3.5

7T Ak (14 L1z)? Em(0.3)
and Em(0.3) is again the apparent emission measure. Above T, =2 X 10° K, z is constant
(see Table 3.4). If the second term on the R.H.S of equation (3.52) 1s negligible, and the
radial terms are not important, then when dlog Em(0.3)/dlog T. < 3/2, it is evident that

conduction becomes an energy deposition mechanism.
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3.5.2 The Radiative Fluz

At a given temperature T, the radiation losses over the height interval dr can be computed

from the expression
Fr(T.) = / nertirArag(To) dr (3.54)
AR
where A,.q 1s the radiative power loss in erg cm?® s™! (to be discussed below), or over the

region Alog T, = 0.30 dex. corresponding to A R

AFR(T,) ~ Em(O.S)Amd(Te)m (3.55)

where E'm(0.3) is the apparent emission measure. Hence, the total radiation flux is given

by the sum of the contributions over the entire temperature range is given by

Fr=Y AFn (3.56)

AR

A,qq 1s only a function of temperature, (since the ion-balance calculations do not allow
for the density dependence of di-electronic recombination), so Fr depends on the emission
measure distribution and the geometric factors. Jordan (1986) and Jordan etal. (1987)
found that the shape of the apparent emission measure distribution is very similar in the
five main sequence stars they modelled, and that the product Em(0.3)A,.4 is essentially
constant over the range log T. = 4.3 - 5.0. Thus, over this region it appears that the shape

of the distribution is determined by the inverse of A,,4, which then constrains the form of

the energy deposition.

3.5.8 The Radiative Power Loss

The radiative power loss A,qq¢(7.) is the sum of the power emitted in all lines and continua.

and at high temperatures includes the contribution from free-free emission and two-photon

decays.

Recent calculations by Cook et al. (1989) for A,.q4(T.) for the temperature range log T, =

4.0 - 7.0 are given in Table 3.7 and plotted in Figure 3.6. They used the coronalabundances
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Table 3.7: Comparison of the radiative power loss values A, .4 (in erg em? s71) using (a)
the coronal abundances of Meyer (1985) from Cook et al. (1989), and (b) the photospheric
abundances of Anders & Grevesse (1989) or Grevesse et al. (1992), (new calculations). Col-
umn (¢) gives the values of Ay = 1.25 x 107'%/T, (see equation (3.57)), for temperatures
greater than log 7. > 5.3. The values in brackets correspond to powers of 10.

log Te a b c
()
4.0 1.60(—23) 1.48(-23) -
13 1.62(-22) 1.62(—22) —
4.7 2.43(—22) 3.53(—22) —~
5.0  3.88(—22) 7.08(—22) —
5.3 3.26(—22) 8.53(—22) 6.26(—22)
5.7 2.90(—22) 3.20(—22) 2.49(-22)
6.0 2.77(—22) 2.41(-22) 1.25(-22)
6.3  6.73(—23) 6.43(—23) 6.26(—23)
6.7 1.58(—23) 1.73(—=23) 2.49(-23)
7.0 1.94(—23) 1.84(—23) 1.25(—23)

of Meyer (1985). To be consistent, I have recalculated the values of A,q.q(Tc) by using the
photospheric abundances of Anders & Grevesse (1989) and Grevesse et al. (1992). The
abundances are given in Table 3.8. (Note that the values of A4 given in Cook et al. (1989)

are in intervals of 0.3 dex; in my calculations [ used interpolated values between the given

points).

In the temperature range log T. = 3.8 - 4.0, the values of A,.q4 are rough approximations.
On the basis of more detailed calculations (Hartmann & MacGregor, 1980), A,.q extends

as a straight line below log T, = 4.0. At log T. = 3.8, A;u(Te) = 1072 erg cm® s~ 1.
For temperatures greater than log T. = 5.3, A;.q can be approximated by
Avad(T.) = oT7° (3.57)

where for § = 1.0, a = 1.25x1071 erg cm® s~! K. In the case where 6 = 0.5, & = 2.8x107"

erg cm® s™' K12 [ have used = 1.0 in all calculations.
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Figure 3.6: The dotted line represents the interpolated values of A,.4(T.) (see text), while
the dashed curve is the radiative power loss from Cook et al. (1989). The solid curve
represents the values of A,,4(7.) calculated by adopting the abundances from Anders &
Grevesse (1989) or Grevesse et al. (1992). The dash-dot line indicates A,,4 from equation

(3.57).

Table 3.8: The coronal abundances n./ngy of (a) Meyer (1985) compared with the photo-
spheric abundances of (b) Anders & Grevesse (1989) and Grevesse et al. (1992).

Element

H
He
C
N
O
Ne
Mg
St
S
Ca
Fe
N1

a
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3.9.4  FEnergy Balance

Setting
dF. dFR
C = 3.58
dT. dT. (3.58)
where
o 1
i = 77’PnHArad(Te) il (359)

([Te dTe
and using equation (3.37) for dr/dT., n.ng cancels. Using equation (3.52) and re-arranging,

the following expression for dlog £m/dlog T. can be derived

dlog Em(0.3) 2dlog P.

dlog T.  dlog T,

4dlog r  dlog G(r)

' 6
dlog T. dlog T, P (3.60)

3
2

where

g (1 + 11$)2 Em(03)2k‘2 Arad
K

s Bt GORIGT 0D

0=
By choosing a starting value of the coronal emission measure at 7., the value of the coronal
pressure can then be calculated from equation (3.48). The emission measure distribution
can be iteratively computed from T, down to log T, = 5.3, by subtracting the computed
value of dlog Em(0.3) at each temperature interval from the previous value of Em(0.3),

provided dlog P, is known. This can be found from equation (3.44) since

Em(0.3) (1+ 1.1z)?
P,G(r)f(r)? T

dP,(1 + Y(T.

3.62
dTe ( )

)) = _\/iﬂmHg*k

and hence dP, can be computed. Expressing the above equation in terms of logarithms

and rearranging, we obtain the required expression for the logarithmic increment of the gas

pressure:
: . : i {log (1 + Y(T.
dlog ,Pg :_198mHg Ezn(() 3) T (1+1.1$)_( og (1 + Y{( )) (3.63)
dlog T. k P2G(r) f(r)? (1 + V(1)) log T,

In plane parallel geometry G(r) = 1/2 and f(r) = 1. In spherical geometry G(r) = | and

f(r) = 1, and these values are used in the first run of the code. but are then replaced by
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the values corresponding to the calculated r. The energy balance models have to be run in
conjunction with the models derived from the real (as opposed to the apparent) emission
measure distribution below log T. = 2 x 10° K, in order to find a self-consistent value of r

at the base of the energy balance region (2 x 10° K).

3.5.5 The Models in Relation to the ROSAT Observations

Figures 3.7 - 3.12, show the apparent coronal emission measures and temperatures that were
derived from the analyses of the ROSAT observations (see Chapter 2). It is important to
stress that these are the results of several alternative fits to the ROSAT spectra. Plotted
on the same scale are the computed apparent EMDs derived from the plane parallel and
spherically symmetric models by applying the relevant values of G(r) and f(r). Note that
the starting values of the apparent coronal emission measures for the plane parallel and

spherically symmetric models, are the same.

Taking the ROSAT observations into consideration, my choice of the starting values for the
apparent coronal emission measure (£m,) and temperature (T.) used in the energy balance

models of each of the five dwarfs, is justified as follows:

1. £ Boo A: This star is discussed first since observations with EUVE allow conclusions
to be drawn regarding which type of spectral fit to the ROSAT data has most physical
significance. Figure 3.7 shows the results of spectral fitting to the ROSAT data; Figure
3.8 shows the emission measure loci of the lines Fe XV, Fe XVI and Fe XIX (and some
upper limits for other lines) observed with EUVE on the same scale (Jordan, 1995a;
Jordan et al., 1996). It is clear that the results of 2T fits do not agree with those from
the EUVE line spectra in spite of their giving a better formal fit than do 1T fits. The
emission measure of the higher temperature material in the 2T fits tends to be too low,
while the temperature tends to be too high. Conversely, the emission measure of the

lower temperature material in the 2T fits is significantly larger than that allowed by
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1.

1.

the EUVE observations. Note that the WEFC results lie at intermediate temperatures
and high emission measures compared to the PSPC results, as was expected following

the discussion in Section 2.6 of Chapter 2.

The I'T fits with the Boron filter off (allowing low energy counts to be included), also
give an intermediate average temperature, and emission measures that tend to lie a
little too high. The LT fits with the Boron filter on, found using the RS and LMF
codes agree quite well with the EUVE results, as do the CEM fits. The relatively
good agreement between the 1T, Boron filter on and the CEM fit arises because the
EMD decreases with temperature. My choice of a starting Em(T.) and T, is therefore

weighted towards the 1T fit (Boron filter on) and the CEM result.

x' Ori: The pattern of the different type of fits, using the three different codes is
similar to that found for ¢ Boo A. Haisch et al. (1994), have analysed spectra of x!
Ori that were obtained with EUVE and they used the Mewe, Gronenschild & van
den Oord (1985) spectral emission code to derive a peak coronal emission measure of
log Em(T.) = 28.68 at log T, = 6.6. This point is indicated in Figure 3.9. The choice
of the initial Em(7.) is based on the 1T fits and the CEM fit which coincides exactly
with the value found by Haisch et al. (1994), but the chosen value of log T, is 0.14
dex higher than that proposed by Haisch et al. (1994). This difference is comparable

with the inherent uncertainties.

Schrijver et al. (1995) have recently published best fit differential emission measure
distributions (defined as n.nyVAlog T., where V represents the emitting volume)
from the EUVE spectra of several stars, including x! Ori. The method used produces
some negative emission measures, which reduces confidence in the results, and the

paper does not give the observed line fluxes to allow emission measures to be derived

with the methods used here.

¢ Er1: Although the 2T fits in Figure 3.10 cluster in the same manner as for £ Boo A,

the 1T fits give a significantly lower temperature than does the CEM fit. In view of
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v,

the systematic behaviour of the CEM results for \! Ori and ¢ Boo A, I have weighted

the starting values of Em(T,) and T. towards this fit.

a Cen A & B: These stars are part of a three component system. Their common

5e) 1s the third component of the system.

proper motion companion a Cen ' (dM
These stars are the nearest late-type main sequence stars to the Sun. thus forming

the brightest targets of their respective spectral types.

Observations with ROSAT have been made only with the WEFC. The spatial resolu-
tion of this instrument does not allow it to distinguish the fluxes that are emitted
individually from the system and so the observed flux is merely the total. However,
the HRI instrument on board the FEinstein Observatory was able to resolve the stars
and the stellar surface fluxes emitted individually by a@ Cen A & B are given in Golub
et al. (1982), and are in the ratio of A : B ~ 0.22. So at the Earth  Cen A emits ~
31% and o Cen B emits >~ 69% of the total emission (see Table 3.9). Hence, I have

used this ratio to attribute individual fluxes to each of the two stars.

Jordan et al. (1987) used scaling law arguments to suggest that the coronal temper-
ature of a Cen A is ~ 10° K. Golub’s measurements show a Cen A to behave more
like the quiet sun while @ Cen B tends to be more active. The temperature derived
by Golub et al. (1982) is for the combined system, and since o Cen B dominates the
flux at the Earth, the value of log T. = 6.32 is likely to reflect the coronal conditions
of o Cen B; until higher resolution observations of a Cen are made, I have assumed

the same coronal temperature for both stars, as discussed below.

The WFC observations were modelled with CEM and 1T fits (RS and LMF'), only
owing to the reasons discussed in Section 2.2.3 of Chapter 2. At T, ~ 2x10° K, the
main emission occurs where the WEFC is most sensitive, so the measured temperature
should be quite reliable, although as discussed earlier the emission measure may be
too large. From Figures 3.11 and 3.12, we can see that the CEM model gives higher

Em(T.) at a distinctly lower temperature than the other models. In view of the



83.0: Combining the Transition Regqion and Coronal Models 98

Table 3.9: Coronal parameters for « Cen A & B, from Golub et al. (1982), with their
emission measures expressed as [ n.ngy dr. T, for a Cen A is not determined (see text).

Source Flux log Te log Em(T,)
(ergem™s71) (K (em™2)

aCen A 1.3 x 10* — 26.54

aCen B 6.1 x 10* 6.32 27.14

observations of Golub et al. (1982), it would be unrealistic to consider such a low
temperature for either a Cen A or B, thus I have chosen the starting values for the

energy balance models of these stars as the average value between the RS and LMF

fits.

More recent observations of this system have been made with EUVE by Mewe et al.
(1995) and Schrijver et al. (1995) who have computed a differential EMD with a
broad peak at log 7. = 6.47. This temperature is in excellent agreement with the
value of 6.43 adopted in the energy balance models. Schmitt et al. (1990) failed to

fit any model at all to the Einstein spectra for  Cen A & B.

Increasing the starting coronal emission measure (Em(T.)) at a given T, increases the
starting pressure P.. However, there is a maximum Em(T,) that can be chosen, which will
still give an energy balance solution all the way down to T, ~ 2x 10° K. For x! Ori, the
chosen values of Em(7T,) and T, do not give an energy balance solution in plane parallel
geometry (see Figure 3.9). Also note that the plane paraliel model for £ Boo A shown in

Figure 3.7 is very close to its limiting case.

863.6 Combining the Transition Region and Coronal Models

The emission measure distributions for the low and high transition region must now be

combined in order to derive models for the entire atmosphere above ~ 10* K. The combined
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Figure 3.11: The apparent emission measures for a Cen A. The plane parallel model is
indicated by the solid line, while the dashed line indicates the spherically symmetric case.
The point » corresponds to the Finstein I[PC and HRI observations analysed by Golub et
al. (1982).
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al. (1982).



83.0: Combining the Transition Region and Coronal Models 103

log T. = 3.8, are then determined.

Linking the EMDs in spherically symmetric models is not as simple:

L.

1.

Spherical symmetry must be incorporated in the transition region EMD starting from

the apparent emission measures.

Since the energy balance calculations depend on r at 2x10% K, the whole models must
be iterated in spherical symmetry, updating r(2 x 10° K), until the solution converges.

Then the absolute radius at each T is calculated by summing the values of dr found

from dT./dr, so that
r(T.) =1+ Y. dr(T.) | (3.64)

where r, is the radial extent of the atmosphere at the base (log T, = 3.8).

The extent of the atmosphere at log T, = 3.8 is scaled simply from that of the solar
chromosphere, using the stellar effective gravity, which includes wave support (Jordan,

private communication), which gives

(1+Y(Te))

ro = R, + (2.58 x 102 p

). (3.65)

where Y(T,) is defined in Section 3.4.2, and K. and ¢. are given in Table 2.1.

The resulting parameters (the real emission measure (Em(r)), total pressure ( Pr), gas pres-

sure (P,) and electron pressure (P, ), as well as the radial extension (r — R.) of the atmo-

sphere at their respective temperature intervals) are listed in Appendix C. The calculations

were performed at temperature intervals of 0.01 dex; however, the results in Appendix C

(and for all subsequent models) are presented in temperature intervals of 0.1 dex.

Figures 3.13 - 3.17 show the real EMDs corresponding to these Tables. A common feature

in all the graphs is a dip at the base temperature log T, = 5.3, where the energy balance

models are linked to those of the lower transition region. In plane parallel geometry (with
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Figure 3.13: The real emission measure distributions for y! Ori, computed assuming
energy balance down to 2 x 10° K. The dashed line indicates the spherically symmetric
case. No solution could be found using plane parallel geometry.

the exception of x* Ori and £ Boo A), the models can be matched to within ~ 0.30 dex.
On the other hand, the spherically symmetric models can be matched to within ~ 0.15 dex,
which is excellent agreement if the inherent errors are taken into consideration. (Note that
a larger error is associated with @ Cen A which is not resolved in X-rays, and this may

account for the mis-match of ~ 0.22 dex at log T, = 5.3, in spherical symmetry).

In view of the above discussion, it is clear that spherical symmetry is a better description
of the outer atmospheres of these stars above log T, = 5.3 than plane parallel geometry,
which should be regarded only as an approximation. Below 2 x 10° K, there is no significant

difference between plane parallel and spherically symmetric models owing to the narrowness

of the lower transition region.
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Figure 3.14: The real emission measure distributions for ¢ Eri, computed assuming energy
balance down to 2 x 10°> K. The plane parallel model is indicated by the solid line, while
the dashed line indicates the spherically symmetric case.
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Figure 3.15: The real emission measure distributions for ¢ Boo A, computed assuming
cnergy balance down to 2 x 10° K. The plane parallel model is indicated by the solid line.
while the dashed line indicates the spherically symmetric case.
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Figure 3.16: The real emission measure distributions for & Cen A, computed assuming
energy balance down to 2 x 10°. The plane parallel model is indicated by the solid line,
while the dashed line indicates the spherically symmetric case.
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Figure 3.17: The real emission measure distributions for a Cen B, computed assuming
energy balance down to 2 x 105 K. The plane parallel model is indicated by the solid line.
while the dashed line indicates the spherically symmetric case.
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§3.7 Discussion of the Results

3.7.1 The Atmospheric Structure

Figure 3.13 illustrates the models which are tabulated in the Appendix C. Like the Sun. all

the stars have steep transition region temperature gradients.

In Section 3.3.3, values of P, were computed from the density sensitive Si III] line fluxes.
Looking at Table 3.10, these values tend to be lower than those computed from the energy
balance model. The agreement between the values for x! Ori and £ Boo A is good and
comparable to uncertainties. The observed values for & Cen A & B are the least reliable.
as they are close to the low n. limit. We know that in the Sun the emission from the
transition region is enhanced by up to an order of magnitude on the supergranulation
boundaries compared with cell interiors, and that the boundaries occupy ~ 30% of the area
(Reeves, 1976). However, the area filling factor of the the quiet corona may be closer to 1.
The electron pressure for the Si III] lines is an average over the whole structure. Thus the
real emission measure in the transition region cell boundaries would be about a factor of
2.7 larger than the spatially averaged value. In the boundaries it may be up to a factor of
2 larger than in the cell interiors (Dupree, Foukal & Jordan, 1976), and since the relative
intensities of the Si III] line to permitted lines decreases with increasing n., the average
may be weighted to the lower n. regions. Thus, taking the same area factor all the way
from the corona to the low transition region is clearly an approximation. With further
observations of the upper transition region to determine the EMD, it would be possible to
attempt modelling in a geometry where the magnetic field lines expand from the transition
region to fill the corona. The relative values of the pressures found for the different stars.

do follow the same trend, whether they are measured from the Si III] lines or determined

from the models.
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Table 3.10: Electron pressures computed from Si I1I] line flux (see Section 3.3.3) compared

with those resulting from the plane parallel and spherically symmetric energy balance mod-
els. at log T. = 4.6.

Star a  ppi  ssT

Y'Ort 157 = 16.02
elire 15.2 16.05 15.96
§BooA 16.0 16.23 16.14
aCen A 14.1 15.07 14.99
aCenB 149 15.53 15.44

a - log (P./k) (in units cm™ K) computed from Si III] flux (Section 3.3.3).
i - log (P./k) (in units cm™ K) computed for plane parallel and spherically symmetric
atmospheres (see Section 3.6).

3.7.2 Emnergy Propagation in Stellar Atmospheres:

Energy is transported down from the corona by thermal conduction. The net conductive
flux (A F.), can either transport energy out of a given region, or deposit energy in that same
region. At temperatures greater than 2 x 10° K, in energy balance, the emission measure

is related to the temperature via the expression

dlogr 2(1+112)*Em(r)* k*  Asag
dlogT. r =z pr? G(r)*f(r)?
(3.66)

dlog Em(r)/G(r) 2dlog P,
dlog T. ~ “dlog T.

3
2

where the last term (defined as § in equation (3.63)), describes the ratio of radiative to
the conductive flux, AFg/F., where AFp is the radiation flux from a temperature range
Alog T. = 0.3 and F. is the downward conductive flux at the centre of this temperature

range. This always has a value of < 1.0, implying that in the upper transition region and

at the coronal temperature the downward conductive flux (not the net conductive flux)

exceeds the local radiation losses.

The radiative fluxes (AFg) of the lower transition region (3.8 < log T. < 5.3) for the

spherically symmetric models are listed in Table 3.11, averaged over 0.3 dex in log T.. The
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bulk of the radiation is emitted at around log T. = 4.1, which corresponds to the Lyman a
radiation. (Since the EMD below log T. < 4.0 is not well defined (see discussion in Section
3.3.2), only the EMD where log T, > 1.0 will be considered in the following calculations).
Table 3.12 gives the total radiative lux, Fg, summed over the temperature interval log T, =
1.0 - 5.3, the conductive fluxes at 10° X and the coronal temperatures (F.(T,) and F.(T.),
respectively), the coronal radiative flux Fr(T.), and the sum of the coronal losses F.(T.) =

FAT.) + Fr(T.). Note that the coronal energy losses are dominated by conduction.

The following is a discussion of the typical uncertainties that are associated with the above-
mentioned fluxes. From equation (3.55), the error associated with Fr (o), are the same
as the standard error in Em (0g,), which is of the order of 20%. On the other hand, the
error on [ (of,), is a combination of the errors on Em and P. (op,) (see equations (3.37)
& (3.51)). From equation (3.46), and taking into account the standard error on T, (o7,)
which is ~ 10%, the uncertainty of P.(7.) is ~ 20%. Hence, the error on P.(T.) ~ 30%

(see equation (3.38)). Therefore or, ~ 30% and of, ~ 40%.

At the base temperature T,, F.(1,) > AFRg(T,) (i.e. the energy deposited by conduction
greatly exceeds that which is radiated away in the layer immediately below T, by up to
two orders of magnitude). This results in an energy imbalance and clearly, there is a need
for an additional energy loss mechanism, in order to dispose of this excess energy. This is
a long-standing problem and was noted from very early work in the field (e.g. Giovanelli,
1949). Kopp & Kupperus (1968), suggested that this energy might drive spicular motions.
Gabriel (1976a) pointed out allowing for the expansion of the magnetic field with height
in energy balance models reduces the energy imbalance below 2 x 10° K. If the transition
region material is restricted to an area A/A,, then the local radiation losses will increase by
A/A.. The conductive flux would then need to be calculated with A/A, varying between
T, and T.. With this explanation, the areas required are smallest for the least active stars.
and vice-versa. The same trend is found for the filling factor of surtace magnetic fields

(Montesinos & Jordan, 1993).
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Table 3.11: The radiative losses (AFg in erg cm™% s, averaged over 0.3 dex) in the lower
transition regions (log 7. = 3.8 - 5.3) of the five dwarfs, as computed for the spherically
symmetric models. (The numbers in brackets indicate powers of 10).

log Te x'Ori ¢ Ere §EBooA aCenA «aCenB

380  6.6(6) 2.7(6)  4.7(6) 1.5(6) 1.3(6)
3.90  1.9(7) 9.5(6)  1.6(7) 1.2(6) 4.2(6)
4.00  87(7) 5.6(7)  8.8(7) 1.9(7) 2.0(7)
410  L.1(8) 5.6(7)  1.2(8) 1.4(7) 1.6(7)
420 55(6) 5.0(6)  6.2(6) 9.6(5) 8.7(5)
430  2.1(6) L1.7(6)  2.7(6) 3.7(5) 3.0(5)
440  15(6) 6.7(5)  1.7(6) 2.9(5) 2.3(5)
450  1.4(6)  4.4(5)  1.4(6) 2.1(5) 2.2(5)
460  1.6(6) 4.8(5)  1.7(6) 2.0(5) 2.1(5)
470  1.9(6) 5.3(5)  1.9(6) 2.0(5) 1.9(5)
480  2.5(6) 7.0(5)  2.2(6) 2.2(5) 1.9(5)
490  2.9(6) 7.0(5)  1L.7(6) 2.4(5) 1.7(5)
500  2.6(6) 5.4(5)  1.1(6) 1.8(5) 1.3(5)
510  L.7(6)  4.3(5)  9.1(5) 1.2(5) 1.2(5)
520  1.3(6) 3.3(5)  7.8(5) 7.1(4) 1.0(5)
530  1.1(6) 2.7(5)  6.9(5) 2.0(4) 7.9(4)
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Table 3.12: The radiative and conductive energy losses (Fr and F,, respectively, and in
units of erg cm? s7!), in the upper transition regions and coronae of the five dwarfs, as
computed for the spherically symmetric models. The acoustic flux (F,) at 2 x 10° K is also
listed. (The numbers in brackets indicate powers of 10).

Star  Fp(T)* F.T,)" FAT.) Fr(T)% Fn(T.)* F.(T,)

XPOri TT) 45(6)  15(7) L4(6)  L.6(7)  4.2(7)

eEri  41(T)  L5(T)  L6(T)  92(5) L7(7T)  1.3(6)
§BooA T.7(T)  L4(7)  2.6(7)  14(6)  2.7(T)  3.5(7)
aCen A 1.2(T)  23(6) 24(6) 5.2(4)  25(6)  1.5(5)
aCenB 1.3(7) 47(6) 5.6(6) 2.5(5) 59(6)  2.9(6)

a - The total radiative losses (Fgr = ¥ AFR), for the temperature interval log T. = 4.0 -
5.3 K.

b - F. conducted down at log T. = 5.3.

¢ - F, conducted down from the corona.

d - Fr from the corona.

€ - Fm(Tc) = Fc(Tc) + FR(TC)
f - The acoustic flux passing through 2 x 10° K.

Jordan (1980) proposed that the excess energy in this scenario could account for the ob-
served non-thermal line broadening. Raymond & Doyle (1981) suggested that in the quiet
Sun, the excess thermal energy may be sufficient to drive gas upwards at 2x10° K at a
velocity of 1 km s™!. They achieved this by adding an extra term in the energy equation

which described the enthalpy flux resulting from upflows.

More recently, Cally (1990) and Fiedler & Cally (1990) argue that a nonclassical turbulent
conductive flux (¢gr = k7VT,, where k7 represents the turbulent conductivity), may lead
to a solution to this problem. They suggest that the observed non-thermal broadening
is associated with this process. They propose that turbulent conduction greatly exceeds
classical conduction at temperatures below 1.6x10° K. Thus. instead of all the conductive
Aux having to be deposited locally, it can penetrate further into the low transition region
where it could be lost by e.g. H Ly-c. In this picture, the radiation losses below ~ 2x10° K

would be balanced by the non-classical conductive flux, and no other non-thermal heating



83.7: Discussion of the Results 113

would be needed.

The existing line widths are not sufficiently accurate to determine the variation of any wave
flux with temperature. However, the widths of the C IV lines can be used to examine the
acoustic flux passing the region at 2 x 10° K, and to compare this with the total coronal
energy losses. (Only modest values of B are required to give a sufficient Alfvén wave flux).
Using

Fy, = p < vis > Vprop (3.67)

where p = pum, P, /kT. is the gas density derived from the present models, v,,,, = 1.46 x
10* T2/ is the sound speed, and the values of < v,y > are given in Table 3.6. The resulting
values of F, are given in Table 3.12. For € Eri, @ Cen A and o Cen B, the values of F,
are lower than the total fluxes required. For £ Boo A, F, is marginally greater than that
required, while for x* Ori F, exceeds the required value of F,,. However, the value of vyrs
for x! Ori is based only on the C IV (1548 A) line, which 1s usually broader than the C IV
(1500 A) line, probably because of blending with lines of Fe II. Typical uncertainties for
the FWHM given in Ayres et al. (1983) imply that the error in v?,,, o2~ 15%. Taking

the errors associated with the parameters in equation (3.67) into consideration, og, ~ 30%.

The acoustic fluxes are therefore similar to the required non-thermal fluxes, but the com-
bined uncertainties are around a factor of 2. Although in the Sun the acoustic flux predicted
in this way is to within a factor of 2 of that required, detailed observations of line profiles
fail to detect the signature of acoustic wave trains (e.g. Athay and White, 1978). The
correlation discussed in Chapter 2 support the presence of a heating mechanism that is
related to the magnetic field. Further observations of transition region line widths with the

GHRS are needed to place clearer constraints on wave fluxes.
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3.7.3 Coronal Scaling Laws:

Hearn (1975, 1977) predicted that for a corona with a base pressure P,, there is an average
coronal temperature 7, for which the total energy losses are a minimum. This is known as
Hearn’s minimum energy loss (m.e.l) hypothesis and it implies that there is a fixed ratio
between the radiation losses and the conductive flux from the corona, which leads to simple
scaling laws. The electron pressure P. (in dyne cm™?) and emission measure Em(7T,) (in

cm™°) are given by (see Montesinos & Jordan, 1993)

_ 7 G (1.5 — §)M2TL75+5/2

P.=1.6x10 al’2(§ + 1) (3.68)
(1.5 — §) T25+8

Em(T.) = 9.7 x 1071 g (15— 9) T, (3.69)

a6+ 1)2
where Em(T.) has the form [n?dr. Here I have adopted § = 1 and o = 1.25x107'° erg cm?
s~! K, since these values were used in the modelling. In Table 3.13, the predicted values for
Em(T,)H (in terms of [ n.ng dr) and P are compared to the logarithmic difference of the
coronal emission measures (log Em(T,)” —log Em(T,)) and pressures (log PH — log P.)

deduced models in plane parallel geometry, because Hearn’s treatment is for this case.

It can be seen that the emission measures and pressures for these stars agree with the m.e.l.
hypothesis to within about a factor of four and two, respectively. The largest difference is
for &« Cen A, which has been assumed to have the same coronal temperature as a Cen B,
since the system is not resolved. This difference suggests that T, for @ Cen A is in reality
lower than that for o Cen B. The m.e.l. hypothesis predicts a ratio of conductive losses to
radiative losses of 8. The small disagreements with the m.e.l. solutions arise because in the

models this ratio is larger than 8.
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Table 3.13: The coronal emission measures (EmHA

c )

expressed 1n the form [ n.ng dr) and
pressures (P) computed using Hearn’s minimum energy loss hypothesis for § = 1.0 and a
= 1.25 x 107" erg cm® s=' K. The adopted values of T are those used in the energy balance
models. The values in brackets are the corresponding logarithmic differences between the
emission measures and pressures from Hearn's m.e.l. hypothesis and those computed in
plane parallel geometry.

Star  log T, log Em(T.)H  log PH

(K) (em™>) (em™3 K)
\'Ori 674 28.84( — ) 16.07( — )
eEri  6.62  28.83(+0.24) 16.20(+0.09)
£BooA 675  20.11(+0.14) 16.33(+0.05)
aCenA 643  27.81(+0.66) 15.43(+0.31)
aCenB 6.43  28.06(+0.23) 15.68(+0.10)

§3.8 Summary

This chapter presents the results of modelling from the emission measure distribution of
the lower transition region, by using line fluxes that were previously obtained using IUE,
and updating the atomic parameters and abundances. For the upper transition region, the
emission measure distributions were computed assuming energy balance. Plane parallel and

spherically symmetric geometries were investigated.

The emission measure distributions of the lower and upper transition region were linked in
order to produce full models above the chromosphere. The spherically symmetric models
match on to their corresponding lower transition regions to within the uncertainties in the
transition region fluxes and atomic data. An energy balance solution was not possible for
! Ori in plane parallel geometry, and the solution for £ Boo A is very close to its limiting
value. Overall the spherically symmetric models are to be preferred. The electron pressures
in the lower transition region calculated from the density sensitive Si III} line fluxes, tend
to be lower than those computed using the energy balance models. In o Cen A & B. the

density derived is close to the low density limit. The differences for the other stars are in

the direction expected from averaging over supergranular structure.
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The radiative and conductive fluxes from the spherically symmetric models were presented.
At the base of the transition region in energy balance, the conductive fluxes exceed the
radiative energy losses. This could imply that the emission is restricted in area. or that
the energy conducted back is distributed over a range of temperatures, for example by

non-classical conduction.

Finally, the coronal emission measure and pressures predicted using Hearn’s minimum en-
ergy loss hypothesis, agree well (apart from those of @ Cen A) with the observed values,

assuming plane parallel geometry.



Chapter 4

The Transition Region and Corona of o« CMi

§4.1 Introduction

Procyon A (a CMi) is a late-type subgiant of spectral type F5 IV-V that is evolving off
the main-sequence. It is part of a binary system and its companion Procyon B, is a faint
cool DF white dwarf with a forty year orbital period and does not have any influence on
the spectrum of Procyon A; nor is it the source of any significant X-ray and EUV emission,
as was confirmed by high resolution observations with the Finstein Observatory (Schmitt
et al., 1985). The mass of Procyon A can be found by observing the motion of Procyon B
about the common center of gravity. Procyon A is thought to have been a late A-type dwart
without a sub-photospheric convection zone. On a colour-magnitude diagram, Woolley et
al. (1970) have positioned a CMi about one magnitude above the main sequence, which

implies that this star is slightly evolved.

a CMi is one of the most frequently studied late-type stars in the optical, X-ray and UV
wavebands. Evans et al. (1975) made observations of Procyon with Copernicus in the
UV waveband and made the first analysis of stellar chromospheric and transition region
lines using the spectra obtained. Brown & Jordan (1981) made observations with the IUE
satellite and determined the emission measure distribution in the transition region and
hence made models of the structure and investigated the energy balance. Drake. Simon
& Brown (1983) used radio data to detect the existence of magnetic regions in Procyon.

suggesting the presence of a weak or intermittent solar-like dynamo. Observations in the

117
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N-ray waveband have been made with the High Resolution Imager (HRI) and the Imaging
Proportional Counter (IPC) on board the Einstein Observatory (Jordan et al., 1986), with

LEXOSAT (Schrijver, 1984), and more recently with ROSAT.

Improved observations of UV line profiles have been made with the GHRS on the HST
(Wood, Harper & Linsky, 1996). These reveal the presence of broad wings which these
authors consider to be an indicator of microflaring. However, the spectra were obtained
before the COSTAR correction. As Procyon is only slightly more active than the Sun
(Ayres, Marstad & Linsky, 1981), the presence of such wings is surprising. Procyon’s
coronal emission measure distribution was also modelled by Drake et al. (1995), using in

addition the line fluxes from recent high resolution observations with EUVE.

There are many arguments in favour of acoustic waves heating Procyon’s atmosphere. Bohn
(1984), used the Lighthill-Proudman theory (Lighthill, 1952; Proudman, 1952), to estimate
the acoustic fluxes that are created in late-type stars, and found that such fluxes were
enhanced by five orders of magnitude from those computed by previous authors. They
also suggested that acoustic waves are able to balance coronal energy losses. Stepien and
Ulmschneider (1989) postulate that in the highly active cool dwarfs (spectral type F-M),
acoustic heating is not the dominant coronal heating mechanism, which may require mag-
netic processes. Musielak et al. (1994) appears rather sceptical of this and claims that the

above formalism breaks down in F stars such as Procyon.

Mullan & Cheng (1994) computed a time-dependent hydrodynamical model for Procyon’s
chromosphere, transition region and corona, where acoustic mechanisms are entirely re-
sponsible for the energy deposition in these regions. Acoustic power was introduced in
their calculations via long period velocity waves in the photosphere, which are most likely
to arrive at the corona. Their results show quantitative evidence that the presence ot a cool
corona in Procyon is due to acoustic wave dissipation and their differential emission mea-

sure distribution agrees well with the empirical results of Jordan et al. (1936). However.
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Brown & Jordan (1981) concluded that provided the electron densities they adopted were

correct, the acoustic flux is not sufficient to heat the atmosphere above ~ 10* K.

The reduction of our ROSAT observations is discussed in Section 4.2. The modelling of
the upper transition region and corona is presented in Section 4.3. The resulting model
1s compared with various alternative fits to the ROSAT observations. In Section 4.4. the
EMD for the lower transition region is derived from IUE fluxes (see Brown & Jordan.
1931). The full model of the outer atmosphere is presented in Section 4.5. Section +.6
gives a discussion of electron densities. and implications of the atmospheric structure. A

discussion of the heating requirements follows in Section 4.7.

§4.2 ROSAT Observations and Data Reduction

In Chapter 2, it was explained how the mean coronal emission measures and temperatures
were derived from observations made in the X-ray wavelength with the PSPC instrument
(B-filter in operation) on board ROSAT, using the most up to date versions of the Raymond
& Smith (1990), the Landini & Monsignori Fossi (1992, private communication) and the
Mewe et al. (1985) spectral emission codes, with the aid of the data analysis package
XSPEC. The results that were obtained for Procyon from 1T and 2T fits are summarised

in Tables 4.1 and 4.2.

4.2.1 Absorption by the Interstellar Medium

The attenuation by the interstellar medium is very small and value of log N (em™?) of
17.86 has been adopted (see discussion in Section 2.5 of Chapter 2). This value is slightly
lower than that computed in the analysis of IUE spectra by Murthy et al. (1987) where
log N> was found to lie in the range of 17.98 - 18.34 for their analysis of IUE spectra.

Drake et al. (1995) have adopted a value of 18.17 which agrees well with the value of
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Tab‘le 4.1: Single Temperature Fits to the Raymond-Smith (1990), Landini-Monsignori
Fossi (1992, private communication) and Mewe et al. (1985) spectral emission codes using

XSPEC.

Code log Em log T \?
(em=®)  (K)

RS 2750 6.12  3.93

LMF 2770 6.10  5.38

Mewe 2757  6.11  4.39

CEM(RS) 2764 6.26 3.69

Table 4.2: Two-Temperature Fits Raymond-Smith (1991), Landini-Monsignori Fossi
(1992, private communication) and Mewe et al. (1985) spectral emission codes using

XSPEC.

Code log Eml T1 log Em2 T2 x2
(em™) (K) (em™) (K)

RS 2747  6.08 26.14 6.63 0.39
LMF 2768 6.04 2668 6.39 0.56
Mewe 27.56  6.07 26.02 6.55 0.35

log N = 18.08, derived by Linsky et al. (1995) from a preliminary analysis of HST GHRS

observations of Procyon. The stellar parameters adopted are given in Table 4.3.

4.2.2 Abundances

Drake & Laming (1995) have recently reviewed the atmospheric parameters and elemental
abundances of Procyon. They find that its photospheric and coronal abundances are sim-
ilar to those of the solar photosphere. In their analysis they have used the photospheric
abundance values of Anders & Grevesse (1989) for all elements, with the exception of Fe.
for which they have adopted a value of [Fe/H] = 7.51, based on the re-examination of this
abundance by Blackwell et al. (1994). This agrees with the value recommended by Grevesse

et al. (1992), which is adopted here. Edvardsson et al. (1993) estimate the uncertainties
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Table 4.3: The stellar parameters adopted for Procyon.
d(pc) R.(Ra) B—-V Sp.Type log g.(CGS)

3.48¢ 2.05° 0.42¢ F5]V -V 4.00°

a - Woolley et al. (1970).
b - Steffen (1985).
¢ - HofHeit (1982).

in the abundances to be £ 0.10 dex, at the most.

Drake et al. (1995), suggest that the ionisation potential that separates low and high FIP
(see Section 2.4.3 of Chapter 2) indicates the temperature (~ 10* K) where fractionation
occurs. Small spatial scales are required for element fractionation to work, as these prevent
the elements from ionising during the separation process (von Steiger & Geiss, 1989). Drake
et al. (1995) pointed out that such structures occur naturally in the presence of magnetic
fields and concluded that the absence of a FIP effect (which is atypical of late-type stellar
coronae) in Procyon’s corona, strongly suggests that this star is heated by acoustic waves

(see Section 4.7).

4.3 Models of the Upper Transition Region and Corona

As discussed in Chapter 3, in the absence of any external heating mechanism below the
corona. the net conductive flux dF. over a height interval dr, is balanced by the radiative
flux dFg from the same height interval. Models of the upper transition region and corona

of Procyon were investigated under this assumption, for plane parallel and spherically

symmetric atmospheres.
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4.3.1  The Models in Relation to the X-ray Observations

The relative positions of the apparent coronal emission measures and temperatures for 1T
and 2T fits found from the three emissivity codes are shown in Figure 4.1. Plotted on the
same scale. are the emission measures that were deduced from the FEinstein observations
(using the HRI and IPC instruments), as well as those made with EXOSAT (see Jordan
et al., 1986, and references therein). For both the HRI and IPC observations, Jordan et
al. (1986) and Schmitt et al. (1985) used the Raymond & Smith (1977) emissivity code
to obtain 1T fits. For the EXOSAT observations made in 1983, Schrijver (1984) found
that a two component temperature model is required using the emissivities of Mewe &
Gronenschild (1981), but Jordan et al. (1986) showed that the same data can be reproduced
with an intermediate 1T fit. Although these results are included in Figure 4.1, the codes

used are very early versions (see Chapter 2), and the results cannot be strictly compared

to those from ROSAT.

The 1T fits from these codes give values of Em(T.) and T, that are in good agreement. The
values from the HRI and CEM give slightly higher tempertatures. The Em(T.)’s and T.’s
found from the lower temperature components of the 2T fits agree quite well with those
from the 1T fits. The emission measures found from the ROSAT spectra at the higher
component of the 2T fits are so much smaller that they may not be physically realistic, and
may simply arise from the restricted method of fitting the spectra. As mentioned above,
the EXOSAT 2T fits can be replaced by a fit at log T. = 6.2 (Jordan et al., 1986). Thus,
the coronal temperature appears to lie between log T, ~ 6.1 and 6.3, with log Em(T.) ~

27.6.

In order to compute energy balance solutions in plane parallel and spherically symmetric
geometries, the base temperature was initially set at log T, = 5.3. However, solutions could
not be computed down to this temperature. Note that the models were very sensitive to

the starting values of Em(T.) and T., and the Em(T,) — T. space was carefully scanned






¢
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at intervals of 0.01 dex around the region of the observations that were earlier considered
to be more realistic, in order to find solutions for both geometries. Although a solution
could not be obtained in plane parallel geometry, a spherically symmetric solution could
be computed down to log T, = 5.5, using starting values for the apparent coronal emission
measure of log £m(T,) = 27.55 and for the coronal temperature of log 7. = 6.32. The

resulting apparent EMD in spherically symmetric geometry, is shown in Figure 4.1.

Drake et al. (1995) have derived an emission measure distribution in the temperature range
log T, = 5.2 - 6.5 by fitting a first order cubic spline to the emission measures of individual
ions that were observed in EUVE spectra of Procyon (also shown in Figure 4.1). They have
adopted the ionisation balance calculations of Arnaud & Rothenflug (1985) for all elements,
rather than the more recent calculations by Arnaud & Raymond (1992). As discussed in
Chapter 2, this means that for high stages of ionisation of Fe, the lines which tend to be
formed at lower temperatures and the derived emission measures will tend to be larger by
up to a factor of 2. They argue that the di-electronic recombination rate used for Fe IX is

too low, as suggested to them privately by Jacobs & Feldman.

Jordan (1995¢) analysed the EUVE emission line fluxes published by Drake et al. (1995)
and found a logarithmic coronal emission measure of 27.43 cm™ and log 7. = 6.20 using
the emissivities of Brickhouse et al. (1995). These values are in reasonable agreement with
results of the spherically symmetric energy balance model (log Em(T:) = 27.55 at log T.

= 6.32), and the differences can be traced to the different ion balance used.

84.4 A Model of the Lower Transition Region

Models of Procyon’s lower transition region have been computed using the methods set
out in Chapter 3, unless otherwise stated. The emission measure distribution was derived

by the iterative method of recomputing the line fluxes (see Section 3.3.2 of Chapter 3).
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Table 4.4: Atomic parameters for the observed lines (where relevant they are for the whole
multiplet).

Ion \ F. Q?nultiplet %T log Tgmax fol;
(A) (ergem™2s71)
MgIIt 2800 1.7 x 10°° 162 3.8 x 1075 3.8 1.0
CIIt 1335 3.9 x 10¢ 63  3.6x10~* 4.6 1.0
SiIII 1206 3.5 x 10%° 75 3.6 x 1075 4.8 1.0
SiIVi 1400 9.1 x 103° 182 3.6 x 10~° 4.8 1.0
CIVi 1550 6.8 x 10%° 9.8 3.6 x 1074 5.0 1.0
NVi 1240 1.1 x 104 74 8.9x10° 5.3 1.0
OVI 1032 1.4 x 10% 3.9 7.4 x107 5.5 1.0

t - Solar photospheric abundances from Anders & Grevesse (1989) and Grevesse et al.
(1992).

i - Parameters refer to the whole multiplet.

& - For references see Table 1.2 of Chapter 2, unless otherwise stated.

& - Temperature where the contribution function ¢(7.) has its maximum value.

a - from high dispersion spectra.

b - from low dispersion spectra.

¢ - from Copernicus observations.

d - Brown & Jordan (1981).
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Figure 4.2: The recomputed EMD (full line) for Procyon in relation to the loci of the
observed line fluxes from IUE. Plane parallel geometry has been assumed. The dashed loci
indicate the lines for which fluxes were obtained from the high dispersion spectra while the
dotted loci represent those lines for which the low dispersion spectra were used (see text
for discussion).

Fluxes for the transition region emission lines are available from [UE observations (Brown
& Jordan, 1981) and are listed in Table 4.4. The fluxes from the low dispersion spectra
have been adopted except for the cases where there was blending or noise spots. In such

cases, the high resolution spectra have been used, as indicated in Table 4.4.

Brown & Jordan (1981) adopted the O VI (1032 A) flux from the Copernicus observations
of Evans et al. (1975). However, calibration problems with the satellite are suspected which

lead to uncertainties in the line fluxes of at least a factor of two (Brown & Jordan, 1981).

[ have chosen to exclude this line from this analysis.

The above authors adopted a height of 4500 km for the base of the transition region above
its photosphere (c.f. 2000 km in the Sun) and I have adopted this height. The resulting

optimum emission measure distribution fit to the IUE fluxes is shown in Figure 4.2.
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Table 4.5: The observed and adopted turbulent velocities (< vy >ops and < Vigrs >
respectively), for Procyon. The former was derived from the FWHM of the C IV (1548 A)
line observed by Wood, Harper & Linsky (1996) using equations (3.40) & (3.41), while the

latter was calculated from (3.12).

Ion log Te < viry >ops < Vturp >
(K) (km s~ (kms™1)

- 5.3 - 67.3

Brown & Jordan (1981) derived a turbulent velocity < viurs >ops = 54 km s~} from the C
IV lines. This is in good agreement with the adopted value of 56.6 km s™' (see Table 4.5)
derived from the GHRS observations of Procyon by Wood, Harper & Linsky (1996). Above

T. = 2 x 10° K. a constant value of < v,,4 >. = 67.3 km s~ ! was used, based on equation

(3.42).

§4.5 The Full Transition Region and Coronal Model

The procedure for linking the EMD’s of the lower and upper transition region at the base
temperature T, is described in Section 3.6 of Chapter 3. Here, only the spherically sym-

metric case is considered. The resulting emission measure distribution is discussed below.

4.5.1 The Combined Models

The resulting real EMD in spherically symmetric geometry, is shown in Figure 4.3. Table
1.6 lists the corresponding values of temperature (T.), real emission measures (£m(0.3)),
total, gas and electron pressures (Pr, P, and P,, respectively), as well as the absolute radial

extension (r— R, ) of the atmosphere, that were derived for the spherically symmetric model.

Looking at Figure 4.3, the following features show marked differences from the EMD’s

derived for the five dwarfs in Chapter 3:
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Figure 4.3: The real EMD for the lower and upper transition region of Procyon computed
in spherical symmetry, using IUE line fluxes for temperatures below 2x10° K, while for
higher temperatures energy balance was assumed.

i. The coronal value of Em(T,) relative to the emission measure at log T, = 3.8 K is

about an order of magnitude smaller in Procyon.

ii. The spherically symmetric model for the upper transition region links very smoothly

onto its corresponding lower transition region model.

4.5.2 The Minimum wn the EMD

Since the line fluxes in the temperature range log T, = 5.3 - 5.5 are not well determined
owing to the calibration uncertainties associated with the Copernicus spectra, there 1s no
accurate way of determining where the minimum in the EMD occurs from line fluxes in
this region. However, the O VI flux, even with an uncertainty of a factor of 2, suggests
that the EMD continues to decrease above 2 x 10° K. As discussed above, energy balance

models cannot be produced with a minimum in the EMD at log T. = 5.3. The minimum
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Table 4.6: Calculated parameters using the spherically symmetric model for Procyon.
where the real emission measures (Em(0.3)), the total, gas and electron pressures (Pr, P,
and P, respectively), and the absolute radial extent of the atmosphere (r — R.), are given
as a function of the temperature (7,).

log Te log Em(0.3) log(Pr/k) log(P,/k) log(P./k) r — R.

(L) (cm™?) (em™ K) (em™K) (em™3K) (10°cm)
3.80 31.67 16.39 16.23 14.58 4.50
3.90 30.97 15.85 15.67 14.79 5.46
4.00 30.26 15.63 15.45 14.98 6.04
4.10 29.66 15.56 15.40 15.03 6.29
4.20 29.16 15.54 15.37 15.04 6.42
4.30 28.66 15.53 15.37 15.06 6.48
4.40 28.16 15.53 15.37 15.07 6.52
4.50 27.76 15.53 15.37 15.09 6.54
4.60 27.54 15.53 15.38 15.10 6.95
4.70 27.39 15.53 15.39 15.10 6.56
4.80 27.31 15.53 15.39 15.11 6.58
4.90 27.29 15.52 15.40 15.12 6.60
5.00 27.26 15.52 15.41 15.13 6.64
5.10 27.24 15.52 15.42 15.14 6.68
5.20 27.08 15.52 15.43 15.15 6.74
5.30 26.98 15.52 15.44 15.15 6.81
5.40 26.87 15.52 15.45 15.16 6.88
5.50 26.82 15.52 15.45 15.17 6.98
5.60 26.87 15.52 15.36 15.08 7.23
5.70 26.94 15.51 15.39 15.11 7.64
5.80 27.03 15.51 15.41 15.13 8.34
5.90 27.13 15.51 15.42 15.14 9.62
6.00 27.25 15.50 15.43 15.15 12.1
6.10 27.38 15.48 15.43 15.15 17.2
6.20 27.52 15.46 15.41 15.13 28.6
6.30 27.68 15.40 15.37 15.08 57.7

6.32 27.70 15.38 15.35 15.06 68.1
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temperature at which the minimum in the EMD occurs is at log T. = 5.5, and this model
joins on smoothly on to the lower transition region. Thus, the EMD of Procyon differs from
that of the five dwarfs in that the minimum in the EMD occurs at a higher temperature.

This appears to be the natural consequence of an energy balance solution.

84.0 Llectron Densities - Comparison of Models and
Observations

There are no density sensitive line ratios observable with IUE in the UV spectrum of
Procyon. Brown & Jordan (1981) used the hottest lines observable (N V and O VI) to
determine the minimum acceptable pressure, by attributing this emission to an isothermal

corona, so that

Porin/k = 1.3 x 104 Em(Traz) 9« Traz)''* (4.1)

For N V this gives P./k = 2.5 x 10" cm™ K. In 1981, no X-ray emission had been
detected from Procyon. Brown & Jordan (1981) used the observed line widths and profiles
of transition region lines to place further limits on the pressure. The expression for the

opacity at the line centre in a Doppler broadened line is given by

r, = 1.50 x 10-15A(A)fﬂ”’5/ i

an

Cion g dh (4.2)

Nion NE

where f;; is the absorption oscillator strength, b = FW HM/2,/In(2) and is defined as the

Doppler broadening parameter in the region of line formation. These parameters can be

combined with the expression for the line flux, to replace [ ng dh by [ neng dh /n.. Thus,

- gfAAPRFTS? 1.44 x 108

QAN A) exp(———) (4.3)

TP, [k =9.7 AT,

where ¢ is the statistical weight of the lower level, Q represents the collision strength (see
Table 4.4), F, is the emission line flux at the star (given in Table 4.4), and A\ is the FWHM
of the line (in A). Brown & Jordan (1981) argued that the lines of Si III (1206 A) and C

[1 (1335 A) were optically thick, from their line widths and profiles, compared with lines of
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Table 4:75 Estimates of optical depths (7,) for some lines observed in the lower transition
region ot Procyon. using equation (4.1). The calculated mass column densities ([ ny dh)
were computed from the spherically symmetric model.

Ton A f5 FWHM [ngdh
(A) (Ams™')  (em™?)

C'II 1335 0.27¢ 88¢ 4.9 x 107 1.46
St IV 1402 0.27° 77 1.0 x 107 0.01
C IV 1548 (.19 794 1.3 x 107 0.13

a - from Wiese, Smith & Miles (1966).

b - from Wiese, Smith & Miles (1969).

¢ - from Brown & Jordan (1981).

d - from Wood, Harper & Linsky (1996).

lower opacity (e.g. C IV 1548, 1550 A). Putting 7, > 1, or 7, < 1, into equation (4.3) then
places limits on F.. They found P./k > 2.5x 10" cm™ K at 10° K, but P./k < 3.8 x 10**
cm™ K at 4 x 10* K.

The line opacities from the present model have been derived to see whether or not they
are consistent with the conclusions reached by Brown & Jordan (1981), and these are given
in Table 4.7. The electron pressures computed in this model (see Table 4.6) are higher
than those found by Brown & Jordan (1981). Using the observed line width, which will
overestimate the Doppler width if the line is optically thick, the lines of 51 IV and C IV are
indeed optically thin, and the lines of C II do have a higher opacity (~ 1.5). At 4 x 10* K,
the pressure in the present model is a factor of ~ 3.3 larger than that proposed by Brown
& Jordan (1981), which can be considered as reasonable agreement given the approximate

nature of the opacity estimate.

The flux ratios of the density sensitive O IV] (1400 A) multiplet lines are potentially the
most accurate diagnostic for determining transition region densities. Wood. Harper &
Linsky (1996) detected this multiplet using the GHRS spectra of Procyon and although

the strongest line was prominent, the weaker lines were blended with the 5i IV (1404 A)
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line. From the observed ratios they calculated an upper limit for the electron density at
Te ~ 1.5x10° K of log n. < 10.3. This gives a pressure of log P./k < 15.5 consistent with

the pressures found from the present model.

The low transition region pressure, P./k = 3.2 x 10" ¢cm™ K at log 7. = 5.00, in model
(c) of Brown & Jordan (1981), compared with the higher X-ray pressure P./k <6.4x 10"
cm ™ K at log T. = 6.18, led Jordan et al. (1986) to suggest the presence of supergranulation
structures similar to those seen in the Sun with the UV emission originating from limited
regions (~ 50%) of the stellar disk. A high coronal pressure was also derived by Drake et al.
(1995), from the line ratios of the Fe XIV lines at 211.32 A and 264.79 A, for which log P.
was found to have an upper limit of 16.0 at log T. = 6.3. However, the lines concerned
are weak and blended, and this high pressure cannot be considered as reliable (see Jordan,
1995a,b,c). The coronal pressure of 1.59 x 10'® cm™ K derived by Schmitt et al. (1994) at
log T. = 6.3, based on Fe XIV lines is also not reliable, owing to a blend with the S X line
at 264.24 A.

Wood, Harper & Linsky (1996) also concluded that higher coronal pressures compared with
those of the transition region are due to inhomogeneities in the star’s atmosphere (thus sup-
porting the argument of Jordan et al., 1986), on the grounds that such a pressure difference
between the transition region and corona does not agree with spherically symmetric models

in hydrostatic equilibrium, (but they did not compute such models).

In the present model, the electron pressure hardly varies between the low transition region
and corona. This is due to the inclusion of a wave pressure term throughout the atmosphere,
which has not been systematically included in previous models. Thus, the factor of 2
discrepancy between the transition region and coronal electron pressures found by Jordan et
al. (1986) is largely removed. To within the present uncertainties in the emission measures
and line widths, and in view of the good match between the EMD’s of the lower and upper

transition region, the new model is consistent with an atmosphere where both transition
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Figure 4.4: The variation of temperature with with the absolute radial extension (r — R.)
of Procyon, assuming a spherically symmetric geometry.

region and coronal material is approximately uniform in its spatial distribution. This is
further supported from an analysis of EUVE observations by Schmitt et al. (1994), who
proposed that Procyon’s coronal structure consists of loops which are evenly distributed in

order to account for the star’s uniform coronal emission.

Figure 4.4 illustrates the variation of temperature with the absolute radial extension (r — I.)

of Procyon, in spherically symmetric geometry. The transition region temperature gradient

is less steep than in the five dwarfs.

84.7 FEnergy Requirements

The radiative fluxes (AFg) of the lower transition region (3.8 < log T. < 5.5: note that
the upper limit of this temperature range corresponds to the value of Thnin for Procvon). are

listed in Table 4.8, averaged over 0.3 dex. As for the five dwarfs. the bulk of the radiation
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Table 4.8: The radiative losses (AFR in erg cm™ s7!', averaged over 0.3 dex) in the

lower tra'nsition region (log I. = 3.8 - 5.5) of the Procyon. as computed for the spherically
symmetric model. (The numbers in brackets indicate powers of 10).

log Te AFR log Te AFR

3.80 4.6(6) 430  9.3(5)
3.90  9.4(6)  4.90  1.1(6)
4.00  2.7(7) 500  1.3(6)
410 3.0(7) 510  1.4(6)
420 L7(7) 520 1.0(6)
430  TA4(6) 530  5.9(5)
140 2.8(6) 540  3.7(5)
450  1.3(6) 550  2.6(5)
460 9.7(5)

470 8.6(5)

is emitted at log T, = 4.1, which corresponds to emission from Lyman «. (Since the
EMD below log 7. < 4.0 is not well defined (see discussion in Section 3.3.2), only the EMD
where log T. > 4.0 will be considered in the following calculations). Table 4.9 gives the total
radiative flux Fr, summed over the temperature interval log T, = 4.0 - 5.5, the conductive
fluxes at the base and coronal temperatures (F.(T,) and F.(T.), respectively), the coronal
radiative flux Fr(T.), and the sum F.(T.) + Fr(T.). The uncertainties associated with the
above fluxes are as follows: op, ~ 20%, or, ~ 30% and of, ~ 40% (see discussion in

Section 3.7.2 of Chapter 3).

The energy conducted down at 3 x 10° K (F.(T,) = 3.8 x 10° erg cm? s7'), can just
be balanced by the radiation from the layer immediately below (Fr(log T. = 5.3 - 5.3)
= 3.7 x 10° erg cm? s7!) to within uncertainties. Thus, unlike the situation in the five
dwarfs, there is no need for significant area factors to raise radiation losses. The ratio of

the conductive flux to the radiative flux from the corona is also smaller in Procyon.

Mullan & Cheng (1994) have proposed that acoustic waves may be responsible for heating

Procyon’s atmosphere. In contrast, Brown & Jordan (1981) found that acoustic waves



84. 7. Energy Requirements 135

Table 4.9: The radiative and conductive energy losses (Fr and F, respectively, and in

- - 2 1) ranalit: - '
units of erg cm® s7!), in the upper transition region and corona of Procyon, as computed
tor the spherically svmmetric model. (The numbers in brackets indicate powers of 10)

FRIT)" FAT,)" FAT.)" Fa(T.)% Fno(T.)

3.6(7)  3.8(5)  5.1(5)  3.0(5) 8.1(5)
« - Tjhe total radiative losses (Fr = Y AFR), for the temperature interval log T. = 4.0 -
lj) Plz.conducted down at log T, = 5.5.

¢ - F. conducted down from the corona.
d - Fr from the corona.

€ - Fm(Tc) — FC(TC) + FR(TC)

Table 4.10: The acoustic fluxes (F},) for the transition region lines shown and their cor-
responding gas densities p, as computed from the present model. The FWHM used in this
calculation are as shown in Table 4.7. C II is optically thick and gives only an upper limit.

Ion A log Te 0 F,
(A) (em™3%) (ergem™2%s71)

CII 1335 43 11(-13) < 9.8(6)
SiIV 1402 4.8  4.0(—14) 4.7(6)
CIV 1548 5.0 2.7(—14) 3.9(6)

cannot heat the atmosphere beyond ~ 10* K, based on the electron densities available.
Using the FWHM from the GHRS observations of Wood, Harper & Linsky (1996), I have
re-computed the acoustic fluxes (F,) implied by the present models using equation (3.67)
of Chapter 3. (The value of < v}, > adopted in this calculation is given in Table 4.5).
Table 4.10 gives the resulting acoustic fluxes. The uncertainties of the FWHM quoted by
Wood, Haprer & Linsky (1996) are ~ 2% and these, in conjunction with the uncertainty

associated with P, yield op, ~ 20%.

From Table 4.10, it appears that the acoustic flux at T, ~ 2 x 10* K is ample to account

for the energy losses from the transition region and corona. The decrease in F, between
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2 x 10° K and 10° K is also sufficient to heat this part of the transition region. Similarly.
F, at 10° K exceeds the coronal energy losses (F.(T.) and Fg(T.)). These results, together
with those of Mullan and Cheng (1994) and Drake et al. (1995), show that acoustic waves
can heat the atmosphere of Procyon. The models discussed above are consistent with a
uniform spatial distribution of material in the transition region and corona. This may
imply that convection is not strong enough to confine the magnetic field to small areas in
supergranulation boundaries, and magnetic modes of heating may be weaker. Although the
evidence for abundance gradients in other stars is weak, the lack of small spatial scales in

the magnetic field, proposed as source of a FIP effect, is consistent with the absence of a

FIP effect in Procyon.

§4.8 Summary

Models of the transition region and corona of Procyon (« CMi) have been made, following
a similar approach to that used for modelling the outer atmospheres of the five dwarfs
(Chapter 3). The IUE fluxes from Brown & Jordan (1981) were used to compute EMD for
the lower transition region, while the upper transition region was modelled by assuming
energy balance between conduction and radiation. Both plane parallel and spherically
symmetric geometries were investigated; however, an energy balance solution could only be

obtained for the latter.

The energy balance model of the upper transition region joined smoothly to the lower
transition region with a minimum in the EMD at log T, = 5.5; although the fluxes of lines
found between log T. = 5.3 - 5.5, are uncertain, they do indicate a decreasing emission
measure. Further observations of this region would be of great value. The higher value
of T, for the minimum emission measure is a practical consequence of the energy balance
models. The EMD of Procyon was found to differ in other respects from those of the five

dwarfs, e.g. the lower coronal emission measure relative to that of the low transition region.
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These differences are probably due to the earlier spectral type and lower gravity of this star.
Owing to the inclusion of wave pressure, the variation of the electron pressure derived from
the present model is small throughout the transition region and corona. The transition
region pressure derived from line fluxes is now consistent with the spherically symmetric
uniform model and there is no need to invoke area factors to account for previous estimates

of the electron pressure.

The energy requirements in the transition region and corona were examined. The radiation
losses from the lower transition region must be balanced by non-thermal energy input other
than conduction from the corona, since there is no significant energy imbalance between
the conductive flux at the base of the upper transition region and the radiation losses
immediately below. It was also shown that acoustic waves can provide the heating required
in the transition region and corona of Procyon. This supports the findings of Mullan &

Cheng (1994) and Drake et al. (1995), using other arguments.

From the EUVE spectra presented by Drake et al. (1995), it is clear that longer exposures
of Procyon are required to enable a more definite identification of the weak lines used in

their estimates of electron density.



Chapter 5

Conclusions

§5.1  Summary and Conclusions

In this thesis, I have modelled the structure of the transition regions and coronae of a set of
late type stars for which it is possible to obtain high quality IUE and X-ray spectra, with

the aim of investigating the heating requirements of their outer atmospheres.

The stars examined were the five dwarfs, x' Ori (GOV), € Eri (K2V), £ Boo A (G8V), «
Cen A (G2V) and o Cen B (KO0V)), and the subgiant Procyon (o« CMi F5 IV-V). Using
new atomic data and the ROSAT observations, I have computed improved models of the
lower transition regions and new models of the upper transition regions and coronae of these
stars. These stars are important in understanding a range of correlations observed from a

larger sample of stars for which only more limited observations are currently possible.

The analysis and reduction of the raw X-ray data from ROSAT was described in Chapter
2. Particular emphasis was placed in understanding the differences and limitations of the
radiative power loss codes (Raymond-Smith, Landini-Monsignori Fossi, and Mewe, Gro-
nenschild & van den Qord). The emission measures derived using the LMF code were
systematically a factor of 2 higher than their corresponding values from the RS code. The
former code was found to yield lower temperatures than the latter. From the discussions
siven in Chapter 2 it is evident that the choice of atomic physics, (in particular the choice

ot the ion balance calculations) in the different codes, are factors responsible for these dis-
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agreements. Work is in progress by the above three groups to reconcile the differences and

improve the codes.

['he lower transition regrons were remodelled using previously obtained IUE line fluxes
and up-to-date atomic parameters and abundances. Rather than use a maximum entropy

approach I have obtained a best fit to the emission measure loci which reproduces the fluxes

to within £+ 0.1 dex.

The upper transition region was modelled assuming a balance between the energy deposited
by thermal conduction and that lost by radiation, in both plane parallel and spherically
symmetric geometries. The models were made in hydrostatic equilibrium, and unlike the

earlier ones, they include a systematic treatment of wave pressure. Comparisons of the
alternative fits to the ROSAT observations with results from EUVE, showed that the 1T

(RS & LMF) and the CEM fits give the most consistent results.

The models of the transition regions and coronae were combined using an iterative procedure
to give the full distribution between the corona and base of the transition region. The
calculations were carried out assuming that the emission at each temperature occurs in
a spatially uniform layer. The spherically symmetric energy balance models linked on to
the lower transition region to within £+ 0.15 dex, which in view of the inherent errors is
excellent agreement. On the other hand, the match between the plane parallel models was
not as good. It is therefore clear that above log T. = 5.3, the outer atmospheres of these
stars are better described by spherical symmetry, and that plane parallel geometry should
be treated as an approximation. Thus, new models have been produced which now cover

the whole region between the low transition region and corona.

C'alculations of the conductive fluxes at the base of the transition region show that in the
five dwarfs the energy cannot be radiated from the layers immediately belo<ns1:XMLFault xmlns:ns1="http://cxf.apache.org/bindings/xformat"><ns1:faultstring xmlns:ns1="http://cxf.apache.org/bindings/xformat">java.lang.OutOfMemoryError: Java heap space</ns1:faultstring></ns1:XMLFault>