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In the first part of this thesis we use the Oxford Short Wavelength Integral Field spec-
Trograph (SWIFT) to trace radial variations of initial mass function (IMF) sensitive stellar
absorption features in several galaxies. We observe M31 and M32, the two massive Coma
brightest cluster galaxies (BCGs), NGC4889 and NGC4874, and the BCG in the Coma
south-west cluster NGC4839. We measure equivalent widths of the sodium Nal A8190 dou-
blet, calcium triplet CaT A8498, 8542, 8662 and Wing-Ford band FeH A9916. In M31 we
find a strong Nal gradient within the central 10 arcsec (38 pc) in contrast to a flat FeH pro-
file. M32 displays flat profiles for all three indices, with similar FeH but lower Nal strengths
compared with M31. Using stellar population synthesis (SPS) models we find that M31
and M32 are well described by a Chabrier IMF throughout, although M31 displays a strong
negative gradient in Na abundance within the inner 30 pc reaching [Na/Fe| ~ 41.0 at the
centre. Within NGC4889 we again find a strong Nal gradient and flat FeH profile and derive
a Chabrier, or even bottom-light IMF, with a strong Na abundance gradient. This suggests
conflict with recent evidence for an increased IMF slope with increased velocity dispersion
in early type galaxies. We also infer a Chabrier IMF for NGC4874. However, for NGC4839
we measure both strong Nal and strong FeH, which may be evidence for a bottom-heavy
IMF. The IMFs we infer for the BCGs are supported by optical index measurements and
dynamical modelling results from the literature. Our galaxies cover a wide range of cen-
tral velocity dispersions (60-400kms~!) and we find no IMF variation at both lowest and
highest masses, with only one galaxy showing evidence for a bottom-heavy IMF.

In the second part we present HSIM: a dedicated pipeline for simulating observations
with HARMONTI on the Furopean ELT. HSIM takes high spectral and spatial resolution
input data cubes, encoding physical descriptions of astrophysical sources, and incorporates
detailed models of the sky, telescope and instrument to produce realistic mock data cubes.
We employ a new method of incorporating the strongly wavelength dependent adaptive
optics point spread functions. HSIM provides an advancement upon traditional exposure
time calculators and allows us to predict the feasibility of a given observing programme
with HARMONTI through the full analysis of mock data. We use HSIM to predict the
performance of the current HARMONI design, through point source sensitivities and noise
regimes for each operating mode. We find that HARMONTI will be predominately read-out
noise limited in the R- and H-bands, but heavily background-limited for the majority of K-
band modes. The coarsest 30 x 60 mas spatial scale offers background-limited observations
in all bands. We compare the visible wavelength AO performance between HARMONTI and
MUSE, finding that HARMONTI offers improved sensitivity at Ha, and longer, wavelengths.
Lastly, we perform a suite of HSIM simulations of star-forming emission-line galaxies at
z ~2-3. We detail the construction of input data cubes using two separate generation
methods. We show that HARMONTI will provide exquisite resolved spectroscopy of these
objects, probing and deriving properties of individual star forming complexes down to at
least ~ 350 pc in size. It will be possible to spatially resolve the sub-kpc star-forming
complexes of multiple bright galaxies in a single night, which represents a large increase in
observing efficiency over current telescopes and instruments.
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Chapter 1

Introduction

In this chapter we review the two main themes of this thesis and place our work within a
broader scientific context. We first introduce the instrumentation part of this work. The
technique of integral field spectroscopy as an advancement upon traditional long-slit spec-
troscopy is a central component to this thesis. We introduce the two instruments on which
this work is based, the Oxford SWIFT on the Hale 200 inch telescope at Palomar Obser-
vatory, and HARMONI on the future 39 m European Extremely Large Telescope. We also
introduce the principles of adaptive optics as a method for correcting the effects of atmo-
spheric turbulence on ground-based observations. We then cover the astrophysics aspects
of this work. We first review the field of galaxy stellar populations through spectroscopic
methods. The main scientific themes of this thesis concern star formation and constraining
the stellar initial mass function. The stellar initial mass function is a fundamental property
of galaxies and we discuss historic and recent attempts to constrain it. We then briefly
review studies of star formation at high redshift using adaptive optics-fed ground-based

telescopes.

1.1 Integral field spectroscopy and adaptive optics

Astronomers have been studying astronomical spectra ever since the use of a prism by
Newton to disperse the light from the Sun into a spectrum (Newton, 1704). Alongside

imaging, the technique of long-slit spectroscopy has been of fundamental importance to
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astronomy throughout the 20th century. Traditionally, the light from a telescope illuminates
a slit, which is aligned within the field of view (FoV) along the astronomical object. The
light is then dispersed through one of several methods (e.g. diffraction grating or prism) onto
a detector. This results in a set of spectra along one spatial axis of the object. While this
technique has been instrumental in the advancement of astronomy, it suffers from several
drawbacks, namely a) the use of a slit means most of the light collected by the telescope is
wasted, and b) only a single spatial dimension is probed per observation, so the slit must
be scanned across an object to obtain 2D information, which is costly for telescope time
and is susceptible to inhomogeneities in the resulting data.

Integral field spectroscopy (IFS) is a relatively new technique in astronomy, which has
been developed since the early 1980s (first prototype by Vanderriest, 1980), and is an
advancement upon long-slit spectroscopy. The technique collects spectra simultaneously
over a 2D field, overcoming the two key problems with long-slit spectroscopy. Through the
data reduction stage, the product of an IFS observation is usually a data cube with axes
(z, y, A) containing two spatial axes and one spectral axis. It can be thought of either as
a cube containing images at many different wavelengths, or an image whereby every pixel
contains a spectrum. An example of the entire integral field observation process is shown
in Figure 1.1. An important challenge in the development of IFS was packing the three
dimensions of information (two spatial and one spectral) onto a two dimensional detector.
With modern computing techniques, rearranging the data from the detector into a 3D

product has become relatively straightforward.

1.1.1 IFS techniques

The key to IFS is the method of splitting up and dispersing a 2D field onto a detector in
order to pack three dimensions of information within a 2D space. Several techniques have
been developed for integral field units (IFUs) to achieve this as shown in Figure 1.2. These
are:

a) The lenslet or microlens method whereby an array of small lenses in the focal plane
produces an array of small images of the telescope pupil, which is then dispersed onto a

detector creating a spectrum for each lenslet. This method was pioneered by TIGER on the
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Figure 1.1: Diagram showing the processes involved in an integral field spectrograph obser-
vation. The telescope light is split (here shown using a mirror stack) and rearranged into a
pseudo long-slit. This is then dispersed onto a detector. Data reduction converts the raw
detector frames into data cubes with two spatial and one spectral dimension. Image credit:
adapted from Figure 1 in Vives & Prieto (2006).

Canada-France-Hawaii 3.6 m telescope (CFHT, Bacon et al., 1995). It is conceptually the
simplest design so offers the greatest throughput. However it suffers from inefficient use of
detector real estate due to requiring space between the spectra from each lenslet to prevent
overlap. Other IFUs to successfully utilise this technique include OASIS (Emsellem, 1999)
and SAURON (Bacon et al., 2001).

b) The optical fibre method where the field is split up using a bundle of optical fibres,
which are then rearranged to form a one dimensional row of points to be dispersed akin to
a long-slit. Fibres have been used for IFUs since Vanderriest (1980) and Hill et al. (1980),
and continue to be employed in many instruments (e.g. SAMI, Croom et al., 2012). There
are two main disadvantages of this technique. Firstly, optical fibres are circular with an
outer layer of protective cladding, thus they under fill a field when in a close-packed array.
Secondly they suffer from focal ratio degradation (FRD) whereby light entering the fibre
at an angle departs from the other end at a range of angles around the input (e.g. Heacox,

1986; Clayton, 1989). An instrument with a faster focal ratio than the telescope can reduce
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the effect of FRD, otherwise losses can be significant. A recent example of a fibre-based
IFU is the SAMI instrument (Bryant et al., 2012; Croom et al., 2012).

Optical fibres have been combined with lenslets to substantially improve the overall
performance. The lenslet array allows for a much greater fill factor and can also feed the
fibres with lower focal ratio beams to minimise FRD. This method has been employed by
the GMOS instruments on the Gemini telescopes (Allington-Smith et al., 2002).
¢) The image slicer method consists of a stack of mirrors each aligned at slightly different
angles to the incoming light (see e.g. Figure 1.1). This optically splits the field into thin
slices which diverge along different paths and are optically aligned into a long slit by a
second set of mirrors. The resulting pseudo long-slit is dispersed akin to a traditional 1D
spectrograph. Image slicers offer the advantage of being easy to cool down to cryogenic
temperatures, thus being able to extend to near-infrared (NIR) wavelengths where thermal
background emission becomes prominent. They also offer extremely efficient use of detector
space with a near perfect fill factor. The optics are however expensive to manufacture and
they can be substantially larger instruments than those employing the alternate methods,
which creates additional challenges for instrument design. Examples of slicer-based IFUs
are SINFONTI (Eisenhauer et al., 2003) and MUSE (Bacon et al., 2010) on the VLT.

IFS has become a standard technology on many of the world’s largest ground-based
optical and NIR telescopes. Whereas the first [IFUs were designed predominately as proof
of technology (e.g. TIGER; Bacon et al., 1995), several different types of IFU instruments

are now in operation, which are tailored towards specific scientific goals. These include:

e Multi-object spectroscopy (MOS) instruments, consisting of multiple mini-IFUs for
the simultaneous observation of several objects, and total sample sizes in the thousands
(e.g. KMOS with 24 image-slicer IFUs, Sharples et al. 2013; SAMI with 13 optical
fibre ‘hexabundles’, Croom et al. 2012; MaNGA with 17 optical fibre bundles, Bundy
et al. 2015; Drory et al. 2015).

e Large, single FoV IFUs for observations including extended nearby objects, resolved
stellar populations, and deep field surveys (e.g. MUSE with a 1 x 1 arcmin FoV, Bacon
et al., 2010).
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Figure 1.2: Different design methods of integral field units to split the light from a 2D
field and disperse onto a detector. These are, from top to bottom, the lenslet array, the
optical fibre+lenslet method, and the image-slicer method. The final product (after data
reduction) in each case is a 3D data cube. Image credit: Figure 1 in Westmoquette et al.
(2009) adapted from Figure 5 from Allington-Smith et al. (1998).
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e High contrast IFUs using extreme adaptive optics and coronagraphs for exoplanet
imaging and low resolution spectroscopy (e.g. SPHERE on the VLT, Beuzit et al.,
2008).

This thesis concerns two integral field spectrographs, which both utilise the image slicer
technique. These are the Oxford SWIFT instrument on the Hale 200 inch telescope at
Palomar Observatory, and the first-light HARMONTI instrument for the European ELT. We

give a brief overview of each instrument here.

1.1.2 Oxford Short Wavelength Integral Field specTrograph (SWIFT)

The Oxford Short Wavelength Integral Field specTrograph (SWIFT: Thatte et al. 2006)
is an instrument built for the Hale 200 inch telescope at Palomar Observatory. SWIFT is
a slicer-based integral field spectrograph covering the wavelength range 0.63 — 1.04 ym at

—1 Tt offers several spatial pixel

a resolution of ~ 2 A with a spectral sampling of 1 A pix
(spaxel) scales, ranging from seeing limited observations at 235 masspaxel ! with a FoV

of 21 x 10 arcsec, to 80 mas and 16 mas scales for use with the PALM 3K single conjugate
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Table 1.1: Design parameters for SWIFT.

Wavelength range 0.63 - 1.04 ym
Spatial scales (FoV) 16 mas (1.42"” x 0.7”), 80 mas (7.1” x 3.5")
235 x 235 mas (20.9” x 10.3")

Resolving Power 3250 at 0.65 um
4400 at 1.0 pm

Temperature 155 K detectors
Detector 2x LBNL 250 pm, fully depleted, 4k x 2k CCDs
Throughput 23% (avg. inc. tel. & det.)
AO modes SCAQ, seeing-limited

adaptive optics (SCAO) system (Bouchez et al., 2008). The thick, 250 pm silicon CCD
detectors used are cryogenically cooled using liquid nitrogen and offer greater quantum
efficiency (QE) at red wavelengths compared to normal CCDs. The full design parameters
of SWIFT are shown in Table 1.1.

SWIFT has been utilised for numerous science programmes, ranging from studies of
Solar system bodies (Clarke et al., 2013), to resolved studies of ring galaxy systems (Fogarty
et al., 2011), kinematic surveys of galaxy clusters (Scott et al., 2012; Houghton et al.,
2013), and stellar populations analysis of nearby galaxies (Zieleniewski et al., 2015a). It is
optimised to take advantage of the calcium triplet (CaT) absorption feature for measuring
galaxy kinematics, but the wavelength coverage includes several important NIR absorption
features, which enable the study of stellar populations of nearby galaxies.

In the first part of this thesis we use SWIFT in seeing-limited mode to undertake studies
of the stellar populations in nearby galaxies, with the aim of constraining the low-mass end
of the initial mass function. We introduce the field of galaxy stellar populations and the

initial mass function in Section 1.2.2.

1.1.3 HARMONI on the European ELT

The High Angular Resolution Monolithic Optical and Near-infrared Integral field spectro-
graph (HARMONTI: Thatte et al. 2010) is the first-light integral field spectrograph for the
European Extremely Large Telescope (E-ELT), a 39 m optical/NIR telescope currently be-

ing constructed by the European Southern Observatory (ESO) on Cerro Armazones, Chile.
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Table 1.2: Current design parameters for HARMONI.

Wayvelength range 0.47 - 2.45 pm
Spatial scales (FoV) 4 mas (0.61” x 0.86”), 10 mas (1.52"” x 2.14")
20 mas (3.04” x 4.28"), 60 x 30 mas (6.42" x 9.12")

Resolving Power 3500 (V+R;Iz+J; H+ K)
7500 (Iz; J; H; K)

20000 (half of each NIR band)

Temperature 120 K cryostat, 40 K detectors
Detectors Teledyne HgCdTe 4k x 4k for NIR
4k x 4k CCD for visible

Throughput > 30% avg.
AO modes SCAO, LTAO, seeing-limited

Upon completion the E-ELT will boast greater light gathering power than all current opti-
cal /NIR telescopes combined. It will be a fully-adaptive telescope providing two flavours of
adaptive optics (AO) correction: SCAQO, which uses a single natural guide star to provide
high level correction only in the vicinity of stars of My < 13mag, and laser-tomography
adaptive optics (LTAO), which will use six laser guide stars in combination with several
natural guide stars to provide high-level correction over the entire sky. It will also be able
to operate in seeing-limited mode.

HARMONTI will provide core spectroscopic capability for the E-ELT at visible and NIR
wavelengths. It will most likely provide 152 x 214 = 32528 simultaneous spectra arranged
in a 1/2:1 aspect ratio contiguous field made up from four separate IFU optical channels.
The instrument is currently in preliminary design phase with construction planned for later
this decade. First light for the E-ELT and HARMONTI is currently around 2025. The
current design parameters of HARMONI are shown in Table 1.2. It is being designed
as a single-field, visible and NIR integral field spectrograph, and will provide a range of
spaxel scales and spectral resolving powers, which permit the user to optimally configure
the instrument for a wide range of science programmes; from ultra-sensitive to diffraction-
limited, spatially resolved, physical (through morphology), chemical (via abundances and
line ratios) and kinematic (through line-of-sight velocities) studies of astrophysical sources.

HARMONI will be compatible with both SCAO and LTAO, allowing it to tackle a broad
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range of astrophysical problems, including: a) the physics of mass assembly of galaxies at
high redshifts, b) resolved studies of stellar populations in distant galaxies, ¢) detecting
and weighing intermediate mass black holes in nearby galaxies or globular clusters, and d)
characterising known extra-solar planets.

The contract to build HARMONI between ESO and the HARMONI consortium was
signed in September 2015. During the design stage of such a large instrumentation project,
it is of vital importance to accurately quantify the expected instrument performance, and
assess the feasibility of future scientific programmes, prior to construction. The second
part of this thesis involves the development of the instrument simulation pipeline HSIM
for HARMONI, and its use for predicting instrument performance and simulating specific

science cases.

1.1.4 Principles of adaptive optics

Most modern IFU instruments are coupled to AO systems, so here we give an overview of
the basic principles of AO.

In the absence of any phase distortions, light enters a telescope as a flat wavefront and
is focussed to a diffraction-limited point spread function (PSF). For a circular aperture of
diameter D with a central obscuration the full width at half maximum (FWHM) of the

PSF in radians for a wavelength A is given by

FWHM = A%, (1.1)

where A depends on the size of the central obscuration but is very close to unity. The

Raleigh criterion states that the angular resolution in radians is given by

A
=1.22—. 1.2
0 5 (1.2)

However, in practice ground-based observations are limited by atmospheric turbulence
or seeing. Light travelling through the Earth’s atmosphere suffers random aberrations as it

passes through regions where there is turbulent mixing of air of different temperatures and
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therefore different refractive indices. The energy entering the atmosphere on large scales,
for example through heating from sunlight, transfers down to successively smaller scales,
leading to the changes in temperature and refractive index. These temporal changes cause
the flat wavefronts of light to be perturbed as they travel through the atmosphere, creating
phase differences across the telescope aperture. The resulting short exposure image is a large
collection of individual diffraction-limited images known as a speckle pattern. Observing
for much longer than the coherence timescale of the turbulence 7y, integrates the speckle
patterns to a large seeing disc or halo.

In the Kolmogorov (1941) turbulence model, energy enters the atmosphere on infinite
scales, and so the atmospheric turbulence power spectrum is described by a power law on
infinite scales. The PSF full width at half maximum (FWHM) in radians of a long-exposure

seeing-limited observation is given by,

FWHM = A2, (1.3)
o

where ¢ is the Fried parameter, which characterises the scale of atmospheric turbulence
(e.g. Roddier, 1981; Sarazin & Roddier, 1990) and is usually around 10-20 cm®. The phase
variance across the aperture is given from Fried (1965) as,
D\ /3
o2 =1.03 () : (1.4)
To
so for a telescope with D < ry the variance will be small and thus it will still be diffraction-

limited. For a telescope with D > ry the long-exposure resolution is limited to?,

0—1222. (1.5)
ro

AO systems operate on the principle of measuring the incoming wavefront phases across

the telescope pupil, using a wavefront sensor, and relaying commands via a real time control

Lo is defined as the diameter of a circular aperture over which the wavefront phase variance is equal to

one radian.

2The more recent von Kdrmén model also includes a finite outer scale Lo, which reduces the variance of
turbulence on large scales (e.g. Tokovinin, 2002; Martinez et al., 2010). This results in an improvement in
seeing-limited performance for telescopes with D > 7o (Tokovinin, 2002).
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system to a deformable mirror, which changes shape to correct for the phase changes. A
schematic of an AO system is shown in Figure 1.3. The distorted wavefronts of light enter-
ing the AO system are incident upon the DM and are split by the beamsplitter, which sends
the light of scientific interest to the science instrument, and the remaining wavelengths to
the AO-loop. We describe the three key components of an AO system.
Wave front sensor (WFS): The WFS samples the phase differences across the pupil.
Several types of WFS exist; the most common is the Shack-Hartmann (SH) WFS, which
uses an array of lenslets to split the pupil into several sub-pupils, which are each focussed
onto a detector. Any phase distortions across the wavefront cause the positions of the sub-
images to move relative to the positions from a flat wavefront. Thus, the SH WFS measures
the gradient of the wavefronts across the aperture. Other methods include the curvature
WEFS (Roddier & Roddier, 1988) and pyramid WFS (e.g. Ragazzoni et al., 2000).
Deformable mirror (DM): The DM comprises a mirror with individual (but not nec-
essarily separate) sections that are able to move up and down via actuators, allowing the
DM to take the required shape to correct for wavefront distortions. The actuator density
(number of actuators across a DM) indicates the level of correction possible. Several types
of DM exist including segmented, ferrofluid, and biomorph DMs.
Real time control (RTC) system: An RTC system is required to relay phase measure-
ments from the WFS into actuator commands for the DM. For accurate correction the AO
loop must operate at high speed, usually hundreds of Hz. The RTC creates an interaction
matriz from the WFS measurements, of which the inverse is the reconstructor matriz, which
gives the actuator commands to the DM to perform the correction.

The performance of an AO system is encoded in the resulting PSF. The ability of an

AQO system to correct the PSF can be quantified using the Strehl ratio (SR),

 Max(PSF o)

SR = Max(PSFpp,)’

(1.6)

where PSFp, is the PSF of a perfectly diffraction-limited system. An example performance
comparison between a seeing-limited and AO-corrected observation is shown in Figure 1.4.

AOQ systems are complex and operate at high frequencies, so the performance is limited
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Figure 1.3: A basic schematic of an AO system. The wavefronts of light entering the
telescope are distorted by atmospheric turbulence. The light is incident onto a deformable
mirror (DM) and is then split by a beamsplitter. The wavelengths of scientific interest are
sent to the instrument while the other part is incident onto a WFS. The WFS measures the
incoming phase fronts and relays inverse commands to the DM to correct for the distortions.
The control loop between the WFS and DM is usually run at speeds of hundreds of Hz.
Successive wavefronts are partially corrected by the DM and thus yield better angular
resolution PSFs. Image credit: NSF Center for Adaptive Optics.
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[maging with Hokupa'a

17

Figure 1.4: Observation of a star at 0.94 um with (right) and without (left) AO using
the Hokupa’a AO system on the Canada-France-Hawaii 3.6 m telescope (CFHT) . The
improvement in FHWM and SR of the AO-corrected PSF compared to the seeing-limited
PSF is stark, with a factor ~ 10 decrease in the PSF FWHM. Image credit: L. Close and
University of Hawaii, Institute for Astronomy.

by many variables. The main sources of error are:

Fitting error: The level of AO correction is limited by how accurately the DM can form
the shape of the incoming phase fronts. The fitting error is proportional to the size of the
actuators; decreasing the actuator size allows the correction of higher spatial frequencies.
Moreover, smaller actuator sizes allow for better correction at shorter wavelengths. As
ro o< N6/° (e.g. Davies, 2008), the wavefront distortions are to first-order achromatic, so
for longer wavelengths, phase distortions are a smaller fraction of the wavelength and AO
correction is better for a given actuator size. Shorter wavelengths need smaller actuators
as phase distortions are a larger fraction of the wavelength.

WPEF'S error: The ability of the WFS to determine the wavefront phases is limited by
the signal-to-noise of the wavefront measurements. Observing a brighter reference object
reduces the WFS error, as does reducing the AO-loop frequency but this must be traded
against the Servo error.

Servo error: The time delay between measuring the wavefront aberrations and changing

the DM introduces an error due to the short coherence time of the turbulence (on the order
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of milliseconds). Running the system at higher frequency reduces this error but this must

be traded off agains the resulting increase in WFS error.

Isoplanatic error: Light from a correcting source off-axis to a science object (or vice versa)

passes through a slightly different section of atmosphere, and due to the small coherence

length of the atmosphere this introduces an error, which increases with increasing angular

separation between the objects.

Non-common path (NCP) errors: Any optical aberrations introduced downstream of

the WFE'S will not be seen by the AO system and thus not corrected. It is possible to correct

for some NCP errors using post-processing techniques (e.g. kernel phase; Pope et al., 2016).
Several types of AO system exist and an overview of the two systems mentioned within

this thesis are given here (see Figure 1.5):

e SCAO: the most common AO type using a single bright natural guide star to perform
high level correction on-axis. A single DM is conjugate to the telescope pupil giving
high order correction but in a very limited FoV. SCAOQO is useful for science where the
correcting object is also the object of scientific interest, e.g. extrasolar planet imaging
or studies of binary stars. Due to the relative rarity of bright stars, SCAO operation

is generally limited to only a few per cent of the sky area.

e LTAO: The use of laser guide stars alleviates problem of limited sky coverage®. Laser
tomography involves the use of multiple laser guide stars in a specific asterism shape,
combined with the same number of WFSs, to provide full reconstruction of the at-
mospheric profile within the area of observation. It will therefore offer correction for
extended objects and over a much larger percentage of the sky compared with SCAO.
LTAO is a new technology but is being actively pursued by pathfinder instruments
including CANARY on the William Herschel Telescope (Morris et al., 2014).

3Laser guide stars include specific sources of error, for example: the cone effect due to the finite height
of a laser guide star above the ground, and spot elongation on the SH-WFS detector, which limits centroid
accuracy.
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Figure 1.5: Diagrams of SCAO (left) and LTAO (right) systems. SCAO provides good
on-axis correction by correcting on a single natural guide star, but is limited by the rarity
of bright stars in the sky. LTAO uses an asterism of multiple laser guide stars to give
tomographic reconstruction of the complete turbulence profile within the asterism area
on the sky. It offers much greater sky coverage but with reduced performance due to
the complexity of the system compared with SCAO. Image credit: FEuropean Southern
Observatory.

1.1.5 Signal and noise

In this section we introduce some useful equations for quantifying basic instrument per-
formance. In astronomy we seek to measure the signal from an object on a CCD or NIR
detector above additional noise sources. The total counts on a detector resulting from an

observation can be decomposed into four contributions,

counts = signal + background + dark + read, (1.7)

where the background consists of sky emission and telescope/instrument thermal emission,
dark is the detector dark current, and read is the read-out noise introduced whenever the
detectors convert the accumulated electrons to voltage. We assume that the first three

terms are governed by Poisson statistics so that their variances V' equal their mean values,

(signal) = Vignal, (background) = Vi, (dark) = Vg, (1.8)
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Table 1.3: List of parameters required to calculate the S/N of an IFS observation

Parameter Symbol Example units
Object flux (point source) F\ ergs—!em™2 AT
Object flux (extended source) F ergs™ ' cm ™2 A" arcsec2
Background flux Fyg ergs™ ! cm ™2 A" arcsec2
Photon energy E\ erg

Telescope area A cm?
Resolution element A A

Number of spaxels Nypax

Number of (spectral) pixels Nopix

Number of exposures Nexp

Exposure time Toxp S

Detector dark current D, e s 1 pixel ™!
Detector read-out noise OR e~ pixel ™

Spaxel scale Tspax arcsec
Ensquared energy (fraction of PSF) EpsF (NepaxT2pax)

Atmospheric transmission Totm

Telescope transmission Tiel

Instrument transmission Tins

Detector quantum efficiency Qdet

Total transmission Tiot = TatmTte1Tins@det

and that the read-out noise has a mean of zero and variance of U%{. We further assume that

the four contributions are uncorrelated so that their variances add,
Viata = signal T+ ng + Viark + U%{' (19)

Thus we define the standard signal-to-noise (S/N) equation as,

$/N = (signal) (signal) . (1.10)

VViata \/<signal> + (background) + (dark) + Jﬁ

Calculating the S/N of an observation of a source with flux F) requires many parameters,

which are listed in Table 1.3.

2

The number of electrons Np; stored in an area of the detector Nspaxrspax each second
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from a spectroscopic observation of an object, is given by,

Fy\ Tior A AN EPSF(NsanTSan)
E\
F)\ Tiot A AX NspaxT
E

Nopj = (point sources), (1.11)

spax

(extended sources), (1.12)

where, for point source observations, Epgr is dependent on the point spread function (PSF)
and the area over which we integrate. The number of background electrons from sky/tele-
scope/instrument emission arriving over the same area each second is given by,

Fbg Tiot A AN Nspaxr
Ey

by = iy (1.13)

If the resolution element A\ is sampled by Npix spectral pixels (where for Npiyx = 2 we
are Nyquist sampling), then the S/N per resolution element of an observation of duration

TexpNexp, is given by,

S/N _ Nobj Texp\/ Nexp ‘ (114)
\/(Nobj + Nbg + Nspaprich)Texp + NspaprixU%{

In the far red and NIR where the sky becomes brighter with many prominent sky lines it

is usual to subtract a separate sky exposure, which adds additional noise terms,

Nobi Texpr/ Nex
S/N = obi PV - exp . (1.15)
\/(Nobj + 2Nbg + 2Nspaprich)Texp + 2NspaprixO'1%{

It is now useful to look at the limiting situations. For the source-limited case where
Nobj >> Npg, NspaxNpixDe, NspaxVp IXO'R we find that S/N oc \/NopjTexpNexp- One can
increase the total exposure time, either by increasing Tex, or Neyp, or observe a brighter
source to increase the S/N. In reality, Texp is usually limited either by the saturation level
of the detector, or by the number of cosmic rays incident on the detector.

More commonly, for faint observations the background dominates such that Ny, >>

4Strictly speaking the transmission will be different for each background component as, for example, the
telescope thermal emission is only transmitted through the instrument and onto the detector. Even within
the telescope the emission from individual mirrors goes through one less subsequent mirror along the light
path. We account for these factors within this thesis.
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Nobjs NspaxNpixDe, NepaxNpixoz and we find that,

Nobir/ToxpNex
S/N = °bJ\/% P (1.16)
g

D\ /TexpNex

— VPP (point sources), (1.17)
NSPaXTS?an

x D \/ NpaxTZpax TexpNexp  (extended sources), (1.18)

where we have substituted in Equations 1.11 and 1.13, and the telescope area A scales with
the square of the diameter D.

Similar relations can be found in the dark-limited case,

S/N o D*\/ToxpNexp (point sources), (1.19)

x D? \/ NopaxT2ax TexpNexp  (extended sources), (1.20)

and the read-limited case,

S/N o D*Texp\/Nexp (point sources), (1.21)
o< D*Toxp NypaxTZpaxNexp  (extended sources), (1.22)

For seeing-limited observations, the PSF is independent of D and so the S/N scales
as S/N o< D for the source- and background-limited cases, and o D? for the dark- and
read-limited cases, for both point and extended sources. If an instrument Nyquist samples

the near diffraction-limited AO-corrected PSF so that,

A

rspax = E, (123)

then for the background-limited case, the point source S/N oc D2. This can also be repre-
sented in terms of the observing efficiency, or inverse time to achieve a required S/N. As
S/N \/szp then it can be seen that the observing efficiency scales as D*. Thus, the 4
mas spaxel scale of HARMONTI is designed to Nyquist sample the PSF at NIR wavelengths

and exploit the huge gain in sensitivity and efficiency offered by the E-ELT operating with
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AO.

The equations shown here do not include systematic effects, which in reality limit how
the S/N scales in the various regimes. However, the S/N equation is the principle on which
exposure time calculators are based, and these offer vital insight into the feasibility of
observations. We use this as a basis for the HSIM pipeline presented in the second part of

this thesis.

1.2 Galaxy stellar populations and star formation

1.2.1 Galaxy formation: a brief overview

That we inhabit an expanding universe consisting predominately of dark energy (A) and cold
mark matter (CDM), which started out from the Big Bang, has become the well-established
cosmological model. Recent results from the Planck satellite have shown that dark energy
constitutes around 68 % of the energy-density of the Universe, with dark matter comprising
around 27 % (Planck Collaboration et al., 2014, 2015). The remaining 5 % is in the form of
baryonic matter, which makes up the stars, gas and galaxies that we can directly observe.
The ACDM framework has been successful in explaining many observed properties of our
universe including the existence and distribution of the cosmic microwave background, the
large-scale structure of space through the distributions of galaxies, the expansion of the
Universe, and the abundances of the light elements hydrogen, helium, and lithium.

In this framework, initial density perturbations were inflated in the early Universe and
then grew through gravity to form increasingly large structures. Dark matter comprises the
majority of the cosmic web of filaments and voids that makes up the large scale structure.
The baryonic matter traced the dark matter and formed stars and galaxies within the large
gravitational potential wells of dark matter haloes. The galaxies then evolved through
complex non-linear processes such as gas cooling and accretion, star formation with stellar
feedback, and mergers, to form the complex distribution of galaxies we now see at the
present day (e.g. Cole et al., 2000).

When we observe nearby galaxies, we see a rich diversity of morphologies, colours and

sizes, ranging from giant red ellipticals to blue spiral galaxies with complex secular struc-
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tures (e.g. bars). Understanding the evolution of galaxies from the first stars to the vast
diversity seen at the present day is an immense challenge for modern astronomy. The phys-
ical processes governing how galaxies form their stars are still far from fully understood.
Processes such as the inhibition of gas cooling through stellar or active galactic nuclei
(AGN) feedback, or minor and major merging of galaxies, are actively studied to try and
understand their effects on the galaxy population, using both observational and theoretical
approaches.

Two important and complementary observational threads that exist to try to better
understand the processes involved in star formation are: studying the fossil record of nearby
galaxies through their old stellar populations, and probing star formation in the high redshift

universe.

1.2.2 Galaxy stellar populations

Studying the stellar populations in nearby galaxies is akin to archeology. The stars are the
directly observable baryonic component of galaxies and harbour much information about
their formation and evolution over billions of years. This information must be teased out
from the stars that we see shining today. Stars vary in mass from the faintest and smallest,
which are fractions of the mass of the Sun, up to the brightest and most massive, each
constituting around 100 solar masses. Stellar evolution theories predict the energy emitted
by a star as a function of time, given its initial mass and chemistry, giving a spectral energy
distribution (SED). Light from a galaxy is therefore a complex superposition of SEDs from
every star integrated along the line of sight. A great advance in our understanding of
stellar populations within galaxies arrived with the advent of stellar population synthesis
(SPS) modelling (e.g. Tinsley, 1968, 1972; Faber, 1973; Searle et al., 1973). This method
utilised stellar evolution theory to generate models according to possible spectral types for
a given age and chemical composition. With advances in evolutionary theory throughout
the second half of the 20th century, SPS modelling has become the standard approach to
understanding the SEDs of galaxies, with many different models now existing (e.g. Bruzual
& Charlot, 1993; Worthey et al., 1994; Vazdekis et al., 1996; Bruzual & Charlot, 2003;
Vazdekis et al., 2003; Maraston, 2005).
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SPS models utilise the simple stellar population (SSP), which is defined as the SED of
an instantaneously birthed group of stars as a function of certain key parameters such as:
a) the formation epoch or age,

b) the metallicity or abundance of elements heavier than helium relative to that in the Sun
2/H),

¢) abundance ratios of a-process elements® relative to iron [a/Fe],

d) abundance ratios of individual elements relative to iron, e.g. sodium [Na/Fe], magnesium
[Mg/Fe],

e) the initial mass function £(m), which sets the distribution of stellar masses.

These components are usually combined in the following way to create the SED of an

SSP,
muy(t)

Fose(t.2.6) = | 7 FualTur logg(mt, 2] &0m) am. (1:24)
where Fya, is a stellar spectrum, my is the low mass cut-off, and m,(t) is the age-dependent
upper mass limit. The low and high (at birth) mass limits are usually set to around 0.1 M,
and 100 Mg respectively. The input stellar spectra vary according to temperature 7Teg and
surface gravity log g(m) for a given age and chemical composition. Stellar spectral libraries,
either empirical or theoretical (or both), are combined with isochrones® to generate Fyi,, for
any given parameters, thus allowing the generation of a full SSP. The challenges facing SPS
model generation are large. There is no one set of isochrones which completely describe all
phases of stellar evolution, and a wide number exist (e.g. Padova models cover a range of
ages, metallicities and stellar phases: Bertelli et al. 1994; Girardi et al. 2000; Marigo et al.
2008; Geneva models follow high mass stars through post-main sequence stages: Schaller
et al. 1992; Meynet & Maeder 2000; Lyon models cover very low mass stars: Chabrier &
Baraffe 1997; Baraffe et al. 1998), and the treatment of certain evolutionary phases is still
a topic of debate (e.g. thermally pulsating (TP)-AGB stars Maraston, 2005). Furthermore,

stellar spectral libraries suffer from certain deficiencies. Theoretical libraries can fully cover

the Tegr, log g(m), Z parameter space but require stellar modelling assumptions and have

50, Ne, Mg, Si, S, Ar, Ca, and Ti are elements built up with a-particle nuclei.
SThese set the distribution of stars of the same age and metallicity on the Hertzsprung-Russell diagram
according to evolutionary theory.
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incomplete atomic and molecular line lists, whereas empirical libraries poorly cover the
parameter space due to the rarity of stars of certain evolutionary phases. Recent reviews
by Peletier (2013) and Conroy (2013) overview SPS modelling, highlighting the challenges
involved but also demonstrating the huge progress being made and the power of the ap-
proach.

Galaxies are actually a complex ensemble of different stellar populations, each amassed
over a specific star formation history (SFH) and formed under different chemical and en-
vironmental conditions. However, despite the model limitations there is still power in
comparing SSPs against integrated galaxy spectra to derive SSP-equivalent properties of a
galaxy’s stellar populations, through various analyses including broadband colours, spectral
absorption feature indices, or full spectrum fitting. The SED of a galaxy contains many
absorption features corresponding to specific atomic or molecular species. These features
vary in strength depending on the ages, metallicities, chemical abundances and IMF of the
stellar populations. Absorption feature indices have been extensively studied within indi-
vidual stars (e.g. Spinrad & Taylor, 1969, 1971; Faber et al., 1985; Bressan et al., 1996;
Cardiel et al., 1998; Cenarro et al., 2001, 2009) and used to calibrate stellar evolutionary
theories and their resulting SEDs.

Spectral indices are usually defined with two pseudo-continuum bandpass regions either

side of a feature bandpass region. Then the spectral index equivalent width is measured as,

I(A) = /:CQ [1 - (Sj((i))} A, (1.25)

€1

where A\, and A, are the limits of the central bandpass, S(\) is the observed spectrum, and
C(A) is the local pseudo-continuum, which is derived as a error-weighted linear fit between
the two continuum bandpass regions, one either side of the feature bandpass.

The Lick/IDS index system (Burstein et al., 1984, 1986; Faber et al., 1985; Gorgas
et al., 1993; Worthey et al., 1994; Trager et al., 1998) has become a standard set of optical
index definitions utilised for inferring galaxy stellar populations over the last thirty years.
Other features have been defined at longer wavelengths (e.g. calcium triplet at ~ 8500 A:

Cenarro et al., 2001) and now a comprehensive set of well studied indices that have different
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responses to SSP parameters is available between ~0.4-1.0 pm.

However, a well known problem is the existence of numerous degeneracies between SSP
parameters (e.g. the well known age-metallicity degeneracy; Worthey et al., 1994)7, which
heavily complicates the interpretation of observations. Solutions involve using so called
index-index plots to break degeneracies between SSP parameters, and combining with other
data like broadband colours. Despite the challenges, major developments in the quantitative
understanding of galaxy stellar populations have been made through analysis of integrated
SEDs (e.g. Faber, 1973; Burstein et al., 1984; Trager et al., 1998, 2008).

The most studied galaxy population has been elliptical early type galazies (ETGs), along
with classical bulges within some spiral galaxies, which share similar properties. Together
these count for over half of the total stellar mass in the Universe (e.g. Bell et al., 2003;
Gallazzi et al., 2008; Bernardi et al., 2010). ETGs are generally the most massive galaxies
and tend to reside in the densest environments, such as the centres of galaxy clusters
(Dressler, 1980). They have smooth brightness profiles and generally redder colours with
little evidence of star formation (e.g. Renzini, 2006). The basic observable properties of
ETGs, the effective radius Re, the surface brightness within the effective radius, (I), and
the central stellar velocity dispersion o, have been found to form a very tight correlation
known as the fundamental plane (FP) (Dressler et al., 1987; Djorgovski & Davis, 1987).
The FP is a consequence of virial theory for the stellar dynamics of ETGs, but observations
have shown that the FP is actually slightly tilted with respect to that derived from pure
virialisation (e.g. Bender et al., 1992).

Using the age-sensitive HS and metallicity sensitive Mgb indices, Peletier (1989) and
Worthey et al. (1992) showed that ETGs are generally enhanced in [a/Fe]. As the a-
elements are predominately produced by the deaths of massive stars in type II supernovae,
whereas iron-peak elements are generated by type Ia supernovae, the [a/Fe| ratio become
an important estimator of the star formation timescale of ETGs. Thomas et al. (2005)

showed that [«/Fe] correlated with o, and thus derived the picture of the most massive

"Galaxies become redder as they age because more massive, bluer stars move off the main sequence earlier,
and they also become redder with increasing metallicity, as effective temperatures of most stars decrease
because of increasing opacities in the stellar photosphere. Thus a change in stellar age can be compensated
by a change in metallicity to give a near identical SED.
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ETGs forming at earlier times, with higher star formation rates and shorter star formation
periods.

The overall similarities in the properties of ETGs implies a common formation mecha-
nism. Two main formation scenarios have been proposed in the last fifty years:
monolithic collapse where galaxies formed in very rapid, intense star formation bursts in the
early universe and then passively evolved to the present day (e.g. Larson, 1974; Carlberg,
1984; Bressan et al., 1994);
hierarchical formation where galaxies grow through successive merging of smaller objects
(e.g. Toomre & Toomre, 1972; Toomre, 1977; Frenk, 1988; Cole & Lacey, 1996; Cole et al.,
2000).
While hierarchical formation is favoured by the ACDM model, massive ETGs have been
observed at redshifts of around z ~ 1-3 (e.e. Cimatti et al., 2004), and so the picture can-
not be as simple as smaller systems merging to form increasingly larger galaxies. Thus,
understanding how these competing formation mechanisms leave imprints on the stellar
populations of nearby ETGs is a vital task, and one key approach is in trying to discern

the form of the initial mass function for these objects.

1.2.3 The stellar initial mass function

The IMF is one of the most important parameters to help constrain our understanding
of galaxy formation. This function sets the mass distribution in stars, which in turn sets
the stellar mass-to-light ratio of the galaxy. It subsequently affects the amount of hot gas
and chemical enrichment returned to the inter-stellar medium (ISM) through supernova
feedback, as well as the numbers of stellar remnants, directly affecting observable properties
including colour and metallicity. Thus, the IMF provides the link between the galaxy light
we observe and the stellar mass, a fundamental property of galaxies which we wish to
measure.

The IMF was first defined by Salpeter (1955) as the number of stars N in a volume V

per logarithmic mass interval logm formed at one time,

llogm) — AV/V) __dn

= 1.2
dlogm  dlogm’ (1.26)
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where n is the number density of stars. Through direct star counts within the Milky Way

(MW) Salpeter 1955 determined that the IMF takes a simple power-law form,
¢(logm) = km™*, (1.27)
where = 1.35 for m > 1 Mg.

Later, Scalo (1986) defined the IMF per mass bin as,

_dn 1

- — = 1 1.2
dm mln 10£( ogm), (1.28)

§(m)

so that,

E(m) = K'm™*, (1.29)

where equations 1.27 and 1.29 are related as x = p + 1. Below 1 My the IMF becomes
increasingly difficult to constrain as less massive stars are much fainter (luminosity L scales

as L o« m3?

on the main sequence). However, work by several groups showed either a
flattening-off of the slope (Miller & Scalo, 1979; Kroupa, 2001) or even a turnover around
1 Mg (Chabrier, 2003). The MW IMF is now generally accepted as the Kroupa or Chabrier
forms, which use z = 2.35 for m > 1My, and utilise a broken power law flattening-off

and exponential turnover respectively for sub-solar masses, as shown in Figure 1.6 (Kroupa

et al., 2013).

1.2.4 A universal IMF?

It has generally been assumed that the form of the IMF is universal for all galaxy types,
masses and epochs. Indeed, most galaxy formation and large scale structure simulations
simply invoke a single form of the IMF for all simulations. Historical arguments for IMF
variations have generally not had substantial observational support; the review by Bastian
et al. (2010) suggests that there is no compelling evidence for variation in the IMF for
stars of masses above 1-2 M. However, IMF variations have been postulated as possible
explanations for several observed phenomena including, the large sodium absorption features

present in the centre of M31 (e.g. Spinrad & Taylor, 1971), the observed [« /Fe] enhancement
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Figure 1.6: Various forms of the MW initial mass function against data from Scalo (1986).
The data has been vertically shifted to account for different normalisations. The Salpeter
(1955) IMF was determined only for stars of m > 1 Mg. The later work by Miller & Scalo
(1979); Kroupa (2001) and Chabrier (2003) showed a flattening and even turn-over of the
MW IMF at sub-solar masses.
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Figure 1.7: Different forms of the low-mass end of the IMF, varying from ‘bottom-light’ to
extremely bottom-heavy x = 3. IMF's are normalised at 1 M. Image credit: Figure 2 from
van Dokkum € Conroy (2010).

in the centres of massive ETGs (e.g. Worthey et al., 1992), and to explain the observed tilt
in the fundamental plane of elliptical galaxies (Renzini & Ciotti, 1993). The low mass
end of the IMF (< 1Mg) has been one of the most difficult functions to constrain for
external galaxies, as direct star counts are not possible with current telescopes and low
mass stars only contribute a few per cent of the total luminosity of a galaxy (see e.g. Figure
2 from Conroy & van Dokkum, 2012a). Thus, techniques must be developed to interpret the
kinematics, dynamics and integrated stellar light on scales of a few to hundreds of parsecs.
Several independent methods have been developed to constrain the IMF in external galaxies.

Dynamical modelling: Mapping the 2D stellar kinematics of galaxies using IF'S allows
dynamical models to be constructed, which can constrain the total mass-to-light ratio M /L.
This approach constrains all mass within a given radius and thus includes dark- as well as
luminous matter. This technique has been used extensively on ETGs, which are generally
gas-poor and thus weak in emission lines. By accounting for the dark matter halo it is

possible to derive the stellar M, /L. One can then compare to the M, /L for a given SSP
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Figure 1.8: NASA IRTF spectra for stars of different luminosity and spectral types around
gravity- and temperature-sensitive absorption features. The top row shows the calcium
triplet CaT around 8500 A (left) and C02.30 feature (right), which are both strong in gi-
ants and weak in dwarfs. The bottom row shows the sodium doublet Nal0.82 (left) and
the Wing-Ford band FeH (right), which are both strong in dwarfs and weak in giants. The
physical scenario of these features is a consequence of ionisation equilibrium: for atoms, as
the electron pressure increases at fixed temperature due to the increased surface gravity, the
ratio of singly ionised to neutral species of the same atom decreases. For molecules, molec-
ular dissociation equilibrium implies that an increase in pressure generates more molecules
on the side of the chemical reaction with fewer moles of gas. Image credit: Figure 6 from
Conroy & van Dokkum (2012a).
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model with a fixed (universal) IMF and find a mismatch parameter,

_ (M./L)ayn
a = W (1.30)

Recent dynamical modelling results have shown a systematic increase in « as a function of
galaxy velocity dispersion o (e.g. Thomas et al., 2011; Cappellari et al., 2012, 2013). One
challenge with this approach is accurately accounting for the dark matter, as an increase in
dark matter is degenerate with a small decrease in the low-mass IMF (Bundy et al., 2015).
Thus, dynamical measurements should be viewed as upper limits on the M, /L.

Gravitationally lensed galaxies: Similarly to dynamical modelling, the total mass
in a system can be constrained using strong gravitational lensing. This method offers very
accurate (total) mass measurements as they are not affected by the dynamics or thermal
state of systems, and only require geometrical knowledge of the lensing system (e.g. dis-
tances to objects), which can obtained from spectroscopy. Results (e.g. Treu et al., 2010;
Auger et al., 2010; Spiniello et al., 2011) have shown agreement with the dynamical result
of an increase of o with velocity dispersion. Further results by Smith & Lucey (2013) and
Smith et al. (2015b) have shown four massive ETGs favouring a MW-like IMF.

Gravity sensitive stellar absorption features: Throughout the second half of the
20th century, numerous groups detected and highlighted specific stellar absorption features
that are prominent in the spectra of low mass dwarf stars, but absent in high mass giants.
These included the sodium doublet Nal at 8190 A (Faber & French, 1980; Schiavon et al.,
1997a) and the iron-hydride Wing-Ford band FeH at 9920 A (Wing & Ford, 1969; Schiavon
et al., 1997b; Cushing et al., 2003). Giant-sensitive features like the calcium triplet CaT
(Cenarro et al., 2001) also exist and Figure 1.8 shows several key features in individual
stellar spectra. These and other features have been used to try and infer the numbers of
dwarf stars present and thus the IMF in the centres of both spiral and elliptical galaxies
(e.g. Faber & French, 1980; Carter et al., 1986; Hardy & Couture, 1988; Delisle & Hardy,
1992; Couture & Hardy, 1993). However, a lack of both high S/N data and detailed SPS
models, coupled with the challenges of spectroscopy in the far red and NIR, meant that

arguments for a varying IMF were inconclusive. As L o« m3®° on the main sequence,
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integrated light is dominated by the most massive stars at the tip of the main sequence
turn-off. Therefore these features are only of the order of several per cent relative to the
continuum in an integrated spectrum. However, recent progress by van Dokkum & Conroy
(2010) and Conroy & van Dokkum (2012b) has shown that it is possible to detect and
model these absorption features in integrated light from massive ETGs with very high S/N
spectra obtained using modern NIR detectors. They detected the Nal doublet, the calcium
triplet CaT, and FeH in spectra from the centres of 38 giant ETGs. Using SPS models
specially crafted for studying low mass populations, they found both an IMF-¢ relation in
agreement with the dynamical studies, and also a correlation with [«/Fe]. Further work
using a variety of optical and far red indices has reinforced the IMF-o relation in ETGs (e.g.
Ferreras et al., 2013; La Barbera et al., 2013; Spiniello et al., 2014), however there has been
some evidence to weaken the correlation with a-enhancement (La Barbera et al., 2013).
This potentially emerging picture of more massive galaxies having greater abundances
of dwarf stars poses interesting questions for our understanding of galaxy formation. One
implication is that star formation occurs under different conditions in higher mass galaxies.
Recent work has suggested that the processes of fragmentation via supersonic turbulence in
molecular clouds as a possible physical model (e.g. Hennebelle & Chabrier, 2008; Hopkins,
2012a,b; Chabrier et al., 2014). The most massive ETGs are a-enhanced, which can be
inferred as higher star formation rates (SFRs) over a shorter formation timescale (e.g.
Thomas et al., 2005). It is possible that higher Mach numbers caused by high type II
supernovae rates drives the IMF to lower characteristic masses (Conroy & van Dokkum,
2012a). In this picture the IMF is driven by the conditions under which the stars form in a
galaxy. Therefore, in the centres of massive ETGs one might expect a deeper potential and
thus, a higher concentration of gas, higher star formation densities, higher Mach numbers
and therefore a more bottom-heavy IMF. As one moves towards the outskirts of the galaxies,
the star formation densities will presumably fall and the IMF will become less bottom-heavy.
However, the physical interpretation of the recent IMF results is still an open question, and

even the notion of a varying IMF is still not a universally accepted concept.
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1.2.5 Radial gradients in the IMF

While the recent IMF work suggests a paradigm shift is required from the assumption of
a universal IMF for all galaxies, these results are only representative of the central regions
of each galaxy. The centres of regular galaxies are the most dense and turbulent regions
where one might expect to see large dwarf star abundances. If the dwarf sensitive features
are present out to further radii this would have large implications for the total stellar mass
of galaxies, and a radial gradient of these features could imply that the IMF is a local
property within a galaxy and thus stars form differently within different environments, and
that galaxies grow their stellar structure from the inside outwards.

Searching for IMF radial gradients will therefore provide more conclusive results for use
in galaxy formation and evolution modelling. Detecting radial gradients in IMF-sensitive
features has previously been investigated by Boroson & Thompson (1991), who were able
to see such a gradient in the Nal index for three ellipticals in Virgo out to around 30”, but
unable to confirm that it was an IMF effect. Also, Delisle & Hardy (1992) measured radial
gradients in a range of far red indices, including Nal and FeH, for several spiral bulges
and elliptical galaxies, concluding that radial trends were more likely due to metallicity
rather than a varying IMF. However, recent results by Martin-Navarro et al. (2015a) have
indicated a gradient to the IMF slope, ranging from very bottom-heavy in the centre, to
Salpeter-like at the effective radius, in a massive ETG with central velocity dispersion of o ~
300kms~!. A further work by Martin-Navarro et al. (2015b) has presented measurements
for another massive ETG suggesting a flat, bottom-heavy IMF profile throughout the galaxy.
These recent results by Martin-Navarro et al. were also derived from strong sodium index
gradients. If they do represent IMF gradients then other IMF-sensitive features, including
FeH which was not covered in these studies, should also show gradients.

The form of the low-mass end of the IMF in external galaxies has been a contentious
topic for several decades. However, the hunt for evidence of IMF radial gradients is a more
recent and compelling avenue of exploration. The first part of this thesis is a contribution
to these areas. In Chapters 2 and 3 we present radial measurements of several far red

absorption features within a small sample of galaxies, and use SPS modelling to:
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(a) constrain the low-mass end of the IMF,
(b) hunt for radial gradients and determine whether they represent IMF gradients or are

driven by other factors.

IF'S provides a powerful advancement upon long-slit spectroscopy for detecting the faint
IMF-sensitive absorption features. The spatial coverage allows the binning of data over a
2D field so we can achieve a desired S/N with much greater efficiency. As an example, if
we want to measure the Nal feature in a galaxy, Conroy & van Dokkum (2012a) state that
S/N > 100 A s necessary to distinguish between a Chabrier and Salpeter IMF at the 20
level in their SPS models. We can estimate the required observing time for the Coma ETG
NGC4839 (a target in Chapter 3) as follows:
the i-band surface brightness of the Coma ETG NGC4839 at the centre is
F); = 18mag arcsec”? = 7.74ergs ' cm ™2 A" arcsec2 (Ali et al., 2014);
the sky background is Fyg; = 19.7mag arcsec 2 = 1.66ergs™! cm™2 A" arcsec2 (Patat,
2004)8;
and the required parameters for SWIFT are:

D, = 0.0022 e~ s~ ! pixel !,

or = 4.0e” pixel !,

Tyt = 0.23,

AX=1A (Npix = 1 in this case as SWIFT sampled at 1 A pixel™),
Tspax = 0.235 arcsec spaxel_l7

A =20m?

From Equations 1.12 and 1.13 we find,

Nob; = 0.08161 ¢~ s~ A" spaxel (1.31)

Npg = 0.01753 ¢~ s+ A" spaxel (1.32)

and so from Equation 1.15 we find that for one hour on-source (Texp = 9008, Nexp = 4) the

8Using an i-band zeropoint (Vega system) of 1.226 x 107 % ergs™' cm ™2 AT given for the ESO ETCs:
http://www.eso.org/observing/etc/doc/formulabook/nodel12.html
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S/N per A in a single spaxel is,

S/N = 0.08161 x 900 x /4 (1.33)
/(0.08161 + 2 x 0.01753 + 2 x 0.0022) x 900 + 2 x 42 '

-1 _1
=12.4A" spaxel™!. (1.34)

Importantly, as S/N \/m, we find that by binning over 70 spaxels we achieve
S/N > 100 A", This represents a circular aperture of 5 spaxels in radius. This would
not be possible with a long-slit spectrograph without a much longer integration time, or
integrating along a much larger radial extent, thereby reducing the spatial resolution of the
data; 70 SWIFT spaxels along one dimension corresponds to 16 arcsec. This demonstrates
several advantages of IFS over long-slit spectroscopy:

a) S/N can be improved by both increasing observing time and by summing over a larger
spatial extent in the FoV. These can be traded off against each other to maximise observing
efficiency (minimise telescope time).

b) for very extended objects an IFU can be used as a light-bucket where one bins over the
entire FoV for a large gain in S/N. Using SWIFT, an observer can gain in S/N by a factor
ofuptON\/m:ﬁO.

c) resolved studies like absorption feature gradients can be undertaken using the full radial
extent of the galaxy, rather than along the single radial vector covered by a long-slit spec-
trograph observation.

For the first part of this thesis, we utilise SWIFT to gain from all three advantages. We
use the 2D spatial coverage for annular binning to perform resolved studies of the centres of

galaxies, and make use of it as a light-bucket when integrating over low surface brightness

fields.

1.2.6 Star formation in high redshift galaxies

From studying local galaxies, we know that the formation of stars occurs in cold, giant
molecular clouds (GMCs) of neutral molecular hydrogen, which are subject to gravitational

collapse when perturbed by gravitational instabilities to exceed the characteristic Jeans
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mass. Turbulence and self-gravity cause fragmentation of the GMCs across a range of
masses, within which stars form through further collapse. Within each of these fragments
the collapsing gas radiates away the energy gained by the release of gravitational potential
energy. As the density increases, the fragments become opaque and are thus less efficient at
radiating away their energy. This raises the temperature of the cloud and inhibits further
fragmentation, leading to the generation of a rotating proto-star (e.g. McKee & Ostriker,
2007).

Newly-formed, massive O and B type stars have huge UV photon fluxes and ionise
the surrounding neutral atomic hydrogen to form HII regions. As hydrogen recombines,
electrons cascade down to the n = 1 level and prominent Ha emission corresponding to
the n = 3 — 2 transition is emitted at 6562.8 A. HII regions are therefore strong tracers
of underlying star formation in galaxies, and SFRs have been well calibrated from Ha
emission (e.g. Kennicutt, 1983; Kennicutt et al., 1994). These calibrations have also offered
constraints on the high mass end of the IMF slope, which are generally consistent with
the Salpeter © = 2.35 slope. Characteristic sizes of HiI regions range from ~ 40-100 pc
(Gonzalez Delgado & Pérez, 1997; Sénchez et al., 2012) in local galaxies.

However, the specifics of the many mechanisms which influence star formation in galaxies
at high redshift are still a challenge to fully understand. Using large, wide- and deep-field
surveys, astronomers have probed the Universe back to when it was less than 1 Gyr old
and traced how galaxy star formation varied throughout cosmic time (see Figure 1.9).
Observations have shown that the star formation density has increased from early times
to a peak at z ~1.5-3 and since decreased to the present day. Thus, z ~1.5-3 has been
heralded as the peak epoch of star formation when most of today’s massive galaxies formed
the bulk of their stellar mass (Madau & Dickinson, 2014). At these early times galaxies
appear to be undergoing significant changes to their morphologies and stellar populations.
The gas content of galaxies is also much higher at high redshift, with more intense feedback
mechanisms in place (e.g. Bower et al., 2006), so the conditions of star formation in these
galaxies is very different to locally.

Over the past decade major advances have been made in measuring the kinematics and

dynamics of galaxies at these early epochs using integral field spectroscopy (e.g. SINS
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Figure 1.9: Star formation density as a function of redshift or age of the Universe, derived
through large, wide- and deep-field, ground- and space-based surveys. Star formation rose
steadily to a peak around z ~2—4 and has since declined to the present day. The data are
derived from a combination of ultra-violet (UV) and NIR observations, where the observed
galaxy luminosities are converted to SFRs assuming a Salpeter IMF. The Universe created
the bulk of its stellar mass around 10 Gyr in the past. Image credit: Figure 9 from Madau
& Dickinson (2014).
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using SINFONI on the VLT: Genzel et al. 2006, Forster Schreiber et al. 2006, 2009; OSIRIS
on Keck II: Law et al. 2007, 2009; KMOS on the VLT: Wisnioski et al. 2015; see also
Glazebrook 2013 review). Many galaxies show regular rotation at these early times, even
when the morphologies appear irregular. The general picture is of turbulent disc galaxies,
rich in molecular gas and containing large ~ 1kpc star-forming complexes.

However, due to the photon-starved nature of the observations, deriving the dynamics
of high redshift galaxies requires long integration times on 8-10 m telescopes, which only
offer limited spatial resolution. From Equation 1.2, we see that the diffraction limit of 810
m telescopes is 50-70 mas in the K-band (2.2 pm). However, except in the most stable con-
ditions, current AO systems usually only achieve angular resolutions of around ~ 100 mas,
which corresponds to ~ 1kpc at z = 2 (e.g. Forster Schreiber et al., 2011a,b; Swinbank
et al., 2012b,a). Gravitationally-lensed star-forming galaxies do provide the unique ability
to resolve regions at scales of ~ 60-200 pc (Jones et al., 2010; Livermore et al., 2012, 2015),
however these are notable rare exceptions limited to a handful of objects. Therefore, current
constraints on star formation, chemical abundance evolution and stellar/AGN feedback are
only possible from statistical studies of the high redshift population as a whole, and ne-
glect the complex physics of star formation within clumps, merging, supernovae and AGN
activity of individual galaxies.

One of the main scientific goals of HARMONI on the E-ELT will be to spatially resolve
the interstellar medium (ISM) at z ~2-3. The increased light-gathering power and spatial
resolution of the E-ELT combined with AO will provide exquisite resolution of galaxies at
the sub-kpc level. The theoretical angular resolution of the E-ELT is 15 mas in the K-band
(2.2 pm), which corresponds to ~ 125pc at z = 2, around the size of the largest individual
star-forming Hi1 complexes. The properties (e.g. sizes, luminosities, velocity dispersions,
chemical make-up and spatial distribution) of these regions reflect the underlying ISM (such
as gas density and pressure), which in turn reflect the dominant route by which galaxies
accrete the bulk of their gas.

During the development stage of HARMONI we assess the feasibility of these observa-
tions by undertaking simulations of high redshift galaxies, with an aim to set simple limits

on the SFRs, kinematics and clump sizes detectable in reasonable observing periods. This
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work is presented in Chapter 6.

1.3 Thesis outline

This thesis begins with two projects using observations taken with the SWIFT instrument.
We have explored radial gradients of IMF-sensitive far red spectral absorption features in
two sets of galaxies, utilising the advantages of IF'S for its 2D spatial coverage for resolved
studies, and as a light-bucket. Chapter 2 presents the spiral M31 alongside its dwarf elliptical
Ma32; Chapter 3 presents three ETGs in the Coma cluster, the two massive Coma brightest
cluster galaxies (BCGs), NGC4889 and NGC4874, and the BCG in the Coma south-west
cluster NGC4839. For each project we detail the data reduction process, the measurements,
analysis using SPS models and our derived conclusions regarding the IMF of the stellar
populations.

The second part of this thesis presents the development and use of a simulation pipeline
for the HARMONI instrument on the E-ELT. Chapter 4 presents our HARMONI simulation
pipeline HSIM, detailing the individual stages incorporated to create accurate IF'S mock data.
As part of this we describe our implementation of a wavelength-dependent AO PSF model
into the pipeline.

In Chapter 5 we present predicted instrument performance through point source sen-
sitivity calculations using HSIM. We explore the noise regimes of the various instrument
operating configurations. We also perform a comparison of the expected AO performance
at visible wavelengths between HARMONI and the MUSE narrow field mode.

In Chapter 6 we present simulations undertaken using HSIM of z ~2-3 emission-line
galaxies. We describe the procedures for generating realistic input data cubes and present
simulations of disc-like and clumpy galaxies. We then present resolved kinematics of these
galaxies and explore HARMONT’s potential for probing star-forming regions at sub-kpc
scales in galaxies at these redshifts.

Finally, a summary of conclusions and brief overview of future directions is given in

Chapter 7.
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Chapter 2

The initial mass functions of M31
and M32 through far red stellar

absorption features

In this chapter we use the Oxford SWIFT to detect and measure radial gradients in IMF-
sensitive absorption features within M31 and M32. While all of the recent IMF work has
looked at early type galaxies (ETGs, e.g. Conroy & van Dokkum, 2012b; Ferreras et al.,
2013; Spiniello et al., 2014), it is interesting to compare to the bulges of spiral galaxies.
M31 is an ideal target for high S/N resolved spectroscopy due to its proximity. It is an
archetypal spiral galaxy and the central bulge has had its stellar populations extensively
studied, both using spectroscopy (e.g. Davidge, 1997; Saglia et al., 2010) and photometry
(e.g. Stephens et al., 2003; Sarajedini & Jablonka, 2005). Determining the presence of IMF
gradients will help provide a more comprehensive understanding of spiral bulges and the
process behind IMF variations.

The form of the IMF in the nuclear region of M31 has been the subject of much debate
throughout the second half of the 20th century (see Conroy & van Dokkum, 2012b, Section
4.2). The core has been known to have prominent sodium absorption and this has been
interpreted as an increased dwarf abundance by some (e.g. Faber & French, 1980) and

sodium enhancement by others (e.g. Alloin & Bica, 1989).
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In this chapter we present three studies on:

a) the variations of the IMF-sensitive features Nal, CaT and FeH in M31 through the bulge
out to the old disc at ~ 700" (2.7 kpc);

b) the variations of these features through the inner bulge to the nuclear region of M31
where there has been much historic debate;

c) these features in the central 8” (30 pc) of M32.

We use the definitions from Kormendy & Bender (1999) and Tempel et al. (2011) to
describe the components of M31. The nuclear region is defined as r < 4” (15 pc), the bulge
as 4 < r < 450" (1.7kpc), and the disc as r > 450”. We also refer to the region between
4 < r < 10" as the inner bulge.

We analyse our results using the latest stellar population synthesis models from Conroy
& van Dokkum (2012a, hereafter CvD12) and Vazdekis et al. (2012, hereafter V12). We
further investigate a method of disentangling the degeneracies in age and metallicity by
using colour as a proxy for age, in the absence of the standard HS absorption line.

We adopt a distance to M31 of 785kpc as measured by McConnachie et al. (2005),
which gives a scale of 3.8 pcarcsec™'. We further adopt the IMF naming convention used
by CvD12, namely a Chabrier IMF corresponding to that defined in Chabrier (2003) for
the disc of the Milky Way; a Salpeter IMF defined as z = 2.3 for V12 and « = 2.35 for
CvD12; and a bottom-light IMF as defined in van Dokkum (2008).

2.1 Observations and data reduction

2.1.1 Overview

Observations of M31 and M32 were obtained over the nights of 2011 December 3 and 5;
2012 September 23 and 24; and 2014 October 2 using the SWIFT instrument (Thatte et al.,
2006) on the Palomar 200 inch (5.1 m) telescope. Figure 2.1 shows the position of each
pointing. Observations were taken at the 235 mas spaxel ™! spatial scale covering a field
of 10”7 x 21”. The spectra cover the wavelength range 6300 — 10400 A with a dispersion
of ~ 2A FWHM and a sampling of 1 A pix~'. Table 2.1 lists the pointings and dates of

the observations. The seeing was around 1.5” full width half maximum (FWHM) for all
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Figure 2.1: STScl/Digital Sky Survey (DSS) image of M31 and M32 showing the locations
of the SWIFT fields (blue boxes). The M31 fields are named in order of increasing radius
from M31_1 through to M31.6. Note that the boxes only show the locations of the fields,
and are not representative of the size of the SWIFT field of view.

observations.

The data were reduced using the SWIFT data reduction pipeline, written in IRAF.
The pipeline handles all the standard reduction processes of bias subtraction, flat fielding,
wavelength calibration, error propagation as well as IFS specific features of illumination
correction and cube reconstruction. Cosmic rays were detected and removed using the
LACOSMIC routine (van Dokkum, 2001).

We obtained Sloan Digital Sky Survey (SDSS) g —r colour data from Saglia et al. (2010)
and Tempel et al. (2011). Saglia et al. covered all M31 pointings except M31_6 for which we
used Tempel et al. (2011). Sodium D (NaD A5893) index measurements for M31 and M32
were obtained from Davidge (1991, 1997). We applied corrections to the Davidge NaD data
based upon the CvD12 models to account for the measurements being at a lower resolution

than o = 200kms™! (see Section 2.1.5).
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Table 2.1: Observational fields of M31 and M32 along with dates and total exposure times.
Observations of M31 are labelled as M31_1 through to M31_6 in increasing radii from the
centre. We also give the positions of the sky fields.

Field RA DEC Date Texp (8)
M31_1 00:42:44.57 +41:16:05.7 03-12-2011 3600
M31.2 00:42:46.82 +41:16:41.3  23-09-2012 1800
M31.3 00:42:51.04 +41:17:38.3  23-09-2012 1800
M31.4 00:42:58.19  +41:19:17.8 02-10-2014 1800
M31.5 00:43:10.80  +41:22:03.7 23-09-2012 3600
M31_6 00:43:28.30 +41:25:52.8  23-09-2012 3600
M32 00:42:41.86  +40:51:57.0 23-09-2012 3600
SKY_M31 00:44:12.04 +40:48:05.6

SKY_M32 00:46:15.27 +41:01:28.3

2.1.2 Sky subtraction and spectra extraction

Sky subtraction was performed to first order by subtracting sky frames observed adjacent
in time to each science frame. We were careful to choose sky fields sufficiently far away so
as to avoid contamination from M31. The positions are given in Table 2.1. We extracted
spectra in two ways.

For fields M31_2 to M31_6 we summed up all spaxels within the field to obtain a median
spectrum of maximal S/N; in this case we first normalised by the median image to remove
the increased weighting of brighter regions over fainter ones.

For M31_1 and M32 fields we performed sector binning (Houghton et al., 2013) to obtain
a 2D map of spectra with S/N ~ 100 pixel ™! (in the central wavelength region). This gave
~ 200 individual spectra within a radius of 10” for M31_1 and ~ 170 spectra within 8" for
M32. The numbers are slightly lower for the FeH optimised spectra due to more demanding
S/N requirements for that region of the spectrum. The final median S/N around each

spectral feature is shown in Table 2.2.

2.1.3 Telluric correction

Atmospheric telluric absorption is prominent in both the Nal and FeH regions. We ob-
served AQV stars during the observations to act as telluric standards. These stars have

strong Paschen lines around 8500 A which we remove using a dedicated routine written in
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Table 2.2: Median S/N of spectra around each index for M31 and M32. For R < 8" the S/N
is a median of all the individual binned spectra from the sector binning (see Section 2.1.2).

Field R (”) Nal CaT FeH

M31
M31.1 <8 123 122 90
M312 40 321 320 213
M313 100 273 273 191
M314 230 192 195 135
M315 415 104 106 94
M31.6 710 78 80 66
M32
M32 <38 89 89 99

IDL. The telluric spectra are divided out by model AOV spectra provided by R. Kurucz!,
using a version of the amoeba algorithm allowing for velocity shifts and stellar rotation.
Our corrected telluric spectra are accurate to around the 0.5-1 % level (see Figure A.1 in

Appendix A).

2.1.4 Kinematic fitting and second-order sky subtraction

We fit the kinematics of the spectra with the penalised pixel fitting routine (PPxF, Cap-
pellari & Emsellem, 2004) using, as template spectra, the stellar population models from
CvD12. Due to the presence of skyline residuals in the spectra, we found it necessary to
perform a simultaneous second-order sky subtraction while extracting the kinematics (Wei-
jmans et al., 2009). This was accomplished using the techniques described in Davies (2007):
rather than scaling a single sky spectrum covering multiple OH vibrational transitions, we
divide the spectrum into separate regions covering each OH vibrational transition. This al-
lows independent scaling of each transition. We also scale the Oy emission around 0.864 ym
separately. Furthermore, to account for flexure (error in the wavelength calibration) we in-
terpolate the spectrum of each transition (OH & Og2) forward and backwards by one pixel.
The sky spectra are extracted from the matching spaxels, or bins, as their respective science
spectra. All these spectra are then passed to PPXF which finds the best-fit linear summation

that reproduces the skyline residuals while also finding the best fit kinematics?. For each

!Spectra available at http://kurucz.harvard.edu/stars.html - last accessed 09-02-16
2We manually altered the internal limits in PPXF to allow negative sky spectrum weights.
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Figure 2.2: Plots of the three IMF-sensitive spectral features, Nal (top), CaT (middle)
and FeH (bottom) for each pointing in M31 and M32. The feature and pseudo continuum
definitions (Table 2.3) are shown in each subplot by the red and grey shaded regions re-
spectively. The spectra have been normalised to the continuum bands either side of the
feature. M31_1 and M32 correspond to median spectra obtained over the entire M31_1 and
M32 fields. For M31_6 in the Nal plot, and for M31_5 and M31_6 in the FeH plot, we show
the best fit kinematic template spectra (coloured dashed lines) instead of the science data
due to contamination from the sky background. Typical +10 error bars are denoted by the
vertical lines at the bottom of each subplot.
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galaxy spectrum (whether it be from a single bin or a median of the entire field-of-view),
we measure the intrinsic instrument dispersion from the skylines in the same wavelength
range as the principal absorption features.

The resolution of a galaxy spectrum as observed by SWIFT is o, 1,s and is given by,

Ox,0bs = 4/ Uf + U?nsta (21)

where o, is the intrinsic galaxy stellar velocity dispersion and oj,s is the instrument res-
olution. PPXF measures the galaxy resolution by fitting with template spectra of intrinsic
resolution oemp. When the template resolution used in PPXF is finer than the instrument
resolution (Ctemp < Oinst), We convolve the template library to the same resolution as the

instrument, SO Gtemp,n = Cinst, and then PPXF measures,

~ 2 2
Oppxt X Oy = \/0*70105 — Ofompon- (2.2)

However, the SWIFT spectral resolution varies from 40kms~! (R ~ 3100) to 65kms~!
(R ~ 2000) across the field of view and the resolution of the CvD12 models is R=2000
beyond 0.75 pm. In this case we cannot convolve the template library to the instrument

resolution and PPXF instead underestimates the galaxy dispersion by measuring,

/ _ 2 2
Oppxf = \/ O obs — 9temp* (23)

Therefore, when oemp > Oinst, it is necessary to correct the dispersions found by PPXF
for the difference between instrument and template resolutions: to all PPXF dispersions
we added in quadrature the difference between the template resolution in that wavelength

range and the instrument resolution,

Ox = \/O-;)prf + (Ut2emp B UiQnst)' (24)

In practice this only significantly affects dispersions less than 100kms~! (M31_6 and M32).

Using this technique, we are able to clean sky residuals from the galaxy spectra (prior to
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calculating element abundances) using the best-fit ‘second-order’ sky spectrum generated
by PPXF. However, the sky spectrum contains both continuum and line emission, and scal-
ing to remove the line residuals also scales the continuum. This may be a source of bias:
adding or subtracting a constant continuum level from the galaxy spectrum will alter subse-
quent equivalent width measurements. As there is no reason to believe continuum and line
emission scale in the same way (unless the continuum is composed primarily of unresolved
faint OH lines from the same transition, Davies, 2007), we subtracted the continuum from
the second-order sky spectrum before using it to remove the skyline residuals in the galaxy
spectra. Typically, the effect of this in equivalent width measurements is only a few per
cent, but it can be as large as 10 %.

For all fields, we fit the kinematics (and second-order sky spectra) separately for the
Nal-CaT (0.785 ym to 0.90 pum) and FeH (0.97 ym to 1.02 um) regions. For the FeH fit, we
find it necessary to mask the region between 1.002 um and 1.008 um due to a significant
template mismatch between the CvD12 and M31 spectra. For template spectra, we use only
the solar metallicity SSPs covering a range of ages and IMFs. We do not include spectra
for different element abundances as these are only available for a 13.5 Gyr Chabrier IMF
SSP.

We tried masking the Nal and FeH absorption features during the kinematic fitting to
test whether fitting the second-order sky spectrum affects the strength of these absorption

features; no significant difference was found for data presented here.

2.1.5 Index measurements

Before making index measurements, we de-redshift each spectrum to correct for its velocity
as determined from the kinematic fit, and convolve all our spectra up to a common resolution

of 200kms~! using a Gaussian of width given by

Oconv = /2002 — 02, (2.5)

where o, in the stellar velocity dispersion measured by PPXF. Table 2.3 gives the index and

continuum definitions for the indices used in this chapter.
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Table 2.3: Index bandpass and continuum definitions from Cenarro et al. (2001) and Conroy
& van Dokkum (2012a). Wavelengths are in vacuum. We note several different definitions
of Nal exist in the literature, including Vazdekis et al. (2012) and La Barbera et al. (2013).

Index Blue Continuum Feature Red Continuum

(A)

(A)

(A)

NaD 5862.2-5877.2 5878.5-5911.0  5923.7-5949.7
Nal 8170.0-8177.0  8177.0-8205.0  8205.0-8215.0
CaT 8474.0-8484.0  8484.0-8513.0  8563.0-8577.0
8474.0-8484.0  8522.0-8562.0  8563.0-8577.0
8619.0-8642.0  8642.0-8682.0  8700.0-8725.0
PaT 8474.0-8484.0  8461.0-8474.0  8563.0-8577.0
8563.0-8577.0  8577.0-8619.0  8619.0-8642.0
8700.0-8725.0  8730.0-8772.0  8776.0-8792.0
FeHd 9855.0-9880.0  9905.0-9935.0  9940.0-9970.0

The spectra around the Nal, CaT and FeH features are plotted in Figure 2.2. For
our resolved data of M31_1 and M32, we plot a median spectrum from the entire field.
We include the positions of the spectral index definitions from Table 2.3 in each subplot.
Figure 2.2 shows the high quality of our measured spectra. Note that we have omitted
the science spectra for M31_6 in the Nal plot, and for M31_5 and M31_6 in the FeH plot.
This is due to strong residual sky lines after optimisation during the sky subtraction stage
discussed in Section 2.1.4. We have instead plotted the best fit kinematic template spectra
and we show a comparison between the data and templates in the appendix. We also note
the definition of Nal appearing slightly blue-ward of the feature. The feature definition is
over the Na doublet but there is a TiO band next to it, giving the appearance of a larger
feature (van Dokkum & Conroy, 2012).

We measure the index equivalent widths using the formalism for generic indices given
in Cenarro et al. (2001), which includes an error-weighted least-squares fit to the pseudo-
continuum. We propagate individual pixel photon errors through the data reduction pipeline
as variance spectra for each science spectrum. For M31_1 and M32 we calculate radially
binned average index values and standard errors on the mean from the individual spectra
in the resolved fields. For M31_2 to M31_6 we combine the index uncertainty in quadrature

with a conservative factor accounting for the uncertainty in telluric correction.
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Figure 2.3: Plots of radial gradients for each index for M31 (black circles) and M32 (blue
squares). Shown are the Nal (top), CaT (middle) and FeH (bottom) indices as a function
of radial distance. Our measurements of the best fit kinematic template spectra for M31
are shown as the green circles.
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2.2 Results

Our measurements of the three absorption features as a function of radius are shown in
Figure 2.3 and we discuss each feature in turn for both galaxies.

The top panel in Figure 2.3 shows our measurements of the IMF sensitive index Nal. A
clear negative gradient is visible in the central ~ 10” of M31, which becomes flat towards
the edge of the bulge. Our measurement nearest the nucleus is a factor of two greater than
the average for the bulge. In contrast, M32 displays a flat profile of low absorption. It is
clear from Figure 2.3 that, for M31, our best fit template spectra have systematically lower
values in the central ~ 10” compared to the observed spectra. However, in the outer bulge
the two index measurements are in strong agreement (with the exception of M31_6, which
we show in the appendix). We believe the discrepancy in the central 10” originates from our
input template spectra for PPXF not including the SSPs with varying element abundances
(as these spectra have a fixed age and IMF, see Section 2.3.1).

CaT is shown in the second panel in Figure 2.3. M31 displays a negative gradient
throughout the bulge, dropping from 7.5 A in the nuclear region down to 6.4 A in the disc.
The kinematic templates show a small systematic increase of ~ 0.25 A compared to the mea-
surements within 10”, but are in very good agreement for the outer bulge measurements.
The central discrepancy can be partly attributed to differences in the continuum measure-
ments between the real and fitted spectra - the kinematic fits do not display as strong
hydrogen absorption in the continuum. Residual telluric absorption could also be affecting
the continuum level in the observed data. M32 displays very high calcium absorption of
~ 8.0 A with a slight negative radial gradient.

Our measurements of FeH are shown in the bottom panel of Figure 2.3. For both M31
and M32 FeH has a flat profile. The absorption strength is 0.4 A for M31, and between
0.45 — 0.50 A for M32.
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2.3 Analysis

2.3.1 Stellar population synthesis models

We analyse our measurements of the far red absorption features in M31 and M32 using
the SPS models of CvD12 and V12, which both allow for variations in the IMF slope
and age. However other SSP parameters are specific to each set. CvD12 explore a-element
enhancement [a/Fe|, as well as variations in individual elemental abundance ratios [X/Fe| for
17 different elements (for fixed 13.5 Gyr age and fixed Chabrier IMF). V12 explore variations
in the total metallicity [Z/H] for all IMFs and ages. Note that the V12 models do not cover
the FeH feature. Our spectra do not cover the commonly-used age indicator Hf, so we
instead use SDSS g — r colour. Figure 2.4 shows Nal (top) and FeH (bottom) against g —r
for the CvD12 models with the M31 data overplotted. The colour bar indicates the radial
distance. Using these index maps, we now discuss our measurements in the context of our
three goals: investigating the disc, bulge and nuclear region of M31, and the central region

of M32. We show model variation plots for the CvD12 and V12 models in Appendix A.

2.3.2 Ma31

Figure 2.4 shows Nal (left) and FeH (right) index measurements plotted against SDSS g —r
colour as a function of radius. We over plot our data onto CvD12 model predictions for
both indices. Nal appears to suggest an IMF slope around x = 3 for the central 10” with
the bulge values also in a region of steepened IMF slope. In contrast, the FeH data follow
the CvD12 predictions for a Chabrier IMF at solar metallicity closely. The discrepancy
between Nal and FeH predictions can be explained by Na enhancement within the bulge
of M31. The left plot in Figure 2.4 shows that a Chabrier IMF with Na enhancement of
[Na/Fe] = 40.3 dex could cover the outer bulge measurements. The inner bulge and nuclear
region would require even stronger Na enhancement, with linear extrapolation of the models
suggesting up to an order of magnitude above solar. The g—r data indicate a decreasing age
between inner and outer bulge along the major axis, although the large errors of +0.03 mag
do not allow for any stronger conclusions. However, this is in general agreement with best

fit ages derived by Saglia et al. (2010).
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Figure 2.4: Plots of Nal (top) and FeH (bottom) against SDSS g — r colour showing CvD12
models with M31 data overplotted. B-L corresponds to a bottom-light IMF from van
Dokkum (2008), and Chab to a Chabrier (2003) IMF. The colour bar corresponds to the
radial distance of each pointing to the centre of M31. Symbol sizes also decrease with
increasing radial distance. Vertical colour error bars are omitted from the points for clarity
and are shown in the bottom right of each plot.
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Figure 2.5: SSP model grids for CvD12 (black) and V12 (red and blue) showing variations
in Nal against NaD. The CvD12 models are at solar metallicity, whereas the V12 models are
at both solar (red, for M32) and metal enhanced with [Z/H]=+0.22 (blue, for M31). Note
that the varying age vectors from the V12 models are parallel to the [Na/Fe] vector from the
CvD12 models (black arrow). The central 10" of M31 (circles) and M32 (squares) are plot-
ted. Symbol sizes decrease with increasing radial distance. We use the NaD measurements
of Davidge (1991, 1997) that cover r < 10”. IMF labels are the same as in Figure 2.4.
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CaT is known to be inversely proportional to IMF slope (see e.g. Cenarro et al., 2003).
However, it is much more strongly influenced by [a/Fe] and Ca abundance than by IMF.
The CvD12 models suggest an order of magnitude increase in the sensitivity of CaT to
changes in [a/Fe] compared to changes in IMF (see Figure A.4). The gradient we measure
is indicative of a steepening IMF slope with radius. Furthermore, this is in contrast to the
FeH measurements. CvD12 note that Na enhancement can change the CaT strength. Thus,
the flat profile of FeH leads us to conclude that the bulge of M31 holds a Chabrier IMF and
is Na enhanced throughout, more so in the central 10”.

Figure 2.5 shows the central 10” of M31 on an index-index plot of the two sodium
features, Nal and NaD. Model grids for CvD12 are fixed at solar metallicity (black), whereas
those of V12 are at both solar (red) for M32 (Rose et al., 2005) and [Z/H] = 40.22 (blue)
for M31 (Saglia et al., 2010). The radial measurements of the M31 inner bulge and nuclear
region follow the V12 model lines of varying age at a very bottom-heavy z > 3.3 IMF
exponent. Thus the V12 models suggest a bottom-heavy IMF in this region, which would
become Salpeter-like through the rest of the bulge as Nal approaches 0.4 A. However, also
plotted is a CvD12 SSP at 13.5 Gyr, with a Chabrier IMF and sodium enhanced by +0.3 dex.
It is clear from this SSP that the CvD12 models attribute a stronger dependence of NaD
on [Na/Fe] than the IMF slope, and further it is indicative that the CvD12 models suggest
the level of Na enhancement seen in the central 10” of M31 is consistent with a normal
(between Chabrier and Salpeter) IMF. It is not possible to resolve the differences between
the two model predictions without coverage of the FeH feature and elemental abundance

variations in the V12 models.

2.3.3 M32

M32 displays flat profiles for both Nal and FeH, with a slightly negative gradient in CaT.
Nal is markedly lower than in M31 with values around 0.1 A. From Figure 2.5 both the
CvD12 and V12 models suggest this is consistent with a Chabrier IMF at solar metallicity
around 3-5 Gyr in age. The stellar populations of M32 are younger than M31 (see e.g.
O’Connell, 1980) and the model predictions for the age from both CvD12 and V12 are in

reasonable agreement with long-slit spectroscopy measurements by Rose et al. (2005), who



Chapter 2. The initial mass functions of M31 and M32 54

measure an age gradient from 3-4 Gyr in the centre to 6-7 Gyr at 30”. A younger stellar
population with Chabrier IMF is further supported by the FeH index, which is slightly
stronger than in M31.

A striking difference is the much higher CaT values compared to M31. This has previ-
ously been noted by Kormendy & Bender (1999) and Cenarro et al. (2008). Thomas et al.
(2003) suggest this can be explained by the fact that M32 is younger than M31, and the
younger stars contaminate the CaT index, which is known to be affected by Paschen lines.
However, the CaT* index is defined by Cenarro et al. (2001) as CaT* = CaT —0.93 x PaT,
where PaT is an index defined over several Paschen lines next to CaT, in order to calibrate
out the hydrogen lines. We measured the CaT* index within the central 2" of M32 as CaT*
=7.39 4+ 0.22 A and within the same aperture of M31 as CaT* = 6.75 4+ 0.16 A, which still
shows greater absorption for M32. It would be an interesting test to see whether other
dwarf galaxies of the same age as M32 also display strong calcium absorption. Overall our

measurements of M32 are fully consistent with a Chabrier IMF.

2.4 Discussion

The form of the IMF in the nuclear region of M31 has been of intense historical debate. The
main factor driving the idea of a bottom heavy IMF has been the prominent Nal feature in
the central ~ 3”. Spinrad & Taylor (1971) interpreted this as the presence of a large number
of dwarf stars. Further observations by many groups (see e.g. Whitford, 1977; Frogel et al.,
1978; Cohen, 1978; Faber & French, 1980; Carter et al., 1986; Alloin & Bica, 1989; Delisle
& Hardy, 1992) have led to conflicting results. Conroy & van Dokkum (2012b) observed
the central 15 pc of M31 (4”) and inferred a mass-to-light ratio consistent with an IMF
slope between Chabrier and Salpeter. They concluded that the central region is entirely
consistent with a Milky Way IMF, albeit requiring very large sodium enhancement of the
order [Na/Fe|~ 1.0.

All current work suggesting increasing IMF slopes with velocity dispersion in the centres
of galaxies has been for massive early-types, which generally have large dispersions, upwards

of 300kms~!. Ferreras et al. (2013), La Barbera et al. (2013) and Spiniello et al. (2014)
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find similar empirical relations between the IMF slope and velocity dispersion. M31 has a
dispersion of 0 ~ 160 kms~! (out to 0.4 kpc which we adopt as a typical central dispersion),
which gives an IMF slope of x ~ 1.9 from all three relations and is consistent with a normal
(i.e. not bottom-heavy) IMF. We measure a Chabrier IMF throughout M31 even at the
largest radius which has a dispersion of 0 ~ 90kms™!, and also in the centre of M32 which
has a central dispersion of ~ 60kms~!; this suggests that the relations linking IMF to
velocity dispersion should become fixed at Chabrier IMF for o < 150kms~'. Chabrier
et al. (2014) have presented a theoretical scenario for dwarf enrichment and a steepening
of the IMF within the framework of gravitationally collapsing turbulent molecular clouds.
They deduce an upper limit to the IMF slope of x ~ 2.8 in extremely high density and
turbulent systems. We note that the centres of M31 and M32 have very high stellar density
and yet we measure a Chabrier IMF.

The physical size scales here are also worth considering. The central 8" of M31 corre-
sponds to 30 pc, which is a very small region of space in which to create and maintain an
overabundance of dwarf stars (or in fact, a population with [Na/Fe|~ +1.0). Furthermore,
sodium excess in stars (Briley et al., 1996) and in galaxies (Jeong et al., 2013) is not partic-
ularly rare, suggesting that M31 may not be peculiar. In fact, Jeong et al. (2013) measure
NaD absorption as high as ~ 7 A in some ETGs and late type galaxies (LTGs); much higher
than seen in M31. They conclude that the NaD index in most Na enhanced LTGs is strongly
contaminated by the interstellar medium (ISM) and/or dust. These findings caution against
using sodium as a sole IMF indicator, especially for late type galaxies. Most importantly,
our measurements of the FeH absorption reject the possibility of a dwarf-dominated nuclear
region. Conroy & van Dokkum (2012b) also reached this conclusion for the central 4” and
our results have extended that conclusion throughout the bulge and into the disc.

It is an important point that the two SSP models give different predictions when consid-
ering the sodium indices as highlighted by Spiniello et al. (2015). Specifically V12 attribute
a much stronger dependence of NaD on the IMF slope than the CvD12 models. This is
clear in Figure 2.5 and gives apparently discrepant predictions for the IMF slope in M31.
We conclude with Spiniello et al. (2015) that sodium is complex and poorly understood.

However, the V12 models do not cover the FeH wavelength range so no constraint on the
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IMF can be made using this feature with the V12 models.

2.5 Conclusions

Using the Oxford SWIFT instrument we have undertaken a study of M31 and M32 with
the aim of discerning possible gradients in IMF-sensitive far red absorption features. We
obtained high S/N integral field spectroscopy of M31, covering the nuclear region, bulge
and old disc at ~ 700”(2.7kpc), as well as for the central 10”(38 pc) of M32. We conclude
the following:

1. In M31, the Nal index shows a flat equivalent width profile at ~ 0.4 A through the
majority of the bulge, with a strong gradient up to 0.8 A in the central 10”. FeH is measured
to be flat at 0.4 A on all scales. CaT shows a gradual positive gradient inwards through the
bulge. M32 displays flat profiles for all three indices: slightly stronger FeH absorption than
M31, anomalously strong CaT absorption in agreement with other studies, and very weak
Nal absorption.

2. M31 is consistent with a Chabrier IMF throughout the central region, bulge and old
disc from analysis of the flat FeH index using the CvD12 models. We also infer a gradient
in sodium enhancement of [Na/Fe] ~ +0.3dex in the disc and outer bulge, rising up to
[Na/Fe] ~ +1.0dex in the nuclear region.

3. Our measurements of Nal and FeH for M32 are consistent with a Chabrier IMF for
ages ~ 3-5 Gyr using the CvD12 and V12 models.

4. The use of sodium indices alone is a poor method for investigating IMF variations as it
is susceptible to sodium enhancement and [« /Fe| variations. Sodium is a poorly understood
element as highlighted by the discrepant predictions of the CvD12 and V12 models.

5. The centres of M31 and M32 have very high stellar densities and yet we measure a

Chabrier IMF in both regions.



Chapter 3

Radial gradients of far red stellar
absorption features in Coma

brightest cluster galaxies

In this chapter we add to the small but growing amount of literature regarding radial
gradients in IMF-sensitive stellar absorption features of massive ETGs, by presenting results
from four galaxies in the Coma cluster. We use the Oxford SWIFT to target the two
massive, slow-rotator, brightest cluster galaxies (BCGs) within the main cluster: NGC4889
and NGC4874 (e = 0.36, A\g = 0.04 and € = 0.12, \g = 0.08 respectively, Houghton et al.
2013. € is the ellipticity and AR is the specific angular momentum; slow rotators are defined
as having Ar < 0.31y/€, see Emsellem et al. 2011); as well as the BCG NGC4839 within
the Coma south-west cluster. We also obtain unresolved spectroscopy for the fast rotator
NGC4873 (e = 0.23, A\g = 0.41) as a low-o comparison galaxy. These galaxies cover a range
of central velocity dispersions and derived ages, metallicities and a-abundances (Trager
et al., 2008; Loubser et al., 2009). The IMF of Coma galaxies has been previously studied by
Smith et al. (2012) using spectra stacked by velocity dispersion. However, their results only
concerned the central 0.6 kpc. In this study for each galaxy we present radial measurements
of the far red features covered by the SWIFT instrument, Nal, CaT, Mgl, TiO, and FeH,

out to 10” (5 kpc). We then utilise the latest stellar population synthesis (SPS) models to
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Table 3.1: Our sample of Coma galaxies with positions, effective radii R, taken from Loubser
et al. (2008) and Houghton et al. (2013), and total on-source exposure times. The R, column
shows the fraction of R, covered by our observations in parentheses.

Galaxy RA DEC Re (") Texp (8)

NGC4889 (GMP2921) 13:00:08.1 +27:58:37 38.0 (0.2) 5400
NGC4874 (GMP3329)  12:59:35.7 +27:57:33 50.4 (0.2) 6300
( )
( )

NGC4839 (GMP4928) 12:57:24.3 +27:29:52 17.2 (0.5) 3600
NGC4873 (GMP3367) 12:59:32.8 +27:59:01 5.9 (0.5) 2700

analyse our results in the context of a possible variable IMF.

This chapter is organised as follows: Section 3.1 details our observations and data reduc-
tion procedures. In Section 3.2 we present the absorption feature strengths, and Section 3.3
contains our analysis using index-index maps and comparing to SPS model predictions for
simple stellar population (SSP) spectra. We discuss our results in Section 3.4 and conclude
our work in Section 3.5. In this chapter we adopt the IMF naming convention used by
Conroy & van Dokkum (2012a, hereafter CvD12), namely a Chabrier IMF corresponding
to that defined in Chabrier (2003) for the disc of the Milky Way; a Salpeter (1955) IMF
defined as x = 2.35; and a bottom-light IMF as defined in van Dokkum (2008). We adopt
a flat ACDM cosmology with Hy = 68kms~! Mpc™!, Q,, = 0.3 and Qp = 0.7. This gives
a distance to the Coma cluster (z = 0.024, Han & Mould, 1992) of 108 Mpc.

3.1 Observations and data reduction

Observations were obtained over the nights of 2009 May 4; 2012 May 11; 2013 April 17, 20
and 22 using the SWIFT instrument (Thatte et al., 2006) on the Palomar 200 inch (5.1 m)
telescope. Observations were taken at the 235 mas spaxel™! spatial scale covering a field
of 10” x 21”. The spectra cover the wavelength range 6300 — 10400 A with a dispersion of
~ 2A FWHM and a sampling of 1A pix~!. Table 3.1 lists our galaxy sample and total
exposure time for each galaxy. The seeing was around 1.5” for all observations.

The data were reduced using the SWIFT data reduction pipeline, written in IRAF.
The pipeline handles all the standard reduction processes of bias subtraction, flat fielding,

wavelength calibration, error propagation as well as IFS specific features of illumination



59 3.1. Observations and data reduction

correction and cube reconstruction. Cosmic rays were detected and removed using the
LACOSMIC routine (van Dokkum, 2001). First order sky subtraction was performed by
subtracting sky frames observed adjacent in time to each science frame. We were careful to
choose sky fields sufficiently far away as to avoid contamination from other galaxies in the
cluster.

Residual sky lines and telluric absorption are two effects that significantly hamper ac-
curate measurement of the faint far red absorption features of interest, especially the FeH
index. The next two sub-sections detail our efforts to minimise these effects and ensure

high quality spectra with which to make robust index measurements.

3.1.1 Telluric correction

Due to the redshift of the Coma cluster (z = 0.024) the IMF-sensitive absorption features
are redshifted relative to the main regions affected by telluric absorption. Figure 3.1 shows
an example telluric absorption spectrum (from the ESO Skycalc tool; Noll et al. 2012)
convolved to the SWIFT spectral resolution and scaled by a factor of 0.5. Also plotted
is an example model spectrum (red: CvD12 13.5 Gyr Chabrier IMF SSP) redshifted to
z = 0.024, as well as an example telluric standard AOV spectrum (blue: after division
by a polynomial fit to the continuum) showing the positions of the prominent Paschen
absorption lines. This illustrates the regions affected by both, atmospheric absorption and
telluric star features, relative to the positions of the key far red absorption features in
the science spectra (shaded regions). Atmospheric telluric absorption is prominent in the
blue pseudo-continuum of Nalgpgs and across the Mgl and TiO features. The furthest red
pseudo-continuum region of CaT also falls into a telluric region, but FeH is in a region
of negligible telluric absorption. However the SWIFT throughput is a strong function
of wavelength at the red end, which must be corrected for. Furthermore, residuals from
correcting the prominent Paschen feature are present around 1.01 um, which may affect our
measurements of the FeH feature. Figure 3.2 shows an example telluric spectrum along
with a fit to the continuum. Also shown are the FeH bandpass definitions redshifted to the
redshift of NGC4873 (z = 0.0193, Trager et al., 2008). This clearly shows that our FeH

measurements would be susceptible to residuals from poor fitting of the Paschen lines. We
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therefore pursue two separate methods to correct for telluric absorption.

Firstly, we use AOV stars observed alongside the galaxies to act as telluric standards.
We remove the prominent Paschen absorption lines using a dedicated routine written in
IDL. The telluric spectra are divided out by model AOV spectra provided by R. Kurucz,
using a version of the amoeba algorithm allowing for velocity shifts and stellar rotation.
Figures B.1, B.2 and B.3 show examples of our telluric correction around the Mgl feature
for NGC4889 (~ best case), NGC4874 and NGC4839 (~ worst case). In each plot we use
our kinematic template fits (see section 3.1.2) as an assumed ‘telluric free’ galaxy spectrum.
We compute the rms residuals after telluric correction around each feature (Nalgpgs, CaT,
Mgl, TiO) for each galaxy. We find that Mgl has the highest residuals of o ~ 0.01 (see
Figures B.1, B.2, B.3) and all other features have residuals lower than 1 %.

Secondly, we fit a high order polynomial to the continuum of each telluric star spectrum
(after division by the best fitting AOV model) to represent a relative throughput curve
without residual hydrogen features. We then divide the galaxy by this fit to correct for only
the smooth throughput variation of SWIFT at the far red end. Thus we create two separate
spectra for each galaxy, one corrected by the telluric spectrum and one corrected by a
continuum fit to the (AOV divided) telluric spectrum. We use the telluric corrected spectrum
to measure the Nal, CaT, Mgl and TiO features, and we use the ‘throughput-divided’
spectrum to measure the FeH feature. However, we do compare our FeH measurements

from the telluric divided spectrum (see Figure B.4 in Appendix B).

3.1.2 Second-order sky subtraction, binning and kinematics

Residual sky lines are still prominent at red wavelengths due to time-dependent variations
of the sky emission on the scale of minutes. These are the dominant source of systematic
error around 1 um and so must be accurately removed to measure the FeH feature of only
a few per cent strength relative to the continuum. We employ two separate methods to try
and remove these residual lines. The first method involves fitting and removing the skylines
while fitting the kinematics, and the second method involves fitting each wavelength spatial
channel (image) of the data cube with a Sérsic function to separate the galaxy light from

sky light.
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Figure 3.1: Plot showing atmospheric absorption spectrum (black; scaled by 0.5 and plotted
at y = 0.98), SSP model spectrum (red; plotted at y = 1.2) redshifted to the nominal
redshift of the Coma cluster z = 0.024 (Han & Mould, 1992), and a model AOV spectrum
(blue; continuum divided and plotted at 1.5). The telluric spectrum is convolved to the
SWIFT resolution and the ‘galaxy’ spectrum is a CvD12 13.5 Gyr, Chabrier IMF SSP that
has been smoothed to o = 300kms~!. The redshifted (to z = 0.024) positions of the key
absorption feature bandpasses are denoted by the shaded regions. They are, from left to

right, Nalgpgg, CaT, Mgl, TiO and FeH.
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Figure 3.2: Plot showing a corrected (AOV divided) telluric spectrum around the FeH feature
(black solid line) and a polynomial fit to the continuum (red dashed line). The fit removes
the residual features left over from dividing out the AOV absorption. The shaded regions
show the FeH pseudo-continuum and feature bandpass definitions redshifted to z = 0.0193
of NGC4873 (Trager et al., 2008). The blue continuum would be affected by residuals in
the telluric spectrum, but these are removed by the continuum fit.

For the first method we perform a simultaneous second-order sky subtraction while ex-
tracting the kinematics (Weijmans et al., 2009). We fit the kinematics of the spectra with
the penalised pixel fitting routine (PPXF, Cappellari & Emsellem, 2004) using, as template
spectra, the stellar population models from CvD12. We compute the kinematics in annular
bins of increasing radii from the centres of each galaxy to achieve a target S/N > 100 pixel !
in the central part of the spectra (around CaT, Mgl and TiO features). Sky subtraction
was accomplished using a variation of the techniques described in Davies (2007): rather
than scaling a single sky spectrum covering multiple OH vibrational transitions, we divide
the spectrum into separate regions covering each OH vibrational transition. This allows
independent scaling of each transition. We also scale the Oy emission around 0.864 ym
separately. Furthermore, to account for flexure (error in the wavelength calibration) we
interpolate each spectrum forward and backwards by one pixel. The sky spectra are ex-
tracted, using the identical annular apertures as the science spectra, from a separate sky

cube shifted and combined in the same way to match the spaxel positions. All these spectra
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are then passed to PPXF which finds the best-fit linear combination (including scaling) that
reproduces the skyline residuals while also finding the best fit kinematics®. For each galaxy
spectrum, we measure the intrinsic instrument dispersion from the skylines at the same
wavelength as the principal galaxy absorption features (Nal/CaT/FeH) and independently
for each azimuthal bin.

The SWIFT spectral resolution varies from 40kms=! (R ~ 3100) to 65kms™ (R ~
2000) across the field of view and the resolution of the CvD12 models is R=2000 beyond
0.75 pm. In this case it is necessary to correct the dispersions found by PPXF Ufapr’ for the
difference between instrument and template resolutions to find the galaxy stellar velocity

dispersion o: to all PPXF dispersions we added in quadrature the difference between the

template resolution in that wavelength range otemp, and the instrument resolution ojpst,

Ox & \/O-gpr + (athmp - 0-12115‘5)' (31)

In practice this only significantly affects dispersions less than 100 kms™! so has little effect
with the high dispersion galaxies presented in this study.

Using this technique, we are able to clean sky residuals from the galaxy spectra (prior
to calculating element abundances) by subtracting the best-fit ‘second-order’ sky spectrum
generated by PPXF. However, the sky spectrum contains both continuum and line emission,
and scaling to remove the line residuals also scales the continuum. We check whether this can
be a source of bias by adding and subtracting a constant continuum level from the galaxy
spectrum and checking subsequent equivalent width measurements. We use the CvD12
Chabrier and z = 3 IMF models and measure the indices after convolving to 400 kms™!
and adding or subtracting a constant level of 1, 5 and 10 %. Trivially and as expected we
find that the index value changes by ~ 1, 5 and 10 % respectively for both IMFs. We also
find that adding a first-order gradient across a feature has minor affect, on the order of 1 %
for a 20 % gradient across the feature. However, we do find that a higher-order differential
change in the continuum across a feature can alter the measured index more substantially;

we create a high-order polynomial fit to a 10 % step function offset from the central feature

We manually altered the internal limits in PPXF to allow negative sky spectrum weights.
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wavelength, and adding this changes the measured indices by around 30 %. As there is no
reason to believe continuum and line emission scale in the same way (unless the continuum
is composed primarily of unresolved faint OH lines from the same transition or scattered
light from bright OH lines, Davies, 2007), we subtracted the continuum from the second-
order sky spectrum before using it to remove the skyline residuals in the galaxy spectra.
Typically, the effect of this in equivalent width measurements is only a few per cent, but it
can be as large as 10 %. We use a high order Legendre polynomial fit with sigma-clipping
to smoothly follow the continuum and minimise bias from the sky lines. Examples of this
sky subtraction routine are shown in Figures B.1, B.2 and B.3.

For each galaxy we also obtain an optimally extracted ‘global’ spectrum extracted over
all radii. We use a method of optimal extraction based on Horne (1986) and Robertson
(1986) to achieve maximal S/N. We analyse the optimally extracted global spectra (hereafter

referred to as global spectra) along with the resolved data.

3.1.3 Galaxy profile fitting

Due to the difficulty of removing residual skylines we pursue a separate, independent sky
subtraction method to compare with the PPXF method. In each galaxy object-minus-sky
(O-S) data cube the galaxy light and sky light contribute to the total light differently; sky
light Ig corresponds to an additive shift up or down (assuming uniform sky across data

cube), whereas galaxy light can be modelled as a Sérsic function,
1
I(R) = Ipe *™ (3.2)

where I is the intensity, R is the radius, and n is the Sérsic index (Sérsic, 1963), and an
increase in galaxy light causes a steepening of the light profile towards the centre. Thus by
fitting a Sérsic profile to each wavelength channel (spatial image) of the data cube we can
separate the two contributions of galaxy and sky. This profile fitting relies on the galaxy
light not being uniform across the SWIFT field of view - the steeper the variation in galaxy

light the better our ability to disentangle sky and galaxy. We perform this procedure for
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each O-S data cube. We iterate over all wavelengths and first perform a ‘free’ fit of,

I(R) + I, (3.3)

using the amoeba algorithm and allowing all parameters to vary. Then we fit a ‘fixed’ Sérsic
to each wavelength channel, varying only Iy and Ig with the other variables fixed at the
mean values from the ‘free’ fit. Finally we perform another fixed fit after masking out any
bad IFU slices where the fixed fit varies from the science data cube by over two standard
deviations.

We are left with sky-subtracted O-S data cubes, which we combine to create an alter-
native sky-subtracted data cube for each galaxy. We compute the binning and kinematics
using PPXF as before but without performing second-order sky subtraction described in
Section 3.1.2. Thus we are left with three different spectra for each galaxy radial bin (and
three different global spectra), which we summarise here:

(a) spectra telluric corrected and sky-subtracted using PPXF,

(b) spectra corrected by a fit to the telluric profile and sky-subtracted using PPXF,

(c) spectra corrected by a fit to the telluric profile and sky-subtracted using O-S spatial
fitting.

Spectra (a) are used for measuring Nalgpgs, CaT, Mgl and TiO features. Spectra (b) are
used for measuring the FeH feature and we compare to measurements from spectra (a) and

(c) to see the effects of telluric correction and sky-subtraction methods on the FeH index.

3.1.4 Masking

After the telluric correction and sky-subtraction routines a small number of the resolved
spectra still contain narrow bad pixel regions near to the index feature or continuum def-
initions. We mask these regions out and replace with values from our best fit kinematic
template spectra. No masking is required for any NGC4889 or NGC4873 spectra. NGC4874
has two narrow bad pixel regions around CaT and a bad region in the blue continuum of
Mgl. The outermost spectrum of NGC4839 suffers from a large number of bad regions

around Nalgpsg and CaT and we treat these index measurements with some caution. No
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Table 3.2: Median S/N of spectra around each index for each galaxy. Global refers to the
optimally extracted spectrum extracted over all radii for each galaxy.

R (") Nalgpgss CaT Mgl TiO FeH

NGC4889
0.0 121 123 124 124 65
1.7 155 159 160 160 83
2.6 156 160 163 164 82
3.6 144 147 152 154 76
4.5 127 133 141 144 67
5.4 112 116 123 127 58
6.3 91 95 101 105 48
7.5 90 92 99 102 48
Global 349 355 368 372 200
NGC4874
0.0 66 67 70 70 33
1.8 96 99 103 104 49
2.8 94 9 102 104 48
3.7 93 96 102 104 47
4.8 90 94 100 103 45
6.8 100 106 114 118 51
Global 213 215 226 231 115
NGC4839
0.0 63 64 66 67 35
2.0 99 101 107 108 55
5.7 67 67 75 76 44
Global 142 145 154 155 85
NGC4873
Global 96 95 105 105 54

masking is required for the global spectra.

3.1.5 Index measurements

The S/N of our spectra around each index are shown in Table 3.2. Before making index
measurements, we de-redshift each spectrum to correct for its velocity as determined from
the kinematic fit. In order to equally compare the spectra at each radius within a galaxy
we convolve the spectrum of each radial position up to a common resolution of oyt using
a Gaussian of width given by

Ocony = \/ 02y — 02, (3.4)
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Table 3.3: Index bandpass and continuum definitions from Cenarro et al. (2001) and Conroy
& van Dokkum (2012a). In this work we use the Nalgpsg index as defined in La Barbera
et al. (2013). The TiO index is defined as the ratio between the blue and red pseudo-continua
and is therefore dimensionless. Wavelengths are in vacuum.

Index Blue Continuum Feature Red Continuum
(A) (A) (A)
Nalgpss 8145.2-8155.2 8182.3-8202.3  8235.3-8246.3
CaT 8474.0-8484.0  8484.0-8513.0  8563.0-8577.0
8474.0-8484.0  8522.0-8562.0  8563.0-8577.0
8619.0-8642.0  8642.0-8682.0  8700.0-8725.0
Mgl 8777.4-8789.4  8801.9-8816.9  8847.4-8857.4
TiO 8835.0-8855.0 8870.0-8890.0
FeH 9855.0-9880.0  9905.0-9935.0  9940.0-9970.0

where o, is the stellar velocity dispersion measured by PPXF. For each galaxy we convolve
the radial spectra to match the central velocity dispersion of that galaxy. These correspond
to, 400kms—! for NGC4889, 270 km s~ ! for NGC4874 and NG(C4839, and 200 kms~' for
NGC4873. Note we do not convolve all galaxies up to the same common resolution as
this would involve large convolutions and blending of sky line residuals. Rather, we aim
to equally compare the spectra at different radial positions within each galaxy, and then
compare each galaxy individually against SPS model predictions. Table 3.3 gives the index
and continuum definitions for the indices used in this chapter. These are the same as in
Chapter 2 except for the sodium index for which we use the Nalgpgg index definition given
in La Barbera et al. (2013) due to the larger velocity dispersions in the galaxies we are
studying in this chapter. We also measure the Mgl and TiO indices covered by the SWIFT
wavelength range.

The global galaxy spectra are shown in Figure 3.3. The global and resolved spectra
around the Nal, CaT and FeH features are plotted for each of the BCGs in Figures 3.4, 3.5,
and 3.6, and the for global spectra of NGC4873 in Figure 3.7.

We measure the index equivalent widths using the formalism for generic indices given
in Cenarro et al. (2001), which includes an error-weighted least-squares fit to the pseudo-
continuum. We propagate individual pixel photon errors through the data reduction pipeline
as variance spectra for each science spectrum, and present our index measurements with

formal 1o uncertainties.
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Figure 3.3: Global (optimally extracted) spectra of the four Coma galaxies NGC4889
(black), NGC4874 (red), NGC4839 (blue) and NGC4873 (green). Spectra have been nor-
malised by the median continuum level and are spaced for presentation purposes. In the
lower panel the fainter coloured lines show the global spectra obtained using the O-S cube
Sérsic profile fitting discussed in section 3.1.3.
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Figure 3.4: Spectra showing the three IMF-sensitive features in NGC4889: from top to
bottom: Nalgpgs, CaT and FeH. The spectra have been convolved to a common velocity
dispersion of 400kms~!. The spectra are coloured by radial distance in arcsec from the
galaxy centre. Also plotted is the optimally extracted global spectrum (black dashed line).
The limits of the feature and pseudo-continua band definitions are shown as the shaded red

and grey regions respectively.
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Figure 3.5: Same as Figure 3.4 but for NGC4874. These spectra are convolved to 270 kms~*.
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Figure 3.6: Same as Figure 3.4 but for NGC4839. These spectra are convolved to 270 kms~*.
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3.2. Results

Table 3.4: Index equivalent widths (ratio for TiO) from the optimally extracted global
spectra for each galaxy, measured at the velocity dispersion given in the second column.

Galaxy o Nalgpss CaT Mgl TiO FeH
(kms™!) (A) (A) (A) (A)
NGC4889 400 0.644+0.02 5.59+0.05 0.17+0.01 1.063+0.001 0.24+0.04
NGC4874 270 0.49+0.03 6.244+0.09 0.15+0.02 1.055+0.001 0.36 +0.07
NGC4839 270 0.65+0.04 6.754+0.13 0.26+0.03 1.055+0.002 0.6140.10
NGC4873 200 0.634+0.07 7.62+£0.12 0.64+£0.03 1.073+0.002 0.41+0.14

3.2 Results

3.2.1 Global spectra

For each galaxy we have a global spectrum optimally extracted over all radii. Figure 3.8
shows the index measurement from these global spectra as white-filled symbols located at
4" along with the resolved spectra at different radii (colour filled symbols). For NGC4873
we only measure indices from the global spectra. We present the global index measurements
in Table 3.4 and we discuss the measurements for each index in turn.

Strong sodium Nalgpgs absorption is present in NGC4889, NGC4839 and NGC4873 of
~ 0.64 A. NGC4874 shows distinctly weaker Nalgpgg absorption at 0.49 + 0.03 A.

NG(C4889 shows the weakest level of calcium CaT absorption at 5.59+0.05 A. NGC4874
and NGC4839 show stronger levels at 6.24+0.09 and 6.75+0.123 A respectively. NGC4873
shows the strongest CaT absorption of 7.62 + 0.12 A.

NGC4889 and NGC4874 display very similar levels of magnesium Mgl absorption around
0.16 A. NG(C4839 shows slighter stronger Mgl absorption at 0.26 +0.03 A. NGC4873 shows
the strongest Mgl absorption of 0.64 + 0.03 A.

We measure identical titanium oxide TiO absorption strengths in NGC4874 and NGC4839
of 1.055. NGC4889 displays stronger TiO absorption at 1.063+0.001 and NGC4873 displays
even stronger TiO absorption at 1.073 + 0.002.

NG(C4889 shows the weakest level of iron-hydride FeH absorption at 0.23 & 0.04 A.
NGC4874 and NGC4873 display slightly stronger absorption at 0.29 + 0.08 A and 0.27 +

0.14 A respectively. NGC4839 shows the strongest FeH absorption at 0.56 4 0.10 A.
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3.2.2 Resolved spectra

Our measurements of the absorption features as a function of radius are shown in Figure 3.8
and we discuss the trends for each galaxy in turn. For NGC4873 our data did not have

sufficient S/N to create resolved spectra, so this section covers only the three BCGs.

3.2.2.1 NGC4889

Strong negative gradients are evident for Nalgpgg and CaT. Sodium ranges from ~ 0.8 A
in the central bin (0.5kpc) to ~ 0.5A at 8" (4kpc). Calcium ranges from 6.1 A in the
central bin to flat at ~ 5.2 A from 5” (2.5kpc) outwards. Weak negative gradients in Mgl
and TiO are evident. Magnesium ranges from ~ 0.23 A in the central 2” (1kpe) to ~ 0.1 A
at 8”. TiO varies from 1.065 in the central 3” (1.5kpc) to 1.060 from 6” (3kpc). Finally,
FeH shows a flat profile throughout of around 0.30 A, although the 1o error bars place it

anywhere between 0.2 — 0.4 A.

3.2.2.2 NGC4874

A strong negative gradient is evident in CaT with a weaker gradient in Mgl and flat profiles
for Nalgpgg, TiO and FeH. Calcium ranges from 6.8 A in the central bin to 5.8 A at 8”.
Magnesium is very weak throughout and ranges from ~ 0.16 A in the central ~ 3" to 0.05 A
at 8”. Sodium absorption is flat at ~ 0.5 A throughout the central 6” with the outermost bin
showing lower absorption at 0.3 A, although we see from Figure 3.5 that the red continuum
of the outermost spectrum has been strongly affected by residual sky oversubtraction. TiO
shows similar behaviour with a flat profile at 1.055 to 5” and a slight decrease to 1.050 at
~ 7". FeH absorption scatters around 0.4 A at all radii but carries a large uncertainty. We

also note one clear anomalous FeH measurement at 5” showing very strong absorption.

3.2.2.3 NGC4839

Due to the shorter total exposure time on this galaxy we only create three radial bins with
sufficient S/N to make measurements. The outermost bin spectrum is also strongly affected

by residual sky features, which are marked on Figure 3.8 with dashed error bar lines for
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Nalgpss and CaT. The Nalgpgs feature shows strong central absorption of ~ 0.75 A with
a negative gradient to 0.65A at 3” (1.5kpc). CaT displays flat absorption of ~ 6.5A out
to 3”. Mgl shows flat absorption at 0.2 A in the central 3” and the second and third bins
suggest a positive gradient up to ~ 0.35 A around 6”. TiO displays a flat profile at a similar
level to NGC4874 of ~ 1.055. FeH shows a flat profile of between 0.5-0.7 A, which is the
strongest absorption out of the four galaxies. We note the larger FeH error bars for this
galaxy, which place the resolved measurements anywhere between 0.5-0.9 A but we find

consistency between these and the global measurement.

3.2.3 Index measurement robustness

Figure B.4 shows our measurements of the FeH index for each BCG from the three different
spectra discussed in Section 3.1.3, namely: spectra telluric corrected and sky-subtracted
using PPXF (a); spectra corrected by a fit to the telluric profile and sky-subtracted using
PPXF (b); spectra corrected by a fit to the telluric profile and sky-subtracted using O-S
spatial fitting (c¢). For NGC4889, all three measurements generally agree, with the O-S
fitting giving slightly lower index values. For NGC4874 there is a systematic offset with the
telluric corrected spectra producing substantially higher FeH values, whereas the PPXF and
O-S sky-subtraction methods are in close agreement. For NGC4839 we again see general
agreement with high FeH values from all three spectra.

We also check to see whether convolving the spectra within each galaxy up to a common
resolution (corresponding to the peak dispersion value of that galaxy) causes any changes
in the measured indices. We measure each index as a function of dispersion in the CvD12
models and derive a multiplicative correction factor to correct each index value for the
difference in dispersion between the peak value and the value at the given radius. A com-
parison of measurements for NGC4889 is shown in Figure B.5. We find the indices only
change by up to a few per cent for all galaxies and thus trust our measurements from the

convolved spectra.
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Plotted in white-filled symbols at 4” are the values from the optimally extracted global
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3.3 Analysis

3.3.1 Stellar population synthesis models

In this section we compare our results with SPS model predictions of CvD12. For each
galaxy we compare our index measurements with measurements from the SSPs convolved
to the matching resolution. The CvD12 models provide SSP spectra with variations in the
IMF slope (‘bottom-light’ through to = 3 ‘bottom-heavy’), age (3-13.5 Gyr), a-element
enhancement [a/Fe] (solar, 40.2, +0.3), and variations in individual elemental abundance
ratios [X/Fe] for 17 different elements (for fixed 13.5 Gyr age and fixed Chabrier IMF). We
also make use of the models from Vazdekis et al. (2012, hereafter V12), which allow for
variations in the IMF slope, age and total metallicity.

The stellar populations of the three Coma BCGs have been well studied using optical
spectra (e.g. Jgrgensen, 1999; Mehlert et al., 2000; Moore et al., 2002; Mehlert et al., 2003;
Nelan et al., 2005; Sanchez-Blazquez et al., 2006; Trager et al., 2008; Loubser et al., 2009;
Coccato et al., 2010; Loubser & Sanchez-Bldzquez, 2012; Groenewald & Loubser, 2014).
Trager et al. (2008) and Loubser et al. (2009) summarise the derived ages, metallicities
and a-enhancements for each galaxy from the literature. The values are derived using 2.7"”
diameter equivalent apertures and thus represent the central regions of each galaxy. An age-
metallicity degeneracy is present in the derived SSP parameters for NGC4889 and NG(C4874,
which complicates the analysis. The more recent investigations (post-2005) generally agree
that all three BCGs consist of old (~ 10 Gyr), metal- and a-enhanced populations, with
NGC4889 being the most a-enhanced (~ +0.3). The compiled parameters on NGC4873

agree that it is younger (~ 4.9 Gyr) and also metal- and a-enhanced.

3.3.2 NGC4889

In Figure 3.9 we plot FeH-TiO (top) and Nalgpgs—Mgl (bottom) index-index maps against
CvD12 model predictions at a common resolution of 400 kms~!. From the FeH-TiO map
we see from the CvD12 models that these indices work in orthogonal directions; FeH posi-
tively correlates with IMF slope and [Fe/H], whereas TiO increases with decreasing age or

increasing [a/Fe]. The NGC4889 measurements scatter around the [a/Fe] = +0.3, 13 Gyr
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Figure 3.9: Index maps for FeH-TiO (top) and Nalgpgs—Mgl (bottom) showing radial
variation in NGC4889 compared with model predictions of CvD12. The colour bar and
marker sizes indicate the radial position from the centre of the galaxy; size decreases and
colour lightens with increasing radial distance. The white filled circle shows the optimally
extracted global spectrum measurements. The CvD12 models show variation in IMF slope
(black circles with each IMF labelled; B-L for bottom-light, and Chab for Chabrier), age
(red squares), [a/Fe] (blue diamonds), and individual elemental abundance variations for
a 13 Gyr Chabrier IMF (green diamonds). The black arrow shows the index responses to
a change in total metallicity as derived from the V12 models. From the FeH-TiO map
we infer an old, a-enhanced population with a Chabrier, or bottom-light, IMF. We then
infer from the Nalgpgs—Mgl map strong gradients in the relative abundances of sodium and
magnesium, rather than a bottom-heavy x = 3 IMF with a decreasing age gradient.
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Chabrier IMF SSP, with no radial trends. The FeH measurements reject a bottom-heavy
x = 3 IMF slope and the global spectrum measurement places FeH closer to a bottom-light
IMF, strongly rejecting a bottom-heavy IMF. Our measurements therefore suggest that ei-
ther NGC4889 has a Chabrier IMF and a solar iron abundance, or is largely iron deficient
with a bottom-heavy IMF.

The Nalgpss—Mgl map shows the radial gradients of these two indices in NGC4889.
The model predictions show that Mgl is independent of IMF and [a/Fe|, and positively
correlates with age and magnesium abundance. Nalgpsgg is mostly sensitive to IMF, age
and sodium abundance. As we take the age, [a/Fe| and IMF to be fixed from the FeH-TiO
map, we infer strong negative gradients in the sodium and magnesium abundances, rather
than the interpretation of a bottom-heavy x = 3 IMF with decreasing age gradient.

The most striking behaviour from the radial index measurements is the discrepancy
between the large Nalgpsg gradient and the flat FeH profile. Zieleniewski et al. (2015a) and
McConnell et al. (2015) have both measured the same discrepant behaviour, in M31 and two
massive ETGs respectively. These galaxies have lower central velocity dispersions, between
200 < o < 250kms~!, and so NGC4889 represents a much higher dispersion and more
massive galaxy where bottom-heavy IMFs have been recently proposed (e.g. Cappellari
et al., 2012; Conroy & van Dokkum, 2012b; La Barbera et al., 2013; Ferreras et al., 2013;
Spiniello et al., 2014). Furthermore, van Dokkum & Conroy (2010) presented a stacked
spectrum around Nal from four galaxies in the Coma cluster, which included NGC4889,
and they concluded a bottom-heavy IMF. However, they did not present the stacked Coma
spectrum around FeH. Thus, the flat FeH profile we measure presents tension with the
notion of increased IMF slope in this galaxy and with the general IMF-o relation (see
Section 3.4.1). Assuming the IMF is Chabrier we see that this gives a sodium enhancement
in the centre of [Na/Fe]~ +1.0, which decreases to ~ +0.3 at 5” (2.5 kpc).

We see a magnesium gradient of [Mg/Fe]~ 40.1 in the centre down to [Mg/Fe|~ —0.5
at 5", assuming that the age is constant. This then discourages the notion of iron deficiency
within NGC4889 as any lack of iron would show up as an enhanced [Mg/Fe] unless this
galaxy is extremely deficient in magnesium. Thus we are led to the conclusion of a ‘light’

IMF, between the bottom-light and Chabrier forms.
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3.3.3 NGC4874

Figure 3.10 shows FeH-TiO (top) and Nalgpgg—Mgl (bottom) index-index maps against
CvD12 model predictions at a common resolution of ¢ = 270kms~!. NGC4874 is shown
with the circle points. We exclude the anomalously high FeH datapoint at » = 5”. The
remaining points scatter around the Chabrier IMF slope with a bottom-heavy x = 3 IMF
excluded. The TiO index places the galaxy at around [o/Fe]~ +0.1 for an old (13 Gyr)
population. Similarly to NGC4889 we find from the FeH index that NGC4874 would need
either iron deficiency with a dwarf-dominated IMF, or a Chabrier IMF and solar iron abun-
dance. The Nalgpgs—Mgl map suggests weak gradients in magnesium and sodium, although
we measure very weak Mgl compared with the CvD12 predictions. We do not find a con-
flicting radial gradient between iron and sodium for NGC4874 and the flat Nalgpgg profile
at ~ 0.4 A (except the outermost point which has a bad continuum region) strengthens the

case for a Chabrier IMF in this galaxy.

3.3.4 NGC4839

Figure 3.10 shows our measurements for NGC4839 as square markers on the FeH-TiO (left)
and Nalgpgs—Mgl (right) maps, compared to the CvD12 models at a common resolution of
o =270kms~!. The FeH measurements scatter around a bottom-heavy 2z > 2.35 IMF slope
and the TiO measurements place the galaxy around [a/Fe] ~ 40.1 for a 13 Gyr population,
or a solar ~ 9 Gyr population. The TiO measurements are very similar to NGC4874. The
most striking difference for this galaxy is the deeper FeH absorption compared with the
other two BCGs. The global spectrum FeH measurement places the galaxy at either an
IMF slope of x ~ 2.6 with solar iron abundance, or a Chabrier IMF with [Fe/H]~ 0.3.
From the Nalgpgs—Mgl map we infer that NGC4839 is also weak in Mgl, but the strong

Nalgpsg index with no gradient also supports a steeper IMF slope.

3.3.5 NGC4873

Figure 3.11 shows our global measurements for NGC4873 on the FeH-TiO (top) and

Nalgpgs—Mgl (bottom) maps, compared with the CvD12 models at a common resolution
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Figure 3.10: FeH-TiO (top) and Nalgpss—Mgl (bottom) index maps showing radial vari-
ation in NGC4874 (circles) and NGC4839 (squares), compared with model predictions of
CvD12 at a common resolution of ¢ = 270kms~'. The colour bar indicates the radial
position from the centre of the galaxy. The white circle and square show the optimally
extracted global spectrum measurements for NGC4874 and NGC4839 respectively. The
CvD12 model labels are the same as in Figure 3.9.
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of o = 200kms~!. Our measurements are consistent with NGC4873 being younger and o-
enhanced through a strong magnesium enhancement. We infer a Chabrier IMF from FeH,

which is further supported by the Nalgpgg measurement suggesting a small Na-enhancement

for a Chabrier IMF.

3.3.6 Breaking degeneracies using optical index measures

Trager et al. (2008) and Loubser et al. (2009) have presented Lick index measurements
for the centres of the galaxies in our sample, derived from apertures of 2.7 and R./8
in diameter respectively. Their complete samples both cover cluster environments, with
Trager et al. (2008) presenting collated measurements for 187 ETGs in the Coma cluster,
and Loubser et al. (2009) presenting measurements for 49 nearby BCGs. Figure 3.12 shows
the measurements of the Mgb and <Fe> indices? for the sample of BCGs from Loubser
et al. (2009), with the Coma BCGs denoted by coloured symbols. We see that NGC4889
shows the strongest absorption in both indices. NGC4874 and NGC4839 have similar, lower
levels of <Fe> compared to NGC4889, and NGC4839 shows slightly weaker Mgb absorption
compared to NGC4874.

These optical indices, especially <Fe>, are strong tracers of the relative atomic abun-
dances rather than the IMF (see e.g. Conroy & van Dokkum, 2012a). It is clear from these
published measurements that NGC4889 is the most iron-enhanced compared to the other
two Coma BCGs. If we assume from Figure 3.9 that the Nalgpgg gradient in NGC4889
traces a steep IMF gradient from very bottom-heavy in the centre to Chabrier at 5 kpc,
then the flat FeH profile can only be explained by an iron gradient ranging from [Fe/H]
~ —0.5 in the centre to [Fe/H] ~ 0.0 at 5 kpc. This is not supported by the central <Fe>
index strength. Similarly, NGC4839 has the weakest <Fe> strength of the three Coma
BCGs, but is relatively ‘normal’ compared to other galaxies and so the strong FeH is not
supported by iron-enhancement. We therefore conclude that our observations of the FeH
feature are tracing the underlying IMF of these galaxies. Our measurements suggest a
Chabrier or bottom-light IMF for NGC4889, a Chabrier IMF for NGC4874 and NGC4873,
and a bottom-heavy (heavier than Salpeter) IMF for NGC4839.

2<Fe> is a combination of the Fe5270 and Fe5335 indices, defined as <Fe> = (Fe5270 + Fe5335)/2.
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Figure 3.11: FeH-TiO (top) and Nalgpgs—MglI (bottom) maps showing NGC4873 (white cir-
cle), compared with model predictions of CvD12 at a common resolution of ¢ = 200 km s,
The CvD12 model labels are the same as in Figure 3.9.
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Figure 3.12: Mgb—<Fe>index map for a sample of 49 nearby BCGs and two ellipti-
cals from Loubser et al. (2009). The Coma BCGs are shown in the coloured symbols,
NGC4889 (red square), NGC4874 (blue star), and NGC4839 (green triangle). This map
shows that NGC4889 has the strongest <Fe>and Mgb strengths of the three Coma BCGs,
and NGC4839 has the weakest <Fe> strength of the three; as these indices predominately
trace relative abundances it suggests that NGC4889 cannot be iron-deficient (compared to
the other two BCGs), and NGC4839 cannot be iron-enhanced compared to the other two.
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3.4 Discussion

3.4.1 The IMF-o relation

Ferreras et al. (2013), La Barbera et al. (2013) and Spiniello et al. (2014) have all published
IMF-co relations for ETGs showing that an increase in ¢ corresponds to an increase in IMF
slope. These relations are all derived using galaxies covering a range of velocity dispersions
from ~ 150-320kms~!, and so NGC4874, NGC4839 and NGC4873 fall well within this
range. While there is some variation between the relations, the general conclusion is that
galaxies with ¢ > 200kms~! (for LB13 and F13; o > 250kms~! for S14) have IMFs
steeper than Salpeter, and galaxies with o < 200kms~! have IMFs approaching Chabrier.
Therefore our qualitative analysis for NGC4873 (o ~ 200kms™!) having a normal IMF
agrees well with these relations. NGC4874 and NGC4839 have o ~ 270kms~! and the
index interpretation of NGC4839 having a steeper (than Salpeter) IMF slope also agrees.
However, our global measurements for NGC4874 are not consistent with an IMF slope
steeper than Salpeter. Finally, NGC4889 (o ~ 400kms~!) has a central dispersion much
larger than the galaxies used to derive the IMF-o relations, but our inferred Chabrier IMF
from the flat FeH profile is in conflict with the relations, which predict a very bottom-heavy
IMF slope (z > 3).

To quantitatively compare our results to the published IMF-o relations we derive single
power-law IMF slopes for our full sample of galaxies. We take published ages, metallicities
and a-enhancements for each galaxy as priors and infer the response of the FeH index to
variations of each parameter using the CvD12 SPS models. Our derived IMF slopes for
each galaxy are shown in Figure 3.13. We find consistency with a Chabrier IMF for each
galaxy across the o range, except for NGC4839 where we find evidence of an IMF slightly
steeper than Salpeter.

Ferreras et al. (2013) and La Barbera et al. (2013) have also invoked a bimodal form of
the IMF and fitted it to observational data to derive IMF}, — o relations. The bimodal IMF
is defined in Vazdekis et al. (1996) with a slope of  for M > 0.6 M and flattening below
0.6 M. For an exponent of x = 2.3 it very closely maps the Kroupa (2001) universal IMF.

La Barbera et al. (2015) recently used the FeH index to distinguish between bottom-heavy
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Figure 3.13: Derived IMF slope x against central velocity dispersion for our sample of
galaxies. The IMF slope has been derived from our global FeH measurements accounting
for CvD12 model responses to age, [a/Fe] and [Fe/H] variations using published values
in the literature for each galaxy (Rose et al., 2005; Trager et al., 2008; Loubser et al.,
2009; Saglia et al., 2010; Coccato et al., 2010; Loubser & Sénchez-Blazquez, 2012). For
our data, the colour of each point indicates the age and the marker size indicates the level
of [a/Fe] enhancement for each galaxy. The coloured lines show IMF-o relations from
the previous works of Ferreras et al. (2013); La Barbera et al. (2013) and Spiniello et al.
(2014), derived using central 2.7” SDSS spectra and several optical /NIR features, including
NaD/Nal but excluding FeH. The dashed horizontal lines show the Salpeter (upper) and
Chabrier-equivalent (lower) slopes. Our results show consistency with a universal Chabrier
IMF across a large range of velocity dispersions, with the exception of the single galaxy
NGC4839, for which we derive an IMF slightly heavier than Salpeter.
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unimodal and bimodal IMFs in a massive ETG (o ~ 300kms™!). FeH is most sensitive to
M < 0.3Mg and thus can constrain the very low mass end of the IMF. From La Barbera
et al. (2015) the FeH index is predicted to vary much more weakly with increased bimodal
IMF slope compared to the unimodal IMF. In fact a bottom-heavy bimodal IMF with z = 4
gives a similar FeH strength to the Salpeter IMF (at 0 = 300kms™!; see figure 10 in La
Barbera et al., 2015) of ~ 0.45 A. However, NGC4889 has an even weaker FeH feature at a

larger o and seems to be incompatible with even a bimodal bottom-heavy IMF.

3.4.2 Comparison with dynamical modelling and lensing results

Stellar M, /Ly have been published for each of the BCGs by Thomas et al. (2007, 2011) and
for NGC4889 by McConnell et al. (2012). For NGC4889, the independent results by Thomas
et al. (2007) of M,/Lr = 6.5Mg Lo ! (Thomas et al. do not quote 1o uncertainties) and
by McConnell et al. (2012) of M,/Lr = 5.9+ 1.7Mg Ly ! are in good agreement. For
NG (4874 and NGC4839, Thomas et al. (2007, 2011) measured M, /Lg = 7.0 Mgy Le ! and
M,/Lp = 8.5+ 2.0Mg Ly ! respectively. It should be noted that these represent upper
limits on M, /L due to the uncertainties of incorporating a dark matter component in the
models (e.g. Thomas et al., 2011; Bundy et al., 2015).

The order of increasing M,/ Lr between NGC4889, NGC4874 and NGC4839 is echoed by
the IMF's we infer from the FeH measurements within these galaxies. A simple comparison
can be made with the V12 published M, /Lp values. For a 12.5 Gyr [Z/H] = +0.22 SSP, we
find that a bottom-light 2 = 1.8 IMF gives M, /Lr = 6.4, a Kroupa IMF gives M, /Lp = 4.2,
and a x = 2.5 IMF slightly steeper than Salpeter gives M,/Lr = 7.6. These mass-to-light
ratios from SPS models are in general agreement with the dynamical measurements of
NGC4889 and NGC4839.

Mass-to-light ratios measured from gravitationally lensed galaxies also provide an in-
teresting comparison. Smith & Lucey (2013) have presented a massive lensed ETG (o =~
330kms™!) with a mass excess factor & = (M/L)iens/(M/L)iroup = 1.04 £ 0.15, which
strongly favours a Kroupa or Chabrier IMF and rejects even a Salpeter IMF. Furthermore,
Smith et al. (2015b) have presented an average mass excess factor derived from three gravi-

tationally lensed massive ETGs (o > 300kms™!). They find (o) = 1.1, which again rejects
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a Salpeter IMF and strongly rejects bottom-heavy IMF's in these galaxies. Thus, our re-
sults should not be considered particularly discrepant in comparison with other recent IMF

determinations.

3.4.3 IMF or abundance gradients and implications for the stellar popu-

lations of BCGs

Strong radial absorption feature gradients have now been documented within the centres
of some ETGs by several authors, most notably for sodium (e.g. Faber & French, 1980;
Boroson & Thompson, 1991; Martin-Navarro et al., 2015a,b; Zieleniewski et al., 2015a;
McConnell et al., 2015). Furthermore, the discrepancy between the strengths of sodium
and iron ‘IMF’ indices has also been noted by numerous authors (e.g. Smith et al., 2012;
Conroy & van Dokkum, 2012a; Smith & Lucey, 2013; Zieleniewski et al., 2015a; McConnell
et al., 2015). This poses interesting questions for understanding the physical context of
these gradients. The general scenario is that BCGs form in the deepest potential wells in
short, intense star formation bursts, with successive growth through small-scale mergers
around the outskirts (e.g. Larson, 1974; Carlberg, 1984; Naab et al., 2009; Hopkins et al.,
2010; Cappellari, 2016). This inside-out formation scenario predicts metallicity gradients,
as the central stellar populations enrich in-falling gas sustaining the ongoing star formation.
For NGC4889 and NGC4874 we infer magnesium and sodium abundance gradients. Tracing
the radial behaviour of the NaD feature would help constrain the underlying physical driver
behind the Nalgpgg gradient. However, sodium is not an a-element and is generally poorly
understood in the context of galaxy stellar populations (e.g. Jeong et al., 2013; Spiniello
et al., 2014; Smith et al., 2015a), so further study of sodium-enhancement in galaxies is
required.

The recent study of IMF variations has shown correlations with both [«/Fe] and central
velocity dispersion (Cappellari et al., 2012; Conroy & van Dokkum, 2012b; Ferreras et al.,
2013; La Barbera et al., 2013; Spiniello et al., 2014). One physical model is that larger
mass and a-enhanced systems have more type II supernovae driven turbulence, leading to
greater fragmentation of star forming gas clouds (Conroy & van Dokkum, 2012b). Chabrier

et al. (2014) highlights that the IMF slope should correlate with density rather than velocity
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dispersion. Therefore, galaxies that underwent more rapid formation periods via mergers
or intense gas inflows should have more bottom-heavy IMFs. NGC4839 distinguishes itself
from the other two BCGs as sitting in a smaller cluster located to the south west of the
main Coma cluster, and contains the oldest stellar populations of the BCGs (Trager et al.,
2008; Loubser et al., 2009; Groenewald & Loubser, 2014). Our results therefore suggest
the possibility of different formation periods for each of the Coma BCGs, with NGC4389
forming in the shortest timescale with the highest gas inflow and highest central density,
leading to a more dwarf-rich IMF.

The very low FeH measured in NGC4889 could be consistent with a bottom-light IMF
dominated by remnants rather than low-mass stars. This form has been proposed by studies
of sub-millimetre (submm) galaxies with extremely high star formation rates (e.g. Baugh
et al., 2005; Narayanan & Davé, 2012, 2013, c.f. Hayward et al. 2013) which have been
thought to be the progenitors of BCGs. Indeed the dynamical modelling of Cappellari
et al. (2012, 2013) shows a systematic increase of the M, /L with velocity dispersion, but
cannot distinguish between bottom-light or bottom-heavy forms.

Our work, and other studies using independent methods (e.g. gravitational lensing,
Smith & Lucey, 2013; Smith et al., 2015b), points to the notion that careful mass deter-
minations of individual galaxies should be taken on a galaxy-by-galaxy basis. High S/N
optical spectroscopy of these objects covering other known IMF-sensitive features (see e.g.
Spiniello et al., 2014) would help elucidate the stellar component of these galaxies. Our
results show that the Coma BCGs present an exciting target for IFS surveys like MaNGA
(Bundy et al., 2015), which would be able to provide mass constraints using both, visible

to far red spectral coverage, and dynamical modelling techniques.

3.5 Conclusions

Using the Oxford SWIFT instrument we have undertaken a study of the three brightest
cluster galaxies in the Coma cluster with the aim of discerning possible gradients in IMF-

sensitive far red stellar absorption features. We obtained high S/N resolved spectroscopy

of NGC4889, NGC4874 and NGC4839, covering the central ~ 10” (5kpc) of each galaxy,
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as well as unresolved data for the fast rotator NGC4873. We utilised two separate sky
subtraction methods to minimise sky line residuals in our spectra and validate our results.
We measured the far red Nal doublet, calcium triplet CaT, magnesium Mgl, titanium
oxide TiO and iron hydride Wing-Ford band FeH as functions of radius. We conclude the
following;:

1. NGC4889 shows strong negative gradients in Nalgpgg and CaT, mild negative gradi-
ents in Mgl and TiO, and a flat profile of low FeH absorption. The strong Nalgpgg gradient
is in tension with the flat FeH profile in the context of a bottom-heavy IMF. Comparing
FeH and TiO indices to stellar population models we infer a Chabrier or possibly bottom-
light IMF and old, a-enhanced population, in agreement with optical stellar population
studies. This result is especially interesting due to the large central velocity dispersion of
~ 400kms~! in the centre of NGC4889, which from previous IMF-¢ relations would infer
a very bottom-heavy IMF.

2. NGC4874 shows weak negative gradients in CaT, Mgl and TiO. Nalgpss and FeH
profiles are both flat and do not show strong absorption. Comparing to models we again
find a Chabrier IMF with slight a-enhancement compared to NGC4889 and in agreement
with optical stellar population studies.

3. NGC4873 displays strong CaT, Mgl and TiO absorption. We measure low FeH
absorption suggesting a Chabrier IMF, which is what we expect for a galaxy of this velocity
dispersion.

4. Within NGC4839 we measure strong Nalgpgg and strong FeH absorption. This may
be evidence of a dwarf-heavy population in the centre and from optical indices suggests
it is not caused by iron-enhancement. We compare to dynamical modelling results, which
suggest an IMF ~ 2.5 times heavier than Kroupa is required, which is in agreement with a
bottom-heavy IMF.

5. These galaxies span a large range of velocity dispersions and we find tension with the
notion of a simple IMF-o relation compared to the interpretation from the IMF-sensitive
features. Specifically, NGC4889 has a very high central dispersion (~ 400kms~!) and we
only detect low levels of FeH compared with a strong Nalgpgs gradient. The IMFs we infer

for these galaxies are supported by published optical index measurements. We conclude
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that interpretations of dwarf-dominated stellar populations should be treated on a galaxy-
by-galaxy basis. Combining NIR and optical IMF-sensitive indices with dynamical models

should give strong constraints on the dwarf-abundance in individual galaxies.
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Chapter 4

HSIM: a simulation pipeline for

HARMONI on the European ELT

The European Extremely Large Telescope (E-ELT) is a 39 m diameter, optical and near-
infrared (NIR) telescope being constructed by the European Southern Observatory (ESO)
for operations commencing within the next decade. Upon completion, this facility will pro-
vide the angular resolution and light-gathering power to revolutionise our current under-
standing in many areas of astrophysics. However, as telescope and instrumentation projects
enter such ambitious scales of size and complexity of design, it is becoming imperative to
accurately quantify performance prior to construction.

Consequently, several recent integral field spectrograph instrumentation projects have
developed detailed instrument simulation models, including KMOS (Lorente et al., 2008),
MUSE (Jarno et al., 2008), JWST /NIRSpec (Piquéras et al., 2010; Dorner et al., 2011), and
EAGLE/ELT-MOS (Puech et al., 2008, 2010a,b). The most rigorous simulation method
involves using the full optical design of the instrument to propagate photons to the detector
plane, before using data reduction software to reduce the simulations akin to real data.
While this full end-to-end technique is possible for currently operational instruments and
those at an advanced stage of design, it is a level above what is possible at an early stage
of development.

As part of the concept design for an ELT multi-object spectrograph (MOS), Puech et al.
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(2010b) developed an IFS instrument simulator that processed input data cubes, generating
mock observation cubes assuming a perfect data reduction process. The simulator encoded
all the sky, telescope and adaptive optics (AO; through the point spread function) and
instrument parameters, returning mock observations containing source and background flux
as well as noise contributions. They were able to analyse the feasibility of a key MOS
program to observe star forming galaxies at z ~ 6.

This chapter presents the development of the instrument simulation pipeline HSIM for
the HARMONTI instrument that will be used to quantify the performance. HSIM improves
on the method developed by Puech et al. in several key areas, including spectral line
spread convolutions, and a wavelength dependent telescope and adaptive optics point spread
function (PSF) model. We detail the components of HSIM and show the importance of the
key stages and their effects on observations.

The chapter is organised as follows: Sections 4.1 and 4.2 detail the motivation, goals and
methodology of the simulations; in Section 4.3 we present an overview of the pipeline stages;
in Section 4.4 we present our point spread function parameterisation and demonstrate its
importance; Section 4.5 shows our verification crosschecks against existing software. In
Section 4.6 we discuss the pipeline and current simulation efforts.

Throughout this chapter we adopt a flat ACDM cosmology with Hy = 70 kms™! Mpc™!,

Q. = 0.3 and 25 = 0.7. We use AB magnitudes throughout unless otherwise stated.

4.1 Motivation and goals

Developing an instrument simulation pipeline serves several important purposes:

a) it gives a quantitative understanding of the feasibility of observing programs, character-
ising both the capabilities and limitations of an instrument,

b) it allows for performance trade-offs between differing instrument designs or configura-

tions.

The first point is important since it will allow observing time on the E-ELT to be more

efficiently utilised. Quantifying performance usually consists of determining the exposure
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time required to achieve a particular signal-to-noise ratio (S/N) for a given target. However,
an instrument simulation pipeline allows us to go one step beyond exposure time calculators
and ascertain the precision with which we can derive a number of key physical parameters
for particular science cases. The input data cubes can be built to encode as many physical
characteristics as desired. The mock output data represents that of real observations and
so it is possible to use identical analysis methods as used on real data (or permits users to
develop and verify analysis methods prior to taking the real data). This allows the user to
specifically determine the feasibility of their science goal, for example: how coarsely data
needs to be spatially binned to extract resolved kinematics; what the uncertainty on a final
black hole mass measurement may be; how sky absorption and emission lines may hamper
absorption line equivalent width measurements and associated chemical abundances. It
also provides a direct comparison between the scientific capabilities of current generation
instrumentation and those of the ELT era.

Designing a self-contained and modular pipeline means that all simulations are kept con-
sistent within the current design of the instrument. The pipeline can easily be modified to
reflect any changes in the instrument design (e.g. changing spaxel scales, spectral resolving
power etc), thus allowing exploration of the second goal above. It will also be possible to
explore instrument effects such as imperfect sky subtraction and spectrograph throughput

variations, and give quantitive constraints on such calibration issues.

4.2 Simulation methodology

The procedure for performing simulations can be broken down into three parts:

a) An input data cube encoding the spatial and spectral properties of the object such as
size, shape, morphology, absorption/emission lines and associated kinematics, dynamics,
chemical abundances etc;

b) A simulation pipeline that takes the input and adds all the first-order sky, telescope, in-
strument, and detector effects, as well as random and systematic noise, creating an output
mock-observed data cube. The user is able to choose suitable observing parameters to be

able to explore the instrument and telescope modes;



Chapter 4. HSIM: a simulation pipeline for HARMONI on the European ELT 98

¢) The analysis of the output mock-observed data to enable an understanding of what in-
formation may be extracted from a real HARMONI observation, i.e. how well can the

properties of the input data cube be recovered in the output cube.

Within this framework there are two areas of parameter space to be explored: the physical
characteristics of the objects (e.g. morphology, mass, redshift, magnitude, line strengths) as
well as the observational characteristics of the telescope, and instrument (e.g. spatial scale,
exposure time, resolving power, emissivity, AO correction). Consequently the combined
parameter space is vast, and a full exploration is simply not possible. For the purposes
of this part of the thesis, we have firstly pursued point source sensitivity calculations for
all current instrument configurations in Chapter 5, which gives a general overview of the
performance of the instrument design. We then present simulations of a representative case

of z ~2-3 emission-line galaxies in Chapter 6.

4.3 Simulation pipeline overview

We have presented the simulation pipeline in Zieleniewski et al. (2014, 2015b). The overall
process is presented in Figure 4.1. HSIM is written in PYTHON and makes use of the AS-
TROPY (Astropy Collaboration et al., 2013), NUMPY, SCIPY, WX, and PPROCESS packages.
It handles input and output data in FITS format, as this is the usual file format for 3D
spectrographs. The input data cube is uploaded as a 3D array with two spatial and one
spectral dimension. The FITS headers contain all the relevant information about the object
(e.g. spatial and spectral sampling, flux units, spectral resolution). Figure 4.2 shows the
HSIM graphical user interface. The user chooses suitable observing parameters and the data
cube is then processed through several steps. We provide a general user’s guide to the HSIM

code with details of input parameters and data cube requirements in Appendix C.

4.3.1 Line spread function convolution

The spectral resolution of the input cube is degraded to the output resolution depend-

ing on the chosen grating. This is achieved by convolving the spectral dimension with a



99 4.3. Simulation pipeline overview

Input data-cube
Spatial structure
Velocity scale
Emission/absorption lines
Spectral continuum

Texpr Nexpr 8rating, spaxel scale,
AO mode, seeing, Zp, T

B Observing parameters

\\ Spectral LSF convolution \

_ Atmospheric differential refraction |

\; Spatial PSF convolution \

“ >

Spaxel rebinning

‘/ Sky, telescope, instrument, detector ‘
_ background & throughput models |
v \ Poisson and systematic noise \

Outputs: |\
Mock observed cube (& variance) E“
)

Analysis of observed cube:

Background cube (& variance) / Kinematics, spectral aperture extraction,

SNR cube dynamical masses, line indices....

AN AN

Figure 4.1: Flowchart of the simulation process. Input data cubes provide all the physical
details of the object. The cube is then ‘observed’ for given instrument, telescope and site
parameters. The observing process adds all first-order telescope and instrument effects, as
well as random and systematic noise. The output cube represents a perfectly reduced data
cube, and can be analysed exactly like real data.
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Figure 4.2: The HSIM pipeline graphical user interface where the input data cube and
observing parameters are entered.
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Gaussian line spread function (LSF). We use a Gaussian of constant full width half max-
imum (FHWM) in wavelength units as a reasonable approximation for the resolution of
a slit-width limited grating spectrometer. We ensure the output resolution of the cube is

consistent by generating a LSF of width A\ ony given by,

A)\conv = \/(A)\out)2 - (A)\in>27 (41)

where A, is the spectral resolution of the input cube specified in the FITS header (by the
user), and Aoy is the output resolution given by the chosen grating. This assumes that the
input data cube has a Gaussian LSF of FWHM A\;,. The spectral dimension of the cube
is then sampled (with a minimum of two pixels per FWHM to satisfy the Nyquist criteria).
If the input spectral resolution is coarser than the grating resolution (A, > Algyt) then
the user can choose to either convolve with a LSF of width AMgyt or perform no spectral
convolution. The former option is useful in situations where the input data cube contains a
spectrum where the resolution is limited by e.g. stellar velocity dispersion in galaxies, and
the spectrum still needs to incorporate the instrumental effect. The option to ignore the
spectral convolution is always available if it is not required (e.g. if the input data cube has

been pre-formatted spectrally, or makes use of real spectra observed at coarser resolution).

4.3.2 Atmospheric refraction

The effect of atmospheric refraction (AR) is added according to the equations of Schubert &
Walterscheid (2000) and Roe (2002). The angle in radians between the true zenith distance

Zp and the apparent zenith distance Z, is approximated by,

2

2n?

R=7Zp—Z,~ (n )tanZD, (4.2)
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where the refractive index n is a function of wavelength, pressure, temperature and humid-

ity!. Thus the angular change R; — Ry, between two wavelengths is given by,

2 2

2 2
2n7y 2n;

Ri— Ry — ( 1) tan(Zp). (4.3)

This effect is prominent at both visible wavelengths, where the refractive index varies the
most strongly with wavelength, and at the smallest spatial scales. Figure 4.3 illustrates
the effect of AR as a function of wavelength. Each wavelength channel (spatial image at
a given wavelength in the 3D cube) is shifted relative to an optimal wavelength, which is
calculated to give equal maximal shift at each end wavelength of the data cube. The shift
is made along the longest spatial dimension of the output data cube (this assumes the user
aligns the longest spatial axis of the instrument field of view along the parallactic angle).
After the data cube is rebinned to the chosen spaxel scale, the AR is ‘corrected’ by shifting
the wavelength channels back again to emulate the correction achieved by a data reduction
pipeline. This stage reduces the common field of view of the data cube. The differential
effect whereby the axis of AR moves throughout an exposure causing the object to blur in

the data cube, is not included.

4.3.3 Point spread function convolution and spatial rebinning

FEach wavelength channel is convolved with a spatial PSF. We have developed a novel
method for parameterising the E-ELT AO PSFs first presented in Zieleniewski & Thatte
(2013) allowing us to generate PSFs at any wavelength within the HARMONI range. The
PSF parameterisation is described in more detail in Section 4.4. We also include the option
of a Gaussian model to approximate a seeing-limited PSF. We use the wavelength- and
seeing-dependent FWHM from Tokovinin (2002) and Martinez et al. (2010), which includes

the turbulence outer-scale Lg set to the generally accepted value at Paranal of Lo = 23m

1We use site characteristics for Paranal from Kendrew et al. (2008), namely a pressure of 760 mbar and
relative humidity of 10 %.
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Figure 4.3: Atmospheric refraction as a function of wavelength for zenith angles of 30°
(black solid line) and 45° (red dashed line). The shift shown here is relative to the central
wavelength of the full HARMONI wavelength range at ~ 1.5 um. AR has been calculated
using a site temperature of 280.5 K and other characteristics for Paranal from Kendrew
et al. (2008), namely a pressure of 760 mbar and relative humidity of 10 %.
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(e.g. Martin et al., 2000; Martinez et al., 2010),

A 0.356
FWHMmemg:QW6¢1—ZBB<?> radians, (4.4)
To 0

where for a seeing FWHM of 0.67” at A = 500nm, 79 = 0.15m and scales as rg o N6/5,
This is the standard seeing-limited PSF as used by ESO exposure time calculators (ETCs).

HSIM generates PSFs at 1mas sampling and performs the PSF convolution at a scale
of 1/10'"" of the output spatial scale in order to minimise convolution effects due to the
finite sampling of the input cube and PSF. This is conceptually different to the spectral
dimension convolution where we use Gaussian functions; in the spatial dimension we have
a spatially complex AO PSF (or large seeing PSF) and therefore cannot define a convolving

kernel to convolve the spatial channel up to a specific resolution. If the input data cube is

Oth Oth

coarser than 1/10"" of the output scale then it is interpolated up to 1/10"", ensuring flux
conservation.

The data cube is rebinned to the chosen output spatial scale ensuring flux conservation.

4.3.4 Background and throughput

Total background and throughput cubes are generated incorporating the effects of sky,
telescope, instrument and detector. We use the ESO Skycalc sky model described by Noll
et al. (2012) and Jones et al. (2013) for both emission and transmission. We model the
telescope as a grey-body whereby a thermal black-body curve for the given site temperature
Tiite is multiplied by a constant emissivity e,

2hc? 1
)\5 hc )

ekaTsite — 1

B(T,\) =€

(4.5)

where h is Planck’s constant, kp is Boltzmann’s constant, A\ is the wavelength, and ¢ =
2.998 x 108 ms~!. We assume a uniform throughput value for the instrument. The NIR
detector quantum efficiency (QE) is based on the KMOS HAWAII-2RG detectors (Finger
et al., 2008) and the CCD QE is based on MUSE calibration data (D. Ives, priv. comm.).
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4.3.5 Noise

Poisson noise from the object, sky and telescope background, and detector dark current is
added along with detector read-out noise. We use separate statistics to represent the use
of CCDs for visible wavelengths and NIR arrays for longer wavelengths. Again, the NIR
detector statistics are modelled on the KMOS HAWAII-2RG detectors (Finger et al., 2008)
and the CCD statistics are based on the MUSE calibration data (D. Ives, priv. comm.).

The wavelength cut between visible CCDs and NIR detectors is set at 0.8 pm.

4.3.6 Outputs

The final outputs of HSIM are:

1. A mock observed cube: the main product of the simulation containing flux from the
source and background, detector dark current, and all associated noise for each (x,y,\)
pixel of the cube (with an associated variance cube as first extension);

2. A background cube containing all background flux (with an associated variance cube as
first extension);

3. A S/N cube giving the signal-to-noise ratio for each pixel calculated as,

Nobj (337 Y, )‘)Texp vV Nexp
\/Nobj (ZL', Y, )‘)Texp + Nbg(x7 Y, )\)Texp + D, Texp + U%{

S/N = : (4.6)

with the terms defined as in Table 1.3 but per pixel rather than per resolution element.
There are also options to return a noiseless object cube containing only source flux, return
a transmission cube allowing perfect telluric absorption correction, and perform automatic

perfect sky subtraction (observed cube - background cube).

4.4 Incorporating AO point spread functions

The effects of the telescope and AO system on observations are encoded in the spatial PSF.
The E-ELT PSF is predicted to be a strong function of wavelength as well as other param-
eters including seeing, off-axis distance from reference AO star, and guide star magnitude.

Its complex form means it needs to be incorporated carefully into the simulations not simply
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modelled as a simple Gaussian or Moffat function. We have incorporated a continuously
varying AO PSF as a function of wavelength and seeing, for both LTAO and SCAOQ, in
our simulation pipeline, using the ELTPSFFIT program developed by J. Liske?. We use a
set of simulated, high resolution, long-exposure LTAO and SCAO PSFs (provided by T.
Fusco), covering the HARMONI wavelength range at 0.1 um intervals. The simulation pa-
rameters of these input PSFs are shown in Table 4.1. Using ELTPSFFIT we are able to fit

the azimuthally averaged radial profile of each PSF using several analytical functions,

2 .
A(R) = 5 _IA€2)2 <2J1(R) —R26J1(6R)> R = 81:11J(A7*)7 (47)
L(r) = IiLQ (4.8)
(z2e) +1
r) = Iy . (4.9)

2 B
()" +)
Eq. 4.7 is a form of the obscured Airy function which represents the diffraction limited core,
where I4 is the intensity, Ji(R) is the first Bessel function of the first kind, wa = \/(7D)
gives the HWHM where D is the telescope diameter, and ¢ = 0.3 is the obscuration ratio
for the E-ELT. The Lorentzian function in Eq. 4.8 models the AO correction cutoff point?
where Iy, is intensity, wy, is the HWHM and py, is the radial position of the peak. The seeing
halo is modelled by the Moffat function (Eq. 4.9) where I is intensity, wy; is the HWHM

and ( is the shape parameter. The full radial profile of the PSF is given by,

PSF(r) = A(r) + M,(r) + L(r) + M,(r). (4.10)

The second Moffat function M, (r) is used only for visible PSFs to represent the non-
diffraction limited core and becomes negligible in the NIR. The analytic profile can then
be sampled at any radius or wavelength by interpolating the smoothly varying model pa-

rameters. This allows the generation of a PSF data cube that can be used to convolve

“https://www.eso.org/sci/facilities/eelt/science/drm/tech_data/ao/psf_fitting/ - last ac-
cessed 01-06-15

3This is caused due to the finite number of the DM actuators. There exists a maximum spatial frequency
that can be corrected by the DM; all higher spatial frequencies form a seeing halo.
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Table 4.1: Simulation parameters for input high resolution PSFs used in HSIM.

PSFs
A (pm) 0.4-2.5
Seeing FWHM (arcsec) 0.67, 0.85, 0.95, 1.10
Zenith angle (deg) 30
Off-axis distance (arcsec) 0
rms jitter (mas) 3 (LTAO), 2 (SCAO)
AO WFS SH
LTAO laser guide stars 6
LTAO asterism radius (arcsec) 60
SCAO NGS mag (V-band) 12

Telescope diameter (m)
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Figure 4.4: Comparison of radial profiles between input (solid lines) and parameterised
(dashed lines) LTAO PSFs for R- and K-bands. PSF's are generated at a seeing FWHM of
0.67" at 0.5 um, and zenith angle of 30°.
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Figure 4.5: Strehl ratios of parameterised PSFs used in HSIM as a function of wavelength
for SCAO (black) and LTAO (red) for two seeing values of 0.67” (solid) and 0.95” (dashed)
FWHM at 0.5 um. For each line, the fainter points (and lines of the same colour and type)
show the equivalent values for the input, high resolution on-axis PSFs (see Table 4.1 for
details). For the SCAO PSF's the input lines have been moved up by 0.005 for clarity. We
also show the Strehl ratio for 0.67” SCAO PSFs with residual M1 phase errors (dot-dashed
line) for comparison with our parameterisation method.
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Figure 4.6: Ensquared energies (EEs) of parameterised SCAO PSFs used in HSIM as a
function of wavelength for SCAO at 0.67” FWHM seeing at 0.5 um. EEs are extracted from
a 2 x 2 spaxel aperture for each of the output HARMONI spaxel scales. We also show the
EE from SCAO PSFs with residual M1 phase errors (dot-dashed lines) for comparison with
our parameterisation method.
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Figure 4.7: Integrated continuum maps from an HSIM simulation of a ULIRG observed with
LTAO. Left panel shows the input map at a sampling of 4 mas after scaling an HST WCS
image of a local galaxy (50 mas sampling) to the correct spatial extent at z = 2. Centre
panel shows a 20 mas continuum map at 1.0 pm in the Iz-band. Right panel shows a 20 mas
continuum map at 2.2 um in the K-band. The observed maps are shown at S/N = 10. We
assume identical intensity and spatial distribution for both continuum maps. The improved
PSF performance at longer wavelengths is clearly evident, although the small diffraction-
limited core at 1.0 ym is evident in the middle panel.
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each spectral channel of a HARMONTI data cube with the correct PSF. We have only used
on-axis PSFs without M1 residual errors, and we assume the PSF does not vary spatially
within the field of view. Figure 4.4 shows a comparison of radial profiles between input and
parameterised LTAO PSFs. Good agreement in the shape is evident at both wavelengths.
Figure 4.5 shows the measured Strehl ratios (SR) of our parameterised PSFs for both LTAO
and SCAO compared with the input PSFs. Generally good agreement is evident between
the two sets of input and output PSFs. We also plot the SR for SCAO PSFs with residual
M1 phase errors as a comparison with our parameterisation method. Figure 4.6 shows the
EE for SCAO PSFs as a function of wavelength. The EE is calculated from a 2 x 2 spaxel
aperture for each of the HARMONI output spaxel scales. Again, we see generally good
agreement between input and parameterised PSFs, and we also show the EE for PSFs with
M1 residual phase errors as a comparison. The smooth variation of AO performance with
wavelength in our parameterised PSF's is clear and our parameterisation does not introduce
a dominant source of error.

The importance of the wavelength variation is worth emphasising. Whilst the diffraction
limit of a telescope increases from visible to NIR wavelengths, AO performance vastly
improves at longer wavelengths because the atmospheric turbulence becomes relatively less
disruptive. This large improvement, as seen in Figure 4.5, more than compensates for
the increasing diffraction limit at longer wavelengths. We demonstrate this qualitatively in
Figure 4.7, which shows continuum maps for a simulated HARMONTI observation of an ultra
luminous infra-red galaxy (ULIRG) at a redshift of z = 2. The input HST ACS image at
a resolution of 50 mas (IRAS06076-2139: from Armus et al., 2009) has been cosmologically
scaled and sampled to 4 mas at z = 2. The central image shows the object as observed in
the Iz-band at 1.0 um. The right image shows the object as observed in the K-band at
2.2 um. For easier comparison we assume equal flux at both wavelengths and we ignored the
increased thermal background in the K-band. It is clear from the two maps that the overall
spatial resolution in the K-band is much improved over the [z-band due to the higher SR,
providing exquisite detail of the underlying star-forming morphology of the ULIRG. We
do note that the Iz-band actually has a narrower diffraction-limited core compared to the

K-band.
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The AO PSFs that we used for the parameterisation also include a small amount of
intrinsic jitter or blur, which estimates the effect of wind-shake on the telescope structure.
This corresponds to 2 and 3 mas rms for the SCAO and LTAO PSF's respectively. We include
the ability to add additional amounts of PSF blur to approximate reduced AO performance.
We model this by convolving the AO PSF with a Gaussian of chosen rms width, so any

additional blurring adds in quadrature.

4.5 Verification runs

To test the results of HSIM we compare to two separate tools. Firstly, we compared to
the pipeline of Puech et al. (2010a), which has itself been verified using real SINFONI
observations from Genzel et al. (2006). As part of the E-ELT design reference mission
(DRM) science case C10: The physics and mass assembly of galazies out to z ~ 6, Puech
et al. undertook simulations of which some examples are publicly available*. We took the
example data cube UGC5253, a rotating disc galaxy with prominent Ha emission. We
converted the cube for compatibility with HSIM using the description from the DRM. We
then ran simulations using identical parameters as used by Puech et al. including the
identical spatial PSF. Puech et al. do not specify the sky transmission spectrum they use,
so we manually convolved one from the E-ELT DRM to match the spectral resolution of
the data cube.

The outputs of the comparison are shown in Figure 4.8. HSIM computes the total signal
of Nexp combined exposures, so we have divided our output cube by Ney, to get a mean
value for each pixel (cf. Puech et al. who determine the median value of each pixel from
Nexp cubes). It is clear from both the signal and S/N plots that we are computing consistent
values within the uncertainty of different transmission functions, and can be confident that
HSIM is working correctly.

For the second crosscheck we compared HSIM with the ESO SINFONI ETC. We ran
the ETC for an extended object with an AOV spectrum at a K-band Vega magnitude of

14, observed in seeing-limited mode for two hours (8 x 900s). The ETC returns the input

‘https://www.eso.org/sci/facilities/eelt/science/drm/C10/ - last accessed 01-06-15
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Figure 4.8: Left: comparison of the signal extracted from a 10 spaxel radius aperture centred
on the galaxy between Puech et al. simulation and HSIM. Right: comparison of the median
S/N over every spaxel in each wavelength channel. The HSIM and Puech et al. simulations
are consistent to within the noise realisations.

spectrum which we used to create an input cube. We simulated an identical observation
with HSIM, using a seeing-limited PSF and the relevant VLT telescope parameters. We were
careful to calculate our object flux over two spatial pixels as done by the ETC. We note
that we approximated the output resolution of our spectrum using the central wavelength
value of the spectrum divided by the resolving power of the SINFONI grating, as it is
unclear exactly how the LSF convolution is performed in the ETC. Figure 4.9 shows the
total S/N and object signal within two spaxels (main panels), and the respective residuals
after median smoothing by 10 spectral pixels to account for potential differences in LSF
convolution (sub panels). Our results show extremely good agreement with the ETC with
sub 5 % residuals over the majority of the spectrum We conclude that the HSIM procedures

are working correctly and it is producing realistic signal and noise values.

4.6 Discussion and conclusions

HSIM is a standalone simulation pipeline that offers a capability far exceeding that of a
simple ETC. The pipeline takes input data cubes and simulates observations, folding in
realistic sky, telescope, instrument and detector models to create output mock data, which

can be analysed akin to real data. Thus it can make quantitative predictions about the
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Figure 4.9: Comparison of the total S/N and object signal between HSIM (red) and the
SINFONI ETC (grey). The two main panels show the total S/N and object signal within
two spaxels. The two smaller panels show the respective residuals after median smoothing
by 10 spectral pixels.
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feasibility of particular science goals, which presents a step beyond simple S/N predictions.

There are some caveats and limitations to the simulations, which we describe here.
Firstly, the predictive power of a particular simulation is dependent on the complexity
and accuracy of the physical prescriptions incorporated within the input data cube. While
the basic method of utilising the pipeline is to compare mock-observed output with input,
this only offers physical meaning if the input physics is accurate. Designing input data
cubes for science simulations requires specific tailoring for each individual case. We briefly
discuss some examples of input data cube generation below and provide further details in
Appendix C.

A second factor is the accuracy of the telescope PSF model. Our parameterisation
method allows for accurate circularly-symmetric, wavelength-dependent PSFs to be pro-
duced at little computational expense. However, it is currently only capable of parameter-
ising on-axis PSF's of point-like reference sources. More complex PSFs formed by referencing
on extended objects would be difficult to parameterise, which limits science cases where the
object of interest, e.g. a Jovian moon, is also used as the SCAO reference. An alternative
method could be to use principal component analysis which has been used extensively for
modelling spatial variations (e.g. for HST, see Jee et al., 2007). However, for the purposes
of providing general PSFs for different AO types, our parameterisation method holds merit.
The AO parameters are held as a data file in HSIM. As the HARMONI and AO module
designs develop the simulated PSF's will become closer to what is expected at the telescope.
Thus HSIM can be easily updated with refined PSFs.

We also do not include various systematic effects such as bad detector pixels/columns,
or throughput variations between the different IFU optical paths. Adding these effects into
HSIM before the instrument design is fully defined would have to be done on an arbitrary
basis. Once the instrument design is fixed higher order systematics can be incorporated
as necessary. In the next chapters, we use reasonably conservative instrument parameter
values when predicting the instrument performance using HSIM.

HSIM is currently being used to explore a wide range of scientific simulations and we

briefly summarise some examples here.
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e Studies of high redshift, emission-line galaxies: we use HSIM to explore limits on
HARMONT’s ability to obtain resolved kinematics of galaxies at redshifts from z = 2—

3 (see Chapter 6).

e Integrated and resolved absorption-line kinematics of high redshift galaxies, generated
from high resolution cosmological simulations: we have used an output of the adaptive
mesh refinement (AMR) hydrodynamical code RAMSES (Teyssier, 2002) to create an
input galaxy data cube at z = 3 for which we know the exact input physics. We have
simulated the galaxy using HSIM and compared measured kinematics to the inputs
(Kendrew et al., 2016). This work will be expanded to explore the possibility of being
able to observationally distinguish between different physical prescriptions involved in

galaxy formation.

e Supermassive black hole (SMBH) mass measurements: we are exploring the distance
at which HARMONTI will be able to obtain an accurate SMBH mass within a typical
L, galaxy. This will enable limits to be set on the numbers of galaxies that can
have SMBH mass constraints. We are using a multi Gaussian expansion (MGE) code
(Emsellem et al., 1994; Cappellari, 2002) to create input data cubes that contain

detailed kinematics of the galaxy nuclear region.

e Detection and characterisation of type Ia supernova (SN) in distant galaxies: expand-
ing the distance to which we can observe type Ia SN will help constrain models of
dark energy. We are using the galaxy data cube generated from the RAMSES code
as above, with a SN spectrum inserted and scaled to the correct redshift. We can
then produce mock observations and determine limits on detecting characteristic ab-
sorption features, with the added challenge of discerning the SN against the galaxy

background.
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Sensitivity predictions with HSIM

In this chapter we utilise HSIM to explore the capabilities of HARMONI for observing point
sources. A standard method of demonstrating the performance of an instrument is through
limiting magnitudes for a specific observing time within a set aperture. As HSIM outputs
mock-observed data cubes and variances from simulations, it is possible to explore sensitivity
predictions for the observing configurations of HARMONTI as a function of aperture size.
This is important in order to determine optimal aperture sizes for each grating owing to
the wavelength dependent PSF. It is also possible to explore optimal extraction methods
as we have full knowledge of the PSF and we can determine the theoretical gain over
standard extraction for the HARMONI observing configurations. Complementary to this,
it is also possible and useful to explore noise predictions to understand which noise terms
dominate for each observing configuration. This helps astronomers plan observing time
more efficiently and understand the limitations on their data.

In this chapter we first present point source sensitivity predictions using HSIM to deter-
mine limiting magnitudes. We then present predictions of the noise contributions for these
limiting magnitude calculations, which show the noise regimes for each observing config-
uration of HARMONI. We explore how the extracted S/N depends on aperture size and
wavelength and compare standard extraction methods to optimal extraction to quantify the
theoretical performance gain from optimal extraction. Lastly, we perform a comparison of
visible wavelength performance between HARMONI and the AO-fed narrow field mode of
MUSE on the VLT.

115
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5.1 Sensitivity predictions

In this section we present instrument point source sensitivities for several operating config-
urations of HARMONTI as computed using HSIM. We compute the limiting AB magnitude
Mg to achieve S/N = 5 per spectral resolution element (2 pixels) after five hours on-source
(Texp = 900, Nexp = 20) from a 2 x 2 spaxel aperture. We assume sky subtraction with
no penalty to on-source exposure time, using ‘nodding-on’ or similar techniques. To do
this we calculate the S/N for a given Map after five hours on-source, then compute the
multiplicative factor f required to give a Map that yields S/N = 5. Adding this factor

along with Npix = 2 and Ngpax = 4, Equation 1.15 becomes,

S/N _ fNobj Texp\/ Nexp (5 1)
\/(f Nobs + 2Npg + 16 D) Ty + 1607

and this is solved for f using the standard quadratic equation where the negative solution
is discarded. The S/N is calculated within a 2 x 2 spaxel extraction aperture, although for
the 30 x 60 mas scale we upsize to a 120 x 120 mas (4 x 4 spaxel) box. We compare R-, H-
and K-bands. For each band we create an input cube containing a point source with a flat

spectrum (constant Mag) Fj,

c _ _9 3 -1
Fy = Fyﬁ ergs tem AT, (5.2)
where,
F, = 10" (MapH+48.6)/25  opog=l ey =2 Hp L (5.3)

The input cubes are generated with a spatial sampling of 0.4 mas for the 4 x 4 mas output
scale and at 1mas for the 10 x 10, 20 x 20 and 30 x 60 mas output scales. The input cube
is generated with ~ 30 wavelength channels so as to be computationally efficient. The S/N
is an average value over all the wavelength channels in the spectrum extracted from the
2 x 2 spaxel box. For each grating we choose wavelength regions minimally affected by sky
lines and telluric absorption. The central wavelengths for each input cube are 0.677 pum for

R-band, 1.76 um for H-band, and 2.145 pym for K-band.
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These sensitivity calculations are intended to provide a general indication of the perfor-
mance of the current instrument design. Whilst the instrument parameters (e.g. through-
put, dark current, read-out noise) are not set at the minimum specification, we use simple
2 x 2 spaxel aperture extraction to present reasonably conservative performance estimates.
Improved S/N would be obtained using the more rigorous method of optimal extraction

(Horne, 1986; Robertson, 1986, also see Section 5.3).

5.1.1 Simulation parameters

We set the following instrument and site parameters so as to provide conservative estimates
for the resulting performance.

Site and telescope: We use a Paranal-like site (and telescope) temperature of 280.5 K.
Seeing is set to the Cerro Armazones median value of 0.67” FWHM at 0.5 um. We use the
official 39 m E-ELT model, which has a maximum all-glass diameter of 37 m, an obscuration
ratio of 0.3, and six spider arms each 0.5m wide, giving a total collecting area of A =
932.5 m?.

For the telescope transmission we have two sets of values available: the per surface
reflectivity R for an MgF9 on Ag/Al coating (B:0.968, V:0971, R:0973, 1:.0976, z:0.98, J:0985,
H:0.988, K:0.99)!, and the telescope K-band emissivity e(= 1 — R) for five reflections (M1
through M5), which is set to be no worse than 15 %?. Using the ex 5 = 0.15 for the total
emissivity, and assuming the emissivity fraction is the same for all five surfaces, we get
e=1—(1-0.15)"/5 = 0.032 per surface. A model where a fraction fq of the mirror area
is covered with dust (unit emissivity) and the rest is a reflective surface of R = 0.99, yields
a dust area fraction of f3 = 0.032 — 0.01 = 0.022 per surface. The dust both reduces the
reflective area and contributes emissivity in the K-band, whilst only reducing reflectivity at
other wavelengths. Thus, for all bands other than K, the actual reflectivity is the coating
reflectivity multiplied by 0.99 — 0.022 = 0.978. Given that HARMONTI has two additional
mirrors (M6, and the dichroic above the cryostat M7) in its path, and assuming that these

two mirrors have the same characteristics as the other telescope mirrors, we get a total K-

'E-ELT Design Reference Mission technical data - http://www.eso.org/sci/facilities/eelt/
science/drm/tech_data/telescope/
2E-ELT Observatory Top Level Requirements document - Section 5.6
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band throughput of (0.99 x 0.978)7 = 79.8 % for the telescope. The wavelength dependence
is then characterised by multiplying the coating reflectivity by the dust free fraction.

The telescope emissivity is related to the transmission as above, assuming that there is
no absorptivity at any point in the system. In addition, we have the emissivity from the
spiders, which we assume to be unity. The area covered by the spiders is 38.5 m? (e = 1),
out of the all-glass area of 971 m? (e = 0.202), to yield a total reflective area of 932.5 m?,
with an emissivity of 24.4 %, if no attempt is made to mask the emission from the spiders
within the instrument. If the spiders were to be masked with a perfectly aligned (rotating)
cold pupil stop, the emissivity would drop to 20.2 % (i.e. only that of the seven reflections
before the cryostat window). Thus, a cold mask matched to the spiders improves the back-
ground by ~one part in five, for a similar gain in exposure time for K-band observations.
However, given that there is likely to be some residual pupil wander, we cannot align a cold
pupil mask precisely to the image of the spider arms. If we assume that we have 1 %
pupil wander (fraction of the pupil diameter), then the oversized cold pupil mask reduces
the telescope’s effective area by an additional 56.9 m?. Thus, the two realistic options are
emissivity of 24.4 % with an area of 932.5 m?, or an emissivity of 20.2 % with an area of
875.6 m2. The corresponding sensitivity gain from using an oversized cold pupil mask for
K-band observations is typically ~ 0.06 mag in limiting magnitude, while the corresponding
hit in transmission for other bands (where emissivity is not an issue) is ~ 0.12 mag. Thus,
we conclude that masking the spiders does not provide a large enough benefit, and assume
the higher emissivity number in our sensitivity computation.

Instrument: We use a uniform instrument throughput of 35 %. The operating tempera-
ture of 120 K means the instrument contributes negligible thermal background.

Detector model: To accurately model the NIR detector noise properties, we have inves-
tigated the properties of the KMOS HAWAII-2RG detectors, which are similar to the ones
proposed for HARMONI. We use 10 dark frames downloaded from the ESO data archive?

and calculate the mean and variance for each pixel on the detector. We measure a mean

3archive.eso. org
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2

dark current value of 0.0053 e~ s~! pix~!. The variance 0 encodes the read noise og,

02 = Ugark + O'%{, (54)

where o gark is the noise on the dark current. We compute a read noise of og = 2.845 e pix !

rms. For the visible CCD detector statistics we adopt a dark current of 0.00042 e~ s~ ! pix~!

and read-out noise of 2.0e~ pix ! based on the MUSE CCDs (D. Ives priv. comm.).

5.1.2 Results

We present the results of sensitivities for LTAO, SCAQO, and seeing-limited observations in
Tables 5.1, 5.2, and 5.3 respectively. These tables give the estimated limiting magnitudes
to achieve S/N = 5 measured from a 2 x 2 spaxel aperture (4 x 2 for the 30 x 60 mas
scale). These are separated into visible R-band, and NIR H- and K-bands and for each
resolving power. We note that in the current HARMONI design, SCAO does not offer
R-band observations as the visible light (A < 0.8 um) is sent to the WFS and used for AO
correction.

From Table 5.1 it is clear that in the R-band sensitivity increases with spaxel size. LTAO
performance at visible wavelengths is poor, with Strehl ratios of ~ 1 %, so larger spaxels
incorporate more object flux. In the H-band the 20 x 20 mas scale offers slightly improved
sensitivity compared to the 10 x 10 mas scale and ~ 1mag greater sensitivity compared to
the 4 x 4mas scale. However, in the K-band, the 10 x 10 mas is ~ 0.4 mag more sensitive
than the 20 x 20 mas scale. This is due to the increased thermal background in K-band,
which penalises the larger spaxel scales.

From Table 5.2 we find that SCAO results in ~ 0.5-0.6 mag improved sensitivity in
H-band and ~ 0.3-0.4 mag improvement in K-band over LTAO. Table 5.3 shows that the
seeing-limited observation limiting magnitudes are ~ 1.5 mag brighter than LTAO for R-
band at the 30 x 60 mas scale and ~ 2.5 mag brighter for H- and K-bands.

From Tables 5.1 and 5.2 we see that the sensitivity increases from the 4 mas and 30 x 60
mas scales towards the intermediate 10 mas and 20 mas scales for AO observations. This

leads us to determine whether a 15 mas scale would provide the best sensitivity and therefore
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Table 5.1: Point source sensitivity predictions for HARMONI with LTAO calculated from
a 2 x 2 spaxel aperture centred on the object. Limiting AB magnitudes to achieve S/N =5
per spectral resolution element for five hours on-source (Texp = 9008, Nexp = 20). We
assume sky subtraction with no penalty to on-source exposure time. Band column gives
the bandpass region, R is the resolving power and the remaining columns give the limiting
magnitude for each HARMONI spaxel scale. 4 x 2 spaxel aperture for 30 x 60 mas scale.

2 x 2 spaxel aperture (LTAO)

Band R 4x4 10x10 20x20 30x60
R 3500 22.7 23.6 24.3 25.1
H 3500 26.2 27.0 27.0 26.4
7500 25.2 26.0 26.1 25.7
20000 24.1 25.0 25.1 24.9
K 3500 25.7 26.3 25.8 24.8
7500 25.2 25.8 254 24.5

20000 24.2 25.1 24.8 23.9

if the two intermediate scales could be amalgamated to simplify instrument design. We
perform the identical calculations for 15 mas and plot the sensitivity as a function of spaxel
scale in Figure 5.1. We see that there is no clear gain in sensitivity offered by using 15 mas
spaxels and the limiting magnitude in H-band plateaus between the 10 mas and 20 mas
scales. Therefore there is no motivation for a 15 x 15 mas scale option.

Table 5.4 shows magnitudes for identical LTAO observations to Table 5.1 but after
extracting the spectrum from an aperture containing 50 % of the ensquared energy (EE)
of the PSF. For the R-, H- and K-bands these correspond to 400 x 400, 140 x 140 and
80 x 80 mas respectively. We omit values for the 30 x 60 mas spaxel scale in K-band because
the 4 x 2 spaxel aperture already contains greater than 50 % of the EE. This table shows
that a greater S/N can be achieved in the R-band by increasing the aperture size. For the
4 x 4 and 10 x 10 mas scales, a factor of ~ 1 mag improvement is gained. However, for both
H- and K-bands, the limiting magnitudes are brighter because the extra spaxels from the
larger extraction aperture contribute more detector and background noise for each band

respectively, as can be seen from Figures 5.3 and 5.4.
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Table 5.2: Point source sensitivity predictions for HARMONI with SCAO calculated from
a 2 x 2 spaxel aperture centred on the object. Limiting AB magnitudes to achieve S/N =5
per spectral resolution element for five hours on-source (Texp = 9008, Nexp = 20). We
assume sky subtraction with no penalty to on-source exposure time. Band column gives
the bandpass region, R is the resolving power and the remaining columns give the limiting
magnitude for each HARMONI spaxel scale. 4 x 2 spaxel aperture for 30 x 60 mas scale.
Note that there is no R-band for SCAO as the visible light is used for AO correction.

2 x 2 spaxel aperture (SCAO)

Band R 4x4 10x10 20x20 30x60
H 3500 26.8 27.6 27.6 26.8
7500 25.8 26.6 26.7 26.1
20000 24.7 25.6 25.7 25.3
K 3500 26.1 26.6 26.2 25.2
7500 25.6 26.2 25.8 24.8

20000 24.6 254 25.2 24.3

Table 5.3: Point source sensitivity predictions for HARMONI seeing-limited observations
calculated from a 4 x 2 spaxel aperture centred on the object in the 30 x 60 mas scale.
Limiting AB magnitudes to achieve S/N = 5 per spectral resolution element for five hours
on-source (Texp = 9008, Nexp = 20). We assume sky subtraction with no penalty to on-
source exposure time. Band column gives the bandpass region and R is the resolving power.

2 x 2 spaxel aperture (Seeing-limited)

Band R 30 x 60
R 3500 23.7
H 3500 23.9
7500 23.2
20000 22.4
K 3500 22.2
7500 21.9

20000 21.3
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Figure 5.1: Point source sensitivity predictions for HARMONI with LTAO as a function of
spaxel scale, for five hours on-source from a 2 x 2 spaxel aperture at R = 3500. 30 mas
on the z-axis corresponds to the 30 x 60 mas scale. Sensitivity is defined as limiting AB
magnitude to achieve S/N = 5 per resolution element for five hours on-source (Texp = 900,
Nexp = 20). We also compute the sensitivity at a spaxel scale of 15 mas, between the two
current intermediate scales. 15 mas offers no significant gain over 10 or 20 mas spaxels.

Table 5.4: Point source sensitivity predictions for HARMONI with LTAO calculated from
a square aperture that encloses 50 % of the ensquared energy (EE) for each band. Limiting
AB magnitudes to achieve S/N = 5 per spectral resolution element for five hours on-source
(Texp = 9008, Nexp = 20). We assume sky subtraction with no penalty to on-source exposure
time. Band column gives the bandpass region, R is the resolving power, Aperture column
gives the 50 % EE aperture sizes, and the remaining columns give the limiting magnitude
for each HARMONI spaxel scale.

50 % EE square aperture (LTAO)

Band R Aperture 4x4 10x10 20x20 30 x 60
(mas)
R 3500 400 x 400  23.6 24.6 25.1 25.4
H 3500 140 x 140 245 254 26.0 26.2
7500 23.5 24.5 25.1 25.6
20000 22.5 23.4 24.1 24.7
K 3500 80 x 80 24.7 25.1 25.1 -
7500 24.1 24.6 24.8 -

20000 23.1 23.9 24.2 -
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5.2 Noise regimes

To illustrate the different noise regimes, Figures 5.2, 5.3 and 5.4 show heat maps represent-
ing the contributions to the total variance from each source: sky, telescope, dark current,
and read-out noise, when observing with LTAO in the R-band, H-band and K-band re-
spectively. Each observing configuration is represented by a single box. Light colours show
small contribution and dark colours show larger contribution. For each observing configura-
tion, the boxes show the percentage of the total variance from each source. It is clear from
these figures that in the R- and H-bands HARMONI is generally detector read-out noise
dominated, except for the 30 x 60 mas scale combined with the two lowest resolving powers,
which are sky dominated. However, in the K-band observations are telescope (thermal)

background dominated, except for the finest spaxel scale and highest resolving powers.

5.3 Varying aperture sizes and optimal extraction

The previous sections have shown that a 2 x 2 spaxel aperture does not necessarily pro-
vide the best S/N spectrum when using standard extraction techniques. This is due to
the strongly wavelength dependent AO PSFs predicted for the E-ELT. It is particularly
evident when comparing Tables 5.1 and 5.4, which show that the R-band limiting magni-
tude increases when using a larger aperture. Therefore it is useful to determine how the
aperture size to obtain peak S/N spectra varies with wavelength. Applying various aperture
extraction techniques demonstrates the versatility of HSIM over traditional ETCs.

Naylor (1998) shows that for a background-limited 2D Gaussian source, the ‘best’ aper-
ture size for standard extraction is % x FWHM. The predicted LTAO PSF for the E-ELT
has a very small diffraction-limited peak at visible wavelengths, which increases with wave-
length, so it is different to a Gaussian. From Figures 5.2, 5.3 and 5.4 only the coarsest scale
is normally background limited.

As part of this we also investigate the use of ‘optimal’ extraction methods on IFS data
cubes. Optimal extraction for long-slit spectra was first presented by Horne (1986) and
Robertson (1986). Naylor (1998) extended the principle to photometry and in principle IF'S

can be thought of as iterative optimal photometry over many wavelengths. With HSIM we
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Figure 5.2: Heat map showing contributions to the variance for LTAO point source observa-
tions in R-band for five hours on-source (Texp = 9008, Nexp = 20) after extracting in a 2 x 2
(4 x 2 for 30 x 60 mas scale) spaxel aperture centred on the object. The four quadrants show
the contributions to the variance from (clockwise from top left) sky, telescope, read-out noise
and dark current respectively for each observing mode of the instrument (spaxel scale and
resolving power). The instrument thermal background is assumed to be negligible. Dark
colours show a greater contribution and light colours show a smaller contribution. For each
instrument configuration, the boxes show the percentage contribution to the total variance.
Observations in R-band vary from read-out noise limited at the finest spatial scales to sky
limited at the coarsest scale.
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Figure 5.3: Same as Figure 5.2 but for H-band observations: heat map showing contribu-
tions to the variance for LTAO point source observations in H-band for five hours on-source
(Texp = 9008, Nexp = 20) after extracting in a 2 x 2 spaxel aperture centred on the object.
Observations in H-band are predominately read-out noise limited except at the coarsest
spaxel scale and lowest resolving powers which are sky limited.
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Figure 5.4: Same as Figure 5.3 but for K-band observations: heat map showing contribu-
tions to the variance for LTAO point source observations in K-band for five hours on-source
(Texp = 9008, Nexp = 20) after extracting in a 2 x 2 spaxel aperture centred on the object.
Comparing to Figure 5.3 the K-band observations are dominated by the telescope thermal
background, except at finest spaxel scale and highest resolving powers which are read-out
noise limited.
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know the exact PSF, so can create a ‘perfect’ model with which to scale the image at each
wavelength. Naylor (1998) state that optimal photometry offers ~ 10 % gain over standard
techniques (for a background-limited 2D Gaussian source). Thus, we are interested to see
what level of improvement is offered for HARMONI.

To determine the optimal S/N aperture sizes we generate input data cubes containing
a Map = 25 point source. We again use narrow wavelength regions in-between sky lines.
We simulate the cubes for five hours on-source (Texp = 9008, Nexp = 20) as before. In the
visible wavelength range we use the 30 x 60 mas scale and in the NIR we use the 20 mas,
10 mas and 4 mas scales. We then determine the S/N for different square aperture sizes by
calculating the average over all wavelength channels in each narrow data cube.

Figure 5.5 shows the S/N as a function of square aperture size in the V' + R band for both
LTAO and seeing-limited observations. It is clear that the AO offers a small improvement
in S/N for wavelengths >~ 0.65 pm (~ Amga). At A = 0.77 um this is ~ 6 %. The peak
aperture sizes for LTAO are around 400 mas, which corresponds to the 50 % EE aperture
used for Table 5.4. Figures 5.6, 5.7 and 5.8 show standard versus optimal extraction for
three regions in the H + K band for the 20 mas, 10 mas and 4 mas scales respectively.
It is clear that for standard extraction in the NIR, a 2 x 2 spaxel aperture gives the peak
S/N, except in the 4 mas scale for which a 4 x 4 spaxel aperture gives peak S/N. We also
see that optimal extraction gives ~ 10 % improvement in S/N in agreement with Naylor
(1998). The maximal S/N falls as a function of wavelength in the H + K band due to the

increasing telescope thermal background.

5.4 Comparison with MUSE narrow field mode

in this section a comparison is made between the AO performance of MUSE narrow field
mode (NFM) on the VLT and HARMONI with LTAO on the E-ELT at visible wavelengths.
The MUSE AO system on the VLT has an actuator spacing (as projected onto M1) of 20
cm compared to the E-ELT’s 50 cm spacing, so MUSE is predicted to offer better AO per-
formance at visible wavelengths. However, the E-ELT has a factor of ~ 18 greater collecting

area and ~ 5 greater diffraction limited angular resolution. We use simulated PSFs and
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Figure 5.5: S/N as a function of aperture size for LTAO (solid lines) and seeing-limited
(dashed lines) observations at three visible wavelengths in 30 x 60 mas scale. Wavelengths
are 0.55 um (blue), 0.68 um (green), and 0.77 um (red).
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Figure 5.6: S/N as a function of aperture size for LTAO observations in the H + K wave-
length range using both standard (solid lines) and optimal extraction (dashed lines) in 20
mas scale. The three wavelengths are 1.76 um (blue), 2.14 pum (green), and 2.31 pm (red).
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Figure 5.7: S/N as a function of aperture size for LTAO observations in the H + K wave-
length range using both standard (solid lines) and optimal extraction (dashed lines) in 10
mas scale. The three wavelengths are 1.76 pum (blue), 2.14 ym (green), and 2.31 pm (red).
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Figure 5.8: S/N as a function of aperture size for LTAO observations in the H + K wave-
length range using both standard (solid lines) and optimal extraction (dashed lines) in 4
mas scale. The three wavelengths are 1.76 pum (blue), 2.14 ym (green), and 2.31 pm (red).
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Table 5.5: Details of the MUSE-NFM and HARMONI-LTAO PSF's used for visible perfor-
mance comparison.

MUSE ~ HARMONI (usiM) HARMONI (05-11-15)

AO LTAO LTAO LTAO
A (um) 0.5,0.65,0.9 0.5, 0.65, 0.9 0.66
Seeing (arcsec) 0.6 0.73 0.70
ro at 0.5 um (cm) 17 15 15
Off-axis distance (arcsec) 0 0 0
rms jitter (mas) - 3 2
#LGS 4 6 6
Asterism radius (arcsec) 10 60 30

compare their properties, before utilising these to make predictions on point source sensi-
tivities. We refer to the VLT-MUSE-NFM PSFs as MUSE and E-ELT-HARMONI-LTAO
PSFs as HARMONI throughout this section.

We use three sets of PSFs: one set of MUSE PSFs generated by M. Le Louarn (21-01-
2009) covering three wavelengths (0.5,0.65,0.9 um), one set of HARMONI PSFs generated
by T. Fusco as used for HSIM covering the same three wavelengths, and a new HARMONI
PSF generated at Ha (0.66 pm) by T. Fusco (05-11-2015). The full details of the three sets
of PSFs are shown in Table 5.4.

One dimensional radial profiles of the PSFs are shown in Figure 5.9. Each PSF is
normalised so the sum is unity and the PSFs are sampled at 5.03, 6.54 and 9.06 mas for
0.5, 0.65/0.66 and 0.9 pum respectively. It is clear that the MUSE PSF's have greater energy
in the diffraction-limited core and smaller seeing halo compared to the HARMONI PSFs.
However, the diffraction-limited cores of the HARMONI PSFs have much smaller FWHMs
compared to the MUSE PSFs. Our measurements of the FWHM are shown in Table 5.6.
We also show SRs in Figure 5.10 and EEs within different box sizes in Figure 5.11. MUSE
PSFs have higher EE and SR for every wavelength, except at 0.9 ym and 4 mas spaxels
when the HARMONTI PSF yields the same EE.

5.4.1 Results

We use the EEs to predict point source limiting AB magnitudes for the two instruments.

We use the same values for the sky and thermal backgrounds, and telescope, instrument and
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Figure 5.9: Radial profiles of HARMONI and MUSE visible LTAO PSFs. All PSFs are
normalised so the sum is unity and are sampled so that PSFs of the same wavelength have
the same sampling. These correspond to 5.03, 6.54 and 9.06 mas for 0.5, 0.65/0.66 and 0.9
pm respectively.

Table 5.6: FWHM in mas of the diffraction-limited cores of HARMONI and MUSE visible
LTAO PSFs.

A(pm) MUSE HARMONI (usiM) HARMONI (05-11-15)
0.5 26.7 6.3

0.65/0.66  27.2 6.8 4.9
0.9 30.3 7.0
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Figure 5.10: Strehl ratios of HARMONI and MUSE visible PSFs. All PSFs are normalised
so the sum is unity and are sampled so that PSFs of the same wavelength have the same
sampling as in Figure 5.9.
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Figure 5.11: Ensquared energies of HARMONI and MUSE visible PSFs. All PSFs are
normalised so the sum is unity and are sampled so that PSFs of the same wavelength have
the same sampling as in Figure 5.9.
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detector throughputs as used in HSIM (Section 5.1.1). We assume these are the same for both
VLT-MUSE and ELT-HARMONI and we assume both instruments operate at a spectral
resolving power of R = 3500. We use a telescope mirror area of 52.1 m? for the VLT. For
MUSE, and HARMONI for A < 0.8 um, we use a dark current of 0.00028 ¢~ s~ ! pix~! and
read-out noise of 2.0e~ pix~! for all wavelengths?. We compute the point source limiting
AB magnitude to achieve S/N = 5 in five hours on-source with Teyxp = 900s and Neyp, = 20.
Figure 5.12 shows the results for each wavelength/PSF as function of the aperture box size
in mas. For MUSE we use 25 mas spaxel steps and for HARMONI 20 mas steps to emulate
the spaxel scales of both of these instruments.

From Figure 5.12 it can be seen that in a 2 x 2 spaxel box, the HSIM HARMONI
PSFs only start to win at wavelengths longer than 0.65 um. However, it is possible to
integrate over a larger aperture size to achieve a much fainter limiting magnitude with the
shorter wavelengths. However, the new HARMONI Ha PSF with slightly smaller windshake
jitter and smaller laser asterism radius (and simulated in better seeing) presents a large
improvement over the old HARMONI PSFs and the MUSE PSFs for all aperture sizes.

Within a 2 x 2 spaxel box, it gains a magnitude extra sensitivity over MUSE.

5.5 Discussion and conclusions

We have used HSIM to predict the point source sensitivity of HARMONI using a standard
metric of limiting magnitude to achieve a S/N = 5 in five hours observing on-source from
a 2 x 2 spaxel aperture. For LTAO and SCAO observing, the 10 and 20 mas scales offer
the best sensitivity except in the visible, which is best at the coarsest scale. We show that
the sensitivity in the visible range can be improved by using a larger aperture than 2 x 2
spaxels. We check to see whether a 15 mas scale offers optimum sensitivity in-between the
10 and 20 mas scales, but find no evidence for this.

We investigate the dominating noise source for each of the instrument’s operating modes.
We find that in the R- and H-bands, observations are predominately read-out noise limited,

except at the coarsest spaxel scale and lowest resolving powers, which are sky limited.

4The lower dark current represents a slightly more optimistic value of the MUSE CCDs compared with
the value we have used in the earlier HARMONTI sensitivity predictions (D. Ives priv. comm.).
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Figure 5.12: Limiting AB magnitudes to achieve S/N =5 in five hours on-source exposure
time (Texp = 900, Nexp = 20) as a function of aperture box size in mas, for both HARMONI
and MUSE in the visible.

However, the K-band is dominated by the telescope thermal background, except at the
finest spaxel scale and highest resolving powers, which are read-out noise limited. As the
majority of operating configurations are read-out noise limited, this result demonstrates
that the choice of detectors will play a role in the capabilities offered by HARMONI. An
improved read-out noise will improve the sensitivity for the majority of operating modes.
However, the coarsest scale is currently sky-limited so a reduction in the size of the coarsest
spaxels would move it towards the read-out limited regime and consequently reduce the
sensitivity of that mode. This has implications for any potential change in detectors for
HARMONTI.

We then investigate varying aperture sizes for LTAO observations and a comparison
with optimal extraction methods. We find that LTAO offers an improvement for visible
wavelengths > Ay, (0.65 um), and the aperture size to achieve the highest S/N for standard
extraction is around 400 x 400 mas. At NIR wavelengths we find that a 2 x 2 spaxel aperture

offers the highest S/N for standard extraction at the 10 mas and 20 mas scales (4 x 4 spaxel
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for 4 mas scale) and we find a ~ 10 % improvement in S/N from using optimal extraction,
in agreement with previous studies.

Lastly, we compare the AO performance of MUSE-NFM on the VLT with HARMONI
and LTAO on the E-ELT, at visible wavelengths. Below Ap, there is no predicted gain
from HARMONI over MUSE due to the poor performance of the LTAO. At Apj, and longer
HARMONT starts to win against MUSE both with greater diffraction-limited resolution
in the core of the PSFs and with better point source sensitivity, due to the much greater
mirror diameter. A new HARMONI-LTAO PSF with a smaller laser guide star asterism
radius presents a large improvement over the original PSFs (although simulated in lower
seeing and with lower windshake jitter) and gives at least a magnitude gain in sensitivity
at Ha compared to MUSE. Therefore, HARMONTI holds a strong advantage over MUSE at

Ha and longer wavelengths and thus should offer capability in this wavelength region.



Chapter 6

Simulations of high redshift

emission-line galaxies

6.1 Goals and methodology

In this chapter we present a set of HSIM simulations to investigate HARMONT’s ability
to detect and measure kinematics of emission-line galaxies at redshifts of z ~2-3, which
represents the peak epoch of star formation. Our goals are to:
(i) determine how well the global kinematics (e.g. rotation curves) can be derived as a
function of star formation rate (SFR), size and morphology for galaxies at 2 < z < 3;
(ii) determine the smallest physical scales for which physical properties can be derived,
including identifying/measuring the properties of individual star-forming regions.

To demonstrate the use of our simulation pipeline in this area, we present results from
a set of simulated observations of a sample of emission-line galaxies at 2 < z < 3. We focus
on galaxies with prominent Ha emission, which falls into the K-band at these redshifts,
although we also use [O11] as a tracer of star formation at higher redshifts. We highlight
that our simulations are not designed to test galaxy formation models; rather they are
designed to test how well-measured properties (e.g. rotation curves, clump properties) can
be derived for a given line flux and exposure time (and at a given spatial resolution) using

a reasonable input galaxy image/spectrum with a set of disc and clump scaling relations.

136
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In the rest of this chapter, we discuss how we construct mock data cubes, our simulation

runs, analysis methods and derived conclusions for this science case.

6.2 Input data cubes

Generating realistic input data cubes is a vital component for gaining useful output infor-
mation from a simulation. In order to obtain quantitative predictions from simulations of
galaxies at high redshifts, we need to ensure that the morphologies and kinematic distri-
butions are reasonably realistic up to the resolutions that current instruments can achieve.
As HARMONI on the E-ELT is expected to reach far higher spatial resolutions, some
assumptions do need to be made on sub-kpc scales.

In order to minimise bias in our results, we pursue two methods for generating the input
data cubes. The first method, led by M. Swinbank, uses analytical models for generating
the morphology of the galaxies and the second method uses Ha maps of local galaxies as

morphological templates. We describe both approaches here.

6.2.1 Analytical models

We generate a sample of input galaxy data cubes covering a range of star formation rates,
redshifts and morphologies ranging from smooth exponential discs of gas and stars to
‘clumpier’ galaxies (gas follows stars in each case). Each galaxy data cube is generated with
values randomly picked from a range of uniformly distributed physical parameters: redshift
z (2.0-3.0), total disc SFR, (1-200 Mg, yr~—1), gas fraction (0.1-0.9), inclination (20-70 deg),
position angle (0-360deg), reddening A, (0-1.5mag), half-light radius ry (0.5-2.5kpc),
disc intrinsic velocity dispersion (15-40kms™!) and metallicity (Z =0.05-1Z). The un-
derlying light profile of the galaxy disc follows an exponential profile, and the velocity field
follows a simple arctan model (Courteau, 1997),

2
V(1) = Umax— arctan (T) , (6.1)
™

Tp
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where vnpax is the asymptotic maximum velocity and 7, defines the transition between the
rising and flat parts of the curve. To relate SFR to Ha luminosity we use the star formation

law of Kennicutt (1998b),

7.9 x 10%2

SFR My yr~'] = 7

Lta, (6.2)

where Ly, is the luminosity of Ho in erg s~! and the factor of 1.7 converts to a Chabrier
(2003) IMF from the Salpeter (1955) form.

We also add a number of star-forming regions using scaling relations inferred from
observations of lensed star-forming galaxies at z ~1-3 (e.g. Jones et al., 2010; Livermore
et al., 2012, 2015). The number of star-forming clumps is set using the redshift dependent
clump luminosity function from Livermore et al. (2012, 2015), where the normalisation is a
function of the disc gas fraction and ranges from 0.01-2. The clump gas velocity dispersions
o, radii 7 and luminosities L use the scaling relations from Swinbank et al. (2012a) and

Livermore et al. (2015),

T ag
log () =1.011 ( ) 0.8, 6.3
og (pc> 08 (ot + (6.3)
L o
1 — 3811 (7) 34.7. 6.4
°8 <erg s_1> 6 \gms1/) T (64)

Finally, we include stellar continuum assuming a constant star formation history (with
an integral that matches the dynamical mass after accounting for gas fraction). We use
a solar metallicity Maraston (2005) SSP model with a Chabrier (2003) IMF to derive the
stellar continuum and assign this uniformly to the disc according to its luminosity profile.

We ensure that appropriate cosmological dimming is applied to the flux from all com-

ponents when moving to the given redshift. Starting with flux conservation,

L)\()\e)
47TD% ’

AoFy, = AeFy, = Ae (6.5)

where A is the wavelength, F) is the flux, the subscripts o and e denote observed and emitted

respectively, and Dy, is the luminosity distance. We thus determine the scaling factor as a
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function of Dy, and z as,

F), ! ! LA< 2o ). (6.6)

° T 1424702 M\ 142

For the purposes of this analysis, we generate these input cubes with a spatial sampling
of 10 x 10 mas and a resolving power of R =10,000 with narrow wavelength coverage around

the Ha and nitrogen [N11] doublet.

6.2.2 Morphological templates

For the second method we take a small sample of Ha images from the SIRTF Nearby
Galaxies Survey (SINGS) (Kennicutt et al., 2003) as morphological templates. SINGS
is a spectroscopic and imaging survey of 75 nearby galaxies (maximum distance 30 Mpc)
covering a diverse range of morphologies and luminosities. From this we select several
compact galaxies with clumpy-disc morphologies observed in Ha with the CFHT. These
galaxies have a complex distribution of smaller clumps, which form a disc morphology.
We make the assumption that these galaxies represent morphologies that exist at higher
redshifts and thus offer high resolution templates. We use the input image sampling, total
image extent and galaxy initial redshift to compute the physical size in kpc. We determine

the new sampling scale according to the angular diameter distance D at the output redshift,

Da(z) = (6.7)

z
g
which, when z is in kpc and 6 is converted from radians to arcsec, yields the kpc/arcsec
scaling factor. We also scale the galaxies to have a radius of r ~ 2-2.5kpc, which from
van der Wel et al. (2014) is close to the average size at z ~ 2-3. We use the calcula-
tor of Wright (2006) to compute D and Dy, for our assumed cosmology and the given
redshift. For example, the (600,600) SINGS image of NGC0337 (zi, = 0.0055) is sam-
pled at 430 mas pixel ! giving a total image extent of 29 kpc and galaxy radius of 7.3kpc
when Dy, = 0.113kpc arcsec”!. We then rescale the image so the galaxy radius becomes
~ 2.5kpc and recompute the new sampling size at 2 = 2 using Da ,—2 = 8.37kpcarcsec™! to

give 2.0 mas pixel 1. Assuming these galaxies follow the star forming galaxy main sequence
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Figure 6.1: Integrated Ha flux maps from three input data cubes representing the two
different generation methods. The left and middle images are disc-like and clumpy galaxies
generated using analytical methods. The right-hand image is a data cube created using
a SINGS Ha image (NGCO0337) as a morphological template. Redshifts and SFRs for
each galaxy are shown in each sub-panel. The left and middle galaxies are generated at
10 masspaxel ™! and the right-hand galaxy at 2 mas spaxel L.

from Rodighiero et al. (2011) we assign stellar masses as a function of SFR.

We then add a velocity field using Equation 6.1 and an inclination from the ratio of
semi-major and minor axes. The velocity dispersion distribution is added according to the
clump sizes using Equation 6.3, where the clumps are determined by running CLUMPFIND
on the input image (see Section 6.5). The images are scaled by the total SFR, which is
converted to flux using Equation 6.2 with cosmological dimming applied using Equation 6.6.
We use the same wavelength range and resolving power as with the analytical data cubes.
We create a set of these input data cubes covering redshifts of z = 2-3 in Ha and z =4 in
[O11], assuming [O11] has half the line strength of Ha. We show example Ha maps of input

data cubes from the two methods in Figure 6.1.

6.3 Simulation runs

We simulate a series of mock LTAO-assisted HARMONI observations of these galaxies.
We adopt Texp = 900s per exposure and use the R ~ 3500 H + K grating. We focus on
simulations at the 20 x 20mas (~ 200 pc at z =2-3) scale unless otherwise stated. Both
the 20 and 10 mas scales offer sufficient field of view to perform on-sky nodding and thus

there is no penalty in observing time from needing separate sky exposures. The pipeline



141 6.4. Global kinematic measurements

parameters (site, telescope, instrument and detector) are all set identically to those used
for the sensitivity calculations (see Section 5.1.1). For the global kinematics we only look at
the smooth-disc analytical data cubes. For the detailed kinematics we use clumpy galaxies

from both the analytical model and template morphology methods.

6.4 Global kinematic measurements

In Figure 6.2 we show the recovered Ha flux distribution and gas kinematics for a sample
of five smooth-disc galaxies assuming a 10 hour on-source integration. We use a Gaussian
fitting routine to fit the Ha (and [N11]) emission lines spaxel-by-spaxel. This routine iterates
over each spaxel and fits both the continuum (with a linear model) and Gaussian profiles
to the spectrum. In cases where no fit is made due to insufficient S/N, we average over the
surrounding spaxels to increase signal at the expense of spatial resolution. For the velocity
maps, which show the global gas kinematics, we average over a 3 x 3 spaxel box, giving a
varying resolution of 20 mas in the bright regions to 60 mas in fainter regions. We use a
S/N = 7 threshold for detection of an emission line.

From Figure 6.2 we see that HARMONI is capable of measuring velocity profiles in
z ~ 2 galaxies down to almost Milky Way-like star-formation rates on scales of at least
~ 200 pc (in the brightest/highest S/N regions) in this integration time. In Figure 6.3 we
show the rotation curves for galaxy B (extracted along a ~ 1kpc wide slit aligned along
the semi-major axis) for the same galaxy properties, but with a star-formation rate of 3.5,
7 and 14 Mg yr—! (increasing left to right). This galaxy has the steepest rotation velocity
from our sample so gives the best indication of which regions can be recovered for a small
range of quiescent star-formation rates. It also shows the effect limited spatial resolution
can have on tracing the inner part of the rotation curve (‘beam smearing’, see e.g. Davies
et al., 2011). The velocity profile is traced very closely by HARMONI at 20 mas sampling
through the central part of the galaxy for all SFRs. The intrinsic half-light radius of this
galaxy is rp; = 1.3 kpc so the curve is recovered out to 3ry for an SFR of 3.5 Mg, yr~!, which
increases to 4.6ry, for a four-fold increase in SFR.

In Figure 6.3 we also show the rotation curve for a 1 hour on-source E-ELT (HARMONTI)
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observation at the coarser 30 x 60 mas scale (blue squares), which has been binned up to
60 x 60 mas spaxels. Comparing this to the rotation curve derived from a simulated 10
hour on-source VLT (SINFONI) observation at 100 mas we see that the E-ELT offers higher
resolution data at better sampling with 10x greater efficiency in observing time. For equal
observing time the VLT curve underestimates the true curve at all radii and also only
extends to 3ry, compared with 4.2ry,; from HARMONTI at 20 mas sampling. It is possible

to derive a simple estimate of the dynamical mass M (r) within a given radius from,

M(r) = =25, (6.9)

where vpax is the peak velocity and G is the gravitational constant. Deriving dynamical
mass estimates from each observation gives ~ 9 x 10° Mg, from E-ELT (HARMONI) and
~ 4 x 10? Mg from the VLT (SINFONI) simulation. Comparing to the input value of
8.6 x 10 M, this represents both an accurate estimate and a factor of two improvement
by HARMONT after 10 hours observing. From these simulations we find that the E-ELT
with HARMONI offers a ten fold improvement in observing efficiency compared to current
telescopes, i.e. the E-ELT could observe ten times as many objects in equal on-source
observing times. It also offers improved sensitivity and finer resolution, with five times
more independent data points at the 20 mas scale, for equal observing times on the same

object.

6.5 Detailed kinematics

The fine spatial sampling of HARMONTI coupled with LTAO will allow for very detailed
observations of z ~ 2 galaxies. In Figure 6.4 we show the observed Ha intensity and
velocity dispersion maps for the clumpy galaxies in our simulations. To maintain the high
spatial resolution required for detecting individual star forming regions we average over a
2 x 2 spaxel box where no fit is made to the emission lines, giving an effective resolution of
40 mas (~ 300 pc) in fainter regions, and again use a S/N = 7 threshold for detection of an

emission line. As Figure 6.4 shows, detailed structure is seen in both the Ha emission maps
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Figure 6.2: Maps of Ha flux (top row) and line-of-sight gas velocity (bottom row) for smooth
disc galaxies. Galaxies are ordered in increasing SFR from left to right. Also shown is the
redshift of each galaxy. All galaxies are observed for 10 hours at the 20 x 20 mas (~ 200 pc)
scale. Velocity gradients are easily measured even for the lowest SFRs with a factor of ~ 5
improvement in resolution over existing instruments in the highest S/N regions.
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Figure 6.3: Rotation curves for smooth disc galaxy B with varying SFR (increasing left to
right) at 20 mas scale (red circles) as observed by the E-ELT with HARMONI. The input
model curve is shown as the dashed black line. Also plotted in the centre subplot is the
rotation curve for a 1 hour observation at the 30 x 60 mas scale (blue squares), which has
been binned up to 60 mas spaxels. We also show a simulated 10 hour VLT (SINFONI)
observation at 100mas (green triangles). All curves are extracted along a ~ 1lkpc slit
aligned along the semi-major axis. From these simulations the E-ELT with HARMONI
offers a 10 fold improvement in observing efficiency compared to current telescopes, i.e.
the E-ELT could observe 10 times as many objects in equal observing times. It also offers
finer resolution, with 5x more independent data points at the 20 mas scale, and improved
sensitivity for equal observing times on the same object
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Figure 6.4: Maps of Ha flux (top row), line-of-sight gas velocity (middle row), and gas
velocity dispersion (bottom row) for clumpy galaxies. Galaxies are ordered in increasing
SFR from left to right. Also shown is the redshift of each galaxy. All galaxies are observed
for 10 hours at the 20 x 20 mas scale. Velocity structure is evident even at the lowest
SFRs and the velocity dispersion maps show internal structure of ~ 5-6 spaxels diameter
(~ 500 pc radius) for the faintest galaxy down to ~ 3 spaxels (~ 250 pc radius) for the
brightest galaxy.
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Figure 6.5: S/N maps of a model clumpy z = 2 galaxy for varying SFRs observed at
20 x 20mas (top row) and 10 x 10mas (bottom row). SFR increases from left to right
and is denoted in the top left of each panel. The contours show constant S/N increasing
from 2.5 to 12.5 in steps of 2.5. The size of the LTAO PSF is shown in the bottom left of
the each map in the top row. The total exposure time is 10 hours on-source. The three
star-forming clumps detected by CLUMPFIND are highlighted with yellow dashed circles in
the central panel of the top row. For comparison we also show the input morphology (10
mas sampling) in the right hand subplot. Sub-kpc sized star forming regions are detected
with S/N > 5 for SFR ~ 4 Mg at 20mas. Similar regions are detected for SFR ~ 10 Mg, at
10mas.

and o maps. The maps of galaxy J in Figure 6.4 (far right) show structure of ~ 3 spaxels
in diameter. Thus HARMONI will be able to make very detailed measurements of galaxy
substructure, even for galaxies with Milky Way star-formation rates.

To demonstrate HARMONTI’s ability to discern properties of individual star forming
regions, we focus on the galaxy with the lowest star-formation rate from the ‘clumpy’
galaxy simulations (galaxy F in Figure 6.4). Figure 6.5 shows the recovered Ha S/N maps
for a 10 hour on-source observation at the 20 x 20 mas (top row) and 10 x 10 mas (bottom
row) scales for several SFRs, 1, 4.3 and 10.2Mg yr~! (left to right). For star-formation
rates below 10 M yr—! the 20 mas scale offers superior S/N, while still resolving individual

1

clumps. However, at a star-formation rate of 1 Mg yr~" no clumps are detected with a

S/N > 5 at the 20 mas scale in 10 hours.
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To quantify the likely detection and properties of the clumps in a HARMONTI observation
we use the 2D CLUMPFIND routine by Williams et al. (1994) to determine positions and sizes
of individual clumps. This method has been used previously by Livermore et al. (2012, 2015)
on observations of lensed galaxies. The routine uses isophotes to define clumps starting in
the brightest regions and then moving down through the isophote levels. Any isolated
contours are defined as new clumps, and any which enclose an existing peak are allocated
to that clump. A contour which encloses two or more existing peaks has its pixels divided
between them using a ‘friends-of-friends’ algorithm. We follow a similar procedure as used
in Livermore et al. (2015) and set the minimum threshold at 30 and move in 1o steps.

In galaxy F we detect three clumps (indicated by yellow circles on Figure 6.5), and
proceed to calculate their luminosities and then star-formation rates by summing the pixels
within the clump from the Ha map. Using Equation 6.2, we measure star-formation rates
in these three clumps to be 1.46 & 0.02, 0.26 + 0.01 and 0.23 & 0.01 M yr—!, where the
uncertainties are derived from the Ha variance map. As a crosscheck of our method we
integrate the complete observed Ha map and calculate the total star-formation rate of the
galaxy to be 4.12 & 0.03 M yr~! (which is similar to the input value of 4.35 Mg yr—1).

Finally, assuming the clumps have circular symmetry, we infer a radius of each clump.
We measure the radii as 980 4 150, 500 4 200 and 520 &+ 250 pc respectively. These match
closely to the input clump sizes of 1000, 630 and 500 pc respectively. Comparing these
measurements to observations of lensed galaxies (Figure 9 of Livermore et al. 2015) we see
that HARMONI will be capable of detecting and measuring properties of clumps at least
a factor of two smaller than currently possible for normal (unlensed) galaxies at z ~ 2
(~ 500 pc compared to ~ 1kpc). Thus, it should be possible to observe the same galaxy
at the 10 mas scale for a greater number of hours and measure properties of even smaller
clumps. From the S/N map of galaxy F with SFR = 10.2 Mg yr—! in Figure 6.5, we see there
are clumps of three pixels diameter in the 20 mas scale with S/N > 5. This corresponds to
~ 250 pc.

We now perform a similar analysis at the 10 mas scale on input data cubes generated
using the SINGS morphological templates. These galaxies have higher initial resolutions

compared with the analytical model inputs and do not have a separate disc component, as
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the clumps form the disc morphology. We generate mock observations of two galaxies (using
the NGC0337 template shown in Figure 6.1) at z = 2.0, one with SFR = 5 M, yr~! observed
for 10 hours on-source, and the other with SFR = 50 M, yr~! observed for 1 hour on-source.
The S/N maps are shown in Figure 6.6. The maps show that star-forming regions down to
around r ~ 250 pc (30 mas) in radius are detectable in both galaxies. We run CLUMPFIND
again using the same procedure as before on each galaxy, and detect seven clumps in each
galaxy. The smallest have r = 350 4+ 130 pc and r = 360 % 130 pc, which compare closely to
the input size of r = 330 pc. The other clumps are of size r ~ 500 pc. Our measurements of
star-forming region sizes are consistent between the two identical morphologies at different
SFRs and between two sets of input data cubes. From these simulations we can see that
HARMONT will be able to probe individual large HII regions in normal (unlensed) star-
forming galaxies down to the sizes currently only achievable within strongly lensed objects.
This represents a huge gain in observing depth, spatial resolution and light-gathering power.
From Figure 6.6, HARMONI on the E-ELT will be able to observe several high SFR (>
50 Mg yr—!) galaxies in a single night. We note that HARMONI also offers the diffraction-
limited 4 mas scale, which for bright galaxies will allow even greater detail to be probed.
However, the 0.61” x 0.86” field of view at 4 mas means that mosaicing is required to cover
an entire galaxy, so for this study we only use 10 mas where the galaxy falls entirely within

the field of view.

6.6 Pushing to higher redshifts: [O11] in H-band

Pushing HARMONT to higher redshifts will yield observations spanning the full star-forming
epoch from z ~ 2 — 4 and provide resolved kinematics of galaxies currently unaccessible
with today’s 8 m class telescopes. The 3727 A [On] doublet is the strongest emission line
after Ha and falls into the H-band at z = 3and 4. It traces star-forming regions similarly to
Ha and thus provides a powerful diagnostic for HARMONI to probe star-forming galaxies
at higher redshifts (see e.g. Kennicutt, 1998a; Kewley et al., 2004; Mouhcine et al., 2005,
and references therein). We can also assess the relative advantages and disadvantages of

using Ha in K-band at z ~ 2-2.5 compared with [O11] in H-band at z ~ 3.
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Figure 6.6: S/N maps for clumpy z = 2 galaxies observed at 10 mas scale. Left shows
a galaxy of SFR = 5Mg yr~! observed for 10 hours on-source. Right shows a SFR =
50 M yr—! galaxy observed for 1 hour on-source. The red dashed contours show constant
S/N increasing from 2.5 to 12.5 in steps of 2.5. The PSF FWHM is shown in the bottom
left of each subplot. The two smallest star-forming clumps detected by CLUMPFIND are
highlighted with yellow dashed circles in the right hand panel. The input morphology is
shown in the right hand panel of Figure 6.1. HARMONI will be capable of detecting sub-kpc
regions of several bright star-forming galaxies in a single night.

We create mock data cubes at z = 3 and 4 using the morphological template method
from Section 6.2.2 but covering the [O11] rest-frame wavelength range of 3727 A. We assume
the [O11] line strength is half that of Ha. We produce HARMONI mock observations with
LTAO at the 20mas scale. In Figure 6.7 we show a simulated clumpy 50 M yr—! star
forming galaxy at z = 2 (Ha) and z = 3,4 ([O11]). The galaxy at z = 2 is observed for
2 hours on-source and the higher redshifts are each 10 hours on-source. The cosmological
dimming with increasing redshift is evident. Also, these galaxies have the same input
kinematic profiles, so comparing the velocity and dispersion maps between K-band Ha at
z =2 and H-band [O11] at z = 3 shows the effect of beam smearing by increasing the peak
of the dispersion map at z = 3. However, at z = 4 where [O11] is redshifted to the K-
band HARMONI offers exceptional spatial resolution and the clumpy morphology is clearly

resolved at 20 mas, along with the velocity and ¢ maps.
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Figure 6.7: Maps of emission line flux (top row), line-of-sight gas velocity (middle row)
and gas velocity dispersion (bottom row) for a clumpy 50 Mg yr~! star forming galaxy at
increasing redshift of z = 2 (Ha: left) and z = 3,4 ([O11]: centre and right), observed for
two hours on-source at z = 2 and 10 hours on-source for z = 3,4 at the 20 mas scale.
Redshift increases from z = 2 (left), 3 (centre) and 4 (right). These galaxies have the same
input kinematic profiles. The effect of beam smearing from the reduced spatial resolution
is evident when comparing the z = 2 and z = 3 velocity dispersion maps.
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6.7 Discussion and conclusions

HSIM provides a powerful tool to make quantitative predictions on the observability of
star-forming galaxies at high redshift. Our simulations have shown three key results:

(i) HARMONT can fully recover gas kinematics of star-forming galaxies at z = 2-3 over the
full galaxy main sequence, and obtain rotation profiles with a factor of ten efficiency gain
compared with current generation instruments;

(il) HARMONT offers sub-kpc resolution kinematics of galaxies over the galaxy main se-
quence at z = 2-3, from which individual star forming clumps can be detected, and this
will achievable for several of the brightest galaxies in a single night;

(iii) HARMONTI can perform resolved studies of the brightest star forming galaxies across

the main star-forming epoch out to z = 4 by tracing [O11] in the H-band.

We have made use of simple analytical models, low-redshift morphological templates,
and scaling relations to generate our mock, high resolution input data cubes. Therefore
these simulations are not designed to test the physics of galaxy formation but allow us to
make predictions about HARMONT’s ability to observe these objects. A physical limitation
to our input data is that there is currently limited knowledge of the internal physics of star
forming galaxies at z = 2—4, so we do not attempt to construct physical models of galaxy
sub-structure on ~ 100 pc scales. Creating physically representative input data cubes offers
a more robust method of testing whether HARMONI could infer physical processes on sub-
kpc scales. One way to do this is via high resolution N-body cosmological simulations like
RAMSES (Teyssier, 2002) and EAGLE (Schaye et al., 2015). These simulate vast cosmological
volumes and evolve them through cosmic time according to detailed physical prescriptions
to generate huge catalogues of galaxies at very high spatial resolution. Resolved stellar
absorption-line spectroscopy at z = 3 with HARMONI has been investigated using this
method (Kendrew et al., 2016). This method for generating input cubes allows the user
to: explore limits on the spatial binning required to achieve sufficient S/N for resolved
spectroscopy; test instrument effects on derived properties of the mock-observed galaxy

(e.g. changing galaxy effective radius after PSF convolution); and also offers the ability to



151 6.7. Discussion and conclusions

determine whether different physical prescriptions can be discerned through observations,
e.g. whether two different stellar feedback models give detectable differences in the mock-
observed galaxies, or whether different ages and metallicities are accurately derived from
the mock-observed data.

Spatial resolution currently presents an enormous limitation in uncovering the physics
behind star formation in galaxies at z ~ 2-3. Only a handful of strongly lensed galaxies let
astronomers resolve individual star forming regions on the scales of 100s of parsecs. Thus,
our results illustrate a huge gain in sensitivity and spatial resolution offered by HARMONI
with LTAO on the E-ELT, and will allow the exploration of normal galaxies on the same
physical scales as lensed objects but without the added complexities of strong lensing. One
may then be able to determine whether star formation is driven by dynamical disturbances,
triggered by outflowing winds, or fuelled by accretion and fragmentation within a rotating

disc in the early Universe.
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Conclusions

The conclusions and future directions are presented in two parts: one for the observational

work using the Oxford SWIFT, and one for the HSIM simulation pipeline for HARMONI.

7.1 Radial gradients in IMF-sensitive features with SWIFT

In the first part of this thesis we have used the Oxford SWIFT to investigate the radial
variation of IMF-sensitive far red absorption indices within several galaxies covering a range
of masses and morphologies. We first traced the sodium Nal doublet, calcium triplet CaT
and iron-hydride FeH throughout the nucleus, bulge and disc of the nearby spiral M31, as
well as within the centre of the dwarf elliptical M32. We measured a strong Nal gradient
within the central ~ 38 pc of M31, and flat FeH profile at all radii within both M31 and
M32. From comparing to SPS models we inferred a Chabrier IMF throughout M31 and
M32, and a strong sodium abundance gradient in the central 38 pc of M31. We highlighted
the conflicting IMF interpretations between the FeH and Nal indices, and demonstrated
that the use of sodium alone as a tracer for the IMF should be treated with caution due to
the discrepant predictions between different SPS models.

We then explored radial variations within the central ~ 5kpc of the two massive BCGs
in the Coma cluster, NGC4889 and NGC4874, and the BCG in the Coma south-west cluster
NGC4839. We measured the IMF-sensitive features Nal, CaT and FeH, as well as titanium

oxide TiO and magnesium Mgl. Within NGC4889 we found strong Nal and CaT gradients
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but a flat FeH profile similar to M31. On comparison with SPS models, we found an old,
a-enhanced population with Chabrier (or even bottom-light) IMF, in conflict with recent
evidence for an increased IMF slope with increased velocity dispersion. We measured flat
Nal and FeH profiles within NGC4874 and determined an old, possibly slightly a-enhanced
and Chabrier IMF population. Within NGC4839 we measured both strong Nal and strong
FeH, which is evidence for a bottom-heavy IMF. These findings are supported by optical
index measurements and dynamical modelling results from the literature.

The galaxies we have studied cover a wide range of central velocity dispersions, from 60—
400kms~', and we find no IMF variation at both lowest and highest masses, with only one
galaxy showing evidence for a bottom-heavy IMF. Although there is mounting evidence for
a non-universality in the form of the IMF within ETGs, independent results on individual
galaxies are revealing a variety of IMF's, suggesting that the picture of galaxy formation is
more complex than the simple notion of increased IMF slope with increased galaxy mass

or velocity dispersion (at least for ETGs).

7.1.1 Future directions

One of the most important studies over the next few years will be accurate constraints on
the stellar masses of galaxies. Many independent methods to probe the stellar component
of galaxies have been actively pursued over the course of this D.Phil, including stellar ab-
sorption feature analysis from integrated spectra, dynamical modelling of galaxies using
IFU data, and mass constraints of strong gravitationally lensed objects. Out of these three,
only the absorption features directly probe the stellar component of galaxies and thus offer
a vital handle on the distribution of stellar masses. We briefly highlight some outstanding

issues and potential avenues of further research.

Combining optical and NIR IMF-sensitive absorption features: To date there
has not been a comprehensive study of any galaxy covering all the known IMF-sensitive
absorption features in both the optical and NIR. These include the optical TiO features
(e.g. La Barbera et al., 2015) and CaH indices defined in Spiniello et al. (2014), and the far

red Nal and FeH features used in this thesis and other works (e.g. van Dokkum & Conroy,
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2012; Conroy & van Dokkum, 2012b). Targeting the centres of massive ellipticals (where
bottom-heavy IMFs have recently been proposed) using instruments with full coverage of
the optical and far red features (e.g. MaNGA: Bundy et al., 2015) will yield strong con-
straints on both the form of the IMF and the response of the individual absorption features.
Furthermore, the absorption index results can then be combined with dynamical modelling

constraints from the same data.

Understanding sodium in the centres of galaxies: The strong sodium features at
5900 A and 8200 A have been noted in the centres of some galaxies for several decades (also
more recently a feature at 1.14 ym; Smith et al., 2015a), but there is still limited physical
understanding to their prevalence. Recent interpretations of the sodium absorption as a
change in the IMF have been proposed by some (e.g. van Dokkum & Conroy, 2010, 2012;
Conroy & van Dokkum, 2012b) but questioned by others as only variations in the sodium
abundance (e.g. Zieleniewski et al., 2015a; McConnell et al., 2015). Jeong et al. (2013)
have undertaken a study of sodium excess objects, which will help quantify the prevalence
of sodium within different galaxy populations. Simultaneously, further SPS modelling of

sodium is required to understand its causes in stars.

Do galaxy discs and bulges have different IMFs: In M31 we traced indices through
the bulge to the disc-dominated component at ~ 2.7 kpc. However, new bulge-disc decom-
position techniques (e.g. Johnston et al., 2012, 2014) allow the separation of the stellar com-
ponents of a galaxy to study each individually. Applying this method to IFU data cubes
will allow resolved studies of the IMF separately in the bulge and disc. Any differences in
IMF's would have strong implications for the overall formation of a galaxy, suggesting two

distinct stellar mass growth epochs.
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7.2 HSIM simulation pipeline for HARMONI on the Euro-
pean ELT

For the second part of this thesis we have developed HSIM, a stand-alone, modular simula-
tion pipeline written in PYTHON, to simulate observations with HARMONI on the European
ELT. asiM takes high resolution input model data cubes and creates mock output data, fold-
ing in detailed descriptions of the sky, telescope, instrument and detector. We employed a
new method of incorporating the strongly wavelength dependent AO point spread functions.
HSIM provides an advancement upon traditional exposure time calculators and allows us to
predict the feasibility of a given observing programme with HARMONTI through the full
analysis of mock data for a wide range of science cases. We provide a guide to using the
HSIM software in Appendix C.

We have described the HSIM procedures in detail and used it to quantify the expected
performance of HARMONI. We determined point source sensitivities and noise regimes for
HARMONT’s operating modes. We found that HARMONI will be predominately read-out
noise limited in the R- and H-bands, but heavily background limited for the majority of K-
band modes. The coarsest 30 x 60 mas spatial scale offers background limited observations
in all bands. We also compared the visible wavelength AO performance between HAR-
MONI and MUSE, finding that HARMONTI offers improved sensitivity at Ha and longer
wavelengths. Lastly, we performed a suite of HSIM simulations of star-forming emission-line
galaxies at z ~ 2—4. We detailed the construction of input data cubes using two separate gen-
eration methods. We showed that HARMONI will provide exquisite resolved spectroscopy
of these objects, probing and deriving properties of individual star forming complexes down
to at least ~ 350 pc in size. It will be possible to spatially resolve the sub-kpc star-forming
complexes of multiple bright galaxies in a single night, which represents a large increase in

observing efficiency over current telescopes and instruments.

7.2.1 Future directions

Integral field spectroscopy has grown over the last twenty years from a niche technology to

a common user facility on most of the world’s largest ground-based optical /NIR telescopes.
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During the course of this D.Phil many new integral field spectrographs have been commis-
sioned and started operations, including KMOS (Sharples et al., 2013), MUSE (Bacon et al.,
2010), SPHERE (Beuzit et al., 2008), SAMI (Croom et al., 2012), and MaNGA (Bundy
et al., 2015; Drory et al., 2015). These are offering new insights into many areas of stellar
populations, galaxy formation and evolution, and extrasolar planets.

The ‘ELT’ era will provide HARMONI on the E-ELT as well as equivalent instruments
on the Thirty Metre Telescope (TMT) and Giant Magellan Telescope (GMT). However even
before these, the NIRSpec integral field spectrograph on the James Webb Space Telescope
(JWST) is due to be launched in 2018 and operate for five to ten years. Also, the Large
Synoptic Survey telescope (LSST) will commence operations in 2022 and observe the south-
ern sky, supplying a vast wealth of objects for follow-up observations. The next decade will
see a huge investment in large instrumentation projects, both in developing the technology
and also understanding the feasible scientific goals in order to best use the telescopes as
they come online. We are in a position to utilise HSIM and make some key predictions for
what HARMONTI will be able to achieve over a range of science cases. A description of
projects currently being pursued has been presented in Section 4.6.

Another key advantage of simulation pipelines is the ability to develop complementar-
ities between different instruments, which will help in the optimisation of future science
programmes. HARMONI will offer diffraction limited IFS between 0.47-2.5 ym on a 39 m
telescope. NIRSpec on the JWST will offer 100 mas sampling IFS over a wavelength range
of 0.6-5um on a space-based 6.5 m telescope. Developing a simulation pipeline for the
NIRSpec IFU mode will enable a thorough study of how best to use these instruments over
the finite lifetimes of the JWST and E-ELT, of which only up to around three years will

overlap with current plans.



Appendix A

Additional plots for Chapter 2

We show here several additional plots concerning the accuracy and limitations of our telluric
correction and sky subtraction techniques, as well as comparison plots between CvD12 and
V12 models.

Fig. A.1 shows examples of our telluric correction around the Nal feature for M31_2
and M31.6. In each plot we use our kinematic template fits as an assumed ‘telluric free’
galaxy spectrum. The residuals after telluric correction are 0.8 per cent and 1 per cent rms
respectively. We also check this for CaT and FeH and find residuals < 1 per cent for these
features.

Fig. A.2 shows the M31.6 spectrum around the Nal feature. The second-order sky
subtraction procedure has deepened the feature with extra sodium absorption, leading to a
deeper feature. We checked this for all spectra to ensure systematic errors were minimised
and only found this contamination in the M31_6 spectrum. We show this plot to highlight
why we have used the best fit kinematic template to measure Nal for M31_6 instead of the
science spectrum.

Fig. A.3 shows our M31_1, M31_5 and M31_6 science spectra around the FeH features
with their best fit kinematic templates. The presence of residual sky lines after the second
order sky subtraction stage in the M31_5 and M31_6 spectra leads us to use the template
spectra to measure the FeH feature for these fields instead of the science spectra.

Fig. A.4 shows comparison model grids between CvD12 (left) and V12 (right) for Nal

(top row), CaT (second row) and FeH (bottom; CvD12 only) features. We plot each index
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Figure A.1: Telluric correction for M31_2 (top) and M31_6 (bottom). The black line shows
the ratio between original spectrum and kinematic template (assuming this is the intrinsic
‘telluric free’ spectrum), the red line shows the same ratio with telluric division, and the
green line shows the telluric spectrum scaled by factor of 0.5 and plotted at y = 1.3 for
clarity.
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Figure A.2: Plot showing the M31_6 spectrum before (black) and after (red) the 2nd order
sky subtraction routine (section 2.4). The procedure has deepened the Nal feature with
(false) excess sodium absorption, which leads to a larger index value from the convolved
spectra (dashed lines).

against variation in SDSS g—r colour. These maps serve to show and compare the behaviour
of each set of SSP models for each index within their respective model parameter spaces.
Both sets of models qualitatively agree in their behaviour for variations in IMF and age.

However quantitative differences exist, especially for the CaT index.
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Figure A.3: Plotted spectra showing science spectra (black lines) with best fit models (red
lines) for three fields, M31_.1, M31.5 and M31.6. Solid lines show the spectra at their
intrinsic resolution, and dashed lines show the spectra convolved up to 200kms~'. The
spectra have each been normalised over the pseudo-continuum of the FeH feature.
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Figure A.4: Plots of Nal index (top row) and CaT (second row) against SDSS g — r colour
showing model variation for CvD12 (left) and V12 (right) models. Also shown is FeH
(bottom) against g — r for CvD12 models only, as FeH is not covered by V12. For the V12
models, black lines and circles are different IMF's at 14 Gyrs and [Z/H]=0.0, red squares are
different ages, and blue diamonds are different metallicities. For the CvD12 models, black
lines and circles show different IMFs, red lines and squares show different ages, blue lines
and diamonds show varying [«/Fe| abundance, and green dashed lines and diamonds show
varying [X/Fe].



Appendix B

Additional plots for Chapter 3

We show here additional plots concerning the accuracy of our telluric correction and sky
subtraction techniques for the Coma BCG spectra. Figures B.1, B.2 and B.3 show the
telluric correction around Mgl (top) and the PPXF sky subtraction around FeH (bottom)
for each of the BCGs; NGC4889, NGC4874 and NGC4839. For each galaxy, the Mgl region
is the worst affected by telluric absorption and we show the residuals for this region. We
find smaller residuals around the Nalgpgg, CaT and TiO features of no worse than 0.01.
We do not incur residuals around the FeH feature as we divide by a smooth fit to the
throughput curve instead of by a corrected telluric spectrum. The right hand plots show
the second-order sky subtraction around FeH using PPXF. Grey lines show the original
spectrum, black lines show the corrected spectrum along with the best fit kinematic template
(green). Blue lines show the residual sky spectrum (arbitrarily scaled and shifted in y-axis
for presentation). The PPXF sky subtraction around the FeH feature is shown to be effective
at minimising the prominent residual sky lines for each galaxy.

Fig. B.4 shows our measurements of the FeH index for each BCG using the spectra from
our three separate data reduction processes discussed in Section 3.1.3:
(a) spectra telluric corrected and sky-subtracted using PPXF (red stars),
(b) spectra corrected by a fit to the telluric profile and sky-subtracted using PPXF (black
circles),
(c) spectra corrected by a fit to the telluric profile and sky-subtracted using O-S spatial

fitting (blue squares).
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For all galaxies, the two different sky-subtraction methods (spectra a and ¢) are in good
agreement. However, the telluric corrected spectrum for NGC4874 results in a much
stronger FeH index compared with the telluric continuum fitting method. We therefore
caution against performing telluric correction when FeH is redshifted long-ward of around
1 um, as it moves into a region of negligible telluric absorption so any correction can intro-
duce excess residuals.

Figure B.5 shows our index measurements for NGC4889 comparing measurements from
spectra convolved to common dispersion of o = 400kms~! (black circles) with measure-
ments corrected for radially varying dispersion (red squares). To derive the correction
factors, we measure each index as a function of dispersion in a small set of the CvD12 mod-
els (9-13.5 Gyr, Chabrier and x = 3 IMF, [a/Fe]=40.0,+0.2) and derive a multiplicative
correction factor to correct each index value for the difference in dispersion between the
peak value and the value at the given radius. We find good agreement between the separate
methods for NGC4889 and all other galaxies, so are confident that we are not introducing
any systematic effects through the convolutions, and thus trust our measurements presented

in Chapter 3.
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Telluric correction (top) and second-order sky subtraction (bottom) for

NGC4889. Top shows the telluric correction around Mgl. The black line shows the ratio be-
tween original spectrum and kinematic template (assuming this is the intrinsic ‘telluric free’
spectrum), the red line shows the same ratio with telluric division, and the green line shows
the telluric spectrum (arbitrarily scaled to fit onto plot). Bottom shows the second-order
sky subtraction around FeH. Grey shows the original spectrum, black shows the corrected
spectrum along with the best fit kinematic template. Blue shows the residual sky spectrum
(arbitrarily scaled and shifted in y-axis for plot).



165

—_
I

Scaled flux
=} : to %)

e
o

=]
o0
I

— Original residuals
——  Corrected residuals (¢ =0.013)

0.7+ i -
——  Telluric spec (scaled) :

0.6 I I I I Ll 1 |
0.875 0.880 0.885 0.890 0.895 0.900 0.905 0.910
A [pm]

1.2 I I I I I I I
1.1 —

—
=

Scaled flux
<o
Vo)

o
)

Original spec
—— Corrected spec

0.7~ —
—— Template fit

—— Sky correction

| | | | | | |
%950 0995 1000 1005 1010 1015 1020 1025 1030
A [pm]

Figure B.2: Same as Figure B.1 but for NGC4874.
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Figure B.5: Plots of index measurements as a function of radius for NGC4889, comparing
measurements from spectra convolved to common dispersion of ¢ = 400kms~! (black
circles) with measurements corrected for radially varying dispersion (red squares). Plotted
in white-filled symbols at 4” are the values from the optimally extracted ‘global’ spectra
over the full data cubes. Good consistency is found between index measurement methods.



Appendix C

HSIM user’s guide

In this appendix we provide a general guide to using HSIM. We present the requirements
for input data cubes and input parameter options. We then review some of the computa-
tional techniques utilised, memory considerations for input data cubes, and general speed
performance when running HSIM.

The source code for HSIM is available at https://github.com/szieleniewski/HSIM.
HSIM is written in the PYTHON (2.7.6) programming language. It requires the following

external modules (version numbers used in parentheses):

e NUMPY (1.10.1): core functionality, efficient 3D array handling, FFT convolutions -

http://www.scipy.org/

e scipy (0.16.1): core functionality, interpolation routines, scientific constants - http:

//www.scipy.org/
e ASTROPY: FITS file handling - http://www.astropy.org/
e WX (3.0.2, optional): Graphical user interface (GUI) - http://www.wxpython.org/

e PPROCESS (0.5.1, optional): Parallel processing routines - http://www.boddie.org.

uk/python/pprocess.html

To use HSIM, move to the directory containing the source code and from the command

line run,
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$ python hsim.py
to load the GUI, or to display the list of command line options run,
$ python hsim.py —c

The required input files and parameters can then be entered either via the GUI, or listed

in order on the command line.

C.1 Input parameters

The following parameters are required as input for an HSIM simulation (with options/units

shown in square parentheses):
e Input FITS data cube (see Section C.2)
e DIT [s]: detector integration time (Texp)
e NDIT: number of detector integrations (Nexp)

e Grating [V+R, Iz+J, H4+K, V, R, Iz, J, H, K, V-high, R-high, z, J-high,
H-high, K-high, None]: sets the wavelength range and spectral resolution. ‘None’

ignores spectral dimension
® I'spaxx |Mas]: spaxel scale in 2 dimension
® T'spaxy [Mas]: spaxel scale in y dimension

e Telescope [E-ELT, VLT]: Sets the aperture size and area. VLT only used for

seeing-limited comparisons
e AO [LTAO, SCAO, Gaussian]: Sets the PSF
e Zenith seeing FWHM [arcsec]
e Zenith angle [deg]

e User PSF: upload a PSF rITS file instead of using built-in ones
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e PSF rms blur [mas]: add additional telescope windshake jitter (adds in quadrature

with any initial jitter)
e Site temperature [K]
e Nyquist sample spectrum [True/False]
e Spectral sampling [A pixel "!]: only used if Nyquist sampling set to False

e Noise seed [0,1,2]: sets noise seed for debugging purposes. 0 uses random seed, 1

or 2 take that value

e Subtract background [True/False]: Subtract background cube and return ‘Re-

duced cube’
e Return object cube [True/False]: Returns object cubes with and without noise
e Return transmission cube [True/False]: Returns total throughput cube

e Turn AR off [True/False|: Turn atmospheric refraction off/on

C.2 Input data cubes

Input data cubes are uploaded as FITS files consisting of a 3D array (x,y,A) and header.
The required header keys are shown in Table C.1.

The pipeline input is a FITS file data cube consisting of a 3D array (x,y, A) and associated
header. Each pixel of the cube represents the flux density value at that spatial position
and wavelength. Specific FITS header keys are required by the pipeline and are described in
Table C.1. FI1TS data format has been chosen as this is the general output of 3D spectroscopic
data reduction packages. The purpose of the input data cube is to quantify and represent the
best understood physical mechanisms present in the astrophysical object of interest. This
can include surface brightness profiles, emission lines, and detailed kinematics of specific
objects. The input cubes should be higher spatial and spectral resolution than the required

output in order to avoid interpolation errors. There is no field of view requirement for input
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data cubes. There are numerous methods for which to generate input data cubes and we

give a few examples:

e Point source: A point source object can easily be generated using a spectrum along
a single spaxel. We have used this method in Chapter 5 to measure predicted point
source sensitivities of HARMONI, and it can be used for many different science cases,
for example: resolved stellar populations where you create a ‘field’ of individual stel-
lar spectra by populating individual spaxels; or gamma-ray bursts or supernovae at

distant redshifts where a template spectrum is suitably redshifted.

e Analytical models: Using analytical models to describe morphologies offers a simple
way to generate more spatially complex data cubes. We used this method in Chap-
ter 6 where we used exponential profiles to create galaxy discs and added individual
Gaussian star-forming ‘clumps’ on top of the disc. High spatial resolution data cubes

can be generated but they do not provide any physical interpretation.

e High resolution templates: High resolution images of local objects (e.g. galaxies
observed with HST, or large nearby ULIRGs) provide good morphological templates
for creating higher redshift data cubes with physically motivated detail and substruc-
ture. One must be careful when moving a local object to higher redshift to ensure the
spatial sampling is recalculated at the new redshift, and that cosmological dimming is
applied according to the new luminosity distance. We have also utilised this method

in Chapter 6 using images from the SINGS catalogue.

e High resolution cosmological simulations: Adaptive mesh refinement (AMR)
N-body codes like RAMSES (Teyssier, 2002) can simulate large cosmological volumes
and evolve them through time according to detailed physical prescriptions, creating
galaxies at resolutions of ~ 10 pc. These provide a very promising method to generate
input data cubes as the complete information on a galaxy’s properties is known a priori
from the output AMR simulation. This method has been utilised in Kendrew et al.
(2016) where the authors have created an input data cube of a galaxy at z = 3 and

assigned SSP spectra to each star particle from the simulation according to its age
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Table C.1: rITS file header keys required for input data cubes

Header key Description Value

NAXIS1 x axis length

NAXIS2 y axis length

NAXIS3 A axis length

CTYPE1 Axis type () x, RA

CTYPE2 Axis type (y) y, DEC

CTYPE3 Axis type (\) WAVELENGTH

CUNIT1 Units of x axis arcsec, mas

CUNIT2 Units of y axis arcsec, mas

CUNIT3 Units of \ axis m, microns, nm, angstroms

CDELT1 Spatial sampling [CUNIT1 /pixel]

CDELT?2 Spatial sampling [CUNIT2/pixel]

CDELT3 Spectral sampling [CUNIT3 /pixel]

CRVAL3 Value of CRPIX3 channel

CRPIX3 Channel corresponding to CRVAL3 1

SPECRES AMin in units of CUNITS3

FUNITS/BUNIT Flux units for each pixel J/s/m2/um/arcsec2
erg/s/cm2/A /arcsec2

and metallicity, to generate an input data cube with physically derived spatial and

spectral properties.

There is also an option for the user to upload and use their own PSF. This file must be
supplied as a FITS file containing either a 2D array or a 3D cube with header keys as shown
in Table C.2. User uploaded PSF's must be normalised so the sum (of each channel in the

case of a 3D cube) is equal to unity.

C.3 Output data cubes

The final outputs of an HSIM simulation are:

1. A mock observed cube: the main product of the simulation containing flux from the
source and background, detector dark current, and all associated noise for each (x,y,\)
pixel of the cube (with an associated variance cube as first extension);

2. A background cube containing all background flux (with an associated variance cube as
first extension);

3. A S/N cube giving the signal-to-noise ratio for each pixel.
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Table C.2: FITS file header keys required for a user uploaded PSF. The file can either be a
2D image or a 3D cube. The required headers for each type are denoted by the second and
third columns.

Header key 2D file 3D file Description Value
NAXIS1 X X x axis length

NAXIS2 X X y axis length

NAXIS3 X A axis length

CTYPE1 X X Axis type (z) z, RA
CTYPE2 X X Axis type (y) y, DEC
CTYPE3 X Axis type (\) WAVELENGTH
CUNIT1 X X Units of x axis arcsec, mas
CUNIT2 X X Units of y axis arcsec, mas
CUNIT3 X Units of A\ axis microns, angstroms
CDELT1 X X Spatial sampling [CUNIT1 /pixel]

CDELT?2 X X Spatial sampling [CUNIT2/pixel]

CDELT3 X Spectral sampling [CUNIT3 /pixel]

CRVAL3 X Value of CRPIX3 channel

CRPIX3 X Channel corresponding to CRVAL3 1

There are also further options to return,

4. A noiseless object cube containing only source flux (with an associated variance cube as
first extension);

5. A total transmission cube;

6. A ‘reduced’ sky-subtracted cube (observed cube - background cube, with an associated

variance cube as first extension).

C.4 Computational techniques, memory usage and perfor-

mance

Handling and processing 3D data cubes poses several computational problems. Firstly input
cubes can become extremely large extremely quickly when trying to increase either spectral
range, field of view, or spatial/spectral sampling. For example, a (2000, 2000, 300) data
cube in 32-bit floating point format will total 4.8 Gb. This represents a memory challenge for
most laptop or desktop computers with around 4-8 Gb of random access memory (RAM). It
is possible to tailor input data cubes to specific goals of simulations. If there is a particular

absorption/emission feature of interest from an object, the data cube can be cut down
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in wavelength around the feature. Likewise, spatial extent can be minimised if you are
only interested in the flux from a point source. Furthermore, the spatial sampling can be
optimised to suit specific aims. The pipeline performs spatial PSF convolutions at 1/ 10" of
the chosen output spatial scale, so creating more finely sampled input cubes is unnecessary.
An input data cube that is spatially coarser than 1/10' of the chosen output scale will be
interpolated up to a finer scale (conserving flux), which adds computation time.

HSIM always processes the spectral dimension first and cuts the data cube to the chosen
grating wavelength limits (if a grating choice has been specified), in order to reduce the
number of channels in the data cube and thus decrease its memory usage.

HSIM subsequently iterates through the wavelength channels to perform the PSF con-
volution, AR shift and spaxel rebinning. It creates the PSF for each wavelength channel
iteratively, as generating and storing in memory an entire PSF cube (at 1/10%" the input
cube scale) is generally unfeasible for normal desktop and laptop computers. The python
PPROCESS package gives basic parallel computing functionality to this procedure, resulting
in a factor of > 2 increase in speed but is dependent on the number of available com-
puter cores. After the wavelength iteration the output data cube size is set, and the input
data cube is removed from the computer memory before any further cubes are generated.
The PSF parameterisation method also offers computational efficiency over more intensive
methods such as principal component analysis.

As an example, the analytical model data cubes from Chapter 6 are (500,250, 300) =
300 Mb in 64-bit floating point format and have 10 mas sampling. We run these for 10 mas
output so the cubes are interpolated up to (5000, 2500,90) where they have been reduced
in the spectral dimension after LSF convolution. Table C.3 shows the simulation time
in minutes for two computers of different specifications. This demonstrates the ability of

running HSIM in reasonable times on any modern desktop or laptop computer.
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Table C.3: HSIM performance on two different computers for an input data cube of size
(500, 250, 300) = 300 Mb in 64-bit floating point format and 10 mas sampling, with 10 mas
output sampling and final cube size (500, 250, 90).

Computer cores and memory Operating system Time (minutes)

32x2 GHz Intel Zeon, 126 Gb RAM Linux CentOS 6
Macbook Pro, 2x2.4 GHz Intel Core i5, 16 Gb RAM  OS X El Capitan 20
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