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Abstract

At high redshift, the cosmic web is widely expected to have a significant im-
pact on the morphologies, dynamics and star formation rates of the galaxies
embedded within it, underscoring the need for a comprehensive study of the
properties of such a filamentary network. With this goal in mind, we perform
an analysis of high-z gas and dark matter (DM) filaments around a Milky Way-
like progenitor simulated with the RAMSES adaptive mesh refinement (AMR)
code from cosmic scales (∼1 Mpc) down to the virial radius of its DM halo host
(∼20 kpc at z = 4). Radial density profiles of both gas and DM filaments are
found to have the same functional form, namely a plummer-like profile modi-
fied to take into account the wall within which these filaments are embedded.
Measurements of the typical filament core radius r0 from the simulation are
consistent with that of isothermal cylinders in hydrostatic equilibrium. Such an
analytic model also predicts a redshift evolution for the core radius of filaments
in fair agreement with the measured value for DM (r0 ∝ (1+z)−3.18±0.28). Gas
filament cores grow as r0 ∝ (1 + z)−2.72±0.26. In both gas and DM, tempera-
ture and vorticity sharply drop at the edge of filaments, providing an excellent
way to constrain the outer filament radius. When feedback is included the gas
temperature and vorticity fields are strongly perturbed, hindering such a mea-
surement in the vicinity of the galaxy. However, the core radius of the filaments
as measured from the gas density field is largely unaffected by feedback, and
the median central density is only reduced by about 20%.
Extending the analysis to a larger cosmological sample of filaments feeding
tens of galaxies with halo masses between 1010M� and 1012.6M�, the median
filament density profiles are found to be consistent at all redshifts. This is
highly suggestive of the existence of a universal filament density profile. Gas
and DM filaments that feed higher mass halos and galaxies are typically higher
density and hotter, with the central gas temperature rising faster than the peak
temperature. This confirms that cold accretion from filaments disappears at
low redshifts. Galaxies are found to be rapidly accreted into the filamentary
network, with halos that reside in the network typically having a higher galaxy



formation efficiency. However, the density of the nearest filament, a proxy of
the local density, has little effect on the galaxy properties we considered. Gas
filaments exhibit the tendency to evolve away from a state where they are con-
fined within the DM counterpart as time goes by and final galaxy properties do
not correlate well with filament densities, suggesting that other processes are
more important in shaping the low redshift properties of galaxies.
The thesis also explored the impact of reionisation on the accretion of gas onto
cosmic filaments, and the effect of this on the embedded galaxies using a set
of large scale cosmological radiative transfer simulations. Reionisation is able
to heat the IGM filaments to the point where the gas no longer sees the shal-
low potential well of the lower mass filaments. While the DM is unaffected
by this, the filament gas density is reduced by 60-80% by z = 6, driven by
proximity to the galaxies they feed. Filaments with shock temperatures higher
than the post-reionisation IGM gas temperature continue to accrete efficiently
in spite of reionisation, and feed high mass galaxies. Meanwhile halos with
Mvir . 108M� see their gas accretion rates reduced by an order of magnitude.
For even lower mass halos, with Mvir . 3 × 107M�, gas outflow rates are
enhanced due to photoevaporation, however, the reduction in inflow is even
greater and thus starvation is more important in quenching the star formation
in low mass halos at early epochs.
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Chapter 1

Introduction

This chapter summarises the state of the field in observations and the theory of filamentary
accretion, together with its impact on galaxies and the cosmic web. Chapter 2 will give
an overview of the implementation of the hydrodynamics code RAMSES , as well as the
methods used to analyse these simulations such as the filament finder DISPERSE . Chapter
3 is a pilot study of the filaments of a single Milky Way (MW) like galaxy, intended to
refine the techniques used in Chapter 4, which extends the analysis to a larger sample of
galaxies. Chapter 5 explores the effects of reionisation on filaments and the galaxies they
feed. Finally, in Chapter 6 the thesis is summarised and gives perspectives for future work.

1.1 Cosmology and Dark Matter

The most fundamental assumptions in cosmology are the principles of homogeneity and
isotropy (e.g. Hanson and Lewis, 2009). These principles together extend the view that our
place in the Universe, as when Copernicus moved the cosmos from an Earth centric to a
sun centred model, is not special. Continuing on in this tradition, arguments on the nature
of spiral nebulae, were eventually resolved using distance measurements by Hubble (1926)
showing that these spiral nebulae were not objects within our own galaxy, but were in fact
galaxies in their own right. Our galaxy, like our Sun before it, was relegated to one of
billions of its own kind. Looking out into the Universe in any direction the cosmos appears
more or less the same, while on large enough scales (∼ Gpc) the density is more or less
constant. We may feed these assumptions into the Einstein Field Equations to obtain the
Friedmann equations(Eqs. 1.1 and 1.2) by allowing a, the scale factor of the Universe, as
well as densities and pressures to evolve only in time and not as a function of position:
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ä

a
= −4πG

3

(
P̄ +

3ρ̄

c2

)
+

Λ

3
. (1.2)

The evolution of the largest scales in cosmology is given by the Hubble parameter H1

in terms of the mean density of the Universe ρ̄ (which includes the density of all matter,
radiation or other exotic gravitating matter), and k determines the Universe’s geometry
(+1,-1,0 for closed, open and flat Universes respectively). Λ is the dark energy density and
finally P̄ is the pressure contribution of all the matter in the Universe (including radiation).
These equations describe an evolution in the size of the Universe, which was also observed
by Hubble (1926). Prior to this, the Universe had been assumed to be static, unchanging
and eternal. Strangely the homogeneity in time was traded for one in space instead. An-
other consequence of this expansion is that the Universe started at some finite time in the
past. The first evidence for this (Penzias and Wilson, 1965) was microwave background,
emanating from every part of the sky, with perfect uniformity within the precision of their
instrument, though this is revised up to 1 part in 105 in subsequent measurements e.g.
COBE (Mather et al., 1990), WMAP (Dunkley et al., 2009), PLANCK (Planck Collabo-
ration et al., 2018). This is the cosmic microwave background (CMB), the afterglow of
the Big Bang made up of radiation released 370 thousand years after the Big Bang when
the Universe had cooled enough for atomic nuclei to capture electrons, in an event known
as recombination. For the intervening 13.7 billion years this radiation has travelled unim-
peded across the cosmos, being stretched as the Universe expanded, cooling to 2.7 K. The
big bang also accurately predicts the primordial composition of matter (e.g. Schramm and
Turner, 1998). Extensions to the theory include inflation (e.g. Guth, 1981), a short period of
extremely rapid expansion required to generate homogeneity and isotropy on scales much
larger than the observable Universe. Regions on opposite sides of the sky have the same
CMB temperature, despite them being causally disconnected from each other.

In order to make progress in describing our cosmos with the Friedmann equations it is
necessary to study its composition. We take the limit k = 0,Λ = 0, ρr = 0 to define the
critical density:

ρC =
3H2

8πG
, (1.3)

which allows us to separate the different components of the Universe in terms of various
quantities of interest:

Ωm = Ωb + ΩDM =
ρb + ρDM

ρC
, Ωk =

1

a2

kc2

ρC
, Ωr =

ρr
ρC
, ΩΛ =

1

3

Λ

ρC
, (1.4)

1In this work the quantity ẋ ≡ dx
dt
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where ρb, ρDM, ρr are the densities for the baryonic matter, dark matter and radiation (which
includes relativistic particles such as neutrinos) respectively.

Eq. 1.1 may now be rewritten as

H2 =

(
ȧ

a

)2

= H2
0

[
Ωk,0(1 + z)2 + Ωr,0(1 + z)4 + Ωm,0(1 + z)3 + ΩΛ,0

]
, (1.5)

where the 0-subscript signifies that the quantity has been evaluated at z = 0. In this form
the relative importance of the different terms can be seen and how they evolve with redshift,
z. Redshift is a directly observable quantity

z =
1

a
− 1 , (1.6)

ranging from z → ∞ at the beginning of time, z = 0 at the present and z → −1 as the
Universe expands into the far future. As well as defining the past history of our Universe,
the Friedmann equation also tells us how it will end, though this is dependant on the exact
nature of dark energy. If it remains unchanged from its current state then the cosmos is
destined to expand forever at an exponentially increasing pace. Objects which are not
gravitationally bound will eventually be torn apart.

1.1.1 The Λ Cold Dark Matter Cosmology

Observations of the kinematics of galaxies within clusters reveal a disparity in the visible
mass and the dynamical mass of clusters (e.g. Zwicky, 1937). Similarly, observations of
hot, x-ray emitting galaxy clusters show that these structures contain a hidden form of
matter, which contributes to the gravitational mass, but does not show up as stars or gas
(e.g. Allen et al., 2002). In addition galaxy rotation curves do not follow the expected
Keplerian 1/

√
r curve out to large radii, instead they flatten (e.g. Rubin and Ford, 1971).

This is indicative of their mass growing roughly linearly with radius. These problems are
resolved by adding a dark matter component to the Universe. This is matter only seen
through its gravitational effects. It is otherwise non-interacting with ordinary matter. An
additional problem solved is that of structure formation. With temperature fluctuations
in the CMB having an amplitude of 10−5 without DM there is insufficient time to form
the structures we see today. In addition without DM, Silk damping (Silk, 1968), causes
radiation to diffuse out of overdensities and would smooth out fluctuations of structures
with masses less than 1011M�. This is ruled out by observations of dwarf galaxies with
much smaller masses than this. As it dominates the mass budget of the Universe, DM
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allows the collapse of structures on much smaller scales and for gas to be pulled into them
at later times.

Following recombination, a new regime begins where the evolution of the cosmos is
dominated first by dark matter and later by dark energy.This is an as yet unexplained com-
ponent of the universe making up approximately 70% (Planck Collaboration et al., 2018)
of the energy density which exerts a negative pressure on the Universe and accelerates the
rate of expansion. Statistically the best fit to the data is the ΛCDM model. The dark mat-
ter is termed ‘cold’ as it has a negligible thermal velocity initially. ‘Hotter’ models of dark
matter smooth out small scale fluctuations, resulting in fewer low mass galaxies.

1.1.1.1 Large Scale Structure

While homogeneity holds in the Universe on extremely large scales it does break down; on
smaller scales we observe galaxies, clusters of galaxies and the ordering of these structures
into filaments and voids. Primordial quantum fluctuations during inflation result in small
scale inhomogeneities in the density field with a power spectrum of the form

Pprim(k) = Akns , (1.7)

where k is the spatial wavenumber, and ns is the spectral index. These inhomogeneities
tend to grow under the action of gravity. Ignoring the pressure exerted by baryonic matter,
the equations we have to solve are the continuity, Euler and Poisson equations:

dρ

dt
+∇ · (ρu) = 0 ; (1.8)

ρ
d(ρu)

dt
= −ρ∇φ ; (1.9)

∇2φ = 4πGρ . (1.10)

Linearising these equations, expressing in comoving coordinates and taking the Fourier
transform yields:

d2δ(k, t)

dt2
+ 2

ȧ

a

dδ(k, t)

dt
− 4πGρ̄δ(k, t) = 0 , (1.11)

where δ is the density contrast, (ρ− ρ̄)/ρ̄. Note that the equation has no scale dependence,
which means that these fluctuations can readily be followed up until the density contrast
δ . 1 beyond which point the non-linear effects become important. In all but the simplest
cases the evolution of matter can be followed into this regime without significant compu-
tational resources. A useful example of when the collapse can be followed analytically is
the spherical collapse model (Gunn and Gott, 1972). In this model a spherical overdensity
is followed in an otherwise homogeneous, expanding Universe. The overdensity initially
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expands with the Universe, before a point of maximum expansion and then collapses to a
singularity. In reality the spherical symmetry is imperfect, resulting in different parts of
the collapsing object reaching the centre at different times. The fluctuating potential allows
the exchange of energy between collapsing shells, preventing the complete collapse, in a
process known as virialisation. Despite the observed structures not forming under such an
idealised set up, the DM halo mass function of the Universe can be derived reasonably well
by applying spherical collapse to the initial density field (Press-Schechter formalism, Press
and Schechter, 1974). However, in order to understand the fundamental physics at play in
more complex and interacting environments, and especially the behaviour of baryons it is
necessary to turn to computational modelling.

1.1.1.2 The Origins of Galaxies

Dark matter clusters hierarchically, forming halos with masses down to around 1M⊕ for
cold DM, with the exact cut off mass being dependant on the nature of the dark matter
particle (Loeb and Zaldarriaga, 2005). These halos merge to form larger halos as time pro-
gresses, as described by (Press and Schechter, 1974). The formation of galaxies therefore
is a two stage process (White and Rees, 1978), with the galaxy forming later in the poten-
tial of the DM halo. Due to thermal pressure in the baryonic component, the potential of
low mass DM halos is largely ignored by the gas. However once halos reach a sufficient
mass, the virial temperature rises to be greater than the atomic cooling limit temperature of
the gas, causing it to be trapped in the DM potential and radiatively cool. This reduces the
gas pressure, causing collapse, increased density and therefore even greater cooling. The
collapse is eventually halted by rotational support from the angular momentum intrinsic
to the collapsing cloud, followed by the fragmentation of the resulting disk. This leads to
the birth of the first stars, termed Population III. These stars have proved to be extremely
elusive, with most evidence for their existence being indirect (e.g. Audouze and Silk, 1995)
suggests that the variation in the metallicity of metal poor stars is due to the poorly mixed
remnants of this generation from a small number of very large stars. These stars are likely
to be too faint (Schaerer, 2002) to detect even with the next generation of instruments,
such as JWST (Gardner et al., 2006), Euclid (Laureijs et al., 2011) or the Extremely Large
Telescope (Tamai and Spyromilio, 2014), though the SN of these stars should be visible
(Hummel et al., 2012).

As the first stars explode in supernovae, the cosmos is polluted with metals (any element
heavier than Helium is labelled a metal in the context of astronomy) and black holes, which
are thought to be the seeds of today’s supermassive black holes, are left behind. A galaxy is
the sum of all these components, i.e. a gravitationally bound collection of stars, dust, gas,
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black holes of various types, all residing within a DM halo. A galaxy’s stellar mass can
be anywhere from M∗ ≈ 1012M� in the largest galaxies in the centres of clusters, down to
only a few hundred thousand stars in ultra-faint dwarf galaxies.

1.1.1.3 Galaxy Evolution

The holy grail of galaxy evolution is to reproduce the vast diversity in galactic morphology
observed in the Universe using the initial conditions imposed by the spectrum of the CMB
and our knowledge of fluid dynamics, general relativity and stellar physics. The ΛCDM
halo mass function does not have the same shape as the local galaxy stellar mass function
(GSMF), tending to produce too many high and low mass galaxies. To counter this incon-
sistency, stellar feedback to suppress the low mass galaxies and AGN feedback to suppress
the high mass end are invoked. Simulations which include both these modes of feedback
are now able to reproduce the shape of the GSMF e.g. Puchwein and Springel (2013);
Dubois et al. (2014a); Davé et al. (2016, 2019), see Fig. 1.1.

Galaxies with stellar masses below approximately 1010M� are suppressed by super-
nova feedback (Dekel and Silk, 1986), which can drive outflows at a similar rate to star
formation. Above this mass supernova feedback becomes insufficient, and cannot drive fast
enough outflows to overcome the potential of the halo (Dekel and Silk, 1986; Somerville
and Primack, 1999) and are therefore not efficient at suppressing star formation. How-
ever, these larger galaxies also host supermassive black holes which are capable of driving
outflows and heating the galactic and circumgalactic gas (Beckmann et al., 2017).

While mass is the primary characteristic of a galaxy, morphology comes a close second.
Morphology can be separated into two broad classes, ellipticals and disks. Massive galaxies
tend to be redder, spheroidal and quenched, as opposed to the less massive and star forming
blue disks (Kauffmann et al., 2003). Observationally galaxies are also separated by colour
(Strateva et al., 2001; Baldry et al., 2004; Balogh et al., 2004). At low redshift this occurs
as a result of quenching. Galaxies are in some way prevented from forming stars, resulting
in a redder, and older galaxy population. While galaxies in general can be separated into
these two populations, there also exist red disk galaxies (e.g. Davidge et al., 2012) and blue
ellipticals (e.g. George, 2017) which our models of galaxy formation must also be able to
explain.

1.1.2 Disk Galaxies

Disk galaxies are rotationally supported, though they may also have a dispersion dominated
central bulge or pseudo bulge component. Bulges have more in common with elliptical
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Figure 4:

Comparison of galaxy stellar mass functions from recent large scale cosmological simulations of
representative volumes of the Universe (see text). The simulations include stellar and AGN

feedback with the exception of (Davé et al. 2013) who use an empirical heating model in massive
halos. The different groups typically adjust the key parameters in the varying sub-resolution
models to match observations of galaxy mass functions like the one of Li & White (2009). For
reference we show an alternative mass function with different mass estimates for massive galaxies
(Bernardi et al. 2013). At a given mass the abundance can vary by up to an order of magnitude,
still considering the range in spatial resolution (from 0.5 kpc to 3 kpc) and the significant
difference in sub-resolution models the agreement between the simulations is remarkable for some
models. The dashed line for Vogelsberger et al. (2014) and Schaye et al. (2015) indicate different
mass estimates. The dashed line shows the hypothetical galaxy mass function assuming the
cosmic baryon fraction.

simulations) with traditional SPH, constant winds, thermal AGN heating and a modified

’bubble’ heating; from Khandai et al. (2015) (the MassiveBlack II simulations) with tradi-

tional SPH, ’decoupled wind’ and thermal AGN feedback. The simulations have more or

less succeeded in this exercise. For comparison we show a (typical) observed galaxy mass

function in the local Universe (Li & White 2009). Again, we point out that such a mass

function is used for most simulations and alternative mass functions take extended stellar

28 Theoretical Challenges in Galaxy Formation

Figure 1.1: Comparison of the stellar mass functions from a range of range of simulations
using SPH, moving mesh and grid based codes (coloured lines). Observations are marked
with symbols. The dashed line marked as the cosmic baryon function is the halo mass
function scaled to 15%. Modern simulations tend to reproduce the stellar mass function
seen in observations. Reproduced from Naab and Ostriker (2017).
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galaxies than with the disk component. Disk galaxies tend to have higher star formation
rates and high gas fractions. Though disks exist at high redshifts (e.g. Labbé et al., 2003;
Förster Schreiber et al., 2009; Kriek et al., 2009), high merger rates work to destroy these
ordered structures. As a result it is believed that, modern day spirals emerge around z = 1,
the so-called epoch of disk settling (Kassin et al., 2012). Disk galaxies show a number of
features derived from instabilities such as bars and spiral arms, which can lead to enhance-
ments in star formation and the channelling of gas into the galactic core. Metallicity gradi-
ents in disk galaxies lend support to them forming inside out, with progressively younger
stars found at larger radii (e.g. MacArthur et al., 2004).

Gas is recycled within these systems with a galactic fountain, where pre-enriched gas
cast out by feedback rains back down on the disk at later times, potentially causing the
condensation of halo gas (e.g. Fraternali and Binney, 2008).

1.1.3 Elliptical Galaxies

Elliptical galaxies are dispersion dominated, typically have higher mass, lower star forma-
tion rates and are composed of an older stellar population than spiral galaxies. In large ha-
los, gas should cool efficiently onto them, triggering star formation rates of∼ 100M�yr−1.
However, this is not observed, suggesting that the gas must be kept hot to prevent these
‘cold flows’ from forming. The source of this heating is thought to be the central super
massive black hole powering an AGN. This also keeps gas within the galaxy hot, further
suppressing star formation. These galaxies lie off the star formation main sequence and
are said to be quenched. Elliptical galaxies first grow their stellar component in situ, while
later growth occurs by accreting other galaxies (e.g. Naab et al., 2007).

Interactions can transform galaxies between the two types, e.g. ellipticals into spirals
by merging with a gas rich galaxy. The fresh gas is able to cool to form a new, rotationally
supported gas disk and slowly transform this into stars. The reverse can occur where a
merger disrupts the disk of a spiral and removes the ordered motion of the disk. As well
as mergers, less dramatic environmental influences can also drastically alter the fate of a
galaxy. In group environments harassment (close encounters with neighbours), strangula-
tion (gas accretion cut off by entering a hot halo) and ram pressure stripping (orbital motion
through the hot intracluster gas removes gas from the galaxy) play a role in determining the
evolution of galaxies. This summary only briefly covers the general properties and effects
relevant to galaxy evolution in order to provide context for the effect of gas accretion on
halos from the cosmic web.
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1.2 The Cosmic Web

The cosmic web is apparent in large scale surveys (e.g. Geller and Huchra, 1989; Gott
et al., 2005; Hwang et al., 2016) as a density enhancement which can easily be picked out
by eye, traced by the distribution of galaxies themselves. Early cosmological simulations
showed signs of filamentary structure similar to those seen in large scale surveys, see Fig.
1.2. By computing the eigenvectors of the tidal field and following the particle trajectories
Zel’Dovich (1970) was able to show that arbitrary perturbations of an otherwise homo-
geneous medium collapse to form a flattened ellipsoid. Subsequently Bond et al. (1996)
realised that the filamentary structure was encoded in the initial conditions of the Universe,
bridging the gap between the peak density regions containing clusters and the voids which
contain considerably fewer galaxies, and that the so-called ‘Zel’dovich’ pancakes were fur-
ther able to collapse to form filaments which finally collapsed into halos.

1.3 Cosmic Filaments

When forming a protohalo the angular momentum of a region grows until the region decou-
ples from the expansion of the Universe and begins its collapse. After this point the angular
momentum is fixed, resulting from a a misalignment of the tidal tensor and the inertia of
the protohalo. This is Tidal Torque Theory (Hoyle, 1951; Peebles, 1969; Doroshkevich,
1970; White, 1984). While TTT does fairly well at predicting the amount of angular mo-
mentum of halos, it does not explain how halos are found to have preferential alignments
with the large scale structure, filaments on Mpc scales, with a mass dependence. Aragón-
Calvo et al. (2007b); Codis et al. (2012); Welker et al. (2014); Codis et al. (2015); Kang
and Wang (2015); Laigle et al. (2015); Wang and Kang (2017, 2018) find that galaxies be-
low a redshift dependent threshold mass are aligned with the cosmic web, whereas larger
galaxies are perpendicular to it.

Laigle et al. (2015) proposed a toy model where the vorticity quadrupole of the fila-
ment (see Fig. 1.3) determines the spin of the gas accreted onto the galaxy and thereby
the direction of its angular momentum. Halos which are small enough to fit into a single
quadrant are able to coherently build up angular momentum and align with its local quad-
rant. However, as the halo the galaxy resides in grows, it can cross into other quadrants,
with differing angular momentum, which will tend to decrease the alignment. Since these
galaxies are formed primarily from mergers along the filament, orbital angular momentum
during the merger is transformed into halo spin, realigning the spin direction to be perpen-
dicular to the large scale filament direction. However, these effects are weak, only resulting
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Figure 1: The galaxy distribution obtained from spectroscopic redshift surveys and from mock
catalogues constructed from cosmological simulations.The small slice at the top shows the CfA2
“Great Wall”3, with the Coma cluster at the centre. Drawn to the same scale is a small section of the
SDSS, in which an even larger “Sloan Great Wall” has been identified100. This is one of the largest
observed structures in the Universe, containing over 10,000 galaxies and stretching over more than 1.37
billion light years. The wedge on the left shows one-half of the 2dFGRS, which determined distances
to more than 220,000 galaxies in the southern sky out to a depth of 2 billion light years. The SDSS
has a similar depth but a larger solid angle and currently includes over 650,000 observed redshifts
in the northern sky. At the bottom and on the right, mock galaxy surveys constructed using semi-
analytic techniques to simulate the formation and evolution of galaxies within the evolving dark matter
distribution of the “Millennium” simulation5 are shown, selected with matching survey geometries and
magnitude limits.
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Figure 3. (Top) Cone diagram for HectoMAP galaxies with rPetro,0 < 20.5. (Bottom) Distribution on the sky as a function of right
ascension and declination. We display all the data in the top panel, but only 30% of the data for clarity in the bottom panel.

Database (NED) including the literature (Gronwall et al.
2004; Jaffé et al. 2013). HectoMAP is now 97% complete
to r = 20.5 and includes 31721 redshifts. Among them,
30555 were acquired with Hectospec, 1165 were measured
by the SDSS DR12 (Alam et al. 2015), and one was from
Gronwall et al. (2004). Table 1 lists the number of galax-
ies in the photometric sample with rPetro,0 < 20.5 and the
number of measured redshifts in the sample.
Figure 1 shows the HectoMAP color selection. Begin-

ning from the top panel, we display, sequentially, the dis-
tributions of r-band apparent magnitudes, (g − r)fiber,0
and (r − i)fiber,0 colors. We plot only the galaxies satis-
fying the color selection. The histogram clearly demon-
strates that the color selection efficiently rejects nearby
galaxies with z < 0.2. The median redshift of the red
galaxy sample is z ∼ 0.34.
The upper panel of Figure 2 shows the spectroscopic

completeness for the sample with (g − r)fiber,0 > 1.0,
(r − i)fiber,0 > 0.5, rfiber,0 < 22.0 and rPetro,0 < 20.5
as a function of apparent magnitude. The complete-
ness curve is nearly flat and decreases only slightly at
rPetro,0 > 20. The cumulative spectroscopic complete-
ness for rPetro,0 < 20.5 is 97% with a differential com-
pleteness of 89% at rPetro,0 = 20.5. The middle panel
shows a two-dimensional map of the completeness at
rPetro,0 < 20.5 as a function of R.A. and decl. The
two-dimensional map shows 200×6 pixels for the sur-
vey region of 200◦ ≤ R.A.(J2000) ≤ 250◦ and 42.5◦ ≤

Decl.(J2000) ≤ 44.0◦. The map shows that the survey is
highly complete over the survey region; there are only 37
pixels (3.1%) with completeness less than 85%. The bot-
tom panel shows the integrated completeness as a func-
tion of R.A.
Figure 3 shows a cone diagram for the sample with

rPetro,0 < 20.5 projected along the declination direc-
tion. The diagram shows the characteristic features of
large-scale structure at intermediate redshift; fingers cor-
responding to clusters are obvious at z < 0.55, and there
are many voids delimited by thin walls and filaments.
At z > 0.45, the structures are less sharply defined than
those at lower redshift because we have only very lumi-
nous galaxies at this redshift range (see Figure 4) and
because the physical size of the survey slice is thicker
at higher redshift than for lower redshift; the 1.5 degree
slice corresponds to 25.7 and 12.6 h−1 Mpc at z = 0.6
and z = 0.2, respectively.

3. HORIZON RUN 4 N-BODY SIMULATION

We use the Horizon Run 4 N -body simulation
(Kim et al. 2015) as a foundation for comparing the
large-scale features of HectoMAP with the predictions
of structure formation models. This dark matter only
simulation is one of the densest and largest available. It
is large enough to contain many independent mock Hec-
toMAP surveys and is thus ideal for the comparison.
The Horizon Run is a series of cosmological N -body

simulation run by Kim et al. (2011). Horizon Run 4 is

Figure 1.2: Top figure shows the distribution of galaxies across the Universe in blue. Red
shows the distribution of halos in the MILLENIUM simulation (Springel et al., 2005) of
comparably sized regions, reproduced from Springel et al. (2006). In the bottom plot,
the Cosmic Web is revealed by the spectroscopic survey HECTOMAP, reproduced from
Hwang et al. (2016). The filamentary arrangement of galaxies, and their connections at
nodes can clearly be seen in all cases, in both the real and simulated versions of the cosmos.
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Figure 3. Geometry/kinematics of a typical multi-flow region across a filament. Left: density map of a section perpendicular to a given
filament in logarithmic scale. Right: projected vorticity along the filament within that section (towards observer in red and away from
the observer in blue) in units of h km s−1 Mpc−1 on which is plotted in dark a contour of the density. Circles are haloes with their
corresponding virial radius. The colour of the circles matches to the values of cos θ between the haloes spins and the normal of the
section, positively oriented towards us. SHDM

100 is used here, and for this figure only, vorticity is computed after smoothing the velocity
field with a Gaussian filter of 1.6 h−1 Mpc.

4 INTERPRETATION

Let us now turn to the visualization of special purpose sim-
ulations, the ΛHDM set, to identify the origin and implica-
tions of the measured vorticity of Section 3, and explain the
observed mass transition.

4.1 Building up vorticity from LSS flow

Let us first show that density walls are preferentially aligned
with zero-vorticity walls.

Fig. 7 displays the vorticity field in the neighbour-
hood of the main filament of the idealized ‘HDM’ simu-
lation, SHDM

20 . The vorticity bundle is clearly coherent on
large scales, and aligned with the direction of the filament,
strongest within its multi-flow core region, while its essen-
tially quadrupolarity is twisted around it.

Fig. 8 displays the cross-section of the vorticity perpen-
dicular to the main filament shown in Fig. 7. The veloc-
ity field lines (in blue) converge towards the local walls (in
brown) and are visually in agreement with the vorticity field
which is partitioned by these walls. This picture is qualita-
tively consistent with the scenario presented in Codis et al.
(2012), as it shows that the filaments are fed via the embed-
ding walls, while the geometry of the flow generates vorticity
within their core. This vorticity defines the local environ-
ment in which DM haloes form with a spin aligned with
that vorticity. The alignment between the contours of mini-
mal vorticity and the density walls which is visually observed
in Fig. 8 (left panel) is then quantitatively examined. The
probability distribution of the cosine of the angle between
the zero vorticity contour and the wall within the caustic
is plotted on the right panel of Fig. 8 (see Appendix H for
the definition of the zero vorticity contour). An excess of

probability of 15 per cent is observed for cosψ in [0.5, 1]
relative to random distribution, that is for the alignment of
the walls with the minimal vorticity contours. This align-
ment increases with the smoothing of the tessellations, as
expected.

4.2 Progenitors of multi-flow region

In a DM (Lagrangian) simulation, it is straightforward to
identify the origin of particles within the multi-flow region.
Fig. 9 traces back in time DM particles ending up within a
quadrant of the multi-flow region. The quadrant is fed by
three flows of particles. The flow is irrotational in the initial
phase of structure formation until the crossing of three flows
in the vicinity of the filaments generates shear and vorticity
close to the caustic.

Note that the sharp rise near the edge of the multi-
flow region at the caustic is qualitatively consistent with
catastrophe theory (Arnold 1992), and is directly related to
the prediction of Pichon & Bernardeau (1999). Fig. 10 il-
lustrates this fact. To obtain this profile, a filament is cut
in slices, corresponding to filament segments: each slice cor-
responds to a plane perpendicular to the direction of the
segment. Local vorticity is measured within that plane and
stacked. The amount of vorticity is greater near the caustic.
These results are qualitatively consistent with the above-
mentioned theoretical predictions which characterize the size
and shape of the multi-flow regions after first shell crossing,
and estimate their vorticity content as a function of cosmic
time.

In short, having looked in detail at the set of
(Lagrangian-) smoothed simulations allows us to conclude
that streaming motion of DM away from minima and wall-
saddle points of the field, and along the walls of the density

© 0000 RAS, MNRAS 000, 000–000

Figure 1.3: Left shows the density field of a filament looking along the filament axis. The
filament is flattened in the direction of the wall it is embedded in. Right shows the same
region in vorticity instead, with the isodensity contour. Vorticity oriented towards the ob-
server in red. Similarly circles with spins oriented towards the observer are red, and cir-
cle size is proportional to the virial radius. The large scale filaments show a vorticity
quadrupole. Reproduced from Laigle et al. (2015)

in a slight excess in probability of alignment or misalignment. The tidal forces exerted by
filaments are considerably smaller than those acting within a halo itself, and as a result do
not have a strong influence on the properties of the central galaxy. Smaller scale filaments
however, can act as a bridge between the scales of the cosmic web and the halos residing
within.

Conditional TTT (Codis et al., 2015) is an extension to the TTT model of angular
momentum acquisition which predicts this transition mass between alignment and non-
alignment based on proximity to filaments, explaining results found in cosmological simu-
lations (Aragón-Calvo et al., 2007b; Hahn et al., 2007; Codis et al., 2012; Trowland et al.,
2013; Wang and Kang, 2017), performed with a diverse range of techniques (SPH, AMR
and moving mesh).

1.4 Cold Mode Accretion

As well as existing on Mpc scales, filaments of much smaller scales also feed halos and
galaxies. These connections are much more direct and could be, at least partially, respon-
sible for the present day bimodality in the galaxy population is (e.g. Baldry et al., 2014).
Dekel and Birnboim (2006) suggested that the ability to accrete cold gas directly into a
galaxy, could drive differences in star formation, stellar age, colour and morphology.
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Birnboim and Dekel (2003) explored the stability of gas which experiences cooling af-
ter shocking as it is accreted. In order to achieve this a generalised shock stability criterion
was developed

γeff ≡
(
dlogP

dlogρ

)

S

=
Ṗ

P

ρ

ρ̇
>

2γ

γ + 2/3
, (1.12)

where γeff is the effective adiabatic index, P and ρ are the pressure and density, and γ is
the adiabatic index of the gas.

Using idealised simulations with spherical symmetry, the authors found that halos with
masses below a few 1011M� cannot sustain a stable shock at the virial radius at any redshift,
showing that the halos will always accrete via the cold mode. It was also found that for
higher masses there exists a critical redshift after which the virial shock stabilises and
prevents direct accretion into the halo (see Fig. 1.4). Intuitively this cut-off makes sense
as the ratio of dynamical time to cooling time determines whether accreted gas is able to
acquire pressure support against collapse before it reaches the galaxy. If the accretion shock
is unstable, a hot halo is not formed (e.g. Kereš et al., 2005; Ocvirk et al., 2008a; Brooks
et al., 2009; Dekel et al., 2009). This transition mass which separates stable and unstable
shocks lies suspiciously close to the observed bimodality mass scale.

The simulations considered by Birnboim and Dekel (2003) are spherically symmetric,
while the accretion flow from the cosmic web they are attempting to model is filamentary
and anisotropic. While these methods provide approximate limits on when cold mode
accretion can occur, only detailed three dimensional simulations can realistically probe this
accretion mechanism for fuelling high redshift star formation. Nevertheless, Mandelker
et al. (2016) used perturbation theory to explore the stability of perturbations to a dense
cylinder of gas moving with respect to a rarefied background medium in the linear regime.
Padnos et al. (2018); Mandelker et al. (2019); Berlok and Pfrommer (2019a) extended this
to the non-linear regime. It was found that filaments are stable against disintegration by
Kelvin-Helmholtz instability provided the filament is sufficiently wide, and fast flowing.
The minimum thickness for a stream to survive for a virial crossing time was between
0.005Rvir and 0.05Rvir. Various extensions to this work have been done, e.g. Pfrommer
et al. (2017); Berlok and Pfrommer (2019b) added a magnetic field to stabilise the magnetic
filament and found that this tends to extend the lifetime of the filament by preventing hot
and cold gas from mixing. Aung et al. (2019) added self gravity, finding that the filaments
can be more than 3 times thinner than in the case of Mandelker et al. (2019). Mandelker
et al. (2019) added radiative cooling, and find that this also stabilises the filament, even
causing them to grow in some astrophysically important parts of the parameter space, by
condensing hot gas onto the filament stream. This could potentially be a driver of Ly-α
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ties below ngal ∼ 0.3( h−1Mpc)−3 and becomes negligible at
larger environment densities, while at z = 3 the cold mode
is more pronounced than the hot mode for all neighborhood
densities up to ngal ∼ 10( h−1Mpc)−3. The correlation be-
tween the environment density and the host halo mass im-
plies that this z variation of the environment dependence
could be partly attributed to the finding of a significant
residual cold mode in massive haloes at high z (e.g., their
figure 6).

Third, Keres et al. (2004) show in their figure 16 that
the cold accretion is on average of higher density than the
hot mode. This is by only a factor ∼ 2 (probably underesti-
mated because they mix small and large haloes), but since
the shock is responsible for a density increase by a factor of
4, the actual overdensity of the hypothetical post-shock (or
pre-shock) gas is more like ∼ 8. Similarly, Nagai & Kravtsov
(2003) find in their simulation of a massive halo that the fila-
mentary structure is associated with gas entropy (∝ T/ρ2/3)
far below that of the surrounding halo gas. In the high-
resolution simulation shown in Fig. 6, we find that the den-
sity in the cold streams is actually higher than the surround-
ing gas density by two orders of magnitude or more. The
higher gas density in the filaments is associated with a more
efficient cooling which prevents a shock from forming along
the filaments (§2).

We find that the cold gas filaments at the halo outskirts
are strongly correlated with the DM filaments that feed this
halo (reported in detail in Seleson & Dekel, in preparation,
hereafter SD05). These filaments are part of the large-scale
cosmic web. They enter massive halos at high redshift as
narrow streams with a density higher than the halo average
by a factor of a few. The initial overdensity of the gas flowing
along the DM filaments scales with the DM density, while
its inflow velocity is comparable to the halo virial velocity.
As a result, the initial cooling time in the thin filaments is
shorter by a factor of a few than in the surrounding spherical
halo, while the compression time is comparable in the fila-
ments and the host halo. Eq. (7) then implies that the thin
filaments have a harder time supporting a stable shock. The
gas filaments remain cold, and become denser as the stream
penetrates through the hot medium into the halo center. The
result is that in massive haloes at high redshift the critical
halo mass for shock heating in the filaments feeding them is
larger than the estimate for a spherical virial shock derived
in §3. We provide below a crude estimate for this revised
critical mass.

4.3 Interplay with the Clustering Scale

What is the reason for the appearance of cold streams in
massive haloes above Mshock at high z? First recall that
there is another characteristic scale in the problem — the
scale of nonlinear clustering M∗, determined by the shape
and amplitude of the initial fluctuation power spectrum and
its growth rate. The masses for 1-σ haloes (M∗) and 2-σ
haloes, based on eq. (A18) with ν = 1 and 2 respectively, are
shown again in Fig. 7. We note that Mshock ∼ M∗ at z 6 1,
while Mshock ≫ M∗ at z > 2. This means that ∼ 1012M⊙
haloes are typical at z < 1 but they are the highest rare
peaks at z > 2. We argue that this is responsible for the dif-
ference in the cold-filament behavior of M >∼ Mshock haloes
in the two epochs. Since the large-scale structure of dark

Figure 7. Cold streams and shock-heated medium as a function
of halo mass and redshift. The nearly horizontal curve is the typ-
ical threshold mass for a stable shock in the spherical infall from
Fig. 2, below which the flows are predominantly cold and above
which a shock-heated medium is present. The inclined solid curve
is the upper limit for cold streams from eq. (40) with f = 3; this

upper limit is valid at redshifts higher than zcrit ∼ 1− 2, defined
by Mshock > fM∗. The hot medium in M > Mshock haloes at
z > zcrit hosts cold streams which allow disc growth and star
formation, while haloes of a similar mass at z < zcrit are all hot,
shutting off gas supply and star formation.

matter is roughly self-similar in time (when measured in
terms of M∗ and the background universal density), we can
learn about the difference between typical and rare haloes by
comparing M ∼ M∗ and M ≫ M∗ haloes in a single simula-
tion snapshot. One can see in any high-resolution cosmolog-
ical N-body simulation (e.g., the “Millennium Run”, visu-
alized in www.mpa-garching.mpg.de/galform/millennium)
that the rare massive haloes tend to be nodes fed by a few in-
tersecting relatively narrow filaments which are denser than
the virial density of these haloes. On the other hand, a typ-
ical M∗ halo is commonly embedded in a single filament of
the cosmic web, and this halo thus sees a wide-angle in-
flow pattern in which the matter density is comparable to
the virial density (this is quantified in SD05). This explains
why >∼ 1012M⊙ haloes are fed by narrow dense streams at
z > 2 but not at z < 1.

A crude way to estimate the maximum halo mass for
cold streams at a given redshift is as follows. Recall that the
critical ratio for shock stability (eq. 17) scales roughly like

tcool
tcomp

∝ ρ−1TΛ−1

RV −1
, (37)

with T , R and V the halo virial quantities and ρ the gas
density. At a given epoch, the typical halo ρ and R/V are
roughly independent of halo mass (based on the definition of
the virial radius), so with the virial relation T ∝ M2/3, and
approximating the cooling function with Λ ∝ T−1 (eq. 31),
the critical ratio for spherical infall in virialized haloes is
(

tcool
tcomp

)

halo

=
(

M

Mshock

)4/3

. (38)

c© 2002 RAS, MNRAS 000, 1–21

Figure 1.4: Determination of the accretion mode and its evolution across cosmic time. The
dashed lines show the evolution of typical halos according to the Press-Schechter (Press and
Schechter, 1974) formalism. The horizontal red line shows that halos with masses below
1011M� can accrete via the cold mode. The pink line divides halos that can only accrete
via the hot mode from those whose filaments can survive even in a hot halo. Reproduced
from Dekel and Birnboim (2006).
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radiation from the streams which would be observable. The KHI was also found to be
responsible for 10-50% of the dissipation of energy gained from accretion by the DM halo,
which could be partly responsible for the lack of acceleration in gas accreted by filaments
(Dekel et al., 2009; Goerdt and Ceverino, 2015). While these studies tend to look at whether
the filaments can remain stable, if this is not the case, then their subsequent breakup could
go on to form cold clouds dispersed across the hot halo, which would still carry angular
momentum (Kereš and Hernquist, 2009; Wetzel and Nagai, 2015; Oppenheimer, 2018;
Melso et al., 2019). This could be partially responsible for the creation of the High Velocity
Clouds around the Milky Way (Oort, 1970; Fraternali et al., 2015)

In all these cases the filament is highly idealised, and as more complex physics is in-
cluded, the more difficult and time consuming the parameter space becomes to explore.
It quickly becomes necessary to study filaments using full cosmological simulations to
capture their environment and formation processes, external DM potential as well as cool-
ing. A pioneer study looking at the accretion history of the gas was Kereš et al. (2005).
They found that approximately half of the gas for a Milky Way-like galaxy accretes via the
cold mode, preferentially arriving via filaments. In addition they also found that galaxies
in halos with masses less than 1011.4M� have their accretion histories dominated by the
cold mode, in agreement with Dekel and Birnboim (2006). Note that in spite of questions
of stability, cold mode accretion flows are ubiquitous in cosmological simulations (e.g.
Ocvirk et al., 2008b; Ceverino et al., 2010; Faucher-Giguère and Kereš, 2011; van de Voort
et al., 2011; Harford and Hamilton, 2011; Tillson et al., 2015; Katz et al., 2019), no matter
the technique employed to model the hydrodynamics, even though meshless codes such
as AREPO (Vogelsberger et al., 2012) suggest that the streams break up before reaching
0.5Rvir (Nelson et al., 2013).

As a result of being thermalised in the hot halo of a galaxy, the angular momentum
accreted by the galaxy is relatively small. Thus, in order to build a large gas disk it is
necessary to accrete gas via the cold mode. Pichon et al. (2011) propose that filaments
join smoothly onto the gas disk, building the disk from the inside out as more angular
momentum rich gas is accreted, and converts its orbital velocity into rotation (Kereš et al.,
2005; Keres, 2009; Tillson et al., 2015; Stewart et al., 2017; El-Badry et al., 2018; Ho and
Martin, 2019). Tillson et al. (2015) find that 90% of gas mass and angular momentum
is accreted via the cold mode for a Milky Way-like galaxy at high redshift. In addition
Klessen and Hennebelle (2010) suggests that cold mode accretion could be a driver of the
highly turbulent star forming disks seen around z = 2.
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1.5 Observational Evidence for Filaments

At present, direct evidence for filamentary gas accretion remains weak. In this section I will
first focus on the direct observations of the cosmic web and cold streams before moving
onto less direct methods that imply the presence of filamentary accretion.

1.5.1 Direct Detection of the Cosmic Web

The cosmic web is made up of two visible components, the galaxies of the Universe, and
the gas which also exists within the filamentary network. While the galaxies are easily
observable, and is itself used to probe the cosmic web, (e.g. Erdoǧdu et al., 2004), the gas
filling these filaments, the Warm Hot Intergalactic Medium (WHIM), is not. The WHIM
is predicted by simulations to contain approximately 30-40% of the baryonic matter in
the Universe. The “missing baryon problem” represented an issue for cosmology as the
observed baryonic matter making up galaxies only accounts for ∼ 50% of all baryonic
matter. However, X-ray emitting bridges of hot gas have been detected (Werner et al.,
2008), and inverse scattering off of CMB photons (Planck Collaboration et al., 2013) has
been able to show that vast quantities of gas are present in the filaments between clusters.
This constitutes the large scale cosmic web, within which the cold mode accretion flows
must reside.

While the WHIM contains hot gas observable in X-rays, the cold mode, smaller scale
accretion filaments do not. The gas within these filaments is accreting onto galaxies for the
first time, and as a result is nearly pristine with primordial metal abundances. As a result,
the only significant cooling that can occur is collisional excitation followed by decay to the
ground state of hydrogen. This process becomes extremely inefficient at temperatures be-
low 104 K. Indeed, direct observations in emission of the distant cosmic web are extremely
challenging (Giavalisco et al., 2011; Ribaudo et al., 2011; Kacprzak et al., 2012; Martin
et al., 2016; Gallego et al., 2017) as they are also hampered by the the unfavourable scaling
of surface brightness with redshift.

Novel techniques have been required for the detection of cold mode accretion filaments
as a result of this. Gallego et al. (2017) stacked images of galaxies, rotating them such
that nearest neighbours were aligned (see Fig. 1.5). This resulted in a 3σ detection of the
filaments, comparing the profile of emitted radiation from the region in the direction of the
nearest neighbour to the perpendicular direction. Essentially comparing the profile from the
centre of the image to the purple arrow and any other direction yields an enhancement above
the noise, seen as the small grey enhancement in this direction in the image. The structure
does not extend far from the galaxy’s influence. Part of the problem with this technique lies
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Figure 4. Left panel: pseudo NB image of the oriented stack using the full sample of subcubes. As in Figure 3, the wavelength width

of the images corresponds to 6.25 Å. The subcubes have been oriented in such a way that the galaxy neighbours are always positioned
on the positive part of the x-axis at distances larger than 16′′. The purple arrow indicates the expected position of filaments connecting

neighbouring galaxies. Notice that the noise is not uniform and that it is higher on the negative part of the x-axis because of edge
effects (since neighbours are always inside the cube, the edges will be on the negative x-axis side). Despite this effect, a clear asymmetry

towards galaxy neighbours is present in the light distribution around the central galaxy. Right panel: pseudo NB image after subtracting a

combination of randomly oriented stacks (“super-random” stack, see text for details) from the oriented one presented in the left panel. As
expected, systematic effects (e.g., the ring-like structures present in the oriented stack) are significantly reduced in this image. However,

the asymmetry in the central emission towards the neighbouring galaxies remains.

The wavelength width of the pseudo NB has been cho-
sen to maximise the expected Signal to Noise Ratio (SNR)
taking into account the possible width of the intergalactic
Lyα emission (e.g., Cantalupo et al. 2005) and wavelength
shifts with respect to the LAE peak. We have experimented
different NB wavelength widths and found that using 5 lay-
ers gives the best results both in terms of noise and de-
tectability of Lyα emission as we will show in this section.

Clearly, there are no indications of significant emission
at distances larger than 4′′ from the center at the pre-
dicted position, i.e. the expected location of emitting fila-
ments with respect to the central, LAE emission (indicated
by the purple arrow). A closer look at the central part of the
stack shows the presence of ring-like emission features and
slight asymmetric emission distribution in the direction of
the neighbouring galaxies (up to a scale of about 4′′). The
most prominent of the ring-like features is at a distance of 4′′

from the center. In order to understand if these features are
due to systematics in our stacking procedure we produced a
set of 200 new stacks using the same sample of 390 subcubes
obtained with random orientations. We combined these 200
randomly-oriented stacks into a single “super-random” stack

in order to boost the systematic effects with respect to Pois-
son noise.

In the right panel of Figure 4, we show the resulting
pseudo NB image after subtracting this “super-random”
stack from the oriented one. We notice that the ring-like
features present on the oriented stack are mostly suppressed
suggesting a non-physical nature of this emission. Because a
single LAE can be repeated in the stack several times at dif-
ferent orientations, any non-circularly-symmetric emission
can indeed appear as a ring-like feature in the final cube (no-
tice that a single asymmetric object repeated at an infinite
number of random orientations will create perfect rings).
However, we notice that the asymmetry in the emission to-
wards the neighbouring galaxies in the light distribution re-
mains.

In order to assess the significance of this asymmetry we
examine the surface brightness (SB) profile integrated over
a spatial aperture of vertical height of 2′′ and increasing
horizontal widths (from 0.4′′ to 2′′) for both the oriented and
“super-random” stacks. In the left panel of Figure 5, we show
as a black line the SB profile obtained for the oriented stack
along the positive side of the x-axis (right direction) and as a

c© 2017 RAS, MNRAS 000, 1–12

Figure 1.5: Detection of an asymmetry in the Lyman-α emission around galaxies. The
left panel represents a stack of 390 reoriented subcubes, with nearest neighbours oriented
towards the purple arrow. On the right randomly oriented subcubes are subtracted from the
previous stack, removing most of the rotationally symmetric noise, but crucially leaving
the slight asymmetry in the image. The effect of the stacking is not obvious, however,
taking transects from the centre of the image to the edge yields a 3 σ signal towards nearest
neighbours compared to background noise in other directions. The signal also does not
extend far from the galaxy stack centre. Reproduced from Gallego et al. (2017)

in the lack of knowledge of the cosmic web. It is not a priori possible to determine whether
or not two galaxies are connected by a filament and thus an enhancement of the signal is
not always guaranteed.

An alternative relying on the passive emission of hydrogen is to probe environments
that have an additional energy source. Cantalupo et al. (2014) used the Lyman-α fluores-
cence of the cosmic web in order to detect the cold gas component, stimulated by the close
proximity of a bright quasar, distinguished by using a narrow band filter to detect only
Lyman-α emitted directly by the filament gas. Umehata et al. (2019); Kikuta et al. (2019)
find evidence of filaments extending out to Mpc scales, with particular enhancements in
Lyman-α blobs (LABs) and Lyman-α emitters (LAEs) tracing the cosmic web. This is
shown in Fig. 1.6.
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Fig. 3. The three-dimensional pictures of Ly α filaments. (A) Velocity map of the Ly 

α emission, obtained from its flux-weighted-centroid in the MUSE data . Image scale 

and plotting symbols are the same as Figure 2. Coherent velocity trends can be seen 

along the filament structures. (B) The three-dimensional distribution of Ly α filaments, 

shown with blue (SNR>2, where SNR means signal-to-noise ratio) and magenta 

(SNR>5) voxels. The locations of SMGs (without detectable X-ray AGNs, orange 

circles), AGN-hosting SMGs (red diamonds), and X-ray bright AGNs without ALMA 

1mm detections (brown hexagons) are also displayed. The Ly α filaments and 

SMGs/AGNs are co-located on megaparsec scales. 
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within r < 36′ from the QSO position.

We also selected extended LAEs or Lyα blobs (LABs)

using an additional criterion on their isophotal areas on the

Lyα image. A pure Lyα image was created by subtract-

ing the g-band image from the NB468 image after scaling

by their relative zero points. The g-band overlaps with

the NB468 and this has the slight effect (∼ 6% at the NB

center) of an oversubtraction. We smoothed the Lyα im-

age to reduce noise with gaussian kernel σ=3 pixel or 0.′′5

(FWHM 1.′′2). LABs were selected as objects which satisfy

Equation (1) and (2), and in addition have 2σ (28.36 mag

arcsec−2) isophotal areas larger than 16 arcsec2 in the Lyα

image. For those extended sources, we used the isophotal

area to calculate the color, and a background mesh size of

176 pixels (30′′) was used for local sky estimation. These

criteria were chosen to be consistent with those used by

Matsuda et al. (2004). After rejecting obviously spurious

detections, we detected 76 LABs in the field.

3 Results

3.1 Distribution of LAEs and LABs

Figure 1 shows the spatial distribution of LAEs/LABs

around the HLQSO, overlaid on the number density map

of LAEs measured with the “fixed aperture method”: we

measured a local density of LAEs by counting their num-

ber n within a fixed aperture. Then we calculated the

average n̄ and overdensity δ as δ ≡ (n− n̄)/n̄. The value

of δ depends strongly on the (arbitrarily chosen) aperture

radius. Here we used an aperture radius of 1.′8 (or 0.83

pMpc) to be consistent with the measurement of Matsuda

et al. (2012) and Yamada et al. (2012).

The HLQSO is located at the origin in Figure 1.

Two arm-like structures extend toward the north-east and

north-west, revealing that the HLQSO lies near their inter-

section. LABs are distributed along the structure, avoiding

the huge void to the south of the protocluster. The dis-

tribution of δ for LAEs and LABs is presented in Figure

2. As previously noted, a clear trend of LABs favoring

denser environments is seen in both Figure 1 and in the

cumulative distribution function in Figure 2. This trend

becomes even clearer for larger LABs; of eight LABs with

isophotal area > 50 arcsec2, four are located within 1.5

pMpc (see Figure 3) of the HLQSO, and one lies only 2.7

pMpc away. The number density of LABs averaged over

the entire field is 7.8× 10−5 cMpc−3 using the survey vol-

ume (dictated by the field of view and width of the NB468,

∆z = 0.075 or equivalently dC = 73 cMpc) of ∼ 106 cMpc3

without any correction. This is an order of magnitude

higher than that observed in random fields at z=2.3 (Yang

Fig. 1. Spatial distribution of LAEs at z = 2.84 with north up and east left.
The origin (0,0) is set to the QSO location. Colored points denote selected
LAEs, with their colors reflect local environments they reside (see Figure
2). Red squares denote LABs. Black contours are LAE overdensity δ =

0.3,1,2.5. Black rectangle shows the area highlighted in Figure 3. 5pMpc
corresponds to an angular scale of 10.′7.

et al. 2010), largely because of the difference in sensitivity.

A survey by Matsuda et al. (2004) targeting the SSA22

protocluster at z = 3.1 found 35 LABs within a 31′ × 23′

field (1.3×105 cMpc3) with similar sensitivity and criteria

to ours, resulting in ∼ 2.7× 10−4 cMpc−3. If we use the

same 31′ × 23′ window centered at the QSO location, we

obtain ∼ 1.4× 10−4 cMpc−3 for the HS1549 field. Note,

however, these values are sensitive to the window size and

the extent of the protoclusters. Within a 4 pMpc diameter

aperture (a typical size for protoclusters at z ∼ 3, Chiang

et al. 2013), the number density is a factor of 5 higher.

3.2 Lyα emission around the HLQSO

A close-up smoothed Lyα image around the HLQSO is

shown in Figure 3, using a background subtraction mesh

size of 30′′(235 pkpc)4. The HLQSO is the brightest source

near the center. An enormous Lyα nebula around the QSO

reported in Martin et al. (2014) is clearly seen. Although

not connected to this main nebula, there is a chain of dif-

fuse Lyα emission toward the south (marked as “tail”),

comprising a Mpc-scale Lyα structure. No source is de-

4 We confirmed nebulae discussed below persist with larger mesh sizes of
1′and 2′. This is also checked with two images made by splitting 113
NB468 exposures into two and separately stacking them. Also, we checked
no dubious negative pattern exists at their location in the g-band image
which could produce spurious nebulae in the Lyα image.

Figure 1.6: Top left panel shows velocity map of the Ly-α emission, showing coherent
velocities along the filaments. In the top right panel colour represents the signal to noise
ratio of the Ly-α detection, with galaxies marked by symbols. Reproduced from Umehata
et al. (2019). Bottom shows distribution of LAEs as points, with LABs indicated by the
red squares around a central quasar located within the black rectangle. Reproduced from
Kikuta et al. (2019). In all panels the filaments are traced by the Ly-α blobs and emitters.
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1.5.2 Indirect Detections of the Cosmic Web
1.5.2.1 Extended Disks

Some indirect observations take advantage of grazing incidence of quasar sightlines around
galaxies in order to detect corotating extended disks, Stewart et al. (2011, 2013); Ho and
Martin (2019) suggest that these disks could extend out to 100kpc, see Fig. 1.7. The
presence of coherent rotating flows driven by accretion provides a much greater volume
for interception of quasar sightlines than the filament alone. The filaments themselves are
typically confined to a plane surrounding the galaxy (Danovich et al., 2012), and have a
very small covering fraction.

While extended disks are not a direct detection of the filament itself, they are strong ev-
idence of recent filamentary accretion, as they form from angular momentum rich filamen-
tary gas, before later draining onto the galactic disk. Extended disks have been observed in
the distribution of Mg II velocities (e.g. Charlton and Churchill, 1998; Steidel et al., 2002;
Kacprzak et al., 2010; Bouché et al., 2013; Prochaska et al., 2014; Bouché et al., 2016; Ho
et al., 2017; Ho and Martin, 2019; Zabl et al., 2019) in absorption and as well as in emis-
sion (e.g. Steidel et al., 2000; Matsuda et al., 2006, 2011; Cantalupo et al., 2014; Martin
et al., 2014a,b; Borisova et al., 2016; Fumagalli et al., 2017; Leclercq et al., 2017; Arrigoni
Battaia et al., 2018; Martin et al., 2019). This is also consistent with corotation detected in
other bands, e.g. Ly-α (French and Wakker, 2020) and reveals large quantities of cold gas
in spatial coherence with the galaxy itself. Such extended disks are predicted in simulations
(e.g. Fumagalli et al., 2011; Goerdt et al., 2012; van de Voort et al., 2012).

As well as detections of extended disks, filamentary accretion of gas onto the disk can
create a warp (e.g. Rahmani et al., 2018). This has been observed in Bournaud et al. (2005)
in isolated galaxies, which suggested that the warp signature could not be entirely explained
by interactions with neighbours.

1.5.2.2 Observations in Lyman-α

The Lyman-α forest is a spectral feature caused by the absorption of radiation by interven-
ing gas atoms along the line of sight from a bright background source. As the radiation
travels it gets redshifted by the expansion of the Universe and radiation is resonantly scat-
tered out of the line of sight by intervening hydrogen at the Lyman-α wavelength local to
that hydrogen cloud, or ‘Lyman-α blob’. A ‘forest’ structure emerges as the process occurs
many times, leaving a series of spikes as described in Bahcall and Salpeter (1965). Various
authors (Cen et al., 1994; Petitjean et al., 1995; Hernquist et al., 1996; Bi and Davidsen,
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Figure 7. “Cold flow disks” in each of our four simulated halos, at z ∼ 1.6, 1.4, 0.7, 0.2 respectively going from the top left to the bottom
right panel. All panels are on the same velocity and co-moving distance scale, with the width of each panel set to 200 co-moving kpc. Note
the coherent rotation in the cool halo gas well beyond the inner regions where the galaxy resides. The galactic disk is viewed near edge-on
in each panel (i> 65).

dial), with the spin of cold-mode gas in the halo often in a
coherent direction, set by the direction of the large-scale
cosmic filaments (Figures 4-5). We have also established
that cold-mode gas in galaxy halos has relatively short
sinking timescales, and thus probes fresh accretion (Fig-
ure 6).

Taking these results together, it is not surprising that
cool halo gas around galaxies often forms coherent struc-
tures with very high angular momentum, formed from
continually infalling material from the cosmic web that
eventually fuels the galaxy. As a result, we find that
cold-mode gas accretion often forms extended “cold flow

Figure 1.7: The line of sight velocities for 4 simulated halos. Each exhibit an extended disk,
far beyond the confines of the central galaxy, each fed by cold mode accretion streams,
accounting for 70% of the angular momentum accreted by these galaxies. Note that the
streams themselves are lower density than the threshold used to create the image so are not
visible themselves. The disk here is viewed nearly edge on, with i > 65◦. Reproduced
from Stewart et al. (2013).
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1997) showed that the Lyman α forest seen in observations could be reproduced if primor-
dial gas within filaments were the absorbing medium, with successive models able to place
constraints on cosmology. These structures appear to be coherent over 2Mpc, while only
being 30kpc across. Since scattering is∝ ρ2, the expected overdensity of these structures is
10, and are as such only weakly non linear. Lyman-α surveys have been conducted (Press
et al., 1993; Press and Rybicki, 1993; Lee et al., 2013) to extract the statistical properties
of these structures.

Related to the Lyman-α forest are the Damped Lyman Alpha systems (DLAs). These
have higher column densities ofNHI > 1020cm−2 and are more closely associated galaxies.
The observations only give access to line of sight variation and not angular variation. Bright
sources that can be used for Lyman-α forest detection are rare on the sky, so are difficult
to use for constraining the angular extent of these objects. However, Dijkstra and Loeb
(2009) was able to show that Lyman-α blobs could be powered by undergoing cold mode
accretion. This could, in the future provide constraints on these elusive structures.

1.5.2.3 High Redshift Kinematics

At z = 2 galaxies are observed to be highly turbulent and star forming (Genzel et al., 2006).
Since turbulence tends to decay on a sound crossing timescale (Mac Low and Klessen,
2004) this requires a constant driving force, ruling out catastrophic mergers. The disky
nature of the galaxies places additional constraints on the driving force, requiring it to
coherently add angular momentum, thus limiting the role played by supernova feedback.
This strongly suggests that these galaxies are stream fed (Klessen and Hennebelle, 2010).

It has also been shown that z = 2 is the epoch of disk settling (Kassin et al., 2012;
Simons et al., 2017), with galaxies of higher masses tending to settle earlier, both observa-
tionally and in simulations (Pillepich et al., 2019; Park et al., 2019). This epoch coincides
with the dwindling of filamentary accretion in cosmological simulations (e.g. Kereš et al.,
2005, shows that cold mode accretion is at half the peak accretion rate around z = 2, and
continues to decline exponentially), suggesting that they are indeed responsible for the el-
evated level of turbulence present in high redshift disks. Simons et al. (2017) show that
turbulence is decaying towards the z = 0 value at this time.

1.5.2.4 Miscellaneous Evidence

In this category I include observations of the Milky Way and other nearby galaxies that
suggest that gas accretion has occurred over a period of time, even at the modest 1 M�yr−1

necessary to fuel the star formation rate of the Milky Way (Larson, 1972). More distant
galaxies with redshifts 1 < z < 4 have extremely high star formation rates of 100 M�yr−1
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and depletion times on the order of 100 Myr (Genzel et al., 2006; Förster Schreiber et al.,
2006; Elmegreen et al., 2007; Genzel et al., 2008; Stark et al., 2008). It is necessary for
fresh gas to be accreted rapidly in order to prevent quenching.

In addition to the limited supply of gas available for star formation, successive genera-
tions of stars enrich the interstellar medium and are reborn from their ashes with enhanced
metallicity. The stars in our local neighbourhood have too low a metallicity to have evolved
in a ‘closed box’ system. Assuming the gas starts from zero metallicity and is enriched
purely by the successive generations of stars (Schmidt, 1963) it produces stars with higher
metallicities than observed, requiring an influx of pristine gas. This was referred to as the G
Dwarf Problem (van den Bergh, 1962; Schmidt, 1963), though similar issues arise in other
classes of stars such as K (Casuso and Beckman, 2004) and M (Woolf and West, 2012)
dwarfs. Taken together with the rest of the observational evidence and theoretical under-
pinnings, and ubiquity in cosmological simulations, it is highly probable that filamentary
structures do indeed exist.
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Chapter 2

Numerical Methods

2.1 Cosmological Simulations

While the initial conditions of the Universe are well understood through (Planck Collabo-
ration et al., 2018), we cannot follow the evolution of dark matter from these initial condi-
tions far into the non-linear regime characteristic of the present state of the Universe where
stars are bound to the centres of massive halos. These galaxies also exert an influence on
the larger scales which makes the problem of modelling them analytically completely in-
tractable. To get around this issue we turn to computer models, allowing the brute force
solution of the equations that govern the evolution of matter from the initial conditions to
the present day of the distribution of stars and galaxies in our night sky.

A number of different techniques have been developed to solve these equations. Smooth
Particle Hydrodynamics (SPH) codes such as GASOLINE (Wadsley et al., 2004) and GAD-
GET (Springel, 2005) sample the density field with individual particles. As a result the
simulations are Lagrangian as the fluid elements follow the fluid flow. There also exist grid
based codes such as ART (Kravtsov et al., 1997), FLASH (Fryxell et al., 2000), RAMSES

(Teyssier, 2002), ATHENA++ (Stone et al., 2008) and ENZO (Bryan et al., 2014). These
exploit Adaptive Mesh Refinement (AMR) in order to focus resolution in higher density
regions. A hybrid option exists in codes like AREPO (Springel, 2010) which have particle
like fluid elements like SPH, but with transfer of mass, momentum and energy between
neighbouring elements as in a grid code.

Each implementation has its advantages and disadvantages, see Agertz et al. (2007)
for a comparative study. Observing the same phenomena numerically with completely
independent implementations helps us to be confident that the phenomenon is likely real,
such as in Stewart et al. (2017). In this thesis I will only consider the AMR code RAMSES

however, which I will present in the following Section 2.2. Next I will explain how the
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large scale structure of the simulation is extracted, specifically the filaments of the cosmic
web in Section 2.4. Finally I discuss the implementation of the halo finder in Section 2.5

2.2 RAMSES

The details of the three simulations I use for the work presented in this thesis, namely
the NUT , NEW HORIZON and SPHINX simulations will be discussed in their respective
chapters. In this section I will only summarise the basics of the code used to run them:
RAMSES.

2.2.1 Initial Conditions

Initial conditions are generated by programs such as MPGRAFIC (Prunet et al., 2008) and
MUSIC (Hahn and Abel, 2013), which take a power spectrum (such as those obtained from
Dunkley et al. (2009); Planck Collaboration et al. (2018)) to derive a random realisation
compatible with the amplitude of each mode.

A limitation of this approach is that modes that are larger than the simulation volume
are not accounted for, such as the over or under density of the region, or large scale tidal
forces. Zoom simulations get around this to a certain extent by having the region of in-
terest simulated at high resolution surrounded by a less well resolved region, where AMR
and subgrid models are disabled. This is significantly cheaper in terms of computational
resources to run than simulating the entire volume at the full resolution. When generating
the initial conditions for a zoom simulation care must be taken to ensure that the zoom
region is not polluted with low resolution DM particles from the low resolution zone, as
these can cause unphysical scattering of the particles contained within these halos. This
will be important for the NEW HORIZON simulation discussed later, where I use a 10 %
contamination tolerance threshold.

2.3 Adaptive Mesh Refinement

While it is desirable to solve the fluid equations on a regular grid, it is computationally
infeasible to evaluate the entirety of a simulation at parsec resolution if the simulator wants
to study any sizeable volume of the universe. Driven primarily by the collapse of matter
into smaller structures, we may ignore, or at least expend less computational power on
the lower density regions of the universe while focusing on the higher density and highly
dynamic regions. In RAMSES , such a patchwork of resolutions is maintained by using
an AMR scheme, the fundamental unit of which is an oct, shown in Fig. 2.1 (for a 2D
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52 2.2. Main features of the numerical modeling of galaxies

Figure 2.1: This Figure is reproduced from Dr. Maxime Trebitsch’s PhD thesis. Level
structure and octree shape of the grid in Ramses. A given oct points to its father cell, it’s
fathers neighboring cell, and each son cell point to its oct.

refinement is the whole simulation box at level 1, which is then homogeneously refined to a
minimum refinement lmin specified by the user: this minimum refinement level is called the
coarse level and has 23◊lmin resolution elements. Each grid may then refine by subdividing
itself by a power-of-two, depending on whether it meets the refinement criterion. Eventually,
a grid can reach a maximum refinement level lmax, giving the box a maximum number of
resolution elements of 23◊lmax . Conversely, a grid cell that does not meet this refinement
criterion will be destroyed and the next coarser level is considered. Neighboring cells are
allowed to only di�er by one level across cell boundaries. The octs are stored in a tree-shaped
structure, which allows the calculation of the forces and the grid refinements level by level
(see Figure 2.1 reproduced from Dr. Maxime Trebitsch’s PhD thesis)

In Ramses, the time-stepping is also adaptive. A minimum time-step is determined
which physically translates the fact that in a single time-step, the information – for instance
a pressure wave (see section 2.2.5), the gas moving, particles moving – should not cross a
length longer than a cell for the numerical scheme to be stable. Therefore, since the cells
at di�erent levels have di�erent lengths, the time-step also depends on the level. In order
to keep the di�erent levels as synchronized as possible, the code has a recursive structure:
when the level l + 1 has executed two times steps, the level l can execute one (see Figure 2.2
reproduced from Dr. Maxime Trebitsch’s PhD thesis).

Figure 2.1: The refinement of the AMR grid showing the octree structure of RAMSES in 2
dimensions. Reproduced from Maxime Trebitsch’s PhD thesis.

case). Each oct consists of 8 cells, storing the density, velocity, energy, metallicity and
additional variables such as magnetic field strength in MHD simulations. Each oct points
to its father cell and its father cell’s neighbours on the level above, and each son cell points
to its oct. At level 1 the whole simulation is contained within a single cell, but this is
progressively refined by splitting the cell side in half to form 2ndim cells from each cell as
the level is increased until the maximum level is reached. Further refinement occurs if the
cell is flagged for refinement up to a maximum level of refinement, but the reverse may
also occur if the cell no longer qualifies for refinement: the cell is “derefined” in that case.
An additional constraint is that neighbouring cells may only differ in level by a maximum
of one. As well as increasing the spatial resolution, refinement also results in a halving of
the timestep. Level l + 1 executes two timesteps for every timestep taken by l.

In RAMSES a quasi-Lagrangian approach is used in order to follow matter as it col-
lapses under gravity. Cells are refined if the total mass in a cell, including both DM and
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baryonic matter, increases by a factor of 8 above a threshold value, thus maintaining a
roughly constant mass in each cell. It is also possible to use different criteria for refine-
ment, for example refining on the vorticity of a cell as in Rosdahl and Blaizot (2012) or
making sure the Jeans length is resolved by a given number of cells in star forming regions
as in e.g. Renaud et al. (2013).

2.3.1 Evolution of Dark Matter

DM in RAMSES (and indeed most simulations) is treated as a collisionless fluid, mod-
elled with a particle distribution function f(r,v, t), which evolves according to the Vlasov-
Poisson equation:

∂f

∂t
+ v ·∇f −∇φ ·

∂f

∂v
= 0 , (2.1)

where the potential, φ, is found by solving the Poisson equation:

∇2φ = 4πG

[∫
mfdv + ρb

]
. (2.2)

The integral over velocity space converts the particle distribution function into a density,
and ρb is the baryonic matter density, representing both gas and stars. Gravity is the only
interaction between dark matter and baryonic matter in the simulation. The dark matter
phase space is sampled using individual particles, with masses typically 104 − 107M�

depending on the resolution. In zoom simulations higher mass particles (corresponding to
coarser sampling) are employed outside the zoom region.

Ignoring the baryonic component of the simulation for the moment, computing the
trajectories of the dark matter particles is essentially a sum over the gravitational forces
of all the particles in the simulation, hence, a scaling of N2, where N is the number of
particles. This quickly becomes infeasible, especially as current state of the art simulations
have billions of particles. In RAMSES this problem is overcome using a particle-mesh
method (Teyssier, 2002) by assigning the particles to the AMR grid to produce a dark
matter density field using Cloud In Cell interpolation. The mass is apportioned to the cells
surrounding the particle proportional to the volume of a ‘cloud’ with the size of the host
cell, centred on the particle present in each of the cells. This prevents discontinuities in the
density field arising from particles crossing cell boundaries. The potential is then calculated
from the total density (including the stellar particles computed in the same way, as well as
the gas) using a relaxation method, which takes an initial guess and iteratively solves the
Poisson Equation. From the resultant potential, the forces on each particle are calculated.
As a result of this method, the algorithm scales only as N log(N), making it considerably
more scalable than direct computation of the forces, and is comparable to tree codes such as
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Barnes and Hut (1986) and FFT methods (e.g. Kravtsov et al., 1997). In practice, however,
the hydrodynamic step tends to dominate the computation time.

Particle positions and velocities are then updated using a leapfrog integrator, a second
order accurate technique. Velocities are updated for half a timestep, which is referred to
as a ‘kick’, and the positions are updated with this new velocity for the full timestep (the
‘drift’). A second kick is applied for another half timestep. Note that the force applied to
the particle uses the new particle positions.

2.3.2 Evolution of Baryonic Matter

While the stellar component of the Universe behaves as a collisionless fluid, much like the
DM and can be treated as such, the gaseous component is described using the conservation
of mass, momentum and energy, encapsulated within the Euler Equations:

dρ

dt
+∇ · (ρu) = 0 ; (2.3)

ρ
d(ρu)

dt
+∇P = −ρ∇φ ; (2.4)

ρ
d(ρE)

dt
+∇ · [ρu(P + E)] = −ρu ·∇φ , (2.5)

where ρ, u, P and E are the gas density, velocity, thermal pressure and total energy re-
spectively. Additional sources and sinks to these equations will be discussed in the section
on subgrid models. In order to close these equations the equation of state of an ideal
monatomic gas for the pressure is used. The adiabatic index, γ, is set to 5/3.

The variables are discretised on the AMR grid, and are evolved by solving the Riemann
problem at the cell interfaces. This is an initial value problem with a single discontinuity
within the domain (Toro et al., 1994).

In order to maintain numerical stability of the code, the time step is halved in every
successive level, with each level performing two time steps for the level below. This ensures
that the CFL (Courant–Friedrichs–Lewy) condition (Courant et al., 1928) is not violated
by the increased spatial resolution. The timestep must be sufficiently small that material
cannot cross more than a single cell travelling at the bulk flow velocity or sound wave
within that timestep.

2.3.3 Subgrid Models

As computer systems are finite in both computational power and memory we can not re-
solve simulations down to arbitrary small scales. However, the physics of small scales,
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from atomic and molecular physics to stars and supermassive black holes have major ef-
fects on the evolution of galaxies and as such need to be taken into account. I summarise
some commonly used subgrid models used in RAMSES and other cosmological simulations
in this section.

2.3.3.1 Heating and Cooling

An important distinction between dark matter and gas is the latter’s ability to radiate away
internal energy. Indeed, this is one of the most important processes in astrophysics, allow-
ing gas to be accreted into halos and converted to stars.

Depending on the temperature, there are multiple regimes where different processes
become important. At temperatures log10(T ) > 7 Bremstrahlung radiation is the dominant
cooling mechanism, occurring as electrons experience rapid acceleration upon interaction
with a nucleus. As the temperature falls, atomic processes come to dominate from colli-
sional excitation of atoms and subsequent decay to a ground state. For a primordial gas
these processes are important down to log10(T ) = 4. If the gas is chemically enriched
then this process remains important to lower temperatures, but is less effective. At lower
temperatures still, the formation of molecules allow a plethora of new transitions and en-
able efficient cooling down to a few tens of Kelvin, though this is only possible in dense
environments.

Depending on the temperature, density and local radiation field the gas may also be
heated by external photons. Important processes here are photoionisation and Compton
scattering, where high energy photons scatter off charged particles. In RAMSES these pro-
cesses are modelled as source/sink terms in the energy equation. The gas cooling rates
are calculated by Sutherland and Dopita (1993) for a hydrogen helium and metal mixture
of gas, valid down to 104 K. For lower temperatures Rosen and Bregman (1995) covers
molecular cooling channels. Most simulations also have a UV background prescribed by
Haardt and Madau (1996) turned on at z ∼ 10 to simulate the reionisation of the Universe
as a heating term.

2.3.3.2 Star Formation

Star formation is often implemented as a density threshold, beyond which the gas in a cell
is transformed into a collisionless stellar particle. The rate of transformation is inspired by
the Kennicutt-Schmidt relation (Schmidt, 1959; Kennicutt, 1998) where star formation is
proportional to the gas surface density:

ΣSFR = AΣn
g . (2.6)
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The index n is measured to be 1.4± 0.5. This behaviour can be approximately reproduced
with the toy model:

SFR = εff
ρg
tff
∝ ρ3/2

g , (2.7)

which has approximately the correct scaling, with tff being the free fall time

tff =

√
3π

32Gρg

, (2.8)

and εff being the formation efficiency, controlling how much of the cell’s mass can be
converted into star particles per free fall time. This parameter is typically set at the observed
value, 0.01 (Krumholz and Tan, 2007). The efficiency depends both on the scale and the
effects of feedback. With sufficient resolution it should be possible to use an efficiency
factor of 100% and compute proto-stellar feedback self consistently. In order to use more
physically motivated star formation recipes the efficiency is thus often modified by local
conditions, such as the local molecular hydrogen fraction, the virial parameter (how bound
the gas is) or the turbulent motion.

One of the recipes used in this thesis is a thermo-turbulent star formation model devel-
oped by Devriendt et al. (in prep.), based on the theoretical work of Federrath and Klessen
(2012). The turbulent nature of the ISM ensures that the gas density field may be described
by the log-normal distribution:

ps =
1√

2πσs
exp

(
−(s− s0)2

2σs

)
, (2.9)

where s ≡ log(ρ/ρ0) is the normalised density and ρ0 is the mean density. σs is the
dispersion of the distribution which is driven by turbulence.

To find the fraction of the cell that will collapse to form a star the distribution is inte-
grated from a lower limit scrit (see e.g. Padoan and Nordlund, 2011). One can then show
that the star formation efficiency can be given by:

εff =
εacc

2φt
exp

(
3σ2

s

8

)(
1 + erf

(
σ2
s − s2

crit√
2σ2

s

))
, (2.10)

where εacc is the fraction of the collapsing star that is accreted onto the protostar,the rest
being returned to the ISM as a hot wind. φt is a factor introduced by Krumholz and McKee
(2005), accounting for uncertainties in free fall time. Simulations of GMCs by Federrath
and Klessen (2012) find a value of 0.57 for this parameter. By this definition it is possible
for a cell to have a star formation efficiency greater than 100%. This just means that the
collapse is accelerated by turbulence to the point where it becomes faster than the free fall
time .
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In Hopkins et al. (2013) the authors test a wide range of star formation models and find
that while the total stellar mass formed is generally similar between prescriptions, the resul-
tant distributions of stars are very different. This can have implications for the observable
quantities of the galaxies as well as the effectiveness of various forms of feedback.

In RAMSES the number of stars produced when a a cell is flagged for star formation
follows a Poisson distribution:

P (N) =
λN exp(−λ)

N !
, (2.11)

where N is the number of stars to form, and

λ =
mg

m∗

εff∆t

tff
, (2.12)

is the expected number of particles to form, based on the mass of gas in the cell and the
relative length of the time step to the free fall time.

2.3.3.3 Stellar Feedback

In order to produce galaxies with realistic stellar masses, sizes and star formation rate it is
necessary to inject extra energy and momentum into the gas. An important channel, par-
ticularly for low mass galaxies is stellar feedback. This includes all feedback generated by
stars, from stellar winds, type II and Ia supernova. Due to the limited resolution of cosmo-
logical simulations, star particles typically represent a population of stars, the evolution of
which determines the type of feedback is relevant at which time. In RAMSES, the user cho-
sen initial mass function for each population is evolved according to the stellar evolution
code STARBURST99 (Leitherer et al., 1999). In all cases, stellar feedback is implemented
as a deposit of energy, momentum, mass and metals in the cells around the stellar particle,
however particular care must be taken with the high energies of supernovae. A naı̈ve ther-
mal energy dump results in the energy supplied rapidly (and unphysically) radiated away.
This is known as the overcooling problem (Katz, 1992; Ceverino and Klypin, 2009). Vari-
ous methods have been proposed for overcoming this problem, from artificially increasing
the supernova yield (e.g. Kay et al., 2003), propagating non-interacting particles for a short
time (≈ 50 Myr) to disperse the energy (Hummels and Bryan, 2012), or passive scalars that
locally disable cooling (Teyssier et al., 2013). These all create their own unique problems,
though they do tend to produce more realistic galaxies. These are ‘thermal’ feedback pre-
scriptions. The alternative is to implement kinetic feedback where the energy is supplied
in kinetic form rather than internal (e.g. Navarro and White, 1993; Dubois and Teyssier,
2008).
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In the simulations I will present in later chapters, a more physically motivated pre-
scription developed by Kimm and Cen (2014) is used. In this implementation, the method
of injection depends on the resolvable phase of the SN explosion, giving a physical mo-
tivation behind the form of feedback chosen. There are two important phases during the
course of the expansion of the supernova remnant. The first is an energy conserving phase,
where the ejecta sweeps up material. At this point cooling of the material is not impor-
tant, resulting in the momentum building up as the square root of the total shell mass, The
shell of material evolves self similary during this phase. The second important stage is
the snowplough phase, where cooling of the gas leads to momentum being conserved. In
cosmological simulations resolution is typically too low to resolve the first stage, with cells
being much larger than the final radius of the SN remnant at the end of this phase. Insuffi-
cient resolution both spatially and temporally prevent the gas from expanding adiabatically
and accruing the correct amount of momentum, resulting in the overcooling phenomenon.
To overcome this issue Kimm and Cen (2014) use the function:

∆p =
∆Ω

4π

{√
2χ(Ω)MejfeESN , χ(Ω) ≤ χtr(Ω)

pSN(ESN, nH , Z) , χ(Ω) > χtr(Ω)
, (2.13)

where Mej and ESN is the mass and energy ejected by the supernova, and fe is a parameter
which smoothly interpolates between the energy conserving and momentum conserving
regimes. The parameter pSN is the final momentum injected by a supernova, as calculated
by Chevalier (1974); Cioffi et al. (1988); Blondin et al. (1998)

pSN(E, nH , Z) ≈ 3× 105kms−1M�E
16/17
51 n

−2/17
H f(Z) , (2.14)

where E51 is the energy of the supernova in units of 1051 ergs. The function f(Z) in-
troduces the effect of metals as f(Z) = max(Z/Z�, 0.01)−0.14 (Thornton et al., 1998).
This functional form is used as atomic cooling processes come to dominate at metallicities
below 0.01Z�, and the metallicity below this point has negligible impact on momentum
transfer.

Equation 2.13 determines the momentum deposited in each cell depending on the solid
angle subtended by the cell from the exploding stellar particle Ω. The regime chosen for
each cell depends on the parameter:

χ = ∆Mshell(Ω)/∆Mej(Ω) , (2.15)

the ratio of matter swept up (including the initial ejected material) to mass ejected into each
cell. The transition value between the two regimes, χtr, is found by equating Equation:
2.14 with

√
2χtrMejNSNESN,tr. This is the number of expected SN explosions, NSN, with
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the kinetic energy expected at transition. With the momentum to add to each of the cells
neighbouring the explosion determined, the excess energy not taken up by kinetic energy
is finally added. Kimm and Cen (2014) find that thermal feedback schemes require at least
parsec resolution for overcooling to be insignificant in high density regions, while their
results are insensitive to resolution between 0.1 pc and 100 pc.

2.3.3.4 AGN Feedback

In addition to stellar feedback, most large scale simulations also need to take into account
the effect of supermassive BHs on the largest of galaxies.

In simulations, BHs are seeded in a similar way to star formation. Cells which have
a sufficient density spawn a black hole conditional on the distance to previously formed
black holes (Dubois et al., 2014b). This prevents the spawning of multiple black holes
from the same cell in the same timestep. Accretion rates onto BHs are derived assuming
point masses in infinite uniform media both moving (Hoyle and Lyttleton, 1939) and at rest
(Bondi and Hoyle, 1944). Due to the similarity between the two solutions the equations are
combined to give:

ṀBH =
4πG2M2

BHρ∞
(c2

s,∞ + v2
∞)3/2

, (2.16)

where densities, velocities and sound speeds are measured far from the BH. In practice,
the subgrid model uses values which are those of the cell the sink particle resides in. In a
cosmological simulation the resolution achieved is not sufficient to resolve accretion flows
on the scales of astronomical units around the BH, so the cell is a decent description of the
far away environment of the BH.

In the NEW HORIZON simulation the magnitude of AGN feedback is determined by
the accretion onto the sink particle (Dubois et al., 2014b), according to:

ĖAGN = εrεfṀBHc
2 , (2.17)

where εr is a radiative efficiency which is dependent on the spin of the BH, ṀBH is the
accretion rate and εf is dependent on the ratio of the accretion rate to the Eddington rate,
defined as:

Ṁedd =
4πGMBHmp

εrσT c
, (2.18)

where mp is the mass of a proton, σT is the Thompson scattering cross section. In the case
of low rates of accretion, less than 1% of the Eddington accretion rate, the BH operates in
radio or jet mode, driving a bipolar outflow by injecting a momentum into a cylinder of
radius ∆x and height 2∆x and εf is set to 100%. For higher accretion rates the feedback
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switches to the quasar mode, where thermal energy is deposited isotropically in a sphere
around the sink particle with radius ∆x, and εf = 0.15. The efficiencies are chosen to
reproduce the black hole scaling relations with bulge mass (Magorrian et al., 1998) and
dispersion (Ferrarese and Merritt, 2000). The action of the feedback allows the black hole
to regulate its own accretion rate as well as lowering the star formation rate of the host
galaxy. This helps to bring the upper end of the mass function of simulated galaxies in line
with those observed (Kaviraj et al., 2017).
In RAMSES, as in all cosmological simulations, the subgrid models chosen have various
free parameters controlling the rates of star formation, cooling, feedback efficiency, etc.
Ideally these parameters should be possible to derive from first principle. An example of
this is using the knowledge of the spectral lines and chemical makeup of gas to calculate
the cooling and heating rates as in Sutherland and Dopita (1993). Alternatively, high res-
olution simulations of a physical process can also be used to measure the subgrid model
parameters directly. An example of this is in NEW HORIZON (Dubois et al., 2020) where
the subgrid model for the forces on an accreting black hole is based on high resolution
accretion simulations of Beckmann et al. (2018). In a third case the parameter is fitted
to reproduce some well measured astrophysical relation, such as the present day galaxy
mass function, such as in EAGLE (Schaye et al., 2015). The subgrid model is then vali-
dated by comparing the resultant simulation with another relation which it was not tuned
to reproduce. Crucially, these subgrid models are not true representations of reality, and
are typically only valid within a narrow range of resolutions. Cosmological simulations are
always a compromise between achieving the highest degree of realism in the simulation
and minimising the simulation run time, memory required to run the simulation and even-
tual storage requirements. For example, all simulations could use full radiative transfer to
model reionisation as in Chapter 5, or model reionisation as a UV background as in Chapter
3. The effect of reionisation is to heat the IGM, which is captured by both models, however
the exact details are less relevant at lower redshifts for sufficiently massive galaxies. The
key point here is that subgrid models should only be used if they are relevant to the process
under study, and should be no more complex than necessary to capture the essence of the
process it is supposed to represent.

2.3.4 RAMSES-RT

In order to study the impact of reionisation it is necessary to extend RAMSES to model
the transport of radiation and its interaction with matter, which is enabled by RAMSES-RT

(Rosdahl et al., 2013). In contrast to various forms of ray tracing and Monte-Carlo meth-
ods, RAMSES-RT treats the radiation as a fluid by taking moments of the radiative transfer
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equation, which can be discretised on the AMR grid. While other methods tend to scale
poorly with the number of rays cast or sources, fluid approaches are largely independent
of this. However the disadvantage of this approach is that the light tends to diffuse rather
unphysically in low optical depth environments as well as being subject to collisions with
fluid elements propagating in different directions.

The basic equation of radiative transfer describes the intensity as a function of fre-
quency, Iν as it propagates and is dependant on the local absorption, κν and emission ην
(Mihalas and Mihalas, 1984):

1

c

∂Iν
∂t

+ n ·∇Iν = −κνIν + ην , (2.19)

where c is the speed of light and n is a normalised direction vector. Moments of this
equation are taken, analogous to how the Euler Equations are generated from the Maxwell-
Boltzmann equations, to produce the moment-based RT equations (Aubert and Teyssier,
2008):

∂Nν

∂t
+∇ · Fν = −κνNν + Sν ; (2.20)

∂F

∂t
+ c2∇ ·Pν = −κνcFν , (2.21)

where Nν is the number density of photons with frequency ν and Fν is the flux of photons
of frequency ν. Hidden in the variable κν are the frequency and density dependencies on
all the chemical species making up the gas, obtained by summing over all the cross sections
of all the present chemical species. Sν contains all the information on emission, whether
from recombination or from stellar particles within the simulation. Finally we have the
radiation pressure tensor, Pν which requires a relation in order to close the set of equations.
The M1 closure (Levermore, 1984) was first implemented on a uniform grid by González
et al. (2007). This is defined as:

Pν = DνNν , (2.22)

where the Eddington Tensor, Dν is modelled as:

Dν =
1− χν

2
Iν +

χν − 1

2
nν ⊗ nν , (2.23)

with
nν =

Fν
|Fν |

, χν =
3 + 4f 2

ν

5 + 2
√

4− 3f 2
ν

, fν =
|Fν |
cNν

, (2.24)

where nν is the unit vector in the direction of radiation flux, and fν is the reduced flux.
Essentially the Eddington tensor is an interpolation between the regimes of radiation in an
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optically thick regime fν = 0, where the photons are diffused through the medium, and the
optically thin fν = 1, where the photons are free to travel in straight lines. RAMSES-RT

(Rosdahl et al., 2013) implemented this radiative transfer scheme on the AMR grid.

2.4 DISPERSE

Filaments are identified using the structure finding algorithm DISPERSE (Sousbie, 2011).
Other filament extraction algorithms are available, e.g. SKELETON (Novikov et al., 2006;
Sousbie et al., 2008), MMF-2 (Aragón-Calvo et al., 2007a; Aragon-Calvo and Yang,
2014), T-WEB (Forero-Romero et al., 2009), SPINEWEB (Aragon-Calvo et al., 2010), FINE

(González and Padilla, 2010), V-WEB (Hoffman et al., 2012), ORIGAMI (Falck et al., 2012;
Falck and Neyrinck, 2015), CLASSIC (Kitaura and Angulo, 2012), NEXUS+ (Cautun et al.,
2013), Adapted Minimal Spanning Tree (Alpaslan et al., 2014), Bisous (Tempel et al.,
2014; Tempel et al., 2016), MSWA (Ramachandra and Shandarin, 2017). For a study on
how resulting filaments depend on the exact method used (see Leclercq et al., 2016; Libe-
skind et al., 2018). I use DISPERSE as the filaments obtained are mathematically motivated
by Morse theory and robust against the numerical noise inherent to the simulation. I detail
the approach below.

2.4.1 Delaunay Tessellation

DISPERSE runs on the Delaunay tessellation of a particle density field. In 2D, this is a
triangular tessellation such that each point is circumscribed (lie on the circumference of a
circle) with its neighbours while not enclosing any points within that circle, as in Fig. 2.2.
The particles of the tessellation are joined if they share the same circle. This is closely
related to the Voronoi tessellation, which divides neighbouring points at the half way point.
The Voronoi cells thus enclose the area which is closest to each of the defining points. The
corners of these cells correspond to the centres of the circles in the Delaunay tessellation.
To extend the Delaunay tessellation to three dimensions replace the circles with spheres
and triangles with tetrahedra. The density at every point in space is thereby defined as
being inversely proportional to the area (volume) of the triangles (tetrahedra) in 2D (3D).

2.4.2 Morse Theory

The DISPERSE algorithm is based on Morse Theory. The Morse Small Complex defines
a set of integral lines that uniquely join together different critical points (points of zero
gradient) of the density field. These lines are tangent to the gradient field at every point and
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2.1.2  Delaunay Triangulation 

 

The Delaunay triangulation (also called Delaunay graph) was first defined by Delaunay 

in 1934 [12]. It is obtained by connecting pair of points iv  and jv  in the plane such that 

the triangle formed by joining three non-collinear points with one side as jivv  is a 

Delaunay triangle, which means it is enclosed within a circumcircle with no other point 

},{ jik vvVv   inside this circle. This property is also called “empty circle" property, 

and depicted in Figure 2. Delaunay triangulation is the dual of Voronoi diagram, as the 

centroids of Voronoi polygons correspond to the vertices in Delaunay triangulation. The 

duality property is also shown in Figure 2, and as a result of this property, the conditions 

in equation 4 are also satisfied by Delaunay triangulation with the following modification 

given in equation 5 [11]. Subgraphs of Delaunay triangulation can be generated from 

Delaunay graph and explained in next sections.  

 

           nverticesDelaunayofNumber =  

           63  nedgesDelaunayofNumber  

           52  ntrianglesDelaunayofNumber  (5) 

 

   

Figure 2: Delaunay Triangulation corresponding to the Voronoi diagram in Figure 1 

showing empty circle and duality properties 

 

 

Figure 2.2: Delaunay tessellation of a set of particles in 2D, as lines joining neighbouring
particles. The Voronoi tessellation is also shown as the lines half way between neighbour-
ing particles. The circle shows the definition of the Delaunay tessellation, with each of the
neighbours on the circumference of a circle which encloses no other points. Reproduced
from Sharma et al. (2015)

partition space into volumes that belong to a critical point, which are termed manifolds. In
two dimensions there are 3 types of critical points, minima, maxima and saddle points. In
three dimensions there are two types of saddle points, giving four types of critical point.

2.4.3 Persistence

In order to ensure the structures are robust vis-à-vis noise, the concept of persistence is
introduced. Persistence is best thought of as the difference in the density at the point of
creation and destruction of topological features. This can be visualised as an underwater
mountain. For example, as the water drains and a new island appears, this is the creation
of a new topological feature. As the water level continues to fall the new island eventually
joins the mainland, at which point the topological feature has been destroyed. The main
island plus smaller island is a very different situation to having a slightly larger island.
Furthermore, if we have to change the water level a lot to create and destroy islands then
these are robust (or persistent) islands. Small boulders lying on the slopes of the mountain
will create mini-islands as well, but these will have low persistence as it takes a very small
change in water level to drown them or to rejoin them to the mainland. Such points are
cancelled in the field as they are unimportant to the overall topology. DISPERSE offers a
robust way to identify topological features in this way, using a single parameter, namely
the persistence. From the topology of the persistent field DISPERSE uses the ascending
1-manifolds in order to define the filament.
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The end result of the process is shown in Fig. 2.3, showing the effect of changing the
persistence threshold on the filaments obtained. While the low persistence filaments probe
into the voids, the highest persistence structures are seen to occupy the densest regions.
The filaments marked in yellow have noticeably more halos associated with them than the
green or turquoise structures.

2.5 Halo Finder

Amongst the first stages of analysing a simulation is to generate halo and galaxy catalogues
by grouping together clusters of stellar and dark matter particles. I use the catalogues com-
puted with the HOP (Eisenstein and Hut, 1998) catalogue for the galaxies, and ADAPTA-
HOP (Aubert et al., 2004) for the DM halos. The difference between the two different
algorithms is that ADAPTAHOP is used to identify substructures. However due to the high
resolution employed by NEW HORIZON massive globular clusters within galaxies are iden-
tified as separate structures, and since I am only interested in global galaxy properties in
this thesis, I ignore their internal structure.

The HOP algorithm (Eisenstein and Hut, 1998) essentially links together particles in
chains with each particle pointing towards its densest neighbour until a particle is found
which points at itself. All particles belonging to this group are considered part of this struc-
ture, subject to being sufficiently dense. This prevents every particle in the simulation from
being associated with a structure. Additional parameters merge together multiple maxima
in different substructures into single structures if the saddle point between a pair of maxima
is high enough density, or the maximum of a substructure is not above a given threshold
density. The classification of the subsucture by ADAPTAHOP is shown schematically in
Fig. 2.4. The algorithm is found to be robust to variation in all parameters except the
density threshold which defines the edge of the galaxy. A value of 178 times the mean den-
sity of the Universe is chosen by analogy with the analytic top hat collapse model which
describes the formation of virialised objects.

ADAPTAHOP extends the algorithm to identify substructures hierarchically, recursively
identifying subhalos within halos. This is ideal as satellite galaxies will reside within these
DM substructures.

Both algorithms are based only on the position of the particles, rather than the six
dimensional phase space they actually occupy, which are exploited by halo finders such as
ROCKSTAR (Behroozi et al., 2013). Using phase space clustering allows the tracking of
subhalos more reliably even while structures are merging. Knebe et al. (2011) compares
various clustering algorithms and finds that provided the number of particles sampling the
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Figure 2.3: The filaments of NEW HORIZON as identified by DISPERSE at z = 4. The
persistence is 1 σ for the deepest blue lines, incrementing by 1 σ, up to 7 in yellow. Each
circle is a DM halo, scaled to represent 10 virial radii. Note that the highest persistence
skeleton is also traced by the greatest number of halos, and also by the most massive ones.
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halo is sufficiently high, differences between 6D and 3D halo finders are minimal. In this
thesis, all halos used in the analysis have over 1000 particles, so should be independently
identified regardless of halo finder choice. The galaxy and halo catalogue are identified
independently of each other.

From the halo or galaxy catalogue a merger tree is built using the method outlined in
Tweed et al. (2009). Halos merge and smaller halos may be tidally stripped of material as
they enter a larger object. The same halo across two snapshots is identified by tracking its
individual particles, and enforcing that the halo only has one descendent in the later snap-
shot: that with the largest fraction of the original halo’s material. In this way subhalos may
also be tracked after infall into a larger halo. Mergers occur when two or more progenitors
are mapped to the same object. An example is shown in the lower panel of Fig. 2.4 This
technique is also applied to the galaxy catalogue which will be used throughout this thesis.
At low redshift there exists very little difference between the galaxy and halo merger trees.
However as the first galaxies form halos large enough to cross the atomic cooling limit
and become capable of accreting significant amounts of gas, the difference between merger
trees of halos and galaxies will be more pronounced at high redshift.

2.6 Summary

In this chapter I summarised the basic numerical tools that were used to generate and anal-
yse the simulations.

• RAMSES allows the self consistent evolution of both the DM and baryonic component
of the Universe from high redshift down to the present day.

• DISPERSE allows the numerically robust and mathematically rigorous extraction of
filament structures from a density field.

• Halo and galaxy catalogues were extracted using ADAPTAHOP, and the galaxy cat-
alogues are used to construct merger trees.
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the natural way to detect them is to compute this density field.
This simple assertion constitutes the core of the AdaptaHOPal-
gorithm (as well as that of many others that we listed earlier)
which can roughly be summarised by the following steps (see
Appendix B of Aubert et al. (2004) for details) :

1. For each particle in theN-body simulation, find then closest
neighbours using your favourite oct-tree algorithm (n has a
typical value comprised between 20 and 64, we use 20 in this
paper). The densityρi, associated to particlei of massmi is
then computed using the following equation:

ρi =
Vbox

Vr

mi +

n∑

1

m j ∗ spline
( ri j

r

) (1)

Herem j is the mass of particlej (one ofi’s n closest neigh-
bours), ri j is the distance between particlesi and j, and
r = 0.5 × max(ri j, j ∈ {1, n}) is the SPH smoothing length
for particle j. Vbox and Vr are the volumes of the simula-
tion box and of a sphere of radiusr respectively, so their
ratio yields the normalisation of the density across the box.
The spline function is the well-known Smoothed Particle
Hydrodynamics (SPH) kernel:

spline(x) = 1− (3/2)x2 + (3/4)x3 for 0 < x ≤ 1

spline(x) = (1/4)(2− x)3 for 1 < x ≤ 2

spline(x) = 0 for 2< x

2. Walking from particle to particle, identify local maxima
throughout the density field. Apply a first density threshold
ρt = 80 (which roughly corresponds tob = 0.2 used as stan-
dard by the FOF algorithm) to all particles, and link parti-
cles with a density aboveρt to their closest local maximum.
These groups of particles are defined as (sub)structures.

3. Identify saddle points in the density field between these
groups. Use these saddle points to create branches connect-
ing maxima together, in order to build a structure tree i.e. a
hierarchy of nodes where each node contains a collection of
particles whose associated density is enclosed between two
values. The lowest value is the density threshold used to cre-
ate the first node; the highest is the density associated to the
lowest saddle point (if any) detected inside it. The lowest
(“first”) level nodes are created by linking groups together
whose saddle point is above the first thresholdρt. The node
structure tree is then created by sorting groups in ascending
order according to the value of the density associated with
their saddle points.

This last item is best explained by Fig. 1 where the nodes
are represented by an ellipse, and sorted according to theirorder
of creation. The arrows represent how nodes are linked to one
another: the first node to be created in this example is node 1,
with all its particles having a density higher thanρt; then the
lowest saddle point density isρ23 which separate nodes 2 and
3. The particles of node 1, whose density is greater thanρ23 are
then split between node 2 and node 3 depending on how close
they are from the density maxima of these 2 nodes. The same
procedure is then repeated to create nodes 4 and 5 from node
3 using a new density thresholdρ45. This eventually leads to
defining nodes 5, 6, 7, 8, 9 as substructures or “leaves” because
their particles cannot be cannot be split anymore between higher
level nodes.

Whereas we can logically define a AdaptaHOP halo as the
collapsed node structure tree corresponding to a group of par-
ticles above theρt density threshold, its decomposition into a

main halo and a collection of subhaloes is more tricky. The main
problem lies in the fact that nodes are not in general associated
with physical objects. Only end-of-chain nodes, i.e. leaves, have
a physical meaning, so we have to re-arrange the node structure
tree in order to build the main halo and the subhaloes. We tackle
this issue in the next subsection (subhalo detection).
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Fig. 1. Example of a node structure tree as computed with
AdaptaHOP. Ellipses are nodes. The arrows show relationship
between nodes. In a branch of the tree two levels are separated by
a saddle point (indicated by a dashed line) in the density profile.
Leaves in the node structure tree are shown in grey. More mas-
sive leaves are represented by larger circles. Density of nodes
decreases from top to bottom.

2.2. Dark matter subhalo detection: One step methods

These last remarks naturally lead us to address the issue of sub-
structure identification, i.e. the detection of subhaloes within
haloes as well as subhaloes within subhaloes. The main prob-
lem we are faced with concerns the node structure built with
AdaptaHOP and described at the very beginning of the previous
section: nodes are not in general associated with physical ob-
jects. Only the end-of-chain nodes, i.e. the leaves, have a physi-
cal meaning as they are the only true local density maxima in the
density profile of their host halo. Since we need to define physi-
cal objects as subhaloes, a method is needed to create a tree com-
prised of a main halo and its subhaloes from the node structure
tree computed by AdaptaHOP. We propose several such meth-
ods in this section, and compare/contrast their advantages and
disadvantages in the next (Merger Histories).

The obvious choice would be to define as subhaloes all the
leaves in the node structure tree. Still referring to the example
shown in Fig. 1, this means that we would define nodes 5, 6, 7, 8,
9 as subhaloes (shown in grey in this figure) and associate nodes
1, 2, 3 and 4 (in white) to the main halo. However, this method
is not very satisfying because it leads to the loss of the hierarchy
of subhaloes: we would be left with only 2 levels of structures,
making it impossible to account for the presence of a subhalo
within another subhalo. Moreover not all density maxima can
be defined as subhaloes, as one naturally expects the main halo
itself to be centered on a density maximum.

For this reason, one is forced to lay down two simple, intu-
itive rules to build a halo tree:

1. The main halo and each of the subhaloes of the halo tree
must contain oneunique leaf from the node structure tree.
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fied main halo while still retaining a clear identity by becoming
a subhalo. Another, arguably better, way to proceed would beto
use the most bound particle(s) to define which of the possible
sons should be the main one (e.g. Okamoto & Habe (2000)).

In the remaining subsections of the paper we will be talking
about tree branches. What we define as a branch is a succession
of haloes and subhaloes linked together between two outputsof
anN-body simulation by a main progenitor – main son relation-
ship. It means that there is only one (sub)halo per branch at any
given step, and that a branch starts with a (sub)halo which has
no progenitor and ends (i) when a merger occurs with another
branch or (ii) when a (sub)halo has no son at the next output or
(iii) when the current output is the last one (e.g.z = 0).

3.2. Example of a merger tree built with and without
subhaloes.

Fig. 9.Example of a merger tree computed with MSM subhaloes
according to the rules described in the text (Sect. 3.1). Circles
represent main haloes, squares subhaloes. The main halo at red-
shift 0 is the one shown in Fig. 3. Its merger tree is shown in
the left hand side of the figure, whereas the merger trees of its
subhaloes are shown on the right hand side. Main haloes are
connected to their subhaloes using horizontal solid lines and
mergers between (sub)haloes are indicated by horizontal dotted
lines. A mass threshold was applied not to show the less massive
(thick) branches and limit this tree to less than 50 branches. Only
the 40 most massive branches of the full merger tree are shown
in this figure.

Figure 9 shows the full merger tree of the halo shown in Fig.
3, with subhaloes determined via the MSM, albeit for this par-
ticular halo, little difference would occur if this merger tree was
constructed with the DPM. In this figure, haloes are represented
as circles, subhaloes as squares. The main halo and its subhaloes
are on the first line, and all of their progenitors on subsequent
lines as time flows from the bottom to the top of the figure. Each
column is a branch of the tree either linked to the halo or one of
its subhaloes. The main progenitor is always in the same column

Fig. 10.Same as Fig. 9 except that the subhaloes have not been
taken into account (i.e. it is the merger tree of an AdaptaHOP
halo which includes but does not separate subhaloes). A mass
threshold was applied so as not to show the less massive (thick)
branches and limit this tree to less than 50 branches. Only the 42
most massive branches of the full merger tree are shown in this
figure.

as its son. When a merger occurs one branch ends (no more ob-
jects in this column) and a line connects it to the branch it has
merged with. In this plot we show that 16 branches directly lead
to the main halo at redshift 0. The first one is the main branch
(the trunk), and the 15 other ones which end before redshift 0
are called secondary branches. The other 22 “sub”-branchesde-
fine the merger histories of subhaloes hosted by the main halo
at redshift 0. The relationships between haloes and subhaloes
are indicated by a line at the top of each branch. They show
whether a subhalo is hosted by the main halo itself (solid lines
connecting the two objects) or, as for the branch in Col. 29, an-
other subhalo (dashed lines connecting the two objects). Some
lines linking branches are dotted: these mark mergers between
(sub)haloes which resulted in both objects retaining theiridenti-
ties (one becomes the subhalo of the other). When this happens
either of two things can occur at later times: (i) the branch of
the subhalo merges with the branch of its host or (ii) the sub-
halo becomes a stand alone halo again. Both cases are presentin
the halo merger tree of Fig. 9, with case (i) being more frequent
(branches in Cols. 2, 3, 7, 8, 9, 10, 15, 27, 28, 31, 32, 33, 35)
than case (ii) (branches in Cols. 13, 14, 23, 25, 34). Physically,
case (i) corresponds to progressive mass stripping of the subhalo
through dynamical friction, and case (ii) to structures which fly
by one another several times on elongated orbits before merging
together for good.

If we do not keep track of the subhaloes, as shown in Fig.
10 where we plot the merger tree of the AdaptaHOP halo (the
halo which includes the main halo and all subhaloes) the same
phenomenon of multiple fly-bys before merger leads to branches
being cut into pieces. The lower part of the branch will merge
with the halo at the first encounter, and the top part of the branch
will reappear as a new branch each time the “subhalo” jumps

Figure 2.4: A typical subhalo structure produced by ADAPTAHOP (Top). The size of the
ellipse represents the mass of the halo component, with ‘leaves’ of the halo tree represented
by grey circles. Saddle points between two subcomponents are separated by a dashed line.
HOP terminates after finding the halo. In the LOWER plot an example halo tree is shown.
Vertical lines connect the same structure between simulation snapshots, while horizontal
lines show mergers between halos. The use of merger trees allows us to easily follow
objects from their birth in the simulation and quantify the contributions of mergers on the
history of the halos. Figures reproduced from Tweed et al. (2009)
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Chapter 3

Pilot Study of a Typical Filament

In this chapter I develop the techniques for studying the filaments of a single Milky Way-
like galaxy. This will lay the foundation for a pair of statistical studies of a larger sample
of galaxies in Chapters 4 and 5.

The structure of this chapter is as follows: in section 3.1 I motivate the chapter, while
in section 3.2 I outline the simulation set up. In section 3.3 I describe how we identify the
filaments and perform the analysis. Section 3.4 presents the results of our work, compares
filament properties to an analytic model and discusses the robustness of the measurements
vis-à-vis resolution. I summarise the results in section 3.5.

3.1 Introduction

Galactic surveys have revealed the presence of anisotropic structure on scales of Mpc,
made up of nodes, voids, sheets and filaments (e.g. Davis et al., 1982; de Lapparent et al.,
1986; Geller and Huchra, 1989). Cosmological simulations are able to reproduce this net-
work, the so-called cosmic web (Bond et al., 1996; Pogosyan et al., 1998), and unveil its
existence not just for the distribution of galaxies but also for the underlying gas and DM
density, as a consequence of the hierarchical growth of structures in ΛCDM. Gravity am-
plifies small anisotropies, resulting in a near homogenous background collapsing to form
sheets which can collapse again along another axis to form filaments. Halos form at fila-
ment intersections where, according to cosmological hydrodynamics simulations, galaxies
at high redshift grow in mass and angular momentum primarily by material transported
along these filaments (Birnboim and Dekel, 2003; Kereš et al., 2005; Ocvirk et al., 2008b;
Pichon et al., 2011; Danovich et al., 2012; Stewart et al., 2013).

While at large scale gas filaments closely follow the structure of their DM counterparts
in the cosmic web, at the scale of halos they can penetrate deep into the virial radius and
even connect to galactic disks triggering star formation episodes (e.g. Katz et al., 2003;
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Figure 3.1: Zooming in on the NUT galaxy gas density field at z = 4. The leftmost panel
shows a gas density projection of the entire simulation volume (12.5 comoving Mpc), with
the high resolution zoom region enclosed in the square located in the bottom right corner
of the first panel. Each subsequent panel, going from left to right, displays a projection
of 1/8th of the volume of the previous panel. The size of each volume in physical units is
indicated. The middle panel shows the region within which the analysis in this chapter is
performed, chosen so as to maximize the length of the studied filament.

Kereš et al., 2005; Woods et al., 2014; Stewart et al., 2017). The erosion of these small-
scale gas filaments at lower redshifts is argued to be at least partly responsible for the
bimodal distribution in colour, star formation rates and morphology of galaxies (Dekel and
Birnboim, 2006), though quenching of the largest galaxies is dependent on AGN feedback
(see e.g. Croton et al., 2006). Other implicit evidence for the presence of inflows is the
presence of low metallicity G-dwarfs in the solar neighbourhood, as established in the
seminal work of van den Bergh (1962). As gas depletion timescales are estimated to be
on the order of a few Gyrs for local disk galaxies (e.g. Bigiel et al., 2011; Rahman et al.,
2012; Leroy et al., 2013), replenishment by inflow of pristine gas is required to match the
observations. This finding is also supported by observations of extended gas disks around
galaxies (co-rotating with the stellar disk), either directly in emission (e.g. from Lyman-α
Prescott et al., 2015)) or indirectly in absorption (e.g. from galaxy-quasar pairs, as studied
in Zabl et al., 2019; Ho and Martin, 2019), all suggesting filamentary accretion from the
cosmic web.

Rather than directly pursuing the filament properties themselves, it is possible to infer
them through indirect methods. On large-scales, many authors have measured halo or
galaxy spin alignment with cosmic filaments both in simulations (see e.g. Aragón-Calvo
et al., 2007a; Codis et al., 2012; Dubois et al., 2014a; Laigle et al., 2015; Ganeshaiah Veena
et al., 2018; Kraljic et al., 2019) and low-z spectroscopic observations (see e.g. Tempel and
Libeskind, 2013; Chen et al., 2019; Krolewski et al., 2019, among others). These results
highlight a redshift and mass dependence of the alignment signal, with halos with masses
above Mh > 1012M� displaying spins perpendicularly oriented with respect to the nearest
filament, whereas spins of halos with masses below Mh < 1012M� align with the nearest
filament. At low masses this is thought to be due to accretion of vorticity rich gas that drive

41



spins to align with the filament. At high masses this behaviour is overcome by mergers,
or as Laigle et al. (2015) argues, the accretion of material from multiple vorticity domains.
This dichotomy in galaxy spins shows the profound impact of cosmic filaments on the
galaxies embedded within them.

On smaller scales, the misalignment of gas and DM angular momenta in simulations
has been attributed to different redistribution processes during halo virialisation (e.g. Kimm
et al., 2011a; Stewart et al., 2013). However, it has also been argued that instabilities within
the filaments could develop, leading to their fragmentation and breakup, thereby preventing
cold gas from being smoothly accreted by the host galaxy. In such a scenario, the angular
momentum segregation between DM and gas could be construed as an artefact of poor
numerical resolution in filaments. Several authors (Freundlich et al., 2014; Mandelker et al.,
2016; Padnos et al., 2018; Mandelker et al., 2019; Berlok and Pfrommer, 2019b) carried out
idealised simulations of filaments entering a halo, and concluded that they should be stable,
given their width and velocity. Cornuault et al. (2018) used a phenomenological model of
a gas stream to explore the possibility of a turbulent, multi-phase filament. The accretion
efficiency of such a filament would be reduced, but it remains unclear as to whether such a
multi-phase model constitutes an acceptable description of cosmological filaments. Using
a cosmological zoom simulation tailored to achieve maximum resolution in the filaments,
Rosdahl and Blaizot (2012) find that they remain stable within halos with masses of up to
a few 1011M� at least as to low as z = 3, whilst they show more disruption within halos of
larger masses in line with arguments made in Birnboim and Dekel (2003).

Ultimately, to distinguish between these scenarios and better assess the role played by
filaments on galaxy evolution, quantitative direct measurements of their properties need
to be made. However, these have proven notoriously elusive so far (see e.g. Kimm et al.,
2011a) for a more detailed discussion. Indeed, direct observations of the distant cosmic
web suffer from the steep scaling of surface brightness with redshift, which makes the cold
filaments extremely hard to detect in emission (though not impossible, see e.g. Giavalisco
et al., 2011; Ribaudo et al., 2011; Kacprzak et al., 2012; Martin et al., 2016; Gallego et al.,
2017; Elias et al., 2020), and thus rely on stacking, or back-lighting by a bright source.
Efforts to understand observed filament properties are correspondingly mirrored by simu-
lations (e.g. Gheller et al., 2015, 2016). On large scales, filaments of the cosmic web are
reported to have a radial power law profile in density with a power law index comprised
between -1 and -2 (see e.g. Colberg et al., 2005; Dolag et al., 2006; Aragon-Calvo et al.,
2010). Smaller scale studies have been performed by e.g. Ocvirk et al. (2016a), who de-
termined the outer radii of filaments in their simulation to be about 50h−1kpc at z = 4.3
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by looking at the separation between temperature peaks caused by the accretion shock, al-
though these authors acknowledge that they did not separate edge-on sheets from filaments
in their sample. Using cosmological simulations, Dekel et al. (2009) found that DM fila-
ment radii are comparable to the virial radius of the halos they connect, and that the cold
gas streams residing within the halos are considerably narrower, typically a few percent of
the virial radius.

To date, the rich complexity of the filamentary network connecting halos of various
masses and its evolution with redshift has yet to be investigated systematically. In this
chapter we argue that to do so, it is pivotal to work on a cosmological sample of well-

resolved filaments and take a step in this direction by measuring filament profiles from the
density, vorticity, and temperature field information available in a zoom-in cosmological
simulation. Our focus is on intermediate-scale filaments, that is, those connecting to a M?

galaxy, at moderate to high redshift (z ≥ 3). We also investigate how stellar feedback can
perturb these filaments. Given the limited sample considered in this work, it should be
considered a pilot study. In the next chapter, the methods developed here will be applied
to NEW HORIZON (Dubois et al., 2020), a cosmological zoom of the HORIZON-AGN
(Dubois et al., 2014b) simulation, covering a sphere 20 Mpc in diameter with similar res-
olution to the NUT simulation, where a statistical sample of filaments can be obtained,
connecting a more diverse ensemble of galaxies.

3.2 The NUT simulation suite

The analysis is performed on two simulations of the NUT suite (Powell et al., 2011), a
series of cosmological zoom-in simulations of a Milky Way like galaxy designed to study
the effects of resolution and various physical processes on its formation and evolution using
the Adaptive Mesh Refinement (AMR) code RAMSES (Teyssier, 2002). Initial conditions
are generated at redshift z = 499 using the MPGrafic code (Prunet et al., 2008) with
cosmological parameters set in accordance with the WMAP5 results (Dunkley et al., 2009).
The simulation volume is a cubic box 9h−1Mpc on a side and a coarse root grid of 1283

cells. A series of three nested grids are then centred on a sphere with radius 2.7h−1Mpc
which encompasses the Lagrangian volume occupied by the galaxy (host dark matter halo
mass of Mvir = 5×1011M� by z = 0). AMR refinement is then enabled within that sphere
using a quasi-Lagrangian refinement criterion to achieve a maximal spatial resolution of
10pc at all times whilst forcing the mass of each individual cell to remain roughly constant.
The collisionless fluid in this high resolution region consists of dark matter (DM) particles
each with mass 5.6× 104M�, whereas the gas evolution equations are solved on the AMR
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grid by means of a Godunov method (HLLC Riemann solver) with a MinMod limiter to
reconstruct variables at cell interfaces. The gas density field in the simulation is shown in
Fig. 3.1 at z = 4, gradually zooming in from the full box onto the central galaxy itself.

In this chapter, we use a NUT simulation with no feedback, and one with mechanical
supernova feedback as defined in Kimm et al. (2015). In the following, we refer to these two
simulations as the “no-feedback” and “feedback” runs respectively. The feedback recipe of
Kimm et al. (2015) ensures that the appropriate energy or momentum is deposited into the
cells around the supernova, depending on whether the Sedov-Taylor phase of the blast wave
is resolved or not. This prevents the supernova energy from being artificially radiated away,
as would happen if solely thermal energy was injected (the so called over-cooling problem
described in Katz, 1992). Both runs under study use cooling tables calculated by Sutherland
and Dopita (1993), down to 104 K, and the Rosen and Bregman (1995) approximation
for temperatures below this threshold. A UV background is instantaneously turned on at
z = 8.5 to account for the re-ionisation of the Universe, while star formation is allowed to
proceed when gas densities become greater than 4 × 102H.cm−3 with an efficiency of 1%
per free-fall time, calibrated on observations by Kennicutt (1998). A detailed description
of the implementation of star formation used in this version of RAMSES may be found
in Rasera and Teyssier (2006) and Dubois and Teyssier (2008). For the feedback run, a
Chabrier initial mass function (Chabrier, 2003) is adopted, with 31.7% of the mass fraction
of each star particle ending up as a single type II supernovae and releasing 1050 erg M−1

� of
energy after a 10 Myr time delay and expelling heavy elements with a 5% yield.

3.3 Filament Identification

As we aim to measure the properties of the cosmic web filaments, both in the DM and gas
density fields, we now describe how we identify these structures in the simulations.

3.3.0.1 Method

The DM particle distribution is tessellated using the Delaunay Tessellation Field Estimator
tool (Schaap, 2007) and fed to the code DISPERSE (Sousbie, 2011). DISPERSE computes
stationary points (maxima, minima and saddle points) of the density field using the Hessian
matrix and assigns to each pair of critical points (e.g. maxima-saddle) a persistence, namely
a measure of how significant it is with respect to a Poisson distribution. The persistence
threshold is the single parameter that determines which features are considered as noise
and which robustly pertain to the topology of the underlying density field. From this set of
stationary points that characterize the topology of the field, DISPERSE connects saddles
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Level

Figure 3.2: Resolution map for a slice of thickness 300pc, across a (625kpc)2 region of the
computational domain at z = 4, with each colour representing a different resolution level
as indicated on the figure. At this redshift, the filament is uniformely sampled at 1.2 kpc
resolution (AMR level 11: green) and partly at 0.61 kpc (AMR level 12: yellow) around
the most massive halos embedded in it. Even though the highest spatial resolution reached
in the simulation is 10 pc, which corresponds to AMR level 20, levels above 13 are not
shown as they are confined to the galaxies themselves and their immediate vicinity.
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Figure 3.3: DM (left column) and gas (no-feedback run, middle column; feedback run,
right column), with each row showing column density (top), temperature (middle) and
vorticity (bottom) in a slice 625 kpc across and 1 kpc thick at z = 4. The main filament, as
extracted from the DM density field, is overplotted (blue solid line) on the column density
maps. The virial radii of the 50 largest halos are marked as circles. The differences between
the feedback and no-feedback skeletons are caused by small differences in the noise level
associated with DM particles: they yield slightly different paths which have a very similar
length, so that either path can be chosen by the algorithm described in the text. The colour
bar for the density represents the gas. To estimate it for the DM, one simply needs to divide
the numbers shown by the universal baryon fraction. For the DM temperature, velocity
dispersion is used as a proxy, with dark blue corresponding to regions of∼ 0.02 km s−1 and
deep red with ∼ 100 km s−1. In the vorticity panels, red represents matter swirling counter
clockwise around the filament, and blue is for matter rotating in the opposite direction. The
vorticity and enhanced temperature (or DM dispersion) neatly coincide with each other
giving an excellent proxy for the width of the filament. For the feedback run however,
energy and vorticity is injected onto large scales, making this proxy useless in the gas. In
spite of this however, the cold core of the filament does survive the energy injection.
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to maxima following the direction of least gradient to create a network of filaments which
will be referred to in this chapter as the “skeleton”, and we will call “nodes” the maxima
of the density field.

3.3.0.2 Extraction of the skeleton from the simulations

For each simulation, filaments are extracted from the Delaunay tessellation reconstruction
of the DM density field, setting a persistence threshold of 10σ. This persistence threshold
is chosen such that the observed skeleton is in good visual agreement with the DM density
field. Our results are in fact insensitive to the exact value chosen for this threshold, as we
are only studying the main filaments feeding the galaxy (see Section 3.3.1). The skeleton is
additionally processed with SKELCONV (see DISPERSE manual1) using the BREAKDOWN

and SMOOTH functions. BREAKDOWN removes duplicate segments entering a node from
two different starting points. These segments can be so close as to be indistinguishable
from one another and as such are removed to prevent their over-representation in the final
skeleton. The skeleton is then smoothed by averaging over the positions of the 30 nearest
neighbours of each segment. This mitigates the effects of Poisson noise on the skeleton,
ensuring that individual segments locally follow the global direction of the filament they
belong to.
In both the feedback and no-feedback runs, 1.22 physical kpc is the maximum spatial res-
olution reached in filaments, defined as the size of an individual cell on the highest AMR
grid level that entirely maps the filament (see Fig. 3.2). As is clear from Figure 3.2, higher
refinement levels are triggered within filaments but their coverage is patchy, and mostly
concentrated around halos/galaxies embedded within these elongated structures. As we
argue in our convergence analysis (Section 3.4), we believe 1.22 kpc is enough to resolve
the radial structure of filaments, at least those that connect to halos/galaxies with masses
similar (or larger) to the one we study in this chapter (roughly M?). We emphasize that
this is a much higher resolution than that currently reached in large-scale cosmological hy-
drodynamic simulations, where ' 1 kpc resolution is only attained within galaxies (e.g.
Dubois et al., 2014a; Vogelsberger et al., 2014; Schaye et al., 2015; Nelson et al., 2018;
Davé et al., 2019; Nelson et al., 2019). The main drawback of our study is that such res-
olution is obtained at the cost of simulating a much smaller volume, and thus focuses on
a single object. Filament extraction is performed at the maximum level of resolution thus
defined. However, as highlighted by Rosdahl and Blaizot (2012) and in our convergence
study (Section 3.4), increasing the resolution does not seem to affect the filament properties
much, and we thus expect that our results only weakly depend on resolution.

1http://www2.iap.fr/users/sousbie/web/html/index4f3e.html?category/Manual
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Figure 3.4: The left plot shows the raw skeleton extracted by DISPERSE, which traces
all the filaments of the DM density field, coloured according to the relative density (with
low density in red and higher density in blue) . Using Dijkstra’s algorithm we then obtain
the skeleton on the right, where we have removed filament segments from regions with
densities greater than 130 times the mean density, resulting in gaps around virialized halos
and sub-halos (indicated by circles enclosing their virial radii on Fig. 3.3). In both panels,
the skeleton is overplotted on a z = 4 projection of the DM density field. This cleaned
version of the output of DISPERSE is what we use for our analysis in this Chapter 3 and
Chapter 4.

Finally, we note that DISPERSE applied to the DM particle distribution, as is done in this
chapter, only allows the extraction of the filaments down to a scale comparable with the
virial radius of DM halos. Below this scale, DM filaments (at least in standard 3D space)
are washed out by the virialisation process at the origin of halo formation and evolution.
Therefore, we restrict our measurements of filament properties to filament segments located
outside of the virial radii of embedded DM halos.

3.3.1 Identifying the main filament

The gas and DM distributions differ significantly even for the no-feedback run (compare left

and middle panels of Fig. 3.3), with the gas density field presenting much fewer filamentary
structures than the DM2 In addition, even though dwarf galaxies residing within filaments
are affected by feedback, the impact of this feedback on the growth of the central galaxy
is minimal (it does not lead to the disruption of the main filament) as the majority of the
gas feeding it at high redshift is accreted via filaments, and not from mergers (Danovich

2This is a consequence of re-ionisation reheating the gas of the IGM and preventing accretion into the
shallow potentials of DM filaments (Katz et al., 2019).
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et al., 2012; Tillson et al., 2015). However, the gas density field in the run with feedback
will be more perturbed due to interactions with galaxy winds and shocks (see middle and
right panels of Fig. 3.3), making the comparison between feedback and no-feedback runs
difficult. Furthermore, DISPERSE is designed to work with particle data, as it allows in this
case a meaningful definition of persistence (the very concept of which relies on quantifying
the significance of a feature with respect to Poisson noise). For these reasons, and given
that we are not interested in probing the existence of filaments within the virial radius of
DM halos in this work, the DM density field seems more appropriate to carry out filament
extraction.

We therefore elect to extract the skeleton from the DM density field, but trim it in order
to keep only the main filament, along which most material flows onto the galaxy. For an M?

central galaxy, the main filament traced in the gas clearly coincides with its DM counterpart
(see top panels of Fig. 3.3). As we are analysing a filament connecting to a single object,
we identify the approximate region where it begins and ends by eye, and select the highest
density point in this region as its starting/end point3. We then use Dijkstra’s algorithm
(Dijkstra, 1959) to compute the shortest path (following the skeleton) between the start
and end points. This works by assigning to each segment a distance from the start point,
travelling along all the various possible paths of the skeleton. Whenever a shorter path to
a given segment, s, is found, then the selected path is updated up to s, and the distances to
all segments connected to s along this path which have a longer path length, are updated.
This process is iterated until the network is traversed, yielding the shortest path between
the given start and end point. The method is valid provided the main filament flows mostly
straight onto the galaxy, which, in turn, holds until the filament gets close to the galaxy disk
(Powell et al., 2011).

In order to avoid the filament passing through halos, filament segments located in re-
gions with densities higher than 130 times the mean density of the Universe were excluded4.
This density threshold is chosen empirically, but the resulting skeleton does not depend
very sensitively on the chosen value provided this latter is on the order of 100 times the
mean density of the Universe. The entire initial filamentary network and the resulting main
filament extracted after post-processing are shown in Fig. 3.4. Fig. 3.3 highlights that the
skeletons extracted from the DM density fields of the feedback and no-feedback runs are

3For larger volume cosmological simulations where an ensemble of filaments is available one can forgo
the inspection by eye and simply use the closest pair of galaxies with similar masses which are linked by the
skeleton as the starting and end points of a filament.

4This value is lower than 200 times the critical density of the Universe which is commonly used in the
literature to define virialised structures. This reflects the fact that the density of halos at the virial radius is
lower than their average density by about a factor 3.

49



kp
c

kpc

DM Gas (no feedback) Gas (feedback)

D
en

si
ty

(M
�

pc
−

3
)

Te
m

pe
ra

tu
re

(K
)

Vo
rt

ic
ity

(k
m

s−
1

kp
c−

1
)

Figure 3.5: A typical filament cross-section, extracted 200 kpc away from the central galaxy
in DM (left column) and gas (no-feedback run, middle column; feedback run, right column)
at z = 4. The thickness of the slice is of order 1 kpc. Note how the central filament (density
peak in the 2D slice) is embedded in a weaker wall structure (which appears as a thick
elongated tube encompassing the peak). From top to bottom row: density, temperature (or
velocity dispersion for DM, running from 0 to 25 kms−1, dark blue to red) and vorticity
along the filament, with red representing matter rotating counter-clockwise and blue in the
opposite direction. As in Fig. 3.3 the correlation between the vorticity and temperature
field should be noted. The vorticity is low outside the point where the shell crossing and
shocking occurs, again suggesting that this is an excellent proxy for the size of the filament.
The truncation radius is not available for the gas when feedback is important.
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slightly different. In this Figure, one can clearly see a pair of filaments on the left side of
the central galaxy, which are in the final stages of merging. As a result, our algorithm iden-
tifies two possible paths along which the main filament would have essentially the same
length. Small changes in the noise level associated with the DM particles in the two dif-
ferent runs change the exact way that segments connect, resulting in the algorithm picking
one of these paths in one run and the other path in the other run. Our results are, by and
large, independent of such small randomly induced differences.

3.3.2 Cross-section measurements
3.3.2.1 Calculating DM temperature and vorticity fields

Due to the discrete Lagrangian nature of the numerical technique used to evolve the DM
density field, a simple cloud-in-cell interpolation onto a reasonably sized regular grid gen-
erates a non-smooth density field in poorly sampled, low density regions. To get around
this difficulty, a Delaunay tessellation (Schaap and van de Weygaert, 2000) is computed
from the DM density and velocity fields (see e.g. Schaap, 2007), which ensures their spa-
tial continuity. The Delaunay grid is then projected onto a regular uniform grid, coinciding
with AMR grid level 11, which corresponds to the maximum resolution mapping of the
entire filament (cubic cells 1.22 kpc on a side, see Fig. 3.2). This uniform grid is used for
measurement of all quantities in this chapter unless otherwise stated. The DM velocity dis-
persion field – used as a proxy for temperature – is then obtained by computing the square
of the difference between each particle velocity and the value of its nearest neighbour grid
cell and re-applying the Delaunay tessellation with this dispersion as the weight. Every
time the Delaunay tessellation is projected onto the grid, we average all the tetrahedra (or
volume fractions of) that co-exist in each grid cell. The vorticity, on the other hand, is
simply calculated by taking the curl of the velocity field on the uniform grid. As this latter
is extremely noisy, a Gaussian smoothing is applied prior to computing vorticity, with a
width of 2 cells.

3.3.2.2 Cross-section extraction and radial profiles

For each segment of the skeleton, a field (density, temperature or vorticity) is linearly inter-
polated in a plane, the thickness of which is equal to the skeleton segment length (typically
0.3 kpc, though this depends on the local density). This plane is perpendicular to the seg-
ment and centred on it. An example of individual cross-sections in the density, temperature
and vorticity fields is displayed in Fig. 3.5. Note that the position of the DM or gas density
peak does not necessarily lie exactly at the centre of the plane due to the smoothing of the
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skeleton. Smoothing is required to ensure that individual segments point along the filament
direction, and thus that the extracted planes are truly perpendicular to the filament. The gas
density maximum is not tied to the DM density maximum and thus is also unlikely to be
at the centre of the plane. In order to correct for such small offsets which nevertheless do
affect profile measurements, each plane is to better align the plane with the filament centre.
Competing methods are shown in Fig. 3.6, for high and low redshift, and for gas and DM
profiles.

The first and most obvious approach is to define the centre as the maximum density
density point subject to constraints on how far from the skeleton the centre can be moved.
However, this results in the profile artificially jumping to halos within or near the filament,
resulting in profiles with steep slopes and small core sizes, opening to the NFW profile
of the halo polluting the filament profile. The centre of mass is also shown, however this
occasionally places the filament centre between high density peaks, resulting in a profile
that rises before falling. The chosen solution was to use the shrinking sphere (Power et al.,
2003) method, consisting of iteratively calculating the centre of mass within a shrinking
radius, centred on the previous guess. This ensures that the final position is a local max-
imum, while respecting the larger scale filament. This can be particularly problematic in
DM filaments as the structure is significantly clumpier than the gas filaments. To further
reduce the impact of filamentary halos, the density field was truncated at 40〈ρ〉, which is
a typical density at the virial radius of a halo. This tends to remove objects marked by the
red cross in the figure. The centre of mass of a circle centred (with a radius greater than
the truncation radius) on the initial guess from DisPerSE is calculated. The circle is moved
to the centre of mass before the procedure is repeated with a smaller circle. This method
is more robust to the presence of additional substructure within the filament, particularly
as cells with ρ > 40〈ρ〉 have had their density reduced to 40〈ρ〉 for the calculation of the
centre of mass. This prevents halos existing within or near the filament from being chosen
as the filament centre and distorting the filament profile. DM and gas planes are therefore
translated independently. This procedure allows us to align all segments when stacking
cross-sections.

Vorticity and temperature fields interpolated onto the plane perpendicular to the seg-
ments are then translated with the same shift as the density field. When looking in the
plane perpendicular to them, filaments appear as strong peaks in the projected density field
(see top row of Fig. 3.5). Alongside this, the major walls associated with these filaments
is often visible extending out from the peaks, forming thick elongated structures which
are not necessarily straight. In the temperature field (middle row and middle column of
Fig. 3.5), strong radial shocks are observed around the filaments themselves, with weaker

52



y
(k

pc
)

x (kpc)

z = 4, DM z = 8, DM

z = 4, gas z = 8, gas

Figure 3.6: Different implementations for finding the filament centre. The black cross
represents the centre as found by the shrinking circle method. The centre of mass enclosed
by each of the grey circles is used as the centre for the next iteration. The green cross is the
centre of mass of the plane, red is the local maximum within 10 cells of the centre defined
by DISPERSE (purple). The global maximum across the entire plane is shown in blue. This
is coincident with the local maximum in the z = 8 snapshot. These slices were randomly
chosen for the two redshifts as two extremes of the types of filaments encountered by the
algorithm to ensure that a sensible result would be obtained in such cases.
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shocks also present at the wall boundaries and where the walls intersect to form the fila-
ments. In the vorticity field (bottom row, middle column of Fig. 3.5) both filaments and
walls are identified with the regions of highest vorticity amplitude. The DM filaments (left
column of Figs. 3.3 and 3.5) appear wider than their gaseous counterparts. Supernovae
feedback (right column of Figs. 3.3 and 3.5) renders filaments and walls imperceptible in
the gas vorticity field (bottom right panels) although radial shocks are still present at the
filament edges (middle right panel) and the gas density peak remains clearly visible (top
right panel).

Radial profiles are measured from the 2D cross-sections by computing the azimuthal
average in concentric shells centred on the highest density point. When discussing the
effects of resolution on the filament profile, we take the median value for the distribution
of all filament segments at a given resolution and for each radius, as a single profile is
required. However, for the rest of the measurements in this chapter, we consider individual
profiles fitted to each cross-section over the entire radius range. In Fig. 3.7 the median
profile obtained in that way (filled red disk symbols joined by the red solid line) can clearly
be seen to follow the shape of the other 10 randomly chosen profiles (thin black dashed
lines). The advantage of this second method (fitting the whole profile) is that we can easily
bin results according to other filament properties, such as distance to the central galaxy.
This should more accurately reflect the underlying filament property distribution.

3.3.2.3 The special case of vorticity cross-sections

Vorticity being a vector, the structure of the vorticity field is far more complex than density
or temperature (as illustrated by the bottom panels of Figs. 3.3 and 3.5) and, as a result,
it not easy to stack individual vorticity profiles obtained for each skeleton segment. When
stacking is required, we therefore use the modulus of the vorticity parallel to the direction of
the filament and ignore azimuthal variations in vorticity. The vorticity field in the direction
of the filament is extracted in the same way as described in the previous section for the
density and temperature. As shown in the bottom panels of Fig. 3.5, the vorticity has
a multipolar structure, with several rotating and counter-rotating vortices surrounding the
filament. Outside the filament the amplitude of vorticity rapidly declines. Within filaments,
the geometry of the vorticity field is mainly quadrupolar (see Laigle et al., 2015), though
we found that dipoles and higher order structures are not uncommon reflecting that the flow
have shell-crossed several times). This larger diversity in the structure of the vorticity field
probably reflects the fact that the analysis in this chapter looks at smaller scale vorticity
than Laigle et al. (2015), and extends the measurement to gas. We recall that primordial
vorticity is destroyed in an expanding Universe, and therefore voids are extremely vorticity
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Figure 3.7: Fits of the median DM (left panel) and gas (right panel) density profiles (red
solid line and red disk symbols) at z = 4, using a filament plus wall Mfil+wall (green
dashed line)or a filament only Mfil (yellow dashed line) model. The shaded area rep-
resents a 1 sigma deviation estimated by bootstrap re-sampling the values at each radial
distance. Though the inner profile appears to be well fitted by both models, the core radius
returned byMfil is twice that ofMfil+wall. At larger scales the pure filament model also
underpredicts the density.

poor. Vorticity can later be produced by shocks or shell-crossing (respectively for gas and
DM), and as result is chiefly confined to walls, filaments and nodes (see e.g. Pichon and
Bernardeau, 1999).

3.4 Results: measuring the filament profiles

In the following, we first derive analytically the radial profiles of filaments under the as-
sumption that they are in hydrostatic equilibrium, and then compare them to the profiles
directly measured in the simulation.

3.4.1 An analytic description of DM and gas filament profiles

To obtain our analytic solution, we make the simple assumption that filaments may be
modelled as infinite self-gravitating isothermal cylinders. Fig. 3.9 presents the sound speed
and velocity dispersion profiles in filaments. We have been careful to subtract the bulk
velocity of the material when extracting this data. Within the filament, the sound speed
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and velocity dispersion are flat and dominate over the accretion velocity onto the filament,
which suggests – for the centre of the filament at least – that the filament may indeed be
treated as an isothermal cylinder in hydrostatic equilibrium5 , i.e.

∇φ = −∇P
ρ

, (3.1)

where P = Kρ, and K = kBT/(µmp), with ρ the density, T the temperature, kB the
Boltzmann constant, mp the proton mass and µ the mean molecular weight of the gas.
Stodólkiewicz (1963) solved this equation in the case of cylindrical symmetry (see also
Ostriker, 1964), and we will discuss the solution shortly. However, before we do, we
briefly outline why it also applies to the collisionless DM fluid. Let us consider the time
independent Jeans equations (Jeans, 1915) for such a collisionless system:

∂

∂xi
(nvi) = 0 ; nvi

∂vj
∂xi

= −n ∂φ
∂xj
− ∂(nσ2

ij)

∂xi
. (3.2)

where vi are the velocities, σij are velocity dispersions and n is the DM number density.
Under cylindrical symmetry, we may neglect all but the radial component of these equa-
tions. Further assuming steady state (i.e. that vr = 0, such that accretion onto the filament
is negligible compared to internal pressure support) and that velocity dispersion is isotropic,
the equations simplify to:

d

dr
(nvr) = 0 ;

dφ

dr
= − 1

n

d(nσ2)

dr
. (3.3)

The second equation in (3.3) is entirely analogous to equation (3.1), withK = σ2, though it
is clear that accretion flow onto the filament cannot be ignored at large radii (see Fig. 3.9).
The solution to both equations are therefore identical. The differential equation may be
solved analytically as in Stodólkiewicz (1963):

ρ(r) =
ρ0

(1 + (r/r0)2)2 with r0 =

√
2K
πGρ0

. (3.4)

where G is Newton’s gravitational constant, ρ0 is the central density and r0 the core radius
of the filament. Note however that it is the gravitational potential common to both compo-
nents which should appear on the left hand side in both the second equation in (3.3) and
in eq. (3.1), so that technically speaking only the DM is truly close to a self-gravitating
isothermal cylinder, the gas being in hydrostatic equilibrium in the potential well of the
DM filament.

5At least in the plane perpendicular to the filament, as we know that eventually, DM and gas flow along
the filament into dark matter halos. In the steady state regime however, such a flow should not perturb the
equilibrium.
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As a preliminary test of the model, we can use a typical DM filament central density
of ρ0 ∼ 1.7 × 10−26g cm−3, i.e. ∼100 times the mean density of the Universe (the central
filament density is subject to significant variations but this is typical of the median DM
density, see left panel of Fig. 3.7, also Ocvirk et al., 2008a; Mandelker et al., 2016, for
upper bound on filament overdensity)) at z = 4 for our choice of cosmological parameters,
and a velocity dispersion σ ∼ 10 km/s (typical of the median DM velocity dispersion we
measure, see Fig. 3.9). Plugging these values in the second equation (3.4), we find a scale
radius r0 ∼ 8kpc, which is broadly in agreement with the typical radius of the inner profile
measured in the simulation, as shown in Fig. 3.7 (left panel) and in table 2. As the width
of the gas filament is set by the depth of the DM potential and the gas temperature, one
needs to artificially use the DM central density for ρ0 in equation (3.4) rather than that of
the gas to obtain an estimate of r0 for this latter (as shown on Fig 3.7 the gas density is
about a factor 5 lower than that of the DM throughout the filament, in agreement with the
universal value ΩDM/ΩB). As the DM velocity dispersion for the particular filament we
study is comparable to the gas sound speed (i.e. ∼ 10 km/s or 104K which corresponds
the bottom temperature of the cooling curve for atomic hydrogen, see Fig. 3.9) we expect
a core radius for the gas similar to that of the DM, i.e. r0 ∼ 8kpc, and this indeed seems to
be within a factor of 2 of the measured value (see right panel of Fig. 3.7 and table 2).

However, the isolated, infinite isothermal cylinder appears too highly idealised a model
in at least one aspect, as can be seen by the failure of the yellow dashed curves (best fit
obtained using the first equation (3.4)) to match the measured median profiles (solid red
lines and red disk symbols) in Fig. 3.7. In reality filaments are born from the intersection
of walls (see Fig. 3.5 middle column panels), the presence of which will modify the filament
profile, especially in the outer regions. The filament can be represented in cartoon form in
Fig. 3.8. Here the central filament (the black cylinder) is embedded in a wall like structure.
Further out, the red cylinder represents the point at which fresh matter is accreted onto the
filament, where the filament profile is expected to break down. The left hand side gives a
comparison of the planes to this highly idealised representation of the filament.

Assuming that the walls may also be treated as hydrostatic atmospheres, but this time
confined to a plane containing the filament, the equations governing their profiles are iden-
tical to eqs. (3.1) and (3.3). These latter simply need to be solved in 1D instead of 2D,
yielding in the direction y perpendicular to the plane (Spitzer, 1978):

ρ(y) = ρy0 sech2(y/h) , (3.5)

with the scale height h =
√
K/(2πGρy0) taking a very similar functional form as r0 in

eq. (3.4), and ρy0 standing for the density in the mid-plane (y = 0) of the wall. However,
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Figure 3.8: A cartoon representation of the filament (right), alongside a couple of slices
across the filament density (left) and temperature (middle). The key filament features are
the core radius delineated by the central black cylinder in the cartoon, the truncation radius
in red at the position of the accretion shock, all embedded in the black wall structure. Note
that the cartoon version is viewed near perpendicular to its length rather than face on as in
the slices.

we need to integrate this wall profile over concentric cylindrical shells to evaluate how it
modifies the filament profile. Unfortunately, this integral does not possess a simple analytic
closed form, so we approximate the azimuthally averaged density of the wall by:

ρ(r) =
ρy0

α

tanh(αr/h)

r/h
, (3.6)

with α = π/2. Such an approximation captures the asymptotic behaviour of the correct
solution for r � h, and is accurate to better than 14% for all values of r. As can be seen in
Fig. 3.7, the inclusion of a wall modifies the shape of the outer filament. This might (at least
partially) explain the discrepancy between filament density profiles previously reported in
the literature, with power-law slopes ranging between -1 and -2 (see e.g. Colberg et al.,
2005; Dolag et al., 2006; Aragon-Calvo et al., 2010). However we caution that these studies
were performed on much larger scales and so may not be directly comparable to our work
as they might potentially be affected by different biases.

One can easily show that in the case where the gas isothermal sound speed cs =√
kBT/(µmp) equals the DM dispersion velocity σ, the density profiles of the gas and

DM have the same exact shape, differing only by their normalisation, i.e. the value of the
central density. In the more general case where these two velocities differ, one can solve
Eq. (3.1), assuming that the DM dominates the potential (LHS) and is resisted by the gas
pressure on the RHS. This once again gives an analytic solution:

ρg(r) = ρg0

(
1 + (r/r0)2

)−2σ2/c2s , (3.7)

so that if cs > σ, it is shallower than that of the DM, and vice-versa. Katz et al. (2019)
measured this effect by comparing two versions of the same cosmological simulation with
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and without reionisation. They find that narrow streams are widened by the photo-heating
of the gas, and that the gas counterparts of the lightest DM filaments can even be entirely
erased.

Note that this reasoning also applies to the isothermal gas density profile of a DM
dominated isolated wall: when cs and σ differ, it becomes

ρg(y) = ρgy0 sech2σ2/c2s(y/h) , (3.8)

3.4.2 Testing the simple model

The first assumption we have made concerns the isothermality of the filament-wall system
and that accretion onto the filament provides it with negligible support. In Fig. 3.9 we can
see that for the no feedback run both the gas sound speed (black solid line and solid disk
symbols) and the DM velocity dispersion (red solid line and solid disk symbols) stay con-
stant over most of the width of the filament, indicating that the isothermal approximation
does indeed hold rather well. In addition, the gas and DM accretion velocities are con-
siderably lower than the sound speed and velocity dispersion respectively, and as such the
dynamics of the system should be mainly driven by the pressure support. Moreover, the
accretion shock itself is also non-adiabatic. Indeed, the upstream mach number (beyond 20
kpc) isMu ≈ 50/10 = 5 (from Fig. 3.9, comparing the outer gas accretion velocity with
the sound speed), thus the Rankine-Hugoniot jump conditions lead to a downstream Mach
numberMd = 0.47, and it thus follows that the downstream sound speed (within 10 kpc of
filament centre) should be 40 km s−1, i.e. twice the value of that measured. This indicates
that the filament accretion shock is radiative rather than adiabatic. Finally, we also plot on
Fig. 3.9, the circular velocity Vc ≡ (GM/r)1/2 (blue solid line with solid disk symbols)
measured for the filament, where M is the mass enclosed by a cylindrical shell of radius r.
We find that it is comparable to or lower than the sound speed/velocity dispersion, which
further indicates that the filament is chiefly supported by pressure rather than by rotation,
contrarily to what is argued in Mandelker et al. (2018a).

In Fig. 3.7 we present 2 models, pure filament (Mfil), filament with wall (Mfil+wall). In
practice, this means that along each individual skeleton segment, we fit the radial density
using the formula:

ρ(r) =
ρ0

(1 + (r/r0)2)2 + ρ1 tanh(αr/r1)
r1

r
, (3.9)

where r1 = h, and ρ1 = ρy0α
−1. In principle, the values for σ and cs could be different

for the wall and embedded filament. However, for sake of simplicity and since we expect
these two quantities to roughly behave in a similar manner, at least in the vicinity of the
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Figure 3.9: Median values for gas sound speed (black) from the no feedback run, DM
velocity dispersion (red), gas (green) and DM (yellow) accretion velocity and circular ve-
locity (blue) profiles at z = 4, with shaded regions representing the 1 sigma scatter about
the mode for each data point. Note that in the inner filament region, one measures a near
constant sound speed and velocity dispersion, which indicates the filament is, to a large ex-
tent, isothermal. This breaks down at larger radii, due to both higher rates of radial inflow
and falling sound speed and velocity dispersion. The velocity dispersion and sound speed
are significantly higher over the inner filament than the circular velocity, indicating that the
structures do not require rotational support.
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filament, we ignore the possible change in the ratio of σ2/c2
s in our Mfil+wall model (see

Fig 3.9 for the validity of this assumption). The fit is performed using the Levenberg-
Marquardt algorithm where the wall is first fit to the outer half of the profile with the
filament contribution set to zero. The wall parameters are then frozen in place while fitting
the filament parameters. In the case of a pure filament model (i.e. Mfil), the filament is fit
to the entire profile, setting ρ1 = 0. The procedure was tested by applying it to a sample of
artificial profiles, which typically returned radii within 1 cell of the input radius, but does
break down when the filament is too wide (i.e. extends into the region where the wall is
fitted). While this is a suitable range for the purposes of this chapter, filaments continue to
grow as time progresses, and this method may become unsuitable at later times. In Fig. 3.7,
we show how each of the two models fares against the measured median density profile of
the DM (left panel) or gas (right panel) at z = 4. Errors on the radius are estimated
by considering the full distribution of density profiles measured from individual skeleton
segments, and fitting this distribution with the best matched normal distribution to evaluate
the value of the standard deviation. For errors on the density, we use the best matched log-
normal distribution instead, which is better suited to density distributions in filaments(see
e.g. Cautun et al., 2014).

Looking at Fig 3.7, it is not possible to distinguish the two models, Mfil+wall (green
curve) and Mfil (yellow curve), in the inner region (r ≤20 kpc). When the profiles are
stacked as in this figure the fits work equally well with or without the wall. However
the size of the core radius that these models return are very different when considering
individual profiles: r0 = 19.34 ± 7.15 kpc for Mfil compared to r0 = 8.39 ± 3.82 kpc
forMfil+wall for the DM filament. This factor of 2 discrepancy is also present for the gas
filament: r0 = 8.99 ± 1.86 kpc forMfil compared to r0 = 5.04 ± 1.96 kpc forMfil+wall.
The core radii given by theMfil model can be rejected by simple visual inspection of Fig.
3.3: they are comparable to the outer edge radius of the filaments.

Although we only show the z = 4 median profiles, this behaviour of the two models
holds for all redshift outputs examined in this work (see table 2 for a list).

We now discuss how each model fits individual cross-section density profiles (examples
of these are shown as thin dashed curves on Fig. 3.7) rather than the median. In this case,
errors on the density are estimated by calculating the gradient of the density profile and
multiplying it by the spatial resolution (size of cell). For the DM density, a Poisson noise
contribution is also added in quadrature to the error estimate. We plot in Fig 3.10 the
corresponding distributions of reduced χ2

ν which peaks at 3 for the DM density profile and
0.5 for the gas in the preferred modelMfil+wall (dashed and solid green lines in Fig 3.10
respectively). For theMfil model these same distributions are much less strongly peaked
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around χ2
ν = 6 and χ2

ν = 4 for the DM and gas density profiles respectively (dashed and
solid yellow curves). Note that the measurement errors are relatively large, especially at the
centre of the filament for the gas, and overall for the DM because of a significant Poisson
noise contribution. Though these values of χ2 suggest a fit to the simulation data which lies
somewhat on the poor side, it is unclear that the validity of the model should be measured
by χ2 statistics in the first place. Indeed individual profiles deviations from the model are
very likely correlated with one another when substructures residing within the filament
perturb its density field.

For sake of completeness, let us mention that at z = 4, the fits of the full set of skeleton
segments using theMfil+wall model to the DM component for the no feedback run returns
r0 = 8.39 ± 3.82 kpc as the mode and width of the fitted gaussian for the core radius of
the filament (as previously mentioned), and r1 = 6.79 ± 2.80 kpc for the scale height of
the wall. Similarly we fit a log normal distribution to the DM central densities to obtain
log10(ρ0/M�pc−3) = −3.67±0.49 for the filament and log10(ρ1/M�pc−3) = −4.29±0.45

for the wall. As for the gas, we obtain r0 = 5.04±1.96 kpc and r1 = 7.70±3.00 kpc, with
densities of log10(ρ0/M�pc−3) = −4.37 ± 0.45 and log10(ρ1/M�pc−3) = −4.96 ± 0.37.
A list of values for the filament radii and densities at other redshifts is provided in tables 2
and 4.

As gas filament temperature remains around 104 K at all times after re-ionization, their
density profile flattens rapidly as the mass of their DM counterpart decreases and the sound
speed approaches the critical value of cs =

√
2σ. This means that low mass filaments will

only exist in the DM component (compare the top left and middle panels in Fig 3.3), as
a 104 K gas has too much pressure to be trapped in the DM potential well in that case,
and thus, talking about a gas r0 becomes quite meaningless. On the other side of the mass
range, we expect more massive filaments, where DM has a larger velocity dispersion, to
have better defined cores in the gas than DM, as this former should still radiatively cool
down to ∼ 104 K and thus have a much steeper density profile than its DM counterpart.
As a result of this cooling, it is possible that the central gas density of massive filaments
will become comparable to that of the DM, in which case our assumption that the DM sets
the gravitational potential would cease to be valid and the core radii of the two components
might then differ substantially. However, for the filament system considered in this chapter,
the approximation of similar DM and gas density profiles seems to hold quite well (see
Fig 3.7).

In light of the previous discussion, we interpret the difference between the measured
and predicted median values of r0 as a departure from the isothermal/hydrostatic approx-
imations for the filament (see Fig. 3.11, middle panels), rather than to asymmetry or a
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Figure 3.10: Normalised distributions of reduced χ2
ν obtained when fitting the filament only

(yellow), or filament plus wall (green) models to filament density projections in individual
slices perpendicular to each skeleton segment at z = 4 (see text for detail). The gas filament
is represented by the solid curves, whilst the DM counterpart is shown as dashed lines.
Though the fits for theMfil+wall model are better thanMfil, it is hard to see this in the χ2

ν .
The filament fit works by optimising the wall, followed by the filament, which does not
guarantee that the full fit itself will have a reasonable χ2

ν .
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systematic variation of core size as a function of distance to the galaxy (see section 3.13
for more detail concerning this latter variation). For the DM, the filament median veloc-
ity dispersion varies by 10% within ∼ 2 − 3 core radii. For the gas, where a shock is
clearly visible around 15 kpc away from the centre of the filament (middle right panel of
Fig. 3.11), the temperature varies by less than 60% between the centre of the filament and
the maximum of the shock.

These discrepancies notwithstanding, it is striking how filaments in our cosmological
simulations resemble those obtained in a much more idealised set-up with similar resolu-
tion presented in Klar and Mücket (2012). More specifically, even though these authors
ignore the DM component as well as the fragmentation and mergers of filaments, they
find that their gaseous linear structures are in radial hydrostatic equilibrium and exhibit an
isothermal core several kpc wide with central densities and temperatures remarkably sim-
ilar to those we measure in a more realistic context. They also identify an outer shocked
region with similar properties as ours, but with a gravitational focusing which reduces r0

and increases ρ0 as the filament approaches the DM halo to which it is connected. As pre-
viously mentioned, we will come back to this latter point in section 3.4.4 of our results
devoted to the temporal and spatial evolution of filament properties, but already note that
such a focusing effect is not as pronounced in our simulations.

3.4.3 Vorticity, temperature and the radial extent of filaments

Having extracted the main filament from the simulation and measured the characteristic
radius of its core through the use of a simplified model of hydrostatic equilibrium for its
density profile, we now turn to the question of determining its outer size, or truncation

radius, as the analytic profile cannot extend to infinity in the radial direction.
Beyond a certain radius it is no longer true that sound and dispersion velocities dom-

inate over the accretion velocity, as can be seen in Fig. 3.9. A failure of the hydrostatic
model will thus occur, leading to a potential definition of the truncation radius, which also
coincides with the position of the accretion shock onto the filament for the gas. We have
opted not to use the peak temperature position as a definition of the truncation radius, as
individual skeleton segment profiles, both in temperature and vorticity are often asymmet-
ric and/or distorted by their environment, and may contain multiple peaks when averaged
over concentric radial shells as a result (see Fig 3.5 for an example). Moreover, such a
definition would not apply to DM velocity dispersion profiles. We have therefore chosen
to use a universal method for all physical quantities and types of filament (gas or DM),
which also has the benefit of providing internal consistency between measurements. We
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Figure 3.11: The median radial profiles of the filaments in DM (left column) and gas in
the no-feedback run (right column), for density (top row), temperature (middle row) and
vorticity (bottom row) at z = 4. Displayed profiles (from black to yellow) represent data
extracted at different spatial resolutions of the AMR simulation grid (vertical dashed lines
or levels 8 to 11 respectively, see text for detail). Error bars are generated by bootstrapping
the distribution of individual filaments profiles, and taking the root mean square at each
radius. The profiles converge to the same value as the resolution is increased.
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thus define the truncation radius as the point where the steepest descent in the temper-
ature/vorticity/velocity dispersion profile is attained. At z = 4 this yields a truncation
radius of 18.6±4.0 kpc for the gas temperature profile, while the gas vorticity profile gives
21.7± 6.6 kpc. The DM filament at the same redshift has a measured truncation radius of
28.6±6.5 kpc when using the velocity dispersion profile, and 25.9±4.5 kpc if we consider
its vorticity profile (see Table 2). It is interesting to note that the accretion shock of the gas
filament seems positioned well within the DM filament (roughly at half the DM truncation
radius). In order to check the robustness of these measurements vis-à-vis resolution the
data was extracted at four different spatial resolutions. Note that this is not a study where
we change the resolution and re-run the simulation, but simply a post-processing of the
same simulation at different resolutions, so we expect to achieve better agreement than if
we had done a proper resolution study. As resolution increases progressively from 10 kpc
to 1.22 kpc (level 8 to 11), the profiles are seen to converge across every panel of Fig 3.11.
Note that for comparison, our lowest level of resolution, i.e. 10 kpc roughly corresponds
to the highest level of resolution available to capture filaments in current cosmological
simulations with volumes on the order of 100 Mpc on the side, like MARE NOSTRUM

(Ocvirk et al., 2008b), HORIZON-AGN (Dubois et al., 2014a), MassiveBlackII (Khandai
et al., 2015), EAGLE (Schaye et al., 2015), ILLUSTRISTNG (Nelson et al., 2018) or SIMBA

(Davé et al., 2019).
Looking first at the density profiles both of the DM and gas filaments (top panels of

Fig. 3.11), one can see that in going from the highest resolution level to the lowest one, the
central density (inside the core) is underestimated by about an order of magnitude, and one
becomes unable to measure the core radius of the profile with a reasonable accuracy. On
the other hand, the DM velocity dispersion profiles (middle left panel of Fig 3.11) seem
to converge faster than the density ones, with the lower resolution estimates compatible
with the higher resolution ones at all radii. This seemingly rapid convergence is induced
by the shape of the isothermal profiles which are, by definition, flat, especially in the case
of the DM. For the gas (middle right panel of Fig 3.11), the temperature does not show
as marked a convergence as the DM velocity dispersion because of the presence of the
accretion shock: the low resolution data (black curve), which barely resolves the truncation
radius of the filament underestimates the shock temperature and overestimates the core
temperature by a similar amount. Having said that, the shock position is fairly robust to
resolution changes despite being radially asymmetric, which leads to its ‘smearing’. A
minimum resolution of 2.4 kpc is required to correctly capture both the temperature of the
accretion shock and that of the gas filament core.
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Figure 3.12: Evolution of the core (black curves) and truncation radii (red and green curves
for estimates based on the vorticity and temperature respectively) of the filaments with
redshift. The left panel represents the DM filament, and its gas counterpart is on the right.
Dashed lines represent the feedback run. The virial radius is shown in orange and the
approximate extent of the central galaxy (20% of virial radius) in yellow. Finally, the
spatial resolution of the simulation in the filament is indicated by the solid blue line at the
bottom of each panel. The core radii scale roughly as the galactic radius, particularly the
gas, while the DM truncation radius scales as the virial radius. The gas truncation radius
catches up to the DM by approximately z = 3.5.

3.4.4 Evolution of filament profiles over cosmic time and distance from
central halo

Having focused, so far, the discussion of the filament profile at z = 4, we now address the
issue of its temporal evolution. Since r0 =

√
2K/πGρ0, we naively expect that r0 ∝ (1 +

z)−3/2, provided the filament central density scales with that of the background Universe
— which we measure to be the case (see Table 4) — and its central temperature/velocity
dispersion remains roughly constant with redshift. Conversely, we can deduce the scaling
of filament temperature/velocity dispersion with redshift by measuring the departure of
r0 from this specific power law scaling. In our simulation, we find that for the gaseous
filament, the central radius grows as r0 ∝ (1 + z)−2.72±0.26, which means that the sound
speed should scale like cs ∝ (1 + z)−1.22±0.12 whereas we measure cs ∝ (1 + z)−1.41±0.28,
i.e. an evolution quite consistent with the naive expectation.

For the DM filament counterpart, the growth of r0 is faster, with a measurement of r0 ∝
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(1 + z)−3.18±0.28 (see Fig 3.12), a faster rate than the approximate size of the central galaxy
(rgal = 0.2rvir, blue solid line on the Figure). This implies that σ ∝ (1 + z)−1.68±0.15 as
redshift decreases, whereas we measure in the simulation that σ scales as (1 + z)−1.46±0.39.
The evolution of both gas and DM filament core radii are therefore consistent with the
naive expectation at a ∼ 1 σ confidence level. The explanation for the somewhat faster
growth of the core radius of the filaments than the radius of the central halo to which it is
connected is that the ‘old’ core material is preferentially drained by halos residing within
the filament, while a ‘new’ core forms out of more freshly accreted matter onto the filament
(see e.g. Pichon et al., 2011). As a result, the filament core radius is more sensitive to the
recent accretion history onto the filament than the halo. Such a behaviour is reminiscent,
at least qualitatively, to that of the Navarro–Frenk–White density profile scale radius, rs,
found by e.g. Muñoz-Cuartas et al. (2011) whose time evolution also differs significantly
from that of the virial radius of the DM halo (except in that case it is the opposite: rs, which
is less sensitive to the halo recent accretion history, starts decreasing with redshift earlier
than rvir, see their Figure 5). As the gas can be considered, to first order, in hydrostatic
equilibrium in the DM filament potential well, we expect the evolution of its core radius to
be somewhat influenced by that of the DM, i.e. that its growth also be sped up. We intend
to explore this effect in more detail and with a larger sample of filaments to better assess
the universality of this behaviour in the next chapter. It should be noted that the scaling is
a consistency check rather than a prediction. The predicted filament index from Eqn. 3.7,
n = (σ/cs)

2 ∝ (1 + z)−0.1±0.03. This is a rather slow evolution, which is close to constant.
It does have the wrong sign compared to what we will discover later in Chapter 4. It is also
in conflict with the gradual disintegration of filaments as the Universe expands and hints
that the underlying assumption that the filaments themselves are not truly in isothermal
equilibrium. Under this assumption neither the temperature nor the velocity dispersion
can evolve. Rapid changes in the gravitational potential is what allows the DM particles
to exchange energy during shell crossing. This moves the DM closer to equilibrium and
reduces the temporal variation in the potential. This slows the process which moves the
DM towards equilibrium, and ensures that equilibrium can never truly be reached. This is
particularly true on the outer edges of the filament.

As for the truncation radius for the gas/DM filaments, determined from either the vor-
ticity or the temperature/velocity dispersion, it represents the locus where fresh material is
accreting, and as such is the rough equivalent of the halo virial radius. Fig. 3.12 shows the
evolution of this radius as a function of redshift, along with the size of the main halo em-
bedded in the filament (rvir, orange solid line). For the DM filament, the truncation radius
evolves as rω ∝ (1 + z)−1.99±0.09 or rT ∝ (1 + z)−2.16±0.12, depending on whether ones
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uses vorticity or velocity dispersion to define it. This is a growth rate very similar to that of
the halo size rvir ∝ (1 + z)−2.11±0.02 in this range of redshifts. However, the gas truncation
radius, either derived from the vorticity or temperature of the gas filament which scale as
rω ∝ (1 + z)−2.85±0.17 and rT ∝ (1 + z)−3.36±0.12 respectively, grows significantly faster
than its DM counterpart. This is reminiscent of the stability driven argument for the prop-
agation of a radiative shock within DM halos advanced by Birnboim and Dekel (2003),
but this time applied to the filament: as time progresses and density drops the shock is
able to propagate outwards and ends up filling the entire DM filament volume. Practically,
this means that even though the gas filament starts off being smaller than the central halo
embedded within it (see Fig. 3.12) at high redshift, the truncation radius rapidly catches up
with the virial radius. In our specific case, they are essentially the same size by z = 3.5.
The exact extent of the truncation radius for the gas is highly sensitive the nature of the
shock and the nature of the feedback. Indeed, in the feedback run no such equilibrium is
established, with the filament existing inside a supernova superbubble. The accretion shock
is completely overpowered by the influx of energy from stellar feedback. This sensitivity
could potentially be probe of the nature of galactic feedback.
The truncation radius is entirely analogous to the splash radius defined by Diemer and
Kravtsov (2014). This is the radius to which DM is capable of returning to once accreted
by a halo, defining a caustic. The splash radius is the point at which the rate of decrease with
radius of the density is at its minimum. Adhikari et al. (2014) present a simple model which
predicts the size of this splash radius from the rate of accretion alone. Mass dependence
is suppressed if the splash radius is expressed in terms of the virial radius. The relation
between splash radius and accretion rate is given by:

Rsplash ∝ (1 + z)−1−Γ/D with Γ =
d log(Mvir)

d log(a)
, (3.10)

where a is the scale factor. D is the number of dimensions that the object has collapsed
over, in this case 3. Note that strictly speaking the mass within the splash radius should be
used, however, the difference in accretion rate is typically within 0.1 dex between the two
mass definitions provided Γ > 0.5. In our case, since we have the splash radius equivalent,
we can use the mass enclosed within the truncation radius. Measuring the accretion rate
onto the filament in the NUT simulation yields Γ = 2.9 ± 0.1, and setting D = 2 for
filamentary collapse suggests that rtr ∝ (1 + z)−2.45±0.05, which disagrees with the scaling
of the truncation radius obtained. It is possible that lower densities in filaments compared
to halos results in slower relaxation towards equilibrium, giving a slower growth rate in
truncation radius. It is also possible that drainage of matter from within the filaments onto
substructure within them removes dispersion support. In any case, further work is required
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Figure 3.13: Top: Gas filament radii as a function of distance to the galaxy, in the no-
feedback (solid line) and feedback runs (dashed line) at z = 4. The core radius is in black,
whereas the truncation radius estimated from the temperature and the vorticity profiles are
in green and red respectively. Note that the truncation radius cannot be determined from
either the vorticity or temperature when feedback is included. Bottom: Central density of
the filament as a function of distance to the galaxy. Gas is black, DM is green, with solid
and dashed lines representing no feedback and feedback runs respectively. The vertical
blue dashed line indicates the virial radius of the halo. The filaments narrow slightly as
they approach the NUT galaxy, while their central density rises.
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to establish the impact of filaments of a variety of masses and accretion rates on their
truncation radii.

We now go back to z = 4 to explore the effect of distance to the galaxy on the width
of the filament. As can be seen in Fig. 3.13 (top panel), both the core and truncation radii
of the gas filament decrease by less than a factor 2 as a function of the distance to the main
galaxy embedded within it. This decrease is progressive, from a maximum radius at 300

kpc away, which corresponds to the distance of either ends of the filament (see Fig. 3.1), to
the virial radius of the central galaxy. We caution the reader that this is somewhat different
to the reported behaviour of the filament once it enters the virial radius of the embedded
DM halo (e.g. Danovich et al., 2012). Indeed, within the virial radius, one expects the gas
filament to undergo more important gravitational focusing (Klar and Mücket, 2012). The
reason why this does not happen as strongly in our case very likely has to do with the fact
that, as previously mentioned, we chose to excise embedded DM halos to focus our analysis
on filament properties. However, while the filament radii do not decrease much as the gas
approaches the halo, it is still enough to increase the central density, rising by a factor of∼ 5

(dark solid line and symbols in the bottom panel of Fig. 3.13). Note that such a behaviour
is not specific to the gas as the DM central density (green solid line in the bottom panel
of Fig. 3.13) undergoes a similar change with distance to the galaxy, which is consistent
with an interpretation in terms of mild gravitational focusing but also of the progressive
draining of the filament core draining by the halo, as previously mentioned. Finally we
want to emphasize that the NUT galaxy, essentially connected to one (two if counting each
direction as an individual object) filament(s) could be somewhat of a peculiar case. Once
again, further high resolution work on a much larger sample of filament/galaxies is required
to properly investigate the influence of connectivity and/or halo mass on the results.

3.4.5 The impact of stellar feedback on filaments

Stellar feedback has a profound impact on the region surrounding the galaxy and filament.
Given enough time, the superbubbles it generates extend most of the way up the filament,
as can be seen in the central and bottom right panels of Fig. 3.3. These galactic winds
inject vorticity on large scales, and as such, this physical quantity is no longer confined to
the filamentary gas. Note that, in spite of this, larger scale cosmic web filaments (i.e. larger
than the superbubble) could still have well defined vorticity quadrants. More importantly,
vorticity in the dark matter filament counterpart (bottom left panel of Fig. 3.3) remains by-
and-large unaffected, to the point that we do not deem it necessary to plot it on Fig. 3.13
for the run with feedback.
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The CGM/IGM gas is also strongly heated by this stellar feedback, and so the temper-
ature signature of the accretion shock onto the filament is lost as well, as the middle right
panel of Fig 3.3 demonstrates. Once again, this signature survives in the velocity dispersion
of the DM component (middle left panel of Fig 3.3). Despite such significant perturbations,
the presence of a DM filament potential well coupled to the relatively high density of the
gas ensures that the cooling time within the filament remains short. As a result, the filament
is still visible as a cold stream cutting through the hot superbubble in the middle right panel
of Fig. 3.3.

Due to these consequent perturbations induced by the stellar feedback, we cannot use
either the temperature or vorticity to define the gas filament truncation radii in the feedback
run. It should also be noted that our assumption of isothermality of the filaments becomes
less valid than in the no stellar feedback case as stronger temperature gradients develop
between core and outer envelope. To be more specific, in the no feedback case, the temper-
ature varies between core and truncation radius by about a factor of two, but in the feedback
case in can reach an order of magnitude. However, most of this gradient is localised in the
outer parts of the filament, so that the central region retains a significantly large isothermal
core. This can be understood by performing the following simple calculation. Neglecting
the presence of the wall, we may integrate both the gas and DM density profiles (from Eq.
3.4) to obtain the filament mass per unit length, µ, and its half-mass radius:

µ(r) =

∫ r

0

2πr′ρ0

(1 + (r′/r0)2)2
dr′ =

ρ0 πr
2

1 + (r/r0)2
and r1/2 = r0 . (3.11)

The fact that the (small) core radius contains half of the mass makes the filamentary ma-
terial relatively impervious to the stellar feedback/filament interaction: provided the core
is shielded from it, there can only be a minor change in the amount of gas mass the fil-
ament carries. It has been suggested in the literature that Kelvin-Helmholtz instabilities
could be triggered at the interface between cold filament gas and the feedback powered,
hot, galactic wind (e.g. Mandelker et al., 2016, and subsequent work). These will depend
non trivially on redshift and the distance of a filament segment to the central galaxy, so
it is quite difficult to define a unique characteristic timescale, tKH. Nevertheless, writing
tKH(r) = (r/vw)

√
ρ(r)/ρw where vw is the relative velocity between the wind and the gas

filament and ρw the density of the wind, we can see that given the steepness of the filament
density profile we measure, tKH becomes larger as the perturbation progresses deeper in
the filament. This means that the timescale is ultimately set by tKH(r0). Plugging in typ-
ical numbers for our feedback run at z = 4, i.e. r0 ∼ 5 kpc, ρ(r0) ∼ 4 × 10−5M� pc−3,
vw ∼ 100 km/s, and ρw ∼ 4× 10−6M� pc−3, we thus get tKH ∼ 20 Myr which is about an
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order of magnitude shorter than the infall time from the virial radius of the embedded halo.
The conclusion is thus that our gas filaments should not survive the interaction.

Notwithstanding that this does not happen in our simulations, which might admittedly
be of too low a resolution to capture the instability properly, the calculation ignores both
the importance of radiative cooling within the filament which might confine the perturba-
tions at the surface (Vietri et al., 1997), and the important fact that, as we have previously
discussed, gas filaments are not self-gravitating but are located within a dominant DM
filament potential well. Because of this, it is unclear as to whether Kelvin-Helmholtz in-
stabilities can impart to the gas a radial velocity (as in perpendicular to the filament axis)
larger than the escape velocity necessary to climb out of this potential well. Should they
not, they would simply render the gas flow within the filament turbulent without affecting
the filamentary nature of gas accretion onto halos.

In the feedback case, we measure that the core radius of the gas filament evolves with
redshift as r0 ∝ (1 + z)−2.24±0.34, i.e. with a scaling very similar to the no feedback run
(see Fig 3.12). Nevertheless, given the importance of the stellar feedback perturbations,
one expects gas accretion onto the filament to be reduced in their presence. To quantify
this effect, we plot the ratio of median feedback to no feedback gas density profiles along
the filament as a function of redshift in Fig. 3.14. From the figure, one can see that while
the size of core radius is not significantly affected by feedback, the central density is, to a
larger extent. At z = 7 a 40% reduction is measured, though this falls to 20% at z = 3.6, at
which point the feedback ceases to have an effect on the filament core. We emphasize that
contrary to the growth of the core/truncation radii, the impact of feedback does not scale
monotonically with redshift, as it depends both on the global properties of the IGM/filament
and the star formation history of the galaxy which drives the feedback. Indeed, as shown
on Fig. 3.14, at early times (z ∼ 8) the filament core density is even enhanced by the action
of feedback. It is possible that some of this extra gas will be entrained in the filament,
but another possibility is that it will act as a shield from fresh feedback at later times. In
future work, we plan to use tracer particles developed in Cadiou et al. (2019) to distinguish
between these two situations. Outside the filament, the density is seen to be enhanced in
the simulation with feedback, which is somehow expected from mass conservation of the
filamentary gas and the presence of the extra material brought by the galactic winds.

It should be noted that the stellar feedback implemented in our simulation is the super-
nova prescription of Kimm et al. (2015), which ensures that the correct energy/momentum
is given to the gas irrespective of whether the Taylor-Sedov phase of the supernova is spa-
tially resolved. As such if the filaments are not destroyed by this supernova feedback then
they are unlikely to be destroyed by any ‘realistic’ supernova feedback. Yet, other types
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Figure 3.14: Ratio of the median gas density profiles in the feedback and no feedback
runs, ρfb/ρnofb, as a function of distance to the filament center. Curves of different colours
represent different redshifts, as indicated on the figure. Very early in the simulation (z = 8)
feedback enhances the density of gas in the filament. However, at almost all other redshifts,
the reverse happens: the filament is depleted of gas in the feedback run as compared to the
no-feedback run. The amplitude of the effect is not monotonic with redshift.
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of stellar feedback are also present which could alter filament properties, whether by di-
rect action of the feedback on the filaments or through suppression of star formation and
thereby the supernova feedback (e.g. resonant scattering of Lyman alpha photons in high
redshift dwarf galaxies (Kimm et al., 2018)). There is, of course, photo-heating due to ion-
ising radiation which can induce an important gas density depletion especially in filaments
connecting low mass halos (e.g. Katz et al., 2019) for detail). We believe that this effect is,
by-and-large, captured by the UV background model implementation present in both the
stellar feedback and no-feedback runs. However, another mode of stellar feedback which
we do not account for, might be more effective at filament disruption as it is less confined
to the galaxy: cosmic rays (see e.g. Pfrommer et al., 2017). Finally, for filaments connect-
ing halos of higher mass, Dubois et al. (2013) showed that AGN are also very effective at
disrupting filaments, and can even destroy their cores.

3.5 Conclusion and Discussion

Theory suggests (e.g. Kereš et al., 2005; Dekel and Birnboim, 2006; Pichon et al., 2011)
that filaments play an extremely important role in the evolution of galaxies at high redshift.
However, their basic characteristics are, as yet, not completely understood, and they are
extremely hard to detect observationally. We used a suite of high resolution cosmolog-
ical zoom-in simulations, progressively including more of the relevant physics, to place
constraints on the physical properties of such a filament, from large (Mpc) scales to the
point where it connects to the virial sphere of the central galaxy. Our main findings are as
follows:

• The filament in both DM and gas simulations can be described fairly accurately by a
density profile ρ = ρo

(1+(r/r0)2)2
corresponding to a cylinder in isothermal equilibrium

.

• The filament core radius, r0 for the gas grows as r0 ∝ (1 + z)−2.72±0.26, with the DM
filament core radius evolving as r0 ∝ (1 + z)−3.18±0.28. The evolution of r0 for the
gas closely tracks that of the size of the galaxy (0.2rvir).

• The filament has a second characteristic radius, the truncation radius, which is de-
tectable (at least in simulations) in the temperature/velocity dispersion or vorticity
fields. This radius scales as rtr ∝ (1+z)−2.07±0.07 for DM and rtr ∝ (1+z)−3.10±0.10

for the gas in simulations without feedback. The DM truncation radius is compara-
ble in size to the DM halo virial radius. The gas truncation radius is smaller at early
times but catches up to the dark matter by z = 3.
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• The filament properties are mildly affected by stellar feedback from the central galaxy.
The core radius of the gas filament hardly changes, with its central density generally
reduced by ∼20-30 %, but this does not happen monotonically with redshift. The
DM filament properties hardly undergo any change.

Our simulations also establish that filaments need to be resolved with a minimum of
∼ 2 kpc for a Milky Way sized halo in order to capture the filament properties. This might
have important consequences for the angular momentum content of the gas transported to
the galaxy. Still higher resolution will be required to capture the filaments around dwarf
galaxies, though these are far more vulnerable to photoionisation and so probably do not
need be resolved in detail beyond z = 6. While the mass brought by the inflowing filament
gas is affected to a level of ∼20-30 percent as a result of stellar feedback from the central
galaxy, a further reduction is likely to occur as the filament enters the virial radius. We plan
to tackle this issue using tracer particles in the near future. The interaction of the filament
with galactic winds and the virialised halo hot atmosphere will also be a function of the
halo mass, and therefore our results need to be extended to a larger sample.

Indeed, our analysis was performed on the filament feeding one galaxy at high reso-
lution. The next chapter will apply the techniques developed in this chapter to the NEW

HORIZON (Dubois et al., 2020), a cosmological zoom of the Horizon-AGN (Dubois et al.,
2014a) which will have tens of galaxies of a similar stellar mass to the one we studied in
this chapter, along with several more massive objects. NEW HORIZON also features AGN
feedback and has reached z = 0.25, (though it was only at z = 0.7 when this research was
being done) which also allows to comprehensively extend the redshift range of the analysis.
Such a simulation will thus permit the extraction of a large sample of filaments from which
to derive statistically meaningful quantities.
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Chapter 4

A Statistical Study of the Filamentary
Network of NEW HORIZON

This chapter extends the analysis of Chapter 3 to the NEW HORIZON simulation, thereby
allowing a statistical analysis of a population of filaments connecting galaxies of a variety
of morphological types and masses. In Section 4.1 I explain the detailed set up of the NEW

HORIZON simulation. In Section 4.1.2 I explain how the filaments extracted by DISPERSE
are processed in order to only use the main filaments that connect halos together. Section
4.2 summarises the properties of the halos connected to the filament network, and compares
them to those that are not connected. I then look at the filament profiles in Section 4.3 and
the evolution of the filament index in Section 4.4. Finally I compare the properties of the
NEW HORIZON filaments with those of the NUT in Section 4.5

4.1 Methodology

4.1.1 The NEW HORIZON Simulation

NEW HORIZON (Dubois et al., 2020) is a cosmological zoom of a region extracted from
the HORIZON-AGN (Dubois et al., 2014a) cosmological simulation of a periodic volume
100 cMpc/h on a side. The zoom region is a sphere of diameter 20 cMpc centred on
a region of average density. By z = 0.7 NEW HORIZON has several hundred galaxies
with stellar masses above 109M�, resolved to a maximum physical spatial resolution of
40pc with a DM mass resolution of 106M� and stars resolved with a minimum mass of
104M�. NEW HORIZON’s cosmological parameters are drawn from WMAP-7 (Komatsu
et al., 2011) with values of H0 = 70.4kms−1Mpc−1 for the Hubble constant, Ωm = 0.272

for the mass density, Ωb = 0.0455 for the baryon fraction and ΩΛ = 0.728 for the dark
energy density. The power spectrum amplitude is σ8 = 0.809 and spectral index is ns =
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0.967. Radiative cooling is handled with Sutherland and Dopita (1993) and Rosen and
Bregman (1995), allowing temperatures to reach 1K through metal line cooling. A uniform
UV background is turned on at z = 10 to model reionisation (Haardt and Madau, 1996).
Star formation is allowed in cells with a temperature below 2× 104 K and a gas density
greater than 0.24M�pc−3, following the Kennicut-Schmidt law (Schmidt, 1959; Kennicutt,
1998). The star formation efficiency parameter is, however, allowed to vary according to
the thermo-turbulent condition (Kimm et al., 2011b), Devriendt et al. in prep.. Supernovae
return 31% of the mass of a stellar particle to its surroundings once a star particle reaches
5 Myr, using the SN feedback scheme of (Kimm et al., 2015). A Chabrier initial mass
function with a lower and upper mass cutoff of 0.1M� and 150M� is adopted. Black holes
are modelled as sink particles accreting according to Bondi-Hoyle-Lyttleton with seed mass
of 104M�. Maximum accretion rates are limited by the Eddington limit. See Chapter 2 for
more details on the cooling, star formation, supernovae and AGN feedback implementation.
By 2019, the simulation reached z = 0.7, and this is thus the lowest redshift considered
in this thesis. Since the cold mode accretion filaments disappear below z = 1 one of my
main objectives here is to quantify the long term effects that cold mode accretion has on
the resulting galaxy long after the accretion has stopped.

4.1.2 Defining the Cosmic Web

Figs. 4.1 and 4.2 show the environment surrounding the 20 most massive galaxies identified
to be part of the cosmic web at two different redshifts. In the z = 6 (Fig. 4.1) case filaments
are seen to be ubiquitous, with each galaxy being fed by multiple streams. The number of
streams shown is likely an underestimate in most cases as each plot is only a thin 12.5
ckpc slice through the volume. Also surrounding the galaxies are superbubbles from the
combined supernova feedback of the stars that have already exploded in these galaxies,
and/or AGN as clearly seen in the temperature maps.

By z = 0.7 (Fig. 4.2) the state of the IGM has changed. While it was previously
composed of cold gas (≈ 104 K), the superbubbles have expanded to fill most of the frame.
The filaments feeding these galaxies have for the most part been puffed up well beyond the
size of the galaxy and cold mode accretion has ceased. The second column of rows 3 and
4 show the gas density and temperature of a galaxy which has managed to keep hold of its
filaments, but the vast majority have not.

Filament extraction in NEW HORIZON differs from the pilot study of Chapter 3 in that
the filament ends in NEW HORIZON are defined by the positions of halos, which could not
be done for the NUT simulations due to the lack of halos with masses comparable to the
central object. A new issue arises: the physical extent of the filaments. Naı̈vely, all galaxies
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Figure 4.1: 15 most massive galaxies within the cosmic web and their environments at
z = 6, showing the cold mode of accretion. Each panel shows a thin slice through the
density field (top rows) and temperature (bottom rows), 12.5 ckpc thick, with each panel
having a side length of 30 cMpc, centred on 20 different galaxies. Overplotted in black
on the density field is the skeleton, as defined by DISPERSE . In each panel the galaxies
can be seen to be fed by multiple streams, and surrounded by a small bubble of hot gas,
generated by supernovae.
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Figure 4.2: 15 most massive galaxies within the cosmic web and their environments at
z = 0.7. Each panel shows a thin slice through the density field (top rows) and temperature
(bottom rows), 12.5 ckpc thick, with each panel having a side length of 30 cMpc, centred
on the galaxies. Overplotted in black on the density field is the skeleton, as defined by DIS-
PERSE . By this point in the simulation the supernova bubbles have grown to encompass
most of the local environment. The nature of the filaments has also changed, becoming
considerably wider, and rarely feeding the galaxies as narrow, coherent streams of gas.
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(a) (b) (c) (d) (e) (f) (g)

Figure 4.3: A cartoon representation of various configurations of halos (blue circles) and
filaments (black lines).

in the cosmic web are connected to each other but it is quite arbitrary to decide where one
filament should end and the next should begin.

Therefore for the purposes of this thesis, filaments are identified in a two step process:
first connected pairs of halos are identified using a coarse skeleton. This is generated using
DISPERSE on the DM halo distribution. Various configurations of filament and halos are
shown in Fig. 4.3.

• (a) Isolated halo, zero connection to either filaments or halos.

• (b) Halo connected to isolated filament, zero connection to other halos.

• (c) Pair of halos connected by single filament. Each halo has a connectivity of 1.

• (d) A halo splits the filament in two. End halos have a connectivity of 1, but middle
halo has a connectivity of 2

• (e) Connecting filament has a branch, invalidating the connection between the halos.
Each gets a connectivity of zero.

• (f) Adding another halo on the branch point of (e) makes the filaments significant
again. End halos get a connectivity of 1 and the central halo’s connectivity is still 2
since the branch does not connect an additional halo pair.
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• (g) Central halo has a connectivity of 3 now that all filaments end in a halo. The rest
of the halos get a connectivity of 1.

Note that in case (e) there likely is a halo at the node (a node being a point where 3 or
more filaments join). However, due to the shape of the halo mass function, the simulation
is dominated by low mass objects, and since the number of potential filaments scales as N2

a minimum halo mass is used in defining these filaments as the numbers quickly become
unmanageable. The mass threshold below which halos are not considered is defined as:

Mthresh =

{
1010M� , z ≥ 4

5
1+z

1010M� , z < 4
. (4.1)

The choice of threshold keeps the number of halos above the threshold roughly constant
below z = 4, see the black dashed line in Fig. 4.11, top left panel.

In order to limit the effect of spurious long range connections between halos the condi-
tion that no nodes can be present between a pair of connected halos is included. A limitation
of this method is that filaments that do not connect two halos are not included, which can
occasionally be seen in the original filament sample, for example at (0,-5) in the top left
panel of Fig. 4.4, encircled in green. The halo within this circle has two filaments, but only
one of these is terminated by a sufficiently massive halo,and as a result the longer of the
filaments is discarded.

As shown in Fig. 4.5 at high redshift the virial radius of halos is too small and the
halo skeleton too coarse for many connections to be made. Indeed, unlike in the DM
particle skeleton case, DISPERSE draws filaments between peaks in the halo density field
rather than the underlying DM density field, resulting in the skeleton often not passing
through the halos. In order to correct for this the volume that the halo must reside in to
be considered as belonging to a filament is a cylinder of length l + max(nrvir, l/2), with
radius max(nrvir, l/2) where l is the length of the segment under consideration, and n is
the distance of the halo from the filament in units of the virial radius. This is illustrated
in 2D by the cartoon in Fig. 4.5. In this case for a halo to be identified as belonging
to the segment marked by the filled circles the halo centre must be enclosed within its
corresponding rectangle. The red halo uses the red rectangle without any modification,
however the blue halo is smaller than the resolution of the segments, and as such uses
the black rectangle instead of the blue rectangle. Halos are defined to be connected to the
skeleton if they are within 2 rvir of the filament. The effect of varying this distance is shown
in Fig. 4.5.
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Figure 4.4: A 3 cMpc thick slice through the halo skeleton. The size of each circle is
proportional to the proper virial radius. From z = 6 to z = 0.7 three major cosmic web
filaments are assembled through the mergers of smaller scale filaments. The green circle
in the z = 6 panel indicates a filament which does not terminate with a mass greater than
the threshold mass, which are not considered in this chapter, as in case (b) in Fig 4.3. The
filaments shown in this figure only determine whether or not a pair of neighbouring and
sufficiently massive (above Mthresh) halos should be connected. The actual path taken is
determined using the DM particle skeleton.
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Figure 4.5: Top panel the connectivity of the z = 6 halos as a function of n is shown, where
n is the distance to the skeleton in terms of virial radii. For values higher than 10 spurious
connections can be seen, for example the rather indirect route at (1,6.5) to (2.5,6). The
actual skeleton used in the analysis is marked in dark blue, as two groups of galaxies at (7,-
3) and (1.5,-1). Bottom shows a 2D cartoon representation of how I determine whether or
not a halo belongs to an individual segment (black horizontal line with segment endpoints
delineated by black filled circles). This depends on the distance of a halo in units of its
virial radius from the filament segment. See text in Section 4.1.2 for a detailed discussion
of this.
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As the number of virial radii allowed for connection is increased, non-local connec-
tions become allowed. I find that provided this parameter is less than 10rvir these spurious
connections are prevented.

The second part of identification of the filament network uses the method of Chapter
3. This time around the skeleton is generated by running DISPERSE directly on the DM
particles rather than on the DM halos. The end points of each filament are the positions of
the confirmed halo pairs as indicated in the previous paragraph, and the chosen segments lie
on the shortest path between connected halo pairs. A thin slice through the full DM skeleton
is shown in Fig. 4.7 and processing of the DM skeleton as just described is illustrated in
Fig. 4.8. Here the cyan skeleton represents the filaments between all pairs of halos with
mass greater than 1010M�, rather than the full skeleton. As one can see, applying the
methodology set out above to remove the long range connections, yields the blue DM
skeleton, that connects halos which are within two virial radii of the halo skeleton. Note
that the circles in the figure are 30 virial radii (and some circles are comparable to the line
thickness) and as such it does look as though more filaments should be connected. These
halos may be further from the skeleton than they appear or are missing a halo partner to
connect to.

Finally, note that the filaments identified by DISPERSE are closely associated with
regions of higher density, as shown by the fact that the filament regions are more highly
refined than the rest of the volume (see Fig. 4.6).

The evolution of the filament network is shown in Fig. 4.9, from the 12 pairs of con-
nected halos between the 19 halos found at z = 6, to over a hundred pairs by z = 0.7. The
network evolves from small isolated groups to long continuous chains of pairs that define
the large scale cosmic web.

Attempting to use the halo skeleton to define endpoints for the skeleton network with
the same mass threshold as this chapter on the NUT suite presented in Chapter 3 only pre-
serves the lower filament on Fig. 3.3. This is due to selection effects. Powell et al. (2011)
chose the initial conditions for a MW-like galaxy to exist in relatively isolated conditions.
As such there is one halo above the threshold mass at the end of the lower filament, but
no comparable halo connected to the upper filament. Ideally a lower halo mass threshold
should be used but this is constrained by the resolution of the simulation, with the NUT

suite having better DM mass resolution than NEW HORIZON by a factor of 10.
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Figure 4.6: AMR levels of the NEW HORIZON simulation for a 3 kpc slice at z = 4
showing only the NEW HORIZON zoom region. The edge of the zoom region can be
seen in blue and purple as well as the embedding of the halos in red within the yellow
of the cosmic web filaments and walls. Filaments are mostly resolved with 13 levels of
refinement, corresponding to a resolution of 12.5 ckpc.
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Figure 4.7: The gas density field for a 3 kpc slice at z = 4 showing only the NEW HORIZON

zoom region. The edge of the zoom region can be seen as the blurring of the image towards
the edges. Overplotted is the skeleton in black. Note that not all the filament-like structures
are indeed filaments, but instead edges of walls.
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Figure 4.8: The main filaments throughout the zoom region identified as the shortest path
between halos with masses exceeding 1010M� represented as circles along the cosmic web
(cyan) at z = 4. Filaments which directly connect halos are marked in blue. These are the
filaments studied in this chapter.
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Figure 4.9: The evolution of the cosmic web for the full volume of the zoom region. The
cosmic web evolves from an extremely sparse network at high redshift to one which is
multiply connected. Redshift is indicated in the lower left corner of each panel. The halos
are represented with circles of radius 30 rvir. The blue line here is the fully processed
skeleton.
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4.2 Impact of Filaments on Galaxy Properties

In order to explore the impact of filaments on galaxies I bin these according to their prop-
erties (e.g. halo mass, stellar mass) and look at the filaments connecting them. Due to the
relatively small sample of galaxies (on the order of 1300 by z = 0.7) and the fact that not
all galaxies are found to be part of the halo network, only 2 or 3 bins in any of the properties
were used to avoid small number statistics. Note that galaxies were binned in two ways. In
the first case I consider each redshift independently to the others and separate galaxies at
each redshift as follows:

• DM Halo Mass: Mthresh < MDM < 1010.6M�, 1010.6M� < MDM < 1011.4M�,

MDM > 1011.4M�

• Stellar Mass: M∗ < 108M�, 108M� < M∗ < 109M�,

M∗ > 109M�

• Galaxy formation Efficiency: e∗ < 10−3, 10−3 < e∗ < 10−2, e∗ > 10−2

• Specific star formation rate: sSFR < 10−12yr−1, 10−12yr−1 < sSFR < 10−9yr−1,

sSFR > 10−9yr−1

where galaxy formation efficiency is defined as M∗/MDM and specific star formation rate
is defined as SFR/MDM, the ratio of the star formation rate to the DM halo mass, averaged
over the last 100 Myr. The number of galaxies falling into the three bins for each property is
detailed in Tables 4.1 and 4.2, while for the other galaxy properties the highest and lowest
value bins are open ended, limited by the maximum and minimum values found in the
simulation. For all galaxies the DM halo mass must be above the threshold mass, Mthresh,
given by eq. 4.1.

In the second case I bin the galaxies according to their final properties, here defined as
their properties at z = 0.7, and track their progenitors to a higher redshift, in a similar way
to what was done in the pilot study presented in Chapter 3. For each galaxy I then simply
define a high and low value bin, separated by 1011M�, 108.5M�, 10−2.5 and 10−11.5yr−1

for DM halo mass, stellar mass, galaxy formation efficiency and specific star formation
rate respectively. These boundaries are meant to populate the upper and lower bins with a
reasonable number of objects. Exact numbers are given in Table 4.3.
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MDM(M�) M∗(M�)
z < 1010.6 1010.6 − 1011.4 > 1011.4 < 108 108 − 109 > 109

0.70 25 58 22 28 36 39
0.79 27 74 21 31 36 54
0.89 28 70 22 24 42 53
1.00 29 77 20 31 36 54
1.25 30 60 25 29 41 43
1.61 55 63 16 39 59 36
2.00 71 66 13 45 70 34
2.13 79 62 10 51 71 28
2.29 90 72 6 55 80 30
2.49 93 56 5 58 73 21
2.65 102 61 2 57 91 15
2.81 88 45 4 50 73 14
3.01 102 46 1 62 73 13
3.18 110 38 3 62 83 5
3.33 104 37 1 62 70 9
3.50 112 33 1 65 74 6
3.65 155 37 1 95 93 4
3.79 107 32 0 66 64 7
3.97 84 18 0 49 47 3
4.13 93 16 0 62 44 2
4.34 65 8 0 43 26 3
4.50 59 11 0 35 33 2
4.66 42 7 0 20 27 2
4.85 50 10 0 31 27 0
4.99 54 4 0 40 18 0
5.31 44 4 0 30 16 0
5.67 35 2 0 28 7 0
6.02 17 2 0 12 7 0

Table 4.1: Numbers of galaxies in each of the bins at each redshift, according to the DM
halo or stellar mass of the galaxy at that specific redshift. The bin boundaries are indicated
in the column headings. Note that there is an additional constraint on the halo mass given
by Mthresh(z), as defined in the text.
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e∗ sSFR100(yr−1)
z < 10−3 10−3 − 10−2 > 10−2 < 10−12 10−12 − 10−9 > 10−9

0.70 28 19 58 22 72 11
0.79 30 19 73 29 86 7
0.89 21 26 73 20 93 7
1.00 33 20 73 30 90 6
1.25 28 25 62 29 82 4
1.61 33 38 63 23 68 43
2.00 32 47 71 24 65 61
2.13 32 65 54 24 70 57
2.29 34 69 65 29 66 73
2.49 35 75 44 23 54 77
2.65 34 86 45 24 56 85
2.81 28 71 38 19 40 78
3.01 28 83 38 15 41 93
3.18 25 97 29 17 34 100
3.33 21 87 34 12 30 100
3.50 19 91 36 9 33 104
3.65 23 130 40 6 38 149
3.79 13 87 39 7 10 122
3.97 13 67 22 4 3 95
4.13 16 76 17 8 7 94
4.34 9 53 11 4 3 66
4.50 5 57 8 0 5 65
4.66 3 38 8 0 2 47
4.85 5 51 4 4 1 55
4.99 9 46 3 0 1 57
5.31 7 37 4 2 1 45
5.67 5 31 1 2 1 34
6.02 2 17 0 0 0 19

Table 4.2: Numbers of galaxies in each of the bins at each redshift, according to the galaxy
formation efficiency or specific star formation rate of the galaxy at that specific redshift.
The bin boundaries are indicated in the column headings. Note that there is an implicit
additional constraint on the halo mass since I only consider galaxies located in halos with
masses above Mthresh(z), as defined in the text.
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MDM(M�) M∗(M�) e∗ sSFR100(yr−1)
z 1011 < > 1011 108.5 < > 108.5 10−2.5 < > 10−2.5 10−11.5 < > 10−11.5

0.70 55 20 47 28 28 47 36 39
0.79 63 22 55 30 34 51 45 40
0.89 60 22 54 28 34 48 43 39
1.00 56 21 49 28 30 47 38 39
1.25 52 19 43 28 26 45 33 38
1.61 52 19 43 28 26 45 33 38
2.00 48 18 39 27 23 43 30 36
2.13 41 17 33 25 20 38 26 32
2.29 52 19 43 28 26 45 33 38
2.49 44 17 36 25 22 39 28 33
2.65 39 15 32 22 19 35 25 29
2.81 36 14 30 20 17 33 22 28
3.01 34 14 29 19 17 31 21 27
3.18 37 14 31 20 18 33 23 28
3.33 32 12 27 17 15 29 19 25
3.50 33 12 28 17 16 29 20 25
3.65 40 15 32 23 19 36 25 30
3.79 28 11 25 14 14 25 18 21
3.97 15 9 14 10 9 15 10 14
4.13 17 10 15 12 9 18 11 16
4.34 14 7 13 8 8 13 9 12
4.50 12 6 10 8 6 12 7 11
4.66 6 5 5 6 4 7 3 8
4.85 10 6 8 8 5 11 5 11
4.99 10 6 8 8 5 11 5 11
5.31 4 5 4 5 4 5 2 7
5.67 3 2 2 3 2 3 1 4
6.02 3 2 2 3 2 3 1 4

Table 4.3: Numbers of galaxies at each redshift, which are progenitors of the galaxies at
the final redshift considered, z = 0.7. The bin boundaries are indicated in the column
headings. As for the previous tables, there is an implicit constraint on the halo mass since
only galaxies located in halos with masses above Mthresh(z) are included in the analysis.
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4.2.1 Global Properties of the Main Filaments Connecting Halos

In Fig. 4.11 I show the effect of DM halo mass on the filament characteristics as a function
of redshift. This applies only to the halos which pertain to the filamentary network. The
upper left panel of Fig. 4.11 shows that below z = 4 the number of low mass galaxies
plateau before declining. This is artificial and is the result of the moving mass threshold
applied after this redshift (see eq. 4.1). In the top right panel the connectivity of the halos is
shown. This is the mean number of filaments that a given halo is connected to (see Fig. 4.3
and accompanying text). The connectivity is fairly independent of redshift but more mas-
sive halos tend to have higher connectivity than their lower mass counterparts. Codis et al.
(2018a) studied the connectivity of significantly larger halos (MDM > 1012M�), finding a
relation κ(M) ≈ 10/3 log10(M/1011M�), where κ is the connectivity, which is valid over
two decades of halo mass, however, this relation breaks down for masses below 1012.5M�,
with halos showing greater connectivity than expected by the relation. The filaments in
Codis et al. (2018b) are found to have connectivities of 4 for halos of mass 1012M�, com-
patible with the dispersion in connectivity of large halo masses in NEW HORIZON , in spite
of the different methods used to select filaments, with Codis et al. (2018b) using the number
of saddle points surrounding a peak in the density field to compute connectivity.

Similar to the connectivity, the mean length of a filament (bottom left panel of Fig.
4.11), here defined as the (comoving) distance between the connected halo pairs does not
appear to show any significant trend with redshift, and furthermore, unlike connectivity, the
mean comoving length of a filament also seems to be independent of mass. Note that there
exists a large scatter in possible filament lengths. In Cautun et al. (2014) the distribution
of filament lengths are found to scale differently with redshift, growing slower than the
expansion of the Universe. However, this is likely down to the definition of filaments used.

Besides halo number, the other case where there is a visible evolution with redshift is
the DM halo mass ratio ( bottom right in 4.11). This is defined as the ratio between the
mass of the larger to the smaller member of connected halo pairs. Interestingly, the highest
mass bin shows a rise in value with decreasing redshift, while the lowest shows a decline,
and the intermediate bin is unchanging. Whilst it is possible that this evolution is partly
driven by the removal of low mass halos at z < 4 as the mass threshold grows, the decline
in the DM halo mass ratio for the full sample already occurs at higher redshift. Since low
mass galaxies dominate the galaxy population, it is naturally expected they also dominate
the population of connected galaxies (black dashed line).
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Figure 4.10: The redshift evolution of the number of galaxies in four groups: all (blue),
connected (green), not connected to a filament(red) and connected to a filament but with
the additional constraint that the highest mass progenitor can be tracked from z = 0.7 to
high redshift (yellow). As the number of galaxies continues to increase, the ratio of those
within the filament network to those outside grows, finally staying greater than 1 after
z = 2.

4.2.2 Comparing Galaxies in Filaments to Those Outside Filaments

In order to investigate the effect of the presence of filaments on the galaxy population I split
galaxies into groups using the cases set out in Fig 4.3: all; connected to a filament, as in
cases (c)-(g); not connected, as in cases (a) and (b); and connected to at least one filament
but with the additional requirement that the highest mass progenitor can be tracked from
z = 0.7 to high redshift, also satisfying any of the conditions (c)-(g). Note that halos
categorised as (b) have no valid partner, but would, by visual inspection, be classed as
being part of the network. In Fig. 4.10 I find that from high to low redshift the majority of
galaxies go from residing outside the filamentary network (red line) to within (green line),
crossing over at z = 2. Comparing Fig. 4.10 with Fig. 4.17 reveals the same trend in spite
of a distance based criterion to determine a halo’s inclusion to a filament. As a result it is
expected that the number of halos characterised by case (b) is small.
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In order to suppress the effect of the changing number of galaxies in the different groups
I normalise the distributions. Fig. 4.12 shows that at low redshift (z ∼ 0.7) redshift
there is an overabundance of low mass halos within the filaments, resulting in a steeper
mass function as compared to the mass function of the non-filamentary and full sample of
galaxies. Regardless of the group, all mass functions show an apparent flattening, towards
higher masses for decreasing redshifts. At high redshift the halos within filaments for
which I track the largest progenitor show a mass skewed towards higher masses compared
to the full set of halos. Indeed, the lines from z = 6 to z = 2 in the bottom right panel,
are shallower than their counterparts in the upper right panel up until this redshift. This
is expected since the largest galaxies are most likely to be the largest progenitors in every
merger they go on to complete.

The stellar mass functions, shown in Fig. 4.13 are significantly different. At high
redshift regardless of whether the halos are connected to filaments or not, the stellar mass
functions are very similar in terms of width and the position of the peak. With decreasing
redshift, filament based galaxies tend to have enhanced stellar masses when compared to
their non-connected counterparts. By z = 0.7 the peaks of the stellar mass function for
the “filament” and “non-filamentary” case are separated by about an order of magnitude
with the stellar mass function for the non-filamentary case peaking at m∗ ∼ 107M� and
the stellar mass function for the filamentary case peaking at m∗ ∼ 108.5M�. The “non-
filamentary” case therefore has an enhanced number of smaller galaxies as compared to
the filamentary case. This suggests that galaxy formation efficiency is higher within the
filament environment.

To explore this further, I look at the galaxy formation efficiency M∗/MDM in Fig. 4.14.
At high redshift there is very little difference between those galaxies connected to fila-
ments and those not connected, but filament galaxies do grow more efficiently at lower
redshifts. Main progenitor galaxies have a higher peak efficiency than the full sample of
filament galaxies, but a narrower spread in values suggesting that the filament environment
is more conducive to forming more efficient galaxies. Such an effect should be visible in
the specific star formation rate, which I explore next.

Comparing the specific star formation rate at different redshifts averaged over the last
100 Myr in Fig. 4.15 shows the gradual slow down of star formation with redshift, but
sheds no light on why the galaxy formation efficiency is higher in galaxies connected to
the filaments, with very little discernible difference in the specific star formation rate evo-
lution between the filamentary and non-filamentary case. The peaks of the distribution are
slightly lower for the non-filamentary case, suggesting a greater spread in values. The fila-
mentary case also has a slightly steeper decline in number of highly star forming galaxies
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Figure 4.11: Evolution of halo number, connectivity, filament length and mass ratio of
connected halo pairs over cosmic time. The dashed line is the full sample, green, red and
yellow are the bins from Table 4.1 from least to most massive DM halos. The shaded
areas are 1 standard deviation from the mean value. In the top left these errors are Poisson
errors. The function Mthresh(z) was chosen to keep the total number of galaxies after z = 4
roughly constant. As it continues to rise, the lowest mass galaxies become less abundant in
the sample. Only the highest mass galaxies show any significant difference in the number
of neighbours they connect to. The length of these filaments do not depend on the nature
of the connected galaxy. While low mass galaxies tend to form filaments with objects of
similar mass at early times, they typically connect to objects larger than themselves at later
times. Typically high mass halos connect to much lower mass halos at early times, evolving
to a very similar mass ratio to the low mass galaxies.
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Figure 4.12: The effect of environment on the halo mass function across cosmic time. Line
colours represent redshift as indicated by the colour bar. At high redshifts, the filaments
tend to to be skewed towards higher mass objects, as indicated by the shallower slope of the
distribution, and is even more exaggerated when considering only the largest progenitors.

98



PD
F

All Filament

Non-filamentary Filament, largest progenitor z

M∗ (M�)

Figure 4.13: The effect of environment on the galaxy mass function across cosmic time.
Here the peak position and width is impacted by the environment, with a wider range of
masses (and therefore efficiencies, since the halo mass is not so greatly impacted in Fig.
4.12). Galaxies frequently have an extremely low mass in this environment compared to
the filamentary environment. The peak mass of filamentary galaxies lies at approximately
108M�.
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Figure 4.14: The effect of environment on the galaxy formation efficiency. Here we explic-
itly see that the efficiency is more variable for non-filamentary galaxy. The modal efficiency
is reduced compared to galaxies which reside in filaments.
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after the peak at low redshift, which is suggestive of suppression in star formation rate. At
high redshift, the largest progenitor group shows slightly larger star formation rates than
the connected galaxies up to z = 2.8, however this was not reflected in the galaxy for-
mation efficiency (Fig. 4.14). These trends however are quite weak, due to the 100 Myr
being too short a timescale to average over, with star formation rates being much greater
or lower than average covering any underlying effects of the filamentary environment on
galaxies. I have therefore averaged over 1 Gyr in Fig. 4.16. This does penalise the specific
star formation rate for the earliest redshifts considered since the Universe is only 1 Gyr old
at z = 6, and star formation begins at the start of the simulation. Regardless, the specific
star formation rate is 10−8.5 yr−1 until z = 4 for nearly every galaxy when averaged over a
billion year timescale. With decreasing redshift the specific star formation rates fall first in
the non-filamentary galaxies, followed by the filament galaxies. Below z = 2 the number
of galaxies with specific star formation rates greater than 10−10 yr−1, begins to fall, with an
even greater decline observed in the filamentary progenitor galaxies. The suppression how-
ever is not significant with respect to non-filamentary galaxies in this case. Poudel et al.
(2017), using the SDSS catalogue found that galaxies in filaments were typically redder
than those in the field, however, this was due to filaments typically containing more ellipti-
cal galaxies. A similar explanation is likely to hold for the filament progenitor group, with
these galaxies more likely to experience merging events and morphological transformation
into ellipticals (Martin et al., 2018). In spite of this decline in high star formation rates
after z = 2, the cosmic peak of star formation, 25% of the stellar mass of the universe at
z = 0 (Madau and Dickinson, 2014) is already in place and as such the galaxy formation
efficiency for filament galaxies remains higher than for field galaxies up to z = 0.7, sug-
gesting that galaxies can build a significant fraction of their stellar mass at to maintain their
high level of formation efficiency.

4.2.3 Impact of Distance to and Density of Filaments on Galaxy Prop-
erties

In order to further understand how filaments affect the properties of the galaxies embedded
within them, in Figs. 4.17 and 4.18 I plot galaxy properties in a two dimensional plane
of local filament gas density versus distance to the nearest filament. Fig. 4.17 contain
the high and intermediate DM halo mass bins as detailed in Table 4.1 while Fig. 4.18
contains only galaxies from the lowest halo mass bin. Distances have been rescaled in
terms of the DM truncation radius,as defined by vorticity, rω, using the median of the 5
nearest segments to each galaxy. The median gas density of these segments is used as
a proxy for the local gas density. In the first column of Figs. 4.17 and 4.18, a bimodal
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Figure 4.15: The effects of environment on the specific star formation rate averaged over
100 Myr. The difference here is quite subtle due to the variability of the star formation
across a 100 Myr timescale. The final distribution looks very similar between the filamen-
tary and non-filamentary groups, however, the non-filamentary distributions are slightly
skewed towards lower specific star formation rates.
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Figure 4.16: The effects of environment on the specific star formation rate averaged over
1 Gyr. The effect in Fig. 4.15 is amplified here. The distribution in sSFR evolves very little
up until after z = 4 for the filamentary galaxies. A slow evolution towards lower sSFR is
shown in the non-filamentary group. This group is also able to maintain more highly star
forming galaxies at low redshift, which is particularly exaggerated when comparing with
the largest progenitor group.
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distribution in distance is clearly visible, with very few galaxies residing between the two
regimes. This indicates that galaxies get trapped as they approach a filament. Galaxies
inside a filament are concentrated to within a distance of approximately 0.1 rω comparable
to the core size of the filament. The sinking of the galaxies towards the filament centre is
due to dynamical friction. The galaxies that reside outside the filament are more broadly
spread out in distance extending out to about 10 rω. As time progresses more objects
enter the filaments, though the trend reverses at z = 4 for the low mass bin. This is,
however, accentuated by the varying mass floor, mthresh, which increases rises after z = 4.
It is interesting to note that the galaxies in the filaments are the ones most impacted by
this however, indicating that there are disproportionately more low mass halos within than
outside the filaments. Considering the dependence on local gas density instead, Figs. 4.17
and 4.18 show the obvious trend that filament galaxies sit in slightly higher density regions.

The other columns of Figs. 4.17 and 4.18 are 2D histograms weighted by galaxy proper-
ties. More specifically, the second column is weighted by stellar mass, the third by specific
star formation rate (averaged over the last 100 Myr) and the fourth by the galaxy forma-
tion efficiency. Any systematic effect of the local density or distance to the filament spine
should be visible as a colour gradient. There does not appear to be any dependence of the
stellar mass of the galaxies on local density or distance to the filament, with galaxies of
similar stellar mass existing regardless of the local filament density or whether inside or
outside the filament. For the high mass galaxies however, there appears to be a very slight
enhancement at the truncation radius, which suggests that higher mass galaxies accrete onto
the filament more slowly. There also appears to be an enhancement in specific star forma-
tion rate for the galaxies within filaments, indicated by the darker shading. After z = 4 the
specific star formation rate falls for both populations, but additional suppression within the
filament is not seen, in agreement with Figs. 4.15 and 4.16. These trends in the specific
star formation rate is reflected in the the galaxy formation efficiency, which appears very
slightly boosted by being inside the filament, particularly for low mass halos. These plots
cover only the mean galaxy properties, which according to Figs. 4.12-4.16, are not strongly
affected by membership or otherwise of the filamentary network, rather than the shape of
the distribution of galactic properties. It is perhaps not so surprising that little variation in
the mean galactic properties is seen with density or distance to the nearest filament.

4.3 Filament Profiles

Filaments are the means by which the large scale environment is able to forge a direct
connection with the galaxies they connect to. In this section I will explore this connection
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Figure 4.17: Weighted histograms of galactic properties as a function of distance from fila-
ment (in units of its truncation radius, rω) and local gas density for galaxies hosted by halos
with DM masses greater than 1010.6M�. The columns show the total number, the stellar
mass, specific star formation rate and the galactic formation efficiency between z = 6 and
z = 2. The dashed black line indicates the truncation radius of the DM filament, divid-
ing the non-filament from filamentary galaxies clearly into two distinct groups, as show
by the first column. The lack of clear colour gradients suggest that distance and density
of the local filament do not strongly impact average stellar mass, specific star formation
and efficiency. It does not exclude the variation in the distribution as suggested in Figs.
4.12-4.16.
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Figure 4.18: Weighted histograms of galactic properties as a function of distance from
filament (in units of its truncation radius, rω) and local gas density for galaxies hosted
by halos with DM masses less than 1010.6M�, but above the mass floor, Mthresh. The
columns show the total number, the stellar mass, specific star formation rate and the galactic
formation efficiency between z = 6 and z = 2. The dashed black line indicates the
truncation radius of the DM filament. As in Fig. 4.17 it is unclear that distance to the
filament or local filament density have a significant impact on the average stellar mass,
specific star formation rate and efficiency.

106



using stacked filaments profiles connected to similar galaxies to enhance the signal.

4.3.1 Constructing Median Filament Profiles According to Instanta-
neous Galaxy Properties

The most obvious way of stacking is to use the raw halo catalogue and to bin by some
desired property, for example DM mass of the host halo, at a given redshift. This does
however, obscure the fact that the galaxies themselves are evolving. A typical galaxy of
a given mass at one redshift would be considered an extreme object if it was found at
much higher redshift. The trends across redshift seen in the filament profiles stacked in
this way do not reflect the evolution of the filaments profiles, but rather in the distribution
of filament profiles. Note that in all cases considered throughout this chapter filaments are
binned exclusively on the properties of the largest in the pair of galaxies they connect, in
order to prevent double counting.

Fig. 4.19 reveals the entirely intuitive result that the densest gas (dashed line) and DM
(solid) filaments tend to connect galaxies hosted in the highest DM mass bin. In nearly all
of the panels the median densities appear ordered, with filaments connecting galaxies in the
highest mass bin possessing the largest density, filaments connecting galaxies in the lowest
mass bin having the lowest density, and filaments connecting intermediate mass galaxies
sitting in between. In both figures the intrinsic scatter within one bin is significantly greater
than the separation of the median density profiles. The one exception to this is in the
z = 5.3 panel for the DM, though this is likely a resolution issue combined with the rarity
of objects (only 4) in the intermediate DM halo mass bin. As can be seen from the figure, at
this redshift the green and blue profiles intersect around 15 ckpc resulting from the reduced
slope of the green curve, which is completely different from the behaviour one expects and
measures at all other redshifts. The median gas and DM densities vary by at most 0.2 dex
for all mass bins at all redshifts. It is likely that pursuing filaments connecting ever smaller
halos will result in probing smaller filaments with even lower densities. Finally each of
the gas and DM median density profiles show the characteristic shape of the filament and
wall revealed in the NUT pilot study (Chapter 3). A broken powerlaw transitioning to a
shallower wall slope at larger radii. This is highly suggestive of this form of the profile
being universal to filaments, and is discussed further in Section 4.5.

The median gas temperature profiles (Fig. 4.20, solid lines) show a greater diversity
with varying halo mass than the median gas density profiles. Despite this we still see the
features that were presented when we evaluated the NUT temperature profiles (Fig. 3.11),
namely a flattening of the profile in the central region followed by a rise to a peak temper-
ature due to an accretion shock, followed by a gradual decline at still larger radii. Higher
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Figure 4.19: Evolution of the filament median density profiles from z = 6 down to z = 2,
with gas in dashed lines. The filaments are here binned by halo mass, with lowest in blue,
through green and yellow, according to Table 4.1. The error bars show a 1 σ error. The
curves are well-behaved in that the lowest mass galaxies have a tendency of connecting to
lower density filaments. However, there is significant variation in this as indicated by the
overlapping error bars.
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Figure 4.20: Evolution of the median filament temperature profiles from z = 6 down to
z = 2. The filaments are here binned by halo mass (solid) and stellar mass (dashed), with
lowest in blue, through green and yellow, according to Table 4.1. The error bars show a 1
σ error. Binning in this way shows similar behaviour as in Fig. 4.19, in that the profiles
are ordered, and higher mass objects tend to connect to hotter filaments. However, at lower
redshift, the separation declines and vanishes by z = 2 for nearly every bin.
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mass halos in general reside in filaments with both higher core temperatures and higher
peak temperatures. The peak temperature also tends to occur at slightly larger radii, though
for z = 2 the peaks are extremely broad and hence the exact position of the peak is not
well defined. The fall in the temperature outside the accretion shock is less steep than at
higher redshifts. The accretion shock appears to be unimportant in slowing accretion onto
the filament as the DM and gas density profiles for different halo mass bins are separated
by similar amounts. The effect is even more pronounced in Fig. 4.20 when the tempera-
ture profiles are binned according to stellar mass, with an initially much larger separation
between stellar mass bins dwindling until there is no discernible difference between the dif-
ferent profiles at z = 2. As the filaments evolve to lower redshifts, the core of the filament
is heated, but the peak temperature stays nearly constant regardless of the galaxy property
binned over. An estimate of the relevant timescales is useful to determine that this effect
arises from filament cooling becoming inefficient.

The relevant timescales are the free-fall time

tff =

√
1

4Gρ0

, (4.2)

for a cylindrical collapse, evaluated for a test particle at r0, which encloses half the filament
mass. The exact geometry used determines the prefactor, not the scaling of the relation
however. The density used, ρ0 should be that of the DM, as this is the mass component
which dominates the gravitational influence of the system. The cooling timescale is defined
as the ratio of the thermal energy of the gas to the cooling rate, given by:

tcool =
3nkBT

2n2
HΛ(T )

, (4.3)

where n is the total number density, nH is the hydrogen number density, and Λ is the
cooling function. Even without substituting numbers into these equations it is apparent
that the cooling time grows faster than either the sound crossing time or the free fall time.
Computing these timescales according to the densities and temperatures for the low halo
mass bin and using the cooling function from Sutherland and Dopita (1993) yields tff =

620 Myr and tcool = 3.2 Myr for z = 6. By z = 2, tff has roughly doubled, reaching
1.1 Gyr whereas tcool = 170 Myr, a factor of nearly 50 times as long as before. While
these values have not yet crossed over there are three caveats to bear in mind with this
estimation. The first is that the cooling time was evaluated at the filament centre and it is
highly sensitive to the density which drops precipitously outside of the filament core. The
second point is about the cooling function itself. As the temperature rises above 105 K
cooling becomes less efficient as the gas becomes ionised and Bremsstrahlung does not
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become an important cooling mode until T > 106 K. Both of these effects reduce the
efficiency of cooling in the filament, resulting in a widening density profile which in turn
decreases the cooling efficiency. The third and most important caveat however, is that these
are the median timescales. The 1 σ dispersion of the distribution includes densities that are
nearly an order of magnitude below the median, which could give rise to filaments that
already have cooling timescales longer than their free fall timescales, resulting in hotter
and wider filaments. The rest of the population will not be far behind in this fate. This can
be seen around the galaxies in Fig. 4.2 as the absence of narrow, collimated cold flows onto
the galaxies.

Finally, I have included the DM velocity dispersion for completeness in Fig. 4.21.
Note that the profiles are much flatter than than those measured in Chapter 3, particularly
at lower redshifts. This is discussed further in Section 4.5. In spite of this difference,
a similar trend as in the previous gas temperature profile plots is seen, with higher mass
halos being connected to filaments with higher velocity dispersions.

4.3.2 The Effect of Filaments on the Final Galactic Properties

In order to make direct comparisons with Chapter 3 it is necessary to use the merger tree
to ensure the same galaxies are being followed through the simulation, such that the same
objects are binned together across cosmic time and the intrinsic evolution of the object
does not cause it to switch bin. This has the caveat that while objects may end up with
similar properties at the end of the simulation it is possible that they have wildly different
accretion histories, e.g. Jian et al. (2012) finds a strong dependence on merger rate on
the local overdensity. In an extreme example, these can be two halos which end up with
the same halo mass, but one becomes incorporated into a cosmic web filament at high
redshift, while the other is only accreted at late times. The higher density environment of
the cosmic web means that the first halo is more likely to experience a greater number of
mergers, growing primarily by this mechanism rather than by direct accretion of matter, as
for the second halo. Ideally, a larger simulation would allow more cuts on the sample of
galaxies to avoid such a situation, while still avoiding small number statistics.

The merger tree is constructed from the galaxy catalogue. For each snapshot the pro-
genitors of each object is found. If there are more than one progenitor then the most massive
one is identified as the main progenitor. While I could also compute the merger history of
the smaller progenitors I only track the main progenitors back to formation in this thesis.
As a result only galaxies that were the most massive at every merger event are represented
in the merger tree, all other galaxies are branches along this tree trunk and are therefore
discarded.
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Figure 4.21: Evolution of the filament median DM velocity dispersion profiles from z = 6
down to z = 2. The filaments are here binned by halo mass, with lowest in blue, through
green and yellow, according to Table 4.1. The error bars show a 1 σ error. While the central
velocity dispersion has a sensible value, the shape of these profiles are not at all like Fig.
3.11, except at high redshift. The likely reason for this departure is explained in the text.
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Due to the filaments being in overdense regions the galaxies here have higher merger
rates than field galaxies. Very few main progenitors are therefore part of the filamentary
network at all times. At z = 6 for example, there are only 5 galaxies left that will go on to
merge with objects smaller than themselves down to z = 0.7, whereas there are 19 galaxies
in the network which are above the mass threshold at this redshift.

It becomes immediately clear that the monotonic evolution of filament profiles as a
function of galaxy property (Figs. 4.19, 4.20 and 4.21) is lost. Despite only having two
bins, the higher mass objects do not always correspond to the densest filament profiles (see
Fig. 4.22). In fact, when binning according to the halo mass at z = 0.7 as in Fig. 4.22 the
separation initially seen between the two lines at z > 4 shrinks until the mass bins have
essentially the same median profiles at lower redshift. In addition, the order (colour) of the
lines is reversed multiple times. There is no obvious pattern in the ordering of the profiles,
suggesting that the nature of the filament has little impact on the final properties of the
galaxy. Binning at an earlier time, z = 3, as shown in Fig. 4.24 reveals the same pattern,
with no major difference between the profiles binned at the two different times.. It seems
that other processes, rather than the density or size of the local filaments is more important
in determining the fate of the galaxies within the filaments. This agrees with Figs. 4.17
and 4.18 which show that the local filament density has no significant impact on the galaxy
properties I considered in this thesis.

However, as these filament density profiles appear very similar to one another, it may
be more informative to look at the gas temperature profiles instead. From Fig. 4.25 it is
apparent that the halo mass also has little bearing on the temperature profiles of filaments at
earlier epochs. For instance, the difference between the two mass bins are negligible for the
last two redshifts as they were for the density profiles The median temperature profiles are
otherwise not correlated with halo mass. However, at the final redshift displayed, z = 2, the
gap in the temperature profiles reopens when binning by stellar mass. Here the low stellar
mass bin in cyan has a higher temperature than the green high stellar mass bin. This is
suggestive of lower mass galaxies being less able to accrete gas from the filament, thereby
suppressing their growth.

This agrees with the perspective given by Fig. 4.26. Here at z = 2 the less efficiently
formed galaxies are connected to filaments with greater temperatures, as shown by the cyan
line being above the green. This regime extends up to z = 4.8, indicating that more efficient
galaxy formation occurs in cooler filaments. Since stellar mass is at zeroth order dictated
by halo mass, galaxy formation efficiency is a much more sensitive probe of suppression
and enhancement by filamentary accretion.
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Figure 4.22: Evolution of the filament median density profiles from z = 6 down to z = 2.
Gas is indicated with a dashed line. The filaments are here binned by the z = 0.7 mass,
with lower bin in cyan, and the higher bin in green, according to Table 4.3. The error bars
show a 1 σ error. The z = 0.7 halo mass does not generate a consistent separation in the
density of the filaments, particularly at lower redshift.
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Figure 4.23: Evolution of the filament median DM density profiles from z = 6 down to
z = 2. The filaments are here binned by the z = 0.7 stellar mass (solid) and halo mass
(dashed), with lower bin in cyan, and the higher bin in green, according to Table 4.3. The
error bars show a 1 σ error. The filament DM profiles appear to have very little bearing on
the final z = 0.7 mass of the galaxy or halo.
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Figure 4.24: Evolution of the filament median DM density profiles from z = 6 down to
z = 2. The filaments are here binned by the z = 3 mass (solid line), and z = 0.7 indicated
with a dashed line, with lower bin in cyan, and the higher bin in green, according to Table
4.3. The error bars show a 1 σ error. The density ordering seen in Figs. 4.19-4.21 is not
maintained when binning by the mass at a specific redshift, and the difference between the
two bins declines towards lower redshift.
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Binning by specific star formation rate, I find that the filaments feeding objects with
higher specific star formation rate tend to have higher shock temperatures at high redshifts,
as compared to galaxies with lower specific star formation rates. This difference declines
below z = 4 and seems to reverse by z = 2. This can also be seen in Fig. 4.29 (bottom
right panel). It appears as though the gas accretion onto these filaments is suppressed by
excessive heating early on, and becomes available for star formation at later times.

Despite filaments connected to galaxies with high specific star formation rates (Fig.
4.27) and those connected to galaxies with high galaxy formation efficiency (Fig. 4.26)
having different temperatures at high redshift, it appears that they become very similar at
late times. This appears to be due to the heating of the filaments that supply the gas. Indeed,
Fig. 4.29 shows that as the redshift decreases to z = 2 the peak temperature and central
temperature in Fig. 4.29 approach each other.

4.3.3 Summarising Information from Filament Profiles

Rather than assessing the effect of various binning methods by viewing the profiles, it is
more convenient to view a summary of these in the form of Figs. 4.28 and 4.29. In Fig.
4.28 each panel shows the central densities for the gas in solid and DM in dashed lines. The
mean density of the universe multiplied by a factor of 100 is also shown as a dashed black
line. Regardless of binning strategy, the gas always follows the same scaling in evolution as
the mean density of the Universe. The DM however, begins to deviate from this scaling by
z = 4. This is likely due to resolution effects. The evolution of the gas central density for
the NUT filaments are also plotted. It is interesting to note that only when binning by final
property do the densities for the NUT and NEW HORIZON line up. This is due to the method
only considering the largest progenitor after each merger being equivalent to tracking the
same filament back in time as done in the NUT analysis in Chapter 3. Regardless of this, it
appears that the filament considered in the NUT simulation has a density in the low tail of
the NEW HORIZON distribution.

In the left column of Fig. 4.28 the central densities monotonically increase when mov-
ing from the lowest to the highest halo and stellar mass bins. The galaxy formation effi-
ciency and specific star formation rate show no such ordering, as it is not the density which
determines whether or not the gas can be accreted and fuel star formation, but more likely
the temperature. In the right hand column, where the density is binned by the z = 0.7

properties, no obvious trend in central density is seen.
In Fig. 4.29 the evolution of the filament temperature is summarised. In this case only

the central (solid line) and peak temperature (dashed line) are plotted. Regardless of bin-
ning scheme, two things are immediately apparent. The first is that the core temperature is
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Figure 4.25: Evolution of the filament median temperature profiles from z = 6 down to
z = 2. The filaments are here binned by the z = 0.7 halo mass (solid) and stellar mass
(dashed), with lower bin in cyan, and the higher bin in green, according to Table 4.3. The
error bars show a 1 σ error. The final stellar mass is enhanced if the galaxy resides in a low
temperature filament, which is more conducive to accretion onto the galaxy, as shown by
the divergence in the temperature profiles at this redshift for the dashed lines only.
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Figure 4.26: Evolution of the filament median temperature profiles from z = 6 down to
z = 2. The filaments are here binned by the z = 0.7 galaxy formation efficiency, with
lower bin in cyan, and the higher bin in green, according to Table 4.3. The error bars show
a 1 σ error. More efficient galaxy formation occurs in the low temperature filaments.
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Figure 4.27: Evolution of the filament temperature profiles from z = 6 down to z = 2.
The filaments are here binned by the z = 0.7 specific star formation rate, with lower bin in
cyan, and the higher bin in green, according to Table 4.3. The error bars show a 1 σ error.
Galaxies which are highly star forming at low redshift tend to reside in colder filaments at
low redshift (z = 2). However, these galaxies resided in filaments which were hotter earlier,
suggesting that accretion at earlier times was suppressed, resulting in the high specific star
formation rates seen later (at z = 0.7).
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Figure 4.28: Evolution of the filament median central density with redshift, binned accord-
ing to halo mass top, stellar mass second from top, galaxy formation efficiency in the third
row and specific star formation rate at the bottom The dashed coloured lines represent DM
and solid lines are gas. The NUT simulation is shown in orange. Lowest value properties
are represented by the blue lines. The left column bins by the current instantaneous quanti-
ties and the right by final (z = 0.7) properties. One hundred times the mean density of the
Universe is shown as the dashed black line. The gas density scales exactly as the expansion
of the universe predicts. The DM departs from this scaling at high redshift due to resolu-
tion effects. The NUT filaments is seen to follow the same scaling. The central density is
ordered from lowest to highest instantaneous galaxy and halo mass, but not for the other
two properties. The ordering of the central densities is not seen when binned according to
final properties.
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rising with decreasing redshift, and the second is that the peak temperature stays roughly
constant for z < 5. This suggests that at some point around z = 2 the filaments will cease
to have cold cores and cold mode accretion from these filaments will end. The difference
between the NUT (in orange) and NEW HORIZON (the other profiles) here is that the NUT

starts off with no gap between the peak and filament central temperatures. Before this
point the filament is unable to maintain a stable accretion shock, similar to the case that
Birnboim and Dekel (2003) studied for a spherically symmetric distribution. The NEW

HORIZON accretion shock is partially maintained by the addition of hot gas from SN feed-
back. It is unclear whether or not the gap between the peak and central temperatures will
decline for the NUT from the plots, however, analytic considerations for the cooling and
free fall timescales suggest that cooling will become less effective with time so this gap
must eventually close.

In the left column of Fig. 4.29 the temperature profiles are binned according to the
instantaneous galaxy properties. Like the densities before them (Fig. 4.28), mass binning,
whether by DM or stellar mass, results in the same ordered temperature profiles, with hotter
filaments typically connected to more massive halos and galaxies. The ordering breaks
down for the galaxy formation efficiency with no clear trend visible, and no real separation
between the median profiles. This is likely due to that fact that when binning by galaxy
formation efficiency groups together objects of different masses. In Fig. 4.29 the low
specific star formation rate median central temperature (blue) is systematically above the
other bins, sometimes rising much further above. The reduction in specific star formation
rate appears to be linked to the heating of the filament. The similarity between the other bins
in this panel could in part be due to the bursty nature of the star formation rate. The galaxies
can rapidly switch between bins if they undergo a starburst event when the properties are
measured, while changes in the filament temperature occur on much slower time scales.
It is important to note that the sSFR is averaged over the previous 100 Myr, but the star
formation here could be using gas accreted much earlier.

Binning by the final halo mass (right column, Fig. 4.29) there is no difference between
the two bins, as indicated by the two lines being extremely similar. If binning by the stellar
mass instead, a small gap opens up below z = 4 for the peak filament temperature. The blue
line here represents the low mass bin, suggesting that the final galaxy mass is suppressed
by being grown in a hotter filament. A different subset of the galaxy population from those
with high stellar masses are those with high formation efficiency. These galaxies typically
have filaments which are colder at high redshift, as shown in the 3rd row, right column.
Binning by specific star formation rate instead shows the reverse trend with high specific
star formation rate galaxies typically having had hotter filaments at high redshift. The gap
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between the two bins disappears around z = 3.8. By comparing the 3rd and 4th panel of the
right hand side, it is apparent that these are two distinct populations, given that the thermal
histories are the reverse of one another.
In both Figs. 4.28 and 4.29, in spite of the diversity in gas and DM densities and temper-
atures, the underlying scalings appear to be very similar for the two simulations, the NUT

suite and NEW HORIZON simulation, irrespective of the way that the data is binned. This
is of course ignoring the scaling of the peak temperature of the NUT simulation at early
times. It would be interesting to investigate if this curve would rejoin the core temperature
and whether the timing of this event is significantly different to that of the NEW HORIZON

simulation. The scalings of these density and temperature parameters are highly suggestive
of an underlying universality to the scaling of the filament profiles. This is also likely far
more robust (up to the resolution effects seen at early times in these two figures) than the
exact shape of the filament profiles. Whether the baryons continue to obey the same density
scaling after z = 2 remains to be seen.

4.4 Confinement of Gas Filaments

In this section I briefly retest a theoretical underpinning of the filament profile suggested in
Chapter 3, Eq. 3.7 allows the index of the gas filament to be modified. The analytic profile
(Eq. 3.7) is obtained by assuming that the ratio of the velocity dispersion to sound speed
is fixed, but not necessarily unity, with the filament index n = (σ/cs)

2. While the velocity
dispersion stays nearly constant (Fig. 4.21), the gas temperature (Fig. 4.25) increases, and
thereby the sound speed. The evolution in n causes the slope of the profile to become shal-
lower. Physically, this is the result of the gas, initially trapped in the DM potential well of
the filament, becoming less trapped as it heated. While the DM velocity dispersion cannot
be reliably estimated for NEW HORIZON , it is still possible to fit the resultant profiles.
The gas filament index is separated into two important regimes by a critical index, ncrit. If
the gas filament density profile is integrated to give the total mass of the filament, then for
the supercritical regime n > 0.5, as the radius approaches infinity the filament has a finite
mass. At or below this index, in the subcritical regime, the mass increases without bound
as radius increases. These two regimes correspond to a confined gas filament, and one
which is not trapped by the gravitational potential of its DM counterpart and clearly more
susceptible to feedback, photoevaporation and disruption. Fig. 4.30 shows the distribution
of the index over all filaments from z = 6 to z = 2, regardless of the properties of the
galaxies they connect.
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Figure 4.29: Evolution of the filament median temperature with redshift, binned according
to halo mass top, stellar mass second from top, galaxy formation efficiency in the third row
and specific star formation rate at the bottom The dashed coloured lines represent the peak
temperature and solid lines are central gas temperatures. The NUT simulation is shown in
orange. Lowest value properties are represented by the blue lines. The left column bins
by the current instantaneous quantities and the right by final (z = 0.7) properties. The
core temperature rises faster than the peak temperature, appearing to cross around z = 2.
This is the point at which the filaments start to evaporate. Filaments remain well-behaved
as in Fig. 4.28, though additionally this persists even when binning according to the final
(z = 0.7) efficiency and sSFR.
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Immediately it is apparent that the population is bimodal, with a population peaking
around 1, for confined filaments which justifies my use of the profile with n = 1 over the
course of the thesis, and a second population with a gas filament index around n = 0.5. As
the simulation progresses there is an evolution from a mostly supercritical filament popu-
lation to a mostly critical one. The distribution is sharply peaked at n = 0.5, with numbers
rapidly dropping for even slightly lower or higher values. Most of the gas filaments have
the bare maximal internal energy required to be confined, and thus cannot develop lower
indices than this. Also within the supercritical regime there is a trend towards the gas fil-
aments lowering their index, which is also suggestive of them being heated faster than the
DM potential well which confines their growth. Of the two competing effects here, the
growth of DM filaments on the one hand and increased heating of the gas filaments on the
other, the latter wins.

4.5 Comparing with the NUT suite

I now evaluate whether the filaments studied in the NEW HORIZON simulation are compa-
rable to those of the NUT . The counterpart of Fig 3.12 for the NUT is Fig. 4.31, showing
the evolution of both the truncation radius for the DM and core radii for the gas and DM.
There are some obvious differences between the NUT and NEW HORIZON . First of all,
for 4 < z < 6 the NUT DM filaments appear to have smaller core and truncation radii.
Secondly, in NEW HORIZON the core radius for the gas is not only considerably larger
than that of the NUT , but also appears to scale differently below z = 4. Note that the core
radius was found with the fully general filament profile of Eq. 3.7 in addition to the wall
profile. Below z = 4 the filaments are switching to a shallower profile, as indicated by
Fig. 4.30. It is possible that the difference in scaling in both cases are due to resolution
effects, but in different ways, with DM particularly affected by mass resolution, and the
gas affected by spatial resolution. The NUT has 64 times better DM mass resolution and
twice the spatial resolution within filaments (comparing Figs. 3.2 and 4.6), resulting in a
factor 8 times fewer particles per cell in NEW HORIZON , making the Poisson noise nearly
3 times as significant. In Chapter 3 I concluded that a resolution of 2 kpc at z = 4 was
sufficient to resolve the filaments, however, this was based on extracting the same simu-
lation at different resolutions, rather than rerunning the simulation at different resolutions.
The NEW HORIZON filaments were simulated with a lower spatial resolution, (∼ 2.5 kpc
for NEW HORIZON and ∼ 1.2 kpc for the NUT), and as a result have a greater softening
length in the local gravitational potential. This could be responsible for the larger DM
filaments in NEW HORIZON . The gravitational potential of these filaments are therefore
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also less able to hold on to gas, making the gas filaments considerably larger. Chabanier
et al. (2020) reran the HORIZON-AGN simulation with kpc resolution in the filaments and
find significantly more compact galaxies than in HORIZON-AGN which has a less aggres-
sive refinement criterion. In spite of the resolution affecting filament core radii, the NEW

HORIZON DM truncation radius appear larger but only slightly (within the errors of most
redshifts of the NUT simulation), and they scale exactly like the NUT DM truncation radii.
This is tentative evidence for a universal scaling for the truncation radii of filaments. Due
to the limitation of the NEW HORIZON filament network, we can only conclude this for
objects with 1010 < MDM/M� < 1012.6. This represents less than an order of magnitude
in virial radius, so it is difficult to draw definitive conclusions about how the filament size
evolves in comparison to the size of the halos and galaxies embedded within them.

The NUT feedback run produces gas filaments which do not have a turn over at large
radii for all redshifts in either their temperature or vorticity, making it difficult to define a
truncation radius. A direct comparison of filament profiles for the no feedback NUT and
NEW HORIZON is shown in Fig. 4.32. Interestingly, despite having identical star formation
recipes and feedback prescriptions as the NUT feedback run, the NEW HORIZON temper-
ature profiles still have a definite peak despite the feedback. This is likely a resolution
issue again. The NUT is capable of producing more stars (of lower mass), which are able
to continuously inject energy into the IGM around them. Crucially this happens all along
the filament as lower mass objects are able to make a contribution, rather than just around
large objects, compare Fig. 3.3 (z = 4), right column with Fig.4.1 (z = 6). This does
break down at later times however, see Fig. 4.2 (z = 0.7), where the feedback is able to
extend much further into the environment around the galaxy. The NEW HORIZON fila-
ments are seen to be expanded compared to the NUT , with the higher mass halos hosted by
fractionally larger filaments driven by the feedback in the embedded galaxies.

Turning to the DM velocity dispersion in Fig. 4.32 it quickly becomes apparent that
there are significant differences between the NUT and NEW HORIZON filaments. While
the central dispersions are very similar, the profiles for NEW HORIZON do not decay as
steeply. This is most likely due to the 2nd order nature of the velocity dispersion being
more sensitive to the poorer mass resolution. The median number of DM particles per
cell in NEW HORIZON is around 20 in the filament centre, giving rise to a 20% Poisson
error. As the density drops over an order of magnitude there are areas that have over 100%
Poisson errors. For the other profiles this can be made more reliable by using annular
averaging to compute the profiles in combination with the DTFE (Delaunay Tessellation
Field Estimator) to smoothly estimate the field value from sparse data, but the velocity
dispersion is constructed from the velocity field by subtracting the local velocity from each
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Figure 4.31: Evolution of the filament median DM (left) and gas (right) core (solid) radius
(using the fully generalised filament profile of Eq. 3.7) and vorticity derived truncation
radius for the DM (dashed) across cosmic time. The (coloured) lines are NEW HORIZON

binned according to the final (z = 0.7) halo mass according to Table 4.3, with the low mass
bin in blue and higher mass bin cyan. The NUT no-feedback run, whose halo mass sits
between the two bins, is overplotted in black. The feedback run is not shown as there is
little difference in the core and truncation radii derived from the two simulations. Error bars
show 1 σ deviations from the median. The truncation radii for the DM scale identically to
those of the NUT suite, while the core radius appears to scale very similarly after z = 4.5,
before which resolution effects cause the profile fitting to overestimate the filament size.
The core radius of the gas appears to scale slower with redshift than the NUT suite, and is
also significantly larger.
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of the particles, so does not get the benefit of the annular averaging, and has fewer than
one particle per cell. In the ΛCDM regime DM particles initially start with extremely small
thermal velocities. As a result neighbouring particles experience similar potentials. Only
when structures collapse, such as the formation of a wall, filament, or virialisation in a halo
do particles undergo shell-crossing. This is how dispersion is generated in DM. In Fig. 4.21
the z = 6 when the filament potentials are relatively small, the velocity dispersion profiles
show similar exponential decline with radius as the NUT DM velocity dispersion profiles.
As redshift decreases however the dispersion declines much less rapidly with radius. In
order to prevent resolution effects from dominating, the DM particle mass would need to
be 30 times lower to ensure there is always more than one particle per cell at the same
spatial resolution. I am as a result of this unable to use the velocity dispersion to reliably
estimate the truncation radius in NEW HORIZON , however, the vorticity is less affected.

In the top row of Fig. 4.32 I compare the NUT density filament profiles with those of
NEW HORIZON at z = 4. The density profiles are almost identical, with the exception that
halos with higher masses in NEW HORIZON have higher density DM filaments. The NEW

HORIZON gas filaments are slightly higher in density than those in the NUT , though they
are within the errors of the NUT simulation. There is no significant difference in density
between the two mass bins. This is also observed in Fig. 4.19. Despite differences in
the DM potential and gas temperatures, the gas density profiles appear to conspire to form
the same profile. The profiles are fitted using Eq. 3.9. Taken together with the other
density profile plots, filaments connecting halos in the mass range 1010 < M/M� < 1012.6

show a universal profile, of the form of Eq. 3.9. This rather narrow range of values are
constrained at both ends. For the moment, the filamentary network itself is defined using
the mass threshold, Mthresh, though in future the analysis could be extended to lower mass
galaxies without changing the filaments. Secondly, at the high mass end the simulation
is constrained by the non-linear mass scale. At later times in the simulation than those
considered in the simulation (i.e. after z = 2) ever larger structures have time to form. This
will be considered in future.

4.6 Conclusions

The analysis performed in Chapter 3 focused on a filament feeding one galaxy at high res-
olution. I applied the techniques developed in Chapter 3 to the NEW HORIZON simulation
(Dubois et al., 2020), a cosmological zoom of a region extracted from HORIZON-AGN
(Dubois et al., 2014a) which has have tens of galaxies of a similar stellar mass to the one
we studied in Chapter 3, along with several more massive objects. NEW HORIZON also
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Figure 4.32: Comparison of the NUT no-feedback profiles with NEW HORIZON profiles
at z = 4 for low mass halos (blue) and high mass halos (green) as defined in Table 4.1.
The left column is for dark matter, while the right is gas. The rows show density and
temperature and velocity dispersion for gas and DM respectively. Overplotted on the NEW

HORIZON density profiles are the analytic fits of Eq. 3.7 found in Chapter 3 in addition to
the wall profile. These are in a shade darker than the fit they correspond to. In order to make
a fair comparison to the NUT, the NEW HORIZON halos are binned according to their mass
at z = 0.7. The error bars are 1 σ deviations from the median. Note how similar the profile
shapes are for the median gas and DM density profiles are. The truncation radii of the NEW

HORIZON are enhanced in the gas temperature profile, though this is to be expected since
there is feedback in the simulation. In spite of this, the core filament temperature remains
very similar. The dispersion profiles for NEW HORIZON are affected by relatively poor
resolution (see text), resulting in the overestimate in the value at all radii.
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features AGN feedback and has reached z = 0.25, which also allows to comprehensively
extend the redshift range of the analysis, although in this thesis I only analyse filaments
down to z = 0.7. Such a simulation will thus permit the extraction of a large sample of
filaments from which to derive statistically meaningful quantities. Building on the work of
Chapter 3 a sample of filaments were constructed connecting halos of masses greater than
Mthresh. The main results were:

• Mean filament connectivity is approximately 1.5 for low mass halos, rising to 3 for
halos with masses greater than 1011.4M�.

• Halos which reside within the filament network typically have a higher galaxy for-
mation efficiency.

• Once a halo is accreted by a filament it is a rapidly trapped, making it easy to dis-
tinguish between two distinct populations: inside and outside the filament truncation
radius.

• Exact distance to a filament and local filament density have little effect on instanta-
neous dark matter halo mass, stellar mass, and specific star formation rate. Galaxy
formation efficiency shows a slight enhancement when the galaxy is inside the fila-
ment.

• Filaments connected to higher mass galaxies and halos are typically fed by denser
and hotter gas and DM filaments.

• The median density profiles of filaments in NEW HORIZON are compatible with the
analytic profile fit to the filaments in the NUT simulation, regardless of redshift, or
the properties of the galaxies the filaments connect to, suggesting a universal profile.

• The filament truncation radius for the dark matter scales like the NUT filaments as a
function of redshift.

• Filament densities do not correlate well with the final (z = 0.7) galactic properties,
suggesting that other processes are at least as important in shaping the low redshift
properties of galaxies. This result holds independently of the chosen final redshift
value.

• The central gas filament temperature rises faster than the peak filament temperature,
which suggests that cold accretion from the filament steeply declines below z = 2.
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• In order to study the DM filament velocity dispersion it is necessary to use a higher
mass resolution. More specifically extracting the filaments at a spatial resolution of
8 ckpc. The mass resolution must be at least 4 × 104M� to ensure that there is at
least one particle per cell in the outer filament.

• The filaments exhibit a bimodal distribution for the index n = (σ/cs)
2 appearing

in the more general analytic profile for the filament (Eq. 3.7), corresponding to gas
being confined or not by the filament. The filament in general evolves away from the
confined state.
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Chapter 5

The Impact of Reionisation on
Filamentary Accretion

5.1 Introduction

In this chapter the effect of reionisation on filaments and their associated galaxies will be
explored. Reionisation is the last phase transition experienced by the Universe as a whole.
At reionisation the gas in the Universe transitions from being composed mostly of atomic
hydrogen, which is opaque to photons above 13.6eV, to ionised hydrogen, which is trans-
parent to these photons. Due to the hierarchical nature of ΛCDM , larger halos are built
up from the mergers of smaller halos. However galaxies residing within the lowest mass
halos are unlikely to be the products of mergers even though they often exhibit older and
metal-poor populations of stars. For halos with virial temperatures below the atomic cool-
ing limit the presence of pristine stars are expected as these halos are incapable of accreting
gas from the IGM once it has been heated by reionisation to 20-30 kK (Miralda-Escudé and
Rees, 1994; McQuinn, 2012), a higher temperature than their virial temperature, thereby
suppressing star formation (Efstathiou, 1992; Gnedin, 2000; Hoeft et al., 2006; Okamoto
et al., 2008; Noh and McQuinn, 2014). This state of affairs continues well into the dwarf
regime, with virial masses 108M�.

As it stands, ΛCDM has a number of problems:

• The core-cusp problem (Moore, 1994; Oh et al., 2015), is a tension between pure
DM simulations and galaxy rotation curve observations. Observations suggest inner
rotation curve profiles have a ‘core’, with densities approaching a finite value, while
simulations predict it should be a cusp.

• The missing dwarf problem (Mateo, 1998; Moore et al., 1999; Klypin et al., 1999) is
a tension between the number of observed and predicted dwarf galaxies. The tension
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arises from two effects: the ΛCDM mass function is very steep at lower masses,
and dwarf galaxies are extremely faint and difficult to detect, even at close range.
Indeed, satellites of the Milky Way can be fainter than the night sky itself. More
recent surveys, e.g. Müller and Jerjen (2020) still count fewer satellite galaxies than
expected from simulations.

• The ‘too big to fail’ problem (Boylan-Kolchin et al., 2011), highlights that the Milky
Way has too few large detectable satellites. There should be approximately 6 objects
with circular velocities greater than 30 kms−1, when none are detected. This either
means that these satellites do not exist or star formation has been suppressed in them.

All of these problems can be alleviated by the suppression of gas inflow onto galaxies
or ejection of gas directly from galaxies, flattening their stellar and dark matter profiles,
thereby reducing their stellar mass and hence their detectability. Reionisation is known to
have an impact on the mass accretion of low mass galaxies, e.g. Iliev et al. (2007) found
that reionisation is self-regulating in that as reionisation advanced less gas was available
for star formation and thus the progress of reionisation was slowed.

One of the big questions surrounding reionisation is what causes it (D’Aloisio et al.,
2015; Chardin et al., 2017; Parsa et al., 2018). Some potential sources are quasars, low
mass dwarf galaxies, or larger, highly star forming galaxies. A focus of galaxy simulations
has been to compute the escape fraction, fesc, from galaxies. Most of the UV photons
produced by the galaxy do not escape the relatively dense gas of the galaxy. Indeed, the
photons may even struggle to escape the stellar birth clouds themselves, given that the
bulk of UV photons are produced by short-lived giant stars. Simulating reionisation is
an inherently multiscale problem, requiring both high resolution of the ISM around the
sources of the radiation, and of the larger scale structure of the Universe itself. The value
obtained for fesc can have extreme implications for the types of objects that can trigger
reionisation, its onset and duration. Simulations indicate that it is predominately galaxies
that drive reionisation rather than quasars (Trebitsch et al., 2020). This is in part due to the
steep decline in the quasar number density at high redshift(e.g. Kulkarni et al., 2019).

Most of the gas accreted by a galaxy at high redshift arrives via the cold mode in
filaments (Kereš et al., 2005). It is thus important to understand the influence of reionisation
on this gas and to assess its importance relative to shock heating. Ocvirk et al. (2016b)
studied the gas of a single filament and found it to be shock heated to 105 K, a factor of
10 higher than that caused by reionisation (Haardt and Madau, 2012; Bolton et al., 2012;
Puchwein et al., 2018).
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In this chapter, I will use the SPHINX suite of cosmological radiation hydrodynamics
simulations (Rosdahl et al., 2018) to study the effect of reionisation on filaments and dwarf
galaxy formation. This work led to a publication (Katz et al., 2019). In Section 5.2 I will
describe the SPHINX simulation set up and analysis routines. In section 5.3 I compare the
impact of reionisation on cosmic filaments and the galaxies that they feed. The chapter
concludes in section 5.4.

5.2 Methods

5.2.1 The SPHINX simulation suite

The SPHINX suite are a series of simulations studying reionisation (Rosdahl et al., 2018)
using RAMSES -RT (Rosdahl et al., 2013). The challenge faced by cosmological simulation
is to have a volume large enough volume to overcome cosmic variance while having high
enough resolution to capture small scale physics. In order to minimise the effect of cosmic
variance, Iliev et al. (2014) suggests a cube of sidelength 200 cMpc. This is typically not
even achieved by hydrodynamic simulations which do not model radiative transfer. For ex-
ample HORIZON-AGN, ILLUSTRIS TNG and SIMBA are all hydrodynamical simulations
of cosmological volumes of only 100 cMpc on a side. Alongside a large box size, in order
to resolve the ionising fronts of radiation, parsec resolution is required (Kimm and Cen,
2014; Xu et al., 2016). Many radiative transfer simulations have attempted to either cap-
ture the large scales while barely resolving galaxies e.g. Ocvirk et al. (2016a, 2018), or to
capture the small scales with radiative transfer zoom simulations, which give the detailed
reionisation history of a small group of galaxies without capturing the large scale changes.
In either case reionisation is not captured self-consistently.

5.2.2 Choosing Initial Conditions

In order to obtain a set of ‘average’ initial conditions and minimise the effect of cosmic
variance, 60 pure DM simulations, each with 2563 particles in a box of sidelength 5 cMpc
were run using the initial conditions from MUSIC (Hahn and Abel, 2013). Cosmological
parameters were chosen to be consistent with Planck Collaboration et al. (2016): ΩΛ =

0.6825, Ωm = 0.3175, Ωb = 0.049, h = H0/(100kms−1Mpc−1) = 0.6711 and σ8 =

0.83. Each realisation had a random seed. The initial conditions which generated the most
average mass function amongst this set of simulations was chosen as the initial conditions
for the SPHINX simulation suite (in practice theM1.5

vir was used as this was found to correlate
more strongly with luminosity). This volume should be more representative of the Universe
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as a whole despite being far below the homogeneity scale with a cubic volume of only
5 cMpc on a side. The absence of extremely large but rare galaxies could have a large
impact on the local reionisation history and as a result the findings from this chapter may
not apply in such environments.

5.2.3 Numerical Set Up

Here I describe the details of the RAMSES-RT implementation used for the SPHINX . The
hydrodynamics is solved with the HLLC Riemann solver (Toro et al., 1994). An adiabatic
index γ = 5/3 is used which is appropriate for an ideal monatomic gas. A first order
method is employed for radiation advection using M1 closure for the Eddington tensor
(Levermore, 1984) and the Global-Lax-Friedrich flux function for constructing the inter-
cell radiation field. Cooling is calculated by interpolating the cooling tables of CLOUDY

(Ferland et al., 1998) for temperatures above 104 K. Hydrogen and helium mass fractions
are set to X = 0.76 and Y =0.24, while the gas is given an initial metallicity of Zinit =

6.4×10−6 = 3.2×10−4Z� (assuming a Solar metal mass fraction of Z� = 0.02 throughout
this work). While unphysical, this small amount of metals is added to allow the gas to cool
below 104 K, using the rates computed by Rosen and Bregman (1995). The metallicity floor
is a way to compensate for the fact that the simulation does not have sufficient resolution
to capture the formation of molecular hydrogen. With the metallicity floor we ensure that
the first stars form at redshift z ∼ 15. To minimise the computational expense of a high
resolution radiative transfer simulation, the variable speed of light approximation (VSLA)
is used (Katz et al., 2017). AGN are expected to become relevant for reionisation in galaxies
larger than the ones studied in this set of simulations Trebitsch et al. (2017); Mitchell et al.
(2018). As a result AGN physics is not included in these runs, though we hope to include
its effects in later SPHINX simulations.

The two simulations considered in this chapter are identical in initial conditions and
physical models except that the radiation field is disabled in the non-reionised run (NOIO

run ) and enabled in the REIO run. This allows the direct comparison of the effect of
radiation on the evolution of the filaments and the galaxies that reside within them.

5.2.4 Structure Extraction

The filaments of the SPHINX simulations were extracted using the dark matter particle dis-
tribution, with persistences from 5σ to 10σ, and every half σ in between. The 5σ skeleton
is produced by subtracting the 5.5σ skeleton, leaving only segments with persistences be-
tween 5σ and 5.5σ. As discussed in previous chapters, this is a proxy for how well defined a
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filament is, with lower persistences generally corresponding to lower mass filaments. Due
to the impact of reionisation on the gas filaments it is important that the DM skeleton is
used in order to have a comparable set of filaments for the two simulations. Any segments
within a halo were removed by ensuring that the gas density of the simulation cell it re-
sides in has a density below 130 times the mean density. Filament profiles were extracted
as described in Chapter 3 on 10243 cell cubes out to 90 cells away in the radial direction
perpendicular to the length of the filament.

Halos were identified using the ADAPTAHOP algorithm, with a minimum number of
DM particles of 300, giving a minimum halo mass of 6.4×106M�h−1. Only isolated halos
(more than 6 virial radii from the nearest neighbour, following Okamoto et al. (2008)) are
considered. Stellar and baryonic masses are attributed by counting all material within a
halo’s virial radius, with the centre defined as the most dense point within the halo. Gas
inflow and outflow are measured in a spherical shell at the virial radius with thickness±5%

of Rvir.

5.3 Results

5.3.1 Global Effects of Reionisation

We now seek to understand the impact of reionisation on the properties of dwarf galaxies
embedded in cosmic filaments. From a visual inspection of the two simulations it is already
apparent from Fig. 5.1 that the lowest mass filaments at z = 6 are drastically affected by the
radiation field. With reionisation enabled (right panel) lower mass filaments are no longer
visible, and even the larger, more well defined filaments appear to be more radially ex-
tended. In both simulations (NOIO run , REIO run) the gas is shock heated upon accretion
and the gas is allowed to cool. The difference is that the REIO run is continually heated by
the external radiation field and so cooling of the filament gas is less efficient, maintaining
and growing the size of the accretion shock. It is important to note that in both simulations
the dark matter itself is almost scale free, with the index of the power spectrum ns = 0.96

Planck Collaboration et al. (2018). This means that zooming in on any particular structure
will statistically look identical to any structure at larger scales. This is exactly what is seen
in Fig. 5.1, with filaments splitting into progressively smaller filamentary structures. The
scale invariance is broken by the gas once the local sound speed becomes greater than

√
2σ

as discussed in Chapters 3 and 4.
Comparing the left (NOIO run) panel with the middle (DM) panel of Fig. 5.1, the

baryons can be seen to closely trace the dark matter density distribution. The intergalactic
gas in this version of the simulation cools with the adiabatic expansion of the Universe
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Figure 5.1: The effect of reionisation on the filaments of the Universe left panel shows
the projection of the entire SPHINX volume without radiative transfer at z = 6. On the
right the same volume is shown with radiative transfer enabled. The small scale filaments
are visibly washed out in this view of the simulation. In the centre the corresponding
DM field is shown, overplotted with the filaments in yellow that have persistence σ > 6
found by DISPERSE . The slice is 500 ckpc in all panels. The gas filaments maintain the
scale invariance seen in the DM when radiative transfer is turned off. In the right panel
all filaments are affected, and are puffed up by comparison. The lowest mass filaments are
virtually erased.

and hence has very little pressure support to prevent collapse onto a filament. In fact, the
theory put forward in Chapter 3 (Section 3.4.1) suggests that these filaments should be
significantly narrower than the DM filaments due to the reduced sound speed relative to
velocity dispersion.

The right panel of Fig.5.1 shows the run with radiation(REIO run) and thus a very
different state for the IGM. It is already apparent that at z = 6 the number of gas filaments
is far reduced compared to the non-reionised simulation. The increased heating from the
radiation fields of the young galaxies allows the gas to resist the potentials of smaller DM
filaments, completely washing out their structure in this projected view, while even the
highest mass filaments, which generally connect higher mass nodes of the cosmic web,
show the same pattern of widening. Any galaxy residing within the cosmic web should be
strongly affected by the suppression of its gas supply from cold mode accretion. Further,
this affect should be amplified for galaxies residing in lower mass filaments. This impact
will be explored in the next sections.

5.3.2 Effect of Reionisation on Filament Profiles

Median filament profiles for the NOIO and REIO runs are shown in Fig. 5.2. Before
the onset of reionisation at z = 9 the two simulations are nearly identical, diverging as
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the simulations progress. In the case of the underlying DM distribution the effect is min-
imal showing that the large scale structure of the Universe is not significantly impacted
by reionisation. However, turning to the baryonic component, the central density is sup-
pressed. This is made more obvious by looking at the ratio of the baryonic density to the
DM. For the non-reionised simulation the ratio stays close to the universal fraction, partic-
ularly at scales above 10 kpc. There is some deviation from the universal fraction at small
scales however, and the sign of this deviation depends on the persistence, or mass of the
filament. At high masses this is likely due to the density enhancement reducing the cooling
time and hence pressure support. Lower mass filaments still have some pressure support,
as they cool adiabatically after decoupling from the CMB, slightly reducing the baryonic
density with respect to the DM field.

In the REIO run however, this effect is amplified with a significant reduction below
the universal baryon fraction. The central suppression is greatest in the lowest persistence
filaments at 7 ≤ z ≤ 9, but by z = 6 there is no obvious trend with persistence. This
suggests that the lower mass filaments are ionised first. While matter is prevented from
falling into the centre of a filament itself, it is still attracted to the filament, resulting in a
density enhancement with respect to the DM at around 5kpc. Pressure from the heating of
the gas prevents accretion into the filament core.

Turning to the ionisation fractions in rows 4 and 5 (the NOIO run is omitted) the fila-
ments are seen to be ionised from the outside. The denser filament core is protected, to a
certain extent, but cannot stop the conversion of HI into HII. Again the low persistence fil-
aments are ionised before their larger mass counterparts. By z = 6 all filaments, regardless
of persistence are fully ionised.

In order to identify how and where filaments are being impacted by reionisation the
sample is classified according to the distance, d, of each filament segment from the nearest
halo as follows:

• d < 3rv for “feeding” filaments

• 3rv < d < 6rv, for “proximity” filaments

• d > 6rv for “isolated” filaments

Any bin which contains fewer than 20,000 segments was discarded to avoid the impact
of small number statistics. Note that d is the shortest distance of the segment from a halo,
not the distance along the filament. Measuring distance to the filament was used as this
parameter is more relevant to the radiation flux experienced by the filament. The filament
can partially shield itself from radiation emitted from a galaxy within the filament.
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Figure 5.2: The median filament profiles for the two simulations, red is with reionisation,
black is without, across cosmic time. The dashed purple line is the minimum resolution
the filaments are extracted at. Each line represents a 0.5σ increase in persistence from faint
to bold, starting at 5σ. The rows in descending order are DM density, baryonic density,
baryon to DM ratio, HI fraction and HI column density. The DM reveals a scale invariant
profile, which is also reflected in the gas in the absence of reionisation. Filaments can have
their relative baryon content reduced by as much as 80%, with the lowest density filaments
being affected first.
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As found in Chapter 3, Fig. 3.13 shows that the filaments closer to the galaxies have
higher densities than those further away. Initially, before the onset of reionisation the fila-
ments of different persistences have only a small variation in gas density. The variation in
density seen in the z = 9 column of Fig. 5.2 is driven entirely by the distance to the halo.
As reionisation progresses the profiles are separated by their persistence, as the deeper po-
tentials of persistent filaments are more successful at containing the gas as they get heated
and increase their cooling rate. It is also notable that the DM density profiles are rescaled
versions of the same underlying profile, as suggested by the underlying scale invariant
power spectrum of the Universe, and makes it easier to quantify deviations from this scale
free behaviour in the gas.

Comparing the profiles of the two simulations in Fig. 5.3, the central density is seen
to be reduced by 20% even before z = 9, due to the cooling of the IGM in NOIO run
contracting the filaments. By z = 6 the core density of the isolated filaments are reduced
by 80%. The separation of the filaments according to persistence is inverted with respect to
previous plots, with more persistent structures undergoing more suppression. These denser
structures are also more likely to house higher mass halos which are better able to ionise
the filaments. The feeding filaments are in fact more suppressed than proximity filaments
as a result of being closer to the source of the ionising radiation. This, in addition to the
widening action of the radiative feedback should greatly impact the efficiency of accretion
from the cold streams. The accretion shock has expanded from 2 kpc to 8 kpc from the
far right, z = 9 panel of Fig. 5.3 to z = 6 on the far left. From the results of Chapter 3
concerning the scaling of the truncation radius, the truncation radius should be at 4 kpc by
z = 6. This highlights the difference caused by inhomogeneous reionisation in the SPHINX

simulation compared to the uniform UV background used in the NUT .
Since our interest in filamentary accretion fundamentally stems from their influence on

galaxies themselves, the properties of the simulated halos are now explored in Fig. 5.4.
For each halo, the outflow and inflow rates were calculated at the virial radius. The halos
were binned according to virial mass with bins of width ∆log10(Mvir/M�) = 0.2 for
20 ≥ z ≥ 6. The greatest difference between the two simulations can be seen for halo
masses below 108M�. In the non-reionised case the accretion rate follows the scaling with
mass described in Neistein et al. (2006); Dekel et al. (2009) Ṁ = M1.15(1+z)2.25. At fixed
mass, the inflow rate is reduced as the Universe expands and the mean density falls. For the
reionised run this also occurs down to z = 12, but, as the simulation progresses, the lower
mass halos have their accretion rates reduced by over an order of magnitude below the non-
reionised run. We may attribute this reduction to the reduced efficiency of accretion onto
filaments and onwards to the galaxies accreting from these cold streams as the lowest mass
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Figure 5.3: Filaments profiles binned according to distance to the nearest halo. Isolated,
proximity and feeding filaments (as defined in the main text) are shown in red, black and
blue for the reionised run. The lower row shows the ratio between the baryonic profiles of
the two simulations. By the end of reionisation at z = 6, isolated filaments see a median
reduction of 80% in the central density. Despite the fiercer radiation field experienced by
the feeding filaments, their enhanced densities has a protective effect.

halos, residing in the low persistence filaments are most strongly affected, while the larger
halos are virtually unaffected by the radiative action. Due to the non-linear nature of galaxy
evolution the accretion rate is more diverse for the reionised version of the simulation.

Similarly, the distribution of outflowing gas rates also has this larger dispersion. At
z = 6 the lowest mass halos in the reionisation run show increased outflow rates compared
to the NOIO run . This seems to be due to the lowest mass galaxies forming stars later
in the REIO run. In simulations stellar particles have a minimum mass, preventing star
formation until sufficient mass has gathered in a single cell to trigger conversion into a star
particle. The outflow is therefore driven entirely by radiation from external sources boiling
gas off the young dwarf galaxies. The uptick in outflow rates at z = 6 is likely triggered by
the first supernovae in these galaxies, but is not a physical effect. The final column shows
the ratio of inflow to outflow rates. If this ratio is above 1, the galaxy grows. This is seen
in all galaxies in the non-reionised run. However at z = 10 the first galaxies in the REIO

run exit this regime. As the REIO run progresses more halos stop growing, up to 108M�

by z = 6. Comparing with the NOIO run shown in the bottom row, no suppression of the
inflow occurs, and as such no quenching ever occurs.

The inflow and outflow rates as well as the evolution of the galaxies is dependant on
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Figure 5.4: Running median inflow (left), outflow (centre) rates and ratios (right) for iso-
lated halos as a function of virial mass in bins of ∆log10(Mvir/M�) = 0.2), shown only if
that bin contains more than 10 halos. Merging systems have been removed to isolate the
effect of filamentary gas accretion. The top row represents the reionisation run and the bot-
tom row the represents the no reionisation run. The dotted horizontal line in the rightmost
panels indicate a ratio of one. Halos that have a ratio below one are losing gas either due
to supernovae or radiation feedback for the REIO run. Inflow rates are not affected for
galaxies with virial masses above 108.5M�. Below this mass, and after reionisation, inflow
rates are significantly reduced. The radiation serves to increase the variation in gas outflow
rates, and particularly enhances it for the lowest mass galaxies, driven by photoevapora-
tion. The result of this is that galaxies with virial masses below 108M� after reionisation
experience a net loss in mass, driven primarily through the throttling of the accretion rate
while continuing to lose mass.
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the competing influences of reionisation and stellar feedback. In order to isolate the ef-
fects of reionisation, we use a subsample of galaxies which host no stellar particles at
z = 6. The mass bins are defined by the virial mass at z = 6: Mvir/M� < 3 × 107,
3× 107 < Mvir/M� < 7× 108, 7× 108 < Mvir/M� < 108 and 108 < Mvir/M�, contain-
ing 1979, 553, 84 and 65 objects respectively.

We characterise the environment of the galaxy by degrading the simulation to level 6,
splitting it into 643 cells with ∆x = 78 ckpc. The environment of a galaxy is defined by the
closest 27 cells. Reionisation is defined as the first time the environment is 90% ionised.

Considering the gas inflow rates in Fig. 5.5, reionisation causes a rapid drop by a me-
dian value of two orders of magnitude for the two lowest mass bins, though the lower mass
halos show not only a more rapid drop, but also a large scatter in the gas inflow rates. Halos
that are reionised earlier show a slower rate of inflow rate suppression. The filaments feed-
ing the galaxies grow less dense as time progresses, making them more susceptible to the
radiation field, and causing them to be unable to channel gas onto the halos. This, coupled
with an enhancement in the strength of the UV background as the simulation progresses
will suppress the rate of accretion more rapidly in environments that reionise at later red-
shifts. This is expected until z ≈ 4 from observations (Calverley et al., 2011; Wyithe
and Bolton, 2011). The higher mass bins show little suppression in their accretion rates,
although like the lower mass bins they again have a large scatter in inflow rates. There
is no difference in the median accretion rates for (top panels) halos reionised at different
redshifts, probably as a result of them being fed by more resilient filaments.

In the absence of stellar feedback, photoevaporation of the halos is driving outflows
alone. For the two lower mass bins the lowest mass halos exhibit higher outflow rates if
they reionise later, again due to the growing strength of the radiation field. Secondly, as the
halos grow and the mean density of the Universe falls, the gas at the edge of the halo also
falls in density, becoming more susceptible to photoevaporation. Interestingly, the outflow
rates peak at 200 Myr, before falling again. This is likely due to most of the susceptible gas
being previously ablated. Higher mass halos do not show this suppression, likely because
the reduction in accretion rate is less severe or does not happen. The reservoir of available
gas for expulsion is therefore not used up.

In the 3rd row of Fig. 5.5 the ratio of baryonic to expected baryonic mass is plotted,
where the expected baryonic mass assumes that the galaxy accretes the universal baryon
fraction. Across all mass bins this ratio falls after reionisation. The lower the mass, the
greater the suppression, with the largest halo bin showing virtually no suppression. In the
lowest mass bin, the median lines end at z = 6, revealing that the halos which reionised
at z=6 have a greater baryon mass fraction by half an order of magnitude than those that
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reionised much earlier, which has severe implications for the shape of the dwarf galaxy
mass function. The baryonic mass is an integrated quantity and is as a result very sensitive
to changes in the inflow and outflow rates of the halos. The lowest two mass bins reveal
a loss of baryonic mass post reionisation, while halos in the two higher mass bins are still
capable of accreting material.

We now turn to the thermal history of the environment of the filaments. The temper-
ature of the IGM in the vicinity of the galaxies is shown in Fig. 5.6. By plotting the
temperature against time since the local reionisation, thermal histories between late and
early reionised regions can be compared, which reveals that environments that are reionised
later are systematically heated to higher temperatures, again driven by the fiercer UV back-
ground generated by the end of reionisation. The filament environments are shown to be
extremely cool (below 104 K) before reionisation, cooled adiabatically by the expansion
of the Universe, before rapidly heating at reionisation. This shows that, despite thermal
shocks occurring as gas is accreted by filaments, this alone is unable to maintain a high
temperature in the IGM. The local radiation field is responsible for heating the IGM to
high temperatures. Post reionisation however, the gas is once again able to cool, reaching
temperatures similar to the virial temperatures of the smallest halos, indicating that accre-
tion could restart once again. However this is not seen in the accretion rates in Fig. 5.5.
This is likely an issue with volume averaging the environment around the cells. The shock
temperature of filaments are lower than the virial temperatures of halos, and particularly
for the lower persistence filaments, cannot capture the reionised gas. This prevents the
funnelling of gas onto the lower mass halos.

In Fig. 5.7 a high mass galaxy from a 10 Mpc SPHINX simulation is shown. This reveals
that accretion may efficiently continue to feed high mass galaxies even within the hot halo
of a galaxy, provided the filament is able to maintain a cool core. There are also some lower
mass filaments which are visibly disturbed and disrupted by the hot gas. Indeed, it must
be the case that filaments can continue to feed high mass galaxies even without the hot
halo of a galaxy as the radiation field must eventually approximate the Haardt and Madau
(1996) UV background and these cosmological filaments are observed at lower redshift in
simulations using the Haardt and Madau (1996) UV background in Chapters 3 and 4 of this
thesis.

5.4 Conclusions and Discussion

In this chapter we used the SPHINX simulations, a suite of high resolution radiation hydro-
dynamic cosmological simulations that aim to self consistently capture reionisation on the
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Figure 8. Gas inflow rates (first row), gas outflow rates (second row), the ratio of total baryonic mass to the expected baryonic mass if the halo were to accrete
its cosmic baryon fraction of gas (third row), and total baryonic mass (fourth row) as a function of time since environmental reionization for individual galaxies
selected for being both “isolated” and for not hosting stars. The colour of the lines depicts the reionization redshift of the environment around the halo. The
four columns represent different mass bins as indicated on the plots. The different dashed lines represent the median values of different subsets of galaxies at
fixed mass that reionized at different times. Shading from white to black represents systems that reionized progressively earlier (i.e., white were reionized the
latest while black were reionized the earliest). The dotted vertical lines indicate the time of reionization and the haloes are binned by their mass at z = 6.

break any degeneracy between the effects of stellar feedback and
radiation feedback. Using the halo merger trees, we have tracked
the properties of each halo in the simulation as a function of time
and study in this section how the baryonic properties of this special
population of galaxies responds to reionization. We have separated
the population of galaxies into four mass bins based on their mass
at z = 6: Mvir/M� < 3 × 107, 3 × 107 < Mvir/M� < 7 × 107,
7× 107 < Mvir/M� < 108, and Mvir/M� > 108, corresponding to
circular velocities of ∼ 7.5, 10.6, 13.0, and 15.9 km/s, respectively.
The number of galaxies in each of these mass bins are 1979, 553,
84, and 65, respectively.

3.2.2.1 InflowRates In the top row of Figure 8, we show how the
gas inflow rates for individual galaxies evolve as a function of time
since the environment around the halo was reionized (treion). The
colour of the tracks indicate the redshift at which the environment
around the halo reionized. In general, the inflow rates of the lowest
mass systems respond to reionization more quickly than the higher
mass systems. The dashed lines, which represent the median rela-
tion for galaxies in bins of different reionization redshift, decrease
more quickly after treion in the first two panels of the top row of Fig-
ure 8 compared to the latter two. For the lowest mass systems with
Mvir < 3 × 107M� , it takes only 200Myr before the inflow rates
have been decreased by two orders of magnitude compared to their
pre-reionization values. There is a large scatter among individual
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Figure 5.5: Plotting the inflow (1st row), outflow (2nd row), baryonic to expected bary-
onic mass (3rd row) and baryonic mass (last row) against time since reionisation, coloured
according to the reionisation redshift. Dashed lines represent median values for galaxies
binned according to reionisation redshift, with lighter indicating a later reionisation. Each
column represents halos in a certain mass range. Reionisation is demarcated by the dotted
vertical line. Once the local environment of a galaxy is reionised, the gas inflow is reduced
if the mass of the object is below 7 × 107M�. This is accompanied with an enhancement
of the rate of outflow (temporary in the lowest mass bin), resulting in mass loss or at the
very least a slowing in the accretion rate. For masses above 7× 107M� there is no visible
reduction. Note that these galaxies are highly unusual in that they have not yet formed star
particles by z = 6, and are as such heated entirely by reionisation.
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Figure 10. Gas temperature in the environment around a halo as a function of time since environmental reionization for the most “isolated” and star-free
individual galaxies. The colour of the lines depicts the reionization redshift of the environment around the halo. The four panels represent different mass bins
as indicated on the plots. The different dashed lines represent the median values of different subsets of galaxies at fixed mass that reionized at different times.
Shading from white to black represents systems that reionized progressively earlier (i.e., white were reionized the latest while black were reionized the earliest).
The dotted vertical lines indicate the temperature at the time of reionization.

mitigate any effects from SN on the temperature of the surrounding
medium, and plot in Figure 10 the temperature of the environment
around a halo (taken as the median temperature of the 27 closest
cells to the halo in the 643 grid) as a function of time since the
environment around the halo was reionized. Prior to environmental
reionization, the gas temperature has a value T � 103K; however,
this increases nearly instantaneously at the time of reionization
(denoted by the dotted vertical line) toT ∼ 25, 000K. Gas cooling is
clearly evident after the environment has reionized for the majority
of the lowest mass haloes withMvir < 3 × 107M� . The surrounding
temperatures approach T ∼ 104K at t − treion ∼ 500Myr. This
cooling signature of the gas around the halo is required for some of
the systems to begin accreting gas again.

The gas in the local environments around haloes cools less
than what is seen for much of the gas in the IGM shown in Figure 9.
Most of the IGM can cool to T < 104K. The gas at mean density
and below represents most of the volume of the Universe and is
thus the dominant contribution to Figure 9. Post-reionization, this
gas asymptotically approaches a power law temperature-density re-
lation as discussed by Hui & Gnedin (1997). In contrast, the gas
much closer to haloes has a density that is higher than average and
may require more than one photon per baryon to remain ionised
throughout the first billion years. While the strength of the UV
background is high enough to maintain ionisation around these sys-
tems, additional photoheating occurs even after the cell is reionized
as photons are being absorbed to maintain the ionisation state.

From the top row of Figure 8 we find no evidence that
the inflows for individual low-mass galaxies return to their pre-
reionization levels long after reionization. Even with the gas cool-
ing in the IGM, the shock temperatures at the edge of the lowest
persistence filaments are still well below the mean temperature and
thus the gas is not efficiently recaptured. In the simulation with-
out reionization, we do observe such low temperature shocks. The
decrease in the central density of the filaments combined with the
widening of the gas filaments due to the extra pressure support
means that the lowest mass systems are unlikely to be able to ever
efficiently accrete gas following the reionization of their local en-
vironment, unless they grow significantly in halo mass. Hence we
expect that the majority of these low mass galaxies will remain
starved of gas for the remainder of the evolution of the Universe.
In contrast, Ocvirk et al. (2016) has shown that massive filaments
which feed high mass galaxies develop strong shocks that heat the

gas to temperatures above which the IGM is photoheated to during
reionization and thus have cool cores (see also Kaurov & Gnedin
2015). In these filaments, the gas can cool to the core of the fila-
ment and efficiently feed a galaxy. A similar effect is also seen in
our simulations (see Figure 11). Hence any filament with a deep
enough gravitational potential to compress the photoheated gas in
the post-reionization epoch should remain relatively immune to the
effects of radiation feedback.

4 DISCUSSION & CONCLUSIONS

In this work, we have exploited the SPHINX simulations, a suite
of full-box high-resolution cosmological radiation hydrodynamics
simulations, to understand how radiation feedback from the pro-
cess of reionization impacts the gas content of the Universe and
suppresses dwarf galaxy formation. This topic has been widely
discussed in the literature (e.g. Rees 1986; Gnedin 2000; Shapiro
et al. 2004; Iliev et al. 2005; Hoeft et al. 2006; Okamoto et al.
2008; Sobacchi & Mesinger 2013; Gnedin & Kaurov 2014; Noh &
McQuinn 2014; Ocvirk et al. 2016; Xu et al. 2016; Pawlik et al.
2017; Sullivan et al. 2018; Wu et al. 2019) for numerous reasons in-
cluding its implications for the “missing satellite problem” (Klypin
et al. 1999; Moore et al. 1999; Bullock et al. 2000) and the ability
to regulate reionization (e.g. Iliev et al. 2007). Various recent high-
resolution cosmological radiation hydrodynamics simulations are
now agreeing that star formation can occur in haloes with masses
as low as 107M� (Wise et al. 2014; Xu et al. 2016; Kimm et al.
2017), well below the atomic cooling threshold, which leaves open
the question of the exact impact of reionization on the gas and stellar
content of the lowest mass haloes that may have similar properties
to the progenitors of the locally observed ultra-faint dwarf galaxies.
Furthermore, it is only recently that the effects of inhomogeneity
of reionization can be studied in a full-box cosmological radiation
hydrodynamics simulation (e.g. Dawoodbhoy et al. 2018).

Here, we use the state-of-the-art SPHINX simulations to eluci-
date some of the physics that governs how the gas and stellar proper-
ties of high-redshift dwarf galaxies responds to radiation feedback.
We do this by first systematically studying the impact of reionization
on inflows through cosmic filaments which is the primary means
by which high-redshift galaxies obtain their gas. We then analyse
how the baryon fractions and stellar content of haloes respond to
the rapid changes in filament properties. Finally, we follow indi-
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Figure 5.6: The temperature of the galactic environments, binned according to their halo
mass for ‘isolated’ star free galaxies. Regardless of the local reionisation redshift, shown by
the colour of the line, the environments show a rapid transition to a hot environment. The
median evolution of environments with similar reionisation redshifts are shown as dashed
lines, with lighter lines reionising later. The dotted vertical line demarcates the time of
reionisation.

large scales of the Universe, and the back reaction this has on the systems residing within
the simulated volume.

The main results from this chapter were as follows:

• Reionisation is able to heat the IGM filaments to the point where the gas no longer
sees the shallow potential well of the lower mass filaments. While the DM is unaf-
fected by this, the gas density of the filaments can be reduced by 60-80% by z = 6.

• “Feeding” filaments closer to galaxies are ionised first, with the effect propagating to
more distant filaments later on.

• Filaments with shock temperatures higher than the post-reionisation IGM gas tem-
perature continue to accrete efficiently and feed high mass galaxies.

• Halos with Mvir . 108M� have their gas accretion rates reduced by an order of mag-
nitude by reionisation. Gas outflow rates for Mvir . 3× 107M� are enhanced due to
photoevaporation. The reduction in inflow is greater than the increase in photoevap-
oration and thus starvation is more important in quenching the star formation in low
mass halos in the early Universe.

The SPHINX simulation helps to alleviate the tensions in the ‘too big to fail’ and ‘missing
dwarfs’ problems by suppressing the accretion of gas onto low mass halos post reionisation.
This also generates a population of low mass, low metallicity objects which agree with
observations (e.g. Okamoto et al., 2012; Brown et al., 2012) and suggest the quenching
by reionisation for these objects. The core-cusp problem is not alleviated however as this
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Figure 11. Gas temperature map of the region surrounding a massive galaxy at z = 6 in our large 10Mpc volume. The red regions represent gas heated by SN
while the blue regions represent photoheated gas. In the post-reionization epoch, the filaments feeding massive galaxies are dense enough to still have cool
cores and can continue to efficiently feed gas to the centres of haloes.

vidual haloes throughout cosmic time to understand how the gas
fraction, stellar content, and environmental temperature around a
halo change due to the reionization of the local environment.

Certain caveats should be kept in mind when interpreting our
results. In order to obtain the high spatial andmass resolution needed
to resolve the lowest mass haloes in a full-box cosmological radi-
ation hydrodynamics simulation, our simulation volume is only
53 comoving Mpc3 which indicates that our simulation may not
be truly representative of the high-redshift galaxy population. We
have tried to mitigate this by selecting initial conditions that are as
“average” as possible (Rosdahl et al. 2018); however, by not hav-
ing a larger box, we exclude larger mass galaxies that can drive
stronger UV background fluctuations than are currently captured by
our simulation. Capturing all of the physics that occur on the largest
scales of reionization would require boxes that are ∼ 100× the size
of the ones used in this work. The quantitative results, in particular

the exact mass at which the turnover in baryon mass occurs due
to reionization as well as the scatter in reionization times at fixed
halo mass might change if we could capture the full large-scale pro-
cess of reionization. We also note that our simulation reionizes the
volume earlier than observations suggest which could impact the re-
sults quantitatively. Furthermore, haloes of Mvir ∼ 107M� are only
resolved by a few hundred dark matter particles and thus resolution
may still play a role in suppressing the baryonic content of the lowest
mass haloes in our simulation. A full convergence study will need to
be completed to determine how the critical mass at which reioniza-
tion impacts the baryon masses quantitatively changes at different
spatial and mass resolutions; however, we note that Okamoto et al.
(2008) show good convergence in this critical mass at z = 5 using
simulations that have resolutions approximately equal to and higher
than the ones used in this work. We do not include a model for
Population III star formation and have assumed that the simulation
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Figure 5.7: A thin slice through the temperature field of a large galaxy in the SPHINX

10 Mpc volume. Clearly visible is the hot bubble generated by supernovae, surrounded by
the colder IGM only heated by the radiation field. Threading the bubble are cold filaments,
which are still capable of feeding the central galaxy efficiently.
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is primarily resolved through increased outflows (e.g. Teyssier et al., 2013) rather than
reduced inflows.
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Chapter 6

Conclusions and Further Work

Accretion onto galaxies via cosmological filaments and cold mode accretion is extremely
important in determining the star formation history and morphology of galaxies at high
redshift (e.g. Kereš et al., 2005; Dekel and Birnboim, 2006; Pichon et al., 2011). These
filaments provide a direct connection between a growing disk and the larger scales of the
cosmic web. Unfortunately these structures have proved to be elusive. Their low den-
sity, low metallicity and only being prevalent at high redshift makes observation difficult
other than in extreme environments, e.g. lit up by a powerful nearby AGN (e.g. Cantalupo
et al., 2014), or a chance alignment of filaments with more distant quasars (e.g. Ho et al.,
2017). Indeed, most observational results are in fact indirect, relying on the detection of
extended disks (e.g. Martin et al., 2019), arguments on metal content of galaxies (van den
Bergh, 1962; Schmidt, 1963) or gas depletion timescales (e.g. Genzel et al., 2006). In spite
of these problems, cosmological filaments are ubiquitous to simulations (e.g. Kereš et al.,
2005; Nelson et al., 2013; Tillson et al., 2015; Katz et al., 2019) and are thus an excellent
way to inform future observations. Prior to this thesis, most studies on filaments focused
on idealised simulations (e.g. Mandelker et al., 2016, amongst others), or used large scale
cosmological simulations to study the influence of filaments on galaxies (Danovich et al.,
2012; Cen, 2014) without considering the nature of the streams themselves. Yet others fo-
cus on the larger scale cosmic web, acting through the tidal influence on the galaxies that
reside within the filamentary network (e.g. Laigle et al., 2015). There had yet to be a study
of the nature of the filaments that feed galaxies themselves, in terms of their profiles and
the influence of these streams on the galaxies they feed.
In Chapter 3 I start to address this problem by designing a scheme to measure the properties
of the filaments of a single Milky Way-like galaxy, in the hope of extending this to a larger
set of galaxies in later chapters. I find that the filaments in this simulation can be fit with a
combined filament and wall profile. These profiles can be derived from the equations of hy-
drostatic equilibrium in 1 or 2 dimensions under the assumption of isothermality. While it
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is clear that the filaments themselves are pressure supported either thermally (or by disper-
sion in the case of DM) rather than rotationally supported, it is not clear that isothermality
itself holds as an assumption. This is due to the temperature and velocity dispersion of the
DM evolving over the course of the simulation, which is not expected under isothermality.
Regardless, the isothermal model predicts a characteristic filament scale, the core radius. I
find that this scales similarly to the radius of the galaxy with redshift. A second characteris-
tic scale, the truncation radius, develops due to the shock heating of gas and shell crossing
of DM, traced by vorticity, velocity dispersion and the thermal shock itself. Beyond this
scale the isothermal model is expected to have broken down. The truncation radius scales
similarly to the virial radius for the DM, while the gas truncation radius catches up with the
DM by approximately z = 3.5 for this particular filament.
Our simulations also establish that filaments need to be resolved with a minimum of ∼
10 ckpc for a Milky Way sized halo. This might have important consequences for the an-
gular momentum content of the gas transported to the galaxy. Still higher resolution will
be required to capture the filaments around dwarf galaxies, though these are far more vul-
nerable to photoionisation and so probably do not need be resolved in detail beyond z = 6.
This was explored in Chapter 5. I also performed the analysis on the same simulation with
stellar feedback, in preparation for Chapter 4. While the mass brought by the inflowing
filament gas is affected to a level of ∼20-30 percent as a result of stellar feedback from the
central galaxy, a further reduction is likely to occur as the filament enters the virial radius.
I plan to tackle this issue using tracer particles in the near future. The NUT suite allows the
efficient exploration of various subgrid prescriptions as many versions of the NUT simula-
tion have already been completed. This will allow me to test the effect of different physical
processes on the filaments. The interaction of the filament with galactic winds and the viri-
alised halo hot atmosphere is expected to be a function of the halo mass, and therefore our
results need to be extended to a larger sample.
The study of a single galaxy cannot possibly hope to represent the diversity of galaxies that
we observe in our night sky. To try to address this imbalance (at least partly), Chapter 4 ex-
plores the filaments of a few tens of galaxies with masses between 1010M� and 1012.6M�.
The impact on the galaxies connecting to filaments of different widths, lengths tempera-
tures is explored. In this chapter I find that filaments of the NEW HORIZON simulation are
similar in nature to those in the NUT suite, which is highly suggestive that the profiles are
generic and universal. As well as the shape, the core densities and temperatures scales sim-
ilarly between the two simulations. High mass galaxies, which typically reside in higher
mass halos are typically fed by higher density filaments. However, this effect does not tend
to persist. The final mass (in this case z = 0.7) of the halo is not beholden to the properties
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of the filaments that feed the galaxy at much higher redshifts. Around z = 2, however, it
can be seen that galaxies with higher star formation rates, stellar masses and formation ef-
ficiencies tend to form in cooler filaments. These structures are more conducive to efficient
accretion of gas onto galaxies, fuelling the star formation rates up to z = 0.7.
Comparing to the NUT suite, the filament core radii and truncation radii scale very simi-
larly, however, it should be noted that the∼ 2.5 orders of magnitude variation in mass only
yields a factor of 10 variation in virial and galactic radii. It is therefore difficult to draw
any meaningful conclusions on the comparison of the scaling of the size of the filaments
and galaxies. It remains to be seen whether these scalings are similar to those obtained
from the NUT suite far outside this mass range. This will be partly addressed in future by
analysing the filaments at lower redshifts which allows higher mass objects time to form.
Studying a larger simulation containing rarer, higher mass objects would also be helpful in
this endeavour.
I also studied the distribution of stellar and halo masses, galaxy formation efficiency and
specific star formation rates. These distributions are affected by whether or not the galaxy
is considered part of a filament, with filaments typically hosting the largest galaxies, and
maintaining higher star formation rates for longer. This also gives way to suppression of
the very highest star formation rates at later times. Counter to this however, the average
properties of the galaxies (of those that I considered during the course of this thesis) are
not significantly impacted, regardless of filament inclusion/exclusion or the local density.
While the filaments maintain a cold core as in the NUT suite, the difference in temperature
between the filamentary accretion shock and the core filament temperature reduces towards
z = 2. In contrast to the idealised filaments explored by Mandelker et al. (2016, 2018a,b);
Padnos et al. (2018); Aung et al. (2019), where the filament DM backbone is not modelled,
the gravity of these structures act to reduce the effects of the Kelvin Helmholtz instability,
as well as the influence of feedback. This is particularly apparent in the case of radiative
feedback explored in Chapter 5 where the lowest mass filaments are are seen to be affected
first. This is due to the sound speeds of the gas exceeding the local filament escape ve-
locity,

√
2σ. Eventually, the heating of the gas does begin the process of the dilution of

all gas filaments, though these effects are only just beginning at z = 2. This is entirely
analogous to the process identified in Dekel and Birnboim (2006) whereby the dilution of
mean density of the Universe and growing size of the the halos in the Universe leads to
increasing cooling times. This represents an end to the dominance of cold mode accretion
as the main method of gas accretion. Similarly to the hot halos of modern ellipticals, the
filaments themselves fill with hot gas, and become ineffective at transporting cold gas to
the galaxies they attempt to feed.
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Finally, to summarise Chapter 5 we used the SPHINX simulations and the techniques de-
veloped for Chapters 3 and 4 to study the impact of reionisation on galaxies through their
influence on the filaments that feed them. At these high redshifts, the cold mode of accre-
tion dominates the flow of gas onto the young galaxies. Suppression of the flow of this gas
could explain some peculiarities on low abundance of dwarf galaxies compared to the ex-
pected numbers from ΛCDM (e.g. Mateo, 1998) as well as the apparent truncation of their
star formation histories around reionisation (e.g. Okamoto et al., 2012). The suppression
of flow rates by an order of magnitude is seen for galaxies with halos of Mvir . 108M� .
We can see that the cause of this is reionisation by comparing with a simulation in which
reionisation does not occur.
One of the most important aspects of this thesis is not the results which have so far been
extracted from the NEW HORIZON simulation, the SPHINX suite or the NUT suite. It is the
set of the techniques and frameworks that were designed in order to allow these measure-
ments to be made. I have developed the tools to take the raw skeleton output of DISPERSE
from the density field and the galaxy catalogue and to use this to extract the main filaments
from the simulation. Not only does this allow the exploration of much larger datasets as
in the NEW HORIZON simulation, but also the impact of various forms of feedback on the
filaments. This could yield interesting constraints on feedback processes by the back reac-
tion onto the accretion and star formation rate of the feeding galaxy. It could also inform
the design of future observational surveys of filaments. The techniques developed over the
course of this thesis become particularly powerful when combined with concepts such as
tracer particles which allow the gas to be followed directly.

6.1 Further Work and Future Directions

In Chapter 4 I performed the analysis of filament profiles down to z = 2, however I have
produced skeletons down to z = 0.7, which was as far as the NEW HORIZON simulation
had been run when I was performing the analysis for this chapter. In the end skeletons at 16
snapshots were finished in time for the thesis between z = 6 and z = 2. I hope to extend
this analysis down to z = 0 in the future. An interesting transition occurs as the filaments
evaporate around z = 1. The beginnings of this transition can be seen at z = 2 in the
gas temperature profiles of Fig. 4.25. At z = 2 The filament still has enhanced cooling in
the core at smaller radii than the accretion shock, but it will not be long until the filament
begins to completely evaporate. This should have a profound effect on the gas supplies of
galaxies being fed by these filaments, reminiscent of the high redshift quenching due to
reionisation seen in Chapter 5.
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There are a number of other avenues of enquiry which I have not explored yet. I did
not have time to look at the effect of the distance to a galaxy on the properties of the fila-
ment. This was briefly explored in Chapter 3, but not in a statistical context. Additionally,
the impact of accretion onto the filaments themselves on the truncation radius has yet to
be explored. This was briefly looked at in Chapter 3, however, the simple model based
on Adhikari et al. (2014) was found to be unsuitable when computed naı̈vely on the DM
profile. It is possible that more careful accounting for the filament substructure will yield a
closer match to the expected scaling with accretion rate. Another thing I did not have time
to address as part of the thesis was the actual accretion of gas onto the galaxy via the cold
mode within the virial radius. This is arguably the most important phase of cold mode ac-
cretion since this is where the gas joins the galaxy and becomes available for star formation
and transfers angular momentum to the galactic disk. I have already rerun the NUT simula-
tion with no feedback using the Monte Carlo tracer particles implemented by Cadiou et al.
(2019). These particles stochastically follow the gas flow. With sufficient numbers of tracer
particles (in this case I used 300 million), we can follow the filaments from large scales,
across the virial radius to galaxies. More specifically I can use the DISPERSE algorithm
to identify the filament and then follow particles that are within a truncation radius of the
filament as they flows towards the galaxy. I can identify exactly where the filament gas is
being shocked, both as it accretes onto the filament and as it falls onto the galaxy and study
how long this gas takes to be incorporated into the stellar population. Beyond this I hope
to rerun the tracer particle simulation with feedback in order to explore the interaction of
inflows with outflows. I would also like to explore the effect of the density enhancement of
filaments measured around z = 8 in Chapter 3 which these two simulations, with feedback
and no feedback and tracers, will be ideal for studying.
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z DM gas
r0 (kpc) rT (kpc) rω (kpc) r0 (kpc) rT (kpc) rω (kpc)

3.26 10.31± 4.41 36.90± 5.36 35.11± 8.25 7.92± 3.77 – –
3.35 10.96± 4.81 33.82± 6.43 33.82± 8.34 12.14± 7.02 – –
3.44 10.71± 4.77 34.33± 5.42 34.05± 7.36 8.64± 3.95 – –
3.53 16.01± 10.50 34.80± 12.75 38.96± 17.90 7.22± 4.23 – –
3.60 11.20± 5.17 36.80± 12.47 35.69± 14.22 8.02± 7.38 – –
3.65 11.86± 4.88 30.58± 3.67 31.68± 5.53 8.04± 3.75 – –
3.82 10.45± 4.37 28.99± 3.93 30.51± 7.28 5.89± 2.79 – –
3.96 10.28± 4.59 27.86± 4.01 24.48± 7.15 5.10± 2.29 – –
4.00 7.33± 4.43 27.23± 4.84 22.41± 6.05 5.13± 2.28 – –
4.02 9.36± 4.30 26.48± 4.34 24.21± 7.01 4.94± 2.34 – –
4.56 8.61± 5.60 23.13± 4.57 23.13± 5.06 4.21± 2.10 – –
5.45 3.37± 1.96 14.37± 3.83 12.99± 3.13 2.70± 1.55 – –
5.67 2.13± 1.33 11.59± 2.57 11.66± 2.60 2.78± 1.50 – –
6.99 1.80± 1.13 9.20± 2.69 9.20± 2.58 2.79± 1.51 – –
8.09 1.58± 1.00 7.08± 2.19 6.30± 1.91 2.43± 1.49 – –

Table 1: Redshift evolution of the filament core radius derived from density (r0) and trun-
cation radii derived from temperature (rT ) and vorticity (rω) as fitted from the density,
temperature and vorticity fields extracted from the feedback run. See Section 3.4.2 for de-
tails. Note the absence of data for the radii derived from vorticity and temperature, due to
the destructive impact of feedback on these fields.

.1 Appendix

In Table 1 (feedback run) and Table 2 (no feedback run) we present the redshift evolution
of the filament radius, as fitted from the density, temperature and vorticity field.
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Table 2: Redshift evolution of the filament core radius derived from density (r0) and trun-
cation radii derived from temperature (rT ) and vorticity (rω) as fitted from the density,
temperature and vorticity fields extracted from the no-feedback run. See Section 3.4.2 for
details.
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Table 3: Redshift evolution of the model fitted density as extracted from the feedback run.
See Section 3.4.2 for details.
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Table 4: Redshift evolution of the model fitted density as extracted from the no-feedback
run. See Section 3.4.2 for details.
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Kalirai, J. S., Simon, J. D., Avila, R. J., Guhathakurta, P., Renzini, A., and Ferguson,
H. C. (2012). The Primeval Populations of the Ultra-faint Dwarf Galaxies. , 753(1):L21.

Bryan, G. L., Norman, M. L., O’Shea, B. W., Abel, T., Wise, J. H., Turk, M. J., Reynolds,
D. R., Collins, D. C., Wang, P., Skillman, S. W., Smith, B., Harkness, R. P., Bordner,
J., Kim, J.-h., Kuhlen, M., Xu, H., Goldbaum, N., Hummels, C., Kritsuk, A. G., Tasker,
E., Skory, S., Simpson, C. M., Hahn, O., Oishi, J. S., So, G. C., Zhao, F., Cen, R., Li,
Y., and Enzo Collaboration (2014). ENZO: An Adaptive Mesh Refinement Code for
Astrophysics. , 211(2):19.

Cadiou, C., Dubois, Y., and Pichon, C. (2019). Accurate tracer particles of baryon dynamics
in the adaptive mesh refinement code Ramses. , 621:A96.

162



Calverley, A. P., Becker, G. D., Haehnelt, M. G., and Bolton, J. S. (2011). Measure-
ments of the ultraviolet background at 4.6 ¡ z ¡ 6.4 using the quasar proximity effect. ,
412(4):2543–2562.

Cantalupo, S., Arrigoni-Battaia, F., Prochaska, J. X., Hennawi, J. F., and Madau, P. (2014).
A cosmic web filament revealed in Lyman-α emission around a luminous high-redshift
quasar. , 506:63–66.

Casuso, E. and Beckman, J. E. (2004). The K-dwarf problem and the time-dependence of
gaseous accretion to the Galactic disc. , 419:181–190.

Cautun, M., van de Weygaert, R., and Jones, B. J. T. (2013). NEXUS: tracing the cosmic
web connection. , 429(2):1286–1308.

Cautun, M., van de Weygaert, R., Jones, B. J. T., and Frenk, C. S. (2014). Evolution of the
cosmic web. , 441(4):2923–2973.

Cen, R. (2014). Evolution of Cold Streams and the Emergence of the Hubble Sequence. ,
789(1):L21.
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G. T., and Schneider, D. P. (2003). The host galaxies of active galactic nuclei. ,
346(4):1055–1077.

Kaviraj, S., Laigle, C., Kimm, T., Devriendt, J. E. G., Dubois, Y., Pichon, C., Slyz, A.,
Chisari, E., and Peirani, S. (2017). The Horizon-AGN simulation: evolution of galaxy
properties over cosmic time. , 467(4):4739–4752.

Kay, S. T., Thomas, P. A., and Theuns, T. (2003). The impact of galaxy formation on X-ray
groups. , 343(2):608–618.

Kennicutt, Robert C., J. (1998). The Global Schmidt Law in Star-forming Galaxies. ,
498(2):541–552.

Keres, D. (2009). Galaxy Buildup by Gas Accretion. In American Astronomical Society
Meeting Abstracts #213, volume 213 of American Astronomical Society Meeting
Abstracts, page 313.06.
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Kuijken, K., Moorwood, A., Rix, H.-W., Röttgering, H., Trujillo, I., van der Wel, A., van
der Werf, P., and van Starkenburg, L. (2003). Large Disklike Galaxies at High Redshift.
, 591(2):L95–L98.

Laigle, C., Pichon, C., Codis, S., Dubois, Y. le Borgne, D., Pogosyan, D., Devriendt, J.,
Peirani, S., Prunet, S., Rouberol, S., Slyz, A., and Sousbie, T. (2015). Swirling around
filaments: are large-scale structure vortices spinning up dark halos? MNRAS, 446:2744–
2759.

Larson, R. B. (1972). Infall of Matter in Galaxies. , 236(5340):21–23.

Laureijs, R., Amiaux, J., Arduini, S., Auguères, J. L., Brinchmann, J., Cole, R., Crop-
per, M., Dabin, C., Duvet, L., Ealet, A., Garilli, B., Gondoin, P., Guzzo, L., Hoar, J.,
Hoekstra, H., Holmes, R., Kitching, T., Maciaszek, T., Mellier, Y., Pasian, F., Percival,

175



W., Rhodes, J., Saavedra Criado, G., Sauvage, M., Scaramella, R., Valenziano, L., War-
ren, S., Bender, R., Castander, F., Cimatti, A., Le Fèvre, O., Kurki-Suonio, H., Levi,
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gache, G., Lähteenmäki, A., Lamarre, J. M., Lasenby, A., Lattanzi, M., Lawrence, C. R.,
Leahy, J. P., Leonardi, R., Lesgourgues, J., Levrier, F., Lewis, A., Liguori, M., Lilje,
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