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Simulations of mass accretion onto dark matter haloes and

angular momentum transfer to a Milky Way disk at high redshift

A thesis submitted for the degree of Doctor of Philosophy

Henry William Tillson, Lincoln College

Trinity Term 2012

Abstract

This thesis presents results from two simulation studies of galaxy formation. In the first project, a

dark-matter-only HORIZON simulation is used to investigate the environment and redshift depen-

dence of mass accretion onto haloes and subhaloes. It is found that the halo accretion rate varies

less strongly with redshift than predicted by the Extended Press–Schechter formalism, and that

low accretion events may drive the radio-mode feedback hypothesized for recent galaxy formation

models. The subhaloes at z < 0.5 in the simulation accrete at higher rates than haloes, on average,

and it is argued that this is due to their enhanced clustering at small scales. There is no dependence

of accretion rate on environment at z ∼ 2, but a weak correlation emerges at z ≤ 0.5. The results

further support previous suggestions that at z > 1, dark matter haloes and their associated black

holes grew coevally, but imply that haloes could be accreting at fractional rates that are up to a

factor of 3–4 higher than their associated black holes by the present day.

In the second project, outputs from one of the Adaptive Mesh Refinement NUT simulations

are analyzed in order to test whether filamentary flows of cold gas are responsible for the build-up

of angular momentum within a Milky Way type disk at z ≥ 3. A set of algorithms are presented

that use the resolved physical scale of 12 pc to identify: (i) the central gas disk and its plane of

orientation; (ii) the complex individual filament trajectories that connect to the disk, and; (iii) the

infalling satellites. The results suggest that two filaments at z � 5.5, which later merge to form

a single filament at z � 4, drive the angular momentum and mass budget of the disk between

3 � z � 8, whereas luminous satellite mergers make negligible fractional contributions. These

findings hence provide strong quantitative evidence that the growth of thin disks in low mass

haloes at high redshift is supported via inflowing streams of cold gas.
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Chapter 1

Introduction

This chapter focusses primarily on describing the standard cosmological model encoded within

galaxy simulations.

1.1 The origin of structure

1.1.1 The Friedmann–Lemâıtre–Robinson–Walker formalism

The Universe is thought to have undergone a period of very rapid inflation at very early times

(Guth, 1981). In the standard inflationary paradigm there is a single scalar field (Guth & Pi,

1982; Linde, 1982) and fluctuations in this field give rise to fluctuations in the space-time metric,

as described by the Einstein equations, which, conforming to the notations adopted by Coles &

Lucchin 2002, are expressed as follows:

Rµν −
1

2
gµνR =

8πG

c4
T̃µν . (1.1)

Here G refers to Newton’s gravitational constant, c is the speed of light, R is the Ricci scalar

(=
�

µν gµνR
µν), and the terms Rµν , gµν and T̃µν represent the Ricci tensor, the space-time metric

tensor and the effective energy-momentum tensor respectively. The expression for T̃µν includes the

cosmological constant Λ term:

T̃µν = Tµν +
Λc4

8πG
gµν (1.2)

= −p̃gµν + (p̃+ ρ̃c
2)UµUν . (1.3)

1



1.1. The origin of structure 2

The latter step holds if the fluid within the universe is assumed to be a perfect fluid with a four

velocity Uµ and an effective pressure p̃ and an effective density ρ̃ given by the following expressions:

p̃ = p− Λc4

8πG
(1.4)

ρ̃ = ρ+
Λc2

8πG
, (1.5)

where p and ρ represent the pressure and density of the fluid. Solutions to equation (1.1) hence de-

pend on the geometry of the universe, encapsulated by the space-time metric. Perhaps the simplest

description of a universe is one that is statistically homogeneous and isotropic that contains no spe-

cial spatial locations and directions, in concordance with the Cosmological Principle (homogeneity

and isotropy are more formally defined later in this section). The popular Friedmann–Lemâıtre–

Robinson–Walker (hereafter FLRW) metric describes an expanding universe with these properties,

which for a 3D surface with curvature is of the form:

gµν =





−1 0 0 0

0 a2(t)
1−kr2 0 0

0 0 a
2(t)r2 0

0 0 0 a
2(t)r2sin2 θ





, (1.6)

where a(t) is the dimensionless scale factor (whose explicit time dependence is now dropped for

brevity) normalized with respect to its present day value, and k is the curvature parameter (with

dimensions of 1/r2). This choice of metric, which is written in terms of dimensionless comoving

distances, follows the conventions adopted by several textbooks on the subject (see, for example,

Peacock 1999 and Liddle 2003). By using equation (1.6) and making the assumption that the

universe consists of a perfect fluid, it follows that the solutions to equation (1.1) are:

ä = −4π

3
G

�
ρ̃+

3p̃

c2

�
a (1.7)

�
ȧ

a

�2

=
8πG

3
ρ̃− kc

2

a2
. (1.8)

Equations (1.7) and (1.8) hence completely determine the evolution of a homogeneous and isotropic

universe of a chosen cosmology. Defining the Hubble factor as H(a) ≡ ȧ/a, the critical density as
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ρc(a) ≡ 3H2(a)/(8πG), and Ω(a) ≡ ρ̃(a)/ρc(a), equation (1.8) becomes:

Ω(a)− 1 =
kc

2

a2H2(a)
. (1.9)

In a universe with ΩΛ(a) = 0, the expansion is undone by collapse to a singularity if k > 0, whereas

the expansion is eternal if k ≤ 0.

1.1.2 Statistical properties of our Universe

Scalar field perturbations induce perturbations in the space-time metric: density perturbations

around the mean mass density in the Universe ρ̄ are hence born and evolve with time as the

Universe expands (e.g. Peebles 1993). A density perturbation around ρ̄ at a given spatial location

�x is often parametrized by the dimensionless density contrast δ(�x):

δ(�x) =
ρ(�x)− ρ̄

ρ̄
, (1.10)

whose time index has been dropped for brevity. If the Universe is modelled as a periodic box of

length L and volume V (= L
3), then the real-space density contrast at a given location δ(�x) can be

decomposed into a finite sum of Fourier modes δ�k, where |�k| = 2πp/L and p is an integer. It is hence

useful to transform to Fourier-space, and all of the derivations and discussions in this subsection

follow the approaches adopted in several of the popular reviews of cosmology (e.g. Peebles 1993,

Peacock 1999, Coles & Lucchin 2002, Zentner 2007). If the box volume V approaches infinity, δ(�x)

becomes:

δ(�x) =
V

(2π)3

�
δ�k exp(−i�k · �x) d3k. (1.11)

Similarly, each Fourier mode δ�k can be expressed in terms of δ(�x) by taking the inverse of equation

(1.11):

δ�k =
1

V

�
δ(�x) exp(i�k · �x) d3x. (1.12)

L is sufficiently large (much greater than the size of large-scale structure) that the Universe is

accurately sampled and
�
|δ(�x)| d3x is finite.

The standard model of cosmology, which is discussed at length later in this chapter, makes two

important assumptions about the nature of the initial Fourier modes δ�k in the linear regime of

perturbation growth:
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• their phases are random and independent of each other, and;

• their distribution is statistically isotropic and homogeneous, in concordance with the Cosmo-

logical Principle.

As a consequence of the central limit theorem, in the limit of a large number of δ�k, the probability

density function for a set of perturbations {δ(�xi)} of size N is described by an N -variate Gaussian

distribution. For a homogeneous density field, the mean density �δ(�x)� (which is zero for a random

density field) and the correlation between two density samples at two different arbitrary spatial

locations ξ(�xi, �xj) ≡ �δ(�xi)δ(�xj)�, are translationally invariant. The averages are performed over

independent pairs of points whose spatial separation is |�rij | = |�xi − �xj |. Isotropy further enforces

rotational invariance, such that ξ(�xi, �xj) = ξ(|�xi−�xj |). The correlation between two perturbations

located at �x and �x + �r can hence be found by using this property of rotational invariance and

equation (1.11), which is now represented in its discrete form for brevity (following Peebles 1993):

ξ(�r) =

�
�

�k

�

�k�

δ�kδ�k� exp
�
−i(�k + �k�) · �x

�
exp(−i�k · �r)

�
. (1.13)

According to equation (1.12), δ−�k = δ
∗
�k
, and by invoking the property that δ(�x) is real, equation

(1.13) becomes:

ξ(�r) =

�
�

�k

�

�k�

δ�kδ
∗
�k�
exp

�
i(�k� − �k) · �x

�
exp(−i�k · �r)

�
(1.14)

=
�

�k

�

�k�

�
δ�kδ

∗
�k�

�
exp

�
i(�k� − �k) · �x

�
exp(−i�k · �r). (1.15)

The Fourier modes obey the relation:

�
δ�kδ

∗
�k�

�
= δ

D
�k�k�

���δ�k
��2
��

2π

L

�3

, (1.16)

where δ
D
�k�k�

refers to the 3-dimensional Dirac–delta function (and not the density contrast), and so

the expression for ξ(r) in equation (1.15) simplifies to:

ξ(r) =
V

(2π)3

� ���δ�k
��2
�
exp(−i�k · �r) d3k. (1.17)
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If the Fourier transform of the power spectrum is defined as:

P (k) ≡ V

���δ�k
��2
�
, (1.18)

where k = |�k|, equation (1.17) becomes:

ξ(r) =
1

(2π)3

�
P (k) exp(−ikrcos θ) d3k (1.19)

=
1

(2π)3

�

φ

�

θ

�

k
P (k) exp(−ikrcos θ)k2sin θ dk dθ dφ (1.20)

= − 1

(2π)2

�

θ

�

k
P (k) exp(−ikrcos θ)k2 dk d(cos θ) (1.21)

=
1

2π2

� ∞

−∞
k
3
P (k)

sin(kr)

kr
d(ln k). (1.22)

Since P (k) has dimensions of volume, it is useful to define the parameter ∆2(k):

∆2(k) ≡ k
3
P (k)

2π2
, (1.23)

which can be inserted into equation (1.22) to yield:

ξ(r) =

� ∞

−∞
∆2(k)

sin(kr)

kr
d(ln k). (1.24)

It follows that the two-point correlation function is the Fourier transform of the power spectrum

(equation 1.19) and corresponds to the mass variance (equation 1.24), which can be thought of as

the sum in logarithmic intervals of each ∆2(k) mode modulated by a factor sin(kr)/(kr).

The k dependence of P (k)

In the single field standard model of inflation, the mean squared fluctuations in the gravitational

potential Φ are independent of scale as they enter the horizon, such that ∆2
Φ is constant:

∆2
Φ ∝ k

3
���δΦ�k

��2
�
∝

k
3
���δ�k

��2
�

k4
∝ P (k)

k
∝ const. (1.25)

The second step has used the relation δΦ�k ∝ δ�k/k
2, which is found by taking the Fourier transform

of the Poisson equation. This primordial scale invariance in ∆2
Φ hence corresponds to a primordial

power spectrum in the density fluctuations that grows linearly with wavenumber k, i.e. P (k) ∝ k,
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yielding ∆2(k) ∝ k
4 (according to equation 1.23). At later times, as the horizon scale of the Universe

lH = 1/[aH(a)] expands after inflation, this scale invariance is not preserved because perturbations

on different scales cross the horizon at different epochs. For example, at the time of matter-radiation

density equality zeq, perturbations on scales larger than the horizon scale at this epoch, lH(zeq),

collapse under their own gravity and do not enter the horizon until later times when the Universe

is matter-dominated. By contrast, perturbations on small scales that enter the horizon shortly

after inflation are driven by the radiation-dominated expansion, which provides a pressure support

against gravitational collapse. These perturbations are hence frozen until zeq, where non-baryonic

matter (i.e. dark matter) decouples from the radiation field and becomes unstable to gravitational

collapse. The linear power spectrum on small scales at later epochs is therefore a modified version

of its primordial form, with a dependence on k and z that is characterized by the transfer function

T (k, z) and the evolution of the linear growth factor D(z): P (k, z) ∝ P (k, z → ∞)T 2(k, z)D2(z).

Bardeen et al. (1986) demonstrated that T (k, z) becomes approximately independent of redshift

for z < 100 and found that a function of the following form for a flat universe dominated by cold

dark matter (this model universe is discussed in more detail in Section 1.3) provides a good fit to

the observed transfer function:

T (k) =
ln(1 + 2.34q)

2.34q

�
1 + 3.89q + (16.1q)2 + (5.46q)3 + (6.71q)4

�−0.25
, (1.26)

where q depends on k and the fraction of the total present day energy density in adiabatic cold

dark matter, ΩM, and is defined as:

q ≡ k

h2ΩMMpc−1
. (1.27)

1.2 From density perturbations to virialized haloes of dark matter

1.2.1 The spherical top-hat model of halo formation

The previous section has introduced the FLRW model that describes the evolution of the Universe

across cosmic time, and has demonstrated that the real-space density perturbations can be repre-

sented as a superposition of Fourier modes whose amplitude and time evolution are characterized

by the power spectrum P (k, z). This section explains how haloes of dark matter—the fundamental

building block of galaxies—form from these real-space density fluctuations as they subsequently
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evolve in an expanding FLRW universe. The spherical top-hat model of halo formation is presented

and is divided into three phases: expansion, turnaround and virialization upon collapse. The dis-

cussions that accompany each of these stages follow the arguments presented in Peacock (1999)

and for simplicity, refer to a matter-dominated, closed universe with ΩΛ = 0. There are, however,

several additional works that complement the following (Gunn & Gott, 1972; Lacey & Cole, 1993)

and apply the spherical top-hat model to a universe with ΩΛ �= 0 (Eke et al., 1996).

1. Expansion. One prediction of Birkhoff’s theorem is that a spherically symmetric overdense

region containing a mass M grows at the same rate as a sphere of equal mass evolving with

the background expansion. The radius R(t) of a given density perturbation, modelled as a

uniformly overdense sphere, therefore has the following time dependence:

Ṙ
2(t) =

8πGρ(t)R2(t)

3
− kc

2
. (1.28)

Assuming that the perturbation grows in a matter-dominated universe, the density ρ(t)

evolves as ρ(t) = ρ0R
3
0/R

3(t), where the subscript ‘0’ refers to initial quantities. Since

collapse to a singularity occurs at time tcoll in the spherical top-hat model, the overdense

region can be thought of as behaving like a closed universe with k = +1, provided that the

scale factor is rescaled by the curvature parameter: a(t) → a(t)/
√
k. Equation (1.28) hence

simplifies to:

Ṙ(t)2 =
2G

R(t)

4πR3
0ρ0

3
− c

2 (1.29)

=
2GM

R(t)
− c

2
, (1.30)

where M represents the mass within the sphere:

M =
4

3
πR

3(t)ρ(t) =
4

3
πR

3
0ρ0 = M0, (1.31)

which is constant at all times in the halo formation process. As the perturbation becomes non-

linear (δ > 1), this assumption will no longer hold because local matter will gravitationally

sink inwards, and so the perturbation will acquire a radial density profile (for an estimate

of the functional form of this profile, see Penston 1969 and Peebles 1993). Nevertheless, the

assumption of constant mass is preserved in what follows since the aim is to make simple
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model predictions. By defining conformal time η as:

η = c

� t

0

dt�

R(t�)
, (1.32)

equation (1.30) can be further simplified:

�
dR

dη

�2

=
2GMR

c2
−R

2 (1.33)

��
c
2

GM

�
dR

dη

�2
=

2GMR

c2

�
c
2

GM

�2

−R
2

�
c
2

GM

�2

(1.34)

�
d

dη

�
R

R�

��2
= 2

�
R

R�

�
−
�

R

R�

�2

, (1.35)

where R� is a constant defined as R� ≡ GM/c
2, and the explicit η dependence of R has been

dropped for brevity. The solution to equation (1.35) can be found by completing the square

and changing variables, and is of the form:

R(η) = R�(1− cos η). (1.36)

It follows from equation (1.32) that t can also be written as a function of η:

t(η) =
1

c

� η

0
R(η�) dη� =

R�

c
(η − sin η). (1.37)

For early times, η << 1, and so by performing a Taylor series expansion in cos η and sin η

around η ∼ 0 up to the η
5 term and subsequently eliminating η, it can be shown that:

lim
η→0

R(t) � R�

2

�
6ct

R�

�2/3
�
1− 1

20

�
6ct

R�

�2/3
�
= R0

�
1 +

δR0

R0

�
. (1.38)

By invoking the relation ρ(R) ∝ 1/R3, the linear theory prediction for the density contrast

at early times can be found:

δ ≡ δρ

ρ
=

δρ

δR

δR

ρ
= −3

δR

R
� 3

20

�
6ct

R�

�2/3

. (1.39)

The density perturbation therefore initially grows linearly with the scale factor (a(t) ∝ t
2/3

in a matter-dominated universe).



1.2. From density perturbations to virialized haloes of dark matter 9

2. Turnaround. The perturbation expands with the background until a point of maximum

expansion at time tt, and it can be seen that R in equation (1.36) is equal to its maximum

value of 2R� when η = π, corresponding to a turnaround epoch tt = πR�/c in equation (1.37).

The density contrast of the perturbation ρp with respect to the background density ρb is:

δ =
ρp

ρb
− 1, (1.40)

which at t = tt becomes:

δ =

�
(R�/2)(6ctt/R�)2/3

�3

(2R�)3
− 1 =

9π2

16
− 1 ∼ 4.55, (1.41)

according to the spherical top-hat model in equation (1.38). This prediction is roughly a

factor of 4–5 larger than the linear theory estimate of equation (1.39):

δl �
3

20

�
6ctt
R�

�2/3

=
3

20
(6π)2/3 ∼ 1. (1.42)

It is hence clear that the growth of the perturbation is non-linear at turnaround.

3. Collapse and virialization. The perturbation is instantaneously stationary at t = tt and

so all of its energy is gravitational potential energy V . The kinetic energy T of the subsequent

collapse is converted into random motions. When R = R�, i.e. half the maximum turnaround

radius, the kinetic and potential energy of the perturbation obey the virial relation 2T+V = 0.

Equation (1.36) shows that R = R� when η = 3π/2, which yields a virial overdensity of

δvir ∼ 146 upon substitution into equation (1.40). A more common assumption, however, is

that the halo is virialized at the collapse epoch where R = 0, which occurs when η = 2π,

yielding a collapse time tcoll = 2πR�/c. The virial density contrast estimate at t = tcoll

predicted by the spherical top-hat model is therefore:

δvir =
(R�/2)3(6ctcoll/R�)2

R3
�

− 1 =
1

8

�
6c

R�

2πR�

c

�2

− 1 = 18π2 − 1 ∼ 177, (1.43)

which is significantly greater than the linear theory estimate:

δl �
3

20

�
6ctcoll
R�

�2/3

=
3

20
(12π)2/3 ∼ 1.69. (1.44)
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So far it has been assumed that the density perturbations are sufficiently dense that they will

collapse to form haloes. Lower density perturbations will form haloes at later times, however, and

so several authors have introduced the notion of a ‘critical’ density contrast for halo formation at

a given epoch (Gunn & Gott, 1972; Press & Schechter, 1974; Lacey & Cole, 1993). This features

in the theory of Press & Schechter (1974), which ultimately leads to a prediction of the number

density of collapsed virialized haloes in a given mass range at a given redshift, and is discussed in

detail in Chapter 3.

1.2.2 Virial properties of dark matter haloes

Many of the arguments presented in this thesis make reference to a halo’s virial radius rvir and virial

mass Mvir, and so these quantities are now defined. The halo-finders used in this study (which are

introduced in Chapter 2) compute the virial radius by dividing each resolved halo into ellipsoidal

bins and recording the distance from the halo’s centre to the outermost bin whose ‘virial accuracy

parameter’ (i.e. ratio of virial energy to total energy) is at least 20%. The virial radius is then

defined as:

rvir =
3
√
abc, (1.45)

where a, b and c refer to the semi-principal axes of the outermost virial ellipsoid. Equation (1.45)

hence ensures that the volume of the spherical virial region and the outermost virial ellipsoid are

equal. It follows that the virial mass of a spherical halo is given by Mvir =
4
3πr

3
vir∆virρ̄, where ρ̄ is

the mean background mass density and ∆vir is the virial density contrast. Bryan & Norman (1998)

provide functional fits for ∆vir that depend on redshift and cosmology: for an Einstein–de Sitter

and ΛCDM universe at z = 0, ∆vir ∼ 180, 340 respectively.

1.2.3 Observational evidence for the existence of dark matter

Since reference has been made to haloes of dark matter throughout this section, it is worth briefly

summarizing the observational evidence in support of the existence of this dark component, before

proceeding to the ΛCDM model.

The first prediction for the existence of dark matter was made by Zwicky (1933), who applied

the virial theorem to the Coma cluster and estimated its mass-to-light ratio as Υ ∼ 300hM⊙/L⊙,

where h is a dimensionless normalization of the Hubble constant: h = H0/(100 km s−1Mpc−1).

It was assumed that light traces galaxy mass, and so this excess of mass in the Coma cluster
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was attributed to an unseen, dark component. This claim was later supported by White et al.

(1993), who used X-ray data from hot intracluster gas to measure the mass of Coma and estimated

that baryons account for only ∼10% of its mass. Similar studies have further confirmed that early

predictions of constant Υ hold to a good approximation (Merritt, 1987; Carlberg et al., 1997) within

the central regions (r < 1h−1Mpc) of X-ray clusters (typically enclosing a total mass of ∼1015M⊙),

provided that the cluster gas is in hydrostatic equilibrium. Weak-lensing measurements of cluster

masses that probe to scales ∼1Mpc from cluster centres also yield mass-to-light ratios that are in

concordance with X-ray estimates (e.g. Hoekstra et al. 1998).

Other evidence for dark matter comes from the velocity rotation curves of spiral galaxies,

denoted by V (r), which flatten beyond ∼5–10 kpc from halo centres (Rubin et al., 1980; van Albada

et al., 1985). This flattening is in tension with the V (r) ∝ 1/r Keplerian prediction and implies

that M(r) ∝ r in the outer regions of these rotationally supported systems. Dark matter is thought

to constitute the unobserved mass at large r.

1.3 The ΛCDM model of the Universe

To date, almost every galaxy simulation models the formation of dark matter haloes and luminous

galaxies in a flat universe whose energy density is dominated by a cosmological constant and a

collisionless cold dark matter (CDM) component that acts via the gravitational force but perhaps

also via the weak force. In this ΛCDM framework, the initial density fluctuations are close to

scale-invariant and are Gaussian distributed, growing with the expansion of the background until

their associated gravity induces collapse and subsequent virialization, leading to the formation of

haloes of dark matter, as described in the previous section. Luminous galaxies form as baryonic

matter cools and condenses at halo centres (White & Rees, 1978; Fall & Efstathiou, 1980), and

grow with their host haloes by accreting mass via mergers in a hierarchical assembly of structure

formation, giving rise to rich clusters of galaxies in the local Universe (z < 1) with cluster masses

of the order 1015M⊙ (Marriage et al., 2011; Maughan et al., 2012).

There are three independent, concrete pieces of evidence that support the ΛCDM paradigm:

• The Cosmic Microwave Background (CMB) angular power spectrum of temper-

ature fluctuations. A large collection of ground- and space- based experiments (COBE:

Smoot et al. 1992; WMAP1: Spergel et al. 2003; CBI: Readhead et al. 2004; VSA: Dickinson
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et al. 2004; ACBAR: Kuo et al. 2004; BOOMERANG: Jones et al. 2006; WMAP3: Spergel

et al. 2007; WMAP5: Dunkley et al. 2009) have measured the autocorrelation function C(θ)

as a function of angular separation θ:

C(θ) =

�
δT

T
(�n1)

δT

T
(�n2)

�

θ = cos−1(�n1 · �n2). (1.46)

The unit vectors �n1 and �n2 represent random directions in the sky, T refers to the mean

temperature of the CMB measured as ∼2.73K (Smoot et al., 1992), and the average is taken

over all independent pairs of temperature fluctuations separated by an angle θ. The ΛCDM

model is fundamentally characterized by six cosmological parameters, {Ωb,Ωc,ΩΛ,∆2
R, ns, τ},

which are respectively the fraction of the total present day energy density in baryons, cold

dark matter, and the cosmological constant fluid phase, the amplitude of the curvature per-

turbations, the spectral index of the primordial power spectrum, and the optical depth of

the epoch of cosmic reionization. Unless explicitly stated otherwise, it should be assumed

throughout this thesis that any cosmological parameter refers to its present day value.

Table 1.1 (copied from Dunkley et al. 2009) shows the mean values and associated 1σ errors

of both these standard ΛCDM parameters and the other cosmological parameters that have

been fit to the angular temperature power spectrum, which now extends across a range of

multipole moments from � = 2 to � ∼ 10 000 (Dunkley et al., 2009; Das et al., 2011). Table 1.1

indicates that the CMB data is fully consistent with the ΛCDM model: the matter content is

dominated by cold dark matter, the energy density is mostly attributed to the cosmological

constant, and the initial power spectrum is close to scale-invariant.

• The power spectrum of density fluctuations as measured by the SDSS and the

2dFGRS sky surveys. The Two Degree Field Galaxy Redshift Survey (2dFGRS) is a

map with an area of ∼2000 deg2, divided into two strips that span across the northern and

southern galactic pole, whose entire data sample contains the photometry, spectroscopy and

redshifts of around 250 000 galaxies (Colless et al., 2001). Several authors have computed

the galaxy-galaxy clustering correlation function of these sample members, and in particular,

have detected large-scale baryon oscillations in the power spectrum for wavenumbers k in

the range 0.01 < k/(hMpc−1) < 1 (Percival et al., 2001; Tegmark et al., 2002; Cole et al.,
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No. 2, 2009 WMAP FIVE-YEAR OBSERVATIONS: LIKELIHOOD AND PARAMETERS 311

Figure 3. Constraints on CDM parameters from the five-year WMAP data. The two-dimensional 68% and 95% marginalized limits are shown in blue. They are
consistent with the three-year constraints (gray). Tighter limits on the amplitude of matter fluctuations, σ8, and the CDM density ch

2, arise from a better measurement
of the third temperature (TT) acoustic peak. The improved measurement of the EE spectrum provides a 5σ detection of the optical depth to reionization, τ , which is
now almost uncorrelated with the spectral index ns.

Table 2
CDM Model Parameters and 68% Confidence Intervals From the Five-Year

WMAP Data Alone

Parameter Three-Year Mean Five-Year Mean Five-Year Max Like

100 bh
2 2.229 ± 0.073 2.273 ± 0.062 2.27

ch
2 0.1054 ± 0.0078 0.1099 ± 0.0062 0.108

0.759 ± 0.034 0.742 ± 0.030 0.751
ns 0.958 ± 0.016 0.963+0.014

−0.015 0.961
τ 0.089 ± 0.030 0.087 ± 0.017 0.089

2
R (2.35 ± 0.13) × 10−9 (2.41 ± 0.11) × 10−9 2.41 × 10−9

σ8 0.761 ± 0.049 0.796 ± 0.036 0.787
m 0.241 ± 0.034 0.258 ± 0.030 0.249
mh2 0.128 ± 0.008 0.1326 ± 0.0063 0.131

H0 73.2+3.1
−3.2 71.9+2.6

−2.7 72.4
zreion 11.0 ± 2.6 11.0 ± 1.4 11.2
t0 13.73 ± 0.16 13.69 ± 0.13 13.7

Notes. The three-year values are shown for comparison. For best estimates of
parameters, the marginalized “Mean” values should be used. The “Max Like”
values correspond to the single model giving the highest likelihood.

to the three-year measure of τ = 0.089 ± 0.03. The central
value is little altered with two more years of integration, and
the inclusion of the Ka band data, but the limits have almost
halved. This measurement, and its implications, are discussed
in Section 3.1.1.

The higher acoustic peaks in the TT and TE power spectra
also provide more information about the CDM model. Longer
integration has resulted in a better measure of the height and
position of the third peak. The highest multipoles have a slightly
higher mean value relative to the first peak, compared to the
three-year data. This can be attributed partly to improved beam
modeling, and partly to longer integration time reducing the
noise. The third peak position constrains 0.275

m h, while the
third peak height strongly constrains the matter density, mh2

(Hu & White 1996; Hu & Sugiyama 1995). In this region of the
spectrum, the WMAP data are noise-dominated so that the errors
on the angular power spectrum shrink as 1/t . The uncertainty on
the matter density has dropped from 12% in the first-year data
to 8% in the three-year data and now 6% in the five-year data.
The CDM density constraints are compared to three-year limits
in Figure 3. The spectral index still has a mean value 2.5σ less
than unity, with ns = 0.963+0.014

−0.015. This continues to indicate
the preference of a red spectrum consistent with the simplest
inflationary scenarios (Linde 2005; Boyle et al. 2006), and our
confidence will be enhanced with more integration time.

Both the large-scale EE spectrum and the small-scale TT
spectrum contribute to an improved measure of the amplitude
of matter fluctuations. With the CMB we measure the amplitude
of curvature fluctuations, quantified by 2

R, but we also derive
limits on σ8, the amplitude of matter fluctuations on 8h−1Mpc
scales. A higher value for τ produces more overall damping of
the CMB temperature signal, making it somewhat degenerate
with the amplitude, 2

R, and therefore σ8. The value of σ8
also affects the height of the acoustic peaks at small scales, so
information is gained from both temperature and polarization.
The five-year data give σ8 = 0.796±0.036, slightly higher than
the three-year result, driven by the increase in the amplitude
of the power spectrum near the third peak. The value is
now remarkably consistent with new measurements from weak
lensing surveys, as discussed in Section 3.2.

3.1.1. Reionization

Our observations of the acoustic peaks in the TT and TE
spectrum imply that most of the ions and electrons in the
universe combined to make neutral hydrogen and helium at
z # 1100. Observations of quasar spectra show diminishing
Gunn–Peterson troughs at z < 5.8 (Fan et al. 2000, 2001)
implying that the universe was nearly fully ionized by z = 5.7.
How did the universe make the transition from being nearly
fully neutral to fully ionized? The astrophysics of reionization
has been a very active area of research in the past decade.
Several recent reviews (Barkana & Loeb 2006; Fan et al. 2006;
Furlanetto et al. 2006; Meiksin 2007) summarize the current
observations and theoretical models. Here, we highlight a few
of the important issues and discuss some of the implications of
the WMAP measurements of optical depth.

What objects reionized the universe? While high-redshift
galaxies are usually considered the most likely source of reion-
ization, active galactic nuclei (AGNs) may also have played
an important role. As galaxy surveys push toward ever higher
redshift, it is unclear whether the known population of star-
forming galaxies at z ∼ 6 could have ionized the universe
(see, e.g. Bunker et al. 2007). The EE signal clearly seen in
the WMAP five-year data (2008, Section 2) implies an opti-
cal depth, τ # 0.09. This large optical depth suggests that
higher redshift galaxies, perhaps the low-luminosity sources
appearing in z > 7 surveys (Stark et al. 2007), played an im-
portant role in reionization. While the known population of
AGNs cannot be a significant source of reionization (Bolton

Table 1.1: The best fit values of the cosmological parameters as measured by WMAP (this table
has been copied from Dunkley et al. 2009).

2005; Percival et al., 2007). The complementary Sloan Digital Sky Survey (SDSS) is an even

larger probe of large-scale structure (York et al., 2000). Eisenstein et al. (2005), for example,

measured the comoving (s) two-point correlation function clustering ξ(s) in redshift-space of

∼45 000 SDSS galaxies that span over 3000 deg2, covering a volume of ∼0.7h−1Gpc−3 and a

redshift range 0.16 < z < 0.47. They reported the detection of a prominent baryonic acoustic

peak at s ∼ 100h−1Mpc, in agreement with the predicted local scale of the recombination-

generated acoustic peaks as measured by WMAP. Recent work on galaxy clustering in the

SDSS has also provided tight constraints on Ωm,Ωb and Ωk (Tegmark et al., 2006; Percival

et al., 2010), and the inferred values of these parameters are close to the values listed in Table

1.1. The combination of smaller scale WMAP measurements with the large-scale 2dFGRS

and SDSS measurements of the density power spectrum yields excellent agreement with a

ΛCDM cosmology over two decades in comoving wavenumber from k ∼ 0.001hMpc−1 to

k ∼ 0.1hMpc−1 (Sánchez et al., 2006, 2009).

• The magnitude-redshift Hubble relation of Type Ia supernovae. Astronomers seek

to measure the light curves of Type Ia supernovae (hereafter SNe Ia) as they are known to be

standardizable candles, which when scaled by the width-luminosity relation (Phillips, 1993;

Riess et al., 1996, 2004), yield estimates of H0 (Hoeflich & Khokhlov, 1996; Riess et al., 1998,

2007, 2011). By probing high redshift SNe Ia one is hence able to measure the time evolution

of the expansion of the Universe and infer values of ΩM and ΩΛ.
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Hamuy et al. (1996) were one of the first groups that attempted to measure the Hubble

relation for SNe Ia at low redshift. Their sample consisted of ∼30 SNe Ia at 0.01 < z < 0.1,

taken from the Calán/Tololo supernovae survey (Hamuy et al., 1993). The pioneering work

conducted by Perlmutter et al. (1999) then combined the Hamuy et al. (1996) sample with

a sample of 42 SNe Ia in the redshift range 0.18 < z < 0.83, detected using the Supernova

Cosmology Project survey (Perlmutter et al., 1995, 1997). They found that the best-fit values

of {ΩM,ΩΛ} to the B-band Hubble relation for a flat universe were roughly {0.28, 0.72}, in

good agreement with both the corresponding ΛCDM values in Table 1.1 and earlier claims

by Riess et al. (1998), who reported that their SNe Ia detections strongly disfavoured a flat

or a closed universe with ΩΛ = 0 at the 7σ confidence level. Recent results released by the

Carnegie Supernova Project (Freedman et al., 2009) and Supernova Legacy Survey (Conley

et al., 2011; Sullivan et al., 2011) teams further constrain Ωm, Ωk, ΩΛ and w (the dark energy

equation of state parameter) and lend additional support to the ΛCDMmodel of our Universe.

With a standard model in place, recent years have witnessed a huge number of observational

and theoretical experiments that test ΛCDM predictions for the origin and evolution of galaxy

properties. A review of the most important ΛCDM ‘anomalies’ is now provided, mostly from the

perspective of galaxy simulations, which forms the general subject heading of this thesis.

1.4 Establishing observed galaxy properties using simulations in

a ΛCDM context

1.4.1 The galaxy luminosity function

Perhaps the most fundamental property of the galaxy population at a given epoch is the galaxy

luminosity function, which represents the differential number density of galaxies per unit luminosity

L at a given redshift z. Observations in the near-infrared K-band (λK
eff = 2190 nm) have revealed

that the present day galaxy luminosity function in a ΛCDM cosmology obeys a Schechter function

of the form φ(L/L�) ∝ (L/L�)α exp(−L/L�) (Cole et al., 2001; Kochanek et al., 2001), where L�

corresponds to an absolute K-band magnitude M�(K) ∼ −24, and α ∼ −1.37 (Huang et al., 2003).

Yet if one assumes a constant mass-to-light ratio for all galaxies and transforms the present day

halo mass function (which is discussed in more detail in Chapter 3) into a predicted luminosity
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function, there are too many low luminosity and high luminosity galaxies compared with the number

observed, and agreement is found at just a single luminosity, corresponding to L ∼ L� (Benson

et al., 2003). In order to bring the observed and mass-function-predicted luminosity functions

into agreement, the ΛCDM picture requires a mass-to-light ratio with a luminosity index nL in the

optical B-band (λB
eff = 445 nm) whose value changes from nL(B) ∼ −1/2 for L < L� to nL(B) ∼ 1/2

for L > L� (Marinoni & Hudson, 2002). This relationship indicates a non-trivial suppression of

star formation at both the low and high luminosity ends of the luminosity function, seemingly in

conflict with the standard model of galaxy formation.

1.4.2 Cosmic downsizing

Another process that appears to be in tension with the hierarchical build-up of halo mass via mergers

is ‘downsizing’ (originally coined by Cowie et al. 1996), which broadly falls into two categories:

downsizing in the galaxy star formation rate and downsizing in the black hole accretion rate. The

observational evidence for the former process is very strong. Brinchmann & Ellis (2000) analyzed a

sample of ∼300 near-infrared K-band selected galaxies detected with the Hubble Space Telescope,

and found that their dwarf galaxies experienced much higher specific star formation rates between

0 < z < 1 than their ellipticals. Bauer et al. (2005) computed the specific star formation rates ṅ� of

the near-infrared K- and I-band (λI
eff = 806 nm) selected galaxies in the redshift range 0 < z < 1.5.

They found that low stellar mass galaxies had a higher ṅ� than high stellar mass galaxies at every

redshift bin in this interval, and further reported that these two star forming regimes are separated

by a threshold mass that decreases towards the present day. Bundy et al. (2006) confirmed this

behaviour and argued that this threshold mass Mt scales with redshift as Mt ∝ (1 + z)3.5. A clear

message from these studies is that the star formation in massive haloes appears to occur at high

redshifts, and much of the present day stellar mass in massive haloes is already established by

z ∼ 1. This is further corroborated by the observation that most massive galaxies at low redshift

(z < 0.1) are ‘red and dead’, outnumbering their blue star-forming counterparts by at least an

order of magnitude for M� � 1011M⊙ (Baldry et al., 2004).

By contrast, AGN downsizing is far less well understood, although there appears to be strong

evidence for a luminosity downsizing at X-ray wavelengths. Hasinger et al. (2005) selected ∼1000

soft X-ray (0.5–2 keV) Type-I AGN from the Chandra, ROSAT and XMM-Newton surveys, probing

the redshift interval 0 < z < 4, and found that the peak in both AGN number density and black hole
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emissivity shifts to lower redshift for lower luminosity AGN. Barger et al. (2005) examined several

hundred hard X-ray (2–8 keV) sources from the Chandra survey and argued that their reported

drop in integrated hard X-ray luminosity density around z ∼ 1 was driven by a downsizing in X-

ray luminosity. Similar luminosity dependent density evolution in other wavebands, in particular

radio wavebands, has proved somewhat less conclusive. Rigby et al. (2011), however, claim to

have detected a downsizing in radio luminosity with a sample of ∼135 radio-loud AGN that span

a similar redshift range to the X-ray detected downsizing signals (0 < z < 4), but the trend is far

less convincing than at X-ray wavelengths, and only tentatively exists for the lower luminosity end

of the radio-loud population in their sample (P ≤ 1026W) at low redshift (z < 1).

1.4.3 The absence of cooling flows

It has now been convincingly demonstrated that the plasma in X-ray clusters cools via thermal

bremsstrahlung radiation and line emission, and that the plasma density is higher and the tem-

perature is lower in the core of clusters than in the outer regions (Cowie & Binney, 1977; Fabian

& Nulsen, 1977). Cooling times of plasma clouds in X-ray cluster cores are known to be short,

on timescales � 1Gyr (White et al., 1997; Fabian et al., 2000; McNamara et al., 2000), hence in

the absence of heating, a large mass of very low temperature material is expected to reside in the

central region (few kpc) of local clusters (z < 0.1). Yet only a very small fraction of the total

plasma gas is found to radiate at even modest temperature, and recent observations of clusters

detected by XMM-Newton have demonstrated that there is a significant emission deficit and about

an order of magnitude mass deficit of centrally concentrated low temperature plasma compared

with simple theoretical predictions (Peterson et al., 2003). Although this is not a direct issue with

the ΛCDM paradigm, any successful galaxy formation model incorporated within a ΛCDM context

should account for the apparent absence of cooling flows in X-ray clusters.

1.4.4 The missing satellites problem

Klypin et al. (1999b) and Moore et al. (1999a) were among the first groups to show that simulations

of MilkyWay type galaxies, designed to test the ΛCDMmodel on galaxy scales, predict the existence

of ∼300 present day dark matter subhaloes in the Local Group, roughly an order of magnitude

more than the observed luminous satellite population (Mateo, 1998). This discrepancy is referred

to as the ‘missing satellites problem’ (Moore et al., 1999a; Kamionkowski & Liddle, 2000).
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1.4.5 The cusp-core problem

Numerous dark-matter-only N -body simulation studies performed in a ΛCDM cosmogony have

demonstrated that the density of dark matter within the inner cores of dwarf galaxies (M� � 109M⊙)

typically spanning 5 × 10−4 ≤ r/rvir ≤ 5 × 10−3 has a power-law scaling with radius of the form

ρ(r) ∝ r
α, where −1.5 � α � −0.8 (Moore et al., 1999b; Stadel et al., 2009; Navarro et al., 2010).

These ‘cuspy’ distributions of dark matter are in tension with observations of the central kiloparsec

of low mass galaxies, which predict a far shallower ‘cored’ index −1 � α � 0 (Swaters et al., 2003;

Simon et al., 2005; Donato et al., 2009). This discrepancy in the allowed range of α values is

commonly referred to as the ‘cusp-core’ problem.

1.4.6 Modelling the physics of baryons within the ΛCDM paradigm

Given the baryonic nature of the processes described in Sections 1.4.1–1.4.5, it is clear that there

are missing ingredients in a standard model that just describes the physics of dark matter. This

subsection hence introduces the recipes that model the physics of luminous galaxy components.

At first glance, both forms of downsizing appear to be in conflict with ΛCDM predictions. If

the star formation rate of luminous galaxies is positively correlated with their dark host’s mass,

then the largest star formation rates should be found in the most massive galaxies at a given epoch,

and the rate of star formation in these massive galaxies should increase towards the present day

as haloes become more massive, the opposite of what is observed in the optical band. Similarly

if AGN mass scales with AGN luminosity, then the findings in Section 1.4.2 imply that at high

redshift the most massive black holes are most active and their lower mass counterparts are most

active at low redshifts, which is again the opposite to a bottom-up, merger-driven, hierarchical

prediction of structure formation.

During the past twenty years, the proposed solutions to reconciling the behaviour of the galaxy

luminosity function and downsizing in a ΛCDM framework have all been borne from various im-

plementations of the technique of semi-analytic modelling. The semi-analytic recipe is as follows:

construct a physically motivated model that is characterized by as few free parameters as possible,

and tune these parameters to reproduce known galaxy observables (Baugh, 2006; Benson, 2010).

These include the present day galaxy luminosity functions, the colour-magnitude bimodality dis-

tribution, the I-band Tully–Fisher relation (Tully & Fisher, 1977), the MBH-MBUL relation, and

the cosmic star formation history of the Universe (Hatton et al., 2003; Cattaneo et al., 2006; Dekel
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& Birnboim, 2006; De Lucia et al., 2006; Somerville et al., 2008). Most authors rely on executing

their models on the Millennium Simulation run (Springel et al., 2005), which provides them with

the necessary statistics. The challenge for these models is to provide physical mechanisms that are

capable of heating or expelling gas in order to suppress star formation at both ends of the luminosity

distribution and hence account for the observed deficit of low and high luminosity galaxies.

Cole et al. (1994) were one of the first groups to demonstrate that supernovae feedback was

able to fit the flat, low luminosity end for each of K- and bJ- bands (the term ‘luminosity function’

is henceforth made in reference to one or both of these bands at the present day). Benson et al.

(2003) later developed these ideas and considered three supernovae-driven physical mechanisms

capable of reproducing the luminosity function: disk reheating, thermal conduction of energy from

ionized gas to the central region, and superwinds. Reheating of the disk provides a poor fit across

the whole luminosity range unless a high disk heating efficiency of � ∼ 0.4 is assumed, in which case

the flat low luminosity behaviour is captured. Several orders of magnitude discrepancy still exist

at the high luminosity end, however. Thermal conduction cannot recover the shape unless both an

unphysically high conduction efficiency and a high disk heating efficiency are assumed. Superwinds

are capable of reproducing the low luminosity distribution, but an energy injection that is greater

than the amount of energy released by supernovae has to be assumed. More recently, Bower et al.

(2006), Croton et al. (2006) and De Lucia et al. (2006) have found that feedback via AGN is able

to sufficiently quench star formation in high luminosity galaxy systems, and predicts a number

density in concordance with the observed exponential tail of the luminosity function. Yet these

studies propose different models for the feedback; Croton et al. (2006) and De Lucia et al. (2006)

describe a model that strongly correlates with halo mass and that requires black holes to accrete

hot gas, whilst Bower et al. (2006) propose a self-regulated, Eddington-limited feedback loop with

weaker dependence on halo mass and no dependence on the temperature of the accreted gas. While

observational evidence in support of the nature of these accretion modes is lacking, evidence that

favours AGN as the source of feedback has recently been mounting. Schawinski et al. (2007, 2009)

examined low redshift samples (z < 0.1) from the SDSS at millimetre wavelengths and reported

that molecular gas local to the accreting black holes disappeared on ∼100Myr timescales, which

these authors interpreted as an indication of a low level of feedback from a local AGN population.

The emerging picture, then, is that weak AGN feedback is able to heat molecular clouds and

prevent star formation, which reduces the number of high luminosity objects and explains why
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massive local ellipticals are not forming stars, therefore providing a solution to star formation rate

downsizing in a ΛCDM cosmogony as well as yielding agreement with the exponential tail of the

luminosity function. Accounting for observed AGN downsizing, however, still remains somewhat

elusive and is a two-fold degenerate phenomenon, driven either by low mass black holes accreting at

near-Eddington rates (Heckman et al., 2004) or by supermassive black holes accreting at low rates

(Babić et al., 2007). Whether AGN heating is able to suppress cooling flows in clusters is also still

questionable from the semi-analytic perspective, given the lack of observational evidence supporting

the Bower et al. (2006) and Croton et al. (2006) models. A galaxy formation model that is able to

both convincingly account for the absence of cooling flows in clusters and reproduce known galaxy

properties (e.g. the luminosity function, the colour distribution of present day galaxies and the

star formation history of the Universe) within the ΛCDM framework is hence lacking.

Two of the most outstanding issues facing the ΛCDMmodel at present, however, are the missing

satellites problem and the cusp-core problem. Although these phenomena are not investigated in

this thesis, their importance warrant separate attention. The challenge for any model that aims

to resolve the missing satellites problem is not just one of luminosity abundance matching: the

physical properties of the Local Group satellites also have known correlations, encapsulated by

the local scaling relations between surface brightness, halo circular velocity, metallicity and stellar

mass. Dekel & Woo (2003) examined the low mass dwarf satellites of the Local Group with observed

stellar masses in the range 6 × 105 ≤ M�/M⊙ ≤ 3 × 1010, and found that their prescription of

supernovae feedback was able to reproduce the scaling relations, arguing that this mechanism was

efficient at heating gas bound to haloes with circular velocity vc ≤ 100 km s−1. Benson et al. (2002)

investigated the importance of heating from the UV background and claimed fairly good luminosity

abundance agreement at absolute optical V -band (λV
eff = 551 nm) magnitudes below −10, but had

to assume that all of the UV ionizing photons were injected into the intergalactic medium in order

to yield a realistic reionization epoch zre ∼ 8. The most fundamental problem these models face,

however, is that luminous satellites residing in haloes with dynamical mass as low asMdyn ∼ 107M⊙

have been detected (Mateo, 1998), and the proposed mechanisms above make no such prediction.

Kravtsov et al. (2004), whose work was motivated by this tension, has perhaps provided the most

promising explanation of the missing satellites problem and the existence of low mass satellites.

They traced the mass and circular velocity evolution of the subhaloes belonging to three present

day Milky Way type objects and found that ∼10% were much more massive at their formation
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redshifts (z ≥ 2), and that the present day low mass dwarf spheroidals in particular experienced

heavy tidal stripping during merger episodes and hence suffered the largest loss of mass and circular

velocity. Upon implementing their model of galaxy formation, they found that the circular velocity

functions and cumulative radial distributions of their satellites agreed far better with observations.

These authors hence suggested that the initially massive spheroidals represent sites of intense star

formation at high redshift, but are subsequently tidally stripped, explaining why their low mass

present day counterparts still host luminous galaxies despite their weaker associated gravity.

From the perspective of the cusp-core problem, it has been argued that simply invoking warm,

as opposed to cold, dark matter does not reduce the cuspiness of the density profile over the ob-

served scales within the central kiloparsec region of low mass haloes (Knebe et al., 2002; Strigari

et al., 2007; Coĺın et al., 2008). (The observational evidence disfavouring the Warm Dark Matter

paradigm is presented later in this section.) It is generally agreed, however, that if dark matter

particles are heated then their central concentration is reduced, and there are two popular heating

sources discussed in the literature: dynamical friction (Tonini et al., 2006; Goerdt et al., 2010b) and

supernovae feedback (Mo & Mao, 2004; Mashchenko et al., 2006). Focussing on the latter mecha-

nism, Pontzen & Governato (2012) developed an analytical model of supernovae feedback whereby

repetitive supernovae explosions induce local perturbations in the gravitational potential experi-

enced by a dark matter particle, boosting its energy. Using this model, they found that a core of

∼1 kpc was generated in their resimulated halo (whose present day virial mass was MH ∼ 1010M⊙)

between 2 � z � 4. This work hence provides a promising solution to the long-standing problem

of the distribution of dark matter within the central regions of low mass haloes.

1.5 Forming galaxy disks in a ΛCDM framework

Disks of gas residing at the centre of luminous galaxies have proved particularly difficult to simulate

in recent years. This section hence shifts focus to understanding how disks acquire their angular

momentum and their observed present day properties.

1.5.1 The origin of galaxy angular momentum

The understanding of the origin of angular momentum within galaxies dates back to the pioneering

works of Hoyle (1951) and Peebles (1969), who modelled protogalaxies as spherical Eulerian patches

and argued that torques are exerted on a given patch due to tidal interactions with neighbouring
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patches. Doroshkevich (1970) removed the assumption of spherical symmetry and demonstrated

that as dark halo perturbations follow the expansion of the background, their total angular mo-

mentum evolves with the scale factor as J(a) ∝ a
3/2 in an Einstein–de Sitter universe (ΩM = 1).

An N -body simulation study by White (1984) later confirmed that this growth of angular momen-

tum continues until the perturbation, modelled in a Lagrangian framework, breaks away from the

background expansion and collapses to form a halo, whereupon its angular momentum remains

approximately constant. White (1984) hence argued that the magnitude of the angular momentum

acquired for a given halo is set at the epoch of maximum expansion. These calculations, however,

were performed using linear perturbation theory and therefore only hold while the density contrast

is linear (δ < 1). Barnes & Efstathiou (1987) demonstrated that haloes containing embedded sub-

structure often have more associated angular momentum than haloes without dense substructures,

due to a more efficient coupling to the external tidal field. They further argued that the evolution

of the subhalo angular momentum modulus is highly non-linear, and varying amounts of angular

momentum are transported to the outer regions of the host as subhaloes sink to the central host

region. N -body simulations provide a natural framework for non-linear experimentation, and the

papers by White (1984) and Barnes & Efstathiou (1987) were amongst the first to confirm the linear

tidal torque theory prediction of J(a) ∝ a
3/2 for a linear density perturbation in an Einstein–de

Sitter universe.

The theories of Rees & Ostriker (1977), White & Rees (1978) and Fall & Efstathiou (1980)

expanded beyond the early predictions of tidal torque theory introduced by Peebles (1969), and

consequently painted a simple picture of galaxy disk formation. Gas residing in the potential wells

of collapsed density perturbations (whose depth is dominated by dark matter) is shock heated to the

virial temperature of the halo and the inner gas regions subsequently cool and lose their pressure,

sinking to the halo centre on a free-fall timescale. Galaxy disks hence form from the ‘inside-out’, as

the infalling gas retains its angular momentum. Several authors have since reported that the mean

stellar age decreases (de Jong, 1996; MacArthur et al., 2004; Gogarten et al., 2010) and specific

star formation rates increase (Muñoz-Mateos et al., 2007) as a function of radial position from the

disk centre, thereby lending support to the inside-out paradigm of disk growth. This model makes

two important assumptions:

(i) The initial specific angular momentum distributions of gas and dark matter are equal.

(ii) The specific angular momentum of gas is conserved upon collapse to the central region.
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The first assumption holds if gas and dark matter mix and are subject to the same torques. The

second assumption is a natural consequence of the standard theory of galaxy formation, which

assumes that infalling gas crosses an adiabatic shock at the halo virial radius and then cools, with

no further shock heating episodes.

This model has two appealing features. Firstly, by making a prediction for the relationship

between the disk scalelength Rd and the host halo virial radius Rvir, it is able to recover locally

observed distributions of spiral disk scalelengths and the I-band Tully–Fisher relation (Dalcanton

et al., 1997; Mo et al., 1998; de Jong & Lacey, 2000). A simple calculation using the dimensionless

dark matter spin parameter λ (Peebles, 1969) best illustrates this:

λ =
J |E|1/2
GM5/2

=
j|E|1/2
GM3/2

∝ jVc

M
, (1.47)

where J, j, E and M are respectively the angular momentum, the specific angular momentum,

the total energy and mass of a dark halo. It has been assumed that at the halo virial radius Rvir,

the tail of the velocity curve has converged to the circular velocity Vc, and that the density profile

ρ(r) of dark matter follows an isothermal distribution (ρ(r) ∝ 1/r2) such that E ∝ MV
2
c . If

assumptions (i) and (ii) above hold, then j ∝ jgas and jgas = jd, where jd = RdVc is the specific

angular momentum of the disk, whose scalelength is Rd (it is also assumed that the velocity at the

disk’s scalelength is equal to Vc). Equation (1.47) hence simplifies to:

λ ∝ RdV
2
c

M
∝ Rd

Rvir
⇒ Rd ∝ λRvir. (1.48)

The distribution of disk scalelengths hence depends on the distribution of halo spin parameters,

which is approximately log-normal with median λ ∼ 0.05 (Barnes & Efstathiou, 1987), and the

distribution of Rvir. The second success for this model is the discovery of the remarkable property

that the cumulative fraction of mass within a halo that has specific angular momentum less than

j, denoted by M(< j), is well fit by a universal function that depends on a single free parameter,

which holds for haloes of all masses (Bullock et al., 2001).

1.5.2 Reproducing observed disk properties

Both the disk scalelength distribution and the fitting function for M(< j) rely on the validity

of the assumption that gas conserves its specific angular momentum upon infall. Earlier work
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by Navarro & Benz (1991) challenged this assumption as these authors found that upon cooling,

the gas fragments into a clumpy distribution of gas clouds and dynamical friction between these

clumps transports some of their angular momentum to the host halo. Subsequent simulation studies

by Navarro & White (1994) and Navarro et al. (1995b) therefore removed the requirement that

gas conserves its specific angular momentum and consequently experienced enormous difficultly

in replicating observed disk scalelengths in a ΛCDM context, predicting disks at the present day

whose scalelength was an order of magnitude too small. Evidently the gas in these simulations is

losing too much angular momentum to the dark matter host. During the past twenty years, several

groups have sought various physical remedies to this ‘disk angular momentum problem’ and the

general issue of replicating known galaxy properties. The basic aim is to simultaneously reproduce

observed baryonic spin parameter distributions of dwarf and disk galaxies, exponential surface

brightness profiles, the slope and normalization of local spiral Tully–Fisher I-band relations, and

local distributions of disk scalelengths (Abadi et al., 2003; Sommer-Larsen et al., 2003; Governato

et al., 2004; Okamoto et al., 2005; Scannapieco et al., 2009). To date, there have been essentially four

proposed explanations that could in principle satisfy these constraints, all under the assumption

that the problem lies within the simulations:

• Unrealistic treatment of the gas density distribution

Dynamical friction between merging gas clumps is very efficient at transporting gas angular

momentum to the host haloes, and the stars that form within the clumps merge to form

a strong bulge component (Navarro & Benz, 1991; Navarro & Steinmetz, 2000). With a

smoother gas density distribution, star formation will be suppressed at high redshift and the

gas will retain more of its angular momentum, leading to a more extensive disk.

• Incorrect standard model of cosmology

One way to reduce the excessive transfer of angular momentum to the host is to smooth the gas

density via heating. Sommer-Larsen & Dolgov (2001) were able to reproduce the observed lo-

cal I-band Tully–Fisher relation by invoking warm dark matter (hereafter WDM). This result

is a little unsurprising because WDM only differs from CDM on small scales due to relativistic

free streaming, which smoothes the density and quenches small scale power (Bardeen et al.

1986 showed that the ratio of transfer functions is of the form: TWDM/TCDM ∝ exp
�
−x− x

2
�
,

where x depends on the mass of the warm dark matter particle mWDM). The corollary of
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this is that the number density of low mass haloes is quenched compared with a CDM model,

and the extent of the quenching is ultimately determined by mWDM.

WDM models are generally disfavoured, however. Recent observations conducted by Viel

et al. (2008) demonstrate that the Lyman-α flux power spectrum at multiple redshifts in

the range 2.5 < z < 5.5 is consistent with a warm dark matter particle mass of ∼8 keV,

which despite being significantly warmer than the cold dark matter particle mass of ∼1GeV,

rules out any sterile neutrino WDM candidate (Seljak et al., 2006) by being above the allowed

upper limit of �8 keV imposed by the observed deficit of X-rays emitted from neutrino decays

(Abazajian et al., 2001; Boyarsky et al., 2006). The epoch of reionization is also delayed in

the WDM paradigm and is largely inconsistent with the zre ∼ 11 value that best fits the

WMAP CMB temperature power spectrum (shown in Table 1.1).

• Errors in the numerical methods

There are currently two schemes that are used to follow the formation of luminous galaxies

within haloes. The first is a Lagrangian, particle-based Smoothed Particle Hydrodynamics

treatment (Monaghan & Lattanzio, 1985), hereafter SPH, and the second is an Eulerian

adaptive grid-based treatment (e.g. Kravtsov et al. 1997). Both schemes have their relative

merits, which are summarized in Table 1.2 and are now discussed in turn.

Galilean invariance. Galaxies often travel with large velocities of the order several hundred

kilometres per second with respect to the background. Invariance of the solutions to the

equations of motion (which are discussed in Chapter 2) in the presence of bulk flows is hence

an important constraint that any given galaxy evolution code should satisfy in order to reliably

capture the time evolution of systems with large bulk velocities. A notable flaw of grid codes

is that they are not Galilean invariant (e.g. Tasker et al. 2008; Wadsley et al. 2008), as their

numerical errors depend on the relative velocity of the fluid with respect to the grid. SPH

codes, on the other hand, are Galilean invariant by construction (e.g. Springel 2010). The

importance of Galilean invariance was recently highlighted by Tasker et al. (2008), who gave

their simulated cluster a bulk velocity that returned the cluster back to its original starting

position after 1Gyr. They found that in the grid simulations the inner core region (r � 1 kpc)

of the cluster was offset by ∼100–200 kpc from its starting location after 1Gyr, whereas this

effect was absent in the particle simulations.
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Table 1.2: A brief summary of the important relative advantages and disadvantages of particle-
based Lagrangian schemes versus Eulerian grid-based schemes in simulating galaxy formation. The
letters ‘B’ and ‘W’ correspond to ‘better’ and ‘worse’ than the alternative scheme.

Property Particle Adaptive Grid
Galilean invariance B W

Resolving fluid instabilities W B
Gravitational softening W B

Artificial viscosity W B
Artificial angular momentum transfer W B

Resolving fluid instabilities. There are two common instabilities that feature in galaxy

simulations: the Kelvin-Helmholtz instability and the Rayleigh-Taylor instability. The former

arises wherever there is velocity shear at the boundary separating two fluids. This occurs when

satellites travel through their host clusters, for example, with Kelvin-Helmholtz instabilities

forming at the boundary between satellite gas and intracluster gas (e.g. Mori & Burkert 2000).

Rayleigh-Taylor instabilities arise when a low density fluid accelerates a high density fluid.

An example of this effect is the propagation of a high density supernova remnant through the

interstellar medium (e.g. Warren et al. 2005; Fraschetti et al. 2010). Agertz et al. (2007) have

demonstrated that fluids in grid simulations naturally mix and that grid codes are able to

resolve both of these instabilities, unlike standard implementations of SPH, which suffer from

the infamous pressure ‘blip’ problem (e.g. Price 2012). Price (2008), however, has argued

that models of artificial conductivity (combined with artificial viscosity, which is discussed in

more detail below), lead to a more efficient mixing between fluid layers that largely damps

the pressure blip. This scheme is hence a promising mechanism for resolving instabilities in

SPH simulations.

Gravitational softening. A common process that plagues any particle-based representation

of dark matter, stars and gas, is two-body heating (Hernquist & Barnes, 1990; Pfenniger &

Friedli, 1993): particles travelling along orbits that pass sufficiently close to one another

undergo large angle scattering, thereby inducing perturbations in the gravitational potential,

which causes particle heating. The energy of a particle is therefore no longer a constant of

motion. This random heating of particles can induce artificial accelerations, which themselves

induce spurious increases in the random velocities of the particles affected. Such random

velocities inevitably reduce the angular momentum transported by the particle and alter the

temperature dependent cooling function. Two-body heating can hence result in gas angular
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momentum loss (transferred to the dark matter halo) that is purely an artefact of the discrete

nature of particle sampling, and only vanishes in the limit of an infinite number of particles.

Modern day techniques strive to suppress two-body relaxation interactions by smoothing each

particle’s mass over a softening scale, in attempt to add continuity to the particle density field

and prevent gravitational divergence in close encounters. This scale therefore represents the

spatial resolution limit, and the choice of fixed value that best achieves the trade-off between

spatial resolution and noise has been the subject of much debate (Merritt, 1996; Athanassoula

et al., 2000; Power et al., 2003), with recent studies opting for a spatially adaptive scale that

depends on local environment density (Iannuzzi & Dolag, 2011). Note that this softening

length (for the stellar and dark matter particles) is smaller in grid-based treatments and is

set by the minimum cell width.

Artificial viscosity. Particle codes include an ad-hoc dissipative artificial viscosity term in

the equation of motion in order to correctly capture shocks (e.g. Agertz et al. 2007; Mayer

et al. 2008). This is not required in grid codes, but artificial viscosity still features here

too due to the errors associated with interpolating fluid properties from cell centres to cell

boundaries.

Artificial angular momentum transfer. One source of the loss of angular momentum

of gas in particle simulations is two-body heating, which is largely circumvented by the

introduction of gravitational softening techniques that suppress encounters below a fixed

scale, as described above. However, dark matter particles are typically more massive than

gas particles and so artificial angular momentum loss can still occur, even with softening: it

seems that the particle graininess is one of the main sources of loss in angular momentum

modulus of the gas component. Governato et al. (2004) and Kaufmann et al. (2007) examined

isolated disk galaxies and found that at least 105 dark matter particles, 106 gas particles and

softening scales below 1 kpc are required to prevent severe disk angular momentum losses.

Yet even with their best model (sub kpc softening, 105 dark matter particles and 5 × 106

gas particles), Kaufmann et al. (2007) report a loss in the initial angular momentum of disk

particles of more than 10% over a 5Gyr period.

Another source of angular momentum loss of the gas component in SPH simulations is ar-

tificial viscosity, which also arises in grid simulations (as described above), although the

magnitude of this effect is much lower than in standard SPH simulations where ad-hoc inser-
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Figure 1.1: These images have been taken from Keres et al. (2011) and illustrate face-on (z projec-
tions, first row) and edge-on (x projections, second row) views of the gas disk at z = 0 from the same
galaxy resimulated using the particle code GADGET (left column) and the grid tessellation code
AREPO (right column). The disk scalelength resulting from the grid treatment is approximately a
factor of two more extended than found by using the particle treatment.

tion of artificial viscosity introduces dissipation at all spatial locations. This is demonstrated

in Fig. 1.1, taken from Keres et al. (2011), which compares the performance of AREPO (an

adaptive Lagrangian tessellation grid code) and GADGET (an SPH code) at producing ex-

tended disks. Both simulations resimulate the same 24 galaxies in a 20h−1Mpc comoving

periodic box with identical initial conditions but differing schemes for solving the Euler equa-

tions (which are discussed in Chapter 2). Clearly the adaptive grid code AREPO yields more

extended disks, owing to the reduced amounts of artificial viscosity. Similar results were

found by Commerçon et al. (2008), who simulated the collapse of a protostellar cloud using

the adaptive mesh code RAMSES (Teyssier, 2002) and the SPH code DRAGON (Goodwin

et al., 2004).

It should be noted, however, that some sophisticated models of artificial viscosity have recently
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been proposed (e.g. Cullen & Dehnen 2010) that are particularly effective at only introducing

dissipation at the locations of shocks. These viscosity ‘switches’ (see, for example, Price 2008)

may yield disks with similar scalelengths to those found in grid simulations.

• Missing physics in standard cosmological simulations

As argued by Agertz et al. (2011), the angular momentum problem implies that star formation

in molecular clouds is too efficient at high redshift. Physical mechanisms (alternatives to

WDM) that can heat the interstellar medium, quench star formation and smooth the gas

density have therefore been the subject of much debate in recent years. The candidates that

have received the most attention are: (i) heating from a UV background established at the

epoch of reionization; (ii) supernovae feedback, and; (iii) feedback from quasars.

The UV background has been studied in two redshift regimes corresponding to z � 3 and

z ∼ 10. For the former regime, it has been argued that UV photoheating reduces the fraction

of gas that collapses within haloes whose circular velocities approach vc ∼ 75 km s−1 (Thoul

& Weinberg, 1996). Gnedin (2000) later reported that this collapsed gas fraction decreases

towards a characteristic mass scale that decreases at higher redshift, implying that UV heating

becomes less effective at gas removal at early epochs. Dijkstra et al. (2004) supported these

claims by demonstrating that the velocity threshold is reduced to vc ∼ 10 km s−1 at z ∼ 10.

It hence appears that UV heating, by itself, is not the solution to accurate disk formation.

Feedback from supernovae (quasar feedback is not discussed in the following) is probably

the most popular missing ingredient that is thought to help yield realistic disks, but due

to the sub-parsec nature of star formation and the kpc scale of galaxies, several issues have

arisen with its implementation. State of the art numerical simulations that have started to

probe resolution scales of a few parsecs have resorted to ‘sub-grid’ phenomenology in order

to model star formation and supernovae feedback (discussed later in Section 2.1.5), and it

is the difference in the chosen prescriptions that leads to the conflicting conclusions found

upon implementing these models. An early SPH study of disk formation by Katz (1992),

for example, argued that energy from supernovae was quickly radiated away on a cooling

timescale far below the dynamical timescale for redshifts 1 < z < 4. These claims were then

contested by Maller & Dekel (2002), whose supernovae feedback model parametrized the size

of the satellite halo region occupied by baryons and the fraction of gas that remains in the
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halo post-supernova. They found that their prescription sufficiently expelled the angular

momentum of baryonic material at the low end of the distribution, yielding agreement with

the observed dwarf baryonic spin distributions. More recently, Dutton & van den Bosch (2009)

introduced an energy- and momentum- driven mass ejection scheme that varies with distance

to the gas disk centre. Their models were characterized by two efficiency parameters �E and �M

that account for the fraction of released (kinetic) energy and momentum that couples to the

supernovae winds, as well as an additional parameter that indicates the number of supernovae

that are produced for every solar mass of stars formed. They found that including the energy-

and momentum- driven supernovae winds produced relations between disk scale sizes, stellar

masses and rotation velocities in concordance with those observed, but their models required

unphysical values of either 0.25 or 1 for �E and �M respectively to reproduce this agreement.

It is hence clear that the hypothesis that supernovae feedback can shape disk properties is

highly sensitive to the model adopted to parametrize the process. Selective gas heating seems

unavoidable too, as bulges form from low angular momentum gas. Indeed Scannapieco et al.

(2009) conducted an analysis on eight simulated Milky Way type galaxies and found that each

system consisted of a disk that was deficient in mass, and that disks were easily perturbed

by major mergers, which induced mass transfer to the bulge component.

In summary, the solution to the angular momentum problem in particle and grid simulations

probably ultimately depends on spatial and particle resolution. Increasing the spatial resolution

will help abolish the need for semi-analytic prescriptions of star formation and supernovae feedback,

and will reduce the numerical errors associated with time-evolving averaged physical quantities over

a cell volume in grid simulations, while increasing the number of particles in particle simulations

will remove numerical artefacts that contribute to angular momentum loss from the baryons.

1.6 The aims and layout of this thesis

Results from two galaxy simulation projects are presented in this thesis. The aim of the first

project is to monitor the growth of dark matter haloes as they are accreted onto dense groups

and clusters in a bottom-up hierarchical context within an N -body, dark-matter-only simulation,

and to account for any possible accretion rate dependence on environment. By not simulating

the luminous component, the issues in Section 1.4 are ignored and the fundamental component of
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galaxies, which is likely to shape their luminous properties, is examined. The aim of the second

project is to determine how a Milky Way type disk at high redshift acquires its mass and angular

momentum. The analysis is conducted on a single high redshift system traced down to z = 3,

which, when run to z = 0 at coarser physical resolution, boasts a disk scalelength and height that

are very similar to the measured present day Milky Way values. This holds for the runs that include

and exclude a prescription for supernovae feedback.

A brief scientific motivation for both of these projects is now presented.

1.6.1 Project 1: Accretion onto structures in dense environments

Several authors have argued that dense dark haloes often contain embedded subhaloes and have

demonstrated that low mass subhaloes can survive in their hosts for several billion years (Tormen,

1997; Tormen et al., 1998; Moore et al., 1999a). One challenge for cosmological N -body simulations

is to link dark matter haloes and subhaloes with luminous galaxies (Bower et al., 2006; Conroy

et al., 2006; Vale & Ostriker, 2006). Understanding this relationship has proved difficult (Diemand

et al., 2004; Gao et al., 2004; Nagai & Kravtsov, 2005) and most explanations are provided by

semi-analytic models (White & Frenk 1991; Somerville & Primack 1999; Hatton et al. 2003; Bower

et al. 2006; Cattaneo et al. 2006; Croton et al. 2006). Nonetheless, a vital ingredient in explaining

luminous galaxy growth in large groups and clusters is an understanding of how dark matter

haloes and subhaloes accrete mass in dense environments. The growth and survival of dark matter

haloes—the most fundamental components of galaxies—across their accretion history will probably

ultimately help shape the galaxy properties highlighted in Section 1.4.

In this study, outputs from a high resolution dark-matter-only N -body simulation have been

used and a new robust method for defining accretion onto haloes and subhaloes is provided, building

on previous simulation studies and moving beyond the analytic Extended Press–Schechter calcula-

tion. The primary aim is to investigate exactly how accretion onto haloes and subhaloes behaves as

a function of redshift, mass and environment. A derivation and explanation of the analytic tool that

can be used to predict the mass growth of a halo at a given time—the Extended Press–Schechter

formalism—is presented in Chapter 3. The halo and subhalo accretion algorithm, which extends

beyond both this analytic calculation and the algorithms from previous simulation studies, is also

introduced in Chapter 3. Chapter 4 then presents the results found by implementing this algorithm
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and includes a detailed discussion of their implications for: a) subhalo growth in dense environ-

ments; b) the Extended Press–Schechter formalism of halo growth, and; c) black hole growth and

possible accretion rate downsizing.

1.6.2 Project 2: Transporting angular momentum to a Milky Way disk

The past decade has witnessed a resurgence in tackling one of the defining characteristics of the

standard theory of disk formation: that gas crossing a halo’s virial sphere is shock heated to the

virial temperature of the halo, which typically corresponds to X-ray temperatures of a few 106K.

Binney (1977) was the first to claim that, contrary to the standard paradigm, high density gas in

low mass haloes (i.e. most haloes at high redshift) probably crosses an isothermal rather than an

adiabatic shock front at the host halo virial radius, and hence argued that the vast majority of gas

is expected to stream in towards the disk in cold flows with temperatures of a few 104K. Birnboim

& Dekel (2003) reignited this idea by demonstrating that for haloes less massive than ∼1011.6M⊙,

gas cools efficiently, loses some of its pressure, and is unable to support a virial shock. It was hence

concluded that for haloes of mass MH � 1011.6M⊙, gas flows to the disk in a cold mode as opposed

to a hot mode. The lack of redshift evolution in this threshold mass and the penetration of cold

streams to the disk boundary in most galaxies was later confirmed by several numerical simulation

studies (Kereš et al., 2005; Ocvirk et al., 2008). The existence of a bimodal gas accretion phase has

enormous implications for star formation, and may, as the above authors have speculated, account

for the observed lack of soft X-ray flux and copious Lyman-α emission in high redshift galaxies

(Birnboim & Dekel, 2003), the bimodality in galaxy colours and its relation to galaxy morphology,

including the existence of red galaxies at z > 1 and massive bursts of star formation at z ∼ 2–4

(Dekel & Birnboim, 2006), and possibly star formation rate downsizing (Kereš et al., 2005; Ocvirk

et al., 2008). These are hence very exciting times for galaxy disk theory.

Having established that gas inflow in most haloes at high redshift proceeds via cold flows that

often terminate in the outskirts of gaseous disks (Brooks et al., 2009; Powell et al., 2011), one

naturally wonders about the processes governing the transport of angular momentum onto disks

within these overdense regions. The second project presented in this thesis attacks this question,

and by resolving the multiphase nature of the interstellar medium, it joins a series of papers (Kimm

et al., 2011; Pichon et al., 2011; Danovich et al., 2012) that have helped to construct a picture of

angular momentum transport in high redshift galaxies, from supergalactic scales of the order Gpc
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to halo virial regions of the order kpc. Chapter 5 describes the methods that have been employed

to: a) compute the orientation plane of a resimulated Milky Way type disk; b) resolve the individual

gas filaments and satellites that merge onto it, and; c) quantify the angular momentum locked-

up in each of these galaxy components. A discussion of the implications of the results obtained

upon application of these routines is then provided in Chapter 6. Chapter 7 follows with a short

summary of the overall conclusions of this thesis and a presentation of several possible future

projects, including an introduction to an algorithm that has recently been developed to monitor

the time evolution of the angular momentum transported along filaments from large-scale virial

regions to the point of disk contact.

Before proceeding to the analysis chapters, however, an explanation of the numerical methods and

techniques encoded in the simulations, which ultimately form the source of the results of this thesis,

is essential, and is the subject of the following chapter.



Chapter 2

The simulations

The ultimate aims of this thesis are to answer the following two questions: how do the accretion

rates of haloes and subhaloes vary as a function of environment, and how does a Milky Way

type disk acquire its angular momentum at high redshift? These questions have been tackled by

analyzing outputs from one of the HORIZON1 and one of the NUT simulations (Powell et al., 2011).

The full HORIZON suite consists of three separate projects. The first is called the HORIZON-

4Π run (Teyssier et al., 2009), which refers to a collection of outputs from a pure dark matter

simulation containing 40963 particles in a 2h−1Gpc periodic box, generated with the RAMSES

code (Teyssier, 2002). The second contains outputs from smaller pure dark matter simulations

with fewer particles but enhanced spatial resolution, run with both the RAMSES and GADGET-II

(Springel, 2005) codes. The third is called the HORIZON-MARENOSTRUM project (details given

in Ocvirk et al. 2008, Dekel et al. 2009 and Devriendt et al. 2010), a hydrodynamic simulation

that uses the RAMSES code. In this thesis, one of the pure dark matter GADGET-II simulations

is analyzed and ‘the HORIZON simulation’ is henceforth made in reference to this run alone. The

NUT suite also consists of an array of different runs, but unlike the HORIZON suite each set of

simulation outputs is generated using the same code—RAMSES.

The first section of this chapter introduces the basic physics encoded within the simulations

used in this study, and the second discusses the algorithms that have been implemented to detect

haloes and subhaloes. The third section concludes the chapter with a brief summary of the technical

specifications of each of the simulation runs.

1
http://www.projet-horizon.fr
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2.1 Simulating the formation of galaxies with the GADGET-II and

RAMSES codes

There are currently two different types of adaptive mesh refinement (hereafter AMR): tree-based

methods (e.g. ART: Kravtsov et al. 1997) that subdivide parent cells into child cells and introduce

the concept of a threaded tree structure, and less efficient patch-based methods (e.g. ENZO: Bryan

& Norman 1997; Bryan et al. 2001) that refine cells and their neighbours in rectangular patch

regions. RAMSES is a tree-based code, and throughout this section there are several references

to the refinement levels of its tree-grid data structure. This section hence starts by defining this

adaptive grid, which is very similar to the grids used in other tree-based AMR codes.

2.1.1 The adaptive grid in RAMSES

In its simplest form, a galaxy system has three main constituents: dark matter, stars and gas.

RAMSES simulates the gas component by defining a Cartesian grid-based tree structure with varying

levels of refinement �, as described in Teyssier (2002). The coarsest grid is given by � = 0, the base

of the tree structure, and higher � correspond to progressively smaller physical scales and hence

higher spatial resolutions. The cells in the grid are arranged into octs, with a single oct containing

2Nd cells, where Nd is the number of grid dimensions. A grid at level � contains a maximum of 2�

cells (and hence 2�−1 octs) along each dimension. An oct at a given � is linked to its single parent

host cell at �− 1, and to its 2Nd child octs at �+1. The ‘end nodes’ of the tree are defined as child

octs which do not contain further child octs, signifying the highest level of refinement. By using

the above scheme, the tree structure is defined at a given time-step. In order to compute the time

evolution of physical properties like gas density and gas pressure (examples of ‘flow variables’),

RAMSES adopts an adaptive �-based time sequencing algorithm: the higher the � of the oct in the

tree, the higher the assigned integer multiple of time-steps for that �, per coarse time-step interval.

For example, if the integer time-step scaling between two successive levels is 2, then for every coarse

time-step there will be twice as many time-steps for an � = 3 oct compared with an � = 2 oct.

Having devised a scheme that links octs at different �, RAMSES next computes a map of the

cells that are to be refined. Any cell within an oct containing a child cell flagged for refinement is

also flagged. However, RAMSES forces the flagged cells to contain 3Nd − 1 parent cell neighbours,

so as to ensure a steady increase in resolution at successively higher �. The refinement levels
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are triggered once a flow variable (e.g. density) or a non-flow variable (e.g. mass), or their first

and/or second derivatives, exceeds some pre-determined threshold (a free parameter). Random

local fluctuations about the mean values of the flow variables can, however, exceed the threshold

value, and so RAMSES employs a mesh smoothing technique to eliminate this random error. The

refinement grid is hence modified. An ‘attaching and snipping’ method then decides which octs in

the tree are to be refined: child octs belonging to cells marked for refinement are attached to the

refinement grid, and those belonging to unflagged cells are cut from the tree.

With the grid and refinement map now defined, the remainder of this section examines each of

the galaxy components in turn, starting with the dark matter and stellar particles and their mutual

gravitational forces.

2.1.2 The N-body approach to solving the equations of motion of particle flow

Particle-based simulations consist of a finite number of particles Np, each with mass Mp. The

HORIZON simulation used in this study has 5123 dark matter particles, and each particle roughly

corresponds to a dwarf galaxy in mass (Mp = 6.8 × 108M⊙). Since the number density of dark

matter (stellar) particles in an N -body simulation is always far less than the true number density of

haloes (stars) in the Universe (which itself is low), the frequency of two- and three- body interactions

is negligible, and so a given particle’s trajectory is well described by an effective gravitational

potential due to all the other particles. It is hence assumed that all the particles in these simulations

are collisionless (e.g. Springel 2005). Following Binney & Tremaine (2008), these collisionless

particles with position and velocity vectors �x and �v are often considered in a phase-space �ω ≡ {�x,�v},

with time evolution �̇ω = {�v, �̇v}. Each particle in three dimensions is therefore represented by a

point that flows with time in this six dimensional space. The flow described by �̇ω conserves the

number of particles present in the system and so the phase-space distribution function of particles

f(�x,�v, t) as a function of position, velocity and time obeys a continuity equation, which in the

collisionless limit simplifies to the collisionless Boltzmann equation:

df

dt
=

∂f

∂t
+ �v · �∇f − �∇Φ · �∇�vf = 0. (2.1)
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The effective gravitational potential Φ(�x, t) of the system is a solution of the Poisson equation:

∇2Φ(�x, t) = 4πG

�
f(�x,�v, t) d3v. (2.2)

The variables and operators in the two equations above, and in all of the equations throughout this

section, are represented in a coordinate system that accounts for the expansion of the Universe.

GADGET-II and RAMSES adopt the standard comoving and the ‘supercomoving’ coordinates (Mar-

tel & Shapiro, 1998), respectively. The latter choice is particularly attractive because all of the

variables can be expressed in dimensionless units, and the fundamental equations—the collisionless

Boltzmann equation and Euler equations (discussed later in this section)—are unchanged for a

monatomic ideal gas with adiabatic index γ = 5/3 (the sole exception is the Poisson equation, how-

ever, which does acquire a slightly different form compared to its non-cosmological representation).

The coupling between equations (2.1) and (2.2) and the high dimensionality of f render the com-

putation of Φ and f using standard finite difference schemes non-trivial (the explicit dependences

of Φ and f have been dropped for brevity). As discussed in Springel et al. (2001b), the N -body

solution to this problem, which is an approximation and is incorporated within the GADGET-II and

RAMSES codes, involves a discrete sampling of f via use of particles, yielding an approximation

to Φ. Equation (2.1) can be converted to an ordinary differential equation using the method of

characteristics, and the characteristics are given by the time evolution of the particle positions (�xi)

and velocities (�vi). The overall problem is hence reduced to solving Newton’s equations for a system

of particles whose dynamics are governed by their mutual self gravity (Hockney & Eastwood, 1981;

Sellwood, 1987; Quinn et al., 1997; Springel et al., 2001b):

d�xi
dt

= �vi (2.3)

d�vi
dt

= −�∇φ (2.4)

∇2
φ = 4πGρ, (2.5)

where φ is the gravitational potential, G is Newton’s gravitational constant and ρ is the density.

These equations could be solved by direct summation, but this is an N
2
p process (where Np is

the number of particles) and is hence inefficient. The following subsection hence discusses a more

refined approach.
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2.1.3 Particle Mesh and Tree-Particle Mesh techniques

The GADGET-II code adopts the Particle Mesh technique (Hockney & Eastwood, 1981; Klypin &

Shandarin, 1983; Barnes & Hut, 1986) to solve equations (2.3), (2.4) and (2.5) when the separation

r between particles is larger than a characteristic scale rs, and uses the Tree-Particle Mesh method

(Barnes & Hut, 1986; Hernquist, 1987) when r < rs, for a more accurate force computation. By

contrast, the RAMSES code uses the Particle Mesh technique for all separation scales.

Following Teyssier (2002), the Particle Mesh prescription for solving equations (2.3), (2.4) and

(2.5) proceeds as follows:

1. Find the density on the mesh.

2. Solve the Poisson equation on the mesh.

3. Compute the acceleration on the mesh and interpolate to particle positions.

4. Use a numerical time integrating leapfrog-based scheme to solve for the particle velocity and

position as a function of time.

In what follows, all of the comments made in reference to RAMSES and GADGET-II can be found

in Teyssier (2002) and Springel (2005) respectively.

Step 1: Computing the mesh density

The density of a given cell {i, j, k} in the mesh grid is computed using the Cloud-in-Cell interpolation

technique originally developed by Hockney & Eastwood (1981):

ρijk =
1

∆x∆y∆z

�

p

mpW (�rp − �rijk). (2.6)

The weighting function W (�rp − �rijk) represents the fraction of the p
th particle’s mass mp, located

at �rp, that contributes to the density of cell {i, j, k}. In 3D, the weighting function is given by:

W (�rp − �rijk) =

� z+∆z/2

z−∆z/2

� y+∆y/2

y−∆y/2

� x+∆x/2

x−∆x/2
S(xp − x

�)S(yp − y
�)S(zp − z

�) dx� dy� dz�, (2.7)

where {x, y, z} denotes the three Cartesian components of cell {i, j, k} and ∆x,∆y and ∆z refer to

the size of cell {i, j, k} along each dimension. S(x) is the particle shape function, which controls
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the fraction of particle p’s mass that is assigned to location �rijk. In the Cloud-in-Cell scheme, the

shape function has the following form:

S(x) =
1

∆x






1 if |x| < 1
2∆x

0 otherwise.

(2.8)

According to equation (2.8), each particle can be thought of having an associated ‘cloud’ volume

of ∆x∆y∆z. If the centre of cell {i, j, k} lies within particle p’s cloud, then p’s mass is averaged

over the cell. The sum in equation (2.6) in GADGET-II is hence performed over all particle clouds

containing the centre of cell {i, j, k}, whereas in RAMSES it is performed by looping over particles

within the same oct at the same tree node. It is also possible that particle clouds at the previous

coarser tree node cross into the finer oct, and so these particle contributions are included by

RAMSES in the density computation too.

Step 2: Estimating the gravitational potential on the mesh

With an estimate of the density in each grid cell, the gravitational potential can now be found. Both

RAMSES and GADGET-II (for large scales) adopt the discrete Fast Fourier Transform technique

to compute the potential, as described by Hockney & Eastwood (1981). The potential in real-

space φ(�x) is expressed as a convolution of the real-space mesh density field ρ(�x) and a real-space

Green’s function for the potential G(�x). By taking Fourier transforms and applying the convolution

theorem, it follows that φ(�k) = G(�k)ρ(�k). The computation of the potential is hence reduced to

a simple multiplication and is performed in Fourier-space, and the real-space potential φ(�x) is

subsequently obtained by taking the inverse Fourier transform of φ(�k).

In order to achieve a higher level of accuracy, RAMSES replaces the Laplacian by its 2Nd + 1

point finite difference approximation, where Nd is the number of dimensions. In 1D, equation (2.5)

becomes:

φi+1 − 2φi + φi−1 = 4πGρi(∆x)2, (2.9)

where ∆x denotes the grid spacing. The Fourier transform of Equation (2.9) yields:

[exp(ik∆x)− 2 + exp(−ik∆x)]φ(k) = −4sin2
�
k∆x

2

�
φ(k) = 4πGρ(k)(∆x)2, (2.10)
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and so it follows that the expression for G(k) in 1D is:

G(k) = − (∆x)2πG

sin2 (k∆x/2)
, (2.11)

where k = |�k|. The Fast Fourier Transform technique cannot be used for the more refined levels

of the grid because the grid is no longer regular (octs can contain child octs which themselves can

contain further child octs etc). Equation (2.5) is hence solved using the Gauss–Seidel successive

over-relaxation method for cells at higher levels of refinement than the coarse grid. Each Cartesian

component of the �∇2 operator,
�

∂2

∂x2 ,
∂2

∂y2 ,
∂2

∂z2

�
, is represented by its second-order central difference

Taylor series approximation, and so the solution to equation (2.5) for the potential at site {i, j, k}

in a cube reduces to:

φ
n+1
ijk =

1

6

�
φ
n
i+1,j,k + φ

n
i−1,j,k + φ

n
i,j+1,k + φ

n
i,j−1,k + φ

n
i,j,k+1 + φ

n
i,j,k−1 − (∆x)24πGρijk

�
, (2.12)

where the index n is an iterative index and an equal grid spacing of ∆x has been assumed (note

that the subscript k in equation 2.12 should not be mistaken for a Fourier mode). The value of

φ
n+1
ijk is subsequently corrected to a new value by use of the over-relaxation method:

φ
n+1
ijk = αφ

n
ijk + (1− α)φn+1

ijk . (2.13)

The parameter α is approximated by the Press et al. (1992) expression:

α =
2

1 + β
π
N

, (2.14)

where N is the number of cells along each dimension of the grid and β is a parameter whose

optimum value depends on the choice of boundary conditions. The rate of convergence of equation

(2.13) is sensitive to the initial choice of φ at a given site, φ0
ijk. RAMSES approximates φ0

ijk at � to

the converged value at �− 1.

The major disadvantage of the Particle Mesh method is that the accuracy of the force com-

putation (described in the next subsection) is determined by the scale of the mesh, which is kept

suitably large for quick application of the Fast Fourier Transform, rendering it unsuitable for small

scale force calculations (Bouchet & Kandrup, 1985; Efstathiou et al., 1985; Bagla & Padmanabhan,

1997). GADGET-II therefore implements a scale-dependent scheme for computing φ(�k): on large
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scales the Particle Mesh technique is employed, but on smaller scales a tree code is used to resolve

the particle distribution (Quinn et al., 1997). The gravitational potential in Fourier-space is hence

decomposed into a long range φl(�k) and a short range φs(�k) component (e.g. Bode et al. 2000,

Bagla 2002) using G(�k) = −4πG/(�k · �k) (this Green’s function is also sometimes used in RAMSES

for the coarse grid), which is found by applying the mapping �∇ → −i�k to equation (2.5):

φ(�k) =
−4πGρ(�k)

k2

=
−4πGρ(�k)

k2
exp (−k

2
r
2
s)−

4πGρ(�k)

k2

�
1− exp (−k

2
r
2
s)
�

= φl(�k) + φs(�k), (2.15)

where:

φl(�k) = −4πGρ(�k)

k2
exp (−k

2
r
2
s) = φ(�k) exp (−k

2
r
2
s) (2.16)

φs(�k) = −4πGρ(�k)

k2

�
1− exp (−k

2
r
2
s)
�
= φ(�k)

�
1− exp (−k

2
r
2
s)
�
, (2.17)

and k = |�k|. A scalelength rs that separates the short and long scale regimes is therefore introduced.

GADGET-II uses the Particle Mesh technique (which is adopted for all scales in the RAMSES code)

to compute the force on scales r > rs. As discussed in Springel (2005), the long range component

φl(�k) for each particle is found by solving the Poisson equation for φ(�k) and using the expression

in equation (2.16). By contrast, the short range force Fs(r) as a function of distance r from a given

particle at location �rp has a direct analytic solution in real-space, and is computed using the particle

tree approximation. By plotting both Fs(r) and the total force Ft(r) as a function of r, Bagla &

Ray (2003) showed that masses further than �5rs from �rp contribute less than 1% of Ft(r � 5rs).

The short range force computation in GADGET-II is hence performed over neighbouring cells within

a sphere of radius �5rs centred at �rp. Neighbouring cells of size Lj within 5rs at distance rj from �rp

are considered, and the following cell acceptance criterion (CAC) is enforced for the jth neighbour:

rj >
Lj

θ
, (2.18)

where θ is free parameter that determines the desired accuracy of the force computation. If equation

(2.18) is satisfied, then cell j, which may contain several particles, is sufficiently far away that all
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of its mass is assumed to act at a point (cell centre of mass), whereas it is further subdivided into a

child oct if equation (2.18) is not satisfied. The cell subdivision process can, in principle, continue

until each particle occupies its own cell, marking the end nodes of the tree mesh. The choice of

the cell acceptance criterion varies in the literature (Barnes & Hut, 1986; Salmon & Warren, 1994;

Springel et al., 2001a), but in all cases the number of particle contributions is far lower than the

number of particles in the simulation.

The tree hence reduces the error � in the total force computation for a given particle to � < 2%

(Springel, 2005), and for the smallest r where direct summation over individual particles is per-

formed, the error is zero (e.g. Bagla 2002). The disadvantage of the tree algorithm is that the

normalization of its Nplog10(Np) scaling, where Np is the number of particles, is a factor of 10–50

larger than that of the Particle Mesh code (e.g. Bode & Ostriker 2003), and so the tree method is

a factor of 10–50 slower (Hernquist, 1987).

Step 3: Computing forces on the mesh and interpolating them to particle positions

The force computation on short scales in GADGET-II is performed in real-space, and so no inter-

polation to real-space particle positions is required. The acceleration �aijk (and hence the force)

at a given site on the mesh in RAMSES and on large scales in GADGET-II is computed via the

relation �aijk = −�∇φijk. RAMSES uses a five-point finite difference representation of �∇ with an

error of O(∆x)5, whereas GADGET-II adopts a four-point scheme with an error of O(∆x)4. The

force vector �F (�rp) on a particle at position �rp is then computed using an inverse Cloud-in-Cell

scheme with the same interpolation kernel used for the density computation in equation (2.6):

�F (�rp) =
�

ijk

W (�rp − �rijk)�Fijk. (2.19)

Step 4: Following the particles across time

RAMSES uses a three stage ‘kick-drift-kick’ leapfrog integrator (Quinn et al., 1997) of the form

K(∆t/2)D(∆t)K(∆t/2) to solve equations (2.3) and (2.4). The ‘kick’ step updates the particle

velocity over a given time interval while holding the positions constant, and the ‘drift’ step does
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the reverse. The K(∆t/2)D(∆t)K(∆t/2) method is a shorthand for the following set of equations:

�v
n+1/2
i = �v

n
i − �∇φ

n∆t
n
/2 (2.20)

�x
n+1
i = �x

n
i + �v

n+1/2
i ∆t

n (2.21)

�v
n+1
i = �v

n+1/2
i − �∇φ

n+1∆t
n
/2, (2.22)

where the time index for the i
th particle is given by the superscript n. It hence appears that

the Poisson equation has to be integrated twice: once at t
n in equation (2.20) and once at t

n+1

in equation (2.22). RAMSES avoids the Poisson-solver call at t
n+1 by waiting until tn+1 before

updating �v
n+1
i . As is further presented in Teyssier (2002), RAMSES also offers two schemes for

choosing the time interval ∆t. The first uses the same time ∆t for all particles, with the advantage

that ∆t can be chosen to be the smallest required interval for all levels of refinement. Although

accurate, this leapfrog integration is a slow computation and is unnecessarily inefficient in regions

of low refinement level. The second scheme therefore adopts an individual time interval for each

refinement level. This �-based adaptive time sequencing algorithm (discussed in Section 2.1.1) is

clearly less accurate than the single interval approach, but is quicker. The NUT simulation in this

study uses both time sampling routines: the fixed time interval method is used for 7 ≤ � ≤ 10 and

the quicker �-based method is used for � > 10.

GADGET-II adopts the KDK leapfrog integrator for large-scale force computations, and a series

of KDK operations with varying time intervals for the small scale forces. It also offers an adaptive

time-sequencing scheme for short range force computations that yields individual time intervals ∆t

for each particle depending on their accelerations �a:

∆t = min

�
∆tmax,

�
2η�

|�a|

�1/2
�
, (2.23)

where η represents a chosen level of accuracy, � is the gravitational softening scale and ∆tmax is

a maximum upper time-step limit imposed for large-scale force computations. Each particle ∆t

from equation (2.23) is then grouped into discrete time intervals ∆tj according to a power-of-two

integer scaling between the number Nj of particle time intervals and the coarsest time interval

∆tc: ∆tj = ∆tc/2Nj (Hernquist & Katz, 1989). This time sequencing system, which is used

in the HORIZON simulation in this thesis, hence assigns several small time intervals to particles

that experience large accelerations on small scales per larger time interval for particles with low
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accelerations on large scales.

The particle trajectories within the HORIZON and NUT simulations can hence be tracked as a

function of time. The next task is to compute the properties of gas over a range of scales. All of

the hydrodynamics in this thesis have been modelled using the RAMSES code, and so no further

discussion of GADGET-II beyond the N -body schemes presented in this section is provided.

2.1.4 Solving the time evolution of the gas flow variables

RAMSES solves the Euler equations in order to estimate the time evolution of the gas density ρ,

momentum density ρ�u and energy density ρe within a given cell:

∂ρ

∂t
+ �∇ · ρ�u = 0

∂(ρ�u)

∂t
+ �∇ · (ρ�u⊗ �u) + �∇p = −ρ�∇φ

∂(ρe)

∂t
+ �∇ · [�u(ρe+ p)] = −ρ�u · �∇φ. (2.24)

The variables u and e refer to the velocity and total specific energy (thermal plus kinetic) of the fluid

respectively. In the RAMSES code, the gas pressure p and density ρ are related by the following

equation of state for an ideal gas with adiabatic index γ, specific internal energy eint and total

specific energy e:

p = (γ − 1)ρeint, (2.25)

where:

eint = e− 1

2
|�u|2 . (2.26)

Note that equations (2.24) cannot be expressed in conservative form in the presence of a gravita-

tional potential φ as spatial fluctuations in φ act as source gravity terms, and so momentum and

energy density are not conserved at the level of floating point precision (but errors are only at the

percent level). Discontinuities at cell boundaries in the solutions to equations (2.24) can exist (e.g.

the Sod shock tube problem), and such discontinuities for conservative fluids fall under the class of

Riemann problems. There are many Riemann solvers that are able to solve problems of this nature

(e.g. Godunov & Ryabenki 1964, Roe 1981) and in the NUT simulation the HLLC solver is used

(e.g. Toro 2009).
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Equations (2.24) can be written in the form of an advection equation with a source term �S:

∂�U

∂t
+ �∇ · �F = �S, where: (2.27)

�U =





ρ

ρ�u

ρe




, �F =





ρ�u

[ρ�u⊗ �u+ p1]

�u(ρe+ p)




, �S =





0

−ρ�∇φ

−ρ�u · �∇φ




, (2.28)

and 1 is the 3× 3 identity matrix. The solution to equation (2.27) along a given dimension is:

U
n+1
i = U

n
i − ∆t

∆x

�
F

n+1/2
i+1/2 − F

n+1/2
i−1/2

�
+ S

n+1/2
i ∆t, (2.29)

where n represents the time index, i± 1/2 refers to the boundary either side of the centre of cell i

that is shared with neighbouring cells i± 1, and:

F
n+1/2
i+1/2 =

1

∆t

� tn+1

tn
F (xi+1/2, t) dt (2.30)

S
n+1/2
i = −

�
0,

ρ
n
i
�∇φ

n
i + ρ

n+1
i

�∇φ
n+1
i

2
,
(ρ�u)ni · �∇φ

n
i + (ρ�u)n+1

i · �∇φ
n+1
i

2

�
. (2.31)

The mid-interval components S
n+1/2
i are hence arithmetic averages of the source terms at t

n and

t
n+1. The solution to equation (2.30) is computed in RAMSES by using a second-order Godunov

scheme as described in Toro (2009).

2.1.5 Modelling stellar processes

The remainder of the first section of this chapter introduces the high resolution NUT suite run that

has been analyzed in this thesis to track the evolution of gas flow onto a Milky Way type disk.

The NUT simulation includes stars and so this subsection provides a discussion of the prescriptions

used for modelling star formation, which are described in detail by Rasera & Teyssier (2006) and

Dubois & Teyssier (2008), and are briefly summarized by Powell et al. (2011).

Star formation

The gas in a cell can cool to temperatures T ∼ 104K via bremsstrahlung radiation (effective until

T ∼ 106K), and via collisional and ionization excitation followed by recombination (dominant for
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104 ≤ T/K ≤ 106). Further cooling to molecular cloud temperatures of ∼1K occurs via metal line

emission, and once the gas is sufficiently dense (i.e. ρ > ρ0, where ρ0 is a density threshold and is

chosen to represent the density of the interstellar medium, hereafter ISM) star formation naturally

ensues, a process which is modelled by a Schmidt law (Schmidt, 1959):

dρ�
dt

= − ρ

t�
. (2.32)

The star formation timescale t� is given by:

t� = t0

�
ρ

ρ0

�− 1

2

, (2.33)

and is hence proportional to the local free-fall timescale. The two free parameters in this model—ρ0

and t0—are very poorly constrained by observations and are both scale-dependent (e.g. Krumholz

& Tan 2007). In the NUT suite, the choice of value assigned to t0 depends on the star formation

efficiency � (i.e. the fraction of gas mass of a given star-forming gas cloud that ends up in the stellar

phase per free-fall time), and ρ0. For the NUT outputs analyzed in this thesis, which correspond

to a resolved physical scale of 12 pc, the efficiency parameter � is fixed at 1% per free-fall time

in concordance with observations (Krumholz & Tan, 2007), and ρ0 is chosen to be equal to 400

hydrogen atoms per cubic centimetre. This choice of parameters yields t0 of a few Myrs. If the

Jean’s scale λJ is close to or below the minimum resolved physical scale ∆xmin of the simulation,

it is possible that gas clouds artificially fragment, leading to artificial star formation. Therefore,

when in excess of the ISM density ρ0, the gas is forced to follow a polytropic equation of state of

the form:

T = T0

�
ρ

ρ0

�γ−1

, (2.34)

where T0 = 100K. This choice of parameter values ensures that λJ > ∆xmin, and setting γ = 4/3

provides a sufficiently high source of outward pressure support to prevent the gas in the cell from

collapsing under its own gravity at scales of the order ∆xmin. The number of stellar particles that

form in a cell whose gas is sufficiently cool and dense is a randomly chosen sample from a Poisson

distribution:

P (N |λ) = λ
N exp(−λ)

N !
, (2.35)
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where the mean of the distribution λ is given by:

λ =

�
ρ(∆x)3

m�,min

�
∆t

t�
, (2.36)

and ∆x and ∆t are respectively the cubic cell length and time-step interval at the relevant level

of refinement. The minimum stellar mass m�,min depends on parameters that account for mass

loss via supernovae explosions, and so a more detailed discussion is postponed until the following

subsection. In order to prevent an overproduction of stellar particles in a given cell, all of the N

newly formed stellar particles are merged into a single particle of mass m� = Nm�,min. A maximum

mass of 0.9Mg (where Mg is the gas mass) in a cell is allowed to form stars during a given time-step

interval, as fractions in excess of this lead to numerical instabilities.

Supernovae feedback

Even though the NUT suite runs that include the local heating and injection of metals into the

ISM via stellar explosions are not examined in this thesis, the value of m�,min in equation (2.36)

is set by the parameters that define the supernovae feedback model and hence a brief description

of this model is now provided. Each singly fused stellar particle in the NUT suite is guaranteed to

undergo a supernova phase 10Myr after its creation, corresponding to the typical main sequence

lifetime of a Type-II supernova progenitor of mass 10M⊙ (e.g. Ostlie & Carroll 2007). In so doing,

a certain fraction of the stellar mass, characterized by ηSN, is recycled via supernovae explosions

into the ISM. The resultant supernova Sedov shock also transports some of the mass surrounding

the stellar particle, parametrized by ηW, into the ISM on scales below the minimum cell width

∆xmin (which corresponds to the resolution limit). A gas cloud of mass Mg forming stars is hence

assumed to distribute its mass as follows:

Mg = m�(1 + ηSN + ηW), (2.37)

where m� represents the mass that permanently belongs to the stars. It follows that m�,min in

equation (2.36) is given by:

m�,min =
ρ0(∆xmin)3

1 + ηSN + ηW
, (2.38)
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yielding m�,min ∼ 2 × 104M⊙ for the ∆xmin = 12pc CO run, where ηSN and ηW are both zero.

Stellar particles in the ∆xmin = 12pc NUT suite are therefore stellar clumps of up to several

thousand stars. The value of ηSN in the supernovae feedback runs is found by truncating the

Salpeter initial mass function between 0.1M⊙ and 100M⊙ and computing the fraction of stars

whose mass lies above the minimum progenitor mass threshold for a Type-II supernova to occur

(∼8M⊙), corresponding to ηSN ∼ 0.1. The free parameter ηW is set by imposing the condition that

angular momentum is conserved pre- and post- the Sedov blast-wave phase, yielding ηW ∼ 1. This

choice of ηW hence implies that the amount of gas surrounding the stellar particle that is eventually

entrained by the blast wave, is equal to the mass permanently locked up within the stellar particle,

and that this entrained mass originally belonged to the stellar particle before the supernovae phase.

The total energy ET released by the supernova of the stellar particle that couples to the ISM

with efficiency ηSN is:

ET = ηSN
m�

Mpro
ESN, (2.39)

where ESN is the energy expelled by a single stellar supernova andMpro is the mass of the progenitor

of each star. For a stellar particle progenitor of mass Mpro = 10M⊙ that undergoes a Type-II

supernova, ESN ∼ 1051 erg (e.g. Ostlie & Carroll 2007). Half of the ejecta energy ET in equation

(2.39) is thermal and heats the local ISM and the other half is kinetic and drives the expansion of

the Sedov shock through the ISM.

2.1.6 Resimulation techniques

The NUT suite simulations have adopted the ‘resimulation’ technique, also known as the ‘zoom’

technique. Following Navarro et al. (1995a), the aim of this method is to locate a region of interest

within a simulation volume and harness most of the available computer power into that region.

Usually a dark-matter-only simulation is run with initial conditions generated using a standard

package (e.g. MPgrafic, Prunet et al. 2008) to aid selection of the region of interest. Haloes and

subhaloes within the simulation grow with time until the simulation is ended at some truncation

redshift zt, and for the purpose of illustration, it is assumed in the following that zt = 0. A target

at zt is then chosen—perhaps a Milky Way type halo H as in the NUT suite (Kimm et al., 2011;

Powell et al., 2011). All of the member particles within H at zt are then tagged and tracked back

to the initial time-step of the simulation. The challenge is to define a fixed comoving box to be

used in the full resimulation run that encloses all of the low mass particles belonging to H across
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its evolution, and that excludes the higher mass ‘contamination’ particles. In order to achieve this,

the centre of mass of the member particles (identified at zt) is computed for a collection of time-

steps, whose interval spacing is chosen by the user. Note that this is more reliable than choosing a

box defined at just a single time-step, as this approach is not sensitive to possible halo migration

outside the box as the system evolves. The distance of the furthest zt-identified member particle

from the new centre of mass of the zt-identified member particles is then used to define a candidate

box for each sample time-step. The minimum lower left corner and maximum upper right corner

of all the boxes are then found, and these coordinates define a preliminary comoving resimulation

box. The sidelength of this box is then multiplied by a ‘buffer’ value N (Tormen et al., 1997) in

order to damp the discontinuities in mass between the resimulation particles and the contamination

particles that are not included in the resimulation box. In the NUT simulations, the scaling of this

region is N ∼ 3. The adaptive mesh is then imprinted on the resimulation volume (which fully

encloses the object of interest) and the entire simulation cube (containing both the contaminated

and resimulated regions) is simulated with a much coarser sampling than used in the resimulation

volume, so as to correctly account for the effects of gravity on large scales.

2.2 Dark matter halo and subhalo finding algorithms

Outputs from galaxy simulations contain information on the distribution of dark matter particles

at any given epoch, which is completely determined by solving equations (2.3), (2.4) and (2.5).

This distribution exists in a six dimensional phase-space, with three spatial and three velocity com-

ponents per dark matter particle. It is hence the goal of any halo-finder to resolve this distribution

into a collection of gravitationally bound objects called haloes and subhaloes, at each epoch (e.g.

Knebe et al. 2011). Once these objects have been defined, it is possible to track their constituent

particle positions back to earlier epochs, and these particle trajectories trace out a merger tree for

every halo and subhalo in the simulation.

2.2.1 Resolving dark matter haloes

Despite recent claims that 3D halo-finders systematically underestimate the mass of detected haloes

compared with 6D halo-finders (Maciejewski et al., 2009), the latter, more sophisticated algorithms

are few in number (6DFOF: Diemand et al. 2006; HSF:Maciejewski et al. 2009; ROCKSTAR: Behroozi

et al. 2011) and are very much in their infancy, and are hence avoided in this thesis.
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The friends-of-friends algorithm

Perhaps the most popular 3D (spatial) halo-finder is the friends-of-friends (hereafter FOF) method

(Davis et al., 1985), which groups together particles that are spatially separated by a distance that

is a fraction b of the mean inter-particle separation (b is usually 0.2). Unfortunately, the FOF

algorithm has several flaws:

• It is prone to halo-loss for haloes whose mass is near the widely accepted 20Mp threshold.

Tweed et al. (2009) have shown that a non-negligible fraction of FOF haloes whose mass

satisfies M ≤ 30Mp pass below the threshold at the subsequent time-step, and concluded

that at least 40 particles are needed to reduce the halo-loss rate to the percent level.

• It cannot consistently resolve substructure.

One might think that subhaloes could be found by reducing the linking length b (Klypin et al.,

1999a). However, as argued by Tweed et al. (2009), there is no obvious choice of fixed value

for this free parameter that is guaranteed to distinguish all levels of structure. The value of

b required to resolve the sub-subhalo of halo H1, for example, may be completely different

from that required to resolve the sub-subhalo of H2, simply because H1 and H2 could have

different merger histories and formation epochs.

• It significantly overestimates the halo merger rate for haloes that are about to merge (Genel

et al., 2009; Hopkins et al., 2010).

A more sophisticated algorithm is hence required.

The AdaptaHOP method

Throughout this work the halo-finder of choice is the AdaptaHOP algorithm, hereafter AHOP

(Aubert et al., 2004). The basic idea behind AHOP is to identify peaks in the density field and

saddle points between surfaces joining these peaks, and to use the density at the saddle points to

create a ‘node-tree’. Haloes and subhaloes represent certain trajectories from the base node to the

leaves of this tree. Following Aubert et al. (2004), there are three core steps to the AHOP method:

• Assign a density estimate to each dark matter particle.
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To compute the density of particle j, its NSPH neighbours are found, with each neighbour

donating a fraction of its mass to j according to the SPH cubic spline kernel (Monaghan &

Lattanzio, 1985):

WC(x;R) =
8

πR3






1− 6 (x/R)2 + 6 (x/R)3 if 0 ≤ x/R ≤ 1
2

2 (1− x/R)3 if 1
2 < x/R ≤ 1

0 if x/R > 1,

(2.40)

where x represents the distance of the neighbour from j, and R is the smoothing scale of the

window function. The number of neighbours NSPH that contribute to the density estimate

at a given location is a free parameter and is usually fixed to a few tens (Eisenstein & Hut,

1998). The distance to the furthest of the NSPH neighbours determines the value of R.

• Impose a minimum density threshold ρt on all of the SPH particles and find local density

maxima throughout the entire density field.

The value assigned to ρt at each epoch is ∼80ρc (where ρc is the critical density of the

Universe) as this roughly corresponds to a FOF linking length of b = 0.2 (Eisenstein & Hut,

1998). Each particle is then associated with its nearest density maximum.

• Compute the node-tree.

Fig. 2.1, taken from Tweed et al. (2009), illustrates the concept of the node-tree. A node is

defined as a region containing particles whose density is between a lower and upper limit,

and it can contain several local density maxima. Each density maximum has an associated

surface, and saddle points between the overlapping surfaces of the density maxima are found.

Each node can therefore contain several density maxima connected by several saddle points.

The densities at these saddle points then set the subsequent upper density threshold barriers.

For example, node 1 in Fig. 2.1 contains particles with densities above ρt and below ρ23, where

ρ23 is the density of the lowest saddle point above ρt. Particles with ρt ≤ ρ ≤ ρ23 are then

distributed to their nearest density maximum, and in this example, there are two maxima.

The ρ23 barrier therefore splits node 1 into two separates nodes, 2 and 3, with the density at

the saddle point of node 3 being higher than that at node 2 (hence the number ordering). The

process is then repeated for nodes 2 and 3 (i.e. the higher density saddle points are found)
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algorithm (as well as that of many others that we listed earlier)
which can roughly be summarised by the following steps (see
Appendix B of Aubert et al. 2004, for details):

1. For each particle in the N-body simulation, find the n closest
neighbours using your favourite oct-tree algorithm (n has a
typical value comprised between 20 and 64, we use 20 in this
paper). The density ρi, associated to particle i of mass mi is
then computed using the following equation:

ρi =
Vbox

Vr


mi +

n�

1

m j ∗ spline
�ri j

r

� (1)

here m j is the mass of particle j (one of i’s n closest neigh-
bours), ri j is the distance between particles i and j, and
r = 0.5 × max(ri j, j ∈ {1, n}) is the SPH smoothing length
for particle j. Vbox and Vr are the volumes of the simula-
tion box and of a sphere of radius r respectively, so their
ratio yields the normalisation of the density across the box.
The spline function is the well-known Smoothed Particle
Hydrodynamics (SPH) kernel:

spline(x) = 1 − (3/2)x2 + (3/4)x3 for 0 < x ≤ 1
spline(x) = (1/4)(2− x)3 for 1 < x ≤ 2
spline(x) = 0 for 2 < x.

2. Walking from particle to particle, identify local maxima
throughout the density field. Apply a first density threshold
ρt = 80 (which roughly corresponds to b = 0.2 used as stan-
dard by the FOF algorithm) to all particles, and link parti-
cles with a density above ρt to their closest local maximum.
These groups of particles are defined as (sub)structures.

3. Identify saddle points in the density field between these
groups. Use these saddle points to create branches connect-
ing maxima together, in order to build a structure tree i.e. a
hierarchy of nodes where each node contains a collection of
particles whose associated density is enclosed between two
values. The lowest value is the density threshold used to cre-
ate the first node; the highest is the density associated to the
lowest saddle point (if any) detected inside it. The lowest
(“first”) level nodes are created by linking groups together
whose saddle point is above the first threshold ρt. The node
structure tree is then created by sorting groups in ascending
order according to the value of the density associated with
their saddle points.

This last item is best explained by Fig. 1 where the nodes are
represented by an ellipse, and sorted according to their order of
creation. The arrows represent how nodes are linked to one an-
other: the first node to be created in this example is node 1, with
all its particles having a density higher than ρt; then the lowest
saddle point density is ρ23 which separate nodes 2 and 3. The
particles of node 1, whose density is greater than ρ23 are then
split between node 2 and node 3 depending on how close they
are from the density maxima of these 2 nodes. The same proce-
dure is then repeated to create nodes 4 and 5 from node 3 using
a new density threshold ρ45. This eventually leads to defining
nodes 5, 6, 7, 8, 9 as substructures or “leaves” because their par-
ticles cannot be cannot be split anymore between higher level
nodes.

Whereas we can logically define a AdaptaHOP halo as the
collapsed node structure tree corresponding to a group of par-
ticles above the ρt density threshold, its decomposition into a
main halo and a collection of subhaloes is more tricky. The main
problem lies in the fact that nodes are not in general associated
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Fig. 1. Example of a node structure tree as computed with AdaptaHOP.
Ellipses are nodes. The arrows show relationship between nodes. In a
branch of the tree two levels are separated by a saddle point (indicated
by a dashed line) in the density profile. Leaves in the node structure
tree are shown in grey. More massive leaves are represented by larger
circles. Density of nodes decreases from top to bottom.

with physical objects. Only end-of-chain nodes, i.e. leaves, have
a physical meaning, so we have to re-arrange the node structure
tree in order to build the main halo and the subhaloes. We tackle
this issue in the next subsection (subhalo detection).

2.2. Dark matter subhalo detection: one step methods

These last remarks naturally lead us to address the issue of sub-
structure identification, i.e. the detection of subhaloes within
haloes as well as subhaloes within subhaloes. The main prob-
lem we are faced with concerns the node structure built with
AdaptaHOP and described at the very beginning of the previous
section: nodes are not in general associated with physical ob-
jects. Only the end-of-chain nodes, i.e. the leaves, have a physi-
cal meaning as they are the only true local density maxima in the
density profile of their host halo. Since we need to define physi-
cal objects as subhaloes, a method is needed to create a tree com-
prised of a main halo and its subhaloes from the node structure
tree computed by AdaptaHOP. We propose several such meth-
ods in this section, and compare/contrast their advantages and
disadvantages in the next (Merger Histories).

The obvious choice would be to define as subhaloes all the
leaves in the node structure tree. Still referring to the example
shown in Fig. 1, this means that we would define nodes 5, 6,
7, 8, 9 as subhaloes (shown in grey in this figure) and associate
nodes 1, 2, 3 and 4 (in white) to the main halo. However, this
method is not very satisfying because it leads to the loss of the
hierarchy of subhaloes: we would be left with only 2 levels of
structures, making it impossible to account for the presence of a
subhalo within another subhalo. Moreover not all density max-
ima can be defined as subhaloes, as one naturally expects the
main halo itself to be centered on a density maximum.

For this reason, one is forced to lay down two simple, intu-
itive rules to build a halo tree:

1. the main halo and each of the subhaloes of the halo tree must
contain one unique leaf from the node structure tree;

2. the hierarchy between nodes of the node structure tree must
be turned into a hierarchy of halo, subhaloes, sub-subhaloes
etc. i.e. when a node contains two leaves, one of the leaves

Figure 2.1: A schematic illustrating the node-tree structure, taken from Tweed et al. (2009). Each
node is numbered according to the density at its saddle point: node 1 has the lowest saddle point
density, whilst 9 has the highest. Only nodes 5, 6, 7, 8 and 9 have physical meaning as they represent
the location of the density peaks, and form the ‘leaves’ of the tree. The bigger the leaf circle, the
more massive the leaf.

until the highest density peaks with no more saddle points have been reached, defining the

leaves of the node-tree.

2.2.2 Resolving the substructure

With the leaves of the node-tree resolved for a given base node, the task now is to associate each

leaf with a certain level of structure, i.e. decide which leaf is the host halo, which leaves are the

subhaloes of the host, and whether there are any sub-subhaloes etc. The algorithm used in this

thesis to address these issues is the ‘Most massive Sub-node Method’ (Tweed et al., 2009), hereafter

MSM. For each base node the chain of nodes that leads to the most massive leaf is found, and this

chain denotes the host halo. In Fig. 2.1, the host is given by the chain 1 → 2 → 7 because node 7

is the most massive leaf. A wall is then drawn around nodes 1, 2 and 7, and the connections from

nodes 1 and 2 are cut. The second most massive leaf, leaf 8, is next considered. Its chain is given

by 1 → 3 → 4 → 8 but because connections from node 1 have been cut, this reduces to 3 → 4 → 8,

forming a subhalo of halo 1 → 2 → 7. A wall is then drawn around nodes 3, 4 and 8 and the

connections from nodes 3 and 4 are cut. Leaf 6 is also a subhalo of 1 → 2 → 7, whereas leaves 5

and 9 are subhaloes of subhalo 3 → 4 → 8, since links to nodes 3 and 4 have been cut. The various
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levels of structure are hence defined. Note that the MSM method is not the only possible way of

resolving structure from the node-tree. Suppose the order of selection of the leaves is performed

according to density rather than mass. The densest leaf, leaf 8, would be considered first, defining

the main halo 1 → 3 → 4 → 8. Following the above procedure, 9, 5 and 2 → 7 would be subhaloes

of 1 → 3 → 4 → 8, and 6 would be a sub-subhalo of 1 → 3 → 4 → 8. This ‘Densest Profile Method’

therefore yields a different ordering of structure compared with the MSM ordering (3 subhaloes and

1 sub-subhalo for the former vs 2 subhaloes and 2 sub-subhaloes for the latter, and different host

haloes). This example illustrates that the most massive leaf is not necessarily the most dense, and

if this is the case the two methods will always resolve different structure hierarchies. The MSM

algorithm is chosen in this thesis, however, as Tweed et al. (2009) have found that the Densest

Profile Method, unlike the MSM routine, can predict subhaloes to have higher masses than their

host haloes, which is unphysical.

At various stages throughout this thesis, reference will be made to the AHOP halo: this refers

to the combined mass of all the leaves of each resolved base node (i.e.
�i=9

i=5mi in Fig. 2.1). The

MSM halo, by contrast, refers to the host halo 1 → 2 → 7 and by construction its mass is lower

than the mass of its AHOP counterpart, with the mass difference shared amongst higher levels of

MSM-resolved substructure.

2.2.3 Constructing the merger tree

Once a halo or a subhalo at a given time-step tn has been identified, its constituent particles are

known. The next step is to link haloes and subhaloes at different time-steps and follow a given

(sub)halo’s merger tree. The TreeMaker code (Tweed et al., 2009) is used in this thesis to follow

the trajectories of each particle across time. Suppose that a halo H at time-step tn contains 40

dark matter particles. Each of these particles is traced back to the earlier time-step tn−1. Every

unique (sub)halo containing at least one of these 40 particles is recorded as a ‘father’ progenitor of

H and so it is possible for H to have several fathers. Note that it is also possible that a particle is

not traced to a halo or a subhalo at tn−1: instead it may belong to the set of ‘background’ particles,

which are not bound to any resolved structure (e.g. tidally-stripped material from a merger event).

The fathers of all the fathers of H are then examined and the same process is repeated. The

particles belonging to H can also be traced forward in time to time-step tn+1, and their owners

are tagged as descendent ‘sons’. Halo H may therefore have several sons. This tracking of particle
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trajectories across time in the direction of both the sons and the fathers is a key feature of the

accretion algorithm presented in the following chapter as it guarantees mass conservation.

2.3 A simulation specification overview

Having explained the basic models and techniques encoded into the simulations, this chapter con-

cludes with a summary of the technical specifications of the simulation runs analyzed in this thesis.

2.3.1 The HORIZON simulation

The dark-matter-only HORIZON simulation used to examine accretion onto haloes and subhaloes

contains 5123 dark matter particles within a box of comoving side length 100h−1Mpc in a ΛCDM

universe. Haloes and subhaloes form in a universe described by the Eisenstein & Hu (1999) matter

transfer function and a WMAP3 cosmology (Spergel et al., 2007), where ΩM = 0.24,ΩΛ = 0.76,

Ωb = 0.042, n = 0.958, h = 0.73 and σ8 = 0.77. The time-steps are separated by 0.01 in scale factor

from z = 99 to the present day, but analysis is restricted to haloes and subhaloes in the redshift

range 0 ≤ z ≤ 9. The mass of each particle, Mp, is 6.8× 108M⊙ and haloes and subhaloes with a

recorded accretion value contain at least 40 particles. The mass of a (sub)halo used in this study

corresponds to the total mass MT detected by the halo-finder, which is found by summing the mass

of all the tagged (sub)halo member particles. The total mass hence satisfies MT ≥ Mvir, where

Mvir is the (sub)halo’s virial mass. For reference, the MSM algorithm resolves 223 781 objects at

z = 0 and ∼20% of these objects are subhaloes.

2.3.2 The NUT cooling run

One of the NUT simulations has been examined in a quest to understand how a Milky Way type disk

acquires its angular momentum. Following Powell et al. (2011), the NUT suite is a set of ultra-high

resolution simulations that employ a zoom technique (see Section 2.1.6) to resimulate a Milky Way

type galaxy and follow its evolution across redshift in a ΛCDM cosmology. The highest resolution

runs have a physical resolved scale ∆xmin of 0.5 pc but terminate at high redshifts around z = 6

due to computational time restrictions, and so in this thesis the lower resolution ∆xmin = 12pc

outputs are analyzed as they probe redshifts down to z = 3. The NUT simulations have been run

with the adaptive mesh refinement code RAMSES, which incorporates the following physics:
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(i) Epoch of reionization—a spatially uniform, redshift-dependent ultraviolet (UV) background,

instantaneously switched on at z = 8.5 (following the Haardt & Madau 1996 UV model).

(ii) Cooling (a modified version of the Sutherland & Dopita 1993 cooling function) and star

formation.

(iii) Supernovae feedback and hence metal enrichment, which in turn alters the metal cooling

function.

Outputs from the ∆xmin = 12pc cooling run (hereafter CO run) are examined in this thesis, which

include (i) and (ii) with a fixed metallicity of 10−3 Z⊙ (the NUT supernovae feedback runs also

include (iii), but are not considered in this thesis).

The chosen resimulated Milky Way type halo satisfies two conditions. Firstly it is not embedded

in a cluster environment at z = 0, and secondly its present day mass (MH � 5×1011M⊙) is compa-

rable to the threshold mass (MH ∼ 4× 1011M⊙) reported by Ocvirk et al. (2008) below which gas

streams along filamentary structures at low temperatures of T � 2× 104K. The entire simulation

box has a comoving side length of 9h−1Mpc and starts at z = 499, with the initial conditions gen-

erated using the package MPgrafic (Prunet et al., 2008). The resimulation box around the main halo

has a comoving side length of ∼2.7h−1Mpc, and the simulation evolves in a universe of WMAP5

cosmology (Dunkley et al., 2009) with ΩM = 0.258,ΩΛ = 0.742, Ωb = 0.045, σ8 = 0.8 and h = 0.72.

The coarse root grid for the entire simulation has 128 cells along each dimension of the 9h−1Mpc

box, whereas the resimulated region contains three higher resolution nested grids yielding an equiv-

alent particle resolution of 10243 dark matter particles, each with mass MDM = 5.4× 104M⊙. A

quasi-Lagrangian refinement scheme is used to maintain ∆xmin = 12pc in physical coordinates as

the simulation evolves. Higher levels of refinement are spawned once either: a) the baryonic mass

in the cell exceeds 8mSPH (mSPH = 9.4 × 103M⊙) or; b) the number of dark matter particles in

the cell exceeds eight. This scheme therefore strives to achieve a roughly equal gas mass per cell.

The outputs from the NUT CO run were then fed into the MSM algorithm (with an identical

cosmology) in order to detect the haloes, subhaloes, stellar clumps and stellar subclumps at each

time-step. Each resolved halo (stellar clump) object was forced to contain at least 40 (100) particles

to ensure reliable detections. The stellar clump resolution limit was set above the dark halo limit

because the clump-finder identified groups of stars within the disk as being separate from the disk

when lower thresholds were imposed.
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Armed with an understanding of the processes modelled in the HORIZON and NUT simulations,

the following chapters introduce algorithms that have been developed to tackle both of the projects

presented at the end of Chapter 1, and discuss results acquired from their implementation.



Chapter 3

Techniques for measuring mass

accretion onto haloes

The analytical and computational tools that have been used in this thesis to compute the mass

accretion onto haloes and subhaloes across time are now discussed. This serves as the methods

precursor to the following chapter, which presents results obtained from employing these accretion

schemes and addresses the possible dependence of halo and subhalo accretion rates on environment.

The first section of this chapter begins with a discussion of the theory of halo evolution, which

ultimately leads to a prediction of the mass accretion rate onto dark haloes as a function of mass and

redshift. This theory suffers from several limitations, however, with its most significant shortcoming

being that it cannot account for accretion onto substructures embedded in dense environments. The

second section therefore appeals to N -body simulations to resolve this issue, and moves beyonds

the standard theory by presenting an algorithm that computes accretion onto all levels of structure,

be it haloes, subhaloes, sub-subhaloes etc.

3.1 The theory of dark matter halo evolution and accretion

The spherical top-hat model of halo formation was introduced in Section 1.2.1, and it was demon-

strated that this model yields simple estimates of the density contrast of a collapsed spherical

perturbation at its virialization epoch. This section moves beyond these predictions by accounting

for the time evolution of the density perturbations.

56
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3.1.1 Estimating halo masses

By smoothing the initial density field on a scale R, it is possible to compute the mass enclosed

within R. This smoothing process is equivalent to convolving the density field with a window

function W (�x;R) (e.g. Coles & Lucchin 2002; Zentner 2007):

δ(�x;R) =

�
W (|�x− �x

�|;R)δ(�x�) d3x�, (3.1)

with Fourier modes:

δ(�k;R) = W (�k;R)δ(�k). (3.2)

By using equation (1.11), the mass variance σ
2(R) ≡

�
δ
2(�x;R)

�
on scale R reduces to:

σ
2(R) =

� ∞

−∞
∆2(k)|W (k;R)|2 d(ln k). (3.3)

Choice of window function

There are three filters that are frequently used to smooth densities, and their real-space and Fourier-

space expressions are given below, along with their corresponding real-space volumes:

1. Spherical top-hat.

W (�x;R) =

�
4π

3
R

3

�−1

Θ(1− x/R)

W (�k;R) = 3

�
sin(kR)− (kR)cos(kR)

(kR)3

�

V =
4π

3
R

3 (3.4)

2. Gaussian.

W (�x;R) =
�
(2π)3/2R3

�−1
exp

�
− x

2

2R2

�

W (�k;R) = exp

�
−k

2
R

2

2

�

V = (2π)3/2R3 (3.5)
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3. Sharp k-space.

W (�x;R) =
�
6π2

R
3
�−1

3

�
sin(x/R)− (x/R)cos(x/R)

(x/R)3

�

W (�k;R) = Θ(1− kR)

V = 6π2
R

3
, (3.6)

where x = |�x|, k = |�k| and Θ(y) is the Heaviside step function, defined as:

Θ(y) =






1 if y ≥ 0

0 if y < 0.

(3.7)

As argued in several recent reviews (Peacock, 1999; Coles & Lucchin, 2002; Zentner, 2007), it is

useful to define a volume for each window function V as this provides an estimate of the enclosed

mass (M ∝ ρ̄V , where ρ̄ is the mean density of the Universe). Since the window functions above

have units of inverse volume, W is normalized to a dimensionless quantity W
� whose maximum

value is unity, and V is hence defined as:

V ≡
�

W
�(�x;R) d3x (3.8)

=

�
W (�x;R)

W (0;R)
d3x. (3.9)

Each filter has its relative advantages and disadvantages. Following Bond et al. (1991), the spherical

top-hat function has a well-defined mass (M = 4
3πR

3
ρ̄) but yields a smoothed density field in

equation (3.1) that cannot be differentiated with respect to position �x, and also suffers from sharp

transitions in real-space translating to power on all scales in Fourier-space. The Gaussian filter

has a variance which decreases monotonically with R, but has a less well-defined volume. The

sharp k-space filter has the major advantage that a decrease in filter scale in real-space introduces

uncorrelated modes in Fourier-space, a property that is exploited in computing the probability for

a region to collapse under a change in filter scale (which is discussed in the next section). Its

disadvantage is that it is not physical in real-space: W (�x;R) in equation (3.6) is not finite.
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3.1.2 The Press–Schechter (PS) formalism

In the ΛCDM model, σ2(M) → 0 as R → ∞. As the window scale is decreased, one could imagine

that δ(�x;R) becomes sufficiently dense that gravitational collapse into virialized structures takes

place. In Section 1.2.1 it was demonstrated that the spherical top-hat model of halo formation

predicts that δ ∼ 1 at turnaround, implying that a density contrast of order unity will break from

the background expansion and subsequently form a virialized dark matter halo. Press & Schechter

(1974) used the above ideas to make a prediction for the number density of haloes in a certain mass

range at a given epoch. As highlighted by Zentner (2007), the standard theory makes the following

important assumptions:

• the density field δ(�x;R) is Gaussian distributed (Fourier modes have random phases), homo-

geneous and isotropic (the �x dependence of δ is henceforth dropped for brevity);

• density perturbations evolve linearly, as described by the linear growth factor;

• the collapse of overdense regions at large scales is independent of smaller scale collapse, despite

the non-linearities in the density field that arise on these smaller scales once a region of the

Universe has exceeded the critical density contrast for collapse δc(z) at that redshift and

formed a virialized halo;

• δc(z) is independent of mass (although Sheth et al. 2001 later introduced a mass dependence);

• the initial density field can be smoothed on various scales to deduce the mass function of

virialized haloes that collapse in that density field.

The obvious weakness associated with this latter assumption is that Press–Schechter framework

does not model halo collapse as a dynamical, non-linear process, but a more formal discussion of

the flaws of the theory is postponed until the end of this subsection.

Press & Schechter (1974) argued that in order to find the fraction of mass F (> M) at a given

epoch that is locked-up in virialized objects whose mass is greater than M , one needs to sum all

the regions with a density contrast above the critical threshold:

F (> M) =

� ∞

δc(z)
P (δ;R) dδ. (3.10)
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An expression for the probability P (δ;R) is hence required to further evaluate equation (3.10).

Since the density field is assumed to be a random Gaussian field, the smoothed field in equation

(3.1) is also Gaussian, and so the probability of finding a density perturbation between δ and δ+dδ

when smoothed on a scale R is:

P (δ;R) dδ =
1�

2πσ2(R)
exp

�
− δ

2

2σ2(R)

�
dδ. (3.11)

Hence F (> M) in equation (3.10) simplifies to:

F (> M) =
1

2
erfc

�
ν√
2

�
, (3.12)

where ν ≡ δc/σ(M) and erfc(x) denotes the complementary error function. As the smoothing

scale is reduced to zero, all of the δ(R) will be above δc and so F (> M) should approach unity,

yet equation (3.12) predicts that only half the mass will be bound to virialized haloes. Press

& Schechter (1974) speculated that this ‘missing’ mass, a feature at all epochs, arises from not

including the underdense regions that accrete onto the overdense collapsed objects at later times,

and hence a correction factor of 2 was inserted into equation (3.12). As argued by several authors

(e.g. Peacock & Heavens 1990, Bond et al. 1991), that this exclusion should precisely correspond

to a factor of 2 is highly dubious, but the convention is preserved here nonetheless. It follows that

the comoving differential number density of haloes per unit mass at a time where the Universe has

a mean comoving background density ρ̄, is given by:

dn

dM
dM = 2

ρ̄

M

����
dF (> M)

dM

���� dM (3.13)

=

�
2

π

ρ̄

M2
ν
d(ln ν)

d(lnM)
exp

�
−ν

2

2

�
dM. (3.14)

3.1.3 Extended Press–Schechter (EPS) theory

The standard implementation of the Press–Schechter formalism assumes that if δ(R) < δc at some

scale R, then collapse can only proceed at some smaller scale R
�
< R. It is, however, possible that

δ > δc at a larger smoothing scale, and accounting for this would increase the fraction of mass in

haloes F (> M). This issue is commonly referred to as the ‘cloud-in-cloud’ problem and solving

it requires computing the maximum R, or correspondingly the smallest value of σ2(R), at which
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δ first surpasses the critical density barrier. Bond et al. (1991) showed that the EPS formalism

solves the cloud-in-cloud problem and alleviates the ad-hoc insertion of the factor 2 in equation

(3.13). The remainder of this subsection is dedicated to demonstrating this result, and follows the

approach taken by Zentner (2007).

It is common convention to represent the evolution of δ with scale by transforming to [S, δ(S)]

space, where S ≡ σ
2(R). The EPS formalism in this new space seeks to find the smallest value of S

where δ first surpasses the δc threshold. As R is successively decreased, S(R) is increased, and δ(Si)

traces out a trajectory. If the δ(Si) along the trajectory are correlated, modelling this trajectory

is highly non-trivial as the correlations between all neighbouring δ(Si) have to be computed. This

problem is bypassed when smoothing the density field with the sharp k-space filter, however, since

a transition of ∆S in real-space adds a set of uncorrelated Fourier modes δ�k with random phases to

the density field, and so the trajectory δ(Si) follows a Markovian random walk. The probability of

transitioning from δ1 to δ2 (= δ1+∆δ) after increasing the mass variance from S1 to S2 (= S1+∆S)

is hence described by a Gaussian:

Π(δ2, S2) dδ2 =
1√

2π∆S
exp

�
−(∆δ)2

2∆S

�
d(∆δ). (3.15)

When the step size in S is further reduced so that trajectories during the interval ∆S that surpass

the density barrier are not missed, the probability distribution that describes the transition from

δ1 to δ2 using the sharp k-space window function is a solution to a diffusion equation:

∂Π

∂S
=

1

2

∂
2Π

∂δ2
. (3.16)

The simplest way to find the cumulative probability F (> M) that the first surpassing of the critical

density barrier has occurred at smaller mass variance than some S(R), is to compute the probability

that it has not. This imposes the necessary boundary conditions to solve equation (3.16), namely:

a) Π(δ, S) is finite as δ → −∞ and; b) Π(δc, S) = 0, i.e. the trajectory is absorbed at the barrier.

Taking the Fourier transform of equation (3.16) and using these boundary conditions yields the

solution:

Π(δ2, S2) =
1√

2π∆S

�
exp

�
−(∆δ)2

2∆S

�
− exp

�
−(2(δc − δ1)−∆δ)2

2∆S

��
, (3.17)

where ∆δ = δ2 − δ1 and ∆S = S2 − S1. The total fraction of all trajectories in [S, δ(S)] space that
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have already surpassed the barrier is hence given by:

F (S) = 1−
� δc

−∞
Π(δ(S), S) dδ = erfc

�
δc − δ1√
2∆S

�
. (3.18)

It follows that the probability an upcrossing occurs between S and S + dS is (Bond et al. 1991;

Lacey & Cole 1993, 1994):

f(S2 |δ1, S1) dS =

����
dF

dS

���� dS

=

�� δc

−∞

∂Π

∂S
dδ

�
dS

=
1

2

�� δc

−∞

∂
2Π

∂δ2
dδ

�
dS

=

�
1

2

∂Π

∂δ

�δc

−∞
dS

=
δc − δ1√
2π(∆S)3/2

exp

�
−(δc − δ1)2

2∆S

�
dS, (3.19)

where equation (3.16) has been used in transitioning from the second to the third line. If the initial

coordinates of the random walk are S1 = 0 and δ1 = 0, the EPS mass function with sharp k-space

filtering reproduces equation (3.14) without the ad-hoc insertion of the factor 2:

dn

dM
dM =

ρ̄

M

����
dF

dS

dS

dM

���� dM (3.20)

=

�
2

π

ρ̄

M2

δc

σ

����
d(lnσ)

d(lnM)

���� exp
�
− δ

2
c

2σ2

�
dM (3.21)

=

�
2

π

ρ̄

M2
ν
d(ln ν)

d(lnM)
exp

�
−ν

2

2

�
dM. (3.22)

3.1.4 EPS predictions of halo accretion

Following equation (3.19), the probability that a particle belonged to a halo of mass M2 at a time

t2 given that it is part of a halo of larger mass M1 at a later time t1 is (Lacey & Cole, 1993, 1994):

dP

dM2
(M2, t2 |M1, t1) =

∆δc√
2π(∆σ2)3/2

����
dσ2

dM2

���� exp
�
−(∆δc)2

2∆σ2

�
, (3.23)

where ∆δc = δc(t2)− δc(t1) and ∆σ
2 = σ

2(M2)− σ
2(M1). Miller et al. (2006) used this expression

to derive a formula for the mass accretion rate onto a halo of mass MH as a function of time. Their
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formalism starts by considering the expected mass accreted ∆M onto a halo of mass M1 at time

t1 during the time interval ∆t = t1 − t2, which according to equation (3.23) is:

�∆M� =
� M1

0
(M1 −M2)

∆δc√
2π(∆σ2)3/2

����
dσ2

dM2

���� exp
�
−(∆δc)2

2∆σ2

�
dM2. (3.24)

This can be simplified by making the substitution y
2 ≡ 1/∆σ

2:

�∆M� = M1∆δc

�
2

π

� ∞

0

�
1− M2

M1

�
exp

�
−1

2
y
2(∆δc)

2

�
dy. (3.25)

As ∆t → 0, ∆δc → 0 and so equation (3.25) becomes:

lim
∆δc→0

�∆M� → M1∆δc

�
2

π

� ∞

0

�
1− M2

M1

�
dy, (3.26)

or in terms of ∆σ
2:

�∆M� → M1
∆δc√
2π

� ∞

0

�
1− M2

M1

�
d(∆σ

2)

(∆σ2)3/2
. (3.27)

It follows that in the limit ∆δc → 0, the average mass accretion rate onto a halo of mass MH at

time t is:
�
ṀH

�
= lim

∆δc→0

�∆M�
∆δc

����
dδc(t)

dt

���� = MH

����
dδc(t)

dt

���� f(MH), (3.28)

where: ����
dδc(t)

dt

���� =
����
dδc(t)

dD(a)

dD(a)

da(t)

da(t)

dt

���� , (3.29)

and:

f(MH) =

�
1

2π

� ∞

0

�
1− M2

MH

�
d(∆σ

2)

(∆σ2)3/2
. (3.30)

These expressions for dδc(t)/dt and f(MH) can be further simplified:

• dδc(t)/dt

EPS theory assumes that δc(a) can be normalized by its present day value:

δc(a) =
δcD

D(a)
, (3.31)
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where D(a) is the linear growth factor (Heath, 1977):

D(a) =
5

2
ΩMH

2
0H(a)

� a

0

1

[aH(a)]3
da. (3.32)

Equation (3.31) is an approximation: Percival (2005) showed that δc(a) has a dependence

on the adopted cosmology, and cannot therefore be described solely by D(a). However,

Miller et al. (2006) later demonstrated that this dependence is weak, and argued that the

errors associated with this approximation are below the 2% level. Hence by assuming that

δc = 1.686, the value of the present day critical density contrast in an Einstein–de Sitter

universe (Gunn & Gott, 1972), equation (3.29) becomes:

����
dδc(t)

dt

���� � 1.686
D

D2(a)

dD(a)

da

da(t)

dt
. (3.33)

Note that the evolution of δc(t) is independent of mass.

• f(MH)

Equation (3.30) can be simplified by integrating by parts:

f(MH) =

�
2

π

��
1− M2

MH

�
(∆σ

2)−1/2

�M2=MH

M2=0

+

�
2

π

� MH

0
(∆σ

2)−1/2 1

MH
dM2

=

�
2

π

1

MH

� MH

0
(∆σ

2)−1/2 dM2, (3.34)

and Miller et al. (2006) demonstrated that this mass dependence is weak.

Equation (3.28) can hence be evaluated by using equations (3.33) and (3.34), as was originally

shown by Miller et al. (2006). These expressions, however, are not unique: consideration of the

forward probability in equation (3.23) yields an alternative expression for
�
ṀH

�
. This arises due

to the lack of self consistency within the EPS formalism as highlighted by Benson et al. (2005),

who considered EPS-derived merger rates R(Mi,Mj | t) between haloes of mass Mi and Mj at time

t, and demonstrated that the condition R(Mi,Mj | t) ≡ R(Mj ,Mi | t) is not satisfied for all Mi/Mj .

3.1.5 The shortcomings of the EPS framework

EPS theory is only approximate and has several limitations:

1. The assumption of spherical collapse.
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It is standard convention in EPS theory to perform a linear extrapolation of the density

contrast at some epoch z to a normalization epoch zn, usually chosen to be the present day.

The linearly extrapolated δ(z) is denoted by δ
L(z; zn). Any δ(z) whose extrapolated value

satisfies δ
L(z; zn) > δ

L
c (z; zn) is assumed to have already collapsed into a virialized halo at

z. By extrapolating the density contrast of an initial spherical perturbation that just breaks

away from the Hubble expansion of a spherical background region of equal mass, it is possible

to derive the critical density contrast as a function of collapse epoch (Gunn & Gott, 1972;

Eke et al., 1996). For an Einstein–de Sitter universe, Gunn & Gott (1972) showed that:

δc(zcoll) � 1.686(1 + zcoll), (3.35)

where zcoll is the redshift at which the perturbation collapses. This hence predicts that a δ(z)

with δ
L(z; z0) = 1.686 will collapse at z0 (the present day) in a universe with ΩM(z) = 1,

whereas a δ(z) with δ
L(z; z0) = 6δc(z0) will collapse at z = 5.

Dark-matter-only N -body simulations challenge the assumption of spherical symmetry and

hence the applicability of the spherical collapse model described above and in Chapter 1, as

haloes are found to be triaxial (Jing & Suto, 2002; Bailin & Steinmetz, 2005).

2. The lack of dynamical information.

This is a serious problem because merging is a highly dynamical process, and even N -body

simulations suffer from noisy ‘fake’ accretion events that are an artefact of discretizing the

merger process (these fake events can be identified, however, as described in Section 3.2.3).

Unlike simulations, however, EPS theory cannot account for rudimentary dynamical phenom-

ena, like mass being stripped from one halo and then being accreted onto another, or halo

merger rates being self-consistent (Benson et al., 2005).

3. Averaging over halo environment.

EPS theory approximates the mass accretion rate onto an object of mass M but does not

resolve the substructure that could be contained within M . The EPS formalism cannot,

therefore, measure the mass accreted onto the individual substructures representing luminous

satellite galaxies in a group or cluster. Clusters like the Local Group are modelled as a single

object in EPS theory, and so a lot of physics that describes accretion onto resolved structures

is lost (Bower, 1991; Sandvik et al., 2007; Zentner, 2007; Desjacques, 2008).
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3.2 The simulation perspective of halo accretion

In the remainder of this chapter, the laboratory for measuring accretion onto haloes and subhaloes—

dark matter simulations—is considered. In the following chapter, the rates of accretion onto these

structures will be examined and directly compared with EPS predictions. This section begins with

a summary of the results from previous simulation studies, and concludes by presenting a new

robust method for estimating accretion onto simulated haloes and subhaloes, and an alternative

halo accretion algorithm.

3.2.1 Previous simulation analyses

To date, several authors have defined prescriptions for computing accretion onto haloes using dark-

matter-only simulations:

• Wechsler et al. (2002)—henceforth W02—identified the mass accretion history of ∼14 000

haloes at z = 0 using the ART code (Kravtsov et al., 1997) in a WMAP1 cosmology. Using

their algorithm, W02 found that the accretion histories of their present day haloes were, on

average, well fitted by:

MH(z) = M0 exp(−αz), (3.36)

where M0 is the present day mass of a halo and α(zf ) is a parameter that describes its

formation epoch. According to equation (3.36) the predicted average accretion rate onto a

halo of mass MH is:
�
ṀH

�
= �α(zf )MH�

����
dz

dt

���� , (3.37)

which can be compared to the EPS prediction in equation (3.28):

�
ṀH

�
= f(MH)MH

����
dδc(z)

dz

dz

dt

���� . (3.38)

Ignoring the slight mass dependencies of the α(zf (MH)) and f(MH) terms, it can be seen that

equation (3.36) is a sensible fit for W02 to have chosen because in the case of an Einstein–

de Sitter universe, where dδc/dz = 1.686 (equation 3.35), their
�
ṀH

�
has the same MHż

dependence as equation (3.38), differing only in normalization.

• van den Bosch (2002) used the N -branch merger tree algorithm of Somerville & Kolatt (1999)
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and found that a two parameter fit better described the mass accretion histories of his haloes,

although M06 demonstrated that this two parameter fit becomes unphysical locally as it

predicts that present day haloes are not accreting mass. van den Bosch (2002) also provided

a relation for α and zf that can be used in equation (3.36):

α =
�

zf

1.43

�−1.05
, (3.39)

but it is more common to define zf as the epoch at which the present day halo of interest

had half of its present day mass:

zf =
ln 2

α
. (3.40)

• More recently McBride et al. (2009) investigated the mass accretion histories of ∼500 000

haloes from the Millennium Simulation with MH > 1012M⊙ and 0 ≤ z ≤ 6 and found that

only ∼25% were well described by equation (3.36). They introduced a second parameter, β,

and showed that a function of the following form provided a better fit to the halo accretion

trajectories:

MH(z) = M0(1 + z)β exp(−γz). (3.41)

• Fakhouri et al. (2010) used a joint dataset from the Millennium I and II Simulations and

found that equation (3.41) held across five decades in mass up to z = 15.

These listed accretion fits only apply when averaged across all environments. In order to under-

stand accretion in dense regions such as galaxy groups and clusters, one must resolve substructure

and design an accretion algorithm that can account for accretion onto haloes and all levels of sub-

structure. The difficulties in devising such an accretion algorithm are two-fold: firstly, it should

define a single progenitor for each and every (sub)halo which accurately represents that object at

earlier epochs, and secondly, it must conserve mass (which becomes harder to do when one intro-

duces subhaloes). An algorithm satisfying these conditions is now presented. The mass of a halo

or subhalo henceforth corresponds to the total mass detected by the AHOP and MSM halo-finders

(i.e. the sum of all of the mass of the member particles belonging to a given halo or subhalo).
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Figure 3.1: Halo i and j at time-step t2 merge and form two different haloes, k and l, at the later
time-step t1. Halo k’s main father is j and j’s main son is k, and their main branch connection is
shown by the solid red line.

3.2.2 A simple merger

A mock merger scenario is presented in Fig. 3.1. In order to compute the mass accretion rate onto

k, one must define k’s ‘main branch’ and various authors have adopted different prescriptions for

identifying this channel (Springel et al. 2001a; W02). W02, for example, define halo j as the main

father of k if k receives most of its mass from j, but they also require j’s most bound particle to

be included within k if the mass of j is not at least half of k’s mass. These rules hence force each

halo to have a single main son and a single main father. If the main son of j—halo k—has j as its

main father, then the main branch for k is defined (shown as the solid red line in Fig. 3.1).

There is freedom to choose the main father (son) of k as either the physically most massive

father (son), or the father (son) that contributes (receives) the most mass. The latter definition

is adopted throughout this thesis as it has the advantage that it explicitly follows the exchange

of mass across time in a dynamical manner, and therefore conserves mass by construction and

better traces mergers. The former definition, however, is also briefly considered in an alternative

accretion algorithm presented in Section 3.2.5, and the predicted halo accretion trajectories across

time found using both of these main branch schemes are compared in the following chapter.

Both of the accretion algorithms in this thesis aim to measure the positive growth of bound struc-

tures, and do not include prescriptions for measuring mass loss via stripping. The motivation for

making this choice is justified in Sections 3.2.5 and 3.2.6.
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3.2.3 Anomalous events

Anomalous events describe haloes that spatially coincide at one time-step and then separate at

later time-steps. These haloes might take several more time-steps to form a bound merger halo or

they might never coincide again. One must hence be careful that their accretion estimator accounts

for accretion onto bound objects only. To illustrate this point further, one would näıvely expect

the mass accretion rate of halo k in Fig. 3.1 at time-step t1 to be:

Ṁk =
Mk −Mj

t1 − t2
, (3.42)

but there were a large number of negative accretion events when this was applied to all of the

haloes at t1 (which was chosen to be the z = 0 output from the HORIZON simulation). This

prediction is problematic as it is seemingly in tension with the hierarchical paradigm of halo growth,

which argues that haloes, on average, should not be losing mass. The large mass loss signal arises

because artificial anomalous merger events are included in equation (3.42)1. These unbound objects

contaminate the ‘real’ mass loss signal, which is driven by material stripped from bound objects

during mergers. As explained later in this section, the accretion estimators used in this study only

measure positive mass accretion, hence it is crucial to wait until a system of objects undergoing a

complex merger has formed relaxed, bound objects at later times, and to pinpoint the time interval

during which mass is accreted onto these relaxed objects.

Identifying anomalous events

Testing to see whether an object is bound is one definitive way of excluding such fake events

and it is common practise to sum the kinetic and potential energies of each object and disregard

those objects whose total energy is positive (Maciejewski et al., 2009). These erroneous haloes

and subhaloes arise because the AHOP and MSM finders resolve objects according to the peaks in

the density field (Section 2.2), with no consideration of the total energy of particles in the halo

and subhalo resolving process. In this thesis, this binding energy technique is combined with an

independent anomalous detection method to identify unbound objects at each redshift.

1
It is also likely that anomalous events contribute positive accretion signals at other time-steps: the sign of their

contribution is determined by the stage of their evolution (e.g. Fig. 3.2). In either case, anomalous events represent

false signals and must be excluded from measured accretion rates. It should also be noted that even if the amount of

mass lost along the main branch over a single interval were exactly equal to the mass accreted onto it over the next

interval, so that the total change in mass were zero over the combined intervals, it is unlikely that the total mass

accretion rate along the main branch would be zero as the time intervals for each of these events would be different.
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Figure 3.2: Two haloes at t4 (< t3 < t2 < t1) merge and appear to form a MSM halo (k) hosting a
subhalo (s) at t3. At the subsequent time-step t2, however, s donates its mass to a different halo
(blue line) compared with the son of its host, and the system returns to its original configuration.
The objects at t3 are hence recorded as participating in an anomalous event. The true mass
accretion event eventually takes place during the (t1 − t2) interval, and the main branch is shown
by the solid red line.

The prescription adopted for identifying objects participating in anomalous events is illustrated

in Fig. 3.2. The fathers of an object k at time-step t3 are found and if object k has two or more halo

fathers that each donate a mass MD ≥ 20Mp, then object k is flagged as a possible fake merger

candidate. A minimum threshold of 20Mp is chosen here rather than 40Mp used in later sections,

because 20Mp is a common mass resolution limit used in other simulation studies (e.g. Springel

et al. 2005) and it also maximizes the number of possible anomalous events, thereby ensuring

that the measured accretion signals correspond to mass accretion events onto bound objects. The

sons of k are then found and if k donates a mass MD ≥ 20Mp to two or more haloes, then it

has fragmented and it is identified as an anomalous event candidate. In the case of AHOP haloes

from the HORIZON simulation in this study, which average over their environment and whose

substructure is not resolved, this is the sole anomalous event criterion and the same criterion is

then imposed on the next halo at time-step t3.

For subhaloes an additional condition is imposed. Imagine that two haloes at time-step t4

merge to form a halo, k, which hosts a subhalo, s, at the subsequent time-step t3, and that halo

k and its subhalo are then detected as separate haloes at the following time-step t2 (t2 > t3 > t4).

This system has transitioned over two time intervals from two haloes, to a halo and a subhalo, and



3.2. The simulation perspective of halo accretion 71

back to two haloes again, and is hence an anomalous event, as no merger has taken place. The

substructures of a given host halo are therefore also examined if the host does not fragment. If

a subhalo at t3 donates a mass MD ≥ 20Mp to a halo at t2 that is a different halo to the halo

son of its host (blue line in Fig. 3.2), then it is identified as part of an anomalous event, as are its

subhaloes (if it has any) and its host. The key ideas of this anomalous event detection method are

therefore:

• to search for channels that receive/donate at least 20Mp from/to two or more different haloes;

• to ensure that the host and all associated substructures are flagged in the case of any one of

these objects being classified as participating in an anomalous event.

Identifying unbound objects

Table 3.1 illustrates the relative importance of unbound MSM objects above the mass threshold

in the HORIZON simulation (M ≥ 40Mp) for each of the redshifts shown in column 1 (these

redshifts have been chosen because the number of subhaloes increases with decreasing redshift in

the simulation, as galaxy groups and clusters form). The percentages in Table 3.1 express the

number of objects above the threshold mass satisfying the condition in each column as a fraction of

the total number of objects above the threshold mass at the redshift in question, with the exception

of the bracketed values in column 3, which show the fraction of anomalous events that are unbound.

There is a positive correlation between the independently identified anomalous events and un-

bound objects, with a large fraction of the anomalous events being unbound (henceforth ‘unbound’

refers either to an object with total energy ET ≥ 0 or an object participating in an anomalous

event, or both). Not all objects in column 3 have ET ≥ 0, however, and so there is a small pop-

ulation of unbound objects at each redshift that would be missed if just a requirement of ET ≥ 0

were imposed on every object.

Only bound objects above the mass threshold can have a recorded accretion value in this study,

despite ∼38% of all the objects at each of the redshifts shown in Table 3.1 having a mass below

the chosen threshold limit. Bound objects below threshold, however, are not removed from the

sample and so it is possible for a bound object with M < 40Mp to be a main father. This method

hence avoids possible biasing of the accretion events in the simulation, whilst ensuring that only

well-resolved objects have an accretion value.
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Table 3.1: The relative importance of unbound MSM haloes and subhaloes above the threshold
mass (M ≥ 40Mp) in the HORIZON simulation.

Redshift ET ≥ 0 Anomalous (ET ≥ 0) Objects with
% % recorded accretion

%
0.49 23.1 7.85 (84.8) 73.5
0.23 23.7 8.57 (87.3) 73.2
0.01 24.1 9.14 (89.7) 73.4

Column 4 shows the fraction of objects above the mass threshold with a recorded accretion

value: ∼27% of the objects above threshold at each of the redshifts shown do not have a measured

accretion rate because they are either unbound, or do not satisfy some additional criteria imposed

by the accretion algorithm, which are explained in the following section.

3.2.4 The accretion algorithm

In detecting substructure, Springel et al. (2001a) required that several of the most bound particles

of the main father were included in the main son—this was more robust than tracking the evolution

of the single most bound particle, which essentially performs a random walk across time. The main

son in this thesis is defined as the son that receives the most mass from the object of interest,

thereby preserving consistency with the main father definition.

The algorithm that is used to compute accretion onto haloes and associated substructures is

henceforth referred to as the ‘halosub’ method and is illustrated in Fig. 3.3. The routine begins

by identifying the main son k (solid blue line) for object i at time-step t2. Using the main son

definition this means that most of i’s mass goes to k and the remainder goes to m and p. The

father that contributes the most mass to k is then found and in this example j is the main father

(solid red line). The mass accretion onto k is therefore (1− fj)Mk, where fj is the fraction of k’s

mass that comes from object j. Object k is then flagged and the accretion onto the other sons of

i, m and p, is considered. Since m is not the main son of i and m does not have any other fathers,

an accretion value for m is not recorded and it is flagged as an orphan. On the other hand, if one

of the other sons, p, of the object of interest does experience mass accretion, its main father, q, is

identified and the mass it accretes is recorded as (1− fq)Mp. Object p would then also be flagged.

The principal features of the halosub method are summarized below:

• the measured mass accretion onto an object represents the sum of diffuse accretion (material
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Figure 3.3: A schematic illustrating the halosub accretion algorithm that accounts for accretion
onto haloes and subhaloes. In this example object k, whose main father is object j (solid red line),
has been identified as the main son of object i (solid blue line). The mass accretion onto k using
the halosub method is therefore (1 − fj)Mk, where fj is the fraction of k’s mass that comes from
j. Object m is not the main son of object i and because it does not have any other fathers, it is
skipped. If q is the main father of p, then the mass accretion onto p is (1 − fq)Mp. The halosub
method therefore only ever records zero or positive accretion rates.

not bound to any resolved structure) and merger-driven growth;

• mass loss events are considered to be zero accretion events—measured accretion signals in

this study are never negative;

• all objects with a recorded accretion value are bound and have a mass M ≥ 40Mp, and;

• no distinction is made between haloes and different levels of substructure.

Since no attempt is made to measure the mass lost from an object during a given time interval, the

accretion rate in this study can be thought of as an upper limit. Note that objects which only lose

mass and have a recorded accretion rate of zero are identified as systems where the bound main son

of the object of interest has only one bound father (which is the object of interest). If the halosub

method encounters a flagged object it means that either the accretion onto that object has already

been accounted for or that object has been identified as an orphan.

The halosub method has been used throughout this thesis, but before its limitations are dis-

cussed, a second accretion algorithm is considered.

3.2.5 An alternative accretion algorithm

In this subsection, another accretion algorithm that uses different definitions for the main son and

main father to those adopted in the halosub method, is presented. The motivation for introducing
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this alternative ‘halo method’ scheme, which is used to compute accretion onto haloes only, is that

with two different accretion algorithms it is possible to directly test whether the measured halo

accretion rates are sensitive to the prescription chosen to define the main branch. The halo method

has the following three properties:

• it records mass accretion onto unflagged, bound haloes above the 40 particle mass threshold;

• it only measures positive accretion, which can involve tracing back several time-steps, and;

• it ensures that each halo accretor along the main branch is the most massive son of its most

massive father.

Halo accretors identified by the halo method hence satisfy similar constraints to those identified

using the halosub method, which allows a meaningful comparison to be made between the two

algorithms. The conditions above also highlight the underlying principle of the halo method, which

is to link the most massive father of a halo to its most massive son and to measure the positive

accretion onto this main son.

These criteria are now explained in more detail with reference to a simple example shown in

Fig. 3.4. The halo method routine starts by considering a given halo i at the penultimate time-step

t1 from the simulation, corresponding to z ∼ 0 (the final z = 0 output cannot be the starting

time-step because it is not possible to use the anomalous method to test for unbound haloes, as

discussed in Section 3.2.3). If i is unbound or below the 40 particle mass threshold, it is skipped,

otherwise its bound main father is found, which is defined as the most massive halo of the halo

fathers. There are two possible scenarios: either i has just a single father, or it has several. If

in the former case the father belongs to the background, then the mass accretion rate onto i is

recorded as Ṁi = Mi/(t1 − t2) because i was born during the time interval. In the latter case, i’s

most massive halo father j at the earlier time-step t2 is found.

Assuming that j is bound, the condition that i is the most massive son of j is also imposed. If

this criterion is not satisfied, then the halo method is unable to define a main branch for i (shown as

red lines in Fig. 3.4), and moves to the next halo at time-step t1. If the condition is met, however,

then i is the labelled as the main son of j and ∆Mij = Mi −Mj is computed. If ∆Mij ≥ 0, the

mass accretion rate of i is recorded as Ṁi = (Mi −Mj)/(t1 − t2), whereas if ∆Mij < 0, j is flagged

and its bound main father is subsequently found, halo l. The mass difference ∆Mil = Mi −Ml is

then computed, provided that j is the main son of l, and the process above is repeated. If a main
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Figure 3.4: An example of a simple merger scenario that illustrates the halo method for computing
accretion onto bound haloes above the mass threshold. The most massive father of halo i at t1

(z ∼ 0) is j, and i is the most massive son of j. A main branch connecting the main father and
main son is hence defined and is shown as a red line. If the mass difference between i and j is not
positive, the main father is traced back to earlier time-steps. Negative mass loss events along the
main branch can occur if mass is stripped during a merger, contributing to the diffuse background
component (as shown by the open box labelled ‘d’). In the example above, the net positive mass
accretion onto i occurs during time-steps t1 and t4, because Mi > Mn. The mass accretion rate
onto i is hence recorded as Ṁi = [Mi − Mn]/[t1 − t4] (note that the halo circles are not of equal
mass, despite their equal radii, and that the time intervals are not equally spaced). The bound
haloes j and l are flagged because they are more massive than i, and are skipped when haloes at
time-steps t2 and t3 are examined because they experience a net loss of mass along the main branch
with respect to i. By contrast, there is a net positive accumulation of mass onto n as it undergoes
mergers to form i and hence n is an accretion candidate at t4.

branch cannot be defined for halo l then it is flagged, i is skipped, and the next halo at time-step

t1 is considered.

While this method is able to yield reliable estimates of halo accretion rates, it is somewhat

limited compared with the halosub method for the following two reasons:

• It defines the main father and main son according to mass and not the mass they donate

or receive (as in the halosub method), and hence suffers from a mass bias that penalizes

subhaloes.

Fig. 3.5 shows two haloes M10 and M8 that merge at t2 and form a halo M12 and a subhalo

M6 at the subsequent time-step t1, with the numbers corresponding to masses in arbitrary

units. Objects M12 and M6 share the same halo fathers, M10 and M8. The main branch, as

defined in the halo method, will connect M12 to its most massive father M10. Halo M12 is

the main son of M10 as it is more massive than M6, and so the main branch links M10 with
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Figure 3.5: This diagram illustrates the mass bias of an algorithm that defines the main father
and main son according to mass, with the numbers corresponding to masses in arbitrary units.
Two haloes merge at t2, forming a host halo and a subhalo at the following time-step t1. If the
main branch (red line) connects the most massive father M10 with its most massive son M12, the
accretion onto subhalo M6 at t1 cannot be accounted for because the most massive son is M12 at
t1. If instead the main branch connects a given object to its most massive father and removes the
main son condition, the accretion scheme no longer conserves mass (see text).

M12, leaving M6 without a recorded accretion rate. By contrast, the halosub method allows

for the possibility that the main branch for M6 connects to M8.

• It appears to require a non-trivial variant in order to account for mass accretion onto subhaloes

in a mass conserving manner.

If the requirement that an object has to be the most massive son of its most massive father

were relaxed in an attempt to remove the mass bias described above, the measured mass

accretion is no longer guaranteed to conserve mass, a condition that must hold at each time-

step because the simulation is a closed system with no external sources or sinks of particles.

Under this new scheme, objects M12 and M6 would share the same main father M10 and have

recorded mass accretions of +2 and −4 units respectively, yielding a total mass loss rate of 2

units. If the main father is instead defined as the father that donates the most mass, then it is

possible that M8 is the main father of M6. In this scenario, subhalo M6 would lose two units

while M12 would gain two units, and so the total change in mass would be zero, as required

by mass conservation. It is also possible, however, that M6 receives more mass from M10 than

M8, and that the main progenitor of both M6 and M12 is once again M10, which violates

mass conservation. The advantage of the halosub method is that it circumvents the difficult

task of computing the total change in mass for a given halo or subhalo (or sub-subhalo etc)

under detailed mass conservation, by measuring only the positively accreted component over
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a single time interval in a mass conserving manner (as argued in the previous section).

It should be noted that if subhalo M6 were not resolved and just a single halo of mass 18 units

were to form at t1, the halo method would predict an accretion rate of 8 units, which would

perfectly conserve mass (the total accretion rate onto existing objects need no longer sum to

zero in this case, since the number of objects has decreased). The halo method presented in

this section is hence only suitable for computing accretion onto haloes, and not higher levels

of structure.

3.2.6 Limitations

Other than finite mass and time resolutions, which are shortcomings of any simulation, the growth

of haloes and subhaloes in a ΛCDM universe is modelled without a prescription for the gas physics.

The dark-matter-only simulation satisfies the objective of this study, however: to determine whether

halo and subhalo accretion is dependent on environment. Both accretion algorithms exclude tidal

stripping from the measured accretion rate, but this is justified when drawing comparisons with

EPS theory (which ignores mass loss) and when probing the link between halo mass accretion and

AGN activity, a process that is driven by positive, not negative, accretion events. At any rate,

objects are stripped of mass in the simulation as they undergo mergers, and this reduces their

mass.

Having acquired an algorithm capable of measuring positive accretion onto all levels of structure,

one is suitably equipped to test its predictions for accretion onto haloes and subhaloes as a function

of mass, time, and environment, drawing comparisons with previous simulations studies and the

EPS formalism. As alluded to above, it is also interesting to speculate on whether the growth of

haloes can drive the activity of their associated black holes. These processes are examined and

discussed at length in the following chapter.



Chapter 4

The environment and redshift

dependence of dark matter halo and

subhalo accretion

When a halo merges with a group of galaxies and changes its status to a subhalo, assuming it

survives, does the rate at which it accretes mass differ significantly compared with the accretion

rate onto a subhalo of similar mass in a much less dense environment? What exactly is meant

by ‘environment’, and how is it best quantified? Do the measured halo accretion rates in dark-

matter-only simulations show any discrepancy with the corresponding halo accretion rates derived

using standard EPS theory? Is there evidence of a slowdown in accretion onto more massive

haloes compared with their low mass counterparts as the simulation evolves towards the present

day, thereby implying that the AGN downsizing discussed in Chapter 1 could be imprinted in

the underlying halo mass accretion history? By measuring the rate of accretion onto haloes as

a function of time, is it possible to reproduce the integrated cosmic black hole accretion history

required by various semi-analytic prescriptions in order to yield agreement with the present day

galaxy luminosity function?

All of these questions, among others, are now addressed. The forepart of this chapter presents

the results found by applying the halosub accretion algorithm described in Chapter 3 to the haloes

and subhaloes from the HORIZON simulation. A detailed discussion of the scientific implications

of the results follows. Throughout this chapter:

78
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1. ‘object’ refers to haloes and/or subhaloes, which are detected using the AHOP and the MSM

methods described in Section 2.2;

2. the mass of an object corresponds to the total mass, MT, detected by the halo-finder;

3. accretion onto bound objects above the mass threshold, M ≥ 40Mp, is examined;

4. the measured mass accretion is the sum of diffuse- and merger-driven accretion: mass loss

has not been measured;

5. µ ≡ Ṁ/M denotes the specific accretion rate in units of Gyr−1 onto an object of mass M ;

6. δ ≡ δMH/MH (and hence does not refer to the density contrast), where MH represents the

mass of a halo.

4.1 Accretion onto all levels of halo structure

4.1.1 Comparing halo accretion with EPS

Sheth & Tormen (1999) demonstrated that standard EPS theory is not able to accurately reproduce

the mass function of dark matter haloes formed in simulations, yielding too many haloes of low mass

and too few haloes of high mass. Since then, several authors have devised parameter fits to better

reproduce the N -body halo mass function (Sheth et al., 2001; Jenkins et al., 2001), and the most

recent calibrated expression is accurate to ≤ 5% (Tinker et al., 2008). The aim of this subsection is

to further these findings by probing any possible discrepancy between EPS and N -body predictions

for halo accretion rates.

Fig. 4.1 shows the average accretion rate onto the AHOP haloes from the simulation computed

using the halo (dotted lines) and halosub (solid lines) algorithms, as a function of redshift and halo

mass. Haloes with recorded accretion values are binned in mass at each redshift and the average

accretion rate for each mass bin is computed. Averages of the corresponding mass bins over redshift

then yield constant �MH� values, which for the halo and halosub method are shown in the top left

and bottom right corners respectively (for an alternative �MH� computation, see W02, who binned

the z = 0 haloes in mass and then averaged over all the accretion trajectories in each mass bin

at each redshift). The error bars indicate the 1σ errors on the mean accretion rate, and the EPS

predictions for each of the halosub �MH� bins have been computed using equation (3.28) and are

shown as the dashed lines.
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Figure 4.1: The average halo accretion rate as a function of redshift and halo mass. The accretion
values onto the AHOP haloes using the halosub and halo methods are shown as the solid and dotted
lines respectively for each of the five halo (top left) and halosub (bottom right) �MH� bins, with
the errors corresponding to the 1σ errors on the mean accretion rate. The dashed EPS curves have
been computed by inserting the values of the halosub mass bins into equation (3.28).

It can be seen from Fig. 4.1 that the halosub mass trajectories have a lower gradient across

redshift than the EPS curves, which overestimate the accretion rate onto the lowest mass haloes in

the simulation at high redshift by a factor of ∼2, and underestimate it by a factor of ∼1.6–1.8 at

z = 0. It is tempting to think that the enhanced accretion onto haloes with respect to EPS theory

at low redshift results from the exclusion of mass loss in the halosub algorithm. However, EPS

does not account for mass loss from haloes either: haloes only grow with time, by construction.

The offset with EPS should therefore be regarded as an offset in gradient, and Fig. 4.1 shows that

the EPS curves are a factor of ∼1.3 steeper than the corresponding halosub trajectories.

The halo method yields accretion gradients that are in better agreement with EPS, but there

is roughly a factor of 2 normalization offset for z � 1, and slow convergence to EPS predictions

towards the present day. By contrast, the gradient offset between the halo and the corresponding

halosub curves increases towards z = 0. Given the similarity in the average mass bins, it is likely

that both methods are measuring accretion onto similar haloes, and that the discrepancy does

not therefore arise from differing main branch identification, but rather a difference in the time

interval considered for the accretion. The offset is probably an environment-dependent effect: the
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halo method has to trace back to earlier time-steps at low redshift in order to measure positive

mass accretion onto haloes, and this time interval is likely to increase with decreasing redshift

as haloes merge into denser group- and cluster- environments, where they experience more tidal

stripping than overall positive mass growth. An increasing discrepancy between the halo and

halosub methods with halo mass at low redshift lends further support to this view, as more massive

haloes are more biased and hence populate more massive environments (Sheth & Tormen, 1999).

Evidently the level of agreement with EPS appears to be somewhat dependent on the adopted

prescription of halo accretion. It can be argued that both methods are valid, but the halo method

is henceforth abandoned due to its probable time biasing mentioned above, and the fact that it

is insensitive to positive mass accretion onto haloes whose absolute mass decreases across time

(for further comparisons between the two algorithms, see Section 3.2.5). A discussion regarding

the possible sources of the EPS discrepancy and the implications of Fig. 4.1 for the relationship

between black hole and halo growth, is reserved for Sections 4.2.1 and 4.2.3 respectively.

4.1.2 The different modes of accretion

The mass accreted onto the AHOP haloes in Fig. 4.1 is the summed contribution of diffuse accretion

events and minor- and major-merger events, and so these accretion modes are decoupled in this

subsection in an attempt to gauge their relative importance in driving halo growth as a function of

redshift. It is argued that the cosmological evolution of the integrated low accretion events drives

the ‘radio-mode’ of black hole activity (Croton et al., 2006).

In the upper panel of Fig. 4.2 the dimensionless quantity δ (≡ δMH/MH) is computed for each

accretion event at each redshift: the dashed lines and the thin solid lines respectively show haloes

with δ ≤ 0.02 (minor-mergers & diffuse accretion) and δ ≥ 0.08 (likely to be dominated by major-

mergers, but also includes diffuse accretion events). The total mass accretion rate per comoving

cubic Mpc for haloes in a given mass bin and of a given δ at each redshift is then computed. The

thick solid lines show the total mass accretion rate per comoving cubic Mpc integrated over all δ.

For a given linestyle, the lower mass curves shift to higher redshifts.

At high redshift, all haloes are found to accrete mass in high fractional events with the peak

in activity shifting to lower redshifts for more massive haloes. As the mass accreted onto the

lowest mass haloes via minor-mergers and diffuse accretion starts to plateau at low redshift, minor-

merger and diffuse accretion activity onto the more massive haloes starts to rapidly accelerate:
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Figure 4.2: The total mass accretion rate onto the AHOP haloes per comoving cubic Mpc as a
function of redshift, halo mass, δ (≡ δMH/MH) and µ (≡ ṀH/MH). Both sets of mass bins
correspond to the �MH� halosub bins in Fig. 4.1, with the lower mass curves shifting to higher z.
In the top (bottom) panels, the dashed and thin solid lines show each mass bin decomposed into
haloes with δ ≤ 0.02 (µ ≤ 0.15Gyr−1) and δ ≥ 0.08 (µ ≥ 0.25Gyr−1) respectively, and the thick
solid lines show the accretion trajectories integrated over all δ (µ).
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low mass haloes and non-halo material are being accreted onto larger structures. By z = 0, the

combined minor-merger and diffuse accretion signals dominate the growth of all haloes. The dashed

curves also have a strikingly similar cosmological evolution to the radio-mode integrated black hole

accretion rate density curves found by Bower et al. (2006) and Croton et al. (2006), but a more

detailed discussion is postponed until Section 4.2.4.

Fig. 4.3 shows the shift from major-merger and diffuse- dominated growth at high redshift to

minor-merger and diffuse- dominated growth at low redshift, more clearly. The linestyles have the

same meaning as in Fig. 4.2, except haloes with 0.02 < δ < 0.08 are also included, shown by the

dotted lines. It can be seen that minor-mergers and diffuse accretion events start to significantly

contribute to growth for z < 0.5, and by z = 0 drive accretion onto all halo masses.

Very similar results to those shown in the top panels of Figs 4.2 and 4.3 are found when haloes

are binned in µ (≡ Ṁ/M) instead of δ, but the major-merger and diffuse curves decouple from the

integrated curves at later epochs for all masses, as is illustrated in the bottom panels of Fig. 4.2 and

4.3. This is probably because in transitioning from δ to µ, one must divide δ by the time interval

during which mass is accreted, and at higher redshifts this time interval is smaller (time is not a

linear function of redshift) and µ is hence larger than it is for a given δ onto a halo of fixed mass

at lower redshift.

So far it has been assumed that the imposed cuts in δ are capable of separating minor- and

major-merger accretion events, and so this assumption is tested in Fig. 4.4 by adopting the more

classical progenitor mass ratio definition (e.g. Fakhouri et al. 2010). Each progenitor j of accretor

k is assumed to merge in turn with k’s main father i, with progenitor mass ratio χ ≡ Mi/Mj ,

donating fjM to accretor k at the following time-step, where fj denotes the fraction of k’s mass

that comes from j. Events with χ ≤ 3 (χ > 3) are recorded as major (minor) mergers. As an

example, imagine that accretor k in Fig. 4.5 has three halo fathers a, b and c, and also accretes

diffusely from the background d (shown as a filled box). Progenitor b is the main father of k and

the main branch is shown by the red line. Two merger events (and hence two mass ratios with

respect to b) and one diffuse event are recorded for k, with three corresponding δ measurements

along each accretion channel. The dashed lines in Fig. 4.4 combine together diffuse events with

δ ≤ 0.02 and minor-merger events with both χ > 3 and δ ≤ 0.02 (note that diffuse events do

not have a recorded mass ratio χ). The thin solid lines group together the diffuse events with

δ ≥ 0.08 and the major-merger events with χ ≤ 3 and δ ≥ 0.08. It can be seen that the thin solid
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Figure 4.3: The total mass accretion rate onto the AHOP haloes per comoving cubic Mpc as a
function of halo mass and accretion mode (denoted by δ and µ), shown for several redshifts. The
linestyles have the same meaning as in Fig. 4.2, except that the haloes with 0.02 < δ < 0.08 (top)
and 0.15Gyr−1

< µ < 0.25Gyr−1 (bottom) are also included, and are shown by the dotted lines.
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Figure 4.4: In this plot, the ratio χ between the mass of the main father and the mass of each of the
other progenitors j is recorded for a given accretor k, with each progenitor j donating a mass fjMk

to k. The dashed lines represent the combination of χ > 3 and δ ≤ 0.02 events (minor-mergers)
with diffuse δ ≤ 0.02 events (which do not have a recorded mass ratio), whereas the thin solid lines
represent the combination of χ ≤ 3 and δ ≥ 0.08 events (major-mergers) with diffuse δ ≥ 0.08
events. As in previous figures, the thick solid lines show the trajectories integrated over all δ.
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Figure 4.5: A schematic diagram illustrating the method used to test whether δ is able to distinguish
between merger-type. In this example, halo k at t1 accretes from three halo fathers a, b and c and
the background d (shown as a box) at t2, where t2 < t1. Two merger mass ratios χa and χc

measured with respect to the main father b (red line) are recorded for k, along with three δ values
equal to fa, fc and fd, where fj represents the fraction of k’s mass received from progenitor j.
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lines in Fig. 4.4 have a very similar cosmological evolution to the δ ≥ 0.08 curves in Fig. 4.2. The

dashed lines in Fig. 4.4 also show a similar behaviour to the δ ≤ 0.02 curves in Fig. 4.2, except

there are more minor-mergers at higher redshift for all but the lowest halo mass bin. It will be

demonstrated in Section 4.2.4, however, that these features do not affect the main conclusions.

Fig. 4.4 hence provides confirmation that the imposed δ cuts are able to accurately distinguish

between merger-type.

4.1.3 Accretion onto subhaloes

In this section the AHOP haloes are resolved into constituent MSM haloes and subhaloes and the

halosub method is applied to these resolved structures to account for accretion onto objects in

groups and clusters. The section begins by comparing the AHOP halo and MSM halo and subhalo

specific accretion rates with the results found in the W02 (Wechsler et al., 2002) simulation study.

The mass of a halo or subhalo is henceforth denoted by M , in contrast with the previous section,

which only recorded accretion onto haloes with mass MH.

Comparing the halosub accretion algorithm with W02

Fig. 4.6 plots the average specific accretion rate for all bound objects from the simulation as a

function of average object mass for redshifts corresponding to z = 0.49 (triple-dot-dashed lines),

z = 0.23 (dashed lines) and z = 0.01 (solid lines). These redshifts have been chosen because the

epoch of large group and cluster formation is z � 0.5 (e.g. Mantz et al. 2010). The blue and red lines

of a given linestyle represent the accretion onto the AHOP haloes and MSM haloes and subhaloes

respectively. The thick black line shows the W02 result at z = 0.01, found using equation (3.37)

(strictly, equation 3.37 applies to the accretion histories of haloes at z = 0 but the anomalous

detection method of Section 3.2.3 cannot be used at this redshift). The W02 result is calculated

by binning in mass each z = 0.01 bound AHOP halo accretor and computing the corresponding

average W02 α parameter in equation (3.40) for each mass bin (α is inversely proportional to halo

formation redshift).

The specific accretion rate onto the MSM objects is systematically larger than the AHOP specific

accretion rates at every mass when considering a given redshift. The MSM method resolves the sub-

structure that has been averaged out in the AHOP halo, so the main MSM host halo and subhaloes

are individually less massive than the AHOP counterpart. The offset with MSM is probably caused
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Figure 4.6: The mean specific accretion rate onto haloes and subhaloes using the halosub method,
plotted as a function of mass for three redshifts corresponding to z = 0.49 (triple-dot-dashed
lines), z = 0.23 (dashed lines) and z = 0.01 (solid lines). The blue and red lines of a given
linestyle represent the accretion signals onto the AHOP haloes and the MSM haloes and subhaloes
respectively. The thick black line shows the W02 result, obtained by using equation (3.37) and
equation (3.40) at z = 0.01.

by dividing by the larger AHOP mass, and increases with increasing mass because at larger masses

MSM subhaloes occupy a larger fraction of the total AHOP mass (Tweed et al., 2009). The mass

difference between AHOP and the main host MSM halo therefore increases with increasing AHOP

mass (and there are more detected haloes than subhaloes at a given redshift in the simulation, so

the haloes dominate the MSM halo and subhalo accretion signal).

W02 fitted the accretion trajectories of their z = 0 haloes averaged over environment in a

WMAP1 cosmology and so their result can be directly tested against the AHOP curve at z = 0.01

which also averages over environment, but in a universe with a WMAP3 cosmology (W02 argue

that their fitting formula does not depend on the chosen cosmology). The W02 specific accretion

rate has a stronger mass dependence than is found for the AHOP haloes in this study, and so for the

large galaxy- and group- sized dark haloes, overpredicts the specific accretion rate by a factor of

∼1.5. Recent studies have shown that some halo-finding algorithms can lead to large uncertainties

in the halo accretion rate (Genel et al., 2009; Hopkins et al., 2010). The disagreement across mass

with W02 in Fig. 4.6, however, does not result from differences in halo-finder: the AHOP algorithm
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is very similar to the modified bound density maxima technique of Bullock et al. (2001) used in

W02 (Knebe et al., 2011). The disagreement most likely arises because W02 impose different

criteria to identify the main son and main father. They adopt a policy, in some cases, of tracking

the single most bound particle, which is misleading as it can hop between haloes undergoing a

merger and perform a random walk across several time intervals, before eventually settling onto

the relaxed object. By contrast, the anomalous method used in this work rigorously identifies false

merger candidates and the halosub accretion algorithm tracks channels which donate/receive the

most mass (and recall that allowing a bound object below the mass threshold to be a main father

removes potential accretion event bias).

The comparison with W02 has therefore revealed that the predicted accretion rate is somewhat

sensitive to imposed prescriptions. The advantage of the halosub method is that it avoids using

ad-hoc criteria to define the main branch.

Accretion onto the MSM haloes and subhaloes

Fig. 4.7 shows the specific accretion rate from bottom to top of the MSM haloes, MSM haloes and

subhaloes, and MSM subhaloes with the linestyles having the same meaning as in Fig. 4.6. The

average specific accretion rates onto haloes (µH) and subhaloes (µS) have weak mass dependencies

for each of the redshifts shown: �µH� ∝ M
0.2 and �µS� ∝ M

0.1 at z = 0.01. Each of the halo, halo

and subhalo, and subhalo curves shift downwards with decreasing redshift: the average specific

accretion rate onto a subhalo at z = 0.49 is a factor of 1.3–1.4 greater than at z = 0.01. Major-

mergers and diffuse events at higher redshifts, when the Universe was denser, are more prominent.

Fig. 4.7 also reveals that the subhalo accretors (and this includes the subhaloes with a zero

accretion rate) accrete at a larger rate, on average, than the halo accretors at z < 0.5 for the

mass scales shown. This, however, only causes a modest shift from the halo curve to the halo and

subhalo curve at each redshift, because there are more halo accretors than subhalo accretors in the

simulation, indicating that the enhanced subhalo accretion rates are not responsible for the AHOP

to MSM shift in accretion at each redshift in Fig. 4.6. The enhanced accretion onto subhaloes can

be understood by examining their mutual clustering and the relative velocity of their progenitors

compared to their internal velocity, and both of these processes are now discussed.
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Figure 4.7: The mean specific accretion rate as a function of mass shown for z = 0.49 (triple-
dot-dashed lines), z = 0.23 (dashed lines) and z = 0.01 (solid lines) using the halosub accretion
method. For a given linestyle, the bottom purple line shows the MSM haloes, the middle blue line
shows the MSM haloes and subhaloes and the top red line shows the MSM subhaloes.

The clustering of haloes and subhaloes

One of the main aims of this study is to investigate whether there is a relationship between the rate

at which objects accrete mass and their environment and so in this section the clustering properties

of haloes and subhaloes at different redshifts are examined. In the following section, accretors in

different cluster-scale environments are specifically targeted.

Fig. 4.8 shows the two-point correlation function, ξ, for the MSM accretors from the simulation

as a function of the physical separation distance r, at the same three redshifts shown in Figs 4.6

and 4.7 and at a much higher redshift of ∼2. The Landy & Szalay (1993) ŵ4 estimator is used to

compute ξ:

ŵ4 = d− 2x+ 1 (4.1)

d =
DD

GN(N − 1)/2
(4.2)

x =
DR

GNNr
(4.3)

G =
RR

Nr(Nr − 1)/2
. (4.4)
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Figure 4.8: The two-point correlation function as a function of the mean inter-object separation
(in physical coordinates) for four redshifts in the range 0 � z � 2. The purple, blue and red lines
in each panel show the bound MSM halo-halo, halo-subhalo and subhalo-subhalo accretor signals
respectively, with the error bars corresponding to Poisson errors. The vertical long-dashed black
lines represent an estimate of the resolution limit in r at each redshift.

Here DD,DR and RR represent the N(N − 1)/2, NNr and Nr(Nr − 1)/2 unique combinations of

data-data, data-random and random-random pairs of points, where N and Nr refer to the total

number of points in the real data set and the random data set respectively. Random catalogues

are therefore required for each redshift. The catalogues used in this work sample 300 000 objects

at each redshift and are hence larger than the corresponding total number of detected haloes

and subhaloes (156 120, 211 537, 216 232 and 223 781 at z = 2.03, 0.49, 0.23, 0 respectively). For

each panel in Fig. 4.8, the solid purple lines represent the halo-halo pairs, the dotted blue lines

represent the halo-subhalo pairs, the dashed red lines represent the subhalo-subhalo pairs and the

errors correspond to Poisson errors and are negligible. Only the clustering of bound accretors is

measured: halo-subhalo pairs therefore correspond to the clustering of all bound halo accretors

with all bound subhalo accretors. The vertical dashed black lines show the average total diameter

of all the objects at the redshift in question, and represent an estimate of the resolution limit in r.
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Fig. 4.8 demonstrates that subhalo-subhalo pairings are a factor of ∼2 more clustered than

halo-halo pairings at large physical scales at low redshift. This factor increases to ∼10–15 at lower

separation scales: subhaloes, by definition, reside within haloes and so cluster more strongly at

small scales. The drop-off in clustering amplitude at the lowest scales should be ignored as this

occurs at scales that are below the estimated resolution limit.

The subhalo-subhalo correlation function is the sum of two terms: the first describes the clus-

tering of subhaloes within the same host and the second describes the clustering of subhaloes that

belong to different hosts. For small separations, the subhalo-subhalo correlation function has a

strong contribution from pairs of subhaloes in the same host. The clustering of halo-halo pairings

is lower at these scales because these scales approach the size of haloes, and so it is less common

to find two haloes close to each other without one or both member(s) of the pair being a subhalo.

At larger scales, subhaloes belonging to different hosts contribute strongly to the subhalo-subhalo

clustering strength.

The clustering amplitudes of the three curves also evolve with redshift, as shown by the evolution

of the correlation length (ξ(rcorr) = 1) of the subhalo-subhalo curve, which increases by a factor

∼3 towards z = 0. This is probably because at lower redshift there are more dense clusters and

more subhaloes within a given host in the simulation, hence there is a stronger contribution to the

subhalo-subhalo clustering amplitude than at higher redshift at the separation scales shown.

Measuring the relative velocities between the accretors’ progenitors

Having established that subhaloes at sub-cluster scales are more clustered than haloes, especially

at small scales, the distributions of ∆v/vc are now examined, where ∆v represents the relative

velocity between an accretor’s main father and one of its other progenitors, and vc is the accretor’s

circular velocity. If ∆v/vc tends to be smaller, on average, for subhalo accretors than halo accretors,

then accretion onto haloes will tend to be more suppressed than accretion onto subhaloes. Fig. 4.9

shows the distributions of this ratio for haloes (thick lines) and subhaloes (thin lines) at the same

redshifts shown in Fig. 4.7. The ∆v/vc ratio is computed for each progenitor k (not equal to the

main father j) of a given accretor: each particle accreted from the background is counted as an

individual relative velocity event, as is each halo/subhalo progenitor. So if an accretor has a main

father j, a father k, and also accretes two particles from the background, m and n, then three

separate relative velocities with respect to j are computed for that accretor. The accretors are
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Figure 4.9: Distributions of ∆v/vc for the halo (thick lines) and subhalo (thin lines) accretors,
where ∆v represents the relative velocity between an accretor’s main father and one of its other
progenitors, and vc is the accretor’s circular velocity. The halo and subhalo accretors from Fig. 4.7
have been divided into different mass bins, shown by the ranges of MH and MS respectively.

binned in mass and the different halo and subhalo mass bins are shown in Fig. 4.9 by the ranges of

MH and MS respectively.

It can be seen from Fig. 4.9 that the distributions of ∆v/vc for the halo and subhalo accretors

are similar: they depend quite weakly on mass and their peaks coincide.

Revisiting the enhanced accretion onto subhaloes in Fig. 4.7

It is well established that in simulations, after infall, subhaloes experience mass loss via tidal

stripping, tidal heating and disk shocking (Gnedin et al., 1999; Dekel et al., 2003; Taylor & Babul,

2004; D’Onghia et al., 2010), and have a large velocity dispersion that scales with their host’s mass.

Mass stripping events in this dark-matter-only study are recorded as zero accretion events, and so

one would perhaps expect subhaloes to be accreting at low rates, on average. Fig. 4.10 therefore

examines the importance of mass stripping by considering the spatial distribution of the subhalo

accretors within their hosts at the same three redshifts considered in Fig. 4.7. The distance between

the centre of every subhalo accretor and its host is recorded in units of its host virial radius. A
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Figure 4.10: The upper panel shows the number of subhaloes as a function of distance from their
host, measured in units of their host’s virial radius. A distinction is made between the entire
subhalo sample of both accretors and non-accretors (M ≥ 20Mp, blue lines), and the subhalo
accretor sample (M ≥ 40Mp, red lines), with the size of each population shown in brackets. The
number of subhalo accretors at each separation scale is then normalized by the subhalo accretor
sample size in the lower panel. The subhaloes residing at the largest distances beyond their host’s
virial radius in the lower panel probably represent satellites that have just been accreted onto their
host and that are undergoing the preliminary merger phase.
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Figure 4.11: The specific accretion rate of the subhalo accretors from Fig. 4.10 as a function of
mass for subhaloes within (blue) and beyond (red) their host’s virial radius, with the corresponding
numbers shown to the right of each panel.

given halo’s virial radius (defined in Section 1.2.2) is similar to r500, the spherical region within

which the halo density is at least 500 times the critical density of the Universe. It can be shown

that r200 ∼ 1.6r500 for an isothermal density profile, and so for a good estimate of the distributions

of log10(�rsep/r200�) (the more common definition of the halo virial radius), one can simply shift the

distributions of log10(�rsep/rvir�) in Fig. 4.10 in the negative x direction by log10(1.6) ∼ 0.2 dex. The

top (bottom) panel of Fig. 4.10 indicates the number of subhalo accretors (fraction of all subhalo

accretors) in each radial bin. Most of the subhalo accretors in the simulation at z < 0.5 reside

in the outer regions of their host with ∼70% located beyond r200. Most of these subhaloes have

therefore probably not been significantly stripped of their mass.

Fig. 4.11 further separates the subhalo accretors at each redshift into populations within (blue)

and beyond (red) their host’s virial radius, to test whether the accretion onto subhaloes depends

on the proximity to their host. A dependence is found: subhaloes of a given mass within their

host’s virial radius accrete at a higher rate than those further away, on average. At first glance,

this appears to be in conflict with recent findings which report that stripping is a strong function

of distance to the host centre (Hester & Tasitsiomi, 2010). Diffuse accretion is almost certainly
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responsible for resolving this apparent discrepancy: high rates of stripping within the virial region

of the host at low redshift means that there is a large supply of diffuse material for subhaloes to

accrete from, and the halosub accretion estimator measures this and does not measure the mass

lost via stripping. The fraction of mass accreted via diffuse accretion also increases towards the

present day (Figs 4.2, 4.3 and 4.4), which serves to enhance this effect.

That subhaloes of a given mass in the simulation have a larger rate of accretion, on average,

than haloes of the same mass can now be understood. The majority of the mass-selected subhalo

accretors reside beyond their host’s virial radius (where they are unlikely to be experiencing signif-

icant mass stripping) and there is no significant difference between the halo and subhalo accretor

distributions of ∆v/vc. The very frequent interactions between subhaloes of the same host at small

scales (Fig. 4.8) is therefore probably responsible for the enhanced subhalo accretion rates. Haloes

are less clustered at small scales and so accrete at lower rates, on average.

4.1.4 Halo and subhalo environment

In this section the effect an object’s environment at cluster scales has on the rate at which it

accretes mass is investigated. There are two popular, independent measures of environment in the

literature: the overdensity δR(�x) in a sphere of radius R (Lemson & Kauffmann, 1999; Wang et al.,

2007) and halo bias (Sheth & Tormen, 2004; Gao & White, 2007). This work adopts two similar

measures of an object’s environment: the first defines an environment mass within a cluster-sized

sphere and the second uses the two-point correlation function.

Environment mass

The environment of a halo and a subhalo is defined as the total mass, ME, contained within a

sphere of radius R centred on the object of interest. ME includes the mass of all those objects

whose centres lie within the sphere as well as the mass of the object the sphere is centred on.

Spheres of radii R = 1.46h−1Mpc and R = 3.65h−1Mpc are considered because: a) these scales

represent both typical clusters and much larger clusters, and; b) various authors have found that the

dependence of some halo properties on environment, such as halo formation redshift, are sensitive

to the choice of sphere radius (Lemson & Kauffmann, 1999; Harker et al., 2006; Hahn et al., 2009).

Both of these environment mass definitions are applied to each bound accretor at the redshift

under consideration, with only bound accretors having a recorded ME value. Unbound objects and
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Figure 4.12: �µ� plotted as a function of object mass (M) and environment mass (ME) for MSM-
detected objects. The purple, blue, green and red lines in row one represent ME < 1011.5M⊙,
1011.5M⊙ ≤ ME < 1012.5M⊙, 1012.5M⊙ ≤ ME < 1013.5M⊙ and 1013.5M⊙ ≤ ME < 1014.5M⊙ re-
spectively, using a sphere radius (R) of 1.46h−1Mpc. The second row shows the results for a sphere
radius of 3.65h−1Mpc with environment mass bins ME < 1012.5M⊙, 1012.5M⊙ ≤ ME < 1013.5M⊙
and 1013.5M⊙ ≤ ME < 1014.5M⊙, given by the blue, green and red lines respectively. The open
squares joined by solid lines illustrate the EPS result using equation (3.28), and the open stars
show accretion onto the MSM haloes and subhaloes independent of their environment. Columns
one, two and three correspond to z = 0.49, z = 0.23 and z = 0.01.

resolved objects with M ≤ 40Mp are not, however, excluded from the sample as these objects could

be part of a bound object’s environment.

The first row of Fig. 4.12 plots the specific accretion rate onto haloes and subhaloes as a func-

tion of average object mass (M) and average environment mass (ME) for z = 0.49 (first column),

z = 0.23 (second column) and z = 0.01 (third column) using a sphere radius of 1.46h−1Mpc.

For each panel in the first row, the purple, blue, green and red lines correspond to the environ-

ment mass bins ME < 1011.5M⊙, 1011.5M⊙ ≤ ME < 1012.5M⊙, 1012.5M⊙ ≤ ME < 1013.5M⊙

and 1013.5M⊙ ≤ ME < 1014.5M⊙ respectively. The second row of Fig. 4.12 shows the results us-
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ing a larger sphere radius of 3.65h−1Mpc at the same three redshifts, divided into the follow-

ing environment mass bins: ME < 1012.5M⊙ (blue), 1012.5M⊙ ≤ ME < 1013.5M⊙ (green) and

1013.5M⊙ ≤ ME < 1014.5M⊙ (red). The stars in each panel represent the accretion signals onto

the MSM haloes and subhaloes independent of their environment, and the squares joined by solid

lines show the EPS results.

The relationships found in the previous sections are preserved in Fig. 4.12: the specific accretion

rate increases with object mass for objects in most environments and decreases towards z = 0 (as is

shown in Fig. 4.7), and EPS consistently underestimates the mass accreted onto all object masses

(as is shown for haloes at z < 1 in Fig. 4.1). The most striking feature of Fig. 4.12, however, is

that objects of a given mass residing in more massive environments do not accrete at a particularly

enhanced rate compared with objects of the same mass in much lower mass environments1. This

suggests that the specific accretion rate onto haloes and subhaloes does not depend strongly on

environment at cluster scales. Objects in cluster-mass environments shown in the first row (red

lines) mostly accrete less mass than in lower mass environments, but the number of objects in

cluster-mass surroundings is limited by the choice of sphere radius. This effect is not seen for

the larger scale environments shown in the second row, where merging between subhaloes on the

outskirts of the host halo (shown by rightward tail of the rsep/rvir distribution in the upper panel of

Fig. 4.10) is probably driving accretion (but only at a slightly higher overall rate). The second row

in Fig. 4.12 also shows that the specific accretion rate only depends weakly on environment, even

for larger scales that probe the outermost regions of clusters. This weak environment dependence

in rows one and two is discussed in more detail in Section 4.2.2.

Other authors have quantified environment by computing the overdensity δR in a sphere of

radius R, rather than the mass (Lemson & Kauffmann, 1999; Harker et al., 2006; Hahn et al.,

2009; Fakhouri & Ma, 2009, 2010). The advantage of a distance-weighted density measure is that

the sensitivity to objects whose centre is just within the spherical boundary is reduced, as their

contribution to the overall density has an associated low weighting factor. An alternative weighted

1
Haloes dominate the accretion signals in Fig. 4.12, but the same trends were found at each of the chosen redshifts

when just subhaloes were plotted as a function of their mass and environment mass (the subhalo curves have been

omitted in Fig. 4.12 for clarity). There were two differences, however. The subhaloes were found to: a) accrete at

higher rates, and; b) reside only in larger mass environments.
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environment density measure for each halo and subhalo accretor has therefore also been computed:

ρi(≤ R) =
�

j

WC(|�ri − �rj | ;R)Mj , (4.5)

where the index j denotes a neighbouring object of mass Mj whose centre at �rj is within the

environment sphere of radius R (which itself is centred on object i at �ri). Here WC represents

the weighting function normalized by the volume of the spherical region, and is chosen to be the

standard SPH cubic spline kernel given by equation (2.40). The mass contributions from objects

close to the centre of the sphere are hence weighted more strongly than those further away. Fakhouri

& Ma (2009) showed that for haloes more massive than 1014M⊙, the density of the object the sphere

is centred on starts to dominate the contributions to δR, and so the central object’s contribution is

included and excluded in two separate weighted environment density measures, shown in Fig. 4.13.

When binned in environment density, the same weak environment dependence as in Fig. 4.12 is

found in both cases. The error bars in Fig. 4.13 also show similar behaviour to Fig. 4.12. Increasing

the sphere radius R: a) increases the number of objects (and hence accretors) included in the

mass-weighted computation and therefore reduces the error bars on �µ� for each of the ρE bins,

and; b) reduces the environment densities, which has the effect of increasing the population in the

lower ρE bins. By comparing the two environment definitions in Fig. 4.13 at a given R scale, it can

be seen that the large mass haloes densely populate the high ρE bins if their mass is included in

the sum in equation (4.5). If it is excluded, however, the large mass haloes have lower associated

environment densities that populate the lower ρE bins, and the higher ρE bins become more noisy,

as is seen.

Clustering in differing accretion schemes

The correlation function is now used as an alternative to the environment mass and weighted

environment density measures of the previous section, and the analysis is not restricted to just

cluster scales of a few Mpc. Samples of objects with very similar masses at different redshifts are

considered in an attempt to examine whether objects of a given mass that accrete at larger rates

have a larger clustering amplitude. This also tests the work by Percival et al. (2003), who found

that at z = 2, haloes of a given mass accreting at differing rates do not cluster differently.

The z = 2.03 panel in Fig. 4.14 shows the correlation function for all those objects whose
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Figure 4.13: Same as Fig. 4.12 except that the environment measure ρE(≤ R) for each accretor is
now a weighted sum of the mass of all the objects within a sphere of radius R centred on each
accretor, normalized with respect to the sphere volume, computed using equation (4.5). The top
and bottom panels respectively include and exclude the mass of each accretor in the weighted
environment density measure. For a discussion of the size of the error bars, see the text.
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Figure 4.14: The two-point correlation function plotted as a function of the mean inter-object
separation (in physical coordinates) for four redshifts in the range 0 � z � 2. The z = 2.03 panel
shows the MSM objects whose masses satisfy 1010.6M⊙ ≤ M < 1010.9M⊙ with µ < 0.35Gyr−1

(blue), 0.35Gyr−1 ≤ µ < 0.6Gyr−1 (green) and µ ≥ 0.6Gyr−1 (red). The lower redshift panels
show the MSM objects whose masses satisfy 1011M⊙ ≤ M < 1011.3M⊙ with µ < 0.1Gyr−1 (blue),
0.1Gyr−1 ≤ µ < 0.2Gyr−1 (green) and µ ≥ 0.2Gyr−1 (red). The vertical long-dashed black lines
represent an estimate of the resolution limit in the separation scale at each redshift.

mass satisfies 1010.6M⊙ ≤ M < 1010.9M⊙ with µ < 0.35Gyr−1 (blue), 0.35Gyr−1 ≤ µ < 0.6Gyr−1

(green) and µ ≥ 0.6Gyr−1 (red). The lower redshift panels show the correlation function for objects

with µ < 0.1Gyr−1 (blue), 0.1Gyr−1 ≤ µ < 0.2Gyr−1(green) and µ ≥ 0.2Gyr−1 (red) whose mass

satisfies 1011M⊙ ≤ M < 1011.3M⊙. The mass interval for z < 0.5 has been chosen because it lies

below the break mass, M�, in the mass function at these redshifts and so µ is not biased. For

comparison, the mass interval in the z ∼ 2 panel lies closer to M�. The vertical dashed lines

represent an estimate of the resolution limit in the separation scale (same as the vertical dashed

lines in Fig. 4.8).

At well-resolved non-linear small scales for z < 0.5, objects with high specific accretion rates

are up to a factor of ∼3 more clustered than the lower accreting objects, whereas at larger linear
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scales the difference in clustering between different accretors is much smaller. For the cluster-scale

environments of the first row of Fig. 4.12, corresponding to a maximum r value of 2.92h−1Mpc,

there is a weak environment dependence, with objects of larger µ being slightly more clustered.

Fig. 4.14 therefore provides further evidence that the mass accreted onto haloes and subhaloes of a

given mass weakly depends on their environment at cluster scales.

In contrast to the z < 0.5 behaviour, there is very little difference in clustering between different

accretors with 1010.6M⊙ ≤ M < 1010.9M⊙ at z ∼ 2 and this holds for both the linear and non-

linear scales shown. The results in Fig. 4.14 therefore agree with the conclusions of Percival et al.

(2003) at z ∼ 2 but show that they break down at z < 0.5, where there is a larger difference in

clustering between high accretors and low accretors of a given mass at all scales.

4.2 Discussion

4.2.1 Disagreement with EPS theory

The analytic EPS calculation shows significant departures from the halo accretion rates found in the

simulation using the halosub method at both low and high redshift (Fig. 4.1), and yields accretion

curves that are a factor of ∼1.3 steeper than the corresponding simulation curves. This simulation

study, however, is not the first to report disagreement with EPS theory at high redshift: Cohn

& White (2008) examined the accretion onto haloes of mass MH = 5–8 × 108 h−1M⊙ at z = 10

and found that EPS overestimated the halo accretion rate by a factor ∼1.5 (using a lookback time

of 50Myrs). Fig. 4.1 shows a similar behaviour, with EPS overpredicting the accretion rate onto

haloes of mass MH ∼ 1010.7M⊙ by a factor of ∼2 at z = 8. One might expect EPS to overestimate

accretion onto haloes at high redshift because it assumes that collapse is spherical (see Section

3.1.5) and that the density barrier is fixed in height (Lacey & Cole, 1993), whereas it has been

shown that allowing for ellipsoidal collapse and treating the critical density contrast for collapse

as a free parameter better reproduces the N -body halo mass function (Sheth et al., 2001; Sheth &

Tormen, 2002). This modification reduces the critical density contrast for collapse by a factor of
√
0.7 (M06) which reduces f(MH) in equation (3.28) by the same factor, causing a slight shift in the

dashed EPS curves in Fig. 4.1 but otherwise having no effect on the redshift or mass dependence.

The disagreement might arise because EPS theory is only approximate, as highlighted in Sec-

tion 3.1.5. A simplified assumption of the EPS framework inherent in equation (3.28) is that haloes
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accrete at rates that do not depend on their environment, which is particularly problematic in the

non-linear regime at z < 1 when accretion onto structures embedded within clusters is of interest

(Fig. 4.12). This restrictive assumption, however, is not a prediction of the theory and so various

authors have recently relaxed it. Sandvik et al. (2007) implemented a multidimensional general-

ization of the EPS formalism and used an ellipsoidal collapse model where collapse depended both

on the overdensity and the shape of the initial density field. They found only a weak dependence

between halo formation redshift and halo clustering which was stronger for more massive haloes, in

disagreement with the reported halo assembly bias in numerical simulations (Gao et al., 2005; Gao

& White, 2007; Maulbetsch et al., 2007). Zentner (2007) modified the EPS formalism by using a

Gaussian smoothing window function, and Desjacques (2008) allowed the density threshold to have

an environment dependence, but both authors found that dense large-scale environments prefer-

entially contain haloes that form later. An EPS model that is able to account for halo assembly

bias and predict a modified analytic version of equation (3.28) for the halo accretion rate is hence

lacking. A modification of this kind might produce better agreement with the simulation results

for z < 1 in Fig. 4.12.

Yet perhaps the biggest weakness with EPS was highlighted by Benson et al. (2005), which could

ultimately account for the offset in Figs 4.1 and 4.12. They showed that the Lacey & Cole (1993)

EPS formula yields merger rates that are not symmetric under exchange of halo masses, and that

do not predict the correct time evolution of the Press–Schechter mass distribution, indicating that

constructed EPS merger trees are fundamentally flawed. Recent work by Neistein & Dekel (2008),

however, has demonstrated that these discrepancies can be reconciled if the EPS formalism relaxes

the binary merger condition (assumed in the Benson et al. 2005 paper), and allows haloes to have

multiple progenitors. However, this approach requires the mergers between multiple progenitors to

take place over a very small timescale compared with the Hubble time, so that the limit ∆t → 0

is justified, and the validity of the assumption that mergers between more than two progenitors

occur on small timescales is questionable.

An alternative viewpoint is that the level of disagreement between the measured accretion

onto simulated haloes and the corresponding EPS predictions is dependent on the chosen accre-

tion model, as Fig. 4.1 has revealed that the halo method yields better agreement with the EPS

accretion evolution than the halosub method. It should be noted, however, that the halo method

prescription suffers from a time-biasing that probably increases towards the present day in more
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massive environments, as the routine has to trace back further in time to achieve a positive mass

difference between a given object and its most massive progenitor. The halo method also ignores

the accreted component when mass loss dominates, and so may be dividing by an artificially large

time interval. Yet it is unlikely that these limitations fully account for the discrepancies between

the halo and halosub methods in Fig. 4.1, and so the general conclusion that the level of agreement

with the EPS trajectories depends on the chosen prescription is expected to hold.

4.2.2 Understanding the weak relationship between local accretion rate and

environment at cluster scales

By quantifying accretion onto substructures embedded in groups and clusters, this study has moved

beyond the limited predictive power of the EPS formalism. Fig. 4.7 demonstrates that subhaloes

in the simulation accrete at larger rates than haloes of the same mass, on average (by a factor

of ∼3 for the lowest mass subhaloes at z = 0). At first glance this appears to contradict recent

claims: Angulo et al. (2009) and Hester & Tasitsiomi (2010) have shown that subhalo-subhalo

mergers are rare and that subhaloes are severely stripped of mass, which probably means that their

accretion rates are likely to be low. The low redshift subhalo accretors in this study, however, form

a subsample of subhaloes that are chosen to be safely above the mass resolution limit and that are

mostly located at large distances from their host’s centre, with ∼70% residing beyond r200 of their

host (Fig. 4.10). These subhaloes are probably not therefore being significantly stripped of mass,

unlike those in recent studies. The mass-selected nature of the subhalo accretors and the different

spatial distribution within their host are hence the most likely causes of the apparent accretion rate

discrepancy with these aforementioned studies. It should be noted, however, that the mass and

spatial distributions of resolved subhaloes within their hosts are affected by the bias of the chosen

halo finder, and so may not correspond to the ‘true’ distributions. Knebe et al. (2011) performed

a comprehensive comparison between 18 different finders for the predicted velocity, mass, particle

and spatial distributions of known mock haloes and subhaloes. They found that configuration-

based finders (based on spatial, not velocity components) like the MSM algorithm employed in this

work and the SUBFIND routine used in the Angulo et al. (2009) and Hester & Tasitsiomi (2010)

studies, were not able to resolve M200 and Vmax of the velocity profile of central subhaloes within

20–30% of R100 of their host, requiring the subhaloes to contain at least 30–40 particles for reliable

detections (hence justifying the 40 particle threshold enforced throughout this study). The Knebe
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et al. (2011) paper therefore further highlights that both the MSM and SUBFIND finders are biased

towards large mass subhaloes that are not in close proximity to their host’s centre, and so the

requirement that subhalo accretors in this study must contain 40 particles probably accounts for

the paucity of central subhalo accretors in Fig. 4.10. The absence of this mass threshold condition

in the Angulo et al. (2009) and Hester & Tasitsiomi (2010) studies liberates the central subhalo

population, but the predictions for M200 and Vmax of these objects are not reliable.

Fig. 4.8 demonstrates that the subhalo accretors in this work are more clustered than the halo

accretors at small scales and Fig. 4.9 shows that there is no significant difference between the halo

and subhalo distributions of ∆v/vc, where ∆v is the relative velocity between an accretor’s main

father and one of its other progenitors, and vc is the accretor’s circular velocity. The high subhalo

accretion rates are therefore likely to be driven by the very frequent interactions at small scales

with other subhaloes of the same host.

One might expect the accretion rate onto haloes and subhaloes to depend strongly on envi-

ronment at larger cluster scales given the increased rate of interactions in dense environments,

but only a weak dependence is found (Figs 4.12, 4.13 and 4.14). The subhalo accretors reside in

only the most massive environments and probably accrete mostly locally from their nearby subhalo

neighbours rather than their host, and so this is a possible explanation for their weak relationship

between accretion rate and environment. One likely explanation for haloes is that the increased

interaction rates of haloes in group- and cluster- mass environments are not large enough to sig-

nificantly overcome the large halo relative velocities, resulting in only a modest net increase in

accretion at cluster scales.

Fakhouri & Ma (2010) examined the environment dependence of accretion onto high mass

haloes (MH > 1012M⊙) from the Millennium Simulation and found a weak, negative correlation

for galaxy-mass haloes. By contrast, Fig. 4.12 reveals a weak, positive dependence for all objects.

The analysis in this study extends theirs by accounting for accretion onto substructures, and adopts

a different expression for the mass accretion rate, which they define as (Mi −Mj)/(ti − tj), where

j is the most massive father of i (note that this definition is similar to the measured accretion rate

presented in Section 3.2.5). Their adopted expression hence includes mass loss, unlike the halosub

method (or the halo method). Another possible source of the discrepancy is the method used to

identify anomalies. Genel et al. (2009) highlighted some fundamental problems with the ‘stitching’

algorithm used by Fakhouri & Ma (2010) to remove anomalous events. They demonstrated that it
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can lead to a double counting of mergers and to a false counting of anomalous events as mergers,

and they showed that this overestimation of the merger rate was particularly problematic for minor-

mergers. Predicting the effects that overestimating the merger rate have on the accretion rate and

how they vary as a function of environment is not trivial, but differences between the anomalous

event detection methods could explain the difference in the sign of the trend between accretion rate

and environment.

The z = 2.03 panel in Fig. 4.14 shows that at higher redshift, when haloes far outnumber

subhaloes in the simulation, the rate of accretion onto haloes is independent of environment, con-

firming the Percival et al. (2003) result. The Percival et al. (2003) study examined the difference

in clustering at z = 2 between haloes of a given mass accreting at different rates. They considered

several mass intervals ranging from 1010.3M⊙ ≤ MH ≤ 1010.4M⊙ to 1013.3M⊙ ≤ MH ≤ 1013.6M⊙

and concluded that for each mass interval halo accretion rates do not depend on environment at

this redshift. This apparent lack of environment dependence probably arises because the haloes in

the Percival et al. (2003) study, and to a lesser extent the haloes considered in the z ∼ 2 panel in

Fig. 4.14, represent some of the most massive objects at z ∼ 2 and hence have bias factors b >> 1

(Sheth & Tormen, 1999). These structures are located at the highest peaks in the density field

and so by computing the clustering amplitude of these objects, one is essentially measuring the

clustering pattern of the highest density peaks at this redshift. It is therefore unlikely that the

highest mass haloes experiencing different instantaneous accretion rates differ in their clustering.

By contrast, the lower mass haloes and subhaloes in the z < 1 panels are less biased and so more

closely track the clustering of the underlying mass distribution.

4.2.3 Comparing dark halo growth with black hole growth

Under the assumption that, on average, black hole growth traces dark halo growth (so-called ‘pure

coeval evolution’), M06 tested the predictions of equation (3.28) for the evolution of the integrated

AGN luminosity density for z ≤ 3. The coeval evolution model tests the hypothesis that the

fractional mass accretion rate onto black holes and onto haloes are equal (i.e. Ṁ/M is the same

for both black holes and haloes), and is consistent with the tight relation inferred between black

hole mass and galaxy bulge mass (Tremaine et al., 2002, but see Batcheldor 2010 for an alternative

interpretation), and is easy to test. M06 found the predicted integrated AGN luminosity density

to be in remarkable agreement with the bolometric AGN luminosity density measured using hard
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X-ray data. They also found that for z > 0.5 average black hole growth was well approximated by

pure coeval evolution, but for z < 0.5 the black hole luminosity density tailed off more quickly than

dark halo growth, and by z = 0 was lower by a factor of ∼2. They suggested that this slowdown

in black hole accretion could be related to cosmic downsizing (e.g. Barger et al., 2005).

Their predictions for dark halo growth were, however, based on EPS theory. The simulation

trajectories in Fig. 4.1 show that the EPS formalism underestimates halo accretion for z < 1, and at

z = 0 is a factor of ∼1.5–2 lower for all halo masses. This implies that present day dark haloes could

be accreting at fractional rates that are up to ∼3–4 times higher than their associated black holes.

However, for 1 < z < 3, the simulated dark halo accretion trajectories in Fig. 4.1 are reasonably

well approximated by EPS. It follows that a possible accretion scenario is that for 1 < z < 3, black

holes grow coevally with their dark hosts but for z < 1, the epoch of cluster formation, their growth

significantly decouples from that of their hosts.

It is still plausible that this decoupling is linked to the inference that high mass black holes

preferentially turn off at low redshifts, leaving the remaining accretion activity dominated by low

mass black holes (Heckman et al., 2004). The cause of such downsizing is often assumed to be

connected to the physics of the baryon component. This study reinforces this assumption: if

downsizing were a whole-halo phenomenon, it would be manifest in the dark-matter-only simulation,

and its absence in the results confirms that one should seek an explanation in the baryons.

4.2.4 Are low halo accretion events the cause of radio-mode feedback?

A number of authors have developed semi-analytic models of galaxy formation that are tuned to

reproduce the galaxy luminosity function at low redshift (e.g. Bower et al. 2006; Croton et al. 2006;

De Lucia et al. 2006). A key ingredient of these models is a low level of feedback from black hole

accretion that arises in all galaxies and which increases in importance towards low redshifts. The

feedback mechanism has still not been identified: luminous, high accretion-rate AGN only form a

small subset of the galaxy population at low redshift and seem unlikely to provide the required

feedback in all galaxies. Bower et al. (2006) require black holes to have relatively high accretion

Eddington ratios, which may be inconsistent with observations: it seems that the accretion and an

associated outflow need to be hidden from view in a so-called ‘radio-mode’. Croton et al. (2006)

have assumed that such a mode could be fuelled by Bondi accretion from the hot gas phase of their

model, but the observational evidence for such a mechanism has not been demonstrated either.
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The survey of Ho et al. (1997) revealed that a high fraction—over 40% of nearby galaxies rising

to 50–75% of bulge systems—host low luminosity AGN (LLAGN), with the majority of LLAGN

accreting at highly sub-Eddington rates in the range 10−5
< Lbol/LEdd < 10−3. Ho (2005) argued

that these are systems where accretion occurs via a radiatively-inefficient advection-dominated

accretion flow (ADAF). The accretion flow puffs up the inner disk and material is advected towards

the black hole (Narayan, 2002; Ho, 2002, 2008), with outflow being channelled along kinetic-energy-

dominated jets (Collin et al., 2003; Ho, 2005, 2008). It is possible, then, that LLAGN, fuelled by

low accretion rate ADAFs, may provide the radio-mode feedback.

In this dark-matter-only study, the integrated minor-merger and diffuse halo accretion rate

density curves in Figs 4.2 and 4.3 increase in importance towards the present day for all halo

masses. This qualitatively agrees with the cosmological evolution of the black hole radio-mode

integrated accretion signal found for each of the different semi-analytic models (Bower et al. 2006;

Croton et al. 2006). If the periods when galaxy halo growth is dominated by low accretion rate

minor-mergers and diffuse accretion events, are mirrored by low accretion rates onto their associated

black holes, these in turn could produce the LLAGN that may be the radio-mode required for the

feedback models.

The predicted integrated accretion rate density onto black holes residing in galaxy-mass haloes

that are accreting diffusely and via minor-mergers at z = 0 is also very similar to the integrated

accretion rate density onto black holes residing in similar sized haloes found by Croton et al. (2006),

who argue that radio-mode feedback is more effective in more massive systems. The following

estimate for the total black hole accretion rate density tests the hypothesis that for black holes

with mass MBH residing in haloes with mass MH:

�

i

Ṁi,BH(z = 0) ∼ α
MBH

MH

�

i

Ṁi,H(z = 0), (4.6)

where α is the power-law index in the black hole–dark halo mass relation, and the index i sums

over all galaxy-mass dark haloes and all black holes residing in these haloes at z = 0. Equation

(4.6) hence assumes that black hole growth positively traces dark halo growth, on average (recent

claims by Kormendy & Bender 2011, however, argue that for bulgeless galaxies there is no such

correlation between black holes and their dark hosts, but the interpretation of this as meaning that

there is no such relation for all galaxies has been clearly refuted by Volonteri et al. 2011. In what



4.3. Summary 108

follows the reliability of the assumption in equation (4.6) is not considered, but rather its prediction

for black hole growth is tested). Ferrarese (2002) found that α = 1.65 and that galaxy-mass haloes

with MH ∼ 1012M⊙ have a black hole–dark halo mass ratio of ∼10−5. According to Fig. 4.2 these

haloes with δMH/MH ≤ 0.02 have a total accretion rate density of ∼7.6 × 107M⊙Gyr−1Mpc−3

at z = 0, which when substituted into equation (4.6) yields a total black hole accretion rate

density of ∼10−5.9M⊙ yr−1Mpc−3. This is very similar to the integrated accretion rate density of

∼10−5.8M⊙ yr−1Mpc−3 onto supermassive black holes at z = 0 reported by Croton et al. (2006).

The δ parameter (≡ δMH/MH) is a free parameter in the halosub model, but it is found that

adopting the more classical progenitor mass ratio, χ, to distinguish between merger-type (Fig. 4.4)

yields almost identical results to Fig. 4.2. This provides confirmation that the chosen δ cuts are

indeed capable of separating minor- and major- merger channels. The δ parameter is therefore

probably no more unconstrained than χ.

To summarize, the low rates of accretion onto dark haloes, driven by minor-mergers and diffuse

accretion, may provide an alternative explanation to that proposed by Croton et al. (2006) for

the radio-mode feedback needed to reproduce the observed galaxy luminosity function. The low

redshift feedback phenomenon and its cosmological evolution may be driven by the cosmological

evolution of halo minor-mergers and diffuse accretion rather than requiring accretion out of a hot

gas phase.

4.3 Summary

Outputs from one of the high resolution dark-matter-only HORIZON simulations have been used to

investigate the environment and redshift dependence of accretion onto both haloes and subhaloes.

A method that computes the combined merger- and diffuse- driven accretion onto haloes and all

levels of substructure has been developed and it is found that:

• Halo accretion rates vary less strongly with redshift than predicted by the EPS formalism

when a prescription for tracing the exchange of mass across time is adopted. The level of

disagreement with EPS is somewhat dependent on the chosen accretion prescription, however.

• Comparison with an observational study of black hole growth suggests that dark haloes at

z = 0 could be accreting at fractional rates that are up to 3–4 times higher than their black

holes.
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• Halo growth is driven by minor-mergers and diffuse accretion at low redshift. These latter

accretion modes have both the correct cosmological evolution and inferred integrated black

hole accretion rate density at z = 0 to drive radio-mode feedback, which has been hypothesized

in recent semi-analytic galaxy formation models as the feedback required to reproduce the

galaxy luminosity function at low redshift. Radio-mode feedback may therefore be driven by

dark halo minor-mergers and diffuse accretion, rather than accretion of hot gas onto black

holes, as has been recently argued.

• The low redshift subhalo accretors in the simulation form a mass-selected subsample safely

above the mass resolution limit and mostly reside in the outer regions of their host, with

∼70% beyond their host’s virial radius, and are probably not therefore being significantly

stripped of mass. These subhaloes accrete at higher rates than haloes, on average, at low

redshifts. This is shown to be due to their enhanced mutual clustering at small scales: there is

no significant difference between the halo and subhalo accretor distributions of ∆v/vc, where

∆v represents the relative velocity between an accretor’s main father and one of its other

progenitors, and vc is the accretor’s circular velocity. The very frequent interactions with

other subhaloes of the same host drive the high subhalo accretion rates.

• Accretion rates onto haloes and subhaloes depend only weakly on environment at cluster

scales. It appears that the increased interaction rates in group- and cluster- mass envi-

ronments are not large enough to significantly overcome the large halo relative velocities,

resulting in only a modest net increase in halo accretion at cluster scales. The subhalo accre-

tors only reside in the densest environments and they are likely to be accreting mostly from

their nearby subhalo neighbours, rather than from their host. It is further demonstrated

that haloes accrete independently of their environment at z ∼ 2, as has been found by other

authors, but this behaviour results from examining the clustering of the most massive haloes

with large bias factors. When less massive haloes below M� at low redshift are considered, a

weak dependence between accretion rate and environment at cluster scales arises.

Having examined accretion onto host haloes and their embedded substructures, attention is now

turned towards the second project in this thesis, which investigates the transport of angular mo-

mentum in the vicinity of a Milky Way type gas disk.



Chapter 5

Angular momentum transfer to a

Milky Way disk: computational

techniques

Towards the end of Chapter 1 it was argued that several simulation studies have reported that gas

disks residing at the centre of most galaxies at high redshift grow via a cold mode of gas accretion

(Birnboim & Dekel, 2003; Kereš et al., 2005; Ocvirk et al., 2008; Brooks et al., 2009; Powell et al.,

2011). This ‘methods’ chapter aims to resolve the various galaxy components that channel into the

central region of a resimulated Milky Way galaxy, and to provide a framework for measuring the

amount of angular momentum they transport to its disk.

5.1 Scientific motivation

Understanding how disks acquire their angular momentum is undoubtedly a complex, multiscale

process. On the largest scales of several Gpc, the Universe is thought to be arranged in a complex

web of cosmic structure (Bond et al., 1996; Pogosyan et al., 1998), and simulations with differing

spatial resolution have helped to decompose the intricate patterns of this web (e.g. Sousbie 2011).

It appears that large sheets surrounding Gpc-scale voids intersect to form filaments that funnel

gas from the voids to the intersection nodes of the web, where haloes of dark matter form. The

amount of mass shared between these separate phases has recently been the subject of debate

and involves examining the tidal field tensor that describes the second order derivatives of the

110
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gravitational field, in both the linear (Doroshkevich, 1970) and non-linear (Shen et al., 2006; Hahn

et al., 2007; Aragón-Calvo et al., 2010) regimes of perturbation growth. Yet the general conclusions

of these studies are in agreement: filaments dominate the mass budget. It is hence likely that this

component also carries large amounts of angular momentum to the halo nodes of the cosmic web.

Several recent studies have shed some light on the subject of angular momentum transport by

filaments, on both supergalactic and galactic scales. Danovich et al. (2012) performed a statistical

study of 350 Milky Way dark matter haloes selected from the HORIZON-MARENOSTRUM simula-

tion (details given in Ocvirk et al. 2008, Dekel et al. 2009 and Devriendt et al. 2010) at z = 2.5

with mass MH � 1012M⊙, whose luminous components were simulated with a physical resolution

of 1 kpc. They found that the streams of cold gas flowing towards the disk were oriented in a

narrow plane, and that the angular momentum transported by this infalling component was highly

misaligned with respect to the angular momentum direction of the disk, until the approximate disk

boundary, whereupon it dramatically swung into close alignment. Pichon et al. (2011) analyzed

outputs from a similar run of the HORIZON-MARENOSTRUM suite and examined the nature of fil-

ament trajectories on kpc scales, in an attempt to understand the existence of thin gas disks at high

redshift that are thought to have formed from the inside-out. They demonstrated that material

accreted at the virial sphere carried more angular momentum at later times, and attributed this

phenomenon to a ‘lever’ mechanism: recently accreted gas has travelled from a further distance

and moves with greater velocity owing to the velocity sway of filaments on large scales. It was

further speculated that these large-scale drift velocities arise from the asymmetric cancellation of

motions of gas pumped out of voids. These authors hence concluded that the angular momentum

transported along cold gas flows into halo virial regions originates from large-scale voids. Kimm

et al. (2011) investigated these claims by probing to a lower physical resolution of ∼50 pc in the

NUT simulation (Powell et al., 2011). They found that at the time of crossing the virial sphere

of their resimulated NUT halo, the specific angular momentum of cooling gas was systematically

larger than that of dark matter. They argued that this was a manifestation of a dark matter angu-

lar momentum cancellation effect caused by the mixing of dark matter particles carrying different

amounts of angular momentum at the time of accretion, and justified this claim by demonstrat-

ing that there was a large distribution in the age of the dark matter particles at a given radius

within the NUT halo virial region. The gas accreting onto low mass galaxies like the NUT halo,

on the other hand, does not experience the same angular momentum cancellation effect, as it is
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now generally accepted that gas within these systems cools too quickly to support a shock at the

virial boundary, and hence subsequently acquires a preferential flow direction by streaming inward

towards the central region in a cold phase with temperature T � 104K (Birnboim & Dekel, 2003;

Kereš et al., 2005; Ocvirk et al., 2008). Kimm et al. (2011) then further argued that the observation

within the simulation that freshly accreted gas carries more angular momentum as a function of

time lends support to the lever effect reported by Pichon et al. (2011). Perhaps the most exciting

result from the Kimm et al. (2011) study, however, was the discovery that the amount of specific

angular momentum transported by gas was constant with radius at both low (0 ≤ z ≤ 3) and high

redshifts (z > 3), except for r � 0.1rvir, whereupon it fell dramatically in both of these redshift

regimes. This hints at unresolved complex dynamics within the ‘disk’ regions (e.g. Bett et al. 2010;

Book et al. 2011) of high redshift low mass galaxies, and perhaps arises due to the mixing of gas.

Yet due to physical resolution constraints, the Kimm et al. (2011), Pichon et al. (2011) and

Danovich et al. (2012) studies were neither able to accurately resolve the disk scaleheight and

scalewidth at high redshift, nor the dynamics within the central region. By analyzing outputs from

one of the high resolution NUT simulations, which boasts a resolution scale of 12 pc in physical

coordinates, this thesis rises to the ultimate challenge of attempting to account for the amount of

angular momentum locked-up in a Milky Way type disk that resides in a halo fed by streams of

cold gas, and complements the papers listed above.

5.2 Does a single Milky Way system suffice?

Numerous groups have invested a lot of effort into simulating the evolution of a single (Agertz

et al., 2009; Powell et al., 2011) or a small number (Governato et al., 2004; Agertz et al., 2011;

House et al., 2011; Scannapieco et al., 2011, 2012) of Milky Way systems, and the NUT simulation

analyzed in this thesis falls into the former category. One hence naturally wonders:

• why there is an emphasis on these systems being representative of the Milky Way, and;

• whether it is possible to make statistically meaningful statements regarding the general growth

of galaxy disks by resimulating just a single isolated disk galaxy.

The answer to the first question is that the mass of a Milky Way halo is below the Birnboim

& Dekel (2003) cold mode halo mass threshold, MT, throughout the cold gas filamentary phase at

z � 3, and so a resimulation of this system’s evolution at high redshift provides a natural framework
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Figure 1. Fraction of gas that has been accreted at the virial radius since
z = 6 that has been accreted as “clumpy” (green, top), “unshocked” (blue), and
“shocked” (red) gas. Together, the unshocked and shocked gas make up the
total of smoothly accreted gas that never belonged to another galaxy halo (see
Section 3.2). The total halo masses (in M!) of each of the four galaxies are
listed below their respective bar.

Table 2
Gas Accretion Properties

Galaxy fsmooth fclumpy fshock funshock

H579 0.96 0.04 0.00 1.00
DWF1 0.87 0.13 0.10 0.90
MW1 0.73 0.27 0.65 0.35
GAL1 0.75 0.25 0.79 0.21
H277 0.73 0.27 0.44 0.56
MW1.lo 0.78 0.22 0.62 0.38
MW1.ad 0.49 0.50 0.84 0.16

Notes. The first two columns, fsmooth and fclumpy, are the fractional
quantities with respect to all of the gas accreted to the galaxy since
z = 6. By definition, fsmooth and fclumpy sum to 1.0. On the other
hand, the last two columns, fshock and funshock, are the fractional
quantities with respect to all of the gas ever smoothly accreted to the
galaxy, and sum to 1.0.

numerical uncertainty in our smooth gas accretion fractions is
due to our finite output time interval (320 Myr). Due to output
time step resolution, our fractions in Table 2 for smoothly
accreted gas will be an upper limit. The issue of output step
resolution is explored below (Section 5.1) and it is shown that,
for a Milky-Way-type galaxy, increasing time resolution will
identify a higher fraction of “clumpy” material, but not by
more than 10%, so smoothly accreted gas still dominates the
formation of this galaxy.

The dominance of smooth gas accretion in the baryonic
growth of galaxies agrees with previous simulation results (K05;
Murali et al. 2002). Murali et al. (2002) looked at this question, in
particular. Their mass resolution allowed them to fully examine
gas accretion in galaxies with masses greater than 5.4×1010 M!
in halo mass, and they found that galaxies above this mass
predominantly gain mass via smooth accretion rather than in
mergers. In fact, they find that mergers account for no more than
25% of mass accretion at redshifts greater than 1, and no more
than 35% of growth at z < 0.5. K05 and K08 also concluded
that, in a global sense, the growth of galaxies is dominated by
smooth gas accretion rather than mergers.

Figure 1 shows that, in general, there is a trend in the amount
of “clumpy” accretion as a function of galaxy mass. This figure

Figure 2. Gas accretion rates at the virial radius for “smooth” and “clumpy”
accretion as a function of time for each of the four main galaxies. The solid,
purple line shows the mass in gas that has been accreted smoothly, while the
dashed, red line shows the mass in gas that has been accreted from other galaxy
halos. The present epoch, z = 0, occurs at 13.7 Gyr. Narrow, rapid increases in
the accretion rate are characteristic of mergers.

suggests that as galaxy masses get smaller, the amount of
material accreted from other galaxy halos decreases. This is at
odds with the merger trees of pure DM halos of different masses,
which are statistically indistinguishable (e.g., Guo & White
2008; Stewart et al. 2008; Fakhouri & Ma 2008). However,
Figure 1 represents only accreted gas, and in practice there is
a decrease in the baryon fraction of halos with decreasing halo
mass. The re-ionization of the universe acts to unbind baryons
from halos with Vcirc below ∼ 30 km s−1, and the fraction
of unbound baryons increases as halo mass decreases further.
Our UV background mimics this effect of re-ionization. Gas
loss due to SNe feedback also becomes increasingly effective
at these lower masses. The combined effect is for halos to
become increasingly DM dominated toward lower halo mass
(e.g., Bullock et al. 2000; Hoeft et al. 2006; Governato et al.
2007; Brooks et al. 2007; Okamoto et al. 2008). As smaller
halos merge with even smaller, more DM-dominated halos, the
amount of baryonic material accreted from other halos decreases
with smaller halo masses, as seen in Figure 1.

Figure 2 shows the accretion rate of gas to the virial radius
as a function of time for each of the four main galaxies. Lines
denoting smoothly accreted gas and “clumpy” accretion gas are
shown in purple (solid) and red (dashed), respectively. Major
mergers are conspicuous for all but the lowest mass galaxy,
H579, for which the last major merger occurred at a redshift
greater than 5. The obvious result here, again, is that smooth
accretion of gas that has never belonged to another galaxy halo
dominates the gas accretion history of all of these disk galaxies.
Figure 2 demonstrates that this is true at all redshifts, and not
just for the cumulative case that is shown in Figure 1.

3.2. Shocked Versus Unshocked Gas

Having identified two subsets of gas accretion to the virial
radius, “smooth” or “clumpy,” we now focus on the gas that has
been smoothly accreted. In the classic analytic picture of disk
galaxy formation, this smoothly accreted gas will be shocked as
it enters the virial radius of the galaxy. DB06 showed, instead,
that there is a critical mass below which galaxies are unable to

Figure 5.1: This plot has been taken from Brooks et al. (2009) and demonstrates the importance
of the cold mode in driving the growth of luminous galaxies. Four resimulated haloes spanning
two orders of magnitude in total halo virial mass (dark matter, stars and gas) are shown. The
green, blue and orange regions correspond to the fractional contributions of clumpy (satellites and
stripped material), unshocked and shocked gas to the total mass budget of all the gas that has
accreted onto the virial regions of these haloes between 0 ≤ z ≤ 6.

for examining the cold mode. Concerns of the latter type are therefore addressed in the remainder

of this section, and it is argued that both the high mass nature and the lack of redshift evolution

of MT implies that the cold mode drives the growth of most galaxies at high redshift.

The importance of the high mass nature of MT is best illustrated with reference to Fig. 5.1,

taken from Brooks et al. (2009). These authors tracked the evolution of 7 galaxies with present day

halo masses spanning 3.4 × 1010 ≤ MH/M⊙ ≤ 3.3 × 1012, resimulated using the GASOLINE code

(Wadsley et al., 2004). Their findings in Fig. 5.1 show that over 90% of the total gas mass that

has accreted onto their lowest mass halo since z = 6 belongs to the unshocked gas phase. What is

particularly intriguing is that even for their highest mass halo, whose mass is nearly an order of

magnitude above the cold mode halo mass threshold of MT ∼ 4 × 1011M⊙ (Ocvirk et al., 2008),

this fraction is only reduced to ∼15%. These findings hence suggest that cold gas accretion plays

an important role in the formation and growth of disks in higher mass systems as well: haloes need

to be significantly more massive than MT for the cold mode to have contributed negligibly to the
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growth of their luminous galaxies, and haloes of this kind sample the exponential tail of the halo

mass function and hence constitute only a small fraction of the halo population at a given redshift.

Most haloes are not this massive at high redshift, and hence their galaxy growth is probably largely

supported by cold gas accretion.

The second property that drives the importance of the cold mode—the lack of redshift evolution

of MT—is best highlighted by consideration of the evolution of the break mass M� of the stellar

mass function. Bell et al. (2003) have demonstrated that M� ∼ 7.5 × 1010M⊙ in the K- and g-

bands at the present day, which is only a factor of ∼3 larger than the Kereš et al. (2005) cold

mode stellar mass threshold estimate of MT ∼ 2.5 × 1010M⊙. Hence the fraction of galaxies at

the present day that are expected to have grown via inflows of cold gas at high redshift is large.

The decrease in M� with increasing redshift due to the evolution of the stellar mass function (e.g.

Mortlock et al. 2011), combined with the lack of redshift evolution in MT, also means that a larger

fraction of galaxies are expected to be growing by accretion of cold gas at higher redshifts (z � 3).

Hence even though the isolated NUT halo examined in this study, which formed at the intersec-

tion of three filaments in the simulation, is probably representative of the high redshift evolution

of most low mass galaxies in the local Universe, it does not necessarily correspond to every low

mass galaxy. Pichon et al. (2010) have demonstrated that while the average number of filaments

connecting at halo nodes in the cosmic web peaks at 3, there is a minor population of haloes in

both lower and higher density environments at high redshift that have a fewer and greater number

of associated filaments than 3, respectively. Milky Way haloes at high redshift that are members

of galaxy groups or that are embedded in galaxy clusters are not considered in this thesis, and it

is not obvious whether these systems would further highlight the importance of the cold mode in

driving galaxy growth. The Pichon et al. (2010) study suggests that these systems are connected

by a greater number of filaments than the three that connect to the NUT halo, yet their massive

host haloes are probably above MT, which may mean that these galaxies accrete a large fraction

of their mass in the hot gas phase. At any rate, while this possible environment dependence is an

interesting effect that deserves attention, the fraction of low mass galaxies at high redshift in high

density environments is expected to be lower than the fraction in the field, as massive hosts form

the exponential tail of the halo mass function.

Hence, in summary, despite representing just a single galaxy sample from the myriad of galaxies in

existence at the present day, the NUT simulation examined in this thesis should be regarded as a
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laboratory for conducting analysis on a mode of collimated gas inflow that is likely to dominate the

growth of a large fraction of galaxies at high redshift (z � 3). The aim of this chapter is to quantify

each galaxy component’s contribution to the overall angular momentum budget of the simulated

NUT CO central disk as a function of time. Fulfilling this objective within an Eulerian grid-based

framework inevitably requires a suite of computational tools, and so before analyzing the results,

the algorithms that have been used in this study are presented.

5.3 Methods I: Computing flow properties on user-defined grids

There are numerous references to grids of various dimensions throughout this chapter, and so

before delving into the array of techniques that have been developed to identify the separate galaxy

components (Section 5.4) and compute their angular momentum (Section 5.5), a short summary

that explains how the most fundamental feature of an arbitrary grid—its refinement level �—has

been determined, is provided. This is followed by an explanation of how these grids have been

manipulated to compute: a) the density, temperature and velocity (hereafter ‘flow variables’) at

different locations within the galaxy system, and; b) the centre of galactic rotation �rc, and its

velocity �vc. The following terms—rvir, disk, satellites and virial sphere—are henceforth made in

reference to the NUT host halo.

5.3.1 Grid notations

This study analyzes cubic and spherical grids Gx centred at �rc with physical half-lengths and radii

equal to xrvir, where x ∈ {0.1, 0.15, 0.5, 1.0, 2.0}. Hence the spherical grid G1.0 corresponds to a grid

that encompasses the spherical virial region. The numerical subscript x will be explicitly stated

when discussing a certain grid type, but for comparisons between grid types (e.g. the gas grid Gg

or the stellar grid G�) it is replaced by a symbol denoting the type, and the extent of the grid is

understood. All of the spherical (cubic) grids in this chapter with physical diameter (full-length)

L are subdivided into n cubic cells of equal physical sidelength ∆x and are hence ‘fixed’, obeying

the relation:

∆x =
L

n
. (5.1)
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Since there are 2� cells along each dimension of the physical simulation grid length Ls(z) at level �

(Section 2.1.1), it follows that the refinement level of Gx is given by:

� =
ln (Ls/∆x)

ln 2
, (5.2)

where Ls(z) = 9h−1Mpc/(1 + z) and � is rounded to its nearest integer value. It will be demon-

strated later in this section that the routine responsible for generating fixed grids at a given loca-

tion requires L and � as inputs at runtime, and so the preliminary codes, whose purpose was to

choose these parameter values, always strived to match the n and � values that corresponded to

∆x = ∆xmin, the minimum allowed value of ∆x determined by the universal physical resolution

limit of 12 pc in the cooling run (which is hereafter abbreviated to the CO run as in Section 2.3.2).

Limited memory availability meant that n could not exceed 1024, however, and so � was succes-

sively decreased in integer units in equation (5.2) until this constraint was satisfied. Hence ∆x for

the grids enclosing the rvir and 2rvir regions tended to increase in deviation from ∆xmin with time,

as the virial radius of the host (and hence L) expanded. This time bias did not affect the smaller

grids G0.1 and G0.15 used for performing the angular momentum computations, however, as their

cell width was always maintained at the resolution limit.

5.3.2 Obtaining Gg,G� and GDM

The amr2cube routine from the RAMSES package1 has been used to compute the flow variables

within gas grids Gg. This code uses the grid centre (corresponding to the centre of the clump of

stars belonging to the main host), and the values of L and �max inserted at runtime, to perform

two simple tasks. It begins by constructing Gg and locating the cells within Gg that do not contain

further subcells. Each of these nodes is then assigned the gas flow variables that have been computed

for its counterpart on the simulation grid over the same region. Gg hence contains multiple cells i

with �min ≤ �i ≤ �max, where �min = 7 and �max is given by fixing ∆x in equation (5.2) to ∆xmin

(but recall that the inserted value of �max for G1.0 and G2.0 is not necessarily guaranteed to match

this upper limit for late times, as discussed in Section 5.3.1). The second stage of the algorithm

involves transforming the multi-level grid to a fixed grid of equal cell sizes, and so Gg is divided in

such a way that each cell is refined to the same level (�max). The flow variables are then interpolated

to the fixed grid.

1
http://web.me.com/romain.teyssier/Site/RAMSES.html



5.3. Methods I: Computing flow properties on user-defined grids 117

Fig. 5.2 further illustrates the gas cube construction process within the amr2cube code by making

reference to a density grid, which for simplicity is shown in 2D. The left panel represents the

dimensions of the grid inserted at runtime and corresponds to the simulation grid Gsim refined up

to the inserted value of �max over the same region. The cell labelled j in the purple oct represents

a grid node as it does not contain further child octs, and so the density it is assigned is directly

read from the corresponding cell on the simulation grid. Cell i within the red oct (which itself is a

child of the blue oct) is also a node, and in this mock scenario it has been refined to the inserted

value of �max, hence its density value is also read from the simulation grid. Once every node with

the specified region has been assigned a density, amr2cube refines every cell to �max, as shown in

the right panel. Cell j has therefore been divided into a higher level oct, with its density assigned

to each cell member within this newly created oct. Cell i, by contrast, is already at �max and so

no interpolation is required. The appropriate cell volumes between the left and right panels ensure

that mass (momentum) is conserved upon interpolation of density (velocity components).

Having computed Gg, it may seem misleading to introduce the notion of dark matter grids

GDM and stellar grids G�, as these components are represented by particles in the simulation and

hence their properties should not need to be computed on a grid. G� and GDM are required in the

densest cell computation described later in Section 5.3.3, however, and so the part2cube routine

from the RAMSES suite has also been used in order to generate particle grids with exactly the

same dimensions as the gas grids computed by amr2cube (see the right panel of Fig. 5.2). The

part2cube algorithm performs a Cloud-in-Cell smoothing technique of each particle’s mass using

periodic boundary conditions. The box centred on the yellow particle in Fig. 5.2 corresponds to

the cloud volume, and each neighbouring grid cell (e.g. the green cell) that intercepts this cloud

is assigned a portion of the particle’s mass according to the fractional volume shared between the

cloud and the neighbouring cell (shaded area). Mass is hence also conserved by construction in the

part2cube routine.

With Gg, G� and GDM now defined over a given region, the subscript in reference to the inserted value

of the maximum refinement level is henceforth dropped, and it is understood that �(Gx) = �max(Gx).
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j

i

Set �cell = �max

ρj

ρi

Gsim up to �max G�,GDM,Gg

Figure 5.2: A simple example illustrating the principles of the amr2cube and part2cube routines that
have been used to compute the flow variables within fixed grids. A density grid is considered here.
The amr2cube code starts by reading the densities of all the cell nodes (e.g. i and j) from their
counterparts on the simulation grid Gsim (left panel), and these values are then interpolated to cells
on a fixed gas grid Gg whose cell width is determined by the value of �max inserted at runtime, as
shown by the thin black dashed divisions in the right panel. The part2cube routine locates the star
and dark matter particles within the fixed grid and performs a Cloud-in-Cell smoothing of their
mass over a fixed cell volume. This scheme is shown for the yellow particle in the right panel, and
the shaded area represents the fraction of its mass assigned to the neighbouring green cell. Gsim is
superimposed on the fixed grid in the right panel (thick black lines) to help illustrate the cellular
interpolation process, and cells i and j are coloured according to their member octs on Gsim.

5.3.3 Estimating the location and velocity of the centre of galactic rotation

The grids from the previous section have been computed over regions centred on the densest location

within the host galaxy’s group of stars. As argued below, the location and motion of this point

are not always the best representations of the centre of rotation �rc and velocity �vc of the host disk

galaxy. More accurate estimates of these quantities, which are of central importance to most of the

algorithms in this chapter, are hence required.

There are two obvious candidates for �rc within the central galaxy: 1) the densest cell, which

is likely to correspond to the disk centre, and; 2) the centre of mass. Even though both of these

definitions have been found to yield very similar estimates of �rc, it is worth briefly highlighting

their relative advantages and disadvantages in the general case. The densest cell has the desirable

property that it represents a local minimum in the gravitational potential that is likely to often

correspond to the centre of the gas disk. Its drawback is that it is potentially subject to noise, and

may, for example, coincide with a massive clump of stars born in a region slightly offset from the
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disk’s centre, at an epoch where the stars dominate the mass budget of the densest cell. While this

was not found to be a problem in the CO run, it could become more significant when supernovae

feedback is included in future extensions. The centre of mass, on the other hand, has the advantage

that it is well-defined for a gravitationally bound object, but at high redshifts where the main host

undergoes major-mergers, it could be located in a region relatively devoid of mass, which is unlikely

to correspond to the centre of the disk. This study therefore adopts the densest cell as the best

estimate of �rc.

Fig. 5.2 has shown that cells within a fixed grid have equal volume, and so the procedure for

identifying the densest cell began by constructing grids G0.1 centred on the group of stars belonging

to the host galaxy. A grid radius of 0.1rvir has been chosen for three reasons: (i) it represents the

region where the amount of specific angular momentum transported by gas starts to decline (Kimm

et al., 2011); (ii) it fully encloses both the gas disk at each time-step (as has been confirmed by

visual inspection of the final output at z = 3) and the centre of the host dark matter halo identified

by the halo-finder, and; (iii) it mostly includes material bound to the central galaxy, unlike more

extended regions, which probably contain larger amounts of diffuse gas. The total density of the

i
th member cell within G0.1 is given by:

ρi = ρDM + ρ� + ρg, (5.3)

and so the densest cell ρmax was computed by simply summing Gg, G� and GDM over the 0.1rvir

region and identifying the cell with the maximum density. It was found that the gas dominated

the mass budget of G0.1 at high redshift, whereas the stars dominated at lower redshifts. At

z = 3 (z ∼ 9), for example, the fractional contributions to ρmax were ∼0.97 (0.17),∼0.02 (0.01)

and ∼0.01 (0.82) for the stars, dark matter and gas respectively.

The velocity of the centre of disk rotation �vc has been approximated by the centre of mass

velocity �vcom of G0.1:

�vc � �vcom =

�
j mj�vj�
j mj

(5.4)

�vj = �uj + �wj , (5.5)

where the sum is performed over all of the gas cells and stellar and dark matter particles within

0.1rvir. The velocity of the disk centre can be thought of as consisting of three components: a bulk
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streaming part �u, an internal random component �w and a rotational motion about its centre. In

the centre of mass frame of disk rotation, this latter component is zero by definition. The disk is

also likely to have a negligible net random velocity in this frame, as the non-zero �wj largely cancel

upon mass-weighted summation. It is therefore important that the estimate for �vc is dominated by

the disk’s bulk motion. However, this constraint is not necessarily satisfied when one considers the

velocity of the densest cell because the physical cell size of 12 pc limits the amount of gas within

the cell, potentially yielding a non-negligible random velocity component. It is also possible that

the densest cell rotates about the disk’s centre of mass, especially if there are multiple dense stellar

clumps in the central region. By contrast, there are a large number of cells and particles that

contribute to the centre of mass computation in equation (5.4), and so there is a higher probability

that the net random motion is zero and hence closer to the bulk velocity with this choice of �vc.

Despite the above differences in definition, these approximations for �rc and �vc have proved to be

robust—when just the stars were used in determining the densest cell or centre of mass, similar

results were obtained.

5.4 Methods II: Resolving the galaxy components

This section describes the algorithms that have been used to identify the likely sources of the disk’s

angular momentum within the virial region, and is divided into three main subsections. The details

of the halo- and galaxy- finder are briefly reviewed in part one, the filament identification routine

is presented in part two, and the satellite-finding algorithm is discussed in part three.

5.4.1 Resolving galaxies and following their merger histories

The MSM subhalo-finding algorithm (Section 2.2.2) has been used to resolve dark matter haloes

and stellar clumps, and has been run with the same cosmological parameters as the NUT CO run

(Section 2.3.2). Each resolved dark matter object and stellar clump was forced to contain at least 40

and 100 particles respectively, to ensure reliable detections. The stellar clump resolution limit was

set above the dark halo limit because the clump-finder fragmented the disk into several separate

groups of stars when lower thresholds were imposed. The TreeMaker code (Section 2.2.3) then

provided a list of all the fathers and sons of every halo and subhalo, and every stellar clump and

subclump.
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5.4.2 Disentangling the filaments

In order to ascertain whether cold filament flows control the mass and angular momentum budget

of the disk at high redshift, it is necessary to first define gas belonging to the filamentary phase

and then resolve the individual trajectories. The techniques adopted to perform these tasks are

explained in this section.

The tracer particle colouring algorithm

Powell et al. (2011) have shown that parcels of gas whose number density of hydrogen atoms n

and temperature T simultaneously satisfy 0.1 ≤ n/cm−3 ≤ 10 and 0 ≤ T/K ≤ 2 × 104, are

representative of gas belonging to filaments in the NUT simulations at high redshift (z ≥ 9). To

tackle the possible time evolution in the filament density cuts, Kimm et al. (2011) introduced

a prescription between the lower threshold and the background density, arguing that large-scale

filament density is gravitationally coupled to the expansion of the Universe. They defined the lower

number density bound nL as:

nL ≡ δf ρ̄fbXH

mH
, (5.6)

where ρ̄, δf , fb, XH andmH are respectively the mean density of the background, the density contrast

of the filament (measured with respect to ρ̄), the fraction of the total mass in baryons (≡ Ωb/ΩM),

the primordial relative mass abundance of hydrogen (76%), and the mass of a hydrogen atom. A

typical value of nL from the NUT CO run is ∼0.01 cm−3, which is an order of magnitude lower

than the fixed Powell et al. (2011) estimate. This difference is not surprising, however, as Powell

et al. (2011) only examined filament gas flow rates onto the central NUT galaxy down to z = 9

and were therefore somewhat justified in ignoring the evolution of the density of the filament phase

in equation (5.6). By contrast, the filaments in this thesis are resolved down to z = 3 and hence

evolution in their density is more significant.

It was found that an upper temperature limit of Tu ≤ 2× 105K detected filaments to a higher

level of accuracy for z ≥ 3 in the CO run than the classical cold mode temperature of Tu ≤ 2×104K

(e.g. Kay et al. 2000; Birnboim & Dekel 2003; Kereš et al. 2005) at which gas is thought to cool

via Lyman-α emission (e.g. Fardal et al. 2001). There are two likely reasons for this. Firstly, the

UV background at the epoch of reionization (zre = 8.5) heats the ISM and hence the filament gas.

Secondly, the absence of feedback from supernovae in the CO run causes the filaments to remain
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hotter for longer, as cooling is not so efficient in low metallicity environments (e.g. Sutherland &

Dopita 1993). Therefore, in order to identify the neutral hydrogen and helium gas in the filamentary

phase in this study, the density and temperature (hereafter nT ) criteria reported by Powell et al.

(2011) have been used for z ≥ 3, but the lower density threshold has been replaced by the value

given by equation (5.6) and the upper temperature limit has been increased to Tu = 2 × 105K.

This particular choice of Tu is also consistent with the definition adopted in other similar studies

(e.g. Kereš et al. 2009; Faucher-Giguère et al. 2011).

The left panel in Fig. 5.3 shows an image of the three filaments within 2rvir of the host centre

at z ∼ 10 in the CO run, found by imposing the nT criteria. This image has been generated using

the VAPOR software2. The rightward red, upward green and forward blue arrows correspond to the

x, y and z directions respectively, and the colour scale indicates the corresponding log10(n/cm−3)

densities. It will be demonstrated later in this section that the nT criteria can include gas gravita-

tionally bound to satellites as part of the filaments, but a discussion of how gas that is shared by

filaments and satellites is apportioned between these two phases is preserved for Section 5.4.3.

The filaments in the left panel of Fig. 5.3 occupy three distinct regions at z ∼ 10 on large scales

approaching 2rvir, and the flow appears to be ordered and mostly radial. The dynamics of the

gaseous motions in the central region are far more complex, however, as demonstrated in the right

panel of Fig. 5.3, which shows the velocity flow vectors of filament gas within the virial region at

a later time (corresponding to z ∼ 8) when the system has evolved to a different configuration.

VAPOR computes these velocity trajectories by performing a numerical flow integration of the

velocity field within the volume-rendered region over a small time interval (see, for example, Clyne

& Rast 2005). The starting points of the integration were randomly distributed over a small box

that was placed along each filament outside the central region, and the flow lines generated from the

subsequent integration represent an estimate of the individual filament trajectories, which bend,

twist and mix with each other in the central region, yet often remain intact. In order to test the

hypothesis that the disk acquires its angular momentum from filamentary motions, it is critical to

follow these separate individual filament trajectories. A suitable tool for performing this Lagrangian

exercise is the use of tracer particles, which have been demonstrated to preferentially trace filament

flows in galaxy simulations (Pichon et al., 2011). The tracer particles in the NUT suite have an

identical spatial distribution to dark matter at the beginning of each simulation, and are assigned

2
www.vapor.ucar.edu
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Figure 5.3: Images of the filament gas within a box centred on the main host at z ∼ 10 (left)
and z ∼ 8 (right) in the CO run, generated using the VAPOR visualization tool. The sidelength of
the box in the left panel corresponds to 4rvir (∼17 kpc) and this face-on view illustrates the clear
separation of the filaments into three distinct regions (labelled accordingly) at large scales and early
times. The image in the right panel shows the inner virial region (∼7.5 kpc) at lower redshift when
the dynamics of the system have changed, and the velocity flow tubes demonstrate the complex
trajectories of gas flow within the gas disk region, colour coded according to the filament that
they are likely to trace. The density of the gas has been dimmed and the viewing angle rotated
to best highlight each trajectory. Both panels have been refined to � = 16, corresponding to a
physical cell width of ∼17 pc (left) and ∼22 pc (right), and the colour bar indicates the gas density
in dimensionless units of log10(n/cm−3), where n is the number density of hydrogen atoms per
cubic centimetre. Filament gas has been detected by applying the nT criteria, but gas with density
log10(n/cm−3) < −1 has been excluded from both figures for clarity. The rightward red, upward
green and forward blue axes correspond to the x, y and z directions, and the vertical and horizontal
black planes in the left panel show the spatial cuts in the x and y directions that have been used to
start the colouring of the tracer particles, which is a technique that has been developed to separate
each of the filaments at high redshift (see text).

zero mass so as to follow the velocity field within the host virial region.

The algorithm that resolves each filament at high redshift is henceforth referred to as the ‘tracer

propagation method’, and consists of three principal stages:

1. Colouring the tracer particles across time

At some initial early time t1, planar cuts are used to divide the filaments into distinct regions.

Each region is assigned a unique colour, and tracer particles are initially coloured according

to the region in which they reside.
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For later times, the positions of coloured tracers �ri(t − 1) from the previous time-step t − 1

that spatially coincide with a filament at the current time-step t, are updated to their new

locations �ri(t). Each uncoloured tracer j that has just moved onto a filament trajectory

within the region R covered by the fixed spherical grid (which grows with time) is assigned

the majority colour of its nearest N coloured tracer neighbours at t (N was at least 100).

2. Colouring the grid

Once all of the filament tracer particles within R are coloured, the overall colours of the cells

within the grid spanning R are determined. The prescription used in this study enforces the

condition that each coloured tracer cell is ‘pure’, consisting entirely of particles with identical

colour.

3. Individual filament growth

Pure cell colours are then propagated to neighbouring uncoloured filament cells within R.

Each of these steps is now explained in more detail.

Step 1: Colouring tracers at each time-step

The horizontal and vertical black planes in the left panel of Fig. 5.3 show the cuts that have been

used to separate the filaments at the initial time-step in the CO run, corresponding to z ∼ 10.

These planar cuts have only been applied in the x and y directions and intersect at the densest

cell location within the virial sphere, corresponding to the point of rotation of the system (Section

5.3.3). Each separate region is subsequently assigned a unique colour and all of the tracer particles

within rvir that coincide with a filament cell (as identified using the nT criteria) are given one of

these colours depending on the region they occupy. This method therefore initially resolves a single

filament per region, by construction, and throughout this chapter reference will be made to the

purple, yellow and red filaments in regions 1, 2, and 3 respectively.

The Lagrangian nature of the system poses two computational difficulties when assigning colour:

• filaments mix in the vicinity of the disk (as can be seen in the right panel of Fig. 5.3), and;

• filaments acquire a drift velocity on scales r � rvir (Pichon et al., 2011), which can lead to

them switching between regions within rvir as the host grows.

Filament trajectories are hence not necessarily confined to a single region, and so several tracer

particles are incorrectly coloured when using the planar cuts. To tackle the first issue of mixing,
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the filament trajectories are not resolved until the following time-step t2, by which time the vast

majority of the incorrectly coloured particles within 0.1rvir at t1 have accreted onto the disk during

the ∆t = t2− t1 interval, and are therefore no longer associated with a filament (the upper panel of

Fig. 5.4, which is discussed in more detail later in this section, provides a visual justification of this

assumption). To circumvent the second issue of filaments acquiring drift velocities on large scales,

previously flagged tracer particles i at locations �ri(t1) that have moved during the ∆t interval, are

updated according to their new instantaneous locations �ri(t2) at the following time t2, provided that

they coincide with filament cells at t2. All of the newly accreted tracer particles that are co-spatial

with filaments within the (larger) host spherical region at t2 that have not been assigned a colour,

are given a colour according to their host region. At subsequent time-steps tj (t3 onwards), the

newly accreted tracer particles are instead assigned the majority colour of their N nearest coloured

tracer neighbours that sample the filaments at �ri(tj). Rather than being directly sorted, which is

computationally expensive for this type of problem, the distances between each new tracer particle

and each of the coloured neighbours have been binned, and the particles in ascending bins have

been extracted until N is at least 100 (the size of the bins are chosen such that the variation in

the number of neighbours considered is small). The new tracer particles are then assigned the

majority colour of their N neighbours. Note that the above neighbouring scheme cannot be used

for t2 because the constructed filament trajectories are not known until the end of the time-step

(see steps 2 and 3 below).

The colouring of tracer particles moving along filaments at a given time-step tj takes place over

a spherical grid G2.0 of radius 2rvir centred on the densest cell within the central region. If a smaller

colouring radius of rvir is chosen, most of the tracer particles at the subsequent time-step tj+1 move

into the 0.1rvir disk region. Filaments can then appear to mix at large scales or swap positions when

using a nearest coloured neighbours scheme at tj+1. To illustrate this point further, it is possible

that a group of yellow tracer particles reside just outside the disk region and act as the nearest

neighbours to an uncoloured tracer particle moving along the purple filament’s trajectory. The new

particle is hence coloured yellow rather than purple, and this colour risks being propagated along

the length of the purple filament at later time-steps. One solution to this problem is to sample

regularly along a greater length of each filament at every time-step, which involves colouring over

a larger radius, and this is the approach undertaken in this study. A sphere radius of 2rvir is used

because coloured tracers between rvir(tj) and 2rvir(tj) were found to populate the full length of the
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rvir(tj+1) region with this scale choice, largely nullifying any risk of incorrect colour assignment in

the central region where the angular momentum computations are performed.

The upper panel of Fig. 5.4 shows tracer particles colour coded according to the filament they

sample at z ∼ 9.5, updated to their new filament positions at z ∼ 9. The displaced tracers extend

across the full virial region at z ∼ 9 (given by the inner solid circle), and so new tracers entering

the 2rvir region at this epoch (denoted by the outer solid circle) are appropriately coloured. Since

colour is propagated across time, one is able to test the overall performance of the method by

considering the final output. Coloured filament tracers within 2rvir at z = 3 are hence shown

in the lower panel of Fig. 5.4 (only 5% of all the coloured filament tracers are plotted for clarity,

but this subsample is representative of the whole distribution). The purple and yellow filaments

undergo a merger around z � 5.5 in the NUT simulation (this is discussed in more detail Chapter

6), and the algorithm clearly captures the aftermath of this merger as only the purple and red

tracer particles remain at z = 3. The filaments are highly perturbed within the inner virial region

and trace complex trajectories, no longer displaying the ordered gas inflow seen at higher redshift

in the upper panel. The dashed circles enclose the 2rvir regions at the previous time-steps, and are

centred at the densest cell positions at these times. The offset in centres between the outer solid

and dashed circles indicates the motion of the central point of rotation, which is more stable at

late times when major-merger activity is reduced.

Step 2: Determining the colours of the grid cells

By this stage, every tracer particle in a filament cell within rvir at time-step t2 has a colour. It is,

of course, possible that several tracer particles with different colour belong to the same cell using

the above scheme, and so the next task is to assign an overall colour to each tracer cell (particles

located in non-filament cells within rvir are ignored, so that only filaments are resolved). A fourth

‘contaminated’ colour was therefore introduced, corresponding to cells that contained at least one

tracer particle whose colour was different to that of the other particles. By contrast, ‘pure’ cells

consisted entirely of tracer particles of identical colour.

In this study, the contaminated cells are ignored and only the pure cells are considered reliable

filament tracers. It may seem that filaments are unnecessarily under-sampled with this approach

(an extreme example being a cell containing N tracers, where N is large, with N − 1 of the same

colour and only one of different colour), especially since the cell width of G2.0 increases with time

(as discussed in Section 5.3.1) to ∆x ∼ 190 pc (physical) at z = 3, hence increasing the likelihood
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Figure 5.4: These gas density images are z projections of the large-scale region surrounding the
central disk in the CO run, and illustrate the spatial distribution of particles tracing the filaments
at z ∼ 9 (upper panel) and z = 3 (lower panel). The inner and outer solid circles have radii equal
to rvir and 2rvir respectively, where rvir ∼ 5.3 kpc (upper) and rvir ∼ 31 kpc (lower). The dashed
circles represent the 2rvir regions at the previous time-step, corresponding to z ∼ 9.5 (rvir ∼ 4.7 kpc)
and z ∼ 3.04 (rvir ∼ 30 kpc). All of the circles are centred at the location of the densest cell in the
disk region at the relevant time-step. Upper panel: Those tracer particles that have been identified
with each of the purple, yellow and red filaments at z ∼ 9.5 and that coincide with filament cells
refined to � = 15 (∆x ∼ 38 pc) at z ∼ 9, have been updated to their new positions. The offset
in centres between the outer solid and dashed circles arises due to the motion of the centre of
disk rotation, and the gap between each set of coloured tracers and the dashed circle highlights
the displacement of the tracers over the time interval. Uncoloured new tracer particles that have
crossed the 2rvir sphere over the interval and that move along filament trajectories at z ∼ 9 have
been omitted. Lower panel: The filament configuration at � = 14 (∆x ∼ 190 pc) for the final
time-step at z = 3. This image includes both updated coloured tracers and new tracers that have
been assigned a colour using the nearest neighbours method (see text). In Chapter 6, it will be
demonstrated that the purple and yellow filaments start to merge around z ∼ 5.5, with the former
filament surviving, and this is confirmed by the absence of yellow tracers in this panel. Only 5%
of all the coloured filament tracers are shown at this time-step, for clarity.
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of finding a contaminated cell. The decision to only assign filament colour to pure cells is justified

for two reasons, however: (i) there are sufficient numbers of pure coloured tracer cells to reproduce

the apparent trajectories of each filament at a given time-step (as demonstrated in step 3 below),

and; (ii) the use of ad-hoc criteria to help decide the overall colour of a cell that contains a certain

ratio of particles of different colours is avoided.

Step 3: Constructing the individual filaments

The above pure tracer cell colour assignment yields far fewer coloured cells than the total number of

filament cells found using the nT selection criteria (for example, G1.0 at z ∼ 8 contained ∼2.6×104

pure tracer cells and ∼1.6 × 107 filament cells). One might näıvely think that the remaining

uncoloured filament cells should be assigned the colour of their nearest tracer cells, in concordance

with the tracer particle colouring method. However, given the sparse sampling of tracer cells with

pure colour, there is a danger with this approach of incorrectly colouring a cell that belongs to a

purple filament, red (for example), in regions where the two filaments come into proximity, because

there just so happens to be a red tracer cell in its vicinity. This issue is not so important for

the uncoloured tracer particles entering filaments within the 2rvir region (step 2), because: a) the

distribution of coloured tracers along each filament is not as sparse as the corresponding number

of pure tracer cells over the same region, and; b) most of the tracer colouring takes place on large

scales, beyond the central mixing region.

The final step of the filament identification algorithm therefore includes a colouring scheme

that grows each filament around the pure colour cells, illustrated in 2D in Fig. 5.5. The filaments

are simultaneously grown around the filled squares, which correspond to the tracer cells with pure

colour. Their filament neighbours (i.e. cells which satisfy the nT criteria) are shown as the hollow

squares, and are coloured according to their filled neighbour’s colour. Therefore, after the first round

of growth, all of the hollow squares in Fig. 5.5 become filled squares and are flagged. In the second

round of colouring, the uncoloured unflagged filament neighbours of these newly filled squares are

considered. The procedure terminates once all neighbours of neighbours etc, are coloured and the

only remaining neighbouring cells are non-filament or previously-coloured cells. Note that only

pure colours are propagated: the contaminated tracer cells are skipped in order to avoid mixed

regions extending into regions where filaments do not physically mix.



5.4. Methods II: Resolving the galaxy components 129

Figure 5.5: A diagram illustrating the colour propagation technique on G1.0 for a mock filament
configuration. Each pure tracer cell is shown as a filled square and filament neighbours are drawn
as hollow squares. The three filaments are grown simultaneously, promoting the hollow squares to
filled squares, and the filament neighbour cells are flagged upon colour assignment. Neighbours
of these cells are then examined and the colouring method is repeated until there are no more
uncoloured filament neighbours remaining. The disk region is shown by the blue circle.

Errors

In order to resolve individual filament trajectories, one requires a prescription for determining gas

in the filamentary phase, and in this study the nT cuts have been used. While these cuts are

only approximate, Powell et al. (2011) have argued that their associated errors are likely to be

negligible because these authors found that these cuts were able to successfully resolve filaments

(as confirmed by visual verification) around the disk in the NUT suite runs with ∆xmin = 0.5 pc.

Hence the errors associated with the nT criteria are ignored in what follows, and the constructed

filaments are calibrated against their nT counterparts.

It is possible to estimate the significance of the errors in the filament colour propagation scheme

by performing two simple tests:

1. compute the fraction of filament cells recovered, and;

2. determine whether the apparent behaviour of the individual filament trajectories is captured.

The colouring algorithm does not guarantee that every filament cell is assigned a colour because it

is not able to propagate colour between physically unconnected filament clumps. Fig. 5.6 examines
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Figure 5.6: Filament recovery errors associated with the tracer colour propagation scheme, shown
as a function of redshift and grid radius. The errors at each epoch correspond to the number
of filament cells that are not assigned a pure colour by the algorithm, expressed as a fraction
of the total number of filament cells found using the nT criteria. The grid covering the 0.15rvir
region has the highest spatial resolution of the three grids and is used for the angular momentum
computations.

the relative importance of these pathological scenarios by showing the number of filament cells left

without a colour upon application of the propagation method, as a fraction of the total number of

filament cells found by applying the nT criteria, for different grid sizes at z ≥ 3 in the CO run. It

can be seen that errors of type 1 mentioned above are negligible at all times and are never above

the percent level.

Errors of type 2 are now examined. Since the aim of this project is to measure the amount

of angular momentum transferred to the disk by filaments, the trajectories of these cold flows

in the disk’s vicinity are required to a high level of precision. The filament reconstruction stage

(step 3 of the colour propagation algorithm) was hence repeated over the 0.15rvir region to ensure

that the angular momentum calculations around the disk were performed at the resolution limit

(this particular choice of grid radius is justified in Section 5.5.3). Once constructed, it is natural

to wonder whether the filament trajectories are representative of their ‘true’ counterparts in the

simulation. A rigorous quantification of the relative discrepancies appears to be a non-trivial task,

and so a visual check was adopted instead. Fig. 5.7 shows 3D images of the density of each filament
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from the right panel of Fig. 5.3, as found by implementing the colour propagation technique on G0.5

with spacing ∆x ∼ 12 pc at z ∼ 8. By zooming into the larger 0.5rvir region at the resolution limit,

it is possible to test the algorithm’s ability to follow each filament onto the disk. The viewing angle

in each panel of Fig. 5.7 has been rotated to demonstrate the nature of the individual trajectories,

and varies from filament to filament. By comparison with the right panel of Fig. 5.3, it appears

that the separate paths are correctly identified to the point of disk contact, and that the curvature

about the disk region is particularly well-resolved, which is most evident for the yellow filament in

region 2. Note that the sudden upturn of the red filament’s inner trajectory in Fig. 5.3 after mixing

in the central region is captured by the colour propagation routine. Fig. 5.7 hence suggests that

the algorithm is successful in constructing each filament’s trajectory.

5.4.3 Locating the satellites

There are two types of satellite in the simulation: satellites with a dark matter halo and satellites

whose dark halo component has been stripped by tidal forces and is hence not detected by the

halo-finder. One property all satellites share in common, however, is that they are substructures

of the main host. As shown in the upper panel of Fig. 5.8 (which is discussed in more detail

later in this subsection), luminous satellites in the simulation are often found to stream along

filaments, eventually merging onto the central disk, perhaps transporting large amounts of angular

momentum in the process. One is therefore faced with the following dilemma: should the angular

momentum of gas gravitationally bound to a satellite, which itself is drifting along a filament,

be solely attributed to the satellite? The answer to this question in this study is chosen to be

‘no’: only gaseous material within the virial region of a satellite that does not satisfy the nT

criteria and that lies above the upper filament density cut, is apportioned to the satellite phase.

‘Satellite’ is therefore made in reference to the central dense galaxy component that most probably

dominates the ‘true’ satellite angular momentum signal. Since this definition neglects gas that is

gravitationally bound to the satellite beyond its central region, it is tempting to think that an

alternative scheme that attributes all the gas within the satellite dark halo to the satellite phase

would provide a more reliable estimate of the satellite angular momentum. The issue with this

approach is that large spherical regions would be masked out of the filaments, leaving behind

unphysical filament trajectories. The advantages of the satellite definition adopted in this work are

hence two-fold:
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Figure 5.7: These VAPOR images illustrate the trajectories of each gas filament on G0.5

(rvir ∼ 7.5 kpc) at z ∼ 8 in the CO run with � = 17 (∆x ∼ 12 pc), as identified by the colour
propagation technique. Each panel corresponds to the updated versions of the purple, yellow and
red filaments associated with regions 1, 2 and 3 respectively in the left panel of Fig. 5.3, and follows
the same density colour scaling as in previous figures. The black curved arrow in the top panel
indicates the gas flow direction of the purple filament.
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• only small regions are masked from the density field, leaving the filament trajectories largely

unperturbed, and;

• the highest density material that is likely to dominate the satellite angular momentum budget

is accounted for.

The remainder of this subsection is now devoted to describing the technique that has been adopted

to identify both the stellar and the dark matter satellites. For simplicity, reference is made to dark

matter satellites in what follows, but the same method applies to stellar clumps detected by the

clump-finder.

A substructure i that is classed as a satellite of the host at a given time-step ti, satisfies both

of the following criteria:

• it partially or fully infringes the host’s virial sphere at ti, and;

• it has previously been a halo.

The former condition ensures that only substructures within the host’s virial region are considered,

and is hence satisfied should any region within satellite i’s virial radius also be contained by the

host’s virial sphere. If it is, then i is flagged as a satellite candidate, otherwise it is skipped.

Assuming i is a satellite candidate, the latter condition involves computing its merger tree, and

if at any time-step along its main branch one of the main progenitors becomes a halo, then i is

flagged as a satellite.

In order to compute the main branch along i’s merger tree, the progenitor that donates the

most mass to i is identified: this progenitor, j, is called the ‘main progenitor’, and the link from i to

j is referred to as the ‘main branch’ (following Section 3.2.2). Object j may be a halo (and it would

then be concluded that i is a satellite), or it may be a subhalo (in which case the main progenitor

of j, k, is found and the same set of criteria is applied to k). Another possibility is that j is diffuse

background material, not bound to any halo or subhalo: in this scenario, i never originated from

a halo and so would not be flagged as a satellite. A further possibility is that each of the main

progenitors are bound objects but were never haloes, and that i was born as a subhalo—i would

not be identified as a satellite if this were true either.

To summarize, the satellite-finding algorithm adopted in this study imposes the condition that

in order for a subhalo to be a satellite at time t, it must have been a field halo at some point earlier
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Figure 5.8: Projections along the z direction of all the gas within a box of sidelength equal to 2rvir,
corresponding to the diameter of the orange circles. The centre of each image coincides with the
centre of the stellar clump of the host galaxy at z ∼ 8 (top) and z = 3 (bottom), with � = 16
(∆x ∼ 22 pc) and � = 15 (∆x ∼ 95 pc). The virial regions of the stellar and dark halo satellites
of the main host, as identified by the satellite-finding algorithm, are shown by the red and white
circles respectively, with each circle centred at the densest member star identified as part of the
satellite. The constituent satellite stars have been detected by the clump-finder, and are shown as
small filled black circles. The white horizontal bars and vertical colour bars indicate the length scale
(in physical kpc) and the density colour scale (in dimensionless units of log10 number of hydrogen
atoms per cubic centimetre) respectively. Note that the large stellar satellites in the upper right
corners of both panels have not been identified as luminous satellites because their virial regions
do not infringe the host’s virial sphere at these epochs.
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in its merger history. Note that this method allows objects to share the same main progenitor

and hence maximizes the number of possible satellites, resulting in the purest filamentary angular

momentum signals once the central satellite galaxy regions have been masked. Fig. 5.8 shows z

projections of the gas density within the host virial region (orange circle) at z ∼ 8 (upper panel) and

z = 3 (lower panel), and includes all the dark matter satellites (white circles) and stellar satellites

(red circles) that have been found by applying the technique described in this subsection. Each of

these circles is centred on the densest point of the object it represents, as identified by the halo and

stellar clump-finder. The filled black circles correspond to the constituent stellar particles of each

stellar satellite, which are not necessarily constrained to their host’s virial region, as illustrated for

the elongated satellite in the lower panel. This occurs because some of the member particles reside

in the outer ellipsoidal shells that violate the virial accuracy condition (Section 1.2.2).

Fig. 5.8 hence confirms that all of the apparent luminous satellites are captured by the satellite-

finding algorithm at the two extrema of the range in epochs examined in this study. Clearly the

number of stellar satellites is reduced by z = 3, and those that are detected often have depleted

gas reservoirs and stretched stellar morphologies, indicative of objects experiencing tidal stripping.

5.5 Methods III: Angular momentum measurement techniques

With the satellites and filaments now resolved at each time-step across the full host virial region,

the framework for performing angular momentum measurements of material as it crosses the inner

disk region is in place.

5.5.1 Calculating angular momentum in the general case

Unless stated otherwise, the total angular momentum �J has been computed by using the following

expression:

�J =
�

i

mi(�ri − �rc)× (�vi − �vc), (5.7)

where i refers to either a stellar particle, a dark matter particle or a gas cell of mass mi at location

�ri with velocity �vi. Angular momentum has hence been measured in the rest frame of the object

of interest in this study—the gas disk—whose position and velocity vectors �rc and �vc are defined

in Section 5.3.3.
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Figure 5.9: A VAPOR visualization in density of the gas disk refined to � = 18 (∆x ∼ 12 pc) at
z = 3. All of the gas within 0.1rvir that does not belong to filaments or the dense central components
of luminous satellites is assumed to be part of the disk. The black slice shows the plane of disk
rotation found by computing the disk angular momentum �Jd within G0.1 (equation 5.7). The scaled
sidelength of the box in this image is approximately 6 kpc in physical coordinates, and the units of
the colour bar and the set of orthogonal axes are the same as in Figs 5.3 and 5.7.

5.5.2 Obtaining the equation of the gas disk’s plane of rotation

It is assumed that the rotation of the gas disk is confined to a single plane centred on �rc at all

times, and an estimate for the equation of this plane has been made by using equation (5.7) to

compute the disk angular momentum �Jd. All of the gas within G0.1 associated with the luminous

satellites (identified using the satellite-finding technique) and the filaments (identified using the nT

criteria) has been flagged, and the remaining gas in this region is assigned to the disk. Fig. 5.9

shows a density image of the gas disk at z = 3 in the CO run, and overplots the plane found by

adopting the above disk definition. The excellent agreement between the computed disk plane and

its apparent orientation in Fig. 5.9 provides confirmation that both the estimates of �rc and �vc in

equation (5.7) and the adopted disk definition, are reliable.

5.5.3 Quantifying the angular momentum transported to the disk

The material channelled inward along filaments f in the simulation gets compressed once it settles

into the disk d, and star formation ensues when the gas is sufficiently dense. Mass and angular

momentum transported by these flows is hence assumed to be shared amongst the central baryons
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b, which include both the gas in the disk and the stars that form from the disk’s fragmentation:

mf → mb = md +m� (5.8)

�Jf → �Jb = �Jd + �J�. (5.9)

At a given time-step, a list of identifiers of every particle that has ever been resolved as a member

constituent of a satellite, as detected by the satellite-finding algorithm over the Milky Way host’s

virial region, is updated. Hence �J� has been computed at each epoch by using equation (5.7) and

including each particle within 0.1rvir that does not belong to this list. These non-satellite stars

correspond to bulge and disk stars, but the former component has a weak angular momentum

modulus (e.g. van den Bosch et al. 2002) and so the stellar disk signal is likely to dominate �J�.

Hence mb and �Jb are made in reference to the mass and angular momentum of the ‘baryonic disk’

in what follows, which will often be abbreviated to ‘the disk’. By excluding contributions from

satellite stars, equations (5.8) and (5.9) focus on in-situ disk formation.

It is instructive to compare �Jb at each time-step with the accumulated angular momentum of

the satellite gas and cold filament gas within 0.1rvir, projected along the direction of the disk’s axis

of rotation. After all, these components are thought to fuel the disk’s angular momentum budget.

It is also interesting to consider the fraction of �Jb acquired via a hot mode of gas accretion, as this

enables direct comparisons with the cold mode signals. The hot gas phase has hence been resolved

by selecting all of the gas cells with a temperature above the imposed upper temperature limit of the

cold phase (i.e. T > 2× 105K). Hot gas should not be regarded as a separate component, however,

because these cells are included in the satellite and disk signals by construction (see Section 5.5.2).

The hot and cold phase contributions to mb and �Jb

Estimates of the angular momentum accumulated onto the disk via the accretion of hot and cold

gas have been made by time-integrating the instantaneous flow rates of these components across

a thin spherical shell located on the periphery of the disk region. This is a suitable method to

employ because the inflowing gas in the simulation crosses the shell before settling onto the disk.

The flow rates have been computed by using the technique described in Powell et al. (2011), and

for simplicity, reference is made to the filament gas phase in the descriptions below (but the same
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equations apply to the hot mode):

d �J

dt
=

�
i ρivr,i [(�ri − �rc)× (�vi − �vc)] (∆x)3�

j(∆x)3
4πr2m (5.10)

dM

dt
=

�
i ρivr,i(∆x)3�

j(∆x)3
4πr2m. (5.11)

The sum indexed by j is performed over all of the cells in the shell, irrespective of their gas phase,

and �rc and �vc are the same as in equation (5.7). The variables �ri, �vi and ρi correspond respectively

to the position, velocity and density of the ith cell satisfying the relevant imposed condition, which

in this case is the requirement that i is a filament cell. Equations (5.10) and (5.11) hence yield the

net radial flux transported across the spherical shell towards (negative sign) or away from (positive

sign) the disk, where the radial velocity of each cell is given by:

vr,i = (�vi − �vc) ·
�ri − �rc

|�ri − �rc|
. (5.12)

It follows that the total angular momentum (and mass) transferred towards the disk by each

filament over the time interval ∆t = t− ti is:

∆ �Jflux(t) =

� t

ti

d �J

dt
dt (5.13)

�
�
d �J

dt

����
t

+
d �J

dt

����
ti

�
∆t

2
, (5.14)

where the latter step has performed a simple numerical trapezium integration, approximating

the form of the unresolved flow rates between time-steps by a linear interpolation. The signal

found using the ‘spherical flux technique’ of equation (5.14) at t is then accumulated with the

corresponding signals at earlier times.

The summations indexed by i in equations (5.10) and (5.11) include all of the filament cells

whose centres lie within a shell of inner, outer and mid radius rin = rm −∆r/2, rout = rm +∆r/2

and rm = 0.1rvir, respectively. The thickness of the shell ∆r is a free parameter and has been

fixed to 1% of rvir (i.e. one tenth of the 0.1rvir radius) at each time-step, as this choice strikes a

good compromise between negligible Poisson error and the validity of the thin shell approximation

(the shells typically included ∼2 × 105 cells at the highest redshifts around z ∼ 9 and ∼2 × 107

cells at the lower redshifts around z ∼ 3, where the shell was physically larger). Similar flux
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measurements were found for shell thicknesses in the range ∼0.1–2.5% of rvir, which implies that

there is some flexibility in the value assigned to ∆r. A larger grid than G0.1 is hence required in

order to compensate for the half of the shell that spills beyond the 0.1rvir region. The filaments have

therefore been constructed over the 0.15rvir region according to step 3 of the colour propagation

scheme described in Section 5.4.2. This particular grid length is chosen because the physical width

of the cells within G0.15 is still at the 12 pc limit for every time-step, and so the extra grid length

makes no difference to the accuracy of the mass and angular momentum computations.

It is clear from the above that a decision has been made to represent the quantities rm and

∆r as fractions of the host’s virial radius, which grows with time in the simulation. The spherical

flux method hence sweeps up gas by construction, and a simple trapezium integration of the flux

signals across the shell could miss this component. An alternative way of thinking about this is to

imagine that the filament gas circulates around the disk region over a given time interval in the

θ and φ directions, with zero velocity in the radial direction. Equation (5.10) predicts that the

angular momentum transported towards the disk is zero in this scenario, yet this filament gas is

included within the 0.1rvir sphere as the sphere grows over the interval, and will probably accrete

onto the disk at some later time. The amount of swept up gas will scale with the growth rate of the

host’s virial radius, which is likely to be quite slow between successive time intervals. Nonetheless,

an accurate method would measure both the gas whose inward trajectory causes it to traverse the

central region and the gas that is swept up due to the growth of the central region, and Fig. 5.10

illustrates one such method. The routine operates on a simple set of principles:

1. fix the sphere radius r(t1) over a given time interval ∆t21(≡ t2 − t1);

2. apply equations (5.10) and (5.11) to these identical spheres at the two time-steps, and perform

the trapezium integration in equation (5.14), and;

3. combine the above spherical flux signals with the corresponding instantaneous angular mo-

mentum and mass of all the filament cells measured at the later time-step t2 within the small

region (shaded area at t2) that is traced out due to the growth of the disk component.

By performing an instantaneous computation at the later time-step, this approach assumes that

the swept up gas is static and that its measured mass and angular momentum is quickly deposited

onto the disk. Despite not being strictly in concordance with the Lagrangian nature of the system,

this is likely to be robust given that the associated errors are due to the time resolution of the
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t1 t2 t3

r(t1) r(t1)

r(t3)r(t2)

r(t2)

Increasing time

Figure 5.10: This diagram illustrates the technique that has been used to estimate the angular
momentum and mass of filament gas and hot gas deposited onto the disk. Three consecutive time-
steps are shown, with t3 > t2 > t1. The radius of the central 0.1rvir region at each time-step
tj is abbreviated to r(tj), and the shaded spherical rim at t2 and t3 indicates the growth of this
central region over the ∆t21 and ∆t32 time intervals. There are two angular momentum and mass
recordings for tj > t1. Using tj = t2 as an example, the first is due to inflowing gas, which is
measured using equations (5.10) and (5.11) on two stationary spheres of equal radius r(t1). The
second signal arises from the material that is swept up by the outwardly propagating sphere (shaded
spherical region at t2), and is calculated instantaneously at t2. For t3, the radius at t2 is fixed and
the same technique is adopted. Note that contrary to the simplified scenario above, the spheres
are centred at different spatial locations from time-step to time-step in the simulation due to the
bulk motion of the centre of disk rotation (see Fig. 5.4).

simulation (an estimate of the importance of possible time lags between material crossing 0.1rvir

and being accreted onto the disk is presented later in this section). The integrated quantities at

time t hence correspond to:

MT(t) =
t�

ti

[∆Mflux(t
�
j) + ∆Mstat(t

�
j)] (5.15)

�JT(t) =
t�

ti

[∆ �Jflux(t
�
j) + ∆ �Jstat(t

�
j)], (5.16)

where the first and second terms refer to the signals measured using the spherical flux method and

the ‘static shell’ approximation, respectively. The ratio of these terms in equation (5.15) satisfies

∆Mflux/∆Mstat � 10 at every time-step in the simulation, which indicates that the amount of gas

swept up over a given time interval is somewhat negligible. Nevertheless, the static contributions

are included for completeness. The initial time-step in equations (5.15) and (5.16) is denoted by ti
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and the sum is performed over all discrete time-steps ti ≤ t
�
j ≤ t, yielding disk projections:

Jp(t) = �JT(t) · Ĵb(t). (5.17)

An estimate of the angular momentum transported by the hot gas and filament gas that is trans-

ferred to the disk can now hence be computed.

The satellite contributions to mb and �Jb

Luminous satellites in the simulation merge with the host galaxy across its lifetime, depositing their

stars and gas into the central region. Satellite stars are ignored in this study following the baryonic

disk definition in equation (5.8), and so the angular momentum (and mass) contributions from

satellites represent the total gas component within their virial regions above the upper filament

density threshold of 10 hydrogen atoms per cubic centimetre.

The following simple prescription, which seeks to pinpoint mergers with the disk, has been used

to measure the instantaneous angular momentum of satellites before they are accreted. The algo-

rithm begins by finding all the luminous satellites (according to the method described in Section

5.4.3) that infringe the 0.1rvir and rvir regions at t and t+∆t respectively. Each satellite identifica-

tion number at t is then compared with the list of satellite identifiers at t+∆t. Without a match,

a given satellite has either fully merged with the disk or has been stripped of mass upon crossing

the central region and has consequently passed below the minimum resolution limit of 100 particles

imposed by the clump-finder. The merger has hence already taken place or is due to take place

very shortly, and so the satellite signals at t are measured. If, however, the satellite is resolved

at t + ∆t (it may have moved closer to the disk or outside the central region during the merger

process), then it has evidently not yet been accreted, and so no signal is recorded. The gas residing

within the satellite virial region above the upper filament density threshold is hence included in

the cumulative signal at t provided the satellite is:

1. encroaching the 0.1rvir region at t, and;

2. unresolved at t+∆t.

The satellite gas mass Ms and angular momentum �Js deposited within 0.1rvir at t are subsequently

computed using direct summation and equation (5.7) respectively, and are coupled with the totals
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from the previous epochs in an analogous fashion to equations (5.15) and (5.16):

M
s
T(≤ 0.1rvir(t), t) =

t�

ti

Ms(≤ 0.1rvir(t
�
j), t

�
j) (5.18)

�J
s
T(≤ 0.1rvir(t), t) =

t�

ti

�Js(≤ 0.1rvir(t
�
j), t

�
j), (5.19)

yielding a disk-projected component:

J
s
p(t) = �J

s
T(t) · Ĵb(t). (5.20)

Note that Ms and �Js are calculated by integrating over the 0.1rvir region rather than time-

integrating the net instantaneous accretion rate across an outwardly propagating spherical shell,

because unlike the filaments that continuously stream radially inward towards the disk, the satellite

mergers are discrete burst events that can easily pass undetected through the shell over a given time

interval. Applying equation (5.11) to the satellites could hence yield zero mass accretion events.

The explicit time dependences of Jp, �JT and �Jb are henceforth dropped for brevity.

Assumptions

By comparing the projected angular momentum of gas measured using equations (5.17) and (5.20)

with the disk signal found using equation (5.9) at each epoch, two implicit assumptions are being

made:

• the angular momentum of the material passing through the spherical shell at 0.1rvir as mea-

sured at t reflects the amount deposited onto the disk at the time of contact t+ δt (i.e. δt is

assumed to be smaller than a given time interval in the simulation ∆t), and;

• the time integrated filament and hot gas flux signals are well approximated by a trapezium

integration.

The first condition draws attention to possible time lags between material crossing the shell and

merging onto the disk, and its importance can be estimated by comparing the free-fall time tff at

0.1rvir with the separation between time intervals in the simulation ∆t (for a defense of the view

that filaments are indeed well approximated by radial free-fall, see Rosdahl & Blaizot 2012). If

tff >> ∆t, then it is likely that mass piles up or follows a more complex trajectory before merging
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with the disk, which would require its angular momentum to be recalculated at the time of accretion

onto the disk. In the CO run, it was found that the range in ratio of these two timescales satisfied

0.1 � tff/∆t � 1. Taking the final output at z = 3 as an example, where ∆t ∼ 32Myrs:

tff =

�
3π

32Gρ
=

�
4π2(0.1rvir)3

32GMT(≤ 0.1rvir)
∼ 16Myrs. (5.21)

The virial radius at this epoch is rvir ∼ 31 kpc and the total mass (stars, dark matter and gas)

enclosed in the disk region is MT(≤ 0.1rvir) ∼ 3×1010M⊙. Given that tff < ∆t for every time-step,

it is likely that the change in system configuration during the interval does not yield a significantly

different angular momentum signal transferred to the disk compared with the signal measured at

0.1rvir, thereby justifying the first assumption.

The second condition questions the reliability of the integration step in the flux method (equa-

tion 5.14) and examines whether a linear interpolation provides an accurate representation of the

unresolved flux signals across the time intervals. This issue is addressed in the following chapter,

where the predictions of equation (5.15) for the integrated disk mass are directly compared with

the measured disk mass from equation (5.8) at each epoch.

5.6 Summary

This chapter has tackled the computational aspect to monitoring the flow of angular momentum

onto a Milky Way type disk at z ≥ 3. A colour propagation scheme using Lagrangian tracer particles

(Section 5.4.2) has been developed to identify particles within individual filaments spanning a region

of length of 2rvir from the disk’s centre at each epoch. The method assigns one of three colours to

the tracer particles by using a nearest neighbours scheme, and subsequently locates the ‘pure’ cells

within G2.0 that contain tracer particles of identical colour. Individual filament trajectories are then

grown around these pure sites. A satellite finding algorithm has also been presented, which operates

under the principle that a given satellite substructure of the main host at time t has at some earlier

time been a separate field galaxy of its own. With the filaments and satellites resolved, the aim of

the chapter has been to provide a technique capable of measuring their contributions to the host’s

disk angular momentum budget at each epoch. For the filament and hot gas components, the mass

and angular momentum transported to the central disk has been computed by recording both the

net inward flux across an outwardly propagating spherical shell on the disk’s edge at 0.1rvir, and
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the contribution from the material swept up by the shell’s outward radial motion. Satellite signals

have been measured by adopting an alternative technique that pinpoints mergers with the disk and

records their angular momentum at the final pre-accretion stage.

These angular momentum measurement schemes are now ready to be applied to each time output

from the NUT CO simulation.



Chapter 6

Angular momentum transfer to a

Milky Way disk: results

The techniques described in the previous chapter are now implemented in an attempt to examine

whether: (i) filaments dominate �Jb at high redshift, and; (ii) there are any special episodes of disk

angular momentum acquisition.

Fig. 6.1 plots the redshift evolution of the integrated net inflow of mass towards the disk in the

upper panel, and the projection of the integrated angular momentum along the disk’s direction in

the lower panel. All of the measurements have been performed at or within the 0.1rvir boundary

as described in Section 5.5. Baryonic disk signals correspond to the solid black lines, while the

satellite gas (equations 5.18 and 5.20) and hot gas (equations 5.15 and 5.17) signals are given by the

green and light blue lines respectively, with the filled circles in the lower panel indicating negative

cumulative angular momentum projections. Each filament is distinguished by its unique colour, and

the dashed dark blue line represents their sum at each epoch (equations 5.15 and 5.17). The solid

dark blue line shows the signals of all of the filament cells that have been found by applying the nT

criteria at each redshift, and serves as a consistency check for the individual filament computations.

The dashed and solid dark blue lines are indistinguishable from one another in both panels, which

implies that the vast majority of the filaments cells have been accounted for, and reinforces the

high level of accuracy of the tracer colouring technique (see Fig. 5.6). Finally, it is expected that

the total gas angular momentum and mass contributions from the filament and satellite gas phases

are equal to the baryonic disk signals at each epoch. The dashed black lines in Fig. 6.1 test this

hypothesis and should be compared with the corresponding solid black lines.
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Figure 6.1: The relative importance of hot gas (T > 2 × 105K), cold filament gas and satellite
gas in establishing the mass and angular momentum budget of the central disk at high redshift.
MT (upper panel) and �JT (lower panel) have been accumulated with their corresponding signals
from all prior epochs. The projection of �JT along the unit disk direction Ĵb then yields Jp(z) in
equation (5.17) for the filament and hot gas phases. A similar computation has been performed for
the satellites, except that equations (5.18) and (5.19) have been used in place of equations (5.15)
and (5.16), with the filled circles corresponding to negative Jp(z) contributions. The dashed dark
blue lines sum over the individual filament signals at each epoch, and cannot be distinguished from
the solid dark blue lines, which show the accumulated signals for all of the filament gas found by
applying the nT cuts. The mass and angular momentum of the disk baryons defined by equations
(5.8) and (5.9) have been computed at every time-step and are given by the solid black lines.
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6.1 Redefining the system’s initial state

The mass and angular momentum transported by the various galaxy components are first recorded

at z ∼ 8 in Fig. 6.1. It should be noted that this epoch does not correspond to the initial state

of the galaxy system: the MSM halo-finder first resolved the Milky Way host’s dark matter halo

with 40 particles and the central luminous galaxy’s stellar clump with 100 particles, at z ∼ 13.

The system was highly unsettled at this epoch, however, and so application of the tracer colouring

algorithm in Fig. 6.1 was postponed until zin ∼ 10, which was found to be the earliest time-step

that displayed a smooth, distinct filament configuration in the CO run (shown in the left panel of

Fig. 5.3). For reasons highlighted in Section 5.4.2, there is a two time-step delay between a given

starting epoch and the epoch at which the individual filaments can first be resolved. This therefore

pushes the starting point forward to z
�
in ∼ 9, and the subsequent trapezium integration of equations

(5.10) and (5.11) over the next time interval yields their first reliable estimates at z ∼ 8.5, three

time intervals after zin ∼ 10. The first change in the measured angular momentum and mass signals

with respect to the starting signals at z ∼ 8.5 can hence be found for each filament by performing

another trapezium over the following interval, which explains why the curves in Fig. 6.1 do not

appear until z ∼ 8. Hence in order to preserve consistency with the individual filaments, the initial

state of the entire system is chosen to be z
�
in ∼ 8.5, and the disk, filament, hot gas and satellite

signals at z�in are subtracted from their counterparts at z < z
�
in.

In summary, the 0.1rvir sphere is modelled as being empty at z
�
in in order to test mass con-

servation within the inner regions of the luminous galaxy and the significance of cold flows in the

build-up of disk angular momentum at high redshift. Even though the disk has probably existed

since the first epoch of star formation in the central region around z1 ∼ 20, the approach adopted

above of shifting the origin forward to z
�
in is justified given: a) the negligible amount of time elapsed

between z1 and z
�
in compared with z1 and the final output at z = 3, and; b) the desire to maintain

consistency with the starting point of the tracer colouring algorithm.

6.2 The mass growth of the central disk component

It appears that the technical details surrounding the choice of starting point are somewhat negligible

because the upper panel of Fig. 6.1 indicates that the baryonic disk experiences rapid growth at

high redshift, where its mass increases by a factor of ∼8 between z ∼ 8 and z ∼ 6. This growth
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is slower at later times, with a factor of ∼2 increase in disk mass between z ∼ 5 and z = 3. The

periods of upturn in the green curves correspond to discrete luminous satellite merger events, which

deposit ∼1% of the disk’s mass in the form of gas at early times (z ∼ 7) and ∼10% at late times

(z = 3). Satellites do not therefore appreciably affect the mass budget of the disk in the redshift

range 3 � z � 8. The amount of hot gas accreted onto the disk increases at a very stable rate

owing to the long cooling times associated with a metal-poor ISM in the CO run, but by z = 3

the hot phase only accounts for about one tenth of the disk’s accumulated mass. This phase hence

plays a similarly subdominant role to the luminous satellites. Evidently the mass budget of the

disk is largely controlled by the behaviour of filaments, and Fig. 6.1 suggests that it is the purple

filament corresponding to region 1 in the left panel of Fig. 5.3 that carries the most mass to the disk,

typically transporting at least twice as much mass at a given epoch compared with the yellow and

red filaments, whose contributions flow in approximately equal measure until z ∼ 5.5, whereupon

the purple and yellow filaments merge, with the former surviving (Fig. 5.4). The disappearance of

the yellow filament is evident from the plateau in its accumulated mass evolution for z � 5.5.

By comparing the dashed black line with the solid black line in the upper panel of Fig. 6.1, it

can be seen that the spherical flux method (which dominates the signal in equation 5.15), designed

to predict the net radial inflow of gas accreted onto the disk, conserves mass to high precision across

the disk’s evolution. This is remarkable given that the predicted flux rates across the shell could,

in principle, vary quite dramatically between time intervals and hence not be well approximated by

a trapezium integration. For example, it is possible that fast moving clumps of material that are

accreted onto the disk pass through the thin shell undetected, which might lead one into thinking

that the flux method has a systematic tendency to underestimate the accumulated mass signal.

The forepart of this argument appears to hold for the very first recorded mass signal at z ∼ 8,

where the inflow of gas is just under a factor of 2 below the disk signal in place at that epoch.

Clearly this is only a phenomenon that occurs at high redshift, as it quickly becomes unimportant

when the disk experiences rapid smooth growth of cold gas over the subsequent time interval, which

is captured by the flux method. Even so, for completeness, it is interesting to speculate on this

high redshift discrepancy. One might propose that by increasing the thickness of the spherical shell

from ∆r = 1% of rvir to a larger value, there is a higher probability of capturing this apparent

‘missing’ filament mass. Yet it has been found that even when ∆r ∼ 10% of rvir is used at the

first few time-steps, there is a negligible difference in the filament (and hence filament plus satellite
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gas) signals. The issue with increasing the shell thickness is that although more filament gas is

included, the number of cells within the shell also increases, and it seems that these two competing

effects approximately offset one another in equation (5.11). Although relatively large increases

in ∆r appear to be incapable of accounting for the discrepancy with the disk signal at z ∼ 8,

the insensitivity of the flux rate to these changes at high redshift symbolizes the robustness of

the spherical flux method and implies that the offset is not caused by an underestimation of the

amount of mass transported radially inward by the filaments. Given the large 100 particle threshold

imposed by the clump-finder and the technique adopted by the satellite-finding algorithm in Section

5.5.3 of identifying satellites within 0.1rvir, there does appear to be some scope for suggesting that

the luminous satellite component is underestimated at this epoch: less massive, darting satellites

could be excluded from the green signals. After all, the satellite trajectories in Fig. 6.1 may appear

somewhat artificial in the sense that: a) it is unlikely that there are no satellite merger events

beyond z ∼ 7, and; b) their trajectories are somewhat irregular. Both of these traits are surely

associated with the large particle threshold. Although motivated by the desire to record reliable

satellite mass and angular momentum detections, it is possible that this issue could be resolved by

simply reducing the particle threshold of the clump-finder, but then the disk fragments into several

subclumps that may be identified as satellites, despite being rotationally supported in a disk. The

central disk would hence have to be recomputed and its mass is likely to be underestimated at each

epoch compared with its ‘true’ value, as fewer stars in equation (5.8) would be associated with the

non-satellite phase. The level of agreement with the integrated filament signal at z ∼ 8 in Fig. 6.1

is also likely to be sensitive to the chosen particle threshold. Therefore, given the above difficulties

with tackling the offset, and the fact that this lack of mass conservation occurs for a single high

redshift interval in Fig. 6.1, it is suggested that an underestimation of the luminous satellite signal

at this epoch is probably responsible for the offset, but further analysis probing this discrepancy

is considered beyond the scope of this project, and deemed unnecessary. This underestimate will,

of course, not only have the effect of increasing the cumulative satellite gas signal at the higher

redshifts but at the lower redshifts as well, and so the resulting level of mass conservation may

not quite be as strong as is currently suggested by the dashed black line in Fig 6.1. This shift is

expected to have a minor effect for z � 7.5, however, given the rapid rate of disk growth at early

times.
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6.3 Which components dominate the disk’s angular momentum

budget?

The general trends of satellites and hot gas contributing a weak mass signal are also imprinted in

their angular momentum evolution, shown in the lower panel of Fig. 6.1. At z = 3, the hot gas

signal (like the satellite signal) accounts for roughly one tenth of the disk’s accumulated angular

momentum, and with the exception of its evolution between 4.5 � z � 5.5 (discussed in more detail

below), increases at a steady, uniform rate towards late times. In terms of angular momentum mod-

ulus, it therefore appears that the relative contributions of the satellite and hot gas components to

the disk angular momentum budget generally trace their relative disk mass contributions. In terms

of angular momentum direction, the satellite material deposited onto the disk has a tendency to be

misaligned with respect to the disk’s direction at high redshift, but because the signal strength is

relatively weak, this mismatch may only have a negligible effect on the disk’s orientation. Certainly

at the lower redshifts below z ∼ 4.5, the mass that is headed towards the disk in the satellite (and

hot gas) phase appears to be more closely aligned with the disk’s direction.

When integrated across all three components (solid and dashed dark blue lines), the filament

angular momentum signals show a similarly strong correlation with their corresponding mass tra-

jectories. Clearly for the redshift ranges 3 ≤ z � 4 and 5.5 � z � 7.5, the disk’s budget is driven by

the transport of angular momentum from filaments. When decomposed into its individual separate

trajectories, however, the cold phase shows noticeably different behaviour: (i) the yellow and red

filaments transport unequal amounts of angular momentum along the disk’s direction for z � 4.5, in

contrast with their relative mass contributions, and; (ii) the purple and yellow filaments are equally

dominant for z � 5.5, unlike in the mass plot where the purple filament clearly dominates at all

epochs. It should also be noted that the absence of a correlation between negative satellite signals

and negative filament signals implies that satellites are not necessarily sensitive to the dynamics of

the filament flow, despite often streaming along these flows (e.g. Fig. 5.8).

Perhaps the most interesting feature of Fig. 6.1 is the lack of response the disk has to the sudden

dip in the projected component of the purple filament’s cumulative angular momentum during the

filament merger phase between 4.5 � z � 5.5. It was found that the change in the direction of

the disk’s axis of rotation during successive intervals across this period was negligible (of the order

a few degrees), and so the sharp drop-off implies that the purple filament transports misaligned
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angular momentum towards the disk during the early phase of the merger (equation 5.17). The red

filament’s disk-projected angular momentum contribution also abruptly changes around z ∼ 5.5,

which when combined with the purple filament’s signal, yields a flattened integrated dark blue

signal that reflects the net small amounts of angular momentum being transported inwards by

the filaments during this merger period. Given that the baryonic disk angular momentum in

stars dominates the gas contributions at lower redshifts (| �J�|/| �Jgas| ∼ 2.6 at z ∼ 5 for example),

one might expect the new population of disk stars that form from this low angular momentum

filament material to yield a slower disk growth rate than is observed in the lower panel of Fig. 6.1.

Remarkably, the purple filament’s angular momentum direction is quite quickly restored along the

disk’s direction around z � 4, whereupon it becomes the dominant filament contributor by at least

a factor of ∼3. Hence one naturally wonders about the physical mechanisms at play that allow the

filament gas phase during the merger epoch to continue to supply the disk with all of its mass (as can

be seen from the upper panel of Fig. 6.1), but not all of its angular momentum. The above results

suggest that the violent merger between the purple and yellow filaments that begins at z ∼ 5.5

induces a change in the velocity and trajectory direction of both the red and purple filaments. The

purple filament then probably experiences a torque from the disk that arises due to the misalignment

between its angular momentum direction and that of the disk, and this torque swings its angular

momentum vector back into alignment at later times. Meanwhile, the angular momentum that

the spherical flux method measures from filaments at 0.1rvir appears to differ from the filament

angular momentum deposited onto the disk during this merger period, most probably because the

inner dynamics within 0.1rvir are severely perturbed by the filament merger (the resultant complex

inner gas trajectories appear to be imprinted in the hot gas signal too, which becomes misaligned

around z ∼ 5). Perhaps a shock on the disk boundary is responsible for removing the misaligned

filament velocity components and hence filtering aligned angular momentum to the disk, driving

its angular momentum growth. This mechanism is probably not so important at earlier and later

epochs, as the net inflowing filament angular momentum is already well aligned with the disk’s

angular momentum direction.

6.4 Discussion

Perhaps the most defining feature of disks in Milky Way type galaxies with M� � 3 × 1010M⊙ is

the amount of angular momentum they possess, as it is this property that establishes many of their
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known correlations, encapsulated by the Tully–Fisher relation (Governato et al., 2007) and the

scaling relations between velocity, metallicity, surface brightness and stellar mass (Dekel & Woo,

2003; Dekel & Birnboim, 2006). The Tully–Fisher relation, in particular, is an important constraint

that many semi-analytic models of galaxy formation strive to satisfy (Hatton et al., 2003; Cattaneo

et al., 2006; Croton et al., 2006; De Lucia et al., 2006). Understanding how the disk acquires its

angular momentum is hence of central importance, and has been the subject of this chapter.

6.4.1 The dominance of filaments at high redshift

The evidence favouring the growth of disks in low mass systems via a mode of cold gas accretion

appears to be mounting. Kereš et al. (2005) performed SPH simulations of several hundred galaxies

between 0 ≤ z ≤ 3 using a comoving gravitational softening scale of 5h−1 kpc, and found evidence

of a clear shift in the total fraction of gas accreted with temperatures T < 2.5 × 105K around a

galaxy baryonic mass (stars and cold gas) of Mgal ∼ 2.5× 1010M⊙, with at most a factor of ∼1.6

deviation in Mgal across this redshift range. Ocvirk et al. (2008) conducted a similar statistical

analysis on haloes from the HORIZON-MARENOSTRUM simulation with 1010 < MH/M⊙ < 1013 at

higher redshifts between 2 ≤ z ≤ 5, in an attempt to measure the temperature and density of the

gas deposited onto the central galaxies of these systems, which were simulated using the RAMSES

code at a physical resolution scale of 1 kpc. Their results demonstrated that the fraction of gas

accreted at temperatures T < 2.5× 105K sharply increases for MH � 4× 1011M⊙, in concordance

with the estimates provided by Birnboim & Dekel (2003) and Kereš et al. (2005). By resolving and

examining the various components of the filamentary gas phase across a wide range in redshift,

the results from Fig. 6.1 in this thesis provide quantitive support for the cold mode paradigm of

gas accretion onto a Milky Way type disk, advocated by the above studies. They also show that a

single filament is responsible for driving the mass budget of the baryonic disk, although this does not

necessarily map to a dominance of the disk’s angular momentum budget, as two filaments appear

to closely share priority at the higher redshifts (z � 5.5), despite a clear difference in their mass

contributions. The flow of cold gas onto the central disk is not necessarily a smooth, continuous

process either. While satellites probably do not significantly perturb the filament trajectories onto

the disk, large-scale motions of filaments can lead to mergers between these cold streams (Pichon

et al., 2011), and this process is able to change the orientation of angular momentum advected

along these flows, probably even if gas channelled along each of the filament mergers in question is
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co-planar with the disk’s rotation before the merger.

A quantitative result of this kind has remained elusive to many previous studies mostly due to

the parsec-scale physical resolution required to resolve the satellites, filaments and disk components

within the inner tenth of the virial region at z > 3. Some authors have recently started to probe

this resolution barrier, however. Kimm et al. (2011) measured the angular momentum of gas in

radial bins as a function of redshift, for the same resimulated NUT Milky Way type halo analyzed

in this thesis. Upon stacking the radial profiles in two separate redshift regimes (z ≤ 3 and z > 3),

they found evidence for a sudden loss in the amount of specific angular momentum transported

by gas in the 0.1rvir region, but with a physical resolution scale of only ∼50 pc, were unable to

speculate on the cause of this loss. Although the analysis in this chapter does not address this issue

per se, it does show that the filaments supply enough angular momentum to the boundary of the

disk region to be able to account for the disk’s signal across most epochs at z > 3, a result that has

been found by using a filament tracer colouring technique that can be used in future experiments

wishing to probe the morphology of the filament trajectories and hence the physical mechanisms

that control the redistribution of angular momentum in the disk’s vicinity.

Several studies have also demonstrated that the angular momentum vectors of dark matter

and gas are not necessarily uniform within the virial region of galaxies at both low (z = 0) and

high (z ≤ 3) redshift (Bett et al., 2010; Roškar et al., 2010). Danovich et al. (2012) reported

a weak correlation between the angular momentum direction of gas in the inner (∼0.1rvir) and

outer (∼1rvir) galaxy regions at z = 2.5, and a large body of evidence has now been presented

that confirms the existence of mismatches in gas angular momentum directions over scales of a few

disk scalelengths, giving rise to the population of ‘warped’ disks (Garćıa-Ruiz et al., 2002; Shen

& Sellwood, 2006). Despite being observed as a low redshift phenomena, the recent simulation

study by Roškar et al. (2010) has argued that warps may exist around z ∼ 2–3. In Fig. 6.1 of this

thesis, the amount of angular momentum transported along the disk’s direction by the cumulative

filament signal is very comparable to that locked-up in the disk, which would not be the case if

large-scale misaligned signals reported above were preserved at the disk boundary. If the claim that

the directions of the gas angular momentum vectors vary with distance from the central galaxy

holds across the galaxy’s lifetime, it is conceivable that some physical mechanism is responsible for

aligning the infalling angular momentum at the disk’s edge, and this can, in principle, be examined

by using the filament tracer colouring algorithm (discussed in more detail in Section 7.2.3). For
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example, Roškar et al. (2010) have argued that freshly accreted gas at the virial radius is strongly

torqued by the hot halo gas component, and cited this as a possible cause of the warps between

inner and outer disk structure. It is hence possible that shocks and/or torques are responsible for

removing the components of the purple filament’s velocity that are misaligned with respect to the

disk’s plane of rotation, thereby explaining why this filament is able to maintain a relatively stable

transfer of aligned angular momentum to the disk between 3 � z � 8.

Despite the evidence from both Fig. 6.1 and the aforementioned simulation studies favouring the

cold gas paradigm, not all authors are convinced that this phase is quite so dominant in growing the

disk components of low mass galaxies. Murante et al. (2012) monitored the fractional accretion rate

onto two Milky Way type haloes and found that ∼50% of the accreted gas onto the central galaxy

between 3 ≤ z ≤ 6 was in a warm phase, with a temperature in the range 2.5× 105 < T/K < 106.

They attributed this apparent discrepancy to a supernovae feedback prescription that only modelled

thermal heating, as opposed to thermal and kinetic feedback. The effects of supernovae feedback on

filament structure were also examined by van de Voort et al. (2011), who suggested that it reduces

the growth rate of low mass central galaxies residing in haloes with mass MH � 1012M⊙, implying

that the filaments streaming cold gas at large inflow rates in Fig. 6.1 do not survive when supernovae

feedback is included. Powell et al. (2011), however, refuted these claims and argued that this result

is an artefact of giving particles an artificial kick velocity, because when the individual Sedov–Taylor

blasts from the ultra-high resolution (∆xmin ∼ 0.5 pc) NUT feedback run simulation were resolved,

the net mass inflow rates of gas in the filament phase were found to be an order of magnitude

larger than the supernovae-driven mass outflow rates. The Powell et al. (2011) study hence implies

that whilst the spatial distribution of filaments local to the disk is likely to be perturbed around

sites of stellar explosions (e.g. infalling host satellite galaxies), the amount of filament gas flowing

towards the disk is largely unaltered upon implementing a reliable model of supernovae feedback.

Hence the amount of angular momentum aligned with the disk that is transported by filaments is

probably unaltered too, given the general correlation between the filament mass and disk-projected

angular momentum signals in Fig. 6.1. It is therefore expected that the difference between the

supernovae feedback version of Fig. 6.1 and its counterpart presented in this thesis is negligible.

Confirmation of the dominance of the cold mode in driving the angular momentum content of the

disk when supernovae feedback is included is left as a future exercise, and is discussed in more

detail in Section 7.2.2.
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6.4.2 Understanding the impact of the merger signal

Fig. 6.1 shows that luminous satellite mergers constitute only a minor fraction of the disk’s mass

and angular momentum modulus between 3 � z � 8. This result does not necessarily imply,

however, that satellites as a general population have little effect on the disk’s evolution. Bett &

Frenk (2012) analyzed present day Milky Way haloes of mass MH ∼ 1012–1012.5 h−1M⊙ from one

of the Millennium Simulation runs, and examined the importance of ‘spin flips’, which are defined

as abrupt changes of more than 45◦ in the orientation of a component’s angular momentum vector.

They argued that over 90% of their detected host halo spin flips were caused by minor-mergers, and

demonstrated that the number of flip events increases in the inner halo where the central galaxy

resides. They further speculated that these spin flips could destroy the host’s stellar disk (which is

included in the baryonic disk signal of Fig. 6.1), or torque it (see, for example, Ostriker & Binney

1989). In both of these scenarios one would expect a change in the angular momentum direction of

the baryonic disk component. The validity of this hypothesis remains an open question, however,

because the existence of a simple correlation between dark halo spin flips and disk spin flips is yet

to be confirmed: several recent studies have in fact hinted at a lack of correlation between the two

(Scannapieco et al., 2009; Stinson et al., 2010; Sales et al., 2011). It will hence be interesting to test

this claim by Bett & Frenk (2012) for the NUT host halo in this study, which experiences multiple

minor mergers across its accretion history (as indicated in Fig. 5.8).

6.4.3 High redshift contributions to the present day NUT CO disk signals

It is also informative to estimate the fraction of the disk’s mass and angular momentum at z = 0

that is already in place at z = 3, as large high redshift contributions would further highlight

the importance of understanding the primordial phase of Milky Way type galaxy growth. Crude

estimates are hence provided in this section, but it should be noted that more rigorous measurements

could be made by analyzing all of the lower resolution outputs from the NUT CO run between

0 ≤ z ≤ 3 and extending Fig. 6.1 to z = 0.

Kimm et al. (2011) have demonstrated that the total amount of baryonic mass (i.e. gas plus

stars) within 0.1rvir from the ∆xmin = 48pc NUT CO run at z = 0 is Mb(z = 0) ∼ 8×1010M⊙. This

measurement includes the central contributions from all of the gas phases (satellite, hot mode, cold

mode and disk) and all of the stars (satellite, disk and bulge), and is a factor of ∼6 greater than the

baryonic disk signal at z = 3 from Fig. 6.1, which is Mb(z = 3) ∼ 1.3 × 1010M⊙. Multiplying the
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modulus of the total baryonic specific angular momentum contributions within the 0.1rvir region at

z = 0 from the Kimm et al. (2011) study by the relevant component masses yields an estimate of

the total baryonic angular momentum signal: Jb(z = 0) ∼ 4.4×1013M⊙ kpc km s−1. This is a factor

of ∼30 higher than the modulus of the baryonic disk angular momentum signal at z = 3 shown

in Fig. 6.1: Jb(z = 3) ∼ 1.6 × 1012M⊙ kpc km s−1. Note that the mass (and most probably the

angular momentum) ratios are upper limit estimates because the Kimm et al. (2011) measurements

include the satellite star and non-disk gas contributions, whereas Fig. 6.1 just shows the baryonic

disk signals defined according to equations (5.8) and (5.9).

In summary, at least ∼16% (∼4%) of the NUT disk’s final mass (angular momentum) is probably

in place by z = 3, suggesting that certainly in terms of mass, the high redshift epochs studied in

this thesis represent an important period of the disk’s accretion history.

6.5 A brief theoretical and observational outlook for the cold gas

paradigm

Unfortunately there is no compelling observational evidence at present that confirms detections of

filaments streaming cold gas to the centres of low mass galaxies, and given the high redshift nature

of this phenomenon, securing a reliable detection of this kind seems a daunting task. Over the

past decade, however, various authors have started to grasp the observational dynamics of these

systems and the field has now become an active area of research.

With temperatures in the range 104 � T/K � 2 × 105, cooling emission from filaments is

expected to correspond to Lyman-α wavelengths, and several studies have argued that cold flows

fuel the Lyman-α ‘blobs’ at z ∼ 3 (Goerdt et al., 2010a; Matsuda et al., 2011). Faucher-Giguère

et al. (2010) have contested these claims by showing that when the high density gas phase is

allowed to form stars, the emitted Lyman-α luminosity is at least an order of magnitude below

the observed blob luminosities of LLyα ∼ 1043–1044 erg s−1 (Steidel et al., 2000). An alternative

approach is to try to detect filaments in absorption, but Steidel et al. (2010) have demonstrated

that filaments do not account for a significant fraction of the bolometric luminosity and hence

have low covering factors that become ever lower in an expanding background, rendering this a

very difficult task. Nonetheless, Fumagalli et al. (2011) have attempted to measure these covering

factors by performing a radiative transfer post-processing analysis on 7 resimulated Milky Way
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type haloes between 1 � z ≤ 4. They found that the simulated Lyman-α equivalent width radial

profile in absorption at z ∼ 3 matched its observed counterpart, and attributed these ‘Lyman-limit

systems’, whose metallicities were of the order ∼0.01 Z⊙, to gas in the cold filament phase.

Perhaps the most pressing issue facing the simulation community at present, however, is the

inability to convincingly reproduce the stellar and gas components of a Milky Way galaxy across

its lifetime. With a bulge-to-disk ratio of B/D ∼ 0.75 at z = 0, a factor of ∼3 higher than the

measured Milky Way value (e.g. Drory & Fisher 2007), the lower resolution (∆xmin ∼ 48 pc) NUT

CO run is no exception to this problem. As argued in Section 1.5.2, and by several other authors

(Governato et al., 2004; Mayer et al., 2008), it is likely that both a correct model for supernovae

feedback and sub-parsec spatial resolution are required in order to yield accurate Milky Way disk

properties. The recent work by Agertz et al. (2011) reinforces the importance of these ingredients.

They demonstrated that by using the NUT star formation recipe presented in Section 2.1.5, and a

low value for the star formation efficiency parameter (� ∼ 1%), it is possible to produce realistic

present day disk candidates with scalelengths rd ∼ 4–5 kpc and bulge-to-disk ratios B/D ∼ 0.25.

Achieving these results for multiple simulated disk galaxies is the next grand challenge.

Having now presented a suite of techniques developed for attacking the scientific objectives of both

research projects examined in this thesis, and having discussed in detail the results found upon

implementing these methods, the following final chapter provides a concise thesis summary and

proposes several related projects for future research.



Chapter 7

Conclusions and future projects

7.1 The main results from this thesis

Two accretion algorithms—the halo and halosub methods—have been presented in Section 3.2.

Both schemes measure the positive mass accretion onto a given bound AHOP halo i in the simulation

using different prescriptions. The former examines the mass difference ∆Mij between i and its main

progenitors j along the main branch, possibly tracing back several time intervals before recording

positive ∆Mij , and is restricted to haloes, while the latter measures the fraction of i’s mass acquired

from mergers and accretion of diffuse non-halo material over a single interval, and can be applied to

all levels of structure, conserving mass by construction. Section 3.2 also highlights the importance

of quantifying accretion onto bound objects only. Unbound objects are classed as structures that

either have a positive total energy or that participate in unrelaxed ‘anomalous’ merger events,

and an algorithm is presented that identifies objects of this category and excludes them from the

accretion signals. In Chapter 4, the results obtained from employing these methods are presented,

and the main findings are as follows:

• EPS theory predicts a stronger evolution in the halo accretion rate compared with the mea-

sured rates in the simulation, but the level of relative discrepancy in the accretion trajectory

gradients varies between the halo and halosub methods.

• Radio-mode feedback in semi-analytic models of galaxy formation could be caused by episodes

of low mass accretion onto haloes, which yield both the correct redshift evolution and present

day integrated black hole accretion rate, provided black hole growth correlates with halo

growth.

158
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• Present day haloes may be accreting at fractional rates that are up to a factor 3–4 higher

than their associated black holes.

• The local subhalo accretors in the simulation experience enhanced clustering at small scales,

which is likely to account for their higher average rates of accretion compared with haloes.

• Only a weak relationship is detected between local accretion rate and environment at scales

typical of a large group or cluster. The subhalo accretion rates are probably largely insensitive

to environment because the imposed minimum mass threshold of 40 particles for accretors in

this study restricts analysis to a small range of massive subhalo environments, and the mutual

interactions at small scales that drive accretion onto subhaloes in the outskirts of their hosts

are unlikely to significantly differ between these environments.

Chapter 5 then switches focus to the second project and begins by introducing a Lagrangian

filament construction technique and a satellite finding algorithm, which have both been applied

to the CO run from the NUT suite with ∆xmin = 12pc, in order to address whether the an-

gular momentum acquired by the baryonic disk of a Milky Way type galaxy at high redshift is

driven by filaments. Figs 5.6 and 5.7 highlight the ability of the tracer colouring filament method

at reproducing the apparent individual filament trajectories that channel material onto the disk,

and Fig. 5.8 confirms that the satellite-finding algorithm performs reliable detections of luminous

satellite merger candidates. The angular momentum and mass transported by these components

are then measured using the techniques described in Section 5.5.3, and the results obtained from

implementing these algorithms in Chapter 6 suggest that:

• The cumulative effect of the cold filament gas phase dominates the mass and angular mo-

mentum budgets of the disk as a function of time, hence providing quantitative support for

the cold gas paradigm of disk growth in low mass galaxies at high redshift.

• For 5.5 � z � 7.5, the largest portion of the filament angular momentum signal is transported

by two filaments, which start to merge around z ∼ 5.5. This merger appears to induce a

change in the orientation of the angular momentum transported towards the disk, but the

surviving filament remnant quickly realigns itself along the disk direction and by z ∼ 4,

dominates the filament angular momentum budget by at least a factor of 3.
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• The luminous satellites account for at most one tenth of the disk mass and angular momentum

modulus at any given epoch.

As argued in Section 5.2, recent studies comparing local stellar mass functions with the redshift-

independent cold mode halo mass threshold suggest that low temperature gas is likely to drive

the growth of most galaxies at high redshift. Simulation studies following the accretion history of

present day haloes that are up to an order of magnitude more massive than pure cold mode galaxy

haloes have also revealed that a sizeable fraction of their gas was accreted cold. The high resolution

NUT Milky Way type halo analyzed in this thesis has provided a framework for quantifying the

importance of this cold mode paradigm of galaxy growth.

7.2 Current research and possible future extensions

The remainder of this chapter proposes several further projects that serve to shed more light on

how angular momentum is transferred to the central galaxy disk component across time. It begins

by introducing a method that has recently been developed at the time of writing this thesis for

monitoring angular momentum signals along filaments, but whose predictions are yet to be tested.

7.2.1 Walking along the separate filaments

The tracer colouring technique of Section 5.4.2 is able to construct the separate filaments at a

given time-step, but by itself is incapable of following their trajectories from the point they cross

the virial sphere to the point they join with the disk. Defining these trajectories would enable one

to monitor the orientation and magnitude of the angular momentum transported along the flow

direction as a function of scale, and possibly locate regions where the vector changes, perhaps due

to shocks or torquing from a galaxy component. This may also explain why the modulus of the

specific angular momentum of gas |�jgas| decreases within the 0.1rvir region (Kimm et al., 2011).

The main filament trajectory is therefore likely to reveal information about the physics of the flow,

and so the algorithm that has been designed to walk along filament flow directions is now described.

Using the skeleton to define each filament’s main trajectory

The approach adopted in this study for performing walks along each filament is to follow their

ridges of maximum density, as material local to the dense component is likely to contribute most
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to the overall local filament angular momentum budget. The peaks in the density field have been

computed by using the ‘skeleton’ code (Pogosyan et al., 2009; Sousbie, 2011). The purpose of the

skeleton is to connect ridges of maximum density with local saddle points, providing a framework

that joins critical locations �xcrit of the density field ρ(�x) at each epoch (�∇ρ(�xcrit) = 0). This task

reduces to computing the Hessian of ρ(�x):

H(ρ)ij(�x) =
∂
2
ρ

∂xi∂xj
(�x), (7.1)

and bridging links to points in the direction of the Hessian eigenvector with the largest eigenvalue,

corresponding to the direction of the path with the least local density curvature (Pichon et al.,

2010; Sousbie, 2011). The skeleton requires two dimensionless parameters at run-time, �smo and

�per: the former represents the number of iterations that are used to smooth the positions of the

non-critical points with the positions of their nearest neighbours, while the latter corresponds to

the allowed maximum difference in density between a pair of connected critical points (the so-called

‘level of persistence’), normalized with respect to mean density of the inserted grid. The code then

outputs a web of conjoined paths, where a single path is defined as a series of connected links that

may or may not be of similar length. Each link has a start and end node, and so two connected

links share at least one node (both nodes would be shared in the case of a closed loop). Fig. 7.1

shows all of the paths at z ∼ 8 as black lines that were detected by the skeleton with �smo = 200

and �per = 200 over a box of sidelength equal to 2rvir (∼15 kpc) centred on the centre of the host

stellar clump in the NUT CO run. The skeleton has been computed on a coarse grid with a physical

cell size of ∼44 pc (� = 15), and this choice of ‘skeleton grid’ is discussed in more detail at the end

of this subsection.

Having found all of the paths along the maximum density ridges within the host virial region,

the next task is to select a path that walks from the starting point of a given filament at the virial

radius, to its terminus, which is most likely to be the outer regions of the gas disk. Fig. 7.2 shows

an example of one such possible skeleton path configuration and serves as a visual guide to the

‘walking’ algorithm used in this study. This algorithm examines each filament in isolation and

consists of five main stages:

1. Choice of starting location

All of the filament links in a thin spherical shell spanning 0.98 ≤ r/rvir ≤ 1 are found, with
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Figure 7.1: This figure shows the paths of maximum local density detected by the skeleton (black
lines) when the gas is refined to � = 15 (∆x ∼ 44 pc) over the host’s virial region (outer red circle)
at z ∼ 8 in the NUT CO run with �per = �smo = 200. The skeleton identifies several paths along
each filament that cross and mix in the 0.1rvir disk region (inner red circle), and the labels along
one such path serve to highlight the difficulties with defining individual main trajectories (see text).

each of these links possibly representing a trajectory that leads to the disk. An example of a

starting link in this radial bin is given in Fig. 7.2.

2. Neighbouring link identification

Each link consists of two nodes, which are shown as filled black circles in Fig. 7.2, and is

assigned a number according to the number of unflagged neighbouring filament links that

connect to it along the local walking direction. The starting link in Fig. 7.2 has only one

node connected to other filament links, and so this defines the local walking direction. It is

of course possible that both of the starting link’s nodes are joined to separate filament links,

which would yield two local walking directions. In this scenario, however, it would not be

long before one of the walks traverses outside the virial region (because the starting point is

so close to the virial radius) or along a known path, and so a single walking direction towards

the disk is considered in what follows. In Fig. 7.2, the algorithm assigns link i a ‘2’ because

it has two unflagged filament links, j and k, that join to it along the walking direction. Link
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Figure 7.2: This diagram illustrates how the main skeleton path (red line) is selected from a set
of connected filament links, given a starting position near the host’s virial radius. Each link is
assigned a value that represents the number of unflagged neighbouring links connected to it, and is
subsequently flagged. ‘Dead-ends’ (e.g. j and k), defined as links outside the disk region with a ‘0’,
are then decayed backwards along their parent links (i) in such a way that after the whole decay
process a chain of links with number ‘1’ remain, revealing the main path (see text for details).

i is then flagged. The links that mark the end of the walk have terminal status (assignment

of a ‘0’), and there are two ways such status can be achieved using this method:

• if the link in question is not connected to any unflagged neighbouring filament links,

and/or;

• neither node of the link corresponds to a filament cell on the skeleton grid.

Link j and k are terminals because they are only connected to link i, which has already been

flagged in reaching them, and hence violate the first condition. An exception to the rules

above is made if a terminal link lies within the disk region, in which case its assigned value

of ‘0’ is changed to ‘1’ (as shown in Fig. 7.2), distinguishing it from the ‘dead-end’ terminals

beyond the disk region.

3. The decay of dead-ends and subsequent collapse to the main path

Once every filament link’s nodes have been examined on the skeleton grid and each link has

been assigned an appropriate number, the decay process begins. The algorithm starts at each

dead-end that has been assigned a ‘0’ and traces backwards, subtracting ‘1’ from the parent

link number for every mutual dead-end connection. Link i in Fig. 7.2 is the parent of links

j and k, which themselves are dead-ends, and hence two subtractions from the number ‘2’

assigned to i occur (one from j and the other from k), demoting it to a dead-end. Once this
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decay process is iteratively performed over all dead-end links detected along the path, a single

chain of links remain, each with the number ‘1’, highlighting the main path. This is shown

as the red line in Fig. 7.2.

4. Main trajectory selection

The penultimate step of the algorithm makes a distinction between a main path and a main

trajectory, as there are often several main paths like the one in Fig. 7.2 that reach the disk

from different starting points near the virial radius, and the goal is to select the one that best

follows the flow direction onto the disk. Once the main trajectory has been identified by the

walking algorithm, it can be tested against visualizations of the density field within the virial

region, which help reveal the ‘true’ local flow direction for each filament.

In this study, the main trajectory that penetrates through to the disk region is defined as

either the shortest mass-weighted path or the path with the largest integrated mass. Both

prescriptions have their relative advantages and disadvantages. The former has the desirable

property that it penalizes paths that follow unclosed loops (e.g. loop ‘B’ in Fig. 7.1) that have

a larger integrated mass due to their additional length, but it has the undesirable property

that it does not necessarily trace the curvature of the filament bends around the disk, as

longer trajectories are disfavoured. The latter definition is likely to account for the dominant

component of the angular momentum budget of each filament and gives preference to the

longer paths that twist and turn onto the disk, but it is susceptible to choosing skeleton

links that do not appear to best coincide with each filament’s known flow direction (e.g. the

path starting at ‘A’ in Fig. 7.1). Therefore the performance of both of these main trajectory

definitions is tested by visual inspection for each individual filament at a given time-step in

this study, and the appropriate path is subsequently chosen.

The integrated mass of a given main path is computed by combining the mass of all the

cells on the fine grid (∆x ∼ 12 pc) within spheres that are centred on the midpoint of each

member link. This technique is henceforth referred to as the ‘spheres method’ and is defined

by a single free parameter rs, corresponding to the sphere radius. Assigning each sphere a

fixed value of rs suffers from two problems: (i) it ignores the density distribution of filament

gas along the main trajectory and could therefore yield a large distribution in enclosed mass,

which would bias the angular momentum signal; (ii) it is insensitive to the physical nature
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of a given filament’s trajectory and could combine gas at different angular positions in the

central region where the filament bends, which is analogous to averaging over the filament’s

curvature. A minimum density limit of 1000 cm−3 is hence imposed instead, in an attempt

to remove the potential mass bias. This choice of parameter value approximately bisects the

range in the nT filament density criteria for 1000 filament cells of equal volume, and so the

Poisson errors are likely to be low. In order to avoid premature path truncation, the walking

algorithm identifies the satellite cells on the coarse skeleton grid and permits the walk to

continue when these cells are encountered, but ensures that their counterparts on the fine

grid do not contribute to the mass budget along the path because satellites are not defined

as part of filaments in this study.

Fig. 7.3 shows the main trajectories projected along the z and x axes for each of the filaments

in the upper (purple), lower left (yellow) and lower right (red) panels of Fig. 5.7. The algorithm

follows each filament towards the disk region and mostly captures the individual twists and

turns, as is best illustrated for the yellow filament’s trajectory. It appears that the red filament

is truncated prematurely, but the mixing with the purple filament destroys most of its inner

structure and the surviving inner red filament remnant cannot be resolved at a refinement

level of � = 15. It can be seen in the lower right panel of Fig. 5.7, however, that this extra

inner structure of the red filament that is resolved by increasing the refinement level to 17

at this epoch is minimal, and so the amount of angular momentum it carries is likely to be

minimal too, especially since the trajectory appears to be mostly radial.

5. Angular momentum transport along the flow

With the main trajectory of each filament identified at a given epoch, it is possible to compute

the total angular momentum of all the cells on the fine grid within the spheres along the

trajectory by using equation (5.7). This yields the angular momentum profile of the individual

filaments.

Computational challenges

The main difficulties are associated with the skeleton web, which is sensitive to the values of �per

and �smo. If both parameters are too small, the skeleton structure is noisy and can follow directions

that locally do not conform to the direction of the bulk inward radial flow. If on the other hand
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Figure 7.3: These images show the main filament trajectories at z ∼ 8 selected from the skeleton
paths (thin black lines) by the walking algorithm described in Section 7.2.1. The grid dimensions
are identical to the skeleton grid shown in Fig. 7.1, and the purple, yellow and red filaments cor-
respond to the top, lower left and lower right panels of Fig. 5.7 respectively. The upper and lower
visualizations in gas density represent projections along the z and x axes, with the 0.1rvir, 0.2rvir
and rvir regions shown by the inner, middle and outer orange circles respectively. Notice that the
lower panel particularly highlights the success of the walking algorithm in following the curvature
of the yellow filament about the disk.
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both parameters are too large, connections are made between density maxima that have large

spatial separations (which the walking algorithm may flag as part of the main trajectory), and the

details of a given filament’s curvature (e.g. sharp bends) are lost in excessive smoothing. Both

of these extreme cases can yield trajectories that do not necessarily correspond to the apparent

trajectory of each filament over the range of scales within the virial region. The ratio between the

time it takes to compute the skeleton web on two grids refined to different levels also approximately

scales with the grid volume ratio, which justifies the choice of coarse grid in Fig. 7.1. Coarser grids

are further favoured when deciding on the best values of �per and �smo, which could prove a very

laborious exercise on finer grids. It is hence likely that only a small subset of time-steps suitably

spaced between z ∼ 8 and z = 3 will be considered when probing the time evolution of the system.

7.2.2 Analyzing the outputs from the more complex NUT runs

Once the walking algorithm and spheres method have been successfully implemented on the CO run,

it will be interesting to conduct a similar analysis on the NUT outputs that include feedback from

supernovae (FB run) according to the prescriptions described in Section 2.1.5. The inclusion of this

additional heating source will probably perturb the density field local to filament regions that host

satellites and that penetrate the disk region, which could yield a more clumpy density distribution.

Powell et al. (2011) have demonstrated that the filaments in the NUT simulations survive upon

inclusion of supernovae feedback, but that the gas density distribution becomes far less smooth,

and so the walking algorithm presented in the previous section may require modification to avoid

premature path truncation outside the disk region. It will be interesting to test these predictions

on the ultra-high resolution NUT FB run with a physical resolved scale of 0.5 pc.

Supernovae also inject metals into their local surroundings, and so filaments are likely to cool

more quickly than in the CO run. This increase in the metallicity of the ISM will therefore enable

a further investigation of the role of cold gas in establishing the disk’s angular momentum, as the

fraction of gas at late times with T ≤ 2× 104K will increase. It should hence be possible to reduce

the filament’s upper temperature limit from Tu = 2×105K to Tu = 2×104K. Metallicity maps may

also prove instructive when assessing the role stripped satellite gas has in growing disks. The gas

bound to the outer regions of satellites streaming along filaments that is likely to largely constitute

the stripped component has been attributed to the filament phase in this thesis for reasons discussed

in Section 5.4.3, and Fig. 5.8 indicates that this could form a non-negligible signal. Decoupling this
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from the filament phase and identifying it as a separate, metal-rich component may hence prove

instructive. Metallicity cuts would inevitably be introduced to carry out this task.

7.2.3 Identifying gaseous shocks and measuring torques

It can be seen in Fig. 5.7 that filaments often follow trajectories that bend in the vicinity of the disk

before eventually merging with it, which raises the question of why these filaments bend. Pichon

et al. (2011) have speculated that the filaments encounter a radial isothermal shock at a certain

angle of incidence on the periphery of the disk, which radiates away the component of the velocity

perpendicular to the shock front as thermal energy, leaving behind the velocity component in the

plane of the shock. They argue that this could cause the trajectory to bend, as the velocity vector

will point in a different direction. It is, in principle, possible to test for radial shocks in both the CO

and FB runs by measuring the radial and angular components of the linear momentum of filaments

using the spheres method in combination with the walking algorithm, and by locating sudden drops

in the radial component. Detecting oblique shocks would be far less trivial, however.

It is also conceivable that filament trajectories bend due to torquing from a galaxy component.

Roškar et al. (2010) have measured the gravitational and hydrodynamical torques on hot and cold

gas as a function of scale within the virial region and claim that at around 0.1rvir from the halo

centre, the torque from dark matter is roughly one tenth of the torque from gas. By measuring the

modulus and direction of the torques on the filament gas cells due to dark matter and gas, and by

recording the angular positions of the filament segments, it may be possible to associate swings in

the torque vector with swings in filament trajectories.

7.2.4 Resolving the inner disk structure

With a minimum physical scale of ∼0.5 pc, the angular momentum and mass profile of the disk can

be resolved at each time-step, which could reveal evidence for an inner and outer disk component,

in concordance with the lower redshift disk warps reported in the literature (e.g. Garćıa-Ruiz

et al. 2002). It may also be interesting to separate the combined stellar and gas disk signals in

Fig. 6.1 and study their interplay as a function of time. Given the distribution in stellar ages and

the velocity kicks experienced after the supernova phase, perhaps there exists an old and a young

stellar disk with some level of misalignment.
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7.2.5 Lagrangian dynamics using SPH

There is a considerable amount of literature that debates the relative merits of SPH codes versus

adaptive grid codes (see Table 1.2 for a concise summary). The NUT CO run analyzed in this

thesis boasts a redshift-independent physical gravitational softening length of 12 pc, which invites

studies similar to that presented in Chapter 6 to probe the redistribution of angular momentum in

the disk’s vicinity by providing the high resolution required to resolve the disk and the filaments.

Most SPH codes, by contrast, are forced to adopt a model characterized by a parameter zfix that

switches the softening scale at some epoch from being fixed in comoving coordinates at high redshift

to being fixed in physical coordinates at low redshift, and another parameter �g that determines the

softening scale at the present day, which is typically between 200–700 pc (e.g. Springel et al. 2008;

Okamoto et al. 2010). Yet despite having poorer spatial resolution, the SPH approach does offer

an attractive framework that is, by definition, suited to the Lagrangian task of following accretion

of gas onto the central disk component. It would hence be interesting to tag all of the particles

that reside within the disk at the final output of a resimulation SPH run, record their identification

numbers and subsequently rewind back to the start of the simulation, following each particle as

soon as it crosses the virial sphere. Each filament could be resolved in a similar fashion to the

tracer particle colouring scheme, except a nearest neighbours scheme would be used in place of a

neighbour cell colour propagation method (Section 5.4.2). The aim would then be to follow the

angular momentum modulus and direction of each coloured SPH filament gas particle as a function

of time, before it is accreted onto the disk. The SPH approach would hence offer unique trajectories

in the angular momentum versus time plane for collections of coloured filament particles accreted at

the virial radius at similar times, which could prove instructive from the point of view of identifying

physical mechanisms along the filaments, such as shocks. It would also be interesting to make a

comparison with the SPH version of Fig. 6.1.

In summary, this research project would enable a thorough quantitative comparison between

two alternative schemes for performing radiative gas hydrodynamics. Perhaps the results would

support the recent study by Scannapieco et al. (2012), who argued that the disagreement between

grid-based and SPH-based predictions for the present day stellar mass, size, rotation curve and

morphology of their resimulated galaxy from the Aquarius Project simulation (Springel et al.,

2008), was driven by differing models of star formation and feedback, rather than fundamental

numerical differences between the particle and grid treatments themselves.
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