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Abstra
t

While the progenitors of Type Ia supernovae (SNe Ia) have long been thought to be thermonu-


lear explosions of white dwarf stars, what triggers the explosion are still a topi
 of debate. This

thesis 
onsiders 
onstraints on single-degenerate progenitors of SNe Ia based on the presen
e of a

Ro
he-lobe �lling 
ompanion. The eje
ta strips material from the 
ompanion, that maybe dete
table

via Hα emission during the nebular phase. Using the full stru
ture from simulations produ
es line

widths are larger than those produ
ed in simple models.

The stru
ture formed by the eje
ta-
ompanion intera
tion produ
e a broken reverse sho
k that

may be visible in X-rays via the Fe Kα line at the age of Ty
ho's supernova remnant (SNR). If the

similar stru
tures in Ty
ho's SNR are produ
ed this way then the 
ompanion star must have been

massive, with M ∼ 2M⊙.

Dete
tions of 
ir
umstellar material within the supernova provides another way to indire
tly

probe the 
ompanion star. Mass loss through winds or novae are expe
ted to shape the 
ir
umsteller

medium for single-degenerate progenitors and the velo
ities, v ∼ 100 km s−1
appear to be 
onsistent

with re
urrent nova shells, a model that is tested by analysing simulations of RS Ophiu
hi.

Models of RS Ophiu
hi 
an explain the absorption lines seen around the 2006 outburst if the

mass loss is 10−6 M⊙ yr−1
. The 
ir
umsteller medium is shown to produ
e in the velo
ity and

relative strengths of the features seen in SN 2006X. However, whether density in the shells is high

enough to produ
e the required re
ombination times
ale and to over
ome ionization by γ-rays for

shells at 5× 1016 cm remains un
ertain.
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Chapter 1

Introdu
tion

The nature of Type Ia supernovae (SN Ia) has remained a mystery despite de
ades of resear
h, whi
h

belies their relative homogeneity. Observationally they are distinguished by a la
k of hydrogen and

helium lines in their spe
tra, along with the presen
e of strong sili
on lines. The spe
tral evolution

appears homogeneous in 
omparison with the variety seen in Type II supernovae, and the spe
tra

show velo
ities in ex
ess of 104 km s−1
.

The spe
tral homogeneity of Type Ia supernovae has been known for a long time (Minkowski,

1939); however, there is intrinsi
 variation amongst them. While there are 
learly sub-samples of

pe
uliar over-luminous (SN 1991T-like, Filippenko et al., 1992a) or under-luminous (SN 1991bg-

like, Filippenko et al., 1992b), it be
ame 
lear that `normal' SN Ia show variation. One of the

most notable is the 
orrelation between maximum luminosity and de
line rate of the luminosity

after maximum light (Pskovskii, 1977; Phillips, 1993). In general, the more luminous supernovae

are slower de
lining and have higher velo
ities. However, 
urrently there is little to be gained in

applying multiple parameter models for normalising the luminosity (Bran
h, 1998; Maguire et al.,

2012).

Furthermore, the properties of Type Ia supernova have been shown to depend on their environ-

ment, star forming galaxies tend to host supernovae that are more luminous by 0.2-0.3mag (Hamuy

et al., 1995), although these supernovae still sit on the luminosity-de
line rate relation. Star forming

galaxies also tend to have a higher rate of SN Ia per unit stellar mass than ellipti
als (Cappellaro

1



2 1. Introdu
tion

et al., 1997) and the supernova rate is proportional star formation rate in star forming galaxies

(Sullivan et al., 2006).

The presen
e of SN Ia in ellipti
al galaxies is a key di�eren
e to Type II supernovae, whi
h have

not been 
on
lusively seen in ellipti
als, showing that at least some SN Ia must 
ome from low mass

stars in older stellar populations. This is supported by their la
k of asso
iation to star formation

relative to Type II supernovae (Anderson et al., 2012)

The di�eren
e in rates and properties between SN Ia in spiral and ellipti
al galaxies may be

explained by a di�eren
e between supernovae o

urring promptly (< 108 yr) after star formation

and those that are more delayed (Mannu

i et al., 2006), as ellipti
al galaxies should only host the

delayed 
hannel. However, it appears that the delay-time distribution of SN Ia is also 
onsistent

with a 
ontinuous distribution following approximately a

dN
dt ∝ t−1

law (Totani et al., 2008; Maoz

et al., 2010, 2012).

The relative homogeneity and intrinsi
 variability in Type Ia supernovae provide one of the

major insights into their possible progenitors, whi
h along with the distin
tive la
k of hydrogen in

their spe
tra, led to the 
urrently a

epted s
enario that SN Ia involve the thermonu
lear explosion

of a white dwarf. This explanation for SN Ia was originally put forward by Hoyle & Fowler (1960),

albeit as an explanation for Type II supernovae as well. The nu
lear burning during explosion

leads to the produ
tion of several 0.1M⊙ of

56Ni (Truran et al., 1967), whi
h is radioa
tive and

de
ays with a half-life of 6 days. Colgate & M
Kee (1969) showed that the

56Ni →56 Co →56 Fe

de
ay 
hain 
an power the light 
urve of the supernova, helping the model be
ome more generally

a

epted. However, there is some debate over how what triggers the explosion.

The �rst model for the explosion of a white dwarf through 
arbon burning is due to Arnett (1969),

who found that on
e the mass rea
hes M = 1.37M⊙ the 
entral density is high enough for 
arbon

burning to be
ome explosive. Arnett's models were de�
ient intermediate mass elements (6 < Z <

21) 
ompared to observations (Arnett et al., 1971). Among the �rst models that were su

essful

at reprodu
ing the spe
tra was the W7 model of Nomoto et al. (1984), whi
h 
ould explain many

of the features present in spe
tra of Type Ia supernovae when arti�
ial mixing was invoked in the

outer-layers. The key di�eren
e between the Arnett et al. (1971) model and Nomoto et al. (1984)
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W7 model is that in Arnett's model the 
arbon burning wave was a detonation, in whi
h the


arbon burning front is supersoni
, while in the W7 model the 
arbon burning front is subsoni
,

a de�agration. This resulted in weaker 
arbon burning and the produ
tion of more intermediate

mass elements.

Delayed-detonation models, in whi
h the nu
lear burning starts o� subsoni
 and transitions to

a supersoni
 detonation wave, represent an intermediate to the pure detonation models of Arnett

(1969) and de�agration models Nomoto et al. (1984). The amount

56Ni produ
ed in delayed-

detonation models depends on the density at whi
h the de�agration-to-detonation transition o

urs

(Khokhlov, 1991). This provides a possible me
hanism for explaining the small intrinsi
 variations

seen in SN Ia, as well as a good mat
h to observations of normal SN Ia (Hoe�i
h & Khokhlov,

1996).

As isolated white dwarfs below the Chandrasekhar mass are inert, an explanation is needed as to

what 
auses them to explode. Whelan & Iben (1973) developed a model in whi
h the white dwarf is

in a binary and a

retes gas from a 
ompanion star. The binary initially 
onsists of a primary with

mass MP ∼ 3− 8M⊙ and a se
ondary with lower mass MS < 1M⊙. The more massive star evolves

most rapidly, whi
h loses it's envelope during the giant phase through mass loss or mass transfer,

leaving behind a 
arbon-oxygen (CO) white dwarf. During this time the less massive star remains

on the main sequen
e. Later, as the se
ondary evolves it expands and begins transferring mass to

the white dwarf. On
e the white dwarf has a

reted su�
ient material to rea
h the Chandrasekhar

mass it explodes as a Type Ia supernova.

Prior to the explosion, the white dwarf undergoes a period of quies
ent 
arbon burning in the


ore. Initially the 
ore is stabilized by neutrino 
ooling, followed by 
onve
tive transport. Due to the

high densities before the explosion, 
onve
tion is modi�ed by the Ur
a pro
ess (Pa
zy«ski, 1972).

The Ur
a pro
ess involves the 
y
li
 ele
tron-
apture and beta de
ay of a pair of elements with the

same atomi
 mass, A, and nu
lear 
harges Z and Z − 1. The pro
esses

(Z,A) + e− → (Z − 1, A) + ν (1.1)

(Z − 1, A) → (Z,A) + e− + ν̄, (1.2)
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Figure 1.1: Di�erent burning regimes for a

retion onto a white dwarf. The range of a

retion rates

for whi
h steady hydrogen burning 
an o

ur is relatively narrow. Above this range the a

reted

material expands to form an envelope, similar to red giant and mass loss may o

ur through winds.

Below the range, the white dwarf undergoes re
urrent novae. The dashed lines tra
e the mass over

of the envelope a

reted before the novae o

ur. [Reprodu
ed from Nomoto et al. (2007)℄

both result in the release of a neutrino that 
ools the 
ore. At an appropriate density shell in

the 
ore ele
tron 
apture and beta de
ay rates are in equilibrium, whi
h 
an result in signi�
ant


ooling. Away from 
hemi
al equilibrium, as is found in the 
onve
tive 
ase, the ele
trons 
aptured

and eje
ted dominates the energy budget, resulting in heating of the 
ore (Bruenn, 1973). The Ur
a

pro
ess results in a smaller 
onve
tive 
ore at the time of explosion, whi
h o

urs after typi
ally

103 yr of quies
ent burning (Lesa�re et al., 2006; Stein & Wheeler, 2006). The di�
ulty in a

u-

rately 
al
ulating the Ur
a pro
ess is one main un
ertainties in the stru
ture of the white dwarf at

the time of explosion.

Despite the su

esses of the model there are a number of di�
ulties. One of the main problems

that remains is the range of a

retion rates whi
h lead to the white dwarf growing in mass is small

(see Fig. 1.1, Nomoto, 1982a; Nomoto et al., 2007). If the mass loss rate is too high (5×10−7M⊙ yr−1

for M ≈ 1.35M⊙) the a

retion forms an envelope that is similar to a red giant (Nomoto et al.,
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1979) and mass may be lost through winds, or this 
ould lead to a 
ommon envelope phase and

potentially eje
t the envelope. For a

retion rates that are too low (10−7M⊙ yr−1
forM ≈ 1.35M⊙),

the nu
lear burning o

urs through shell-�ashes, whi
h give rise to novae. The novae are expe
ted

to eje
t the majority of, or perhaps more than, the a

reted mass (Yaron et al., 2005). The large

fra
tion of mass lost through novae means that it may be di�
ult for white dwarf stars to rea
h the

Chandrasekhar limit while a

reting this way. In the intermediate region the white dwarf should

burn the a

reted hydrogen stably and may appear as a super-soft sour
e (e.g. Nomoto et al., 2007).

Sub-Chandrasekhar mass explosions have also been 
onsidered, whi
h have the advantage of

avoiding the need for large amounts of a

retion. An explosion may be triggered on a helium

a

reting white dwarf via a Helium shell �ash on
e the 0.1 to 0.2M⊙ of Helium has built up on the

surfa
e (Nomoto, 1982b; Woosley et al., 1986). Depending on the mass and a

retion rate, helium

detonation may lead to a the detonation of 
arbon in the 
ore. In the absen
e of a se
ond detonation

these models eje
t only a small mass 
onsisting mainly of

56Ni and leave behind a remnant. In the


ase of a double detonation the whole white dwarf is disrupted, however 
urrent models produ
e

too mu
h

44Ti, resulting in a far redder 
olour than observed SN Ia (Woosley et al., 1986; Kromer

et al., 2010). More re
ently, Fink et al. (2010) found that helium detonations in two-dimensional

simulations always produ
e se
ondary 
arbon detonations; however, Moll & Woosley (2013) found

that double detonations 
an only o

ur in helium shells with MHe & 0.05M⊙.

Work on an alternative, double-degenerate model for Type Ia supernovae began with Iben &

Tutukov (1984) and Webbink (1984), whi
h involves the merger of two white dwarf stars. Stellar

evolution predi
ts that there should be enough of these systems to a

ount for the supernova rate,

and a merger presents a relativity easy way to get the total mass above the Chandrasekhar limit.

However, there has been 
onsiderable debate whether the merger results in a Type Ia supernova.

The less massive white dwarf is 
ompletely disrupted during the merger, forming a dis
 around the

more massive white dwarf. A

retion from the dis
 
an indu
e quies
ent, o�-
entre 
arbon burning,


onverting the 
ore of the white dwarf from CO to ONeMg, resulting an a

retion indu
ed 
ollapse

(Nomoto & Iben, 1985) and formation of a neutron star. However, a more re
ent investigation

has shown that this may not be universally true, as for su�
iently low a

retion rates (Ṁ <
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5× 10−6M⊙ yr−1
) neutrino 
ooling may be able to prevent o� 
entre 
arbon burning (Yoon et al.,

2007).

Another interesting prospe
t for the formation of Type Ia supernovae appeared to be triggering

detonation during violent mergers of white dwarfs. Hydrodynami
 simulations by Pakmor et al.

(2012) showed that nearly equal mass mergers 
ould lead to 
arbon detonation in CO+CO whi
h

dwarf mergers. However, Dan et al. (2014) 
al
ulated the merger properties for a range of binaries,

�nding that CO+CO white dwarf systems do not ignite as they merge. The models di�er by their

initial 
onditions, Pakmor et al. (2012) used non-rotating white dwarfs in their initial 
onditions,

whi
h appears to be at odds with the 
onstraint that the white dwarfs should be 
o-rotating at the

onset of mass transfer (Fuller & Lai, 2012). In 
ontrast to this, Dan et al. (2012) showed that if

there is a signi�
ant helium layer on the surfa
e of the white dwarf then prompt detonation of the

helium 
an o

ur, though this does not result in the total destru
tion of the white dwarf. These

might be similar to the edge-lit models of Nomoto (1982b). Although they are unlikely to explain

Type Ia supernovae, they might be able to explain sub-luminous events like SN 2002
x (Li et al.,

2003).

While ab initio modelling of spe
tra and light 
urves provides one way to distinguish between

progenitor s
enarios the di�eren
es are subtle as all su

essful models are fundamentally similar.

Ea
h model dis
ussed depends on explosive 
arbon burning of CO white dwarf stars resulting

in similar energies available. Currently there are di�eren
es in the models: double-degenerate

progenitors resulting in slower de
lining light 
urves (Kromer et al., 2013) and double-detonations

produ
e produ
e supernovae that are more red (Kromer et al., 2010). However, there are still

di�eren
es between the results of di�erent groups both within hydrodynami
 modelling (e.g. Kromer

et al., 2010; Moll & Woosley, 2013) and radiative transfer (Dessart et al., 2013).

An alternative method for distinguishing between progenitor models involves population syn-

thesis, whi
h 
an be dire
tly related to observed rates and delay-time distribution (Totani et al.,

2008; Maoz et al., 2010, 2012). These models naturally seem to favour double degenerate progeni-

tors. Similarly, a measurement of the gala
ti
 rate of white dwarf mergers appears to be 
onsistent

with supernova rate (Badenes & Maoz, 2012). There is 
urrently a lot of �exibility in population
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synthesis models, whi
h is a problem for 
onstraning progenitor s
enarios, sin
e it means that most

progenitor s
enarios 
an be made to �t. For example, while Gilfanov & Bogdán (2010) show that

there are not enough super-soft sour
es in the galaxy to a

ount for the SN Ia rate, it is known

that these sour
es have a duty 
y
le (e.g. Kahabka & van den Heuvel, 1997), whi
h may be able to

a

ount for the di�eren
e.

While dire
t observations of the progenitors is not feasible, 
onstraining the progenitors via the

e�e
ts they have on their lo
al environment may be. As the double-degenerate 
hannel requires

a long delay time between the formation of the se
ond white dwarf and the explosion, naively

one would expe
t there to be no dete
table e�e
t of the progenitors at the time of the supernova.

However, non-
onservative mass transfer, winds from the 
ompanion and re
urrent novae should

shape the environment around a single-degenerate progenitor.

The main possibilities for studying the intera
tion of a supernova with its environment are the

dynami
al intera
tion the supernova has with the medium, and the e�e
t the medium has on the

light from the supernova. These two methods are 
omplimentary, as the dynami
al intera
tion

happens slowly over a times
ale of several 100 yr, while the intera
tion between the light and the

medium 
onstrain the early evolution of the supernova while the light 
urve is still radioa
tively

powered. Alternatively, light e
hoes 
an be used to study supernovae long after they have o

urred.

The idea was �rst proposed by Zwi
ky (1940). Using the light s
attering by dust �laments in

the interstellar medium, it has re
ently be
ome possible to determine the type of some histori
al

supernovae (Rest et al., 2005, 2008).

The work presented in this thesis fo
usses on using the e�e
ts of the se
ondary to help determine

whether SNe Ia 
an have single-degenerate progenitors. A number of the features dis
ussed may

also have explanations based upon double-degenerate or sub-Chandrasekhar models, for example

Shen et al. (2013) suggest a model for a 
ir
umstellar medium in double-degenerate progenitors.

However, the fo
us will be on 
onsidering whether single-degenerate progenitors are 
ompatible with

observations.
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1.1 Supernova-Companion Intera
tion

The early signatures of the dynami
al intera
tion of a supernova with it's environment are available

through X-ray and radio emission from parti
les a

elerated at the forward sho
k. The 
lassi


example of early radio and X-ray emission from supernovae is the Type IIb supernova SN 1993J

(Fransson et al., 1996), in whi
h a mass loss of ∼ 10−5M⊙ yr−1
was measured. So far no Type

Ia supernova has been dete
ted in radio or X-rays. The most 
onstraining upper limit is from SN

2011fe, whi
h assuming spheri
al geometry would appear rule out a mass-loss rate of 10−9M⊙ yr−1

(Horesh et al., 2012; Chomiuk et al., 2012). This assumption is far from valid, whi
h may make the


onstraint mu
h less severe.

There are notable ex
eptions, as far as a few hybrid Type Ia/Type IIn supernovae whi
h have

showed 
lear dete
tion of an intera
tion with 
ir
umstellar material. SN 2002i
, SN2005gj and PTF

11kx all show spe
tros
opi
 features similar to those seen in Type Ia supernovae (Hamuy et al.,

2003; Aldering et al., 2006; Dilday et al., 2012). These supernovae also showed strong Hα emission,

whi
h is a signature of 
ir
umstellar intera
tion in Type IIn supernovae. However, these supernovae


annot be 
onsidered spe
tros
opi
ally normal Type Ia supernovae. Therefore, any 
on
lusions

about about the 
ir
umstellar medium in normal Type Ia supernovae drawn from them would be

subje
t to proving that they are produ
ed by similar me
hanisms to the majority of SN Ia, whi
h

is not 
lear. For the rest of this work su
h supernovae will be ex
epted from 
onsideration.

The 
lose proximity of a 
ompanion star to the supernova means that the eje
ta intera
t with

the 
ompanion star within the �rst few hours of the explosion. The stripping and ablation of

material from the 
ompanion has been studied using analyti
al 
al
ulations based upon the energy

and momentum deposition (Colgate, 1970; Wheeler et al., 1975) and more re
ently using simulations

to in
orporate the time-dependen
e of the problem.

Initially simpli�ed models for the 
ompanion and eje
ta were used (Fryxell & Arnett, 1981;

Livne et al., 1992). Cal
ulations by Marietta et al. (2000) were the �rst to use realisti
 models for

the supernova eje
ta and a range of models for the 
ompanion star. The 
al
ulations showed that

for main sequen
e and sub-giant stars 0.1 to 0.2M⊙ is stripped by the supernova. For red giants

the envelope is less strongly bound and is 
ompletely stripped by the supernova. The hydrogen-ri
h
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stripped material remains at velo
ities v ≈ 1000 km s−1
, mu
h lower than the v ∼ 104 km s−1

of

the supernova eje
ta, remaining in the 
entre of the supernova. The supernova eje
ta also be
ome

aspheri
al and the region shadowed by the 
ompanion is devoid of eje
ta, resulting in a hole with a

half-opening angle of approximately 40◦. Although the stars used by Marietta et al. (2000) did not

take into a

ount full binary evolution, re
ent 
al
ulations that do found largely 
onsistent results

(Liu et al., 2012; Pan et al., 2012).

Kasen (2010) studied the e�e
ts of the supernova 
ompanion on the early light 
urve. The dire
t

intera
tion with the 
ompanion star is expe
ted to be luminous in X-rays up to 1044 erg s−1
, whi
h

may last up to hours and would be followed by an ex
ess UV emission. The light 
urve may show

a signi�
ant UV ex
ess for observers looking down the hole, that 
ould last for several days for a

red giant 
ompanions. For main sequen
e 
ompanions with, the UV ex
ess is only expe
ted during

the �rst day. For observers viewing the supernova opposite to the hole, the light 
urve is similar to

that from spheri
al models.

There is some un
ertainty in whether the early time emission would be observed for main-

sequen
e 
ompanions, sin
e in order to mat
h the spe
tral evolution to the light 
urve the supernova

may be dark during the �rst day (Mazzali et al., 2014). Sin
e the temperature from the explosion

drops rapidly through adiabati
 expansion any initial luminosity is lost within minutes of the explo-

sion and subsequent emission powered by the radioa
tive de
ay make take up to a day to es
ape due

to the high opa
ity within the eje
ta. This would mean that by the time the supernova is dete
ted

in the opti
al, any prompt X-ray or early UV would have disappeared. For red-giant 
ompanions

the UV ex
ess should be dete
table within the �rst �ve days (Kasen, 2010). An analysis of the early

time 
olours of 100 SNe Ia limits the proportion of SNe Ia with red giant 
ompanions to no more

than 10 to 20 per 
ent (Bian
o et al., 2011).

The predi
tion that solar metalli
ity material should be found deep within the eje
ta is 
urrently

one of the strongest arguments against single-degenerate progenitors. Due to the low velo
ity of

the hydrogen and the high opa
ity of the supernova around maximum light, the best prospe
ts for

dete
ting the stripped material is during the nebular phase. At this time, ionization and heating

of the eje
ta is dominated by s
attering of γ-rays (Mazzali et al., 2001). Nebular spe
tral models
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based upon simple approximations for the distribution of stripped 
ompanion material suggest that

the luminosity of the Hα line should be as high as 1035 erg s−1
300 days after the supernova (Mattila

et al., 2005; Lundqvist et al., 2013). If this is the 
ase, then late time observations of SN 2005am,

SN 2005
f and SN 2011fe put stri
t limits on the amount of stripped hydrogen that 
an be present

in the supernovae, whi
h appears to rule out single-degenerate progenitors (Leonard, 2007; Shappee

et al., 2013). However, only models 
onsidering a uniform distribution of stripped material within

the 
ore of the supernova have been used to predi
t the luminosity. As we will show in Chapter 3,

the stripped material is far from uniform and the Hα emission is opti
ally thi
k, the e�e
ts that

this has on the emission will be dis
ussed.

However, sin
e the mass stripped from the 
ompanion depends on its distan
e from the super-

nova, there is a me
hanism by whi
h the la
k of hydrogen 
ould still be explained. Justham (2011)

argued that there may be a delay between the mass transfer and the supernova. A

retion of angular

momentum means that rotational support may allow the white dwarf to ex
eed the Chandrasekhar

mass by at least 0.1M⊙ (Saio & Nomoto, 2004). If rotational support prevents the white dwarf

from exploding while it is still a

reting, then there 
ould be a delay between the end of a

retion

and the explosion.

Even if the spin-down time-s
ale, τJ , was negligibly short then the delay would be at least as

long as the 103 yr for the Ur
a pro
ess. Sin
e this is longer than the Kelvin-Helmholtz times
ale on

whi
h the envelope 
ontra
ts, whi
h of the order of years, the 
ompanion would no longer be �lling

its Ro
he lobe and very little mass would be stripped from it.

However, some of the physi
al pro
esses involved in the spin-up, spin-down pi
ture are not well

understood. The e�
ien
y of a

retion of angular momentum a�e
ts whether a supernova 
an o

ur

while the white dwarf is a

reting, and the time-s
ale for angular momentum loss, τJ , is not well

known. Upper limits for τJ 
an be derived from heuristi
 arguments. If τJ > 109 yr then the white

dwarf will 
rystallize and undergo an a

retion indu
ed 
ollapse rather than exploding as an SN

Ia (Yoon & Langer, 2005). Furthermore, for τJ > 106 yr the 
entral density at ignition would be

higher than 2× 109 g cm−3
, produ
ing too many stable iron group elements.
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Figure 1.2: Evolution of the Na I D2 and Ca II K line pro�les in SN 2006X. The absorption lines

are from spe
tra taken at day −2 (bla
k), day +14 (red), and day +61 (blue, Na I D2 only) relative
to the maximum light. The verti
al dashed lines mark the four main variable 
omponents at −3
(�A�), +20 (�B�), +38 (�C�), and +45 (�D�) km s−1

. The strong absorption at +75 is likely to be

due to the lo
al interstellar medium, and is assumed to be 
oin
ident with the supernova velo
ity.

[Reprodu
ed from Patat et al. (2007)℄

1.2 Cir
umstellar Material and Re
urrent Novae

The �rst normal Type Ia supernova that showed 
lear signs of 
ir
umstellar material is SN 2006X,

whi
h was made through the time evolution of narrow absorption lines in the spe
tra (Patat et al.,

2007). Several 
omponents at varying velo
ities appeared in the absorption lines of di�erent spe
ies,

in
luding the Na D lines and the Ca II H & K lines. As the strong variation in the Na D lines

was not seen in the Ca II lines, it removes the possibility that the variations 
ould be explained by

interstellar 
louds passing a
ross the line of sight (see Fig. 1.2). Patat et al. (2007) suggest that the
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variation is driven by photoionization e�e
ts, as no variation was seen in the harder to ionize spe
ies

(Ca II). While SN 2006X was heavily reddened, it was otherwise a normal Type Ia supernova.

Between days −2 and +14 the variable 
omponents in SN 2006X all be
ame stronger. If the

variation is due to photoionization, then this suggests that the re
ombination times
ale is of order

tens of days, whi
h 
orresponds to a density ne ≈ 105 cm−3
(Patat et al., 2007). Behaviours


onsistent with re
ombination on similar times
ales was also seen in SN 1999
l and SN 2007le

(Blondin et al., 2009; Simon et al., 2009).

However, it has been questioned as to whether the absorption in these two supernovae is really


onsistent with a dete
tion of 
ir
umstellar material. Chugai (2008) argued that the ionization

from γ-rays and two-photon ionization 
aused by the Type Ia supernovae would su�
iently ionize a

red-giant wind that the material should not be seen. Furthermore, as the absorption lines were still

present in both SN over 100 days after the supernova, the distan
e to the material must be large

r > 1016 cm, potentially putting the material too far from the supernova for the UV photoionization

rate to be high enough. Simon et al. (2009) found similar results for SN 2007le, for whi
h they

suggested that observations 
ould be explained by a 
loud lo
ated 0.1 pc from the supernova with

a density of ne ∼ 107 cm−3
.

Statisti
al arguments make a stronger 
ase that these observations may be asso
iated with a pre-

supernova out�ow. If the absorptions were asso
iated with the interstellar medium, the distribution

in velo
ity should be symmetri
 about the lo
al interstellar medium velo
ity. Sternberg et al. (2011)

found eviden
e for a signi�
ant ex
ess of supernovae with blue-shifted absorption 
omponents over

those with red-shifted absorptions. One point of 
ontention for su
h studies is how well the lo
al rest

frame for the supernova is known. Sternberg et al. (2011) used the strongest absorption 
omponent

as the velo
ity of the lo
al interstellar medium. A more re
ent study using the 
entre of emission

lines as a tra
er of the lo
al standard of rest found similar results, showing a 20 per 
ent ex
ess of

blue-shifted absorption (Maguire et al., 2013). Current eviden
e suggests that while a signi�
ant

fra
tion of type Ia supernovae show blue-shifted absorption, time-variability is mu
h less 
ommon

and 
urrently no normal type Ia supernovae have been observed showing a general weakening of the

lines (Blondin et al., 2009; Maguire et al., 2013).
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Figure 1.3: Absorption line evolution during the 2006 outburst of the re
urrent nova RS Ophiu
hi

for Ca II H (left) and Na D1 (right). The two lines show the same velo
ity 
omponents, whi
h

weaken during the outburst. After the outburst the highest velo
ity 
omponents strengthen and

also have higher peak velo
ities, suggesting they form in the novae. During quies
en
e the lines also

show red-shifted absorption. [Reprodu
ed from Patat et al. (2011)℄

Nova shells were put forward by Patat et al. (2007) as a possible explanation for the origin

of the absorption lines in SN 2006X, an argument that is supported by the 2006 outburst of the

re
urrent nova RS Ophiu
hi (RS Oph) (Patat et al., 2011). High-resolution spe
tra of RS Oph show

blue-shifted absorption lines with velo
ities up to v ∼ 50 km s−1
(Fig. 1.3), similar to those seen in

SN 2006X.

The 
redentials of RS Oph as a potential SN Ia progenitor extend further than a dete
tion of


ir
umstellar material. The nova eje
ted are 
onsistent with having a low mass, M ∼ 10−7 M⊙

(Sokoloski et al., 2006) and high velo
ity, v ≈ 4000 km s−1
(Das et al., 2006; Anupama, 2008).

Combined with a re
urren
e time of 20 yr (Rosino & Iijima, 1987), modelling of the novae suggests

the white dwarf is 
lose to the Chandrasekhar mass (Yaron et al., 2005). Measurements of the

velo
ities of the red giant and white dwarf in RS Ophiu
hi support a Chandrasekhar mass white

dwarf, giving a mass for the red giant 
ompanion of 0.8M⊙ and a period of 453.6 days (Dobrzy
ka

& Kenyon, 1994; Fekel et al., 2000; Brandi et al., 2009). As RS Oph is not an e
lipsing system,

the orbital elements put tight 
onstraints on the in
lination of the system, i ≈ 50◦ to within a fee
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degrees (Brandi et al., 2009).

The extensive observing 
ampaigns for RS Oph in outburst and quies
en
e make it an ex
ellent


andidate for testing whether the re
urrent novae are 
ompatible with the narrow absorption lines

in supernovae. Estimates of the mass-loss rate from the red giant vary between 2 × 10−8 M⊙ yr−1

at v ≈ 8 km s−1
from dust modelling Evans et al. (2007), to 10−6 M⊙ yr−1

at v ≈ 30 km s−1
,

estimated using emission lines during the 2006 outburst (Iijima, 2008) and the lower limit is roughly

the minimum a

retion rate required to power the outbursts (Yaron et al., 2005). Anupama &

Mikoªajewska (1999) suggest that mass-loss rates above 10−7 M⊙ yr are required to explain the

appearan
e of the white dwarf, whi
h has a low e�e
tive temperature T ≈ 3 × 104 K, as measured

in the UV (Dobrzy
ka et al., 1996).

Resolved imaging during the 2006 outburst of RS Oph using HST and radio interferometry show

the nova was bipolar (Bode et al., 2007; O'Brien et al., 2008). While it may be possible that the

eje
ta were intrinsi
ally bipolar, simulations of mass transfer in binaries show that the mass lost

from the system is 
on�ned to the binary plane (Theuns & Jorissen, 1993). As novae intera
t with

the wind they be
ome bipolar (Walder et al., 2008; Orlando et al., 2009). Chapters 5 and 6 aim

to ta
kle the question of whether the 
ir
umstellar medium formed by novae like RS Oph 
an be

responsible for the variable absorption lines seen in SN 2006X and the absorptions in SNe Ia in

general by using simulations of the 
ir
umstellar environment and the novae and the 
al
ulating the

absorption line pro�les that form within the 
ir
umstellar medium.

1.3 Supernova Remnants

Supernova remnants provide another way to probe the stru
ture of supernovae. A 
lear example of

this is that while the remnants of SNe Ia are round, 
ore-
ollapse supernovae produ
e mu
h more

distorted remnants (Lopez et al., 2011). During their early evolution, the dynami
s of supernova

remnants is eje
ta dominated. This remains true for several hundred years, until the supernova has

swept up several times its mass (Gull, 1973; Dwarkadas & Chevalier, 1998). The remnants of SN

1006, Ty
ho's Supernova and Kepler's Supernova show eviden
e for asymmetries in the explosion

(Warren et al., 2005; Chiotellis et al., 2012; Patnaude et al., 2012). The X-ray spe
tra of Ty
ho's
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SNR and Kepler's SNR also show eviden
e for pre-supernova mass loss, suggesting they had single-

degenerate progenitors (Chiotellis et al., 2012, 2013; Patnaude et al., 2012).

X-ray spe
tra of Kepler's supernova are best explained by models that in
lude a 0.1 pc hole in


entre of the mass loss (Patnaude et al., 2012). For a wind velo
ity of 20 km s−1
, the gas would

rea
h 0.1 pc in approximately 5 × 103 yr. This times
ale is similar to the times
ale on whi
h the

white dwarf evolves to explosion via the Ur
a pro
ess (Pa
zy«ski, 1972; Lesa�re et al., 2006), whi
h

is the minimum time to explosion in the spin-up, spin-down models of Justham (2011). This would

also explain why no surviving 
ompanion 
onsistent with a stripped giant star has been found for

Kepler's Supernova (Kerzendorf et al., 2014).

Currently models for these SNRs are based upon spheri
al models for the mass loss and eje
ta,

whi
h is not expe
ted to be the 
ase for single-degenerate progenitors, sin
e the intera
tion between

the supernova and 
ompanion may mean the eje
ta are not spheri
al, and in a binary the wind

is 
on
entrated towards the binary plane (Podsiadlowski & Mohamed, 2007). Gar
ía-Senz et al.

(2012) used approximate models for the eje
ta produ
ed in the intera
tion between the eje
ta and

a Ro
he-lobe �lling 
ompanion star, showing that the hole in the eje
ta survives through to the

remnant stage. In Chapter 6, the morphology of SNRs with single-degenerate progenitors are

simulated, taking into a

ount the asymmetries that arise to test whether they are 
onsistent with

the morphology of supernova remnants.

1.4 Thesis Outline

This thesis 
onsiders the prospe
ts and 
onstraints on single-degenerate progenitors of SNe Ia that

arise due to e�e
ts that the 
ompanion star has on the eje
ta and the surrounding medium. The

spe
i�
 problems ta
kled by ea
h 
hapter are des
ribed below

Chapter 2 dis
usses the numeri
al methods used to ta
kle the problems involved in this thesis,

in
luding Smoothed Parti
les Hydrodynami
s and the 
al
ulation of absorption line pro�les from

the simulation. Tests are presented that verify the 
odes used and the requirement for a

urate


al
ulations are dis
ussed.

In Chapter 3 
al
ulations of the intera
tion between supernova eje
ta and 
ompanion stars
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are presented for models appropriate for Ty
ho's SNR and RS Ophiu
hi. The evolution and �nal

morphology are presented and the gas stripped from the 
ompanion is analysed. A model of the Hα

emission from the stripped 
ompanion material is then used to 
ompare the emission from simple

distributions of matter the more realisti
 one from the simulation.

Chapter 4 
onsiders the morphology of supernova remnants formed as the eje
ta intera
t with

the interstellar or 
ir
umstellar medium. The eje
ta stru
ture from Chapter 3 is used, along with

models for the 
ir
umstellar medium based upon the mass loss from RS Oph presented in Chapters

5 and 6. The resulting stru
ture is then dis
ussed in terms of Ty
ho's SNR.

Chapter 5 studies the mass transfer in RS Oph and the formation of the binary wind by its

intera
tion with the gravitational potential of the binary. The ionization 
onditions in the gas are

modelled and the resulting absorption lines are 
ompared to observations of RS Ophiu
hi. A model

for the broad emission lines for Hα, whi
h 
omes from 
lose to the white dwarf, is dis
ussed.

Chapter 6 uses the 
ir
umstellar medium formed in Chapter 5 as the ba
kground for the forma-

tion of nova shells in RS Oph. These are 
ompared to the absorption lines seen before, during and

after the 2006 outburst, whi
h are used to 
onstrain the mass loss from the system. The resulting

nova stru
ture is then used to 
al
ulate the absorption line pro�les expe
ted should RS Oph explode

as a SN Ia while in the re
urrent nova phase. These are dis
ussed in the 
ontext of SN 2006X and

the ex
ess of blue-shifted absorption features seen in SN Ia.

Finally, in Chapter 7 the 
on
lusions of the models are presented and the prospe
ts for single-

degenerate progenitors of SN Ia are dis
ussed. Further models and tests, in
luding radio and

X-ray 
onstraints, that 
ould help determine whether the majority of SN Ia have single-degenerate

progenitors are also dis
ussed.



Chapter 2

Numeri
al Methods

2.1 Hydrodynami
s

Many astrophysi
al pro
esses are governed by the interplay of hydrodynami
s with the gravity.

From the stellar winds or supernova and their remnants, to a

retion or the evolution and dynami
s

of galaxies, hydrodynami
s has a role. Other physi
al pro
esses, su
h as relativity, radiation and

nu
lear or 
hemi
al pro
esses, and their intera
tion with hydrodynami
s are often important. For

the 
ases studied in this thesis, the additional physi
s in
luded are radiative 
ooling and self-gravity.

In general, the equations whi
h govern hydrodynami
s are the Navier-Stokes equations. Ex
ept

in the 
ase of a

retion dis
s, whi
h are driven by vis
osity, the e�e
ts of vis
osity are usually

negligible for astrophysi
al appli
ations. When vis
osity 
an be negle
ted, the equations redu
e to

the Euler equations, whi
h in
luding the e�e
ts of 
ooling and self-gravity 
an be written as

∂ρ

∂t
+∇ · (ρv) = 0, (2.1)

ρ

(

∂v

∂t
+ (v ·∇)v

)

+∇P = −ρ∇φ, (2.2)

∂E

∂t
+∇ · [(E + p)v] = −ρv ·∇φ− Λ. (2.3)

Here ρ is the density, v is the velo
ity, P is the pressure and E is the energy per unit volume. The

terms φ and Λ are the gravitational potential and net 
ooling rate. The energy per unit volume, E,

17
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in
ludes the kineti
 and thermal energy, E = ρu + 1
2ρ|v|2, where u is the thermal energy per unit

mass.

Equations (2.1) - (2.3) are expressed relative to an inertial 
o-ordinate system, generally known

as an Eulerian Frame. They represent the 
hanges in a physi
al quantity at a given point in spa
e.

An alternative formulation of the equations 
onsiders how the properties of a given �uid element


hange. If we de�ne the quantity s
alar ϕ = ϕ(t,x), by the 
hain rule

dϕ

dt
=

∂ϕ

∂t
+∇ϕ · dx

dt
. (2.4)

In an Eulerian Frame, the 
o-ordinates are �xed and

dx
dt = 0. If we 
hoose x to be the position of

a �uid element at time, t, then dx
dt = v and

dϕ
dt = ∂ϕ

∂t + v ·∇ϕ. This is known as the Lagrangian

Frame, in whi
h the equations be
ome

dρ

dt
+ ρ∇ · v = 0, (2.5)

dv

dt
+

1

ρ
∇P = −∇φ, (2.6)

du

dt
+

P

ρ
∇ · v = −Λ. (2.7)

2.2 Smoothed Parti
le Hydrodynami
s

The following dis
ussion is based upon Pri
e (2012) and Rosswog (2009) and is restri
ted to three

spatial dimensions, but 
an be generalized to an arbitrary number of dimensions. The idea behind

Smoothed Parti
le Hydrodynami
s is to 
hoose a �nite number of points (parti
les) to represent

�uid elements and to derive equations of motion for these �uid elements. Ea
h parti
le pi has

asso
iated with it a position, ri; velo
ity, vi; mass, mi and internal energy, ui.

The density is 
al
ulated using an kernel interpolant, by summing over all `neighbours',

ρ(r) =
∑

i

miW (r− ri, h). (2.8)
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If

∫

W (r, h) d3r = 1 then

∫

ρ(r) d3r =
∑

i

mi, (2.9)

the total mass in the volume is just the sum of the masses of the parti
les.

A good 
hoi
e ofW should be smooth, monotoni
ally de
reasing, symmetri
 in r, W (ra−rb, h) =

W (rb − ra, h), and have

dW
dr

∣

∣

∣

r=0
= 0. A natural 
hoi
e for su
h a kernel is thus a Gaussian kernel,

W (r, h) ∝ (1/h3) exp(−r2/h2). The downside to a Gaussian kernel is that it is in�nite in extent,

whi
h means that the neighbours in
lude all parti
les, even though the 
ontribution to the density

from all but the 
losest parti
les will be negligible. One 
hoi
e of kernels that approximate a

Gaussian and are identi
ally zero beyond a 
ertain distan
e were given by S
hoenberg (1946). They


an be generated from the Fourier transform

Mn(x, h) =
1

2π

∫ ∞

−∞

[

sin(kh/2)

kh/2

]n

cos kxdk. (2.10)

The fun
tions Mn give rise to polynomials whi
h are of order n − 1 and are smooth up to n − 2.

The kernel 
an be written

Wn(r, h) = σ(h)











Mn(r, h) r ≤ nh
2 ,

0 r > nh
2 ,

(2.11)

where σ(h) is a normalizing 
oe�
ient. As the kernels are identi
ally zero for r > n
2h, this allows

the use of a subset of parti
les in equation (2.8). Usually n = 4, the 
ubi
 spline kernel, or n = 6 the

quinti
 spline kernel are used. In the 
ode GADGET-2 (Springel, 2005), whi
h we use throughout

this work, the 
ubi
 spline kernel is used. In this 
ase

W (r, h) =
1

πh3























1
4(2− r

h)
3 − (1− r

h)
3 0 ≤ r < h,

1
4(2− r

h)
3 h ≤ r < 2h,

0 r ≥ 2h.

(2.12)

The de�nition of the smoothing length, h, used here di�ers from that used by Springel (2005), by a

fa
tor of two. With this 
hoi
e the smoothing length is equivalent to the one in the Gaussian kernel
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that it approximates.

The smoothing length is set by solving the equation

4π

3
(ηha)

3
∑

b

W (ra − rb, ha) = NNGB, (2.13)

where ηh is the extent of the kernel, with η = 2 for the 
ubi
 spline kernel and NNGB the number

of neighbours used, whi
h is a 
onstant. This is equivalent to

4π

3
(ηha)

3ρ = NNGB

∑

bmbW (ra − rb, ha)
∑

b W (ra − rb, ha)
= NNGBm̄, (2.14)

as given by Springel (2005). This de�nition for the density represents an integral formulation to the


ontinuity equation (Pri
e, 2008). Taking the time derivative of equation (2.8) along with equation

(2.13) veri�es that this de�nition satis�es the 
ontinuity equation (equation 2.5).

The dis
retised form for the momentum equation (equation 2.6) is most easily derived from the

Lagrangian, L. In the absen
e of sour
e terms it is given by

L(r,v) =
∑

i

mi

(

1

2
|vi|2 − u(s, ρ)

)

, (2.15)

whi
h 
orresponds to the 
ontinuum limit

L(r,v) =

∫

ρ

2
|vi|2 − ρu(s, ρ) d3r, (2.16)

where s is the entropy per unit mass. For an ideal gas the pressure is given by P = ρ2 du
dρ

∣

∣

∣

s
.

In general, we must take 
are be
ause ρi depends not only on the positions but also hi. Follow-

ing Springel & Hernquist (2002), equation (2.13) 
an be used to express hi = hi({rj}). Writing

Qj =
∑

i W (rj − ri, hj), the 
onstraints 
an then be in
luded in the Lagrangian using Lagrange

multipliers as

L(r,v, h) =
∑

i

mi

(

1

2
|vi|2 − u(s, ρ)

)

+
∑

i

λi

(

4π

3
(ηhi)

3Qi −NNGB

)

, (2.17)
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where ea
h of the terms in the se
ond sum is zero and λi are the Lagrange multipliers. The Euler-

Lagrange equations for hi 
an be used to eliminate λi, giving

λi = mi
∂ui
∂ρi

∣

∣

∣

∣

s

3

4π(ηha)3

[

∂Qi

∂ρi
+

3ρi
hi

∂hi
∂ρi

]−1

. (2.18)

The Euler-Lagrange equations for ri give the the momentum equation

d

dt

(

∂L

∂vi

)

=
∂L

∂ri
,

d(mivi)

dt
= −

∑

j

mj
∂uj
∂ρj

∣

∣

∣

∣

s

∇iρj +
∑

j

λj
4π

3
(ηhj)

3
∇iQj,

= −
∑

j

mj
Pj

ρ2j

[

1 +
hj
3Qj

∂Qj

∂hj

]−1

∇iρj, (2.19)

where ∇i is the gradient operator with respe
t to ri. Using the SPH interpolant for the density

∇iρj =
∑

k

mk∇iW (rj − rk, hj) =
∑

k

mk
∂W (rij, hj)

∂rij
(rj − rk)(δij − δik). (2.20)

De�ning rij = ri − rj , rij = |rij |, Wij(h) = W (rij , h) and fj = [1 +
hj

3Qj

∂Qj

∂hj
]−1

, the dis
retised

momentum equation (2.19) be
omes

d(mivi)

dt
= −

∑

j

∑

k

mjmkfj
Pj

ρ2j
∇iWjk(hj)(δij − δik),

= −mi

∑

j

mj

[

fj
Pj

ρ2j
∇iWij(hj) + fi

Pi

ρ2i
∇iWij(hi)

]

. (2.21)

While equation (2.21) looks identi
al to the expression given by Springel (2005), it di�ers in the

fa
tors fj . Springel (2005) gives fj = [1 +
hj

3ρj

∂ρj
∂hj

]−1
, whi
h would be the 
orre
t expression if the

equation

4π(ηhj )2

3 ρj = M , where M is a 
onstant, was used to set the smoothing length instead of

equation (2.13). Writing

ρi
Qi

∂Qi

∂hi

∂hi
∂ρi

=

∑

j
∂W (ri−rj ,hi)

∂hi
∑

j
mj

m̄
∂W (ri−rj ,hi)

∂hi

, (2.22)
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we see that the two expressions are equivalent when equal parti
le masses, mj = m̄, are used.

Otherwise, as implemented in GADGET-2, equation (2.21) introdu
es a small in
onsisten
y in the

equations of motion. The terms fj , 
apture the di�eren
e between the equations of motion with �xed

smoothing length and those with variable smoothing length and typi
ally fj ≈ 1, whi
h means the

error introdu
ed is small. In this work equal parti
les masses have been used, and the in
onsisten
y


an be negle
ted.

It is worth noting that sin
e

∂Wij(hj)
∂rij

is anti-symmetri
 in i and j,
∑

i
d(mivi)

dt = 0 and the total

momentum is manifestly 
onserved. The sour
e term for the momentum equation, −∇iφ, is added

to the right hand side of equation (2.21), the 
al
ulation of whi
h will be dis
ussed later.

Finally, we need a dis
retised form for the energy equation (2.7). The simplest way to a
hieve

this is to repla
e the internal energy asso
iated with ea
h parti
le ui, with the entropy per unit

mass, si. For an ideal gas the entropy is 
onserved in the Lagrangian frame. Thus we 
an label

ea
h parti
le with Ai = A(si) = Pi/ρ
γ
i , where γ is the adiabati
 index. In the absen
e of vis
osity

and heating or 
ooling, Ai 
an be taken to be 
onstant.

2.2.1 Arti�
ial Vis
osity

The derivation of the equations of motion expli
itly assumes that the �uid properties are 
ontinuous,

i.e., their derivatives are well de�ned. When a �uid 
ontains sho
ks, then this is no longer the 
ase

and the equations break down. The Rankine-Hugoniot 
onditions 
an be used to express the �uid

properties on either side of a sho
k. The relationship between the upstream density and pressure

(ρ1, P1) and downstream values (ρ2, P2) are

ρ2
ρ1

=
(γ + 1)P2 + (γ − 1)P1

(γ − 1)P2 + (γ + 1)P1
(2.23)

whi
h in the limit of a strong sho
k P2 ≫ P1 gives the maximum density 
hange ρ2 = ρ1(γ+1)/(γ−

1). Re-arranging and using A = P/ργ gives

A2

A1
=

(

ρ2
ρ1

)γ [(γ + 1)ρ2 − (γ − 1)ρ1
(γ + 1)ρ1 − (γ − 1)ρ2

]

, (2.24)
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whi
h shows that entropy in
reases a
ross the sho
k. The break down in entropy 
onservation at

the sho
k re�e
ts the fa
t that sho
ks are not reversible pro
esses. Although the sho
k is adiabati


in the sense that δQ = 0, this only 
orresponds to δA = 0 for reversible pro
esses.

As the SPH dis
retisation of the Euler equations enfor
e δA = 0, it does not allow non-reversible

pro
esses. As sho
ks are ubiquitous in astrophysi
al appli
ations a modi�
ation to the equations is

needed.

To �nd a solution we look to what o

urs in nature. In reality a �uid is never totally invis
id.

The presen
e of vis
osity broadens sho
ks and 
ouples the ma
ros
opi
 �ow to mi
ros
opi
 pro
esses

in an irreversible way. However, physi
al vis
osity would do little to alleviate the problem as the

sho
ks are too thin to be resolved. The solution, �rst proposed by von Neumann & Ri
htmyer

(1950) is to use an arti�
ial vis
osity to broaden sho
ks to the resolution of the simulation. The

idea is to introdu
e a vis
osity whi
h only a
ts at sho
ks. Away from sho
ks the vis
osity should

be zero to reprodu
e the invis
id �ow.

The arti�
ial vis
osity is implemented by adding an extra pressure term to parti
les that ap-

proa
h ea
h other. The vis
ous a

eleration is

dvi

dt

∣

∣

∣

∣

visc

= −
∑

j

mjΠij

(

∇iWij(hi) +∇iWij(hj)

2

)

, (2.25)

and entropy generated by vis
osity is given by

dAi

dt
=

(γ − 1)

ργ−1

1

2

∑

j

mjΠijvij ·
(

∇iWij(hi) +∇iWij(hj)

2

)

. (2.26)

In GADGET-2,

Πij =











− (ci+cj−3wij)wij

ρi+ρj
wij < 0,

0 wij ≥ 0,
(2.27)

where wij = vij · rij/|rij | and ci + cj − 3wij = vsig, is an approximation to the signal velo
ity;

the speed at whi
h information travels between two parti
les. The signal velo
ity is based on a


omparison to Riemann Solvers (Monaghan, 1997). The vis
osity is further modi�ed by the use of



24 2. Numeri
al Methods

a swit
h (Balsara, 1995), whi
h redu
es the vis
osity in the presen
e of shearing �ows. The swit
h,

fi =
|∇ · v|

|∇ · v|+ |∇× v|+ 10−4ci/hi
(2.28)

is in
luded by making the substitution Πij → 1
2(fi + fj)Πij . The swit
h works as desired for pure

bulk �ows |∇ × v| = 0, and pure shearing �ows |∇ · v| = 0, but redu
es the vis
osity where

both are present. The presen
e of some vis
osity in �ows with a shearing 
omponent gives rise to

spurious angular momentum transport, in mu
h the same way the physi
al vis
osity drives angular

momentum transport in dis
s. The extent to whi
h angular momentum transport 
an be an issue

is problem dependant, but it is not expe
ted to be signi�
ant in this work as the majority of the

gas is out-�owing. In this 
ase, ∇ · v > 0 and Πij = 0, therefore vis
osity only 
ontributes where

sho
ks are expe
ted.

2.2.2 Conta
t dis
ontinuities, instabilities and arti�
ial 
ondu
tion

As well as sho
ks, the Euler equations admit a se
ond type of dis
ontinuity, known as a 
onta
t

dis
ontinuity, in whi
h the pressure and velo
ity are 
ontinuous, but the density and internal energy

are not. Similarly to the 
ase of a sho
k, the di�erential form of euler equations breaks down at the

lo
ation of a 
onta
t dis
ontinuity. Despite this, many standard implementations of SPH, in
luding

GADGET-2, make no attempt to treat the 
onta
t dis
ontinuity in a spe
ial way.

Agertz et al. (2007) showed that if left untreated a spurious surfa
e tension arises at the 
on-

ta
t dis
ontinuity. This separates parti
les on either side of the dis
ontinuity, keeping them from

intera
ting, whi
h prevents the growth of instabilities at the interfa
e. The surfa
e tension arises

be
ause the density is 
al
ulated via an integral formulation, and is therefore smoothed over the

dis
ontinuity, while the internal energy is not. This gives rise to a 
hara
teristi
 pressure `blip'

and the pressure is multivalued at the dis
ontinuity (see Fig. 2.2 or Fig. 4 from Hopkins, 2013).

Springel (2010) showed that in tests where the internal energy is initially smoothed to ensure the

pressure is 
ontinuous the instabilities grow as expe
ted.

These results are further 
on�rmed by tests of the Kelvin-Helmholtz instability in isothermal

�uids.Pri
e (2008) suggested that that in
luding arti�
ial 
ondu
tivity 
an solve the problem by



2.2. Smoothed Parti
le Hydrodynami
s 25

bringing the system into pressure balan
e. Thermal 
ondu
tivity 
an be in
luded via adding the

term

(

duj
dt

)

cond

= −αu

∑

i

mi

ρ̄ij
vusig(uj − ui)rji ·∇jWij (2.29)

to the energy equation. A good 
hoi
e for the signal velo
ity for thermal 
ondu
tion is

vusig =

√

|Pj − Pi|
ρ̄ij

. (2.30)

This 
hoi
e of signal velo
ity brings the pressure into equilibrium a
ross the 
onta
t dis
ontinuity,

removing the surfa
e tension, whilst tending to zero in smooth �ow away. Pri
e (2008) showed

that Kelvin-Helmholtz dis
ontinuities are 
orre
tly reprodu
ed in simulations employing su
h a

pres
ription.

However, arti�
ial 
ondu
tion has its drawba
ks. For example, it is impossible to 
orre
tly

simulate systems in hydrostati
 equilibrium, as in stars, as thermal 
ondu
tion 
hanges the pressure

stru
ture within them, limiting the 
al
ulations to less than a dynami
al times
ale. The problem


an be alleviated somewhat, if the signal velo
ity is modi�ed to in
lude the balan
e of pressure

and gravitational potential. This 
omes at 
onsiderable 
omputational expense, and due to the

approximate nature of the self-gravity only partially relieves the issue.

Re
ently, there has been interest in alternative ways to remove the spurious surfa
e tension,

based upon modifying the volume element (Saitoh & Makino, 2013; Hopkins, 2013). This has the

advantage that it does not require the addition of a sour
e of unphysi
al sour
e of dissipation. A

generalized volume element 
an be written as

Vi =
Xi

∑

j XjWij
, (2.31)

where X = m gives the usual SPH volume element, mi/ρi. By making a di�erent 
hoi
e for X, e.g.

X = u orX = P k
for some power k, it is possible to 
onstru
t a 
onservative form for the momentum

equation that redu
es the pressure `blip' a
ross the 
onta
t dis
ontinuity. Su
h formulations have

been shown to remove the surfa
e tension, 
orre
tly reprodu
e instabilities and appear to result in

a generally more a

urate version of SPH (Saitoh & Makino, 2013; Rosswog, 2014).
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However, there remains a fundamental di�eren
e between these the two approa
hes. Adding

thermal 
ondu
tion allows the ex
hange of energy and the asso
iated entropy generation. This

allows mixing to o

ur at the resolution s
ale (Springel, 2010). Conversely, while modifying the

volume element allows instabilities to grow, mixing 
an only o

ur on resolved s
ales.

The two te
hniques provide a 
omplimentary way of examining the importan
e of instabilities

at the resolution s
ale. At resolved s
ales the two te
hniques produ
e 
on
ordant results in 
lassi


tests su
h as Kelvin-Helmholtz and Rayleigh-Taylor instabilities, and blob destru
tion tests. At the

resolution s
ale simulations with arti�
ial 
ondu
tion mimi
 grid 
odes, produ
ing a smoother �ow

than those using modi�ed kernels.

In the majority the simulations presented in this work no attempt to treat the 
onta
t dis
on-

tinuity has been made. However, test 
al
ulations are presented using arti�
ial 
ondu
tivity of the

form of equation (2.29) to demonstrate that this does not signi�
antly a�e
t the results.

2.2.3 Self-Gravity

The gravitational �eld due to a set of point masses is given by φ(r) = −G
∑

i mi/|r− ri|. In order

to avoid the 
omputational expense from the strong for
es as parti
les approa
h ea
h other, the

for
e 
an be softened by 
onsidering the mass of ea
h point to be spread out over a �nite volume.

In this 
ase, the potential 
an be written as

φ(r) = G
∑

i

miϕ(|r− ri|, ǫ), (2.32)

where ǫ is the softening length. The for
e is then given by

Fj = −G
∑

i

mi
rj − ri

|rj − ri|
ϕ′(|r− ri|, ǫ). (2.33)

Sin
e ∇2φ = 4πGρ, a natural 
hoi
e for ϕ is given by

1
4π∇2ϕ = W (r), or ϕ′(r, ǫ) = (1/r2)

∫

W (|r−

r
′|, ǫ) d3r′, where W is the SPH smoothing kernel. Furthermore, for r > 2h the potential redu
es

to the Newtonian potential, whi
h is not the 
ase for Plummer softening φ ∝ 1/(r + ǫ) (Dehnen,

2001).
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The fun
tional form for ϕ′
, for the 
ubi
 spline kernel is

ϕ′(r, ǫ) =























1/ǫ2(43q − 6
5q

3 + 1
2q

4) 0 ≤ q < 1,

1/ǫ2(83q − 3q2 + 6
5q

3 − 1
6q

4 − 1
15q2

) 1 ≤ q < 2,

1/r2 q ≥ 2,

(2.34)

where q = r/ǫ. In GADGET-2 the softening length 
an either be 
hosen to be 
onstant, or set to

follow the smoothing length of the gas, ǫ = hi. In the latter 
ase, the expressions presented above

do not expli
itly 
onserve momentum, as for hi 6= hj the for
e between two parti
les Fij 6= −Fji,

for rij < min (hi, hj). This 
an be solved by setting ǫ = (hi + hj)/2 or by repla
ing ϕ(rij , ǫ) with

(ϕ(rij , hi) + ϕ(rij , hj))/2 in equation (2.33). Furthermore, in order to ensure energy 
onservation

grad-h terms similar to those in equation (2.21) must be derived from the Lagrangian (Pri
e &

Monaghan, 2007).

2.2.4 Barnes-Hut Tree

Dire
t evaluation of the gravitational for
e at the lo
ation of ea
h parti
le is an O(N2) pro
ess,

whi
h is prohibitively expensive and would limit the number of parti
les that 
an be used in a

simulation to around 105. Similarly, evaluation of the hydrodynami
 for
es is an O(N2) pro
ess, if

the neighbours are found by 
omparing the distan
e to all parti
les. In one dimension, neighbour

�nding 
an be sped up by pre-sorting the parti
les, whi
h makes neighbour look up an O(log(N))

pro
ess. A similar idea 
an be applied in higher dimensions, by grouping parti
les in a tree stru
ture.

GADGET-2 does this using an o
t-tree (Barnes & Hut, 1986). The root 
ell of the tree is a


ubi
al node, whi
h 
ontains all of the parti
les present. Cells are re
ursively divided in half along

ea
h dimension until there is at most one parti
le in a 
ell, at whi
h point the division stops and

the 
ell is known as a leaf 
ell. By storing the largest smoothing length of ea
h parti
le in a given


ell, neighbours 
an be found by 
omparing the region of in�uen
e of ea
h 
ell with the lo
ation of

a parti
le, dis
arding 
ells that do not overlap the lo
ation. Cells whi
h overlap the lo
ation are

then opened and their sub-
ells 
onsidered re
ursively until the leaf 
ells are rea
hed. This means

that the neighbours for a given point 
an be found in O(log(N)) operations, making the total time
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for hydrodynami
 for
es O(N log(N)).

Similarly, the tree 
an be used to approximate the gravitational for
e felt by a parti
le. The

basi
 idea is to group together parti
les that are su�
iently far away, approximating the for
e from

the group as for
e from a single parti
le at the 
entre of mass of the group. The leading order

error from su
h a grouping is the quadrupole moment, whi
h is O(r−4). In order to 
al
ulate the

gravitational for
e in this way the total mass and 
entre of mass of ea
h 
ell is stored and the

gravitational for
e is 
al
ulated via a tree walk. In GADGET-2 
ells are opened a

ording to a


riterion relative to their previous a

eleration,

GM

r2

(

ℓ

r

)2

≤ α|a|, (2.35)

where ℓ is the size of the 
ell, and α is a parameter 
ontrolling the for
e a

ura
y. The 
riterion


ompares a rough estimate of the quadrupole moment of the 
ell to the total a

eleration, with

the aim of limiting the absolute for
e error introdu
ed by ea
h-parti
le intera
tion. When the

gravitational for
es are 
lose to 
an
elling more nodes are opened, whi
h helps maintain an a

urate

estimation of the absolute for
e (Springel, 2005). Using the tree also redu
es the total for
e 
ost

to O(N log(N)), allowing simulations with up to, or more than, 107 parti
les to be feasible with

modest resour
es.

2.2.5 Long Range Gravitional For
es - The Parti
le-Mesh

For relatively uniform distributions of parti
les, the 
al
ulation of the for
es from distant parti
les


an be a

elerated by using Fourier transforms. The frequen
y spa
e gravitational �eld is split up

a

ording to φ̃(k) = φ̃l(k) + φ̃s(k), where

φ̃l(k) = φ̃(k) exp(−k2r2s). (2.36)

Choosing the 
ut-o� s
ale, rs, to be larger than the grid size ensures the Fourier transform provides

a good representation of the long range for
es. The short range for
es 
an then be 
al
ulated using
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the tree algorithm, with the modi�ed potential

φs(r) = −G
∑

i

mi

ri
erfc

(

ri
2rs

)

. (2.37)

As erfc(x) tends rapidly to zero, the 
ontribution to the gravitational �eld from from distant 
ells,

r ≫ rs, 
an be ignored.

For the long range for
es the parti
les are interpolated to a mesh for Fourier transform using

the Cloud-in-Cell method. This 
onsiders parti
les to be spread out over a 
ube with the same

size as the grid 
ells. The 
ontribution to the density of ea
h 
ell is 
al
ulated by 
onsidering the

overlapping volumes. The long range potential is 
al
ulated by taking the Fourier transform of the

density distribution, multiplying by the Fourier spa
e Green fun
tion, along with the 
ut-o� and

then taking the inverse transform

φl(x) = − 1

(2π)3

∫

4πGρ̃(k)

k2
e−k2r2seikx d3k. (2.38)

On
e φl
has been 
al
ulated, the for
e at a given 
ell is 
al
ulated using a four point di�eren
ing

rule

Fx|ijk = − ∂φl

∂x

∣

∣

∣

∣

ijk

= − 1

∆x

[

2

3
(φi+1,j,k − φi−1,j,k)−

1

12
(φi+2,j,k − φi−2,j,k)

]

, (2.39)

whi
h is a

urate to O(∆x4). The 
ell-
entred for
e is then interpolated ba
k to the lo
ation of the

parti
les using the Cloud-in-Cell algorithm.

2.2.6 Time Integration

Integrating the ordinary di�erential equations presented above involves �nding a trade o� between

a

ura
y and 
omputational 
ost. For large s
ale simulations the two main 
onstraints on the

time-integration method 
ome from the 
omputational expense of evaluating the derivatives and

the memory required to store sub-step solutions. The leap-frog, or Störmer-Verlet method, is an

expli
it se
ond-order method that requires only one for
e evaluation per time-step and only requires

storing the 
urrent positions and velo
ities of parti
les. The idea is to 
onstru
t a step whi
h is

symmetri
 under time reversal to ensure 
onservation of energy. Using the Taylor expansion of r(t)
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to �nd r(t+∆t) and r(t−∆t) we �nd

r(t+∆t) = 2r(t)− r(t−∆t) + a(t)∆t2. (2.40)

Using time-
entred di�eren
es, we 
an write the velo
ities at the half step

v(r −∆t/2) =
r(t)− r(t−∆t)

∆t
and v(r +∆t/2) =

r(t+∆t)− r(t)

∆t
. (2.41)

Using equation (2.40), the se
ond expression 
an be written as

v(r +∆t/2) = v(r −∆t/2) + a(t)∆t, (2.42)

and is a velo
ity ki
k re
eived. Equation (2.40) 
an be re-written as

r(t+∆t) = r(t) + v(t+∆t/2)∆t, (2.43)

representing a drift in the parti
les positions. The positions and velo
ities are updated half a step

apart, leaping over ea
h other. The �rst step has to be treated di�erently as v(−∆t/2) is not

de�ned. This is done through setting v(∆t) = v(0) + a(0)∆t/2.

The leap-frog integrator manifestly 
onserves energy and angular momentum down to the pre
i-

sion of the equations, whi
h helps to 
onserve the qualitative properties of the system (Hairer et al.,

2006; Rosswog, 2009)

Time-step 
ontrol

In order to maintain a

ura
y, the time-step must be limited to ensure the physi
al quantities do

not 
hange mu
h over a single step, i.e. the a

eleration must be approximately 
onstant. The step

is limited to

∆t ≤
√

2ηǫ

|a| , (2.44)

where ǫ is the gravitational softening length and η is a parameter 
ontrolling the a

ura
y. Further-

more, to ensure 
onsisten
y the time-step must be small enough that information 
annot 
ross the
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parti
le before it has time to respond. The limit

∆t ≤ C
2h

max(vsig)
, (2.45)

is known as the Courant-Friedri
hs-Lewy 
ondition, where vsig is the signal velo
ity and the 
oe�-


ient, C < 1, is usually 
hosen to be C = 0.15.

In the presen
e of variable time-steps the symple
ti
 nature of the leap-frog integrator is no

longer exa
t. Springel (2005) showed that the ki
k-drift-ki
k ordering gives the best results, in

whi
h 
ase equation (2.42) be
omes

v(t+∆tn/2) = v(t−∆tn−1/2) + a(t)
∆tn +∆tn+1

2
(2.46)

and equation (2.43) be
omes

r(t+∆tn) = r(t) + v(t+∆tn/2)∆tn. (2.47)

Individual parti
le time-steps

The large dynami
 range present in astrophysi
al systems 
an result in very di�erent time-steps

required for di�erent parti
les in a simulation. Parti
les in dense regions typi
ally require mu
h

smaller time-steps than their often di�use surroundings, whi
h 
an mean that a small fra
tion of

the parti
les need small time-steps relative to the rest of the system.

Depending on the problem, allowing parti
les to have their own time-steps 
an greatly redu
e

the number of for
e evaluations. This 
an speed up the simulations by up to two orders of magnitude

(Rosswog & Pri
e, 2007). Using individual time-steps breaks the exa
t 
onservation properties, but

the errors introdu
ed are small and individual parti
le time-steps 
an allow the stru
ture of the

whole system to be reprodu
ed more faithfully given the same 
omputational time.

In GADGET-2 the time-steps are 
onstrained su
h that the total time of the simulation is a

power of two multiple of the step size. Furthermore, the steps are kept syn
hronized, i.e. they are

only allowed to in
rease to a if an integer number of the new step size remains.
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When evaluating the tree-based gravity and pressure for
es for a subset of the simulation 
on-

taining n parti
les, the 
omputation s
ales as O(n log(N)), where N is the size of the simulation,

making for
e evaluations from the subsets e�
ient to 
al
ulate. However, this is not the 
ase for

the long-range for
es as the Fourier transforms require all parti
les to be interpolated to the grid

for ea
h step. As the Hamiltonian 
an be split into long and short-range 
omponents

H =
∑

i

(

1

2
mi|vi|2 + ui + φs

i + φl
i

)

= T +Hs +H l, (2.48)

the motion under the long and short-range for
es 
an be evaluated on di�erent time-steps and

still preserve the symple
ti
 nature (Springel, 2005). As long-range for
es tend to 
hange more

slowly, they 
an then be evaluated less frequently than the short-range for
es using an operator-split

approa
h. First the momenta are updated a

ording to equation (2.42), using just the long-range

for
es. Then, the short-range ki
ks and drifts (equation (2.43)) are sub-
y
led until the next time

at whi
h the long-rang for
e needs to be 
al
ulated.

2.2.7 Generating Initial Conditions

One of the key 
hallenges in running a

urate SPH simulations is the generation of a

urate, self-


onsistent initial 
onditions. The di�
ulty arises sin
e the density is derived from the parti
le

positions and masses. In 
omparison to grid 
odes where the density 
an be spe
i�ed independently

for ea
h 
ell, modifying the parti
le positions a�e
ts the density of all neighbours. While varying

the parti
le masses is a simple way to reprodu
e the initial density distribution, this results in noise

in the velo
ity distribution sin
e parti
les with low mass boun
e o� high mass parti
les. Therefore,

it is preferred to use a �xed parti
le mass to vary the parti
le positions to produ
e the desired

density distribution.

Dire
t solution involves solving a non-linear system of N equations in 3N unknowns, whi
h

despite the sparsity of the problem introdu
ed by 
ompa
t kernels is intra
table for moderately

large N . Sin
e there are more unknowns than equations, there is 
onsiderable �exibility in 
hoosing

the distribution of parti
les for a given density �eld. For the simplest 
ase of a uniform density

�eld there are two natural 
hoi
es for distribution of parti
les, either using a grid-like latti
e, or an
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Figure 2.1: Two di�erent representations of a 
onstant density �eld with equal mass parti
les using

a hexagonal 
lose-pa
ked latti
e (left) and an amorphous glass (right) in 2D. [ Figures reprodu
ed

from Pri
e (2012)℄

amorphous glass-like distribution (Fig. 2.1). For grid-like or latti
e initial 
onditions the best 
hoi
e

is a hexagonal 
lose-pa
ked latti
e as simple 
ubi
 latti
es are in general less stable, ex
epting the

use of triangular kernels that severely overestimate the density (Pri
e, 2012; Rosswog, 2014). Grid

initial 
onditions have the advantage of being simple to 
onstru
t. However, sin
e the grids have

preferred dire
tions they behave di�erently when 
ompressed along or a
ross to these dire
tions.

The amorphous nature of glass-initial 
onditions means they have no preferred dire
tion making

them the natural 
hoi
e for problems with no inherent symmetry.

A uniform glass 
an be generated by randomly drawing parti
le positions in a 
ubi
 box, but

this produ
es a density distribution that is mu
h more noisy than desired. In order to for
e the

parti
les towards a noise free distribution the parti
les 
an be evolved in time under the e�e
ts of

a repulsive for
e. Tests indi
ate that evolving parti
les under pressure for
es at �xed temperature,

or under gravity with the sign of the for
e reversed results in the parti
le positions moving asymp-

toti
ally towards a uniform distribution. In this work, the glasses have been 
onstru
ted using the

gravitational for
e method, whi
h is available in GADGET-2.

It is then possible to produ
e a desired density distribution by warping an initially uniform

density glass. Sin
e the problems dis
ussed in this work 
an be built up from a series of spheri
al

mass distributions, it is only ne
essary to distort the glass in one dimension. If we label the radii

of parti
les in the initial uniform glass su
h that ri−1 < ri < ri+1. The desired radius of the

parti
le, r′i, 
an be found from the integrated mass distribution, M(< r) =
∫

4πρ(r)r2dr, su
h that
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M(< r′i) = im, where m is the parti
le mass. The new parti
le position is set to r
′
i
= rir

′
i/ri. This

saves the glass-like nature of the underlying parti
le distribution resulting in a smooth representation

of the density as long as the 
hange in density over a smoothing length is not too large.

On
e the density distribution has been set, the internal energy and velo
ity 
an be set a

ording

to the position. In the 
ase a system whi
h is in hydrostati
 equilibrium, as in the 
ase of star,

the parti
le distribution needs to be relaxed. The relaxation is a
hieved by evolving the star in

isolation, with a damping for
e applied. The damping for
e is applied by redu
ing the velo
ity by

a fa
tor of 1 + λ after ea
h for
e evaluation. The resulting velo
ity ki
k is

vn+1/2 =
vn−1/2 + an∆t

1 + λ
, (2.49)

whi
h brings the parti
les slowly into equilibrium with v → 0 as t → ∞. The damping parameter

λ = 0.5 and the velo
ities are monitored to ensure they do not be
ome too large. During the relax-

ation the star rea
hes a stable equilibrium and the noise in the density distribution is signi�
antly

redu
ed.

2.2.8 Sho
k tube test

The sho
k tube test (Sod, 1978) has be
ome a standard problem to test the ability of hydrodynami



odes to follow basi
 physi
al phenomena. The test begins with two regions of an ideal gas separated

by a dis
ontinuity and initially at rest. On one side of the dis
ontinuity (x < 0) the gas is initially

in a high-pressure, high-density state (Pl = 1, ρl = 1), while on the other side (x > 0) the gas is in

a low-pressure and low-density state (Pr = 0.1795, ρr = 0.25). The adiabati
 index, γ = 5/3. The

solution evolves in a self-similar manner and 
ontains a sho
k, 
onta
t dis
ontinuity and rarefa
tion

wave.

The sho
k tube is set up in three dimensions using periodi
 boundary 
onditions in the y

and z dire
tions. Figure 2.2 shows the results of the test for low resolution simulations using a

uniformly spa
es grid (red) and glass-like (blue) initial 
onditions. The glass-like initial 
onditions

are an amorphous representation of a 
onstant density medium. The glass-like initial 
onditions are


reated by drawing parti
le positions randomly and evolving them under gravity with the sign of
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Figure 2.2: Low resolution sho
k tube test at t = 7.5, with mean parti
le spa
ing 1/3 in the

high density region. The panels show the density, velo
ity, internal energy and pressure, whi
h

are evaluated using the kernel sum over neighbouring parti
les. The bla
k line is the analyti
al

solution. The blue 
ir
les 
orrespond to 
ubi
 grid initial 
onditions and the red 
ir
les to glass

initial 
onditions. The sho
ks are broadened as expe
ted but the main features are reprodu
ed.

the for
e reversed, whi
h drives them into a uniform distribution.

The resolution in the high density region is 3 parti
les per unit length, 
orresponding to a linear

resolution of roughly 100 parti
les over the range −20 < x < 20. Both simulations reprodu
e the

main features of the solution, with the dis
ontinuities spread over a few smoothing lengths. The

simulation with glass initial 
onditions is noti
eably more a

urate in the region between the end

of the rarefa
tion wave (x ≈ −4) and the 
onta
t dis
ontinuity (x ≈ 4.5). The pressure blip at the


onta
t dis
ontinuity o

urs as ex
ess thermal energy is generated before the sho
k is resolved. This


an be removed, either by smoothing the initial dis
ontinuity or by using an arti�
ial 
ondu
tivity

(Pri
e, 2008).

The additional noise in the post-sho
k velo
ity distribution arises as the sho
k 
ompresses the

parti
les anisotropi
ally. Small perturbations in the positions 
ause the parti
les to re-mesh to a

more isotropi
 distribution, giving rise to the noise in the velo
ity distribution. This is a dire
t

result of using the 
onservative form of the momentum equation (2.21), whi
h helps to maintain
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parti
le order. In most 
ases this noise is not a problem. In 
ases where it important, it 
an be

redu
ed by using a smoother kernel, for example the quinti
 spline kernel (Pri
e, 2012).

2.2.9 Sedov Blast Wave

A more stringent test of a 
ode's ability to follow sho
k is based upon Sedov's point explosion

(Sedov, 1959). The test involves the expansion of a strong sho
k into a 
old medium, making it an

appropriate test 
ase for supernova remnants and novae. A large amount of energy is inje
ted into

a small volume at the 
entre of a uniform medium. The blast wave evolves self-similarly, with the

radius, R, given by

R(t) ≈ 1.1527

(

E

ρ

)1/5

t2/5 (2.50)

in 3D for a gas with adiabati
 index γ = 5/3, where E is the energy inje
ted and ρ is the ba
kground

density.

The SPH simulation is set up using N = 1283 parti
le glass in a unit box. The parti
le mass

m = 1/N , is set so that ρ0 = 1. The thermal energy in the ba
kground is 
hosen to be u = 10−3
,

su
h that it remains negligible throughout the simulation and E = 1. Following Durier & Dalla

Ve

hia (2012), the energy is smoothed over a number of parti
les (Nngb = 64) in the 
entre of the


omputational domain. The parti
le energies, ui, are set using the smoothing kernel,

ui =
E

mi

W (ri, h)
∑

i W (ri, h)
, (2.51)

where the smoothing length, h = 0.5max (ri), su
h that the kernel drops to zero at the outermost

parti
le. Alternatively, the energy 
an be inje
ted by giving the parti
le radial velo
ities, vi =
√
2ui,

whi
h is arguably more appropriate for 
al
ulations of supernova remnants. Smoothing the initial

energy makes the test less severe, but re�e
ts the initial 
onditions used in 
al
ulations supernova

remnants, where the supernova eje
ta are resolved.

Fig. 2.3 shows the evolution of the Sedov solution for a simulation with vis
ous parameter

α = 3. The high vis
osity is needed to damp out the post-sho
k os
illations for the high Ma
h

number sho
k, whi
h 
an be seen in velo
ity at t = 0.02 and t = 0.04. If a more traditional value
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Figure 2.3: Sedov solution evolution with vis
ous parameter α = 3, at times t = 0.02, 0.04 and 0.08
(
ir
les, squares, triangles).
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Figure 2.4: Sedov solution at t = 0.08 for simulations with α = 1.2 (blue) and α = 3 (red). The

higher vis
osity is needed to remove the post-sho
k os
illations, at the expense of further broadening

of the sho
k.
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vis
osity parameter is used the sho
k in narrower and a higher peak density is rea
hed, but the

os
illations survive (Fig. 2.4).

In order to a
hieve the a

ura
y in the solution presented in Fig. 2.3 the maximum allowed

time-step has been kept to dt = 10−5
. The need for su
h a small time-step arises due to the use

of individual parti
le time-steps. In the 
old medium, the time-steps are limited by the Courant


ondition dt = C(h/cs) ≈ 10−2
., whi
h are mu
h longer than those required by parti
les in the

sho
k front (10−6
). This results in a violation of Newton's third law (Saitoh & Makino, 2009), as

the 
old medium is unable to rea
t to the passage of sho
k front, resulting in parti
le penetration

and violation of energy 
onservation.

The problem arises be
ause parti
les on long time-steps are not able to rea
t to the 
hanging

environment. Limiting the maximum time-step, or using the same step for all parti
les is able

to over
ome this di�
ulty, though at 
onsiderable 
omputational 
ost (Durier & Dalla Ve

hia,

2012). A natural solution to this problem is to redo the steps with the step-size redu
ed when

parti
les �nd that they need smaller step sizes at the end of the step than the beginning. For

large simulations su
h iterations are too 
ostly, therefore Saitoh & Makino (2009) advo
ate allowing

parti
les to redu
e their step size mid-step. While this does not expli
itly 
onserve energy, as long

as the time-steps are redu
ed su�
iently early the error 
an be kept to reasonable levels. Limiting

the time-step of a parti
le to be no more than a few times that of any of it's neighbours allows the

parti
les to rea
t before the sho
k front rea
hes them and provides the required a

ura
y at mu
h

lower 
omputational 
ost than using iteration or global time-steps (Saitoh & Makino, 2009; Durier

& Dalla Ve

hia, 2012).

2.3 Radiation

In order to test theories we must be able to 
ompare the simulations to observations, whi
h requires a

way of linking the light re
eived with quantities like density, velo
ity and temperature that naturally

arise in simulations. In the 
ase of resolved obje
ts, the kinemati
 stru
ture or morphology 
an often

be utilized dire
tly. However, for unresolved obje
ts we need to link the simulations to spe
tra or

spe
tral features. The intera
tion between radiation and the gas is governed by the radiation-
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transfer equation

(

1

c

∂

∂t
+ n ·∇

)

I(x, t,n, ν) = η(x, t,n, ν) − χ(x, t,n, ν)I(x, t,n, ν) (2.52)

where I is known as the spe
i�
 intensity, and is the energy �ux per unit solid angle, per unit

frequen
y, ν, in the dire
tion, n. The emissivity, η, in
ludes spontaneous and stimulated emission,

as well as s
attering, and χ = κ+ σ is the sum of the absorption 
oe�
ient, κ, and the s
attering


oe�
ient, σ.

Besides the immediate di�
ulty involved in solving the full six-dimensional radiative transfer

equation, the problem is mu
h worse as in general η and χ depend on the lo
al radiation �eld, I.

The problem 
an usually be solved iteratively, by 
al
ulating the radiation intensity for given η and

χ, and updating η and χ based upon the new intensity.

In three spatial dimensions 
omputing the full solution is extremely 
omputationally intensive,

therefore two prin
ipal simpli�
ations are made. S
attering is negle
ted, and the emissivity and

opa
ity are not solved for along with the radiation intensity, removing the need for iterative solution.

Under these assumptions the radiative transfer equation 
an be redu
ed to an integral along rays

through the medium

dIν(s)

ds
= ην(s)− χν(s)Iν(s), (2.53)

where s denotes the position along rays in the medium and time-dependen
e has been negle
ted.

The solution 
an be written in terms of the opti
al depth, dτν = χν ds,

Iν(s1) = Iν(s0)e
−(τν (s1)−τν(s0)) + e−τν(s1)

∫ τν(s1)

τν(s0)
eτν

ην
χν

dτν . (2.54)

In order to 
al
ulate �ux seen by an observer in a given dire
tion, equation (2.54) is integrated

over all lines of sight to the observer. Therefore, line pro�les 
an be 
al
ulated by solving a four-

dimensional problem for a few representative dire
tions, rather than the full six-dimensional prob-

lem.
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2.3.1 Implementation

As SPH simulations 
an 
over a dynami
 range in density of many orders of magnitude, solving the

radiative-transfer equation e�
iently requires the integration to follow the lo
al resolution of the

simulation. This 
an be a
hieved by re
ursively sub-dividing regions until the 
ell size is a given

fra
tion, fh, of the minimum smoothing length of parti
les whi
h overlap the 
ell. For simpli
ity,

this is done only in the plane of the sky. The radiative transfer equation 
an then be solved along

the 
entre of the 
ell, under the approximation that the 
onditions are 
onstant a
ross the 
ell.

Integration of equation (2.54) along a ray is done using an algorithm based upon Kessel-Deynet

& Burkert (2000). From the 
urrent point on a ray, s0, the next point, s1, is sele
ted by 
onsidering

ea
h of the SPH neighbours, i, to s0. The angle between the line that goes through ea
h neighbour,

i and s0 is 
al
ulated, and the parti
le, j, with the smallest angle is 
hosen. The point j is then

proje
ted onto the ray, giving the new point, s1. This method 
orre
tly �nds steep density gradients,

whereas using a 
riterion based upon the lo
al smoothing length 
an result in too large steps when

going from a less dense to more dense region. The algorithm has also been modi�ed to allow taking

steps whi
h are a fra
tion of the step given by the above 
riteria, whi
h is usually taken to be the

same as fh.

In the presen
e of steep gradients 
are has to be taken when integrating equation (2.54). A

parti
ular 
ase of this o

urs when the ray leaves a dense, opti
ally thi
k region and enters an

opti
ally thin region. Upon leaving the opti
ally thi
k region the intensity is given by Iν = ην/χν ,

whereas in the opti
ally thin region the intensity is roughly Iν = Iν0+
∫

ην ds. Sharp transitions are

spread out over roughly a smoothing length by the SPH interpolation of physi
al quantities, whi
h

helps alleviate the problem. Furthermore, the smoothing also means that the emissivity and opa
ity


an be approximated to be linear a
ross the 
ell, whi
h allows analyti
al solutions to equation (2.54)

to be used removing the need for small integration steps.

In the 
ase of a line pro�le, the emissivity and opa
ity 
an be written as

κν(x) = κ(x)φ(ν ′,∆νD) (2.55)

ǫν(x) = ǫ(x)φ(ν ′,∆νD), (2.56)
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Parameter Value

η0 1000

η1 10

κ0 1000

κ1 50

∆x 0.1

∆vD 20

Table 2.1: Parameters for ionization front test, given by equations (2.57) and (2.58).

where φ(ν,∆νD) is the Doppler frequen
y, φ is the intrinsi
 line pro�le, and ν ′ = ν(1− v(x)
c ) is the

frequen
y in the rest frame of the gas. Ordinarily a Doppler pro�le or Voigt pro�le is used. As the

pro�les de
ay rapidly away from the line 
entre |ν ′ − ν0| > ∆νD, the 
ontribution to intensity at a

given frequen
y 
an 
hange rapidly a
ross a 
ell. Changing the integration variable to dq = φ(ν ′) ds,

and assuming η, κ are linear in q give better 
onservation properties, but 
an 
ause the pro�le to

be stepped (see Fig. 2.7).

2.3.2 Radiation Tests

Ionization Front

The �rst test mimi
s the 
onditions seen in an ionization front, along with the 
hanges in a line

pro�le. The sour
e fun
tion, Sν = ην/κν , drops a
ross a region, 
ausing the line to go from emission

into absorption. The emissivity and opa
ity, are taken to be

η =
η0 + η1

2
+

η1 − η0
2

tanh
( x

∆x

)

, (2.57)

κ =
κ0 + κ1

2
+

κ1 − κ0
2

tanh
( x

∆x

)

, (2.58)

whi
h are modi�ed by a Doppler pro�le

φ(v) =
1√

π∆vD
exp

(

−(v − v0)
2

∆v2D

)

(2.59)

of width ∆vD = 20km s−1
. The spatial domain is −1 ≤ x ≤ 1, with Iν(x = −1) = 0. The gas is

assumed to be at rest (v0 = 0), and the 
onstants used are provided in Table 2.1.
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Figure 2.5: Ionization front problem, with a spatial resolution of 5 (blue), 10 (red) and 100 (green)

points. The di�eren
es o

ur due to the di�erent e�e
tive widths of the ionization front that arise

due to the 
oarse sampling. Prior to rea
hing the transition near x = 0, the pro�le is given by

Iν = (η0/κ0)(1 − exp(−τ0φ(v)), whi
h saturates in the line 
entre. For x > 0, the line 
entre is

absorbed as η1/κ1 < η0/κ0.
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Figure 2.6: Left: Sour
e fun
tion sampling points for the ionization front problem. The points

sele
ted are the sampling points for N = 10. Right: Convergen
e of the mean error for the ionization

front problem. The 
onvergen
e rate is 
lose to O(N−2), as shown by the dashed line.
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Figure 2.7: Line transfer test with a large velo
ity gradient. The di�erent lines show the pro�les

using di�erent numbers of 
ells used: 10 (blue), 20 (red) and 80 (bla
k). Left : T = 104 K, ∆vD ≈
12 km s−1

; Right : T = 102 K, ∆vD ≈ 1.2 km s−1
.

The pro�le is 
al
ulated for a range of models, in whi
h η and κ have been sampled at a varying

number of points. Fig. 2.5 shows the 
onvergen
e to the pro�le 
reated by the ionization front. The


onvergen
e is slowest in the line 
entre, as this is where the opti
al depth through the transition

region is highest. The N = 10 pro�le is already 
lose to exa
t solution with a maximum error

of less than two per 
ent, whi
h shows that a few points around a steep gradient is su�
ient to


apture the main properties (Fig. 2.6). The 
onvergen
e is roughly O(N−2), as expe
ted for linear

interpolation.

Velo
ity Test

In a supersoni
 gas the bulk �uid velo
ities 
an be mu
h larger than the lo
al Doppler velo
ity

(v > vD, for Ma
h number, M >
√

10/18 in a gas with γ = 5/3), in whi
h 
ase the strength of the

line pro�le 
an 
hange signi�
antly a
ross a 
ell. The assumption that ∆vD/
dv
dr is larger than the

typi
al length s
ale over whi
h the �uid properties 
hange forms the basis of the Sobolev method

(Sobolev, 1947).

The 
ode's performan
e in su
h a s
enario 
an be tested by 
onsidering a medium with a large,


onstant velo
ity gradient. Emission is negle
ted, only the absorption against a uniform sour
e,

Iν(0) = 1, is 
onsidered, with κ(x) = κ0 cos
2(2πx). The velo
ity varies from −500 < v < 500 km s−1

over 0 < x < 1 and κ0 is 
hosen su
h that the opti
al depth is 
lose to saturation at x = 0.
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The pro�les 
al
ulated using a variety of spatial resolutions are shown in Fig. 2.7. While

the total opti
al depth is 
onserved to within a few per 
ent, the line pro�le be
omes boxy when

∆v > ∆vD. This 
an be understood by 
onsidering

s =

∫ r1

r0

φ

(

v(0) +
dv

dr
r

)

dr = ∆vD
dr

dv

∫

φ(x)dx. (2.60)

In this 
ase when δr dv
dr ≫ ∆vD, the integral is 
lose to unity if the signs of x(r0) and x(r1)

di�er, or zero if they are the same. For the T = 104 K, 80 points is enough for ∆vDoppler ≈ ∆v,

and the resulting pro�les are smooth, with the maximum error at around 0.5 per 
ent. For low

temperatures, su
h a 
riterion 
an be very strong. However, the T = 102K 
ase shows that as

long as the underlying velo
ity distribution is well sampled then the resulting line pro�le is 
lose to

the real pro�le. In this 
ase it 
an be better to approximate the line pro�le as a δ-fun
tion, whi
h

results in a smooth pro�le.

Infall Test

A �nal test, whi
h 
onsiders emission from gas infalling spheri
ally in a potential due to a point

mass is used to explore the ability of the 
ode to reprodu
e line pro�les from SPH distributions.

The density is 
hosen to give a 
onstant a

retion rate

ρ(r) =
Ṁ

4πr2|v(r)| . (2.61)

Pressure is negle
ted in 
al
ulating the velo
ity, v = −
√

2GM/r + 2E0, and E0 is sum of the

gravitational and kineti
 energy, whi
h is a 
onstant. The emission is 
hosen to be proportional

to the Case B re
ombination rate for hydrogen η = fn2
HαB(T )hν, with f = 0.5, whi
h is roughly


onsistent with Hα emission (Storey & Hummer, 1995). Absorption is negle
ted for simpli
ity, as in

this 
ase the analyti
al expression for emission from a shell 
an be used to 
al
ulate the luminosity

at a given frequen
y

dLν

dr
=

πr2η(r)c

νv(r)
(erf(x1)− erf(x0)) , (2.62)
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Figure 2.8: Left : Line pro�le from a gas in spheri
al infall. Right : Relative error in the line pro�le

for di�erent 
al
ulations. In ea
h 
ase the gas is represented by the same sphere taken from a 643

SPH glass. The bla
k line gives the semi-analtyi
al solution. The 
oloured lines give the solution

for di�erent resolution parameters (see text), 2 (blue), 0.5 (green), 0.2 (red).

where erf(x) is the error fun
tion and x1/0 = ν(1±v/c)−ν0
∆νD

, where ν0 is the rest frame frequen
y of

the line.

The infalling gas pro�le is represented by equal mass SPH parti
les. The density distribution is


al
ulated by 
utting a sphere from a 643 or 1283 glass, and then warping the parti
le radii to give

the desired mass distribution. The density and smoothing lengths are 
al
ulated using GADGET-2,

and the velo
ities are set a

ording to the free-fall velo
ity. The temperature evolution is assumed

to be adiabati
, and 
al
ulated assuming T = 5× 104 K at the outer radius.

The line pro�les are then 
al
ulated using a range of di�erent grid resolutions fh = 2, 0.5 and

0.2, whi
h are shown for the 643 grid in Fig. 2.8. The pro�les show good general agreement with

the analyti
al solution, apart from near the 
entre of the line and in the line wings, where the error

is higher. The line pro�le 
onverges for fh = 0.5, with little improvement seen for fh = 0.2.

The error in the line wings o

urs due to the relatively low mass at high velo
ities, re�e
ting the

deviation from the true density that is present in the SPH dis
retisation. The error near the line


entre arises due to edge e�e
ts in the mass distribution. The �nite smoothing length at the outer

edge means the parti
les 
ontribute to a non-zero density beyond the edge of the mass distribution,

whi
h results in an over-estimation of the line pro�le from the outermost parti
les. For the 1283 
ase,

the errors are redu
ed to a few per 
ent, whi
h is the typi
al error due to the SPH dis
retisation.
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Figure 2.9: Infall problem using 1283 parti
les. Left : Line pro�le; Right : Relative error.



Chapter 3

Supernova-Companion Intera
tion and

Stripped Hydrogen

The presen
e of a Ro
he-lobe �lling 
ompanion star in the single degenerate 
hannel for Type Ia

supernovae has interesting prospe
ts for the stru
ture of supernovae and their remnants, as well

as the 
ompanion star. Considerable e�ort has been put into examining the e�e
ts a Type Ia

supernova (SN Ia) has on its 
ompanion star, in
luding analyti
 models (Wheeler et al., 1975),

and several 
omputational studies (e.g. Marietta et al., 2000), although they have only re
ently

begun to use model stars that have been evolved with appropriate mass loss (Pan et al., 2012) and

binary evolution (Liu et al., 2012). Even so, there has been little fo
us on investigating systems

that 
orrespond to the ar
hetypal systems in our Galaxy.

In this 
hapter models for a potential 
ompanion for Ty
ho's supernova and the gala
ti
 re
urrent

nova RS Ophiu
hi are 
onstru
ted. The intera
tion of the supernova and 
ompanion star are


al
ulated using SPH, as des
ribed in Se
tion 2, along with the �nal stru
ture of the eje
ta that

eventually freezes in. Finally the observational prospe
ts are 
onsidered, taking into a

ount the

stru
ture from the simulations.

47
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3.1 Initial models

Realisti
 stellar models for the 
ompanion were set up using a stellar evolution 
ode that takes

into a

ount mass loss due to the binary evolution (Podsiadlowski et al., 2002). The stellar models

have been 
hosen to be analogues to well known Gala
ti
 systems. The �rst is a 0.842M⊙, 9.3R⊙

sub-giant star (SG1), whi
h has been 
hosen to be a potential progenitor for Ty
ho's Supernova

Remnant. Extensive sear
hes for surviving 
ompanions have been 
ondu
ted for Ty
ho's SNR

(Ruiz-Lapuente et al., 2004; Kerzendorf et al., 2009, 2013), and while there is no 
lear 
ase for a

surviving 
ompanion the one 
andidate is Ty
ho-G. In order to explain its low rotational velo
ity

the 
ompanion star's envelope must have been stripped by the supernova; therefore, it must have a

large radius and weakly bound envelope (Kerzendorf et al., 2009).

The se
ond model is a red giant (RG1), whi
h has been 
hosen to represent the 
ompanion star

to the re
urrent-nova RS Ophiu
hi (RS Oph). RS Oph is an ex
ellent 
andidate for a Type Ia

supernova progenitor as the low mass and high velo
ity of the nova eje
ta point to a white dwarf

that is 
lose to the Chandrasekhar mass (Yaron et al., 2005). Spe
tros
opi
ally determined orbital

parameters give a mass ratio q = 0.59 (Brandi et al., 2009), whi
h gives a mass for the red giant of

∼ 0.8M⊙. The radius of this star is 100R⊙, whi
h is 
onsistent with the star being 
lose to �lling

its Ro
he lobe; as a period of 453.6 days implies Ro
he-lobe radius of RRL ≈ 110R⊙. The mass

stripped from a red giant depends only weakly on the binary separation (Pan et al., 2012); therefore,

an un
ertainty of roughly 10 per 
ent in separation should have little e�e
t on the simulations.

The density and pressure from the stellar models are mapped onto a 3D glass, using a 
onstant

parti
le mass of 2 × 10−6M⊙. An extra model of the sub-giant (SG2) has been 
onstru
ted using

a smaller parti
le mass (10−6M⊙) to verify the resolution is su�
ient. The internal energy of the

parti
les is set a

ording to the pressure and density from the stellar model. This results in a

di�erent temperature stru
ture for the star as the SPH 
al
ulation uses an ideal gas equation of

state with γ = 5/3. The smoothing length is set so that ea
h parti
le has 64 neighbours and self-

gravity is 
al
ulated using the tree with adaptive softening lengths. For the main 
al
ulations no

arti�
ial 
ondu
tion is added. The resulting stru
ture is shown in Fig. 3.1. The SPH model of the

star is then relaxed to remove any initial noise from the set-up and ensure that the initial model is
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Figure 3.1: SPH model of stellar density pro�le for model RG1, using a parti
le mass of 10−6M⊙.

Left : Before relaxation; Right : After relaxation the density distribution is 
onsiderably less noisy.

stable.

The red giant has a 
ore that is strongly bound and mu
h smaller than the total size of the star,

Rcore/R ≈ 10−4
. Modelling the full star is prohibitively expensive as the very high densities in the


ore result in tiny time-steps relative to parti
les in the envelope. To over
ome this di�
ulty, the


ore of the star is removed and repla
ed with a point mass. The 
ore is �lled with gas of the same

density at its edge, and pressure set so that the 
ore supports the atmosphere. The point mass is

allowed to move under the for
e of gravity, but pressure for
es are negle
ted.

Prior to the supernova the 
ompanion star is 
lose to �lling its Ro
he-lobe. In this 
ase the

stellar stru
ture is altered by the presen
e of the 
ompanion. Liu et al. (2012) found that for

main-sequen
e stars the e�e
ts are negligible; mu
h more mass is stripped than is present in the

layers where the stru
ture is signi�
antly perturbed. The evolved sub-giant and red giant stars

presented here are 
onsiderably more 
entrally 
ondensed, and have more extended envelopes than

those presented by Liu et al. (2012).

Perturbation theory (Sterne, 1939; S
hwarzs
hild, 1965) 
an be used to estimate the distortion of

the envelope by the white dwarf. Using Eggleton's formula for the separation at whi
h the star �lls

its Ro
he-lobe (Eggleton, 1983), the distortion is a few per 
ent in the outer layers. The distortion

at the base of the stripped region, whi
h is mu
h smaller than the distortion at the edge of the star,

is more important for determining the stripped mass. Taking the Wheeler et al. (1975) estimate

for stripped mass, MWh, the important radius 
an be estimated by 
onsidering the radius, rWh
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Table 3.1: Key stellar model parameters.

Model nstar Mtot Mcore Mstrip Mstrip/Menv Mest/Menv

SG1 421155 0.842 0.31 0.46 0.87 0.86

SG2 844490 0.842 0.31 0.48 0.90 0.86

RG1 190552 0.8 0.42 0.37 0.97 0.97

nstar is the number of SPH parti
les used in the star, Mtot is the total stellar mass, Mcore is the

mass of the 
ore, Mstrip the mass stripped by the SN eje
ta and Mest is the mass stripped as

estimated by the method Wheeler et al. (1975). The parti
le mass is the same for ea
h of these

stars, mpart = 2× 10−6M⊙, ex
ept for SG2, for whi
h mpart = 10−6M⊙.

,at whi
h the mass external to that radius is MWh. The distortion at this radius, δr/r < 10−3
,

therefore the 
hange in stru
ture 
an be negle
ted.

The W7 model (Nomoto et al., 1984) is used to represent the Type Ia supernova. The model

has MSN = 1.38M⊙ and kineti
 energy, Ekin = 1.37 × 1051 erg. The density and velo
ity stru
ture

are taken from 31 days after explosion, on
e the supernova is in free expansion and the evolution

is self similar. The SPH representation is 
onstru
ted by radially warping a glass, using the same

parti
le mass as the star. The radius is then res
aled su
h that the outer edge of the supernova is

almost tou
hing the 
ompanion star. The density stru
ture is not relaxed. Although this results

in some noise in the density distribution, the supernova initial 
onditions are not in equilibrium so

relaxation is not 
riti
al. The internal energy is set to 10 per 
ent of the kineti
 energy. As long as

the thermal energy is not too large the 
hoi
e does not a�e
t the dynami
s, whi
h are dominated

by ram-pressure.

3.2 Supernova - Companion Intera
tion

The evolution of the supernova-
ompanion intera
tion for the SG1 model is shown in Fig. 3.2. The

evolution for the red-giant model is similar and is therefore not dis
ussed in detail. The simulation

uses a total of 1.1 million parti
les to represent the star and supernova.

Initially the 
ompanion star is in equilibrium, lo
ated at x = −27.8. The supernova is 
entred on

the origin. When the supernova rea
hes the 
ompanion star, it drives a sho
k through the envelope.

The sho
k travels fastest through the low-density envelope, 
ausing it to wrap around the 
ore. As



3.2. Supernova - Companion Intera
tion 51

the sho
k travels towards the 
ore it is slowed due to the steep density gradient and eventually

stalls. The outer layers of the envelope are stripped immediately by the passage of the sho
k. By

t = 15000 s the supernova and stripped 
ompanion material have rea
hed free expansion and the

evolution has be
ome approximately self-similar, with v ∝ r.

The �nal stru
ture of the of the model is shown in Fig. 3.3. There remains a hole in the eje
ta

in the region shadowed by the 
ompanion star, as was noted by Marietta et al. (2000). The hole is

surrounded by a bow sho
k, whi
h appears as a high density ar
. The bow sho
k 
onsists mainly

of the supernova eje
ta that was blo
ked by the 
ompanion star, along with a small amount of

entrained 
ompanion material. The majority of the stripped 
ompanion material remains at low

velo
ity and does not mix with the supernova eje
ta, as is shown in Fig. 3.3.

The supernova strips 0.48M⊙ from the sub-giant star, whi
h is roughly 90 per 
ent of the

envelope. This is mu
h higher than 0.2M⊙ reported by Marietta et al. (2000) for their sub-giant

model (HCVL), although 
lose to analyti
al estimate (see Table 3.1). There are key di�eren
es

between the model SG1 and the HCVL model, whi
h was simply an un-evolved star with its envelope

removed. The sub-giant presented here is evolved 
onsistently a

ounting for mass-loss, and is both

lower in mass and larger in radius. This means the envelope is less strongly bound, whi
h explains

the greater amount of mass stripped. Of the more re
ent 
al
ulations, only Liu et al. (2012) take

into a

ount the full binary evolution. The 
losest mat
h to the SG1 star is their model ms_20a,

whi
h is a 
onsiderably more 
ompa
t sub-giant with a radius of 1.7R⊙. They �nd the supernova

strips more mass than from the sub-giant than any of their other models, albeit only 0.18M⊙.

The supernova strips the entire envelope of the red giant star. This is expe
ted as the envelope

is more weakly bound than the sub-giant envelope and is 
onsistent with previous work (Marietta

et al., 2000; Pan et al., 2012). As only ∼ 6000 parti
les remain bound to the envelope of the RG1

model the remaining stru
ture is poorly resolved. Therefore the entire envelope 
an be 
onsidered

to be stripped, and therefore the a
tual mass of the stripped material is a lower limit. However, due

to the steep density gradient in the 
ore this is likely to be a good estimate. The value also agree

well with the estimated mass stripped based upon Wheeler et al. (1975), whi
h uses the entire star;

adding further weight to the argument.
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Figure 3.2: Passage of the sho
k wave through the sub-giant star (SG1), showing a density 
ross

se
tion through the 
ore of the 
ompanion. As the sho
k passes through the star it wraps around

the 
ore and strips most of the stellar envelope. The evolution is very similar for the red giant, but

at times a fa
tor of ten later due to the larger separation.
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Figure 3.3: Cross-se
tions through the SG1 model on
e it has rea
hed free expansion (t = 15000 s).
Left : Density. There is a hole in the eje
ta in the region that was shadowed by the 
ompanion

star. Right : Composition of the SG1 model. Red is pure supernova eje
ta, blue is pure stripped


ompanion material. The 
ontours show lines of 
onstant density.

Tests 
ondu
ted in
luding arti�
ial 
ondu
tion during the supernova-
ompanion intera
tion

phase produ
e broadly similar results. The main di�eren
e are a slightly narrower bow sho
k,

and smoother �ow in the stripped 
ompanion material. The velo
ity distribution and mass stripped

show good agreement, with the stripped mass di�ering by 2 per 
ent. The origin of this di�eren
e

is due to both a modi�
ation to the temperature stru
ture of the star and the improved treatment

of instabilities.

Even with arti�
ial 
ondu
tion the SPH simulations poorly resolve instabilities, as they are

prevalent in the low density regions behind the 
ompanion (see Marietta et al., 2000). However,

while instabilities introdu
e turbulen
e into the �ow, they are not important for 
apturing the

general features, sin
e they arise after the gas has been stripped from the 
ompanion. This is

further 
on�rmed by the 
on
ordan
e of the stripped mass and velo
ity distributions in SPH and grid

methods found by Pakmor et al. (2008), who did not make any attempt to 
apture the instabilities

in their SPH methods.
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Figure 3.4: Evolution of the mass stripped from the sub-giant star. The mass stripped is de�ned

as gas that was originally part of the 
ompanion whi
h has a total energy greater than zero. The

solid lines in
lude the 
ontribution from internal energy, whereas the dashed lines in
lude only the

kineti
 and potential energy. The two methods give the same result until the sho
k rea
hes the


ompanion's 
ore (t = 2000 s), at whi
h point it heats up the 
ore. The in
reased pressure then

drives further mass stripping, until at late times the two methods 
onverge towards ea
h other.

The blue lines refer to the SG2 model (Mpart = 10−6M⊙) and the red lines refer to the SG1 model

(Mpart = 2× 10−6M⊙), whi
h give a four per 
ent di�eren
e in mass stripped.

3.3 Stripped Companion Material

The 
ompanion material is stripped by a 
ombination of ram pressure stripping and ablation, whi
h

form the basis for the analyti
 model of Wheeler et al. (1975). The unbound mass as a fun
tion

of time is shown in Fig. 3.4. Parti
les are �agged as unbound if their total energy is greater than

zero. When the internal energy is in
luded in the total energy the stripped mass peaks at 6000 s

and then de
reases, whereas the unbound mass 
ontinually in
reases until the asymptoti
 value is

rea
hed when thermal energy is negle
ted. On
e the sho
k rea
hes the 
ore it begins to stall and

the momentum transferred to gas is no longer enough to strip it immediately. At this point the two


riteria begin to diverge. The additional pressure in the post-sho
k gas then drives the expansion

of gas away from the 
ore. Some of this gas eventually rea
hes a velo
ity su�
ient to es
ape the
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ompanion. By the end of the simulation the unbound masses 
al
ulated by the two methods are


onverging, however they di�er by 0.02M⊙. The �nal unbound mass must be between these two

values, and is taken to be the average.

The SG1 and SG2 models for the sub-giant give good agreement until 4000 s, after whi
h the

unbound mass starts to di�er by 0.02M⊙. As this represents only a small fra
tion of the unbound

mass and the morphologies are very similar, a resolution of Mpart = 2× 10−6
is su�
ient.

For the red-giant model, the evolution of the unbound mass is similar, however the time-s
ale is

a fa
tor of ten longer due to the larger radius and separation. In this 
ase the peak in the unbound

mass in
luding the thermal energy o

urs at around 6.5× 104 s, and the two measures 
onverge to

Mstrip = 0.35M⊙ within 0.01M⊙ by 3× 105 s.

The velo
ity distribution of the stripped 
ompanion material at the end of the simulation is

shown in Fig. 3.5. The distribution of velo
ities is similar for both the sub-giant and red-giant

models. The majority of the stripped gas is 
onsiderably denser than the surrounding eje
ta and

remains at v < 500 km s−1
, however there is a tail beyond v ≈ 2000 km s−1

in the negative x-

dire
tion, i.e. behind the 
ompanion. The asymmetry 
an be seen by in the �nal panel of Fig. 3.3.

The stripped 
ompanion material remains 
lose to the 
entre of the supernova.

The stripped 
ompanion material dominates the eje
ta at velo
ities below 1950 km s−1
, some-

what higher than the approximately 1600 km s−1
at whi
h Marietta et al. (2000) �nd that the super-

nova be
omes eje
ta dominated. This 
an be partly re
on
iled by the fa
t that we use higher energy

for the supernova model, 1.37×1053 erg, instead of the 1.2×1051 erg used by Marietta et al. (2000).

The remaining di�eren
e is likely to be due to the di�ering evolution of our stars. Additionally, we

�nd that the stripped 
ompanion material a

ounts for 0.2 to 0.3 per 
ent of the mass at 104 km s−1
,

within the range found by Marietta et al. (2000). Most of this high velo
ity material is found within

the region behind the 
ompanion star, where the fra
tion of hydrogen ri
h material is near unity.

Very little mass mixed into the eje
ta (less than 100 parti
les), even in the simulations with arti�
ial


ondu
tion.
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Figure 3.5: Velo
ity distribution of stripped 
ompanion material for the SG1 (blue) and RG1 (red).

The high velo
ity tail in the x-dire
tion arises from the material stripped, with the lower velo
ity

material being made up of ablated material.

Figure 3.6: Comparison of density 
ross-se
tions in simulations with (left) and without (right)

56Ni heating, for the sub-giant 
ompanion. For details see se
tion 3.4. Cross se
tions are taken

perpendi
ular to the binary axis at 404 days. Both the 
ontours and 
olour indi
ate log density.

There are minor di�eren
es. In the simulation with heating, the base of the high density paraboloid

is broadened. Ring shaped artefa
ts 
an be seen in the density at the edge of the heated regions.
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3.4 Impa
t of Radioa
tive Heating

For both sub-giant and red-giant models the supernova-
ompanion intera
tion is 
omplete within a

few days of the explosion, and the eje
ta evolve more or less independently of the 
ompanion star.

On
e this has o

urred the material that remains bound to the 
ompanion star 
an be removed

from the simulation. This greatly redu
es the 
omputational time, as the time-steps required to


ompute the hydrostati
 equilibrium of the remaining star are mu
h shorter than those needed for

the evolution of the supernova. The surrounding medium 
an be negle
ted until the supernova

sweeps up a signi�
ant fra
tion of its mass, and the eje
ta and stripped 
ompanion material 
an be


onsidered to evolve independently of it.

During this time, the supernova's light 
urve is powered by the radioa
tive de
ay of

56Ni pro-

du
ed in the explosion. The de
ay pro
esses is

56Ni → 56Co → 56Fe (ele
tron-
apture, β+
-de
ay).

The two steps have e-folding times of 8.80 and 111.4 days, releasing 1.7 and 3.6MeV energy ea
h,

mainly as γ-rays. The

56Co de
ay also releases a positron 19 per 
ent of the time (Milne et al.,

2004), whi
h 
an be assumed to absorbed lo
ally (e.g. Ambwani & Sutherland, 1988; Mazzali &

Lu
y, 1993; Lu
y, 2005). Initially the supernova is opaque to the γ-rays, but by about 40 days after

the supernova the opti
al depth through the

56Ni layers has dropped to τγ ≈ 1. Therefore, a proper

treatment of the energy deposition requires full radiative transfer.

A simple model is su�
ient for verifying that the e�e
ts on the stru
ture of the supernova are

small, as long as the deposited energy is reprodu
ed reasonably well. Half of the de
ay energy is

released within tf = 40 − 50 day, after whi
h an in
reasing fra
tion of the γ-rays es
ape (Lu
y,

2005). As the opti
al depth, τγ ∝ t−2
, the fra
tion of γ-rays absorbed drops qui
kly on
e the eje
ta

start to be
ome opti
ally thin. Therefore, we assume all the de
ay energy is 
aptured lo
ally before

40 days and 
ompletely es
apes after then. The

56Ni distribution is 
hosen to approximate the

a
tual distribution in the W7 model (Nomoto et al., 1984), with 0.6M⊙ of

56Ni distributed in the

low velo
ity eje
ta in the mass range 0.1− 0.9 M⊙, assuming a 
onstant

56Ni fra
tion. Cooling and

radiative di�usion are negle
ted, whi
h a

entuate the e�e
ts at the edge of

56
Ni region by over-

estimating pressure gradients. By varying tf , it has been veri�ed that the results are not sensitive

to this value. As the e�e
t is similar for the both the sub-giant and red-giant models only the
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sub-giant is presented here.

Fig. 3.6 shows a snapshot of the density in simulations with and without the heating at 404 days

after the explosion. The ar
 formed by the bow sho
k has be
ome broadened in the heated region,


ausing the hole to partially 
lose at low velo
ity. Density jumps o

ur at the edges of the heated

region, whi
h appear as two rings of blobs in the 
ontours. The density jumps are an artefa
t of

negle
ting radiative di�usion, whi
h would smooth out the strong temperature gradients that arise.

The 
hanges o

ur gradually throughout the duration of the heating, whi
h means that the

partial 
losing of the hole is most relevant after maximum light. While the di�erent stru
tures are

likely to lead to a slight di�eren
e in spe
tra, the di�eren
e is likely to be small as the di�eren
e in

stru
ture appears on the time-s
ale over whi
h the eje
ta be
ome opti
ally thin. Furthermore, as

radiation 
an es
ape most easily through the hole the pressure gradient should be less than the one

that arises in the simulations. This further supports the idea that the e�e
ts 
an be viewed as an

upper limit.

These e�e
ts will be negle
ted in further 
al
ulation as the artefa
ts introdu
ed by the heating

outweigh the bene�t of in
luding the small e�e
ts.

3.5 Observational Prospe
ts: Nebular Phase Emission

As noted by Marietta et al. (2000), a signi�
ant proportion of hydrogen ri
h material in the eje
ta

of SN Ia is an interesting prospe
t for observations. Sin
e the stripped material remains deep inside

the eje
ta re
ent sear
hes for hydrogen have been 
ondu
ted during the nebular phase, on
e the

supernova eje
ta have be
ome opti
ally thin. One of the most stringent limits on hydrogen ri
h

material 
omes from the nearby SN 2011fe, whi
h limits the total Hα �ux to 1035 erg s−1
at roughly

300 days after the explosion (Shappee et al., 2013). By s
aling models that repla
e the 
ore of

the supernova in spheri
al models with uniform hydrogen material (Mattila et al., 2005; Lundqvist

et al., 2013), Shappee et al. (2013) suggest this limits the total mass stripped as 10−3M⊙.

The nebular phase emission of Type Ia supernovae depends on the interplay of γ-ray deposition

and ionization by the UV 
ontinuum with line emission (Mazzali et al., 2001). Due to the high

UV opa
ity due the Fe-group elements in the eje
ta, the UV 
ontribution to the ionization 
an
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Figure 3.7: Opti
al Depth to γ-rays for 56
Ni de
ay 300 days after the explosion. The 
olour s
ale

shows log10(τγ).

usually be negle
ted. In this se
tion a simple model for the Hα emission is 
onstru
ted, in whi
h

the ionization dominated by the lo
al γ-ray deposition.

3.5.1 γ-ray Deposition

The 
onditions within the stripped 
ompanion material are expe
ted to be very di�erent to the

surrounding eje
ta due to the di�erent 
omposition, higher density and higher opti
al depth to γ-

rays. The γ-ray opti
al depth to the 
entre of the stripped 
ompanion material τγ ≈ 5 at t = 300day

(Fig. 3.7). For non-negligible opti
al depths, a

urately 
al
ulating the γ-ray deposition normally

requires Monte-Carlo radiation transfer te
hniques, as photons are predominantly s
attered rather

than absorbed.

For simpli
ity, we develop an approximation for the γ-ray deposition, whi
h is motivated by the

fa
t that the opti
ally thi
k part of the 
ore only o

upies a small fra
tion of the volume in the

supernova. If the eje
ta were 
ompletely transparent to γ-rays, the Green fun
tion, G(r, r′), for the

�ux would be the same as that for Poisson's equation

G(r, r′) =
1

4π|r− r′|2 =
1

4π
· 1

r2 + r′2 − 2rr′ cos(θ)
, (3.1)
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where θ is the angle between the ve
tors. In the opti
ally thi
k 
ase, the Green's fun
tion is mul-

tiplied by exp(−τγ(r, r
′)), where τγ is the opti
al depth to γ-rays. Approximating the distribution

of

56
Ni as spheri
al we �nd

Fγ(r, t) =
1

2

∫

nCo(r
′, t)

tCo
exp(−τγ(r, r

′))
r′2

r2 + r′2 − 2rr′ cos(θ)
dr d(cos(θ)), (3.2)

where nCo(t) and tCo are the number density of

56
Co atoms and the times
ale for radioa
tive de
ay.

In pra
ti
e the 
ontribution from

56
Ni is also in
luded, but it is small during the nebular phase.

Motivated by the fa
t that most of the volume is opti
ally thin, we look for an expression based

upon the solution for τγ = 0,

Fγ(r, t) ≈
1

2

∫

nCo(r
′, t)

tCo

r′

r
log

∣

∣

∣

∣

r + r′

r − r′

∣

∣

∣

∣

dr. (3.3)

This expression 
an be easily evaluated for any nCo(r), and forms the basis of the γ-ray deposition.

Negle
ting any dependen
e of θ on τγ , we �nd

Fγ(r, t) ≈
1

2

∫

nCo(r
′, t)

tCo

r′

r
log

∣

∣

∣

∣

r + r′

r − r′

∣

∣

∣

∣

exp(−τγ(r, r
′)) dr. (3.4)

The a

ura
y of this approximation depends on how well τγ 
an be 
hosen to mat
h the angle-

averaged value. For the majority of the volume, τγ ≪ 1, and therefore is not sensitive to 
hoi
e. In

the 
entre, where τγ > 1, the 
hoi
e has a greater e�e
t on the �ux. We 
hoose the minimum value

for τγ =
∫ r
r′ ne(r)σγ dr, resulting in an upper limit for the γ-ray �ux in the 
ore. We note that this

gives the 
orre
t limit for r → 0, as well as at the edge of the opti
ally thi
k region, where τγ → 0.

As dis
ussed in the later, the 
onsequen
es of su
h a 
hoi
e are minor.

The distribution of

56
Ni and

56
Co used is the same as in Se
tion 3.4, M(56Ni) = 0.6M⊙, whi
h

is spread over parti
les that were initially the mass range 0.1 < M/M⊙ < 0.9. The

56Ni density,

nCo(r), is then estimated by averaging the

56
Ni distribution over angle and solving the de
ay 
hain

56Ni →56 Co →56 Fe for the number of Co atoms.

The ionization rate from γ-rays is then 
al
ulated from the number of s
atterings. Ea
h s
at-

tering eje
ts a high-energy ele
tron, whi
h typi
ally 
auses 104 se
ondary ionizations. Kozma &
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Fransson (1992) provide 
onvenient �tting formulae for the e�e
tive ionization, ex
itation and heat-

ing rate by γ-rays, whi
h we make use of. Following Xu et al. (1992) we write

Γγ = FγσγηI(xe), (3.5)

where the fa
tor ηI(xe), takes into a

ount the ionizations and ex
itations from se
ondary ele
trons.

The γ-ray s
attering 
ross-se
tion, σγ , used is the ele
tron s
attering 
ross-se
tion averaged over the

distribution of photon energies released in the radioa
tive de
ay (Milne et al., 2004). The e�
ien
y

of ionization and ex
itation depends on the ele
tron fra
tion xe. For xe = ne/nH = 10−4
, 90 per


ent of the energy is available, at xe = 0.1 this redu
es to 40 per 
ent. The remaining fra
tion of

energy goes into heating the ele
trons.

3.5.2 Model Atom

In order to 
al
ulate the emissivity and opa
ity of Hα we follow the models for the emission from

hydrogen ex
ited by non-thermal deposition by Xu et al. (1992) and Kozma & Fransson (1992).

Although these models were 
onstru
ted for the Type II supernova SN 1987A, the physi
s involved

is su�
iently similar, in parti
ular that the gas is hydrogen ri
h. Similarly, the spheri
al models

presented by Mattila et al. (2005) and Lundqvist et al. (2013) that have been used to 
onstrain

the stripped mass from the 
ompanions of Type Ia supernovae were based on Kozma & Fransson

(1992).

As the typi
al velo
ities (v ∼ 103 km s−1
) are mu
h larger than the random motions (∆vD ∼

3 km s−1
) the Sobolev approximation 
an be used to solve the radiative transfer (Sobolev, 1947;

Castor, 1970). In this approximation, the opti
al depth in a line 
an be 
al
ulated purely lo
ally.

The Sobolev opti
al depth for v ∝ r is given by

τS =
πe2

mec
fluλ0t

(

1− glnu

gunl

)

, (3.6)

where flu and λ0 are the os
illator strength and rest frequen
y of the transition, e and me are the

mass and 
harge on the ele
tron and c is the speed of light. This 
an then be used to 
al
ulate the
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probability that a photon es
apes the region:

βS =
1− e−τS

τS
. (3.7)

For resonan
e lines su
h as Lyman α, the opti
al depth 
an be very large, requiring many s
atter-

ings before the photon 
an es
ape. In this 
ase, the photon may �rst es
ape through 
ontinuum

absorption. Following (Hummer & Rybi
ki, 1985) the 
ontinuum destru
tion probability is

βC =
kC
kL

F

(

1

τS
,
kC
kL

)

, (3.8)

where kC is the 
ontinuum opa
ity and kL is the mean opa
ity of the line and

F

(

1

τs
,
kC
kL

)

= 1.87

(

a
kL
kC

)1/4

, (3.9)

for the 
ase of partial redistribution (Chugai, 1987). The Voigt parameter, a, is the ratio of natural

broadening, γ, to Doppler broadening, a = γ/∆νD. In
luding the 
ontinuum destru
tion probability

βS → (1− βC)βS + βC .

The high densities mean that the ℓ-states are well mixed and the ele
trons are distributed within

them a

ording to statisti
al weight, therefore averaged transition probabilities 
an be used. The

dominant me
hanism for ionization and ex
itation is from the non-thermal ele
trons generated by

γ-rays (Xu et al., 1992). In this 
ase the population of the ground state 
an be 
al
ulated through

Γγ n1 = n2[A2γ +A21β21 + neC21], (3.10)

where A2γ = 4.69× 108 s−1
and A21 = 2.05 s−1

are the ℓ-averaged Lyman α and two-photon de
ay

rates. The ele
tron density is given by ne. At temperatures of a few 103 K 
ollisional ionization and

ex
itation 
an be negle
ted; however, the 
ollision de-ex
itation rate n2neC21 is in
luded. At 1000K,

C21 = 1.6 × 10−7 cm3 s−1
(Vriens & Smeets, 1980). Re
ombinations to the ground state result in

the re-ionization of a H-atom as the stripped material is opti
ally thi
k to the Lyman 
ontinuum

and therefore are also negle
ted. Similarly, due to the high opti
al depth photons emitted in the
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Lyman series will be reabsorbed and 
an be negle
ted. Thus the population of the n = 1 state arises

through balan
e of both ionization and ex
itation (in
luded in Γγ) with de
ays from the n = 2 state.

From Xu et al. (1992), the population of the n = 2 state is given by

n2[A2γ +A21β21 + neC21 + ζ2] = nen+α(T ) + n1Γγf2(xe), (3.11)

where n+ is the number of H+
ions. The fa
tor n1Γγf2(xe) is the rate of ex
itation from the

n = 1 to the n = 2 level, f2(xe) ≈ 0.37 when the ionization fra
tion xe = 10−4
and f2(0.1) ≈ 0.41

(Kozma & Fransson, 1992). The parameter ζ2 is in
luded to take 
are of photoionization from the

n = 2 state, and α(T ) is the e�e
tive re
ombination 
oe�
ient, whi
h ignores re
ombinations to

the ground state. Equation (3.11) arises from assuming the gas is opti
ally thi
k to the Lyman


ontinuum, whi
h results in all de
ays to the ground state going through the n = 2. In this 
ase

all ex
itations and ionizations populate the n = 2 state. Under this approximation, the rate of

ex
itations from the n = 2 state is balan
ed by de-ex
itation to the n = 2 state, therefore doesn't

appear in equation (3.11).

Assuming the population of states with n > 2 is negligible, then n1+n2+n+ = nH and ne = n+.

The ionization fra
tion is then 
al
ulated by balan
ing the ionization rate from the n = 1 and n = 2

states with the re
ombination rate

n1Γγ + n2ζ2 = n+neα(T ). (3.12)

For n1 ≫ n2, n1 ≈ nH(1− xe), giving rise to a quadrati
 equation for xe,

nH(Γγ +
n2

n1
ζ2)(1 − xe) = (nHxe)

2α(T ), (3.13)

whi
h has the solution

xe = 2

[

1 +

√

1 + 4
nHα

Γγ(1− f2) + n2ζ2/n1

]−1

≈
√

Γγ(1− f2) + n2ζ2/n1

nHα
(3.14)

where nH = n1 + n2 + n+ and the approximation holds for xe ≪ 1. As Γγ , f2 and n2 depend on
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xe, the solution must be iterated.

As shown by Xu et al. (1992) for a uniform density gas, on
e the opti
al depth to Hα, τHα > 300

then a the gas be
omes opti
ally thi
k to the Balmer 
ontinuum. On
e this happens the two-photon

emission, 
an ionize hydrogen from the n = 2 and 
ontribute signi�
antly to the photo-ionization

rate. Sin
e 71 per 
ent of the two-photon emission lies in the Balmer 
ontinuum (Nussbaumer &

S
hmutz, 1984; Xu et al., 1992), the photo-ionization rate from the n = 2 level is

n2ζ2 = n2[0.71A2γ(1− P (τ2γ)) +A21βC + ξ2]. (3.15)

The destru
tion of Lyα by photoionization of the n = 2 state has been in
luded using the 
ontinuum

destru
tion probability from equation (3.8), although this 
ontributes less than the two-photon

emission. Following Xu et al. (1992) an extra term (ξ2) has been in
luded to allow for photo-

ionization from other sour
es. An a

urate 
al
ulation of the two-photon es
ape probability for the

full geometry requires full radiative transfer, so a simple estimate is used. Approximating the 
ore

as spheri
al, as in the γ-ray deposition, the opti
al depth 
an be estimated with τ2γ =
∫

n2(r)σB dr,

where σB is the photoionization 
ross-se
tion for the n = 2 state. The 
ross-se
tion at the edge of

the Balmer 
ontinuum is used and is 
al
ulated using the gaunt fa
tors from Johnson (1972). The

es
ape probability is estimated using the formula for a uniform spheri
al nebula (Osterbro
k, 1989)

P (τ) =
3

4τ

(

1− 1

2τ2
+

(

1

τ
+

1

2τ2

)

exp(−2τ)

)

. (3.16)

Sin
e the stripped 
ompanion material is densest in the 
entre this must overestimate the es
ape

probability in the 
entre and underestimate it at the edge. During the opti
ally thi
k phase the two

photon emission is insensitive value of the es
ape probability and on
e the opti
al depth be
omes

small the ionization from two-photon emission is small, whi
h means the error in the population

fra
tions should not be too large. Furthermore, the ionization by two-photon emission is always less

than 20 per 
ent of the total non-thermal ionization rate.

While a proper 
al
ulation of the emissivity of Hα requires modelling several levels of the H atom;

a reasonable estimate 
an be made by assuming ea
h ex
itation to n ≥ 3 and ea
h re
ombination
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releases a Hα photon. While the gas is opti
ally thi
k to the Balmer 
ontinuum this is a reasonable

approximation as photons emitted in higher Balmer series lines will be re-absorbed and bran
h to

form a Pas
hen series line and Hα. On
e the stripped material is opti
ally thin to the Balmer


ontinuum this overestimates the emissivity by a fa
tor of two, as the line ratios tend to their 
ase

B values (Xu et al., 1992; Storey & Hummer, 1995). The transition o

urs at roughly 350 days for

models with M = 0.5M⊙.

The Hα volume emissivity is therefore

ǫHα = [n1Γγ(1− f2) + n2ζ2]βHα. (3.17)

The luminosity 
an then be 
al
ulated by L =
∑

i
Ni

nH,i
ǫi, where Ni is the number of hydrogen

atoms 
orresponding to parti
le i, and the sum is over all SPH parti
les that make up the stripped


ompanion material. The ratio Ni/nH,i is independent of the mass of the stripped material and 
an

be thought of as a volume element. While Hα is opti
ally thi
k βHα ≈ 1/τHα ≈ (n2a0f21λ21t)
−1

and

ǫHα ≈ n1Γγ(1− f2) + n2ζ2
n2a0f21λ21t

∝ 1

t
· (1− f2) + n2ζ2/(Γγn1)

A2γ +A21β21 + C21ne
, (3.18)

whi
h is roughly independent of the rate of γ-ray deposition. The dependen
y on the γ-ray depo-

sition is redu
ed to its e�e
t on the ele
tron fra
tion, whi
h only e�e
ts emissivity when 
ollisional

de-ex
itation dominates the de
ay of atoms from n = 2 to n = 1.

3.5.3 Results

In order to 
ompare this to previous work (Mattila et al., 2005), a simple model is 
onstru
ted

using 0.05M⊙ of hydrogen distributed uniformly in the region v < 1000 km s−1
. The resulting Hα

luminosity is shown in Fig. 3.8 and L ∼ 3 × 1034 erg s−1
remains roughly 
onstant until until Hα

be
omes opti
ally thin, when it begins to de
ay exponentially.

The di�eren
e in emission at late times arises from the γ-ray opti
al depth, whi
h is proportional
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Figure 3.8: Ionization fra
tion (left) and Hα luminosity for uniform stripped hydrogen density. Two

models have 0.05M⊙ (solid, dotted), and the other has 0.5M⊙ (dashed) of stripped 
ompanion

material. While the mass a�e
ts the ionization fra
tion but has little e�e
t on the luminosity. The

most luminous model has a non-zero photo-ionization 
omponent, ξ2, as des
ribed in the text. The

bumps in the luminosity at around 450 days o

ur as the dominant depopulation me
hanism for

the n = 2 state 
hanges from 
ollisional de-ex
itation to 2-photon emission. The emission is more

or less independent of mass; however, the more massive model transitions to opti
ally thin emission

later.

to mass on
e the eje
ta be
ome opti
ally thin. Perhaps somewhat surprisingly, during the period

while the gas is opti
ally thi
k to Hα, the emission appears to be weakly dependent on the mass. This


an be veri�ed from equation (3.18). While the material is opti
ally thi
k to γ-rays Γγ ∝ N−1
H , whi
h

means even the ele
tron density is independent of mass. Therefore even though the depopulation

of the n = 2 is dominated by 
ollisions the emissivity is roughly 
onstant. The transition to

depopulation by two-photon emission o

urs at roughly 400 days in the 0.05M⊙ model, 
ausing the

dip in the luminosity. This transition does not o

ur in the 0.5M⊙ models until later as by this

time the gas is be
oming opti
ally thin to γ-rays.

The emission using the density distribution from the sub-giant simulation is shown in Fig.

3.9,.for models with ξ2 = 0, and ξ2 is set su
h that the γ-ray deposition is maximally e�
ient. The

γ-ray deposition and τ2γ have not been modi�ed. As the stripped mass is 0.42M⊙, these should be


ompared to the 0.5M⊙ uniform model.

The model based on the stru
ture from the sub-giant simulations predi
ts a mu
h higher lu-

minosity than the uniform models, with L ∼ 1036 for ξ2 = 0. The origin for the di�eren
e 
an
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Figure 3.9: Same as Fig. 3.8, but using the density distribution from the sub-giant simulations.,

For ξ2 = 0 (solid), and ξ2 6= 0 (dotted, see text). In both 
ases, the peak luminosity is above the

threshold for dete
tion in SN 2011fe.

be seen by 
omparing the es
ape probability of Hα between the models. For the uniform model

β ≈ 10−4
. However, for the sub-giant models it is only this small near the 
entre of the eje
ta,

where the density is highest. The es
ape probability rea
hes unity for the gas at v ∼ 5×104 km s−1
,

whi
h 
orresponds to the peak in the �ux. The line pro�le is mu
h broader than the models of

Mattila et al. (2005). For observers viewing parallel to the hole, the line has a width of 104 km s−1
,

whi
h roughly 
orresponds to 100Å. For observers viewing perpendi
ular to the hole, the line pro�le

is �at-topped out to 2000 km s−1
, with the �ux dropping to half its peak value by approximately

2700 km s−1
. The broader lines mean that the �ux relative to the 
ontinuum is lower for a given

luminosity and is also wider than the width of the Hα lines that previous sear
hes have 
onsidered

(Leonard, 2007; Shappee et al., 2013). As there are features on the s
ale of 100Å in SN 2011fe the

limits on stripped hydrogen may not be as strong as suggested.

We note that the the luminosity of the uniform model produ
ed by these 
al
ulations is 
on-

siderably less than the luminosity that was found by Mattila et al. (2005) and Lundqvist et al.

(2013), for similar models. Mattila et al. (2005) whi
h for M = 0.05M⊙ is ∼ 1036 erg s−1
at 300

days after the explosion. One possible explanation for this is that the present 
al
ulations negle
t

photo-ionization. A rough limit for the additional photo-ionization rate 
an be found by adding the

remaining fra
tion of γ-ray de
ay energy to the ionization rate from n = 2. For xe ∼ 10−2
, this
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Figure 3.10: Variation of the emitting 
onditions as a fun
tion of velo
ity 300 days after the explosion

for the inhomogeneous model with ξ2 = 0. In the top panels the velo
ity is for an observer viewing

the system down the hole in the eje
ta, while the radial velo
ity is used in the bottom panels. Top

Left : Emergent luminosity. Top Right : Emitted luminosity, negle
ting the opti
al depth in Hα.
Lower Left : Ionization Fra
tion. Lower Right : Hα es
ape probability. The peak in the luminosity

arises at the velo
ity where the eje
ta be
ome opti
ally thin, even though the majority of the mass

is at mu
h lower velo
ity.
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Figure 3.11: Like Figure 3.8, ex
ept for models for a 0.5M⊙ uniform 
ore (left) and the sub-giant

star (right). Shown are the 
anoni
al model (solid lines) and a model where the absorption of

Lyα by Fe II lines has been in
luded. The in
reased Lyα es
ape translates into an in
reased Hα
es
ape probability, resulting in more luminous lines. The lower unabsorbed �ux in the sub-giant

model arises as the absorption of the Balmer 
ontinuum is less e�e
tive, resulting in a slightly lower

ionization rate.

represents 30 per 
ent of the energy deposited. As the ionization potential from n = 2 is one quar-

ter of the ionization potential from the ground state, this represents the most e�
ient deposition

of energy as for ionizing hydrogen, and roughly 
orresponds to ξ2 ≈ 1.5Γγ , roughly doubling the

ionization rate. This results in a L ∼ 1035 erg s−1
, whi
h is still 
onsiderably smaller than the that

of Mattila et al. (2005).

The most likely sour
e for the dis
repan
y is the es
ape probability for Lyman α. If our models

under predi
t the es
ape probability for Lyman α, then the overpopulation of the n = 2 level

resulting in a greater opti
al depth and weaker lines. A possible origin e�e
t is the overlap of

the Lyman α with nearby lines. As Lyman α photons s
atter and di�use in frequen
y they 
an

be absorbed in nearby lines. Jerkstrand et al. (2012) estimate that nearby Fe II and Cr II lines

may result in an es
ape probability for Lyman α of β = 10−8
, whi
h 
an dominate the Sobolev or


ontinuum destru
tion es
ape probability.

Fig. 3.11 
ompares models with and without the line overlap term. While line overlap makes a

signi�
ant di�eren
e in uniform models, bringing them 
loser in luminosity the models reported by

Mattila et al. (2005), the e�e
ts are less prevalent for the sub-giant models. This 
an be explained
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be
ause a large fra
tion of the luminosity 
omes from higher velo
ities, where the opti
al depth to

Lyman α is lower.

Even with this term in
luded the luminosity of the uniform model remains an order of magnitude

lower than the Mattila et al. (2005) results. As the luminosity is only weakly dependent on the mass

or γ-ray luminosity, the remaining dis
repan
y may still be due to Lyman α es
ape probability. We

therefore note that an a

urate treatment of Lyman α is important for produ
ing robust results

about the emission from stripped hydrogen in the 
entre of Type Ia supernovae.

However, the relatively small e�e
t that the di�erent models have on the realisti
 density dis-

tribution means that the results for su
h a model may be more robust. Furthermore, we �nd that

these models are insensitive to a moderate in
rease in
rease in γ-ray deposition, supporting the 
on-


lusion. The models therefore suggest that the luminosity of hydrogen ri
h material stripped from

relatively giant stars is likely to be dete
table. However, 
urrent observational limits may be weak-

ened if the line pro�les are wider than previously thought, suggesting that robust multi-dimensional

models and thorough 
ross-
he
king of observations are needed to fully resolve the issue.

3.6 Summary

The intera
tion of a Type Ia supernova with its 
ompanion star has been modelled using SPH with


ompanions 
hosen to represent the possible progenitors for spe
i�
 systems. An evolved sub-giant

star, whi
h is 
hosen to be the possible progenitor of Ty
ho-G and a red giant star is also 
hosen,

whi
h 
orresponds to the best known parameters for RS Ophiu
hi.

The supernova-
ompanion intera
tion models are 
onsistent with the re
ent simulations that

use suitably evolved 
ompanion stars (Liu et al., 2012; Pan et al., 2012), and agree with analyti
al

estimates (Wheeler et al., 1975). The results show that most of the envelopes should be stripped by

the supernova. The majority of the mass stripped remains at low velo
ities relative the supernova

eje
ta (v . 1000 km s−1
).

Despite the large amount of mass stripped, it is unlikely that the presen
e of solar material 
an

be dete
ted until the nebular phase as ele
tron s
attering will spread out the emission lines. Simple

models seem to produ
e lower luminosities than those of Mattila et al. (2005); however, the 
al
u-



3.6. Summary 71

lations predi
t higher luminosities for more realisti
 distributions of material from the simulations.

However, it is possible that the line pro�les are signi�
antly broader than those previously expe
ted,

whi
h may signi�
antly weaken previous 
onstraints. These 
al
ulations highlight the need for re-

alisti
 multi-dimensional simulations of nebular spe
tra for 
onstraining the mass stripped from the

progenitor.



72 3. Supernova-Companion Intera
tion and Stripped Hydrogen



Chapter 4

The Cir
umstellar Medium and Ty
ho's

Supernova Remnant

Supernova remnants (SNR) provide unique possibilities for studying supernovae. Due to their long

life-times many are known in the Galaxy. They provide a unique opportunity to see the resolved

stru
ture of the supernovae, whi
h allow us to probe di�erent aspe
ts of the supernovae to those

that 
an be probed using spe
tra and light 
urves of distant supernovae.

One of the youngest known Gala
ti
 SNRs thought to host a Type Ia supernova is Ty
ho's

Supernova Remnant, thought to be the remnant of a supernova observed by Ty
ho Brahe in 1572.

Young supernova remnants are good probes for supernovae, as during the �rst few hundred years of

their evolution the dynami
s is dominated by the eje
ta density and velo
ity. As they age and 
ool,

they go from being eje
ta dominated to interstellar medium dominated, whi
h makes extra
ting

information about the host supernova more di�
ult (Woltjer, 1972).

The dynami
s of a SNR 
an be 
hara
terised in one dimension and has a distin
tive two-sho
k

stru
ture. The supernova drives a sho
k through the interstellar medium, known as the forward

sho
k (FS), and at the same time a se
ond sho
k is driven into the eje
ta, the reverse sho
k (RS).

Separating the sho
ked supernova and the sho
ked interstellar medium is the 
onta
t dis
ontinuity

(CD). In one dimension, the 
onta
t dis
ontinuity appears as dis
ontinuity in the density and

internal energy but the pressure and velo
ity are 
ontinuous, as in the 
onta
t dis
ontinuity in the

73
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Figure 4.1: Left : X-ray image of Ty
ho's supernova remnant, showing the 
ontinuum dominated

sho
ked ISM (dark) and line dominated eje
ta (light). The 
onta
t-dis
ontinuity is tra
ed by a

green line. A number of narrow features 
an be seen tra
ing internal sho
ks. Right : Continuum

subtra
ted Fe Kα emission from Ty
ho's SNR. The Fe Kα line tra
es the sho
ked iron-ri
h eje
ta,

whi
h shows a 
urious stru
ture 
onsisting of a broken ring and a high velo
ity knot. The white

lines show the lo
ation of the forward and reverse sho
ks, as tra
ed by non-thermal X-ray emission

and the Fe Kα line respe
tively. [Reprodu
ed from Warren et al. (2005)℄

sho
k tube problem presented in Se
tion 2.2.8.

However, the 
onta
t dis
ontinuity is subje
t to the Rayleigh-Taylor instability. The growth

of the instabilities at the 
onta
t dis
ontinuity has been studied using two- and three-dimensional

simulations in some detail, but using spheri
al models of the eje
ta and interstellar medium. Wang

& Chevalier (2001) use pure hydrodynami
 simulations to show that Rayleigh-Taylor instabilities

have little e�e
t on the passage of the forward sho
k. This is dis
repant with X-ray observations of

Ty
ho's SNR, whi
h suggest that �ngers of eje
ta extend beyond the forward sho
k (Warren et al.,

2005). If the eje
ta 
ontains 
lumps with a density ratio of approximately 100, then these 
ould

survive the passage of the reverse sho
k and 
ould protrude the forward sho
k (Wang & Chevalier,

2001), thus explaining the eje
ta �ngers.

The forward sho
k in Ty
ho's SNR also appears to be 
loser to the 
onta
t dis
ontinuity than

expe
ted from hydrodynami
 models. Warren et al. (2005) �nd rFS/rCD ≈ 0.93 and suggest that

this 
ould be explained by 
osmi
-ray a

eleration at the sho
k front. This would redu
e the post-
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sho
k temperature and allow the sho
ked interstellar medium to rea
h higher densities than are

possible for an adiabati
 should. Sin
e the 
onta
t dis
ontinuity is 
loser to the forward sho
k, this

may also help the eje
ta �ngers protrude the forward sho
k. However, so far no 
onsistent model

of the SNR stru
ture and X-ray emission has been devised.

As well as the narrow band of sho
ked interstellar medium, Warren et al. (2005) also found a

narrow band of Fe Kα emission that 
an be used to tra
e the reverse sho
k (their Fig. 1, reprodu
ed

as Fig. 4.1). The Fe emission makes an in
omplete ring in the region of the remnant that has the

most uniform X-ray properties, as well as a fast moving knot. The origin of this stru
ture is 
urrently

unexplained. In this 
hapter we 
onsider the prospe
ts for forming this via the supernova-
ompanion

intera
tion.

The high rFS/rCD ratio 
ould also be explained if the forward sho
k is now entering a more

dense region of the interstellar medium than before, whi
h would be possible in a pre-supernova

wind swept out a 
avity in the interstellar medium. However, one-dimensional models for the X-ray

emission suggest the opposite, that the forward sho
k has entered a low-density interstellar medium,

having previously intera
ted with a dense wind from the 
ompanion star that was eje
ted in the

0.25Myr prior to the explosion (Chiotellis et al., 2013).

Chiotellis et al. (2013) used one-dimensional models to determine the best �tting model for the

environment, whi
h may be appropriate for the region of the SNR that the X-ray spe
tra were taken

from. If Chiotellis's hypothesis is 
orre
t, then this would be strong eviden
e that the progenitor

of Ty
ho's Supernova was single degenerate. As we have already seen in Chapter 3, the resultant

eje
ta stru
ture is not spheri
al. Furthermore, pre-supernova winds from these systems are not

expe
ted to be spheri
al (see Chapter 5). The morphology of supernova remnants produ
ed by

single-degenerate progenitor s
enarios is the subje
t of this 
hapter.

4.1 Initial Models for the Supernova Remnant

The supernova remnant is modelled using three-dimensional Smoothed Parti
le Hydrodynami
s.

The initial supernova stru
ture is taken from the �nal stages of the supernova-
ompanion intera
-

tion results in Chapter 3. Cal
ulations using both the sub-giant and red giant models have been
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ondu
ted, produ
ing similar SNR stru
tures. For brevity, only the models using the sub-giant are

presented and dis
ussed in this 
hapter, but the results should for other non-degenerate 
ompanions.

The material that remains bound to the 
ompanion star has been removed from the simulations

to save the 
omputational 
ost of maintaining hydrostati
 equilibrium in the star. While this has

no e�e
t on the dynami
s, the hole left at the lo
ation of the 
ompanion star 
an be seen in some

of the �gures.

Three models for the environment around the supernova are 
onstru
ted. A 
onstant density

medium representing an unperturbed interstellar medium, with nH = 1cm−3
, whi
h 
an be 
om-

pared to the two-dimensional 
al
ulations by Gar
ía-Senz et al. (2012); a spheri
ally symmetri


wind with a mass-loss rate of Ṁ = 10−6M⊙ and velo
ity vw = 50km s−1
and a non-spheri
al model

for the 
ir
umstellar medium around a re
urrent nova progenitor, whi
h is based upon the models

presented in Chapters 5 and 6.

The re
urrent nova model is 
onstru
ted using alternating periods of mass-loss via a wind from

a red giant and novae. The wind has a mass-loss rate Ṁ = 10−7 M⊙ yr−1
, whi
h is fo
ussed into

the binary plane via gravitational intera
tion with the binary and novae that are eje
ted every 18 yr

and have a mass of 2 × 10−7 M⊙. The novae sweep up the red giant wind, forming an ellipti
al

stru
ture (see Fig. 6.2).

The environment around the supernova is set up using glass-like initial 
onditions (Se
tion 2.2.8).

For a 
onstant density interstellar medium the uniform glass is used dire
tly. The spheri
al wind

model is produ
ed by warping the glass radially. The transformation r′ = Kr3, is used to 
onvert

the density from a uniform distribution to a ρ = Ṁ
v

1
4πr2

wind, where r is the radius of a parti
le in

the uniform density glass, r′ is its radius in the wind and K is a 
onstant.

Sin
e the parti
le mass used in the re
urrent nova 
al
ulations is m ≈ 10−12M⊙, whi
h is 6

orders of magnitude smaller than the parti
les used in the supernova 
al
ulation, the models 
annot

be used dire
tly. Therefore, an approximate model for the large s
ale stru
ture needs to be used.

Sin
e the novae eventually rea
h a 
onstant velo
ity, the large s
ale stru
ture 
an be approximated

as a stati
 wind, but with the mass-loss rate and velo
ity varying as a fun
tion of angle. The


ir
umstellar medium formed by the re
urrent nova is bipolar but approximately axial-symmetri
,
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Figure 4.2: Mass distribution and velo
ity for the re
urrent nova model as a fun
tion of polar angle.

Left : Mass Distribution, showing the gas from the red-giant wind (red), nova (green) and total

(blue). Middle: Average velo
ity of the mass as a fun
tion of angle. Right : Relative density as a

fun
tion of angle, ρ0 ∝ Ṁ
v .

so only the variation as a fun
tion of polar angle is needed.

Most of the mass in the re
urrent nova model is 
ontained within half of the solid angle, 
lose to

the binary plane, and the mean velo
ity is approximately 250 km s−1
(Fig. 4.2). The re
urrent nova

simulation uses a total mass-loss rate of Ṁ = 10−7 M⊙ yr−1
. This would result in a total mass of

M ∼ 10−3 M⊙ within the approximately 15 pc that the supernova would rea
h in 400 yr, assuming

the supernova is freely expanding. This is signi�
antly less than the total mass in the supernova,

whi
h in
luding the material stripped from the 
ompanion star is M ≈ 1.8M⊙ and would have little

e�e
t on the supernova.

However, 
omparisons with observations suggest that the mass-loss rate in the wind phase may

be as mu
h as a fa
tor of 10 higher than that used in the simulations (see Chapters 5 and 6). As

the mass is mu
h larger than the mass in the nova, this in
reases the total mass in the 
ir
umstellar

medium for the re
urrent nova by approximately a fa
tor of 10. Also, as the nova shell dominates

the momentum, momentum 
onservation redu
es the velo
ity by a similar fa
tor. The new velo
ity,

v′, is estimated to be

v′ =
v0(mN +mW) +mWvW(f − 1)

mN +mWf
, (4.1)

where mN and mW are the original mass in the wind, v0 is the average velo
ity found from the

simulations and vW is the wind velo
ity prior to the novae, taken to be 20 km s−1
and f = 10 is
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the fa
tor that wind mass loss rate is multiplied by. We see that this gives the 
orre
t results for

f = 1 and f ≫ 1. The fa
tor f − 1 is used be
ause v0 already in
ludes a 
ontribution to the total

momentum from the wind.

The new density arising from in
reasing the mass-loss rate in the wind is 100 times higher than

before, sin
e the new average velo
ity is roughly 50 km s−1
. This means the mass in the surrounding

medium is similar to the pure wind 
ase. However, the majority of the mass is 
lose to the binary

plane.

The interstellar medium for the nova model is 
onstru
ted by �rst warping the uniform glass

radially, as in the pure wind 
ase. The polar angle of the parti
le positions is then warped to give

the 
orre
t mass distribution. The initial 
onditions are 
ompleted by adding the supernova to the

model interstellar medium, whi
h is extrapolated to a year after the explosion and any interstellar

medium parti
les within the supernova are removed. At this time the mass swept up is negligible


ompared to the supernova mass, and the density in the outer layers of the supernova is mu
h greater

than the density in the interstellar medium models, so any error introdu
ed should be small.

4.2 Results

The evolution of the supernova into a 
onstant density medium is shown in Fig. 4.3. Away from

the hole in the eje
ta, the evolution of the remnant is similar to one-dimensional models, forming

spheri
al forward and reverse sho
ks. Rayleigh-Taylor instabilities 
ause the 
onta
t dis
ontinuity

to warp, although the evolution of the instability is suppressed sin
e no arti�
ial 
ondu
tion has

been used in the simulations (Pri
e, 2008). At the edge of the hole, the high density region formed

by the bow-sho
k is distorted to redu
e the size of the hole at the largest radii. The radius of the

forward sho
k is two per 
ent larger out at the edge of the hole, but due to the low density in the

hole it is 15 per 
ent lower. The hole partially 
loses at radii larger than the radius of the 
onta
t

dis
ontinuity. While this is partially due to the initial distribution of material (see Fig. 3.3), the

distortion is enhan
ed by Rayleigh-Taylor and Kelvin-Helmholtz instabilities.

The interstellar medium penetrates deep into the hole, driving the reverse sho
k into the stripped


ompanion material. The intera
tion produ
es a distin
t stru
ture for the remnant, with the ma-
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Figure 4.3: Evolution of the supernova remnant into a 
onstant density medium up to the age of

Ty
ho's Supernova Remnant, 440 yr. Rayleigh-Taylor instabilities are enhan
ed near the edge of

the hole, where there is a large density gradient. Eje
ta �ngers 
an extend to the forward sho
k

near the edge of the hole, whi
h does not happen in spheri
al models of supernova remnants. By

the end of the simulations the sho
k is starting to rea
h the stripped 
ompanion material.

jority of the hole �lled by interstellar material. The lo
ation of the supernova, stripped 
ompanion

and interstellar material is shown in Fig. 4.4. The presen
e of a large amount of hydrogen ri
h

material deep within the SNR may be dete
table observationally, a prospe
t supported by the sug-

gestion that the sho
ked interstellar medium in Ty
ho's SNR 
an be tra
ed by non-thermal X-ray

emission (Warren et al., 2005). However, as the density is lower within the hole, the emission from

the hydrogen ri
h material may be too faint.

In addition to the presen
e of sho
ked ISM deep into the remnant, the partially 
omplete
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Figure 4.4: Composition of the supernova remnant for the 
onstant density material. Blue denotes

the stripped 
ompanion material, green the supernova eje
ta and red the 
ir
umstellar material.

The bla
k line denotes the lo
ation of the forward sho
k.
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Figure 4.5: Lo
ation of sho
ked iron-ri
h eje
ta in the remnant with a 
onstant density medium.

The bla
k lines denote the lo
ation of the forward sho
k. Left : Cross-se
tion through the eje
ta.

Middle: Column density of iron-ri
h eje
ta at an in
lination i = 0◦. Right : Column density at

i = 45◦. The largest 
olumn densities are shown as red.
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Figure 4.6: As the last panel in Fig. 4.3, but simulated using arti�
ial 
ondu
tion. The resulting

stru
ture is smoother, espe
ially in the dense regions of the stripped 
ompanion material. The

reverse sho
k has not penetrated as far into the hole, and instabilities are starting to grow.

reverse sho
k shows an interesting 
orresponden
e to the Fe Kα stru
ture that was found by

Warren et al. (2005, Fig. 4.1). The lo
ation of the sho
ked iron-ri
h eje
ta in the 
onstant density

medium model is shown in Fig. 4.5, whi
h naturally produ
es a ring stru
ture for all in
linations.

The models also produ
e a feature that arises in the bow-sho
k, whi
h appears as a se
ond, 
omplete

ring for observers viewing the for in
linations of i ∼ 45.

Simulations have been 
ondu
ted in
luding arti�
ial 
ondu
tion to investigate the importan
e

of instabilities. The models with 
ondu
tion show similar, but smoother results. By the end of the

simulation Rayleigh-Taylor instabilities are starting to grow at the 
onta
t dis
ontinuity (Fig. 4.6).

The instabilities grow more slowly than in the 2D 
al
ulations of Gar
ía-Senz et al. (2012). This

may be in part due to the use of three dimensions instead of two; however, the main di�eren
e is

that short wavelength modes grow more rapidly, so our lower resolution means that the modes have

not had su�
ient time to grow. While the 2D models of Gar
ía-Senz et al. (2012) show large s
ale

instabilities at late times, these have not had time to grow by the age of Ty
ho's SNR.

The relatively good agreement between models that in
lude arti�
ial 
ondu
tion and those

that do not is indi
ative that the large s
ale stru
ture is dominated by pressure for
es and that
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Figure 4.7: As Fig. 4.3, but the 
onstant density interstellar medium is repla
ed by a Ṁ =
10−6 M⊙ yr−1

wind.

instabilities have not a�e
ted the stru
ture. The amount of material in the hole has biggest impa
t

on the evolution of the remnant, with the 
al
ulations presented here most 
losely mat
hing the


al
ulations of Gar
ía-Senz et al. (2012) in whi
h the hole was partially �lled with low density

material.

Pure wind models di�er from the 
onstant density model mostly due to the lower mass in

the 
ir
umstellar medium, resulting in a reverse sho
k is 
loser to the 
onta
t dis
ontinuity (Fig.

4.7). The lower mass also means the reverse sho
k does not push as far into hole, resulting in a

remnant that is slightly more spheri
al. However, the results are di�erent in the non-spheri
al nova

model, resulting in an ellipti
al stru
ture for the remnant (Fig. 4.8). Observers at low in
linations
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Figure 4.8: Density in the nova 
ir
umstellar model 440 yr after the supernova. Left : Density


ross-se
tion in the x-z plane, showing the ellipti
al stru
ture. Right : Density averaged over the z
dire
tion, showing multiple shells in the dire
tion of the hole.

relative to the progenitor binary would see a similar stru
ture to the pure wind model, but with an

apparently higher mass loss rate. In the polar dire
tion and the supernova expands almost freely,

while the reverse sho
k is driven deep into the eje
ta in the plane of the binary. In 
ontrast to the

spheri
al 
ases, the density gradient 
auses the hole to open further in the polar dire
tions.

4.3 Dis
ussion

The supernova-
ompanion intera
tion stru
ture that freezes in during the �rst few days of the

supernova survives as the supernova transition to supernova remnant, as was reported based upon

simpli�ed models. (Gar
ía-Senz et al., 2012), In the 
onstant density 
ase, the simulation shows

a similar morphology to Ty
ho's SNR, produ
ing a broken reverse sho
k that 
ould be tra
ed by
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the Fe Kα line (see Fig. 4.1). However, the models 
urrently fail to explain the iron-ri
h knot

eje
ted in the dire
tion of the hole. While high density ar
 formed by the bow-sho
k helps bring

supernova material 
loser to the forward sho
k, only the outer eje
ta, whi
h are not iron-ri
h, rea
h

the sho
k front. An alternative origin for the broken reverse sho
k and eje
ta knot may be an

intrinsi
 asymmetry in the explosion.

While the proportion of the remnant that 
ontains the spheri
al part of reverse sho
k is slightly

larger than that seen in Ty
ho's SNR, the di�eren
e 
ould be explained if the 
ompanion star was

more massive and the mass ratio q & 1, as this would redu
e the ratio RRL/a, where RRL is the

Ro
he-lobe radius, and a is the separation of the binary.

A more massive 
ompanion would agree with the AGB star wind just prior to explosion, as

suggested by Chiotellis et al. (2013). However, the low velo
ity of an AGB wind should result in

it being 
on
entrated 
lose to the binary plane (Podsiadlowski & Mohamed, 2007, see also Chapter

5). The resulting stru
ture of the 
ir
umstellar medium will be similar to the nova model presented,

resulting in an ellipti
al stru
ture for the remnant. As the stru
ture in Ty
ho's SNR is not ellipti
al,

this would suggest that we must be seeing Ty
ho's SNR from a low in
lination. Further 
oin
iden
es

are two limb-brightened sho
ks also observed in the dire
tion where the hole would be and the

remnant also appears to be extended in that dire
tion (Warren et al., 2005). The extension of the

remnant in the dire
tion of the hole is seen in Fig. 4.8. However, while the simulation also 
ontain

multiple limb-brightened multiple sho
ks in Fig. 4.8, they are 
ommonly seen in SNRs and 
ould

be asso
iated with variations in the interstellar medium, as 
ould the extension of the remnant in

that dire
tion.

A further issue is that the majority of remnants of Type Ia supernovae appear 
lose to 
ir
ular

on the sky (Lopez et al., 2011). While the remnant RCW 86 is ellipti
al (Williams et al., 2011),

even its stru
ture does not resemble that produ
ed in the simulations. A possible way to re
on
ile

the shapes of supernova remnants with prior AGB mass loss arises from the fa
t that the interstellar

medium has been negle
ted. As the wind or novae sweep up the interstellar medium, a shell forms,

whi
h slows the wind. The shell itself will be more spheri
al than the 
urrent nova models, and

on
e the supernova has rea
hed this shell, it will intera
t with the unperturbed interstellar medium,
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resulting in a more round remnant.

While there are some striking resemblan
es between the models and Ty
ho's SNR, there remain

important di�eren
es that need to be re
on
iled before an AGB wind from the progenitor 
an

be 
onsidered to be a 
omplete explanation for Ty
ho's SNR. Perhaps the most important is the

presen
e of the iron-ri
h eje
ta knot near the rim of Ty
ho's SNR. While the eje
ta knot may

be explained assuming asymmetries in the underlying explosion, su
h asymmetries may also be

responsible for the broken shell of reverse sho
ked eje
ta. However, the 
urrent resemblan
es are

promising for re
urrent nova progenitors for Ty
ho's Supernova.
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Chapter 5

RS Ophiu
hi in quies
en
e

RS Ophiu
hi (RS Oph) is an ar
hetypal example of a potential Type Ia supernova progenitor (SN

Ia) within the single degenerate 
hannel. The high velo
ity and low eje
ta mass during the novae,

along with the orbital parameters, suggest that the white dwarf is 
lose to the Chandrasekhar mass

(Shore et al., 1996; Brandi et al., 2009). Furthermore, there is similarity between the behaviour seen

in the absorption lines of RS Oph during the 2006 outburst and a few SN Ia (Patat et al., 2011).

Therefore, understanding the mass transfer and formation of the line pro�les during quies
en
e is

important for understanding SN Ia.

RS Oph is an example of a re
urrent nova and a symbioti
 binary, a binary system whi
h 
onsists

of a star a

reting from a red giant 
ompanion. RS Oph underwent nova outbursts in 1898, 1933,

1958, 1967, 1985, and 2006; approximately every 20 years. From the high velo
ity and low mass

eje
ted during the novae (Sokoloski et al., 2006; Yaron et al., 2005), it is 
lear that RS Oph must

harbour a white dwarf with mass 
lose to the Chandrasekhar limit. Spe
tros
opi
 determinations

of the orbital parameters support this hypothesis and give a mass of 0.8M⊙ for the red giant (Shore

et al., 1996; Fekel et al., 2000; Brandi et al., 2009).

If the red giant is �lling its Ro
he-lobe in RS Oph, then its radius will be 105R⊙, whi
h implies

the star is 
o-rotating with the binary (Zamanov et al., 2007). However, it appears this may be

in
onsistent with the best estimate for the distan
e to RS Oph of 1.6 kpc (Barry et al., 2008). So

far no ellipsoidal variations have been seen in the light-
urve of RS Oph. Ellipsoidal variations are

87
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signatures of distortion of the photosphere by a 
ompanion star, whi
h indi
ate the star is 
lose to

�lling it's Ro
he-lobe. For this reason the red giant is likely to under-�ll its Ro
he-lobe, with mass

transfer o

urring by Ro
he-lobe over�ow of its atmosphere.

The aim of this 
hapter is to understand how the mass-transfer and mass loss from RS Oph

gives rise to line pro�le features in the spe
tra. Rather than fo
ussing on on the entire spe
tra,

of whi
h large parts are dominated by the red giant and hot-
omponent photospheres, the 
hapter


onsiders the formation of individual features that 
annot be attributed to either of the stars, with

the aim of understanding of where and how they form in the 
ir
umstellar medium. This is done

by 
onstru
ting line pro�les based upon the velo
ity distribution found from simulations of the

mass-transfer.

To approa
h the problem, the key spe
tral features are des
ribed in Se
tion 5.1. Then the

mass transfer model is des
ribed in Se
tion 5.2. The line pro�le features are then dis
ussed, and a


onsistent pi
ture for the 
ir
umstellar line formation is presented.

5.1 Key Spe
tral Features

The overall spe
tral properties of symbioti
 systems in
luding RS Oph have been studied in 
on-

siderable detail. The de�ning features of the spe
tra are the presen
e of two distin
t 
omponents

in
luding a hot-
omponent from an a

reting star and a 
omponent from a 
ool giant 
ompanion

star. In many systems in
luding RS Oph, it is not known whether the emission from the hot 
om-

ponent 
omes from the star itself or whether an a

retion dis
 surrounding the star dominates the

hot 
omponent.

High-resolution spe
tra show strong absorption lines of Na I, Ca II and K I that have multiple


omponents at 
omparable velo
ities to the 
omponents seen in supernovae (Patat et al., 2011).

During quies
en
e, the blue-shifted 
omponents have velo
ities of up to −50 km s−1
. As well as the

blue-shifted lines, red-shifted 
omponents are seen. While the blue-shifted lines 
an be attributed

to absorption in an out�ow at a large distan
e from the binary, the red-shifted 
omponent, at a

velo
ity of +10km s−1
would not be predi
ted by simple models for the wind or novae. Although

it may be possible that these 
omponents arise in the photosphere of the giant. In addition to the



5.1. Key Spe
tral Features 89

absorption, these lines also show a broader emission 
omponent. The emission 
omponents have

a full-width half maximum of approximately 100 km s−1
, similar to that seen in emission lines of

neutral helium (Patat et al., 2011; Bulla, 2013).

The three ions together provide a diagnosti
 for the ionization state of the gas due to their

di�ering ionization potentials. The line pro�le evolution suggests that the photoionization was the

main driver for the 
hange in strength of the absorptions at −10 km s−1
and −35 km s−1

during the

2006 outburst. The absorption strengths of the Ca II H & K lines and Na I D lines are similar and

the Ca I absorption is weaker (Patat et al., 2011). This seems to be at odds with the ionization

potentials, as 
al
ium has a higher ionization potential (6.1 eV) than sodium (5.1 eV). This implies

that if the majority of 
al
ium atoms are ionized, then sodium should also be ionized. A su

essful

model should therefore explain why Ca II is seen at similar 
olumn densities to Na I. The same

problem was found by Chugai (2008) and Simon et al. (2009) when 
onsidering the Ca II and Na I

absorption in SNe Ia, who predi
t mu
h stronger Ca II absorption than Na I. One possibility for the

dis
repan
y is that both spe
ies are signi�
antly ionized, but density of Ca II is redu
ed as 
al
ium

is lo
ked up into grains, as o

urs in the interstellar medium (Phillips et al., 1984).

Another line of interest is the Hα line, whi
h probes the 
ir
umstellar medium mu
h 
loser to

the binary. The broad wings (v ∼ ±1500 km s−1
) of the Hα line are one of the best tra
ers of the

velo
ity of the white dwarf, as they are found to be in anti-
orrelation with the motion of the red

giant (Brandi et al., 2009). However, the 
entral absorption of the Hα line is un
orrelated with

the motion of either star. Zamanov et al. (2005) showed that the highest velo
ity 
omponents

(v ∼ ±2000 km s−1
) of the Hα line are enhan
ed by 
omponents that vary on times
ales in the

region of a month.

The Hα line shows a 
entral P-Cygni pro�le with a blue-shifted absorption with a the same

velo
ity as the metal lines and a width v ≈ 50 km s−1
. Traditionally, it has been suggested that the

Hαmay be a double peaked pro�le emission pro�le, with the 
entral depression asso
iated with a la
k

of emission rather than an absorption (e.g. Zamanov et al., 2005). However, this is not 
onsistent

with re
ent high-resolution spe
tros
opy, whi
h shows that the �ux is 
learly below the 
ontinuum

in the Hβ and Hγ lines (Bulla, 2013). This argument is further supported by observations after the
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2006 outburst, whi
h showed the P-Cygni pro�le was still present 1.5 days after the outburst, when

the �ux is no longer dominated by the a

retion dis
 (Patat et al., 2011). As the P-Cygni pro�le had

disappeared by 12 days after the outburst, the most likely explanation is that the absorption arises

in material 1014 cm away from the binary. Furthermore, Brandi et al. (2009) observed that the


entral velo
ity of P-Cygni absorption shows no 
orrelation with phase, supporting the suggestion

that it arises away white dwarf.

Zamanov et al. (2005) suggested that the origin of the broad Hα line wings may be due to a

radiation driven wind from the a

retion dis
. In order for RS Oph to drive su
h a wind, radia-

tive a

eleration must over
ome the gravitational pull of the white dwarf, i.e. it must ex
eed its

Eddington Luminosity,

LEdd =
4πGmH

σT
M ≈ 3.2× 104

M

M⊙
L⊙. (5.1)

The luminosity of the hot 
omponent in RS Oph is 100 to 300L⊙, well below the Eddington Lumi-

nosity for a white dwarf with M ≈ 1.4M⊙. However, as dis
 winds are line driven, the total opa
ity


an be mu
h higher than Thomson s
attering opa
ity and the e�e
tive Eddington Luminosity may

be as mu
h as a fa
tor of 1000 to 4000 smaller (Drew & Proga, 2000). Thus it appears that RS

Oph may indeed drive a dis
 wind.

In order to explain the re
urren
e time (20 yr) and eje
ted mass (∼ 10−7 M⊙, Sokoloski et al.,

2006) of the 2006 nova. the white dwarf should be a

reting at ∼ 10−8 M⊙ yr−1
. For a system

a

reting at su
h a rate, the X-ray emission in RS Oph is surprisingly faint (Mukai, 2008; Nelson

et al., 2011). The dis
repan
y suggests that the a

retion on to the white dwarf must be relatively

benign, with the gas losing most of its energy before it rea
hes the white dwarf, supporting the

idea that an a

retion dis
 is present in RS Oph. Thin dis
s in either a 
old or hot state struggle

to explain the a

retion rate onto the white dwarf, or predi
t dwarf novae (Wynn, 2008), although

a hybrid dis
 with a hot inner region and 
old outer region 
ould explain a

retion rate without

frequent dwarf novae. Currently the best explanation for the X-ray emission seen in RS Oph is

a 
ombination of soft X-rays emitted from the nova shell and a heavily absorbed hard 
omponent

(Nelson et al., 2011). The absorbing 
olumn density for the hard 
omponent, N(H) ∼ 1024 cm−2
,

is mu
h higher than the ISM absorption. The absorption must therefore o

ur within the system.
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While the hard 
omponent 
an be explained by a 
ooling �ow, whi
h is an X-ray emitting

plasma arising from the dire
t a

retion of gas onto the surfa
e of the white dwarf, the required

temperature (∼ 6×107 K) is mu
h lower than that expe
ted for a gas whi
h is sho
ked as it 
ollides

with the surfa
e of the white dwarf (∼ 7 × 108 K). Nelson et al. (2011) attribute this di�eren
e

to inverse-Compton 
ooling, whi
h requires an additional UV 
omponent to the luminosity of the

white dwarf that arises as the white dwarf 
ools from the previous outburst. The a

retion rate of

the 
ooling �ow model is Ṁ ∼ 3× 10−9 M⊙ yr−1
, 
onsiderably less than the a

retion rate required

to explain the 20 yr re
urren
e period.

5.2 The Cir
umstellar Model

The simulations presented in this se
tion were set up and run by Shazrene Mohamed, but have been

des
ribed here in full for 
ompleteness. Further details of the 
ode 
an be found in Mohamed (2010).

The binary system, quies
ent mass loss and nova outbursts are simulated using the Smoothed

Parti
le Hydrodynami
s (SPH) 
ode GADGET-2 (Springel, 2005), whi
h has been modi�ed to

in
lude binary motion, stellar winds, a

retion and 
ooling (Mohamed, 2010; Mohamed et al., 2012).

For temperatures above 104 K, the 
ooling is predominately atomi
, whi
h is implemented using

the non-equilibrium ionization 
ooling 
urves from Sutherland & Dopita (1993) for a metalli
ity

[Fe/H] = −0.5. At lower temperatures, 
ooling taking into a

ount the �ne-stru
ture lines of C and

C

+
and mole
ular pro
esses based on H2, CO and H2O are used, as in Mohamed et al. (2012).

The 
ooling is thermally unstable in the temperature range 300 < T < 3000, whi
h leads to the

formation of 
lumps. Physi
ally, the size s
ale of these 
lumps is 
ontrolled by thermal 
ondu
tion

(Field, 1965). For gas at 103 K and densities of 109 cm−3
, the 
ondu
tivity, K, is dominated by

ideal gas kineti
s, K ≈ 2.5× 103T 1/2 erg s−1 cm−1
Parker (1953) and 
lumps should form at s
ales

l ∼ 10−2 cm and below, well below the resolution s
ale of the simulation.

As no thermal 
ondu
tion has been added to the SPH implementation, 
lumping o

urs at the

resolution s
ale of the simulation, h ∼ 1012 cm. The o

urren
e of resolution s
ale 
lumps 
an be

understood in terms of e�e
tive 
ondu
tivity. Individual parti
les are des
ribed by a single temper-

ature, whi
h means the 
ondu
tivity is e�e
tively in�nite below the resolution s
ale. Sin
e there
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is no 
ondu
tion between parti
les the 
ondu
tivity is essentially zero above this s
ale. Therefore,


lumping must o

ur at the resolution s
ale sin
e the Field length l ∝ K1/2
.

The presen
e of 
lumping only has an indire
t e�e
t on the line pro�les, whi
h depend on

the number absorbers and not the lo
al density. Therefore as long as the large s
ale stru
ture

is resolved the line pro�les are not a�e
ted by the 
lumping. However, this is not the 
ase for

re
ombination 
al
ulations, whi
h depend on the density. Sin
e photoionization equilibrium gives

rise to temperatures of approximately 104 K and at su
h temperatures the gas is thermally stable,

photoionization 
al
ulations are not sensitive to the o

urren
e of 
lumping in the dense regions.

Therefore, the presen
e of thermal instabilities should not greatly a�e
t the results.

The binary parameters are 
hosen to be suitable for a re
urrent nova progenitor for SN Ia,

whilst remaining 
onsistent with observational 
onstraints on RS Oph. We 
hoose the masses

MWD = 1.38M⊙, MRG = 0.8M⊙ and separation a = 1.48AU to give a period of 453.6 days. The

mass loss rate from the red giant is taken to be Ṁ = 10−7M⊙ yr−1
. The mass loss is modelled

by inje
ting the parti
les 
lose to the surfa
e of the red giant, whi
h has a radius of 100R⊙. The

parti
les are inje
ted with a low velo
ity, v = 20km s−1
, whi
h is mu
h less than the es
ape speed

at the surfa
e, vesc ≈ 55 km s−1
. The parti
les are then a

elerated by the binary potential. Any

mass-loss from the white dwarf due to jets or a dis
-wind has been negle
ted. As the surfa
e of

the white dwarf is not resolved in the simulations, a

retion on to the white dwarf is handled by

slowly de
reasing the mass of parti
les that 
ome within 0.2AU it, removing them on
e their mass

be
omes less than 1 per 
ent of their initial mass.

The large-s
ale stru
ture formed after 13 orbits is shown in Fig. 5.1. Two spiral arms are formed,

whi
h merge after roughly an orbit. The resulting stru
ture at large distan
es is a single-armed

spiral. The spiral remains 
on�ned to the binary plane and be
omes 
lumpy, driven by radiative


ooling. While the o

urren
e of 
lumping is physi
al, the 
lumps themselves arise on the resolution

s
ale l ∼ 1012 cm, rather than the physi
al s
ale given by the Field Length l ∼ 10−2 cm (Field, 1965).

The intera
tion region between the wind and the binary is shown in Fig. 5.2. The plane of the

binary orbit is the x-y plane, with the red giant at x < 0 and the white dwarf at x > 0. Due to the

low inje
tion velo
ity, the majority of the mass lost from the red giant es
apes through the inner
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Figure 5.1: Column density during quies
ent mass transfer, showing the two-armed spiral stru
ture.

The two spirals merge after approximately one orbit. The spiral stru
ture is long-lived, but forms


lumps driven by the radiative 
ooling. The 
olumn density is in g cm−2
.

Lagrange Point (L1) and passes 
lose to the white dwarf, in a similar pro
ess to 
lassi
al Ro
he-lobe

over�ow. An a

retion dis
 is formed, along with the two spiral arm streams. The outer parts of the

a

retion dis
 are e

entri
, with the semi-major axis staying aligned with the binary. The hole in

the a

retion dis
 arises due to treating the white dwarf as a sink. In simulations without 
ooling,

an a

retion dis
 does not form (Theuns & Jorissen, 1993).

While some of the gas passing near the white white dwarf be
omes entrained in the a

retion

dis
, the gas that is not 
aptured es
apes es
apes the binary through the L3 Lagrange point. As

this material leaves the binary it runs into the gas in the se
ond stream and is sho
ked, whi
h 
an


learly be seen by the dis
ontinuous velo
ities. Rapid 
ooling of post-sho
k gas leads to instabilities

and 
auses the gas to 
lump. The se
ond spiral forms as the wind runs into the gas trailing the

white dwarf. The wind remains fo
ussed in the binary plane and is approximately in free expansion

on
e it has rea
hed a few times the binary separation.

The x-z 
ross-se
tion shows the out�ow is strongly 
on�ned to the orbital plane, with the density

dropping by two orders of magnitude within a few 1013 cm. At higher |z|, gas is falling ba
k onto
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Figure 5.2: Density 
ross-se
tions during the quies
ent mass transfer phase. Velo
ity ve
tors are

in the inertial frame. The plane of the binary orbit is the x-y plane and the red giant and white

dwarf lie on y = z = 0. The red giant is to the left of the white dwarf and the 
entre of mass of

the system is at the origin. The binary intera
tion shapes the wind into a spiral, whi
h is 
on�ned

to the equatorial plane. In the x-y plane the two-armed spiral stru
ture formed by the motion of

the binary 
an be seen, along with an e

entri
 a

retion dis
. The low density at the 
entre of the

a

retion dis
 arises as a result of treating the white dwarf as a sink. The x-z 
ross-se
tion shows

material falling onto the binary from above the plane.

the binary. Most of this gas arises from the passage of the white dwarf through the red giant wind,

whi
h forms a bow sho
k around the white dwarf and a

retion dis
. Additionally, there is a small

amount of material falling ba
k from further out of the plane. This �ow 
omes from further out in

the plane and is more prevalent in the simulation with suppressed 
ooling, whi
h 
an be seen more

easily in Fig. 5.3.

The suppressed 
ooling model is in
luded for 
omparison be
ause the system 
ontains a hot

white dwarf and a

retion dis
, whi
h provide additional heating that has been negle
ted in the

main model. Dobrzy
ka et al. (1996) estimate luminosity and temperature of the UV emission

from the white dwarf and a

retion dis
 using two methods. They integrate the IUE observations

of the UV 
ontinuum prior to the 1985 outburst, whi
h gives a luminosity, LUV ∼ 100 − 600L⊙,
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Figure 5.3: Density 
ross-se
tion in the x-z plane, for the simulation in whi
h 
ooling has been

swit
hed o� 
lose to the binary. The �ow between the red giant and white dwarf is more di�use as

the additional pressure stops the gas from 
ollapsing. Otherwise the main features are the same.

Spatial units are 2AU.

where L⊙ is the solar luminosity, and temperature, T ∼ 2 × 104 K. They also give an estimate

based on the opti
al emission lines of H and He, whi
h gives LUV ∼ 100− 300L⊙ and temperature,

T ∼ 4 − 5 × 104 K. As the UV 
ontinuum is strongly sensitive to interstellar reddening, we prefer

the estimate based upon the emission lines. This 
an be 
ompared with an estimate based upon

the a

retion rate

L = f
GMṀ

R
, (5.2)

whi
h for M = 1.4M⊙, Ṁ = 10−8M⊙ yr−1
and R = 0.01R⊙ gives L ≈ 1000fL⊙, i.e. f = 0.1− 0.3.

Photoionization is expe
ted to drive the gas to a temperature of a few 104 K, whi
h is 
onsistent

with the temperature estimated by Dobrzy
ka et al. (1996).

The e�e
t that heating has on the stru
ture have been assessed using a simulation that has the


ooling swit
hed o� 
lose to the binary. As shown in Fig. 5.3, the x-y stru
ture is largely similar

to Fig. 5.2, but the es
aping wind has a mu
h larger s
ale height. There is also an envelope that

surrounds the binary that appears as the gas is unable to 
ool and 
ollapse. This in
reases the
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amount of gas that falls onto the white dwarf and the a

retion dis
 from above and below the

binary plane. The a

retion dis
 is also thi
ker, and the maximum densities are lower.

5.3 Ionization Stru
ture

In order to understand the line pro�les formed in the 
ir
umstellar gas, it is ne
essary to understand

the ionization 
onditions. The ionization is 
al
ulated using a pseudo-1D Strömgren-sphere approx-

imation, where lines of sight through the gas are treated as independent spheres, whi
h negle
ts

the e�e
ts of radiative di�usion. Only hydrogen has been in
luded in the 
al
ulation. The relevant

physi
al pro
esses in
lude 
ollisional and photoionization, re
ombination, heating and 
ooling. The

photoionization 
ross se
tion is taken from Verner et al. (1996). The re
ombination rates assume the

Case B approximation, in whi
h re
ombinations to the ground state are negle
ted (`On-The-Spot'

approximation) and are taken from Hui & Gnedin (1997). Collisional ionization is generally domi-

nated by photoionization, but is in
luded a

ording to Cen (1992). Three-body re
ombination has

been negle
ted, although it dominates radiative re
ombination for ne & 1012 cm−3
. These densities

are rea
hed in the a

retion dis
; however, as the dis
 remains neutral the error introdu
ed into the

ionization fra
tion does not a�e
t the opa
ity, whi
h is approximately 
onstant for xe ≪ 1.

Heating due to photoionization is in
luded per H-atom a

ording to

Γ0 =

∫ ∞

νH

Fνσνh(ν − νH) dν, (5.3)

where hνH = EH = 13.6 eV, σν is the photoionization 
ross se
tion, nH is the density of neutral

hydrogen and Fν is the �ux. Cooling due to re
ombination is in
luded a

ording to Hui & Gnedin

(1997) and 
ollisional ex
itation 
ooling and 
ollisional ionization heating are from Cen (1992),

whi
h assumes that the 
ooling gas is opti
ally thin. The 
ooling approximations used here apply

to opti
ally thin gas in HII regions and will over-estimate the temperatures in the neutral parts of

the wind, where mole
ular and �ne stru
ture 
ooling are dominant. However, as the re
ombination

rate is not very sensitive to temperature, the ionization fra
tion is reliable, whi
h has been 
an be

veri�ed by arti�
ially redu
ing the 
ooling rate.
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The equations whi
h need to be solved at ea
h lo
ation are

dne

dt
= nHf + nenHC(T )− n2

eα(T )), (5.4)

dT

dt
=

2

3nkB
(Γ0nH − Λ(T ))− T

n

dn

dt
, (5.5)

where f =
∫∞
νH

Fνσν dν is the photoionization rate per atom. As Γ0 and f are 
onstant for a given

�ux, the equilibrium ionization state at a given temperature 
an be solved analyti
ally be
ause

the �rst equation redu
es to a quadrati
 equation for the ionization fra
tion, X(T ). The se
ond

equation 
an then be solved numeri
ally to �nd the temperature.

The lines of sight are taken through the 
ir
umstellar medium from the white dwarf to ea
h

parti
le. The �uid properties along a line of sight are evaluated at points sele
ted using the algorithm

des
ribed in Se
tion 2.3.1, whi
h is based upon Kessel-Deynet & Burkert (2000). For ea
h radial bin

the �ux is 
al
ulated a

ording to Fν = Lν

4πr2
exp(−τν)

1−exp(−∆τν)
∆τν

, where the last term takes into

a

ount the �nite depth a
ross the 
ell. This is needed to ensure 
onservation of photon number

in 
ells of �nite opti
al depth and results in the need to iterate the solution until the ionization

fra
tion 
onverges.

In prin
ipal the algorithm 
an be a

elerated. Rather than solving one Strömgren sphere problem

for the line of sight to ea
h parti
le, a single line of sight 
ould be used for all parti
les su�
iently


lose to it. In pra
ti
e this has not been done be
ause a lo
al 
riterion based upon the distan
e to the

line does not guarantee 
onsisten
y and as the ionization is 
al
ulation is done by post-pro
essing

the simulation, the e�
ien
y is not an issue be
ause the 
al
ulations take only a few hours.

The ionization fra
tion for the model of RS Oph is shown in Fig. 5.4, whi
h has been 
al
ulated

assuming a luminosity of 100L⊙ and temperatures of T = 4×104 K and T = 105 K. The temperature

estimate from photoionization models of RS Oph is 4×104 K (Dobrzy
ka et al., 1996). The ionization

pattern is a distin
tive x-shape in 
ross se
tion, whi
h arises be
ause the luminosity is su�
ient to

fully ionize the di�use material in the polar dire
tions. The a

retion dis
 and the wind 
lose to red

giant are dense enough to shield the material 
lose to the plane, whi
h remains neutral. In three

dimensions, the ionization pattern is 
oni
al, 
entred on the white dwarf. The opening angle of the
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Figure 5.4: Ionization of hydrogen by the white dwarf for a 
ross-se
tion through the white dwarf

and red giant. The white dwarf is assumed to emit a bla
k-body spe
trum with L = 100L⊙. The

bla
k-body temperatures are T = 4×104 K (left) and T = 105 K (right). Contours show the density

in logarithmi
 bins and 
olours denote the logarithm of the neutral hydrogen fra
tion. Spatial units

are in 
ode units, whi
h are 2AU. The three-dimensional ionization stru
ture is 
oni
al 
entred on

the white dwarf, although the opening angle of the 
one de
reases towards the red giant.


one de
reases towards the red giant, as 
an be seen in 
ross-se
tion.

As the majority of the mass lost from the binary remains 
lose to the binary plane, the white

dwarf only ionizes a few per 
ent of the mass in the wind. Although the di�eren
es are minor,

the higher temperature model ionizes a slightly wider 
one. This is due to the lower 
ross-se
tion

asso
iated with higher energy photons, whi
h means that the e�e
tive opa
ity of the a

retion dis


is less for the 105 K model.

The red giant shields a fra
tion of the wind, 
reating an axial asymmetry that raises the question

as to whether the approximation of steady state is reasonable. The density in the wind stays above

106 cm−3
, ex
ept high above the plane (|z| & 1014 cm) where there is little mass in the wind.

Therefore, the re
ombination times
ale, tr = 1
nα . 10 day, is mu
h less than the orbital period,

justifying the use of the steady-state approximation. The ionization stru
ture is not parti
ularly

sensitive to the ionizing �ux, as the thi
kness of the a

retion dis
 
ontrols the volume of ionized

material. The biggest di�eren
es appear near the red giant, where an in
reased ionizing �ux results

in a smaller region that is shadowed by the red giant.
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5.4 Sodium Absorption Lines

Absorption lines are independent of the sour
e luminosity, making them a useful way to identify

the CSM in both supernovae and their progenitor systems. Sodium D lines make a good 
hoi
e for

this 
omparison be
ause they are strong and have been dete
ted in several SNe Ia, in
luding some

in whi
h the lines showed variation (e.g. Patat et al., 2007; Blondin et al., 2009; Simon et al., 2009).

While the relative strengths of the Na D line, and the Ca II H & K line is a useful diagnosti
 for

the ionization 
onditions in the 
ir
umstellar medium, the main fo
us will be on the Na D lines.

The Ca II H & K lines will be dis
ussed in relation to the results obtained for the Na D lines.

The absorption line pro�les are modelled by 
onsidering the opti
al depth to the photosphere

as a fun
tion of frequen
y, τν = a0f
∫

nNa(s)φ(ν) ds. The atomi
 absorption 
oe�
ient a0 =

0.0265 cm2 s−1
, the os
illator strength f = 0.641 for the Na D2 line and φ(ν) is the Doppler pro�le.

The number density of sodium atoms in the ground state is given by nNa and the sodium abundan
e

is taken to be solar (Asplund et al., 2009). The relative intensity is given by Iν = 1
A

∫

exp(−τν) dA.

Lines of sight to the photosphere are adaptively divided until the width of the region is smaller than

some fra
tion of the minimum smoothing length, taken to be 0.25.

The 
ontribution to the line pro�le from gas r > 5 × 1014 cm has been ignored. This material


omes from the �rst orbit of the simulations and follows a v ∝ r velo
ity law, rather than the


onstant velo
ity rea
hed by the mass loss for subsequent orbits. The stru
ture of this material is

likely to be an artefa
t of the initial 
onditions, whi
h is why it is not in
luded. This only a�e
ts

pro�les with in
linations i & 70◦, otherwise the density is too low by the time the line of sight

rea
hes the material.

As the 
ontinuum around the Na D line is dominated by the red giant during quies
en
e, the

photosphere is taken to be the photosphere of the red giant (100R⊙). Three models for the sodium

ionization stru
ture are used. One model uses the ionization stru
ture from the photoionization


al
ulation. Sodium is assumed to be ionized in the regions of hydrogen ionization be
ause the

ionization potential of sodium (5.1 eV) is lower than that of hydrogen (13.6 eV). In neutral regions

lo
al thermodynami
 equilibrium (LTE) is assumed, whi
h roughly translates to sodium being

ionized where T > 1000K. In the se
ond model, designed to help disentangle the lo
ation of the
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Figure 5.5: Na D line pro�le evolution with phase, for the photo-ionized models (upper) and for

photoionization + bubble (lower). The key denotes the number of orbits sin
e mass transfer began.

At phase 0 the red giant is 
losest to the observer. The line pro�le is 
al
ulated for in
linations of

60

◦
(left) and 75

◦
(right). For i . 50◦ the blue-shifted absorption 
omponents disappear, ex
ept

for phases 0.9 to 0.1, when the red giant shields the wind. The e�e
ts of shielding by the red giant


an be seen in the i = 60◦ pro�le. At i = 75◦ the a

retion dis
 also shields the gas, resulting in a

stable blue-shifted 
omponent. The red-shifted 
omponent that arises in the polar a

retion �ow is

less sensitive to in
lination.

di�erent 
omponents, the white dwarf is also assumed to ionize a few 1013 cm bubble around the

binary, in whi
h the neutral fra
tion is assumed to be zero. In the third model, the fra
tion of

neutral sodium is limited to 10−4
.

The results from the photoionized models are shown in Fig. 5.5. The line pro�les show both

blue- and red-shifted 
omponents, whi
h form in di�erent parts of the wind. In the regions of the

wind furthest away from the binary, where the gas is �owing radially, the lines of sight always

interse
t the same 
lumps of gas. This gives rise to a stable blue-shifted 
omponent in the pro�le,
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whi
h 
an be seen in the photoionization + bubble models. An additional blue-shifted 
omponent

arises in the wind near the red giant. The gravitational a

eleration from the white dwarf results in

higher velo
ities towards the white dwarf than away from it, giving the highest velo
ity for phases

φ ∼ 0.5. The strength of this 
omponent is not symmetri
 about φ = 0.5, whi
h is expe
ted as the

�ow itself is not symmetri
 due to the motion of the binary. Observationally, this 
omponent may

be di�
ult to disentangle from the 
omponent arising in the atmosphere of the red giant.

The red-shifted 
omponent forms 
loser to the binary, in the material falling ba
k onto the white

dwarf from within a few 1013 to 1014 cm. The 
omponent is strongest for phase φ = 0.5, when the

red giant is furthest from the observer. In this 
ase the line of sight passes over the white dwarf,

and through more of the material falling ba
k onto the white dwarf. The ex
eption to this 
ase is

at lower in
linations, in the photoionization + bubble model, be
ause at low in
linations the line

of sight is high above the plane and en
ounters very little material outside the ionized bubble. The

near 
omplete la
k of material outside the ionized bubble for lower in
linations may be an artefa
t

of the 
ooling, as the simulations with suppressed 
ooling have 
onsiderably more gas in this region.

In line pro�les 
al
ulated using this model, we �nd that the red-shifted absorption is strongest near

phase φ = 0 for all in
linations.

The line pro�les show strong variation with in
lination, with the highest out�ow velo
ities seen

at the highest in
lination (Fig. 5.6). The in�ow 
omponents vary in the opposite sense, almost

disappearing for i = 90◦. The variation is naturally explained by the in
reasing 
olumn depth at

high in
lination.

The line pro�les show good qualitative agreement with RS Oph, providing a robust explanation

for the red-shifted absorption 
omponent seen in the Na I, Ca II and K I lines. This 
omponent


annot be explained by one-dimensional models for a wind, whi
h provides strong support for the

spiral out�ow produ
ed in the model. Sin
e the velo
ities of the absorption 
omponents observed in

RS Oph are stable, the models show that they must form further out in in the wind, as 
omponents

that form 
lose to the binary depend on the phase. This argument is supported by the suggestion

that the evolution of these features during outburst is dominated by photoionization (Patat et al.,

2011). As the blue-shifted 
omponents 
an still be seen at 12.5 days after the outburst this means



102 5. RS Ophiu
hi in quies
en
e

−30 −20 −10 0 10 20
V [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

N
or

m
al

iz
ed

 F
lu

x

30
45
60
75
90

Figure 5.6: Na D line variation with in
lination at phase 0, for the photoionization + bubble model.

The blue-shifted 
omponents are strongest for high in
linations, where additional features 
an be

seen, whereas the red-shifted 
omponents weaken at the highest in
linations.

they must form at distan
es greater than a few 1014 cm. Furthermore, the observations are 
onsistent

with the red-shifted 
ompletely disappearing during nova outburst, whi
h would be expe
ted as the

novae sweep up the infalling gas 
lose to the white dwarf.

In addition to absorption 
omponent, the simulations suggest a possible origin for the emission


omponent seen on top of the absorption lines (Bulla, 2013). The emission 
omponents have a

typi
al width of 100 km s−1
, larger than that for the absorptions. The most likely origin for these

lines is that they arise in the ionized �ow 
lose to the white dwarf, that gives rise to the time-variable

absorption seen in the photoionization only models in Fig. 5.5. This material has approximately

the right velo
ity to produ
e the broad emission, and is likely to be ionized by the white dwarf.

Combined with its high density, this material is the most likely origin for the emission 
omponents.

The maximum velo
ity produ
ed in the out�ow is v ∼ 15 km s−1
, whi
h is 
onsiderably less than

the 40 to 50 km s−1
seen in RS Oph. As the orbital velo
ities in RS Oph are relatively well known

(Brandi et al., 2009) and the velo
ity of the out�ow is set by the orbital motion, the high velo
ity


annot be produ
ed by the mass-transfer models. Furthermore, using a higher red giant velo
ity to

produ
e the out�ow would destroy the spiral stru
ture and the red-shifted absorption would not be

produ
ed. One possibility is that these 
omponents form in the shells of previous novae, whi
h has

not been in
luded in these 
al
ulations but will be dis
ussed in the next 
hapter.

The presen
e of dis
-winds, may also provide an explanation for di�eren
e in the observed
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velo
ity and the velo
ity produ
ed in the simulations. Simulations of dis
 winds in 
ata
lysmi


variables the dis
 wind 
an drive mass-loss rates of 10−10M⊙ yr−1
at velo
ities up to 5000 km s−1

(Proga et al., 2002). In RS Oph this momentum would be ultimately deposited in the red giant.

While this is not su�
ient to provide a ki
k of 20 km s−1
to the entire wind, it 
ould a

elerate

up to 10−8M⊙ yr−1
by 20 km s−1

. Due to the 
on
entration of most of the mass-loss in the binary

plane, su
h a s
enario may be likely. Therefore, the in
lusion of a dis
 wind may be able to remove

the dis
repan
y between the velo
ities produ
ed in the simulation and those observed in RS Oph.

The in
linations favoured by the line pro�les are i > 60◦, whi
h is higher than the in
lination

suggested by the orbital parameters i ≈ 50◦ (Brandi et al., 2009). The higher in
lination is favoured

by the simulations as the line of sight needs to interse
t the neutral material in the region shielded

by the a

retion dis
. At lower in
linations i . 45◦, the 
olumn depth be
omes too low to produ
e

the required absorption, even if the gas was shielded by a thi
k dis
. However, in the models

with suppressed 
ooling there is more mass at lower in
linations, whi
h suggests that in reality the


olumn depth at lower in
linations is high enough.

The line pro�les produ
ed by these models in
lude 
omponents that are strongly saturated

(τ ∼ 103), whi
h arise far out in the wind. Due to the use of a Doppler pro�le, this broadens the


omponents by roughly 3 km s−1
(Fig. 5.7). Su
h strongly saturated 
omponents disagree with the

observations. If the full Voigt pro�le for the lines had been used instead of a Gaussian pro�le the

line pro�le would be mu
h broader and dominated by the wings of the Voigt pro�le, whi
h de
ays

mu
h more slowly in the line wings φvoigt ∝ (ν − ν0)
−2
. A lower mass loss rate would remove this

dis
repan
y; however, the white dwarf must a

rete enough mass in 20 yr to trigger the novae. This

means the a

retion rate must be at least Ṁ ∼ 10−8 M⊙ yr−1
. As the a

retion e�
ien
y is already

roughly 10 per 
ent, this would be somewhat �ne tuned as only a small fra
tion of the mass loss


ould es
ape.

An alternative suggestion is that the ionization fra
tion in the neutral regions is 
onsiderably

less than unity, whi
h is supported by the presen
e of the Ca II absorption. Using spheri
al models

Chugai (2008) found that for mass loss rates Ṁ & 10−7 M⊙ yr−1
, the density is high enough that

hydrogen is neutral in the outer regions but the fra
tion of neutral sodium is as little as 10−4
. Model



104 5. RS Ophiu
hi in quies
en
e

−40 −20 0 20 40
V [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

N
or

m
al

iz
ed

 F
lu

x

12.00
12.25
12.50
12.75

−40 −20 0 20 40
V [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

N
or

m
al

iz
ed

 F
lu

x

12.00
12.25
12.50
12.75

−40 −20 0 20 40
V [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

N
or

m
al

iz
ed

 F
lu

x

12.00
12.25
12.50
12.75

Figure 5.7: Sodium D line pro�les in the photoionization + bubble (left, middle) and pure photoion-

ization (right) models. The in
lination, i = 75◦. Left : Using a narrow intrinsi
 line pro�le, whi
h

produ
es saturated 
omponents that are narrower by a few km s−1
. Middle, Right : The neutral

fra
tion of sodium is limited to 10−4
.

line pro�les at i = 75◦ are shown in Fig. 5.7 that have the neutral fra
tion of sodium limited to

10−4
. The opti
al depths are 
onsiderably lower, with τ < 1 and no stable 
omponent is produ
ed

in the outer wind. For an in
lination i = 45◦ the pro�le is even weaker.

The simulations 
an be brought into line with the observations if the mass loss rate is a fa
tor

of ten higher. If the density distribution of es
aping gas is more like that seen in the models with

suppressed 
ooling, then a total mass loss rate of 10−6 M⊙ yr−1
would produ
e an e�e
tive mass loss

rate of 10−7 M⊙ yr−1
at an in
lination of 45◦, whi
h would be enough to ensure that hydrogen is

neutral for r & 1014 cm. The extra mass would produ
e moderately saturated pro�les for moderate

ionization fra
tions and at lower in
linations. Photoionization of the material near the binary that

is dense enough to absorb the UV �ux would produ
e an ionization stru
ture similar to the bubble

model, produ
ing 
omponents that form far out in the wind. The similar strength of the Ca II lines

to the Na I in this region supports the idea that 
al
ium is depleted by dust. NIR observations of

RS Oph suggest that dust forms at r > 1014 cm (Evans et al., 2007), whi
h is 
onsistent with the

hypothesis that the Na lines should form further out.

5.5 Polar a

retion and Hα emission

A

retion happens through two modes in the simulations. Firstly, an a

retion dis
 forms 
ontaining

approximately 10−7M⊙. Se
ondly, there is a polar 
omponent to the a

retion �ow that arises out

of the material falling from above and below the binary plane. The a

retion rate in the polar �ow
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is Ṁ ∼ 4 × 10−9M⊙ yr−1
in the 
anoni
al model. In the model that has suppressed 
ooling, the

polar a

retion rate is approximately twi
e as large.

A polar a

retion �ow may provide an explanation for the wings of the Hα line seen in RS

Oph during quies
en
e. The broad wings (> 1500 km s−1
) have been observed to 
orrelate with the

motion of the white dwarf (Brandi et al., 2009). The polar in�ow is modelled assuming the material

is in free-fall, with the a

retion rate set by the parameters from the simulation. The geometry is


hosen to be 
oni
al or spheri
al and the Hα emissivity is assumed to be proportional to the Case B

radiative re
ombination rate, while the in�ow is assumed to be opti
ally thin. As the re
ombination

time is mu
h shorter than the free fall time, the in�ow is assumed to be isothermal. The luminosity

at frequen
y ν, Lν , is

Lν = fα(T )

∫

V
n(r)2φ(ν) d3r. (5.6)

The line pro�le φ(ν) is taken to be the Doppler pro�le, the density set via mass 
onservation,

n = n0r
2
0v0/(r

2v), where v2(r) = −2GM(r−1 − r−1
0 ) + v20. The Hα emission e�
ien
y, f = 0.5,

and temperature, T = 30, 000K, only a�e
t the total luminosity. The density and velo
ity are


hosen to mat
h the polar a

retion rate from the simulations. Taking r0 = 2.5× 1012 cm this gives

n0 = 5× 10−16 g cm−3
and v0 = 80km s−1

.

In the spheri
al 
ase, the emission from a shell 
an be integrated by hand (see equation 2.62)

and the problem redu
es to an integral over r. For the 
oni
al geometry, the boundary 
onditions

on θ and φ are more 
omplex, so the integral is evaluated numeri
ally. Monte-Carlo integration

is used due to the high-dimensionality of the problem, with photons being drawn a

ording to the

emissivity, ǫ = n2α(T ). The Monte-Carlo integration agrees with the results from dire
t integration

in the spheri
al 
ase.

Line pro�les for a spheri
al in�ow are shown in Fig. 5.8. The a

retion rate is kept the same in

ea
h model, whilst the initial density and velo
ity are varied. In the line wings, where v ∝ r−1/2
,

the line pro�le depends only on Ṁ , T and f .

The presen
e of an a

retion dis
 in the simulations means that a 
oni
al model better represents

the geometry of the polar a

retion 
omponent. The a

retion dis
 �lls an angle of roughly 25◦ and

40◦ in the models with full and suppressed 
ooling respe
tively. The line pro�les are shown in Fig.
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Figure 5.8: Hα line for a spheri
al in�ow model. All models have the same a

retion rate, Ṁ ≈
2× 10−8M⊙ yr−1

. The velo
ity at the outer edge is varied from −60 to −100 km s−1
.

5.9 for 
oni
al models with a range of opening angles (de�ned su
h that 90 is the spheri
al a

retion


ase), with the density, n0, s
aled to give ea
h model the same a

retion rate. Narrower 
ones

produ
e higher luminosities as the emissivity is proportional to the square of the density. Coni
al

in�ows produ
e a double peaked pro�le for observers far enough away from the symmetry axis,

roughly 
orresponding to whether the observer is looking at an angle where the white dwarf would

be obs
ured by the a

retion dis
. This double peaked pro�le 
annot be the origin of the observed

depression in the Hα line, whi
h is an absorption (Bulla, 2013, see also Se
tion 5.1). The expe
ted

luminosity of this 
omponent is LHα ≈ 5× 10−3L⊙, 
onsiderably less than the Hα luminosity in RS

Oph, whi
h is 0.75L⊙ (Zamanov et al., 2005). Sin
e the luminosity is proportional to the square

of the density, the di�eren
e would require a polar a

retion rate whi
h is roughly 10 times higher

than seen in the simulations, or a mu
h narrower opening angle.

Sin
e the models use spheri
al in�ow they assume that angular momentum is negligible in the

�ow. As shown by Fig. 5.2, this is not the 
ase in the gas 
lose to the white dwarf, at least in the

binary plane. Negle
ting pressure, the angular momentum of a parti
le sets a minimum distan
e

from the white dwarf that a parti
le 
an rea
h. The minimum distan
es for parti
les that 
ontribute

to the density at a distan
e ra = 3 × 1012 cm from the white dwarf are shown in Fig. 5.10. While

the parti
les in the polar 
omponent tend to have lower angular momentum than parti
les in the

dis
, the minimum radii are mu
h larger than the 1010 cm required to explain the 1500 km s−1
Hα

line wings. As 1010 cm is well within the sink radius the �ow is not resolved, whi
h means there is
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Figure 5.9: Hα line for a 
oni
al in�ow model. For all models the a

retion rate is the same and

the observer is at 45

◦
to the symmetry axis. Cones with narrower opening angles produ
e more

luminous pro�les as the emissivity, ǫ ∝ ρ2. The key denotes the half-opening angle of the 
one, 90

◦

is the spheri
al model.
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Figure 5.10: Minimum radii of parti
les being a

reted onto the white dwarf as a fun
tion of angle.

θ = 0 refers to the plane of the binary. The parti
les shown are those that would 
ontribute to

the density at ra, i.e. ri − 2hi < ra < ri + 2hi, where ri and hi are the distan
e from the white

dwarf and smoothing length of parti
le i, and ra = 3×1012 cm. The polar a

retion 
omponent has

signi�
antly lower angular momentum than the dis
.


onsiderable un
ertainty about the nature of the �ow in this region.

Observationally, the hard X-ray emission from RS Oph supports the idea of a polar in�ow.

The X-ray emission is 
onsistent with a 
ooling �ow model that has an a

retion rate of Ṁ ≈

3 × 10−9 M⊙ yr−1
and a maximum temperature of 6 × 107 K (Nelson et al., 2011). The a

retion
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rate is strikingly similar to the a

retion rate in the polar �ow. Furthermore, while the maximum

temperature of the �ow requires an additional strong 
ooling 
omponent to make it 
onsistent with

a 
ooling �ow hitting the surfa
e of the white dwarf, it is 
onsistent with the a sho
k o

urring in

polar in�ow as the gas hits the dis
 at v ∼ 1600 km s−1
.

The mass loss rate from the simulations is too low to explain the high absorbing 
olumn depth

(N(H) = 1024 cm−2
) that the X-ray emission is subje
t too; however, the 
olumn depth 
ould be

produ
ed in the a

retion dis
. This would require the a

retion dis
 to be 
onsiderably thi
ker

than the one in the simulations, at least in the inner parts where the X-rays are emitted.

The strong 
orrelation of the Hα line wings with the motion of the white dwarf means that they

must form near the white dwarf, whi
h means they should be subje
ted to the same 
olumn depth

as the X-ray emission. As a 
olumn depth of N(H) = 1024 cm−2
produ
es an ele
tron s
attering

opti
al depth of τe ≈ 0.5, this is likely to broaden the blue side of the line, but is not enough to

thermalize the line. While the bound-bound opa
ity is likely to be signi�
antly greater, the low

radial velo
ity of the gas in the a

retion dis
 means the bound-bound opa
ity will 
ontribute the

most to the absorbing the 
entre of the line, not the wings. A strong 
entral absorption in Hα near

the white dwarf does not present a problem for the model, be
ause the low velo
ity emission and


entral absorption must arise from further out in the binary to explain the la
k of a 
orrelation of

its velo
ity with either star (Brandi et al., 2009, see also Se
tion 5.1).

Winds driven from the a

retion dis
 provide a possible alternative explanation for the Hα line

pro�le as the luminosity of the hot 
omponent ex
eeds the e�e
tive Eddington luminosity. Simu-

lations of line driven winds in 
ata
lysmi
 variables naturally produ
e velo
ities v ∼ 3000 km s−1
.

However 
urrent models predi
t that the pro�les should appear in absorption rather than emission,

unless the in
lination is high, i & 70◦, (Proga et al., 2002). The di�eren
e may not be fundamental,

but due to the simpli�ed modelling. Therefore dis
-winds remain an attra
tive origin for the broad

emission lines.
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5.6 Summary and Dis
ussion

Simulations of the mass transfer in RS Oph have been presented in order to understand how various

spe
tral features arise. Using simpli�ed mi
ro-physi
s and simulated line pro�les allow us to 
on-

stru
t a pi
ture of where the spe
tral features arise in 
ir
umstellar medium. The overall pi
ture

des
ribed in this se
tion is shown in Fig. 5.11

For the mass loss rate used (10−7M⊙ yr−1
) in the simulations of mass transfer, the UV �ux from

the white dwarf and a

retion dis
 is su�
ient to ionize the 
ir
umstellar medium. This means that

only 
omponents that are shielded from the UV emission by the a

retion dis
 remain neutral. In

su
h a pi
ture it may be di�
ult to 
onstru
t a 
onsistent model for the Na I D and Ca II H & K

line absorption at an in
lination of 50◦, whi
h is appropriate for RS Oph.

For this reason we prefer a higher mass loss rate for RS Oph of 10−6 M⊙ yr−1
. This would provide

su�
ient mass that the wind would provide enough opti
al depth to the UV �ux that hydrogen in

at r > 1014 cm remains neutral. However, the UV �ux would be large enough to partially ionize

sodium and 
al
ium (Chugai, 2008), whi
h along with the presen
e of dust in RS Oph, is needed

to explain the Ca II H & K absorption. This would give rise to the steady blue-shifted absorption


omponents with velo
ities up to 20 km s−1
. Sin
e the �ow 
lose to the binary has higher velo
ity

than the terminal wind velo
ity and is likely to be ionized by the white dwarf, this material may

be responsible for the emission 
omponents that have been seen (Bulla, 2013).

Currently another explanation is needed for the highest velo
ity 
omponent of the absorption

lines (−40 km s−1
), whi
h is dis
ussed in the next 
hapter. The simulations also provide a natural

explanation for the red-shifted absorption 
omponents seen in the Na I D and Ca II H & K lines,

whi
h 
annot be explained in a simple model. They arise in the gas that is falling ba
k onto the

white dwarf from above the plane, and are strongest when the red giant is furthest from the observer.

This gas forms a polar in�ow that may provide an explanation for the large Hα wings that have

been observed to 
orrelate with the motion of the white dwarf sin
e a spheri
al or 
oni
al in�ow

reprodu
es the line shape. However, the blue-shifted P-Cygni absorption would have to form further

away from the white dwarf be
ause it o

urs in an out�ow, a prospe
t that agrees with observations

both during quies
en
e and outburst.
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Figure 5.11: S
hemati
 for quies
ent line formation in RS Oph. Hα emission o

urs 
lose to the

white dwarf, in material falling onto the poles of the white dwarf. The P-
ygni type absorption is

formed in the photo-ionized wind, 
lose to the binary, along with the 
oronal 
F absorption (Brandi

et al., 2009). Further out in the wind, the metal lines su
h as the Na D and Ca H & K lines form.

The red-shifted 
omponents of these lines form 
loser in, where material from high above the plane

is falling onto the binary. There is also the possibility that some out-�owing 
omponents form near

the red giant, though these may be degenerate with photospheri
 
omponents.

The idea that the Hα wings are formed in a polar in�ow is supported by the X-ray emission

seen in RS Oph, whi
h in
ludes a hard 
omponent 
onsistent with a 
ooling-�ow model that has

an a

retion rate that mat
hes the a

retion rate in the polar 
omponent. The temperature of

the 
ooling �ow is also 
onsistent with gas infalling at 1600 km s−1
that has been sho
ked. The

observations require that the hard 
omponent is heavily absorbed, of whi
h the only possible sour
e

is the a

retion dis
, whi
h must be thi
k enough at least in the inner regions to provide the 
olumn

depth at the preferred in
lination of 50◦.

The presen
e of dis
-winds, whi
h have been negle
ted in the simulations may modify the pi
ture

signi�
antly. As well as providing a possible explanation for the high-velo
ity wings seen in the Hα

line, the deposition of momentum in the red giant wind may also be able to explain the dis
repan
y

between the velo
ity produ
ed in the simulations and that observed in RS Oph.



Chapter 6

Novae in RS Ophiu
hi and the

Cir
umstellar Medium around SNe Ia

The probable dete
tion of a 
ir
umstellar medium in Type Ia supernova (SN Ia) provides a unique

probe for the progenitor. The dete
tion and time variation of absorption lines tell us about the

density, velo
ity and distan
es to gas in the 
ir
umstellar medium. The �rst 
lear dete
tion of gas

in the 
irumstellar environment of a SN Ia was SN2006X, whi
h was through the time variation

of blue-shifted Na D lines (Patat et al., 2007). Time variation of the Na D lines was also seen in

SN 2007le (Simon et al., 2009) and statisti
al arguments show that there is a 20 per 
ent ex
ess of

SN Ia displaying blue-shifted absorption lines 
ompared with red-shifted or zero velo
ity absorption

lines (Sternberg et al., 2011; Maguire et al., 2013).

The time-dependent behaviours seen in SN2006X and SN2007le require dense 
louds of gas

within 1 pc from the supernova (Simon et al., 2009). The most likely explanation for these is

mass lost from the progenitor star, whi
h is supported by the statisti
al ex
ess of SNe Ia showing

blue-shifted absorption lines, whi
h would not be expe
ted if the absorption is unrelated to the

progenitor. Furthermore, the evolution of the line pro�les seen in SN2006X shows similarity with

that seen in the re
urrent nova RS Oph during the 2006 outburst (Patat et al., 2011).

The key features of the time variation in SN2006X that must be reprodu
ed by a su

essful

model are: 1) the absorption line pro�les were initially weak, suggesting the 
ir
umstellar material

111
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was ionized; 2) after maximum light, the line pro�les strengthen on times
ales of tens of days,

suggesting a re
ombination times
ale of this order; 3) the lowest velo
ity material re
ombine �rst;

and 4) the lowest velo
ity 
omponents weaken signi�
antly by 60 days after maximum light, after

whi
h the line pro�les show no signi�
ant further evolution.

Even though there is eviden
e that most SNe Ia 
annot have red-giant 
ompanion stars (Bian
o

et al., 2011; Li et al., 2011; Kelly et al., 2014), further investigation of the 
onne
tion between

RS Oph and SN2006X is of interest. Sin
e re
urrent novae also o

ur in systems with smaller

progenitors, e.g. U S
orpii (Thoroughgood et al., 2001), the dis
ussion is relevant to SN Ia in

general. In this 
hapter, models for the intera
tion between novae and the 
ir
umstellar wind in RS

Oph are presented. Simulated line pro�les during and after the novae are 
ompared to observations

and used to 
onstrain the quies
ent mass loss. The 
ir
umstellar medium is then used to 
al
ulate

the evolution of sodium absorption expe
ted in SN Ia and the impli
ations for the nova properties

required to explain SN2006X are dis
ussed. Finally, a model for the long term intera
tion of novae

with the interstellar medium is dis
ussed as a potential explanation for the 20 per 
ent ex
ess of

blue-shifted absorption lines.

6.1 Nova Models

The simulations presented in this se
tion were set up and run by Shazrene Mohamed, but have been

des
ribed here in full for 
ompleteness. Further details of the 
ode 
an be found in Mohamed (2010).

RS Ophiu
hi has been observed to undergo several outbursts in the last 
entury, with a re
ur-

ren
e period of 10 to 20 years (Rosino & Iijima, 1987). Observations made over a large range of

wavelengths during the 2006 outburst 
an be used to determine the nova properties. Hard X-ray

emission was observed to deviate from that expe
ted from a sho
ked shell, indi
ating a low mass

eje
ted, M ∼ 10−7 M⊙, and a high density in the surrounding medium, n ∼ 109 cm−3
(Sokoloski

et al., 2006). The velo
ity of the eje
ta 
an be found using broad emission lines, whi
h show

v ∼ 4000 km s−1
for the �rst four days, de
reasing rapidly thereafter (Anupama, 2008; Das et al.,

2006). This agrees with the sho
k being slowed as it sweeps up the gas in the 
ir
umstellar medium.

Resolved images of the 2006 nova taken in the opti
al with the Hubble Spa
e Teles
ope (Bode et al.,
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Figure 6.1: Intera
tion of the nova with the a

retion dis
 and red-giant wind, one day after the

shell was eje
ted. The 
ross se
tion is through the red giant and white dwarf, as in Fig. 5.2. The

a

retion dis
 survives the initial passage of the nova but a large proportion of the gas 
ontained in

it rapidly evaporates after it has been sho
k heated by the nova.

2007) and using VLBI in the radio (O'Brien et al., 2008; Rupen et al., 2008; Sokoloski et al., 2008)

show that the nova was bipolar.

The novae are modelled using the Smoothed Parti
le Hydrodynami
s models for the 
ir
um-

stellar medium formed by quies
ent mass transfer in RS Oph presented in Chapter 5. After the

quies
ent mass transfer has evolved for 18 years, the intera
tion between multiple novae and the


ir
umstellar medium is 
al
ulated. The novae are modelled using a spheri
al shell for the eje
ta,

whi
h is eje
ted instantaneously by inserting the shell within the sink region around the white

dwarf. The nova mass is taken to be 2× 10−7M⊙, and the velo
ity is set to give a terminal velo
ity

v ≈ 3500 km s−1
. The internal energy is initially set to 25 per 
ent of the kineti
 energy, meaning

the dynami
s are dominated by the ram pressure.

While it appears that mass loss during the novae may 
ontinue for some time, even opti
ally

thi
k wind models predi
t the strongest mass loss at the start of the outburst (Kato & Ha
hisu,
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1994). Time-dependent models for novae on a 1.25M⊙ show that the mass loss rate drops on a

times
ale of a few hours (Prialnik & Kovetz, 1992). For a Chandrasekhar mass white dwarf, the

times
ale is expe
ted to be even shorter (e.g. Yaron et al., 2005). Therefore, we expe
t that a shell

is a good model for the intera
tion of the novae with the 
ir
umstellar medium.

The instantaneous eje
tion of the majority to the mass in re
urrent novae is supported by

observations of several systems, in
luding U S
orpii and T Pyxidis, whi
h show �at-topped line

pro�les during outburst (Mason et al., 2012; Shore et al., 2013). Flat-topped pro�les are generally

indi
ative of emission 
on�ned to a shell. In RS Oph, the early line pro�les are triangular, rather

than �at topped (Iijima, 2009; Patat et al., 2011). This may be indi
ative of an extended period of

mass loss; however, it may also be due to the 
ir
umstellar intera
tion. Emission lines during the

2006 outburst show the eje
ta maintain a high velo
ity (v ≈ 4000 km s−1
) during the �rst few days,

after whi
h the velo
ity drops rapidly (Anupama, 2008). This suggests that if the mass loss from

the white dwarf is extended then the duration of the phase must be less than 4 days, or at least the

velo
ity of the mass loss de
reases rapidly beyond 4 days.

The red giant has been negle
ted in the simulation. However, as 
an be seen in Fig. 6.1, the

a

retion dis
 shields the red giant from the nova substantially, so any error introdu
ed should

be small. For the purpose of understanding the 
ir
umstellar medium, the di�eren
e is not too

important be
ause the red giant only a�e
ts the novae within a small solid angle. The a

retion

dis
 initially survives the passage of the nova, immediately 
utting the eje
ta into two polar lobes.

Within 10 days, the nova has es
aped the wind in the polar dire
tion and expands freely, 
ooling

adiabati
ally. However, the sho
k takes several years to sweep up the wind in the plane of the dis
,

de
elerating rapidly due to the high mass in the plane. The �nal stru
ture of the nova eje
ta

are shown in Fig. 6.2. The nova remains strongly bipolar, with the eje
ta in the polar dire
tions

remaining 
lose to the eje
tion velo
ity. Even though the nova sweeps up the majority of material in

the plane, there is 
onsiderable material in the 
entre of the system, whi
h 
omes from the material

that has evaporated from the a

retion dis
. The swept up wind forms a `waist' in the plane of

the binary, whi
h de
elerates to v ≈ 50 km s−1
. A large fra
tion of the waist is made up of sho
ked

wind material rather than sho
ked nova material. The sho
ked nova material 
an be seen drawn
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Figure 6.2: Final stru
ture of the �rst nova, 18 years after the explosion. No 
ontribution from the

se
ond phase of mass transfer has been in
luded. At the time of explosion the red giant was on

the negative x-axis. Left : Full stru
ture. Right : Zoom in on 
entral region. The stru
ture of the


entral region is 
omplex, and 
ontains a high density waist that forms as the nova eje
ta run into

the dense wind in the plane of binary. Interior to the waist a se
ond high density region arises out

the of gas whi
h was ablated o� the a

retion dis
, whi
h forms the 
entral polar features. The low

density region along the poles is likely to be an artefa
t of the hole in the a

retion dis
.

out along the edge of the of the waist. In the polar dire
tions, the sho
k a

elerates due to the

rapidly de
reasing density, produ
ing velo
ities of v ≈ 4000 km s−1
.

The peak density in the waist material after a re
urren
e period is ρ ≈ 3×10−20 g cm−3
. This 
an

be 
ompared with the thin-shell models by Moore & Bildsten (2012), who found a post-sho
k density

of n ≈ 109 cm−3
on
e the novae had swept up the entire wind (1.1 yr). Their models used a higher

mass-loss rate Ṁ = 10−6M⊙ yr but the same nova mass to wind mass ratio. The 
on
entration

of the wind in the binary plane enhan
es the mass-loss rate in the plane to Ṁ ≈ 4 × 10−7M⊙ yr.

Redu
ing the density rea
hed by the Moore & Bildsten (2012) model a

ordingly and extrapolating

to 18 yr using ρ ∝ t−2
gives a density ρ ≈ 2.5 × 10−18 g cm−2

, roughly 50 times higher than that

produ
ed in the simulations.

The di�eren
e between the thin-shell estimate and the simulations 
an be partially re
on
iled

if ρ ∝ t−3
, giving ρ ≈ 1.5 × 10−19 g cm−3

, approximately �ve times higher than that seen in the

simulations. If the density evolves as ρ ∝ t−3
, it suggests that the relative thi
kness of the shell,

∆r/r, is 
onstant and v ∝ r in the shell, whi
h is the 
ase in the simulations.

Taking into a

ount that the asymmetry in
reases the wind mass in in the plane but not the
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nova mass, results in a lower sho
k velo
ity. As the 
ooling is approximately isobari
, Moore &

Bildsten (2012) give

ρs
ρ0

≈
(

vs
vth

)2

, (6.1)

where ρ0 is the wind density, vs is the sho
k velo
ity, vth is the thermal velo
ity on
e the post-sho
k

gas has 
ooled and ρs is density in the shell on
e the gas has 
ooled. Only a moderately lower sho
k

velo
ity is needed to a

ount for the di�eren
e.

Whether stru
ture of the nova shell 
an be trusted in the presen
e of 
ooling is debatable, as the

broadening of the sho
k means that 
ooling o

urs while the gas is still being heated by the sho
k.

While the �nal post-sho
k temperature 
an be expe
ted to be approximately 
orre
t, numeri
al

tests showed that the sho
k stru
ture is not, resulting in a too high sho
k velo
ity (Creasey et al.,

2011).

Physi
ally, the thi
kness of the shell is 
ontrolled by the sound 
rossing time, whi
h for a shell

thi
kness of 1015 cm at 18 yr and a temperature of 104 K, gives tx = ∆r/cs ≈ 30 yr, where cs is

the sound speed, is 
lose to re
urren
e time, tr for the system. While the temperature is 
urrently

lower than 104 K, if v ∝ r then the ratio t/tx is approximately 
onstant. Therefore, the thi
kness

is likely to re�e
t the temperature of the gas at the time when the shell was broadened through

pressure. As the gas 
an rapidly 
ool to 104 K, this is likely to be the temperature that 
ontrols the

evolution.

As over-
ooling redu
es the temperature and sound speed in the gas this would suggest that the

numeri
al shells should be less broadened than the real ones; however, this seems to disagree with

the numeri
al experiments of Creasey et al. (2011) and the di�eren
e is likely to arise due to a lower

post-sho
k density in the over-
ooled models. Unfortunately, this means there is a fundamental

un
ertainty in the evolution of the density within the nova shells. However, quantities depending

on the 
olumn density are not signi�
antly a�e
ted as the in
reased thi
kness 
an
els out the redu
ed

density.
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Figure 6.3: The stru
ture 1000 days after the se
ond nova. Note the di�ering spatial s
ales. Left :

Density in 
ross-se
tion. Right : Temperature. The intera
tion between the polar shells and previous

nova sho
ks the shell, whi
h forms a 
lumpy stru
ture as it 
ools. While the shell will never 
at
h

up with the previous nova in the polar dire
tions, the sho
k runs into the waist of the previous

nova. The hottest temperatures arise in the forward sho
k of the se
ond nova, rea
hing 108 K. The
reverse sho
ked eje
ta from the se
ond nova is 
ooler, rea
hing 5× 106 K.

6.1.1 The Se
ond Nova

It is 
lear that subsequent novae en
ounter a di�erent environment to the �rst nova, whi
h expands

in va
uo. For this reason, a se
ond nova has been 
al
ulated. Rather than expli
itly 
al
ulating

the mass-transfer prior to the se
ond nova, the 
ir
umstellar medium prior to the se
ond nova

is produ
ed by adding the quies
ent wind, simulated in the absen
e of novae (Fig. 5.2), to the

stru
ture resulting from the �rst nova (Fig. 6.2). Sin
e the wind is at mu
h higher density and

lower velo
ity than the remaining nova material any errors introdu
ed by the pro
edure are small,

whi
h was veri�ed for a single test 
ase. The se
ond nova shell is then in
luded using the same

model as the �rst one.

The stru
ture formed by the se
ond nova is 
onsiderably more 
lumped (Fig. 6.3). The greater

mass in the polar dire
tion sho
ks the eje
ta and the 
ooling drives 
lump formation. The se
ond

nova shell is at lower velo
ity than the �rst (∼ 2500 km s−1
) and will never 
at
h up the �rst shell.

The reverse is true in the plane of the binary be
ause the nova has a higher velo
ity than the waist

and the waist is starting to be
ome overrun by the �rst shell.

The sho
k driven through the waist of the �rst nova shell strips the material that is �owing out

at in
linations of i & 30◦ and 
ompresses the rest of the shell, whi
h 
an be seen in Fig. 6.4. The
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Figure 6.4: Density 
ross se
tion showing the waist of the novae 2000 days after the se
ond nova.

The waist of the �rst nova has been partially stripped and 
ompressed by sho
ks from the se
ond

nova. The waist is sho
ked to 106 K and begins to 
ool. Sin
e the 
ooling times
ale in the di�use

parts of the sho
ked waist is approximately equal to the re
urren
e period, the remaining gas will


ool and survive.


ompressed gas rea
hes 106 K before beginning to 
ool. Sin
e the 
ooling times
ale in the di�use

parts of the remaining gas is approximately equal to the re
urren
e times
ale the gas will 
ool before

the third nova. The long-term fate of the sho
ked waist will depend on whether it it is sho
ked

again by subsequent novae, be
ause only the dense 
lumps are likely to be able to 
ool.

6.1.2 Photoionization of the nova shells

Photoionization of the nova shell 
an be 
onsidered using the same models that are used during

quies
en
e. The nova shells are not su�
iently massive to provide signi�
ant opti
al depth to the

ionizing photons, whi
h means that on
e the nova rea
hes quies
en
e the ionization stru
ture is


ontrolled by the material 
lose to the white dwarf whi
h gives rise to the same 
oni
al stru
ture as

seen in Fig. 5.4. The main di�eren
e arises be
ause part of the nova shell does not 
ool within the

re
urren
e period, remaining 
ollisionally ionized, whi
h 
an be seen near the plane of the binary

in Fig. 6.5. The majority of the mass in the region that is not photoionized remains neutral.

Therefore, in the polar dire
tions the nova shells will be ionized, while 
lose to the binary plane
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Figure 6.5: Hydrogen ionization fra
tion of the inner parts of the nova shell, using a luminosity of

L = 100L⊙ and bla
k-body temperature of T = 4e4K. The ionization stru
ture is 
ontrolled by

the inner parts of the binary and follows the same pattern as the pure wind. The ex
eptions are

the di�use parts of the nova eje
ta, where the eje
ta have not 
ooled su�
iently to re
ombine. The

apparently neutral material in the polar dire
tion is an artefa
t, arising be
ause the density in the

simulations is zero in that region.

the shells will be neutral. Sin
e the ionization stru
ture in the nova shells re�e
ts the ionization

stru
ture in the wind, the presen
e of absorption 
omponents seen in the nova shells should be linked

with the presen
e of 
omponents seen in the wind. Therefore, for illustrative purposes 
al
ulations

of the line pro�les negle
ting photoionization from the binary are su�
ient.

6.2 Nova 
ontribution to absorption lines

The absorption line pro�les for sodium are 
al
ulated using the same te
hnique as in Chapter 5.

Sin
e RS Oph is a bright sour
e of super-soft X-rays between 30 and 100 days after the outburst

(Osborne et al., 2011), the nova shells are assumed to be fully ionized during this time. On
e the

X-ray luminosity drops then the nova is allowed to re
ombine. During the re
ombination phase

photoionization is negle
ted and the density is taken to evolve as ρ ∝ t−3
. However, as dis
ussed

earlier, for thin shells expanding at a 
onstant velo
ity a higher density and ρ ∝ t−2
is expe
ted.
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Figure 6.6: Evolution of the nova 
ontribution to the sodium line pro�les for in
linations of 30

◦

(left), 45

◦
(middle) and 60

◦
(right). The key denotes days sin
e the start of the outburst. The

saturated 
omponents at v = 0 arise in gas stripped from the a

retion dis
 that remains 
lose to

the plane of the binary (Fig. 6.2).

Due to the large range of re
ombination times
ales in the simulations, the main e�e
t is to 
hange

the amount of gas that is able to re
ombine.

The evolution of the ionization fra
tions is given by

dXH

dt
= −αHn0

(

t

t0

)−3

X2
H, (6.2)

dXNa

dt
= −αNan0

(

t

t0

)−3

XHXNa. (6.3)

Combining the above we �nd

1

XNa

dXNa

dt
=

αNa

αH
· 1

XH

dXH

dt
, (6.4)

where αNa and αH,B are the re
ombination rates of sodium and hydrogen (
ase B) and n0 is the

number density of hydrogen at t0, whi
h is the time re
ombination begins. The solutions to the

above equations are

XH(t) =

[

1 + 1
2αH,Bn0t0

(

1−
(

t0
t

)2
)]−1

, (6.5)

XNa(t) = X

αNa

αH,B

H . (6.6)

The ele
tron fra
tion is assumed to be entirely due to hydrogen, whi
h is a reasonable approximation

sin
e

αNa

αH,B
> 5, therefore sodium re
ombines more rapidly than hydrogen (Verner et al., 1996). The
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temperature evolution has not been in
luded, but the re
ombination 
oe�
ients are not sensitive

to temperature. The ionization fra
tions are not allowed to drop below their LTE values at the

appropriate temperature, and the time at whi
h the photoionization is assumed to be negligible is

taken to be 100 days. The e�e
t of the approximation n ∝ t−3
has been tested by 
omparing the

evolution to models where the 
urrent density is used. The 
onstant density model produ
es pro�les

whi
h are weaker by approximately 10 per 
ent at velo
ities of a few 100 km s−1
, but otherwise the

pro�les are the same.

The photosphere of the nova shrinks to near the surfa
e of the white dwarf within 20 days

(Kato & Ha
hisu, 1994). The size of the typi
al stru
tures in the novae are mu
h larger than the

binary, therefore the results are not sensitive to whether the photosphere is dominated by the red

giant or white dwarf. A

retion may have restarted by 240 days after the nova (Worters et al.,

2007), suggesting that the system is in quies
en
e by this time. Sin
e this follows a period in the

post-outburst light 
urve of lower luminosity, it is reasonable to assume that the white dwarf no

longer 
ontributes to the luminosity at the wavelength of the Na D line (Darnley et al., 2008) and

the photosphere 
an be taken to be that of the red giant.

The line pro�le evolution during the �rst 1000 days after the se
ond nova is shown in Fig. 6.6.

The majority of the nova shell re
ombines qui
kly, and the subsequent evolution is dominated by

the de
reasing 
olumn density. For in
linations i . 70◦, the de
eleration of the shell is small. For

higher in
linations, the temperature in the shell remains too high for sodium to re
ombine during

the �rst 1000 days, therefore the only 
omponent that arises is due to the gas stripped from the

a

retion dis
 that remains at low velo
ities and 
lose to the binary plane (see Fig. 6.2).

At high in
linations the shell re
ombines slowly over several years be
ause the gas is kept hot

through it's intera
tion with the wind. After 18 years, approximately a re
urren
e time, the nova

shell has mostly be
ome neutral, having swept up the entire mass loss the from prior period of

quies
en
e. The line pro�le at that time is shown in Fig. 6.7, for a variety of in
linations. For

in
linations i . 40◦, the shell 
an barely be seen at all be
ause it en
ountered very little mass and

expanded freely until the 
olumn depth be
omes negligible. For higher in
linations, the eje
ta and

swept up wind 
an be seen more strongly and at lower velo
ities. For i > 75◦ the shell velo
ity has
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Figure 6.7: Na D line pro�le for the nova just before the se
ond outburst (7020 days). The key

denotes the in
lination. At low in
linations the nova shell has be
ome too di�use and 
annot be

seen, while at in
reasing in
linations the velo
ity of the shell de
reases and the line pro�le strength

in
reases.

dropped to 50 km s−1
.

The models predi
t higher velo
ities for 
omponents formed in the nova shell have been seen in

RS Oph, with strong absorption up to approximately 250 km s−1
and a high velo
ity tail. However,

this dis
repan
y may be eviden
e that the mass-loss rate in RS Oph is higher, as suggested from

ionization arguments in Chapter 5. Furthermore, a higher mass-loss rate would also help to explain

why the quies
ent UV �ux does not ionize the shell.

The expansion and de
eleration of the nova shell suggests a way to test the asso
iation of


ir
umstellar absorption features with nova shells. Absorption lines formed in the nova shell must

have higher velo
ities than the typi
al wind velo
ities. In 
ases where high velo
ity 
omponents

are seen, a systemati
 slowing of weakening of the 
omponent and no dependen
e on binary phase

would be strong eviden
e that these lines form in the nova shell.

This behaviour may have already been seen in the 2006 outburst of RS Oph. Prior to the 2006

outburst of RS Oph, the maximum velo
ity of the absorption 
omponents was v ≈ −50 km s−1
. At

750 days after the outburst the maximum velo
ity was larger, v ≈ −75 km s−1
, and the absorption

lines were stronger. Under the assumption that the 2006 nova was broadly similar to the 1985 nova,
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then this higher velo
ity 
omponent may be from the nova shell. Should subsequent observations

show the 
omponents de
rease in velo
ity and weaken, it would be 
lear that this is the 
ase.

6.3 The 
ir
umstellar medium for SNe Ia

The 
ir
umstellar medium produ
ed by the intera
tion between the novae and the mass loss during

quies
en
e 
an be used to 
al
ulate the line pro�le seen when a Type Ia supernova o

urs. Sin
e

the exa
t time of detonation in single degenerate progenitors for Type Ia supernovae is 
ontrolled

by the 
onve
tive Ur
a pro
ess, whi
h lasts for ∼ 1000 yr (Pa
zy«ski, 1972; Iben, 1982), the time of

explosion is likely to be un
orrelated with the nova outbursts. For illustrative purposes the supernova

is taken to o

ur instead of the se
ond nova, on
e the nova shell has rea
hed it's maximum distan
e.

The supernova is taken to be an expanding sphere with vSN = 20, 000 km s−1
, whi
h sweeps the


ir
umstellar medium. E�e
tively this is done by removing gas within r = vSNt, so that it doesn't


ontribute to the line of sight. For the photospheri
 radius, a simple approximation due to Chevalier

(1981) is used

Rp =















2.61 × 1014t
2/3
d cm td < 40.7,

8.86 × 1013
[

1−
( td
108

)2
]

td cm td > 40.7,

(6.7)

where td is the time in days. This expression overestimates the photospheri
 velo
ity vp = Rp/t by

approximately 25 per 
ent when 
ompared with photospheri
 velo
ities from abundan
e tomography


al
ulations (Stehle et al., 2005; Mazzali et al., 2008). The supernova photosphere begins to re
ede

after approximately 60 days. On
e the photosphere has re
eded, a surfa
e brightness model should

be used for the supernova. However, by this time the supernova has swept up the majority of the

mass in the 
ir
umstellar medium and the absorption lines have disappeared.

Both the novae and the wind are in
luded in the models for the 
ir
umstellar medium, although

the majority of the wind is swept up by the supernova in the �rst few days. Two models for

the ionization state are 
onsidered, one where the gas ionization is purely thermal, and a se
ond,

following Patat et al. (2007), where the UV �ux from the supernova keeps the 
ir
umstellar medium



124 6. Novae in RS Ophiu
hi and the Cir
umstellar Medium around SNe Ia

0.2

0.4

0.6

0.8

1.0

Re
la

tiv
e 

Fl
ux 10

22
25
30
40

v [km s−1 ]

0.90
0.92
0.94
0.96
0.98
1.00

Re
la

tiv
e 

Fl
ux

22
25
30
40

v [km s−1 ] v [km s−1 ]

−150 −100 −50 0
v [km s−1 ]

0.6

0.7

0.8

0.9

1.0

Re
la

tiv
e 

Fl
ux

22
25
30
40

−150 −100 −50 0
v [km s−1 ]

−150 −100 −50 0
v [km s−1 ]

Figure 6.8: Sodium D line pro�les against a photosphere expanding with v = 20, 000 km s−1
. The

key denotes time sin
e explosion. Top: Thermally ionized model. Middle: Re
ombining model,

assuming ionization until 20 days. Bottom: Re
ombining model, using a �lling fa
tor, f = 3×10−2
.

The in
lination of the observer in
reases from left to right with i = 0◦, 45◦ and 90

◦
. Besides

re
ombination a�e
ting the bottom pro�les, two e�e
ts 
ontribute to the evolution. The supernova

overtakes the lowest velo
ity eje
ta �rst, 
ausing the pro�les to weaken at lower velo
ities. As the

photosphere grows, the 
overing fa
tor of the 
omponents also de
reases, redu
ing the strength at

all velo
ities.

ionized for the �rst 20 days, after whi
h it is re
ombines. The re
ombining model has also been


al
ulated using a �lling fa
tor f = 3× 10−2
.

The �lling fa
tor takes into a

ount unresolved 
lumping and is often required by photoionization

models to reprodu
e spe
tra. While the �lling fa
tor has not been measured for RS Oph, it was

found to be f ≈ 3× 10−2
for the re
urrent nova T Pyx (Shore et al., 2013). A �lling fa
tor that is

less than unity in
reases the e�e
tive density, but de
reases the e�e
tive volume, whi
h means that
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forming pro
ess that are linear in density are una�e
ted. Re
ombination depends on the square of

the mass, so the �lling fa
tor has the e�e
t of de
reasing the re
ombination times
ale, tr, be
ause√
〈ρ2〉

〈ρ〉 = f−1
, implying tr ∝ f−1

.

The line pro�le evolution for the di�erent models are shown in Fig. 6.8. Despite the large velo
ity

of the shell in the polar dire
tions, the absorption 
omponents produ
ed for velo
ities greater than

a few 100 km s−1
are weak. For all in
linations, there are 
omponents at v ∼ 50 km s−1

, whi
h are

produ
ed in the ablated a

retion dis
 material and also in the waist for high in
linations. However,

as the distan
es to the waist are only 3× 1015 cm, the supernova rea
hes this material after roughly

20 days and the line begins to weaken. The lines weaken later for in
linations of 45◦ be
ause the

waist material is at higher velo
ities and larger distan
es for this in
lination, resulting in the lines

disappearing over 50 days instead of 30.

The re
ombination times
ale with f = 1 is approximately 100 days for the v ∼ 50 km s−1

om-

ponent produ
ed in the waist, with longer re
ombination times-s
ale for material in the polar

dire
tions. The opti
al depth produ
ed is approximately ten times smaller than the thermal model,

but otherwise the evolution is similar. The density of the gas at higher velo
ity is lower, whi
h gives

rise to a distin
tive re
ombination wave from lower to higher velo
ity. Sin
e the re
ombination

times
ale in the model with f ≈ 3 × 10−2
is as low as a few days, mu
h more material re
ombines

produ
ing stronger absorption. If the nova shell is more a

urately des
ribed by a thin shell, density

would be 50 times higher (see above). This would produ
e a similar re
ombination times
ale for

the f = 1 model as found in the simulations �nd for the f = 3× 10−2
model.

A similar re
ombination wave was seen in SN2006X (Patat et al., 2007). The novae also naturally

reprodu
e the velo
ity of the absorption 
omponents seen in SN2006X and that the lower velo
ity


omponents are stronger and re
ombine faster. Furthermore, in the f = 3 × 10−2
model the

re
ombination times
ale is short enough to reprodu
e the re
ombination wave seen in SN2006X.

The main dis
repan
y in the simulated line pro�les is that by 20 to 50 days after explosion the lines

have disappeared. While the lowest velo
ity 
omponents in SN2006X disappear on this times
ale,

other 
omponents are still present 150 days after the explosion. Currently there have been no

dete
tions of 
ir
umstellar material in normal SN Ia whi
h have been observed to disappear, whi
h
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suggests a larger distan
e to the eje
ta, r & 5 × 1016 cm. An ex
eption this is the supernova PTF

11kx (Dilday et al., 2012), although this was not a normal SN Ia.

The in
reased distan
e to the nova shell 
an be simply explained by a re
urren
e time of several

hundred years. This would require a mu
h lower a

retion rate Ṁ ∼ 10−9 M⊙ yr−1
(Yaron et al.,

2005). Yaron et al. (2005) �nd that models with a

retion rates as low as ∼ 10−9 M⊙ yr−1
predi
t

that the white dwarf should de
rease in mass; however, so far the e�e
ts of rotation, 
onve
tion and


omposition of the white dwarf mean there remains some un
ertainty in this.

If the distan
e to the shell is 10 times greater then the distan
e in the simulations, then for

the same mass the density would be a fa
tor of 103 lower. However, the longer phase of mass loss

before the novae would in
rease the mass in the shell, su
h that the density would be a fa
tor of

100 lower and the 
olumn density a fa
tor of 10 lower, produ
ing lines that are 
onsiderably weaker

than those seen in supernovae. The low density would also require 
onsiderably lower �lling fa
tors

f . 10−3
to explain the re
ombination times
ale, and the in
reased mass would mean the velo
ity

of the shell would be lower.

If, as noted in earlier, the shell should a
tually evolve as ρ ∝ t−2
, as in the thin shell models,

then the density would be mu
h higher. Using the estimate based on Moore & Bildsten (2012),

then on
e the shells rea
h a few 1016 cm this would give a density 500 times higher than that found

in the simulation, potentially reprodu
ing the re
ombination times
ale without the need for a �lling

fa
tor. The velo
ity and 
olumn density would be the similar to those for the ρ ∝ t−3

ase, as

expe
ted from the simulation.

Alternatively, the dense waist of the nova shells will rea
h several 1016 cm after roughly 10 novae,

therefore it may be possible that the line pro�les form in multiple nova shells rather than in a single

shell. The total mass would be similar to a model with a longer re
urren
e time, however the mass

would be spread out over a larger range of radii. As a 
onsequen
e, on
e the supernova starts to

overrun the shells 
ontributing to the Na D line pro�le, the opti
al depth should redu
e smoothly,

whereas in a single shell model the pro
ess should happen on a mu
h shorter times
ale.

As suggested by Chugai (2008), the biggest problem in explaining the Na D line absorption

using a nova shell model 
omes from the ionization by γ-ray deposition, whi
h is the dominant
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ontribution to the ionization of hydrogen after maximum light. Comparing the ionization rate by

γ-ray deposition to re
ombination gives a 
riti
al density, nH = ΓNa

αNa
, above whi
h sodium should

be neutral. Using the ionization rate from Kozma & Fransson (1992) and assuming MNi = 0.6M⊙

gives 
riti
al density nH ≈ 2× 106 cm−3
at r = 5× 1016 cm.

If the waist evolved entirely in free expansion until it rea
hed 5 × 1016 cm, the density would

be n ∼ 1 cm−3
. If the mass loss from the red giant is 10−6 M⊙ yr−1

, as the observations during

quies
en
e and the 2006 outburst suggest, then this would partially help, but �lling fa
tor of f ∼

10−4
would be required to a
hieve the density needed. High enough density ratios have been found

in simulations of intera
ting supernova driven super-bubbles (Ntormousi et al., 2011), although it is

not 
lear that su�
ient mass is lo
ked up in this ultra-high density phase. Alternatively, if the thin

shell models are 
orre
t and the density is 500 times higher, a �lling fa
tor of f ≈ 0.03, as observed

in T Pyx, would be su�
ient to produ
e the required density.

The intera
tion of di�erent nova shells is also important for determining the 
onditions in outer

nova shells. The waist is sho
ked by the se
ond nova, whi
h 
ompresses and heats the gas but strips

some of the more di�use parts. This pro
ess may a
tually help produ
e high enough densities, sin
e

the 
ooling times
ale is short enough that the 
ompressed material 
ools and 
lumps. Currently

it is not 
lear how many times the waist would undergo this pro
ess, but if the 
lumps survive it

would help in
rease the density. The pro
ess would also impart momentum into the 
lumps whi
h

would help maintain the 
orrelation between distan
e to and velo
ity of the absorption lines, whi
h

would not be expe
ted for a series of non-intera
ting shells. However, the stripping may mean that

insu�
ient mass is left in the shell to produ
e su�
iently strong absorption lines and the 
olumn

densities are already marginal.

6.4 An Alternative Model

It remains un
lear whether the nova shells themselves 
an be responsible for the 
ir
umstellar ab-

sorption lines in Type Ia supernovae. The observed 20 per 
ent ex
ess in blue-shifted lines (Sternberg

et al., 2011; Maguire et al., 2013) is strong eviden
e for a pre-supernova out�ow. Furthermore, there

has been no dete
tion of 
ir
umstellar absorption 
andidates in ellipti
al galaxies. While su
h sta-
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tisti
al arguments say little about an individual supernova, they 
an provide insights based upon a

sample supernovae.

These two arguments appear to be dis
repant with ea
h other. (Maguire et al., 2013) suggest

that this may be due to di�erent progenitor 
hannels produ
ing the supernovae in the di�erent

galaxy types, sin
e the supernovae in ellipti
als 
ome from older stellar populations. Alternatively,

the explanation may be that the lo
al interstellar medium has a role to play in formation of the

lines. As the interstellar medium is di�use in ellipti
al galaxies, its e�e
t on the mass-loss is likely to

be negligible. However, a shell will form as the wind or novae sweeps up the more dense interstellar

medium found in spiral galaxies.

In this se
tion long term e�e
ts of the re
urrent novae on the 
ir
umstellar medium are 
onsidered

using a simple model. Although a one-dimensional model greatly over simpli�es the dynami
s, it


an 
apture the main features of the evolution. For this purpose, the novae are modelled as a

one-dimensional wind, with mass loss equal to the total mass loss rate from the symbioti
, Ṁ =

10−7M⊙ yr−1
. The velo
ity is set by momentum 
onservation as the novae sweep up the red-giant

wind. Therefore, v = 350 km s−1
sin
e the nova mass is 10 per 
ent of the wind mass. The

interstellar medium is taken to be a uniform gas with nH = 1cm−3
and T = 200K. Atomi
 
ooling

for T > 104 K has been in
luded using the 
ooling 
urves from Sutherland & Dopita (1993).

The re
urrent nova phase is taken to be the lifetime of the symbioti
 phase, whi
h is roughly

105 yr. The evolution of the shell is shown in Fig. 6.9. As the sho
k sweeps up the interstellar

material, the sho
k slows from 350 km s−1
to 15 km s−1

by 105 yr. The density in the swept up

interstellar medium is su�
ient to 
ool it to 104 K, but the novae remain hot. Sin
e atomi
 
ooling

be
omes ine�
ient at 104 K the in
lusion of mole
ular 
ooling is required to understand whether the

gas 
an 
ool further. Rayleigh-Taylor instabilities at the 
onta
t dis
ontinuity will indu
e density

perturbations and further enhan
e the 
ooling.

Assuming the thi
kness of the nova shells δr/r = 0.1 and 
omparing the sound 
rossing time

in the sho
ked nova shells, ts = δr
cs

≈ 1017 cm
100 km s−1 ≈ 3 × 104 yr, to the re
urren
e time, tr ≈ 20 yr,

suggests that approximating the novae as a smooth wind will underestimate the density in the

sho
ked novae. Sin
e the 
ooling times
ale at 106 K, tcool ≈ 5 × 104( cm−3

nH
) yr, the novae will not
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Figure 6.9: Long term evolution of the intera
tion between the novae and the interstellar medium.

The 
urves show the parameters at 0, 0.2, 0.4, 0.8 and 1×105 yr. The swept up interstellar medium

rapidly 
ools to 104 K, after whi
h atomi
 
ooling be
omes ine�
ient.


ool to 104 K even if the density is a fa
tor of 10 higher. However, 
lumps that form as the novae

sweep up the red giant wind may be su�
iently dense to 
ool within 105 yr.

The 
olumn depth through the sho
ked interstellar medium is 1018 cm−2
at 2 × 104 yr and

3× 1018 cm−2
by 105 yr, whi
h assuming solar metalli
ity (Asplund et al., 2009), 
ould explain the


olumn depth in sodium seen in Type Ia supernovae (NNa ∼ 1012 cm−2) as long as the shell 
an


ool su�
iently.

The velo
ities in the shell, vs ≈ 20 km s−1
, are lower than those typi
ally seen in Type Ia

supernovae, whi
h are 50 to 100 km s−1
. The di�eren
e 
ould be explained if the supernova explodes

a few 103 yr after the start of the symbioti
 phase, or with a slightly lower interstellar medium
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density. Observationally, the most signi�
ant di�eren
e would be the larger distan
e between the

supernova and the shells, with would mean that little or no variation of the lines would be expe
ted.

Perhaps the biggest di�
ulty 
omes from the assumption that the red-giant wind phase starts

at a similar time to the nova phase. If there was a signi�
ant delay the wind may 
lear the region

around the binary, and the novae would expand more freely be
ause there would be less mass within

the region. This would result in a larger velo
ity for the nova shells; however, the red-giant wind

would not be dense enough to 
ool 
onsiderably as it is swept up by the novae.

Another 
ase of interest are systems like U S
orpii, whi
h undergo frequent re
urrent novae but

has a sub-giant or main sequen
e 
ompanion. In these 
ases a red-giant wind would not be present

and the novae will intera
t dire
tly will the interstellar medium. However, the late time evolution

is likely to be similar to the 
al
ulation presented here, sin
e the nova dominates the momentum,

whi
h drives the evolution. On the other hand, if the mass-transfer is su�
iently non-
onservative

then a dis
-like out�ow similar to the symbioti
 
ase would be expe
ted, but with higher velo
ity,

although this will have little e�e
t on the e�e
tive velo
ity used in these 
al
ulations.

Observations of supernova remnants provide support for the swept up interstellar medium as

the origin of the 
ir
umstellar lines. Chiotellis et al. (2013) modelled X-ray emission from Ty
ho's

supernova remnant, suggesting that the 
ir
umstellar environment was modi�ed by a slow wind with

a mass loss rate of 10−6M⊙ yr−1
that has swept the interstellar medium forming a shell. Similar

mass loss-rates were also found for Kepler's supernova remnant (Patnaude et al., 2012) and RCW 86

(Broersen et al., 2014). These observations make a 
ompelling 
ase for the role interstellar medium

in 
ir
umstellar shell formation and the origin of narrow absorption lines.

6.5 Summary

The intera
tion of re
urrent nova shells with the 
ir
umsteller medium has been presented. The

novae are shaped by the a

retion dis
 within the �rst day, resulting in a bipolar out�ow. In the

polar dire
tions the novae rapidly es
ape the 
ir
umstellar medium, while in the plane of the binary

the shells are slowed by the dense out�ow, whi
h is swept up over a few years and forms a dense

waist-like shell. Further novae intera
t within the �rst one, 
at
hing up the waist and driving a
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sho
k through it. In the polar dire
tion the intera
tion leads to a more 
lumpy shell, whi
h is also

at lower velo
ity than the �rst.

The absorption line evolution after the novae is governed by re
ombination and dilution as

the shells expand. Components at velo
ities higher than 700 km s−1
are too dilute too be seen

by the time they re
ombine, and at higher in
linations velo
ities v & 400 km s−1
are 
ompletely

absent. As the shells evolve the higher velo
ity 
omponents weaken further, but strong absorption

at v . 250 km s−1
remains. These velo
ities are larger than the shell seen in RS Oph, but the

di�eren
e supports the idea that the mass loss from the red giant is 
loser to 10−6M⊙ yr−1
.

The evolution of the lines during the a supernova are 
onsistent with some of the features seen

in SN2006X. The highest density material is at the lowest velo
ity, whi
h re
ombines the fastest

and produ
es the strongest line pro�les. Ab initio 
al
ulations suggest the re
ombination times
ale

is longer than that seen in SN2006X, but in
lusion of a �lling fa
tor f ∼ 10−2

an a

ount for

the di�eren
e. Similarly, the nova shells may be narrower than those simulated, whi
h 
ould also

a

ount for the re
urren
e time.

Sin
e the distan
e to the dense waist of the nova shells is only 3× 1015 cm, the shell is qui
kly

swept up by the supernova, disappearing on times
ales of 20 to 50 days, depending on in
lination.

To explain the 
omponents that are still visible after 150 days, multiple novae or a longer re
urren
e

times are needed, although even then it is not 
lear whether the 
omponents 
ould be seen.

The long term evolution of the intera
tion between the shells and the lo
al interstellar medium

may provide another way to explain the absorption lines. A one-dimensional model shows that the

intera
tion would form a shell at 1018 to 1019 cm after 104 to 105 yr. This shell is dense enough to


ool within a few 104 yr, and may be able to explain the absorption lines. The large distan
e would

produ
e a 
omponent that does not vary with time, and the low density in the interstellar medium

in ellipti
al galaxies would be able to explain the la
k of absorption seen in supernovae in these

galaxies.

A model based upon the long term mass loss from the progenitor will not be too sensitive to the

details of the out�ow. As long as the times
ale is appropriate, then the density in the interstellar

medium 
ontrols the ability of the shell to 
ool and therefore the presen
e or absen
e of the lines.
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Furthermore, the model is not too reliant on a red-giant wind in between the novae be
ause the

interstellar medium shell velo
ity is 
ontrolled by the momentum, whi
h is dominated by the novae.

Although the velo
ity produ
ed by the long-term evolution s
enario is only v ∼ 20 km s−1
, the

model o�ers an explanation as to why the blue-shifted features are not seen in SN Ia hosted by

ellipti
al galaxies.



Chapter 7

Con
lusions and Outlook

The environment around Type Ia supernova progenitors provides interesting prospe
ts for determin-

ing the nature of the system prior to the explosion. Spe
i�
ally, the presen
e of a non-degenerate,

possibly hydrogen-ri
h 
ompanion star at the time of explosion; and mass-loss prior to the explosion

provide ways to determine if the progenitor system was single degenerate. In this work we have

investigated the nature of the 
ir
umstellar medium prior to the explosion and the signatures of

su
h an environment for single degenerate progenitors.

In Chapters 3 and 4 we investigate the dynami
al intera
tion of a supernova with its 
om-

panion and the surrounding interstellar or 
ir
umstellar medium. We use physi
ally motivated

model stars, in
luding a sub-giant that 
ould give rise to a Ty
ho-G like star after explosion

(Kerzendorf et al., 2009) and a red giant, 
hosen to mat
h the parameters of RS Oph, whi
h is

a symbioti
 system and a re
urrent nova that harbours a white-dwarf 
lose to the Chandrasekhar

mass (e.g. Sokoloski et al., 2006; Brandi et al., 2009).

Both of these 
ompanion stars have the majority of their envelopes stripped by the supernova,

sin
e both stars have extended, relatively weakly bound envelopes, a result that agrees with previous


al
ulations involving giant stars (Marietta et al., 2000), and agrees surprisingly well with analyti


theory (Wheeler et al., 1975). The stripped material in both systems remains at low velo
ity relative

to the supernova, dominating the mass fra
tion for v . 2000 km s−1
, but a small fra
tion of the

stripped 
ompanion material is found at high velo
ity, representing 0.2 per 
ent of the total material

133
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at 104 km s−1
.

We present a simple model for the Hα emission from the stripped 
ompanion material, based

upon the detailed stru
ture 
al
ulated from the simulations. The stripped hydrogen material is most

dense in the 
entre of the supernova, whi
h di�ers 
onsiderably from the uniform 
ores used in previ-

ous models that typi
ally only extend to 1000 km s−1
(Mattila et al., 2005; Lundqvist et al., 2013).

While our models produ
e lower luminosities for the uniform 
ores, we �nd that the realisti
 density

pro�les result in typi
ally broader line pro�les, extending up 10, 000 km s−1
depending on viewing

angle. We also �nd that realisti
 density pro�les produ
e more luminous Hα emission. However, as

the lines are 
onsiderably broader than previous 
al
ulations, the 
urrent observational limits may

be less stringent.

As the supernova ages, intera
ting with the surrounding interstellar or 
ir
umstellar medium it

be
omes a supernova remnant (SNR). We �nd that the hole in the eje
ta survives the intera
tion

with the interstellar medium, at least until the age of Ty
ho's SNR (∼ 440 yr). This agrees with

the s
hemati
 2D models that have been 
ondu
ted in the past (Gar
ía-Senz et al., 2012). As the

reverse sho
k is rea
hing the iron-ri
h eje
ta by the age of Ty
ho's SNR we 
on�rm the suggestion

that the Fe Kα line tra
es the reverse sho
k (Warren et al., 2005).

Our models produ
e a broken ring for the reverse sho
k, as has been observed in Ty
ho's SNR

(Warren et al., 2005). If the observed stru
ture is indeed 
aused by the asymmetry introdu
ed by

the supernova-
ompanion intera
tion, then the relatively large size of the observed hole suggests

a higher mass 
ompanion, M ∼ 2M⊙, 
onsistent with the slow AGB winds suggested by X-ray

modelling (Chiotellis et al., 2012). This model 
an be tested in a number of ways. Firstly, any

remnant of the 
ompanion star should be moving approximately perpendi
ular to the dire
tion of

the hole. Se
ondly, the hole should be �lled with relatively low density hydrogen ri
h material,

giving rise to di�erent X-ray emission properties. It is known that the emission in the region of

the hole is di�erent (e.g. Hayato et al., 2010); however, it needs to be 
on�rmed whether this is


ompatible with hydrogen ri
h material.

Furthermore, while the low density will mean the emission is weak, X-ray models suggest using

a slow AGB wind that is 
on
entrated in the binary plane and produ
es higher densities in the hole.
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These models produ
e ellipti
al remnants, whi
h sin
e Ty
ho's SNR is spheri
al would suggest that

Ty
ho's SNR is aligned along the binary axis and that motion of a surviving 
ompanion star should

be in the plane of the sky. In addition, the density gradient along the line of sight produ
es multiple

sho
ks in the region of the hole, whi
h have been observed. However, these 
ould also be explained

by stru
ture in the interstellar medium.

In 
hapters 5 and 6 we 
onsider the detailed stru
ture formed as re
urrent novae intera
t with a

slow wind from a binary. The models are 
hosen to represent RS Ophiu
hi, a symbioti
 system and

potential Type Ia supernova progenitor. We �nd the wind is 
on
entrated in the binary plane, and

with su�
ient 
ooling an a

retion dis
 forms. The a

retion dis
 extends to 1013 cm and is ellipti
al,

whi
h may explain why previous attempts to model the hot 
omponent have been unsu

essful. We

�nd that the a

retion dis
 survives the passage of the novae, but drives a wind from its surfa
e

on
e the shell has passed. As the novae sweep up the wind, the shell be
omes bipolar and 
lumpy,

with multiple velo
ity 
omponents along a given line of sight.

In order to explain the 
ir
umstellar metal lines seen in RS Oph, the mass-loss should be

signi�
antly higher 10−7M⊙ yr−1
in order for there to be su�
ient mass 
lose to the binary to

prevent the white dwarf ionizing the entire system. We �nd quies
ent line pro�les produ
ed in

the wind that are stable, similar to those observed, albeit at lower velo
ity. We also �nd that the

�ow in
ludes a polar 
omponent that is falling ba
k onto the white-dwarf, whi
h 
an explain the

red-shifted 
omponents to the observed absorption lines.

On
e the super-soft sour
e phase of the novae ends, we �nd absorption line pro�les that weaken

and slow down as time progresses. If su
h behaviour is observed, then it would be strong eviden
e

for the 
ontribution from nova shells. As well as lower velo
ity 
omponents that form in the shell,

there is also high velo
ity material that may also be dete
table.

While the dete
tion of the nova shells through absorption lines is possible for re
urrent nova

systems, the high ionizing �ux from a supernova may mean that the shells are not observed in

Type Ia supernovae, even if they are present. Despite this, the simulations produ
e a number of

features observed in SN 2006X. Firstly that the low velo
ity 
omponents are strongest and form in

the densest material, and are also 
losest to the 
entre of the system, thus disappear �rst when the
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supernova sweeps them up, so SN 2006X may represent an extreme 
ase of mass-loss prior to the

explosion.

Even if individual novae are not the explanation for the absorption lines seen in some SN

Ia, the pile up of nova shells as they sweep up the interstellar medium or a slow wind may be

able to. The 
ombined shells have mu
h greater mass, but typi
ally lower velo
ities and greater

distan
es, and may be able to explain an ex
ess of time-independent blue shifted absorption lines

(Maguire et al., 2013). Furthermore, if the interstellar medium plays a role in the pile up of the

shells, then it would explain why no 
ir
umstellar absorption lines have been dete
ted in SN Ia that

o

ur in ellipti
al galaxies.

There remain a number of di�
ulties for the single-degenerate model for Type Ia supernovae,

in
luding the possibility of dete
table hydrogen emission and that in the 
ase of some nearby su-

pernovae giant 
ompanions should have been dire
tly observable in pre-explosion images. However,

the 
ir
umstellar environment from single-degenerate progenitors o�ers some interesting solutions

to other problems, like the X-ray emission from SNRs or the origin of absorption lines. Therefore,

we see the environment around supernovae 
ontinuing to be 
omplimentary to dire
t modelling of

the explosion, the stru
ture of the supernova and its nu
leosynthesis.

7.1 Further work

The nature of SN Ia progenitors remains divided, and further investigation is 
learly required to

help resolve the situation. Based upon what we have learnt in this thesis we suggest some extensions

that would help to resolve some of the issues.

Detailed modelling of the emission lines from stripped 
ompanion material using multidimen-

sional models that in
lude the appropriate stru
ture are 
learly important for assessing the de-

te
tability of this material, and that for the 
ase of hydrogen an a

urate treatment of Lyman α is


riti
al for determining the luminosity. Looking for broader emission lines may help to rule out, or


on�rm the presen
e hydrogen ri
h material in the nebular phase, while deep X-ray observations of

young supernova remnants may also be able to 
on�rm the presen
e of any su
h material.

Our understanding of the 
ir
umstellar stru
ture in symbioti
 novae 
ould be enhan
ed by
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simulations that in
lude either radiative a

eleration, or dis
 winds driven from the a

retion dis


around the white-dwarf. The 
ombination of binary wind 
al
ulations and a

retion simulations


ould help to determine the nature of a

retion in symbioti
 systems, whi
h 
ould help us learn

more about the novae and the mass of the white dwarfs hosted.

Long-term 
al
ulations of the evolution novae would help to elude the prospe
ts for the formation

of absorption lines from the pile up of winds or nova shells. If su
h 
al
ulations 
an reprodu
e the

absorption lines, then the two separate observations of the supernovae and their remnants would

provide strong eviden
e for the single-degenerate model.

Finally, a natural extension of the work would be to 
over a broader range of progenitor s
enarios.

By understanding how ionization from the supernova a�e
ts its environment, the 
ir
umstellar

densities and mass required to produ
e the observed lines 
ould be determined. This would help

to extend the tests to a variety of stellar models, helping to produ
e an unbiased pi
ture of the

progenitors of SNe Ia.
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